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The Photosphere of the Sun. 

By 

Leo Goldberg and A. Keith Pierce 1 . 

With 27 Figures. 


I. The continuous spectrum. 

1. Introduction. An empirical model of the photosphere rests on observations 
of: (1) the solar constant—which fixes the temperature scale, (2) limb darkening— 
from which the variation of temperature with depth throughout the atmosphere 
is determined, and (3) the energy distribution—which, together with limb darken¬ 
ing, reveals the opacity at each depth and for each wavelength. 

All the basic observational data for a satisfactory interpretation of the physics 
of the solar atmosphere were available shortly after the turn of the century. 
By 1905 Abbot had clarified the causes of the disagreement among different 
observers in the determination of the value of the solar constant—values which 
varied all the way from 1.75 to 4.0 calories cm -2 min -1 . He showed that the 
diversity of solar constant values was not due to the use of inadequate instru¬ 
ments but was caused by a lack of an international scale of pyrheliometry and 
most particularly by failure of the extrapolation by empirical formula to zero 
air mass. Abbot’s early value of 2.1 cal cm -2 min -1 is within a few percent of 
today’s accepted figure. 

The first monochromatic limb darkening measures were obtained by Vogel 
(1873) and by Very (1902). As so often happens in astronomy, the construction 
of new and much more sensitive detectors permitted Abbot, Fowle and Aldrich 
(1900 to 1922) to extend and improve greatly upon Vogel and Very's results. 
The Smithsonian observers, in an attempt to detect a variation of limb darkening 
with time, obtained thousands of center-to-limb traces at 22 wavelengths, distri¬ 
buted between XX 323O— 20 970 A. Schuster in 1903 and Schwarzschild in 
1906 were the first to provide an explanation of the limb darkening observations, 
based on the concept of a solar atmosphere absorbing and reemitting radiation. 
Parenthetically, the existence of this atmosphere was known at a very early date 
from its Fraunhofer spectrum (Kirchhoff and Bunsen, 1859 to 1862), but it 
was not considered to affect the continuum. 

An accurate determination of the energy distribution in the Sun’s spectrum 
resulted from the work started by Wilsing (1905) at the Astrophysical Observa¬ 
tory in Potsdam, and by Langley (1883) at the Allegheny Observatory, and at 
the Smithsonian Institution, Washington. Wilsing compared the ratio of the 
Sun’s intensity to that of a black body in the interval XX 4500—21 000 A. In the 
visible portion of the Sun’s spectrum he found that the energy distribution 
corresponded to a color temperature of 6300°. The Smithsonian work followed 
as a byproduct of the solar constant determinations. To carry out Langley’s 
program Abbot, Aldrich and Fowle (1908) obtained holograms (XX 3400— 

1 Chap. I: The continuous spectrum was written by Pierce; Chap. II: The Fraunhofer 
spectrum by Goldberg. 
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24 000 A) at different air masses, and from these computed the extraterrestrial 
energy curve of the Sun. 

It is the purpose of this chapter to outline in a rather brief manner the present 
status of the observational work on photospheric radiation and to discuss a few 
of the observational models of the solar atmosphere. For the reader interested 
in the theoretical models. Refs. [1] to [5] and the paper by D. Barbier in Vol. L 
of this Encyclopedia may be consulted. 

a) Solar constant 1 . 

2. Langley’s method; Smithsonian results. Langley considered the observation 
of the amount of heat the Sun sends to the Earth as one of the most important 
and difficult problems in astronomical physics, and also the fundamental problem 
of meteorology. The measurement of the solar constant requires special instru¬ 
ments: one that measures the total radiation in absolute units and one that 
measures the atmospheric losses 2 . In 1838 Pouillet devised a radiation calori¬ 
meter which he called a pyrheliometer. In its modern version by Abbot, it con¬ 
sists of a blackened silver disk 28 mm in diameter and 7 mm thick, drilled to receive 
a sensitive thermometer. The temperature rise during a 2-minute interval is 
taken as a measure of the incident energy. While the silver disk pyrheliometer 
is one of the most accurate and reliable of available instruments, it is not in 
itself an absolute instrument. Each instrument, however, is calibrated and is 
supplied with a constant that converts the observations to the absolute Smith¬ 
sonian scale of 1913 . The latter was established by use of the standard water- 
flow pyrheliometer of Abbot and Aldrich. 

Radau and Langley showed that Bouguer’s law of absorption applied to 
observations of high and low Sun, and that linear extrapolation to zero air mass 
was possible if limited only to a single wavelength. Thus it became evident that 
the solar constant could not be determined from pyrheliometer observations 
alone; separate measurements at each wavelength are required in order to eva¬ 
luate the atmospheric losses. The equation. 

In I x = H x sec Z + In I ka , (2.1) 

relates the incident intensity I xo to the observed intensity I - A . The optical 
path length is the equivalent height of the atmosphere H, times the secant of 
the Sun’s zenith distance—corrected for refraction and curvature of the atmo¬ 
sphere at low solar altitudes (<10°). The coefficient of sec 2 is variable with 
time, but at excellent observing locations the use of Eq. (2.1) for the reduction 
of a day’s observations can give I > a with an error of less than J of 1 %. 

Langley employed the spectrobolometer to observe I k . Since the spectro- 
bolometer was not sufficiently stable, and could not be calibrated with sufficient 
accuracy, Langley normalized each hologram through concurrent pyrheliometer 
observations. Thus, the spectrobolometer has served only to give the relative 
energy at each wavelength, to perform the extrapolation to zero air mass, and to 
define the areas of the water vapor, ozone, and C0 2 absorptions. The Smithsonian 
holograms extend from O .346 to 2.4 p while the pyrheliometer observations cover 
the region receivable through the atmosphere: 0.295 to about 25 p- Hence, in 

1 Treated also by F. Moller, Vol. XLVIII, p. 182 of this Encyclopedia. 

2 E.g. the detailed accounts and references of B. Stromgren: Handbuch der Experi- 
mentalphysik, Vol. 26. Leipzig: Akademische Verlagsgesellschaft 1937- — C.W. Allen: 
The Sun, ed. Kuiper. Chicago: Univ. of Chicago Press 1953. — A discussion by R. R. McMath 
and O.C. Mohler of solar instruments and accessories is to be found in Vol. LIV of this 
Encyclopedia. 
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order to equate the integrated spectrobolograms obtained at each solar altitude 
to the pyrheliometer values, small corrections are added to the integrated curves 
to account for the unobserved ultraviolet and infrared regions. These corrections 
depend upon the solar altitude and the water vapor content of the atmosphere 
at the time of observation. The band absorption and the effects of dust and 
Rayleigh extinction are removed by the extrapolation of the normalized holo¬ 
grams to zero air mass. To the integrated zero air mass holograms the Smith¬ 
sonian observers add theoretical estimates of the energy radiated by the Sun 
to the violet of 0-346 p and the red of 2.4 p. These estimates amount to 3.1 and 
2 . 0 % of the value of the total solar constant for the ultraviolet and infrared 
respectively. 

The Smithsonian observers 1 conclude from their extensive observations and 
intercomparisons between instruments that the most probable absolute value 
of the mean solar constant is: 

1.940 cal cm" 2 min -1 . 

3. Solar constant based on new solar spectral irradiance data. A critique of 
the Smithsonian reductions has been given by Johnson 2 . From the ground, 
radiation from the Sun at wavelengths less than 0.295 p cannot be observed, 
and we are unable to predict the energy in this region of the spectrum from astro- 
physical theory. Only direct measures from high altitude rockets can supply 
the necessary data. By use of V-2 rockets, N.L. Wilson et al . 3 obtained cali¬ 
brated ultraviolet spectra which, on a relative scale, were considered accurate 
to ± 5 % • A relative spectral irradiance curve above the atmosphere and for the 
region 0.22 to 0.60 p was obtained by fitting the rocket data to the spectral irra¬ 
diance curve at 0 . 3 IS p of Dunkelman and Scolnik 4 . Finally, Moon’s 5 data 
were used to extend the curve to 2.4 p. The resulting relative energy distribution, 
integrated over the restricted interval 0-346 to 2.4 p, was then put on an absolute 
scale by using the Smithsonian results. Johnson’s values for the solar energy 
distribution are given in Table 4. The first column gives the wavelength in 
microns; the second lists H M , the mean zero air mass spectral irradiance in watts 
cm -2 micron -1 ; P is the percentage of the solar constant short of wavelength a. 

In the ultraviolet, the U.S. Naval Research Laboratory curve led to a 1.24% 
larger zero air mass correction than that used by the Smithsonian Institution. 
In the infrared, Johnson concluded that the Smithsonian observers failed to 
recognize the great absorbing power of small amounts of water, which would 
produce a sharp upturn in the extrapolation to zero air mass. Further he also 
assumed that the Sun radiates as a gray body in the region beyond 2.4 p, with 
temperature 6000° K, emissivity 0.990. In all, a value O.O 38 cal cm -2 min -1 
greater than the Smithsonian Institution zero air mass correction was derived. 

Johnson’s final value is: 

(2.00 J; 0.04) cal cm -2 min -1 . 

4. Rocket and balloon results. Observations from high altitudes offer the 
greatest possibility of determining the precise value of the solar constant. A 

1 L.B. Aldrich and W.H. Hoover: Ann. Astrophys. Obs. Smithsonian Inst. 7, 176 
(1954). 

2 F. S. Johnson: J. Meteorology 11, 431 (1954).- —Rapport de la Commission pour l'etude 
des Relations entre les Phenomenes Solaires et Terrestres. Paris: J.&R. Sennac 1957. 

3 N.L. Wilson, R. Tousey, J.D. Purcell, F. S. Johnson and C, E. Moore: Astrophys. 
Journ. 119, 590 (1954). 

4 L. Dunkelman and R. Scolnik: J. Opt. Soc. Amer. 42, 876 (1952). 

5 P. Moon: J. Franklin Inst. 230, 583 (1940). 


1 * 
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determination of the atmospheric extinction is not required, and the infrared 
and ultraviolet corrections are zero, if the observations are made above about 
50 km. Experiments made by A.L. Quirk, based on telemeter information from 
semi-conductor bolometers recessed in the nose of an Aerobee rocket flown 
May 25, 1950 at an altitude of 70 km, gave maximum readings between I.99 and 
2.02 cal cm" 2 min -1 . 

Because of the failure of rockets in later flights, attempts were made to deter¬ 
mine the solar constant with weather bureau global pyrheliometers suspended 
by a long cable below plastic balloons 90 feet in diameter at 90000 feet. Three 
flights in 1954 gave tire values 1 2.02, 1-995 and 2.01 cal cm -2 min" 1 based on the 
Smithsonian scale of pyrheliometry of 1913. When reduced by 2.4% to bring 
the values to the true scale, the mean balloon value is 1.96 ±0.03 (estimated 
accuracy) cal cm" 2 min -1 or 1 % greater than the most probable value 1.940 cal 
cm" 2 min" 1 adopted by the Smithsonian observers. It is clear that further work, 
both at the ground and at high altitude is desired. 

5. Variations in the solar constant. A correlation between sunspot numbers 
and the solar constant has been suggested by Aldrich and Hoover 2 . From 
their tabulation the solar constant increased by 0.6% at sunspot maximum (1948) 
over the value at sunspot minimum (1944). 

If the solar constant should vary, either because of changing temperature 
or because of sunspots and their associated plage areas, one would expect the 
range to be greater in the ultraviolet than at longer wavelengths. Of the several 
attempts to measure the ultraviolet variability we mention Pettit’s 3 observations 
extending from June 1924 to October 1931. Pettit compared the zero air-mass 
ratio of intensities, 7(0-32 p)//(0.50 p), observed through thin silver and gold 
films. This ratio varied from 0.95 to 1.57 during the period and, except for one 
year, correlated well with the sunspot curve. 

The possibility of detecting long range variations in the solar constant through 
differential measures of the brightness of planets or their satellites versus stars 
has long been known to astronomers. In 1927 modern photoelectric techniques 
were used by Stebbins and Jacobsen 4 5 in their observations of Jupiter’s satel¬ 
lites and the planet Uranus. From observations made on 47 nights, they con¬ 
clude that there was no change in the solar constant large enough to be detected: 
about ±0-33%. A more recent attempt by Hardie and Giclas 6 showed that, 
in the interval 1949 to 1954, any variation in the solar constant, as reflected by 
the measures of Uranus and Neptune, was probably smaller than 0.4%. The 
extension of this work by Mitchell, who compared the observations obtained 
in the interval October 1956 to June 1957, with those obtained in October 1954 to 
June 1955, and in October 1955 to June 1956, indicated a variation in the energy 
of the Sun, in blue light, of about 0.4% per year; but this was only a little greater 
than the probable error of the measurements 6 . One is impressed by the very 
small variability in the Sun’s energy output. Probably in the monochromatic 
wavelengths of Ha or La the variation is large, but the fundamental work of 
Abbot certainly shows that the variation in the solar constant is small—so small 
that it approaches the limit of detection. 

1 A.L. Quirk: Final Report-contract AF 19 (122) —249 of Geophys. Res. Directorate 
Univ. of Rhode Island, Dept, of Physics 1955 . 

2 L.B. Aldrich and W.H. Hoover: Ann. Astrophys. Obs. Smithsonian Inst. 7 (1954). 

3 E. Pettit: Astrophys. Journ. 75, 185 (1932). 

1 J. Stebbins and T. S. Jacobsen: Lick Obs. Bull. 8, 180 (1928). 

5 R.H. Hardie and H.L. Giclas: Astrophys. Journ. 122, 460 ( 1955)- 

6 E.C. Slipher: Astronom. J. 62, 296 (1957). 
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b) Observed limb darkening. 

6. The integral relating the source function and the observed intensity. As 
Milne 1 emphasized, the darkening of the Sun’s disk toward the limb “is a con¬ 
sequence simply and solely of the temperature gradient in the outer layers”. 
The intensity at the limb is less than the intensity measured at the center of the 
solar disk because of the inwardly increasing temperature and because radiation 
from a semi-transparent atmosphere originates, in the mean, at the same optical 
depth along the line of sight. Consider radiation leaving the surface of an atmo¬ 
sphere consisting of plane parallel layers. The observed brightness I x (0, fi) in 
the direction arc cos (x , in units of the brightness observed in the normal direc¬ 
tion, is given by a summation of the source functions for the elements at depths r f , 
diminished by extinction of overlying layers, namely: 


-Ci(o. /*) 
h(o. 1 ) 


OO 

= I* (0»i«) — J B* (tj) e 


0 



( 6 . 1 ) 


Here we have expressed the source function 




in units relative to the surface brightness in the normal direction. The use of 
the optical depth r x in place of geometrical depth % conceals a large amount of 
information. But if the absorption coefficient k x (x) be known then the geo¬ 
metrical depth x can be found from 

0 

r x = fk x (x)dx. (6.2) 

The many solutions of these equations, for the source function representing the 
solar atmosphere, are discussed later. 

7. Observations outside of eclipse. The earlist extensive work on limb darken¬ 
ing was that of Abbot, Fowle, and Aldrich 2 . Their Washington observations 
(1906 to 1908) were obtained with a horizontal telescope of 20 inches aperture 
and 140 feet focal length fed by light from a 17-inch aperture coelostat, and a 
12-inch aperture fixed mirror. In their work at Mount Wilson, a tower served as 
mounting for coelostat and telescope. The image was formed by a 12-inch dia¬ 
meter, 75-foot focal length mirror used off-axis. In 1913, 577 drift curves were 
obtained at 7 different wavelengths. These observations were extended through 
1920. By stopping the coelostat drive, the Sun’s image was made to drift along 
a diameter and over the spectrobolometer slit which had a length of 2.1 cm and 
widths from 0.2 to 2.0 mm. The drift technique has great advantages: it eli¬ 
minates errors due to unequal transmission in different parts of the optical 
apparatus; also, observations are made at equal solar altitudes, an important 
gain if they happen to be made in the early morning when the extinction is large, 
but when the seeing is best. There is, however, one disadvantage: since the time 
of traversal is 2-3 min, the response of the recorder must be quick, in order to 
minimize distortion due to its time constant. 

Both the time constant of the receiving system and the finite size of the scann¬ 
ing slit distort the observations of the true center-to-limb variation. Rauden- 
busch 3 attempted to minimize these effects by recording with a wire electrometer 


1 E.A. Milne: Handbuch der Astrophysik, Vol. 3- Berlin: Springer 1930. 

2 C. G. Abbot, F. E. Fowle and L. B. Aldrich : Ann. Astrophys. Obs. Smithsonian Inst. 
2 (1912); 3 (1913); 4 (1914). 

3 H. Raudenbusch: Astronom. Nachr. 266, 301 (1938). 
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with a very short time constant, and by using a slit width 1 / 900 of the Sun’s 
diameter. His horizontal telescope gave a solar image 18 cm in diameter. Measure¬ 
ments were obtained at XX 0 . 426 , 0 . 506 , 0.596, and 0.670 ij. with a small prism 
apparatus and Cs and K photocells. A very marked asymmetry in brightness 
was found between east and west limbs. 

Canavaggia and Chalonge 1 employed photography and a high dispersion 
quartz spectrograph to obtain values of the limb darkening in the ultraviolet 
(XX 3149—3692 A). They were able to select 25 regions of the continuum relatively 
free of absorption lines. The exposures were obtained with the spectrograph 
placed at the focus of an off-axis Cassegrain telescope which gave a solar image 
50 mm in diameter. 

An attempt to observe the brightness distribution at the extreme limb was 
made by Minnaert et al. 2 using the 40-inch refractor of the Yerkes Observatory. 
Photographs were taken only at moments of good seeing. By means of filters 
two effective wavelengths were isolated —X 5593 and X 6245 A. The results, 
covering the interval 0.995 to 0-90 R were fitted at 0.90 R to the mean intensity 
of other observers. This important work should be repeated and extended to 
more wavelengths. 

In the far infrared limb darkening observations were secured in atmospheric 
windows at 3 . 5 , 8 . 3 , and 10.2 p. by Pierce, McMath, Goldberg and Mohler 3 . 
A 24-inch Cassegrain reflector served to form a 5- 4 -inch image of the Sun on the 
slit (7 mm by 0.3 mm) of a Perkin-Elmer spectrometer. The radiation was chop¬ 
ped before reaching the thermo-couple. The resulting AC signal, amplified and 
rectified by a breaker-type amplifier, was recorded on a Brown balancing po¬ 
tentiometer. 

Peyturaux 4 obtained in 1952 to 1 953 an extensive and homogeneous set 
of limb-darkening measures at 25 wavelengths extending from X 3190 to X 23 120 A. 
His observations in the ultraviolet are of particular value because they cover the 
region of the Balmer discontinuity. A small heliostat directed light to a concave 
mirror. The image of the Sun, diameter 30 mm, was scanned in 4 minutes with 
a monochromator slit of aperture 1.5 X0.03 mm. A photo-multiplier and a lead 
sulfide cell were used as detectors, together with a galvanometer for photographic 
recording and a Wilson-type amplifier. 

The Snow telescope at Mount Wilson was used by Pierce 5 in 1952 to obtain 
drift curves at 43 wavelengths in the region X 38 H to X 24388 A. A linear am¬ 
plifier was used in conjunction with a 1 P 21 photomultiplier and a Wilson-type 
amplifier with a PbS cell. Both systems were carefully calibrated. 

Fig. 1 shows the limb darkening as a function of wavelength for fixed points 
on the solar disk, namely cos # = 0.9 to 0 . 2 , where ■& is the angle between the 
normal and the line of sight to the observer. There is excellent agreement between 
Peyturaux and Pierce in the interval X 4000 to X 12000 A, but at longer wave¬ 
lengths Peyturaux’s results are systematically below Pierce’s by about 1 % 
for the limb points. 

8 . Corrections to observed limb-darkening curves. The true limb darkening 
differs from the observed limb darkening because of: ( 1 ) seeing, ( 2 ) scattered 

1 R. Canavaggia and D. Chalonge: Ann. d’Astrophys. 9, 143 (1946). 

2 M. Minnaert, E. v. d. Hoven van Genderen and J. v. Diggelen: Bull. Astronom. 
Netherl. 11, 55 (1949)- 

3 A. K. Pierce, R.R. McMath, L. Goldberg and O.C. Mohler: Astrophys. Journ. 112, 
289 (1950). 

4 R. Peyturaux: Ann. d’Astrophys. 18, 34 (1955)- 

5 A.K. Pierce: Astrophys. Journ. 120, 221 (1954). Only the observations at 26 wave¬ 
lengths to the red of A 7793 have been published. 
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light, ( 3 ) imperfections of mirror surfaces, ( 4 ) diffraction, ( 5 ) optical errors, and 
( 6 ) the use of a finite scanning aperture. One observes limb darkening with a 
complex two-dimensional apparatus function. The atmospheric part consists 



of a sharply peaked "seeing core” together with a wide low-intensity tail due to 
scattered light. The instrumental part consists of a core, the scanning aperture, 
and broad wings resulting from diffraction and instrumental scattered light. 
Let the intensity at different points of the Sun's surface be I(x, y). Then the 
observed intensity is 

*(*o. Vo) =-jf JJ I i x - V) &( x ~ x o ,V~ Jo) dxdy. 


( 8 . 1 ) 
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where N is a normalization factor and 0 the diffusion function. We suppose that 
0 can be written as a sum or product of two or more independent distributions. 
It is generally assumed that the central seeing image can be represented by the 
two-dimensional surface of revolution: 


0, = — e- a <* , +5'*> = — e-^*, (8.2) 

1 n 7i 

while in the scattered light region, 30'<p<5°, 

0 2 = s Q ~ n (8.3) 

where, according to van de Hulst 1 , the value of n varies between 1.2 and 1.8. 
The proper formula for the intermediate region T < q < 30 ' is not known. Probably 
expression ( 8 . 3 ) can be used with n equal to about 2 . 0 . 

a ) Correction jor seeing. The most satisfactory treatment of the effect of see¬ 
ing on limb darkening is that of Minnaert, van der Hoven van Genderen, 
and van Diggelen 2 . They assume that the intensity distribution can be re¬ 
presented by 

IA 0.0) 1 +A,cos# . 

2a ( 0 , 0 ) - 1 +/»„ • k ’ 

By substituting cos § = ]/l — r 2 , and by transferring to the limb with the ex¬ 
pression x = i —r, an approximation yields 

-Tj(O) = A x + B^jx. (8-5) 

Following Wanders, they assume that seeing blurs a point according to a Gauss¬ 
ian distribution: 

j = a L e -*i? + n‘)' ( 8 . 6 ) 

J 71 


Then, if the limb be considered a straight edge, one has for the intensity distri¬ 
bution, modified by the seeing, 

OO +OO 

*(*)=-£ J {A + B]/£)d£ J '+^d v , (8.7) 

0 -00 

which may be integrated over rj to give 


*(*) = V±f ( A + B V^) 

0 


OO 



2 dz- 


t B - I Vw e-(*l , '*-”’) ! dw. 
a * fn J 


( 8 . 8 ) 


Values of the second integral are given in Table 1. A typical plot of this equation, 
which illustrates the effect of blurring of the limb by seeing, is shown in Fig. 2. 
It is found in practice that this system of curves fits the observed limb profile 
very well and thus yields a reliable value of the diffusion constant a. 


1 H.C. van de Hulst: Atmospheres of Earth and Planets, ed. Kuiper, 2nd ed. Chicago, 
Ill.: Chicago University Press 1952. 

2 M. Minnaert, E. van der Hoven van Genderen and J. van Diggelen: Bull. Astro- 
nom. Netherl. 11, 55 (1949)- 
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Table 1. (The distance from the limb is x ■ R, where R is the radius.) 


% ya 

7Vwe-<*l ra - w) 'dw 

0 

xi/a 

T^e-^- w) ‘dw 

0 

- 1-5 

0.014 

+ 0-5 

1.120 

-1.25 

0.033 

+ 0-75 

1.388 

— 1.0 

0.071 

+ 1.0 

1.644 

-0.75 

0.140 

+ 1.25 

1.879 

-0.5 

0.249 

1*5 

2.093 

-0.25 

0.407 

+ 1.75 

2.285 

0.0 

0.612 

+ 2.0 

2.464 

+ 0.25 

0.856 




The difference between the observed limb darkening and the adopted approxi¬ 
mation [Eq. (8.8)] is the error curve c: 

Job. = i(x) + c(x). (8.9) 


When a is known, the methods of Burger and van Cittert 1 or Bracewell 2 
may be used to correct c(x) for diffusion. The true limb darkening, /, is then 
given by 

/ = I + C = A % + -f- C ( x ), (8.10) 

where C is the corrected error curve. 

An accurate estimate of the diffusion con¬ 
stant can be obtained from observations of 
the limb of the Moon at the time of a partial 
eclipse. If a is known, the integral equation 
which relates the true intensity distribution 
I (x) with the observed intensity is 

+oo 

i(x)= J D(y) I(x — y) dy , (8.11) 

— OO 

where D is the diffusion or weighting func¬ 
tion. Eq. (8.11) can be solved by Fourier 
transforms 3 , by Bracewell’s 4 graphical 
method, or by any of the numerous methods 
for solving an integral equation of the first 
kind 5 . 

/?) Correction for scattered light. Abbot 
carefully checked for the effects of stray 
light and sky radiation in his limb-darkening 
measures and concluded that they were of 

no measurable importance. He states that at a point 1.015-R (14" from the 
limb) the intensity is certainly less than 1 % of the intensity at the center 
of the disk. Raudenbusch included the short-range scattering with the seeing 
factor by increasing the dispersion of the latter by j/2 . Peyturaux made 
no mention of scattered light in his observations of limb darkening, possibly 



Fig. 2. The effect of seeing on the limb profile, 
A 5000 A. 


1 H.C. Burger and P.H. van Cittert: Z. Physik 79, 722 (1932). — Z. Physik 81, 428 
(1933). 

2 R.N. Bracewell: J. Opt. Soc. Amer. 45, 873 (1955). 

3 P. B. Fellgett and F. B. Schmeidler: Monthly Notices Roy. Astronom. Soc. London 
112, 445 (1952). 

1 R.N. Bracewell: loc. cit. 

5 H.C. van de Hulst: Bull. Astronom. Netherl. 10, 75 (1946). 
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because a Wilson-type amplifier is non-linear for very small signals and tends 
to conceal the effects of light scattered beyond the limb. Pierce et al. ignored 
the scattered light in their Lake Angelus observations. At shorter wavelengths 
the scattering becomes of greater importance, particularly when the altitude of 
the Sun is low, and in later work by Pierce, at Mt. Wilson, a careful determination 
was made of the scattered light. 

The magnitude of the scattered light, from instrument and from sky, has 
been determined by a number of observers. For the sky alone van de Hulst 1 
finds that the true mean intensity of the aureole 4' from the Sun’s limb (at 
1.25 R) is in one percent. But observations obtained with various solar in¬ 
struments, in which no particular pains have been taken to reduce the scattered 

light within the instrument, give 
much larger results. De Jager 2 , 
Pettit and Nicholson 3 , Kinman 4 , 
Michard 5 , and Pierce 6 are in fair 
agreement. For normal days, the 
observed scattered light is about 2 % 
at 1.010 R (10" from limb) and about 
1% at 1.062 R (60" from limb). Mi¬ 
chard and Pierce find, however, 
that there is a strong dependence 
on wavelength. 

If the radial distribution of scat¬ 
tered light beyond the limb can be 
observed, Kinman ’s graphical method 
may be used to evaulate the con¬ 
stants of the scattering functions 
s(p)=ae~^ e and s(q) = A(B +g a ) -1 . 

Fig. 3. The geometry of Kinman’s method of determining bile limb region of the Sun is drawn 
scattered light (after Kinman). to sca J e anC L divided into Curved 

strips, each having a width propor¬ 
tional to the mean surface brightness, B n . A second system of rings, represent¬ 
ing the scattering, is centered at point p at distance x from the limb, as in 
Fig. 3 . The light which is scattered from the annulus onto its center is 

I { x )« i = SiZ a in B „. (8-12) 

n 

where a lH is the area common to the annulus XJ i and the strip B n , and s t is the 
mean value of the scattering function for zone i. The summation for all zones 
equals the measured surface brightness I(x) at the point p. Kinman selected 8 
annuli about p, and 8 positions x, and solved for the coefficients s f from the set 
of simultaneous equations. The central five zones from q= 0 to n =40" fitted 
the exponential form of s (o ); the outer zones U 6 , U 7 and U a were fitted to the 
inverse power function. For his observations, Kinman found that the total 
surface brightness of the light scattered from an infinite area of unit surface 
brightness was 0.09- This figure corresponds closely to the scattered light at 

1 H.C. van be Hulst: Atmospheres of the Earth and Planets, ed. Kuiper, 2nd ed. 
Chicago, Ill.: Chicago University Press 1952. 

2 De Jager: Rech. Obs. Utrecht 13 (1952). 

3 E. Pettit and S.B. Nicholson: Astrophys. Journ. 62, 202 ( 1925 ). 

4 T.D. Kinman: Monthly Notices Roy. Astronom. Soc. London 113, 613 (1953)- 

5 R. Michard: Ann. d’Astrophys. 16, 217 (1953)- 

6 A.K. Pierce: Astrophys. Journ. 120, 221 (1954). 
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the center of the Sun’s disk and can be considered typical of most observations. 
The graphical method may be used to determine the scattered light at any point 
of the disk of the Sun. The correction to the observed limb darkening is 


*(e) 


li e ) + s(g) 

1 + S (0) 


( 8 . 13 ) 


where s ( 0 ) is the magnitude of the scattered light at the center of the disk. 

y) Correction for slit width and height. A finite scanning aperture introduces 
small errors into the limb darkening curves (see Fig. 4). A straight slit becomes 
a chord and a wide slit covers a large range of intensities near the limb. Rauden- 
busch 1 assumes the limb darkening to be of the form given in Eq. ( 8 . 4 ), which 
can be written as: 

I(x,y) = A-\-B\\ — a 2 — y 2 . (8.14) 


Correction for slit length is made through the integral equation 


h 

i = j-/ I (x,y)dy, (8.15) 
o 

which relates the observed intensity i 
to the true distribution I(x, y). The 
integration of Eq. ( 8 . 15 ) can be per¬ 
formed with the result that 



x 


i (x) = A + ~ ]/l - x 2 ~h 2 - -j (1 - x 2 ) arc sin . (8.16) 

By expanding in powers of h, which is a small quantity, we obtain 


i (x) = A + B 


]/i-x 2 


h 2 


■ + - 


/»2 


and hence in the first approximation 


m 


6]/l 


4 l'l — * 2 12 Vl — * 2 

- * (*) - 


Bh 2 


(8.17) 


(8.18) 


The correction for slit width may be included in the seeing error, as was done 
by Raudenbusch, or may be treated separately. The integral equation to be 
solved is +w 

*» =^7 J I (r+x)dx, ( 8 . 19 ) 

— W 

which is readily evaluated by a series expansion. 

d) Correction for time constant in drift curves. A direct photoelectric determina¬ 
tion of limb darkening is much more accurate than photographic methods except 
possibly near the extreme limb. In the usual drift method, the ascending limb 
is lower and the descending or following limb is higher than the true intensity 
profile because of the time constant of the total recording system. Abeot demon¬ 
strated that this error can be partially eliminated by selecting the center of 
symmetry of the drift curve and by averaging the galvanometer deflections for 
each limb. 


1 H. Raudenbusch: Astronom, Nachr, 266, 301 (1938). 
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If the response of the system to a step function can be found, the general 
problem can be solved 1 . Let the solar radiation incident upon the receiver, when 
converted to units of current, be a function of time, measured from the 

incident limb. Further, let K(t) express the output of the receiver and recorder 
in response to a unit step in i at the receiver. Then, the following equation holds: 

d (t) = i (0) K(t) + fK(t - 1 !*) i'(t*) dt* (8.20) 

0 

where d (t) is the response of the system and i' is the time rate of change of the 
energy incident on the receiver. This integral equation can be solved for i' if 
K(t) is known. The latter is easily obtained from observation by impressing 
step functions on the system. Finally i(t) may be obtained by numerical inte¬ 
gration. 

9. Observations of limb darkening at eclipses. At the time of a solar eclipse 
the Moon, moving at the rate of 0'.' 5 per second of time, acts as an occulting disk. 
It covers or uncovers successive arcs of the Sun’s surface and changes the phase 
of the crescent. Julius 2 observed that the integrated intensity from the crescent 
depends not only on the phase but also on the intensity distribution over the 
Sun’s disk. Furthermore, he was able to develop a theory and to secure observa¬ 
tions which gave the intensity distribution. In principle, the method should be 
most satisfactory at the extreme limb, but the analysis of Minnaert 3 and of 
Evans 4 and the later observational results of others 6-8 , clearly show that the 
irregular profile of the Moon’s limb and the uncertainty introduced into the 
solution by the errors of observation make the method unsuitable for finding 
limb darkening. 

Allen notes that, in the annular phase of an eclipse, the area of the exposed 
Sun is a constant; hence the total light variation is a function only of the limb 
darkening. The availability of annular eclipses for this program have been in¬ 
vestigated by Saito and Hata 9 . 

Schwarzschild 10 suggested the use of cinematography with slitless spectro¬ 
graphs. If sufficient image scale is used, a single point on the limb can be studied. 
Furthermore, results for different wavelengths are obtained. This procedure was 
employed by Lindblad and Kristenson 11 at the solar eclipse of July 9, 1945- 
They used an objective prism before a Zeiss film-camera having a focal length 
of 64 cm—dispersion 3.8 mm H y to He. In the continuous spectrum at A 4100, 
Lindblad and Kristenson found that the intensity at the extreme limb could 
be expressed by 

j(h)=c 1 i O" 2 - 28 *, (9-1) 

at A 4800 by 

_ j(h)=c 2 lo- 1 - 98 * ( 9 - 2 ) 

1 A. K. Pierce, R. R. McMath, L. Goldberg and O.C. Mohler: Astrophys. Journ. 
112, 289 (1950). 

2 W.H. Julius: Astrophys. Journ. 23, 312 ( 1906 ); 37, 225 (1913)■ 

3 M. Minnaert: Monthly Notices Roy. Astronom. Soc. London 89, 197 (1928). 

4 D. S. Evans: Observatory 67, 138 (1947)- 

5 J. G. Ferwerda, J. Uitterdijk and A. J. Wesselink : Bull. Astronom. Netherl. 9, 
81 (1940). 

6 R. A. Richardson and E.O. Hulburt: Astrophys. Journ. Ill, 99 (1950). 

7 K. Osawa: Ann. Tokyo Astr. Obs., Ser. II 3, 53 (1951). 

8 F. J. Heyden, C. A. Beck, D.J. Lovell, W.V. Fussell, J.H. Hancock and E.O. 
Hulburt: Astrophys. Journ. 118, 412 (1953). 

9 K. Saito and S. Hata: Tokyo Astronom. Bull., Ser. II, No. 80, 807 (1956). 

10 K. Schwarzschild: Nachr. Ges. Wiss. Gottingen 5, No. 2 ( 1906 ). 

11 H. Kristenson: Stockh. Ann. 17, No. 1 (1951); 18, No. 5 (1955)- 
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and at X 3660 the coefficient of h is 1 .29, where h is in seconds of arc. Unfortu¬ 
nately, the connection to measures on the disk cannot be made accurately. 

The method employed by ten Bruggencate, Gollnow, and Jager 1 does 
not depend on the total light received, but rather on direct photographs of a 
partial eclipse. Observations made at the eclipse of April 28, 1949, with the 
solar tower at Gottingen (Sun’s diameter 285 mm) gave the intensity distribution 
near the limb as well as the intensity profile of the Moon’s limb. The latter was 
used to correct the solar observations for the effect of seeing. Unfortunately, in 
spite of the obvious advantage of having a well-determined correction for diffusion, 
the observational times cannot be selected for moments of very best seeing. For 
example, in the above work the half-width of the diffusion profile was 2 '.' 6 ; in 
the 1954 eclipse work of Ballario and Godoli 2 the half-width was about 4"; 
in the work of Scheffler 3 a equaled 2'.'5 to 3'.'2. 

It seems likely that the majority of the future work on limb darkening will 
be done with photoelectric techniques because of their high precision and linearity. 
It will be necessary to use coronographic-type optics to reduce instrumental 
scattered light. Furthermore, observations must be made from high altitude 
balloons or rockets to eliminate skylight and seeing factors. The effects of 
granulation can perhaps most easily be determined by photographic means, but 
photoelectric techniques, using scanning apertures as small as O'.'l by O'.'l of arc, 
may also be feasible if the band pass of the monochromator or filter is not too 
narrow. 

c) Observed solar energy distribution. 

10. Observational techniques. A knowledge of I x (r = 0, li = i), the mono¬ 
chromatic intensity radiated by the photosphere into the normal direction, is 
required in order to solve Eq. ( 6 . 1 ) for the source function: Bjf (t) ■ I x ( 0, 1 ). If, 
as is generally assumed, local thermodynamic equilibrium prevails, then we may 
write 

BAr) - /,(0.1) • B* (r) = 2h f (10.1) 

and from this expression derive the march of T with t in the Sun’s atmosphere. 

Many difficulties stand in the way of an accurate determination of / A ( 0 , 1), 
for one must calibrate the spectral transmission of the telescope and spectrometer, 
evaluate the response of the receiver, and extrapolate the observations to zero 
air mass by Langley’s method. Finally, the spectral purity of the observations 
must be determined in order to make the correction for finite resolving power 
in the presence of absorption lines. In the past, two methods have been used 
to obtain the spectral characteristics of the equipment. The first requires that 
one build duplicate instruments and use them in series and separately. When 
used in series T 12 = 7j • T 2 , where T is the transmission at any specific wavelength; 
thus observations separately and in combination will yield either 7j or T 2 . It 
is further required in this method that one use a “black body” receiver or a 
receiver whose spectral response is known. In the second method a standard 
source, such as a black body, is used to calibrate the over-all response of the 
system. In this procedure, however, the great difference in brightness, and in 
spectral distribution, between the standard and the Sun is a major problem. 

1 P. ten Bruggencate, H. Gollnow and F.W. Jager: Z. Astrophys. 27, 223 (1950). 

2 M.C. Ballario and G. Godoli: Mem. Obs. Astrophys. Arcetri 70, 93 (1955). 

3 H. Scheffler: Astronom. Nachr. 282, 49 (1955). — Also E. Lamla and H. Scheffler: 
Z. Astrophys. 40, 93 (1956). 
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Table 2. Observed and computed 
radiation through " windows" in the 
rocket ultra-violet solar spectrum. 
Microwatts cm -2 A -1 


A i 

J (Obs.) 

J (calc. 6000° K) 

2977 

11.6 

9.70 

2913 

10.4 

9.04 

2758 

4-7 

7-48 

2700 

5-2 

6.91 


11. Rocket ultraviolet region. Short wavelength regions of the Sun’s spectrum, 
inaccessible to observers even on mountain tops, were first observed in October 
1946 with instruments flown in V-2 rockets to elevations of 88 km 1 . Recently 2 
first and second order spectra have been obtained with instruments employing 

concave diffraction gratings of 40 cm radius 
of curvature and mirror jaw slits to expand 
the field of view 3 . The intensities throughout 
the spectrum were obtained from calibrated 
exposures using as a standard a carbon arc 
whose spectral intensity distribution was known. 
The structure of the ultraviolet spectrum is 
determined by the great density of Fraunhofer 
lines: few windows exist. The windows at A 2977 
and A 2913, when observed with a resolution 
of 0.3 A, appear to be nearly free of line ab¬ 
sorption. In Table 2 are listed, in the second column, the observed energy in 
microwatts/cm 2 /A and in the third, the calculated values for T = 6000° K, based 

on a solar constant of 
2.00 cal cm -2 min -1 . 

A remarkable spectrum, 
Fig. 16b, showing 30 con¬ 
spicuous emission lines in 
the region977tol8l7A,was 
obtained February 21,195 5 
with an Aerobee rocket, 
fired in New Mexico, USA 4 . 
On this photograph the con¬ 
tinuous spectrum extends 
to about 15 5 0 A with F raun- 
hofer structure visible to 
about 1680 A. It is stated 
by Johnson et al. that the 
emission lines show no limb 
darkening, while the effect 
is conspicuous in the re¬ 
gion of Fraunhofer ab¬ 
sorption. 

12. Energy distribution 
in the ultraviolet. Abbot 5 , 
Pettit 6 , Stair 7 , Stair, 
Johnson, and Bagg 8 , 
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Fig. 5. Spectral distribution of integrated flux of radiant energy from the 
Sun at the Earth's mean distance. The values of Pettit and of Johnson 
(based on the measures of Dunkelman and Scolnik) are for 10mp intervals. 
Stair’s results have a resolution of 1 mg at 300 nip and 3 nip at 530 mg. 
The windows of Wilson et al. were observed with a 0.065 ma resolution. 
Plotted at the top is the relative spectral energy distribution of radiation 
from the center of the Sun’s disk, Ix (0, 1), obtained from the peaks of 
Stair’s curve. 


1 W. B. Baum, F. S. Johnson, J. J. Obekly, C.C. Rockwood, C.V. Strain and R. Tou- 
sey: Phys. Rev. 70, 781 (1946). 

2 N.L. Wilson, R. Tousey, J.D. Purcell, F. S. Johnson and C.E. Morre: Astrophys. 
Journ. 119, 590 (1954). 

3 R. Tousey: The Sun, ed. Kuiper, Chap. 9 . Chicago, Ill.: Chicago University Press 1953. 

4 F. S. Johnson, H.H. Malitson, J.D. Purcell and R. Tousey: Astronom. J. 60, 165 
(1955). — J- Opt. Soc. Amer. 45, 900 (1955)- 

5 C. G. Abbot and others: Ann. Astrophys. Obs. Smithsonian Inst. 2 to 7 (1908, 1913, 
1922, 1932, 1942). 

6 E. Pettit: Astrophys. Journ. 75, 185 (1932); 91, 159 (1940). 

7 R. Stair: J. Res. Nat. Bur. Stand. 46, 353 (1951); 49, 227 (1952). 

8 R. Stair, R. G. Johnson and T.C. Bagg: J. Res. Nat. Bur. Stand. 53, 113 (1954). 
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Canavaggia and Chalonge 1 and Dunkelman and ScoLNiK 2 have determined 
spectral irradiance in the accessible ultraviolet. Like the still shorter wave¬ 
lengths the region is dominated by absorption lines and very little of the 
continuum can be observed. (For example see the list of windows by Canavaggia 
and Chalonge 1 and by Michard 3 ) Fig. 5 illustrates the low dispersion 
profile of the ultraviolet spectrum. The values of Pettit, and of Dunkelman 
and Scolnik, as quoted by Johnson, are in microwatts/cm 2 /l 00 A while the 
values of Stair are for a resolving power 3 to 10 times greater. The effect of the 
absorption lines is clearly revealed. A new investigation of the intensity distri¬ 
bution in the interval XX 3100—38OO A has been made by Thompson at Dunsink 
using a high dispersion concave grating spectrograph [6]. 

Some observers have measured the integrated radiation from the whole disk, 
F ; , while others have measured the intensity of the radiation from the center 
of the disk J A (0, 0). The relationship between the flux and the radiation in the 
normal direction at the center of the disk is simply 


Ll(0, 0) _ frdr 


Fx 

f J ^lrdr 


1 h(o.o) 


( 12 . 1 ) 


an expression first used by Minnaert in his reduction of Abbot’s results. The 
ultraviolet peaks of Stair’s curve, and his curve redward of 4000 A have been 
computed in accordance with Eqs. (12.1), for which values are listed in Table 3. 


Table 3- Ratio of the intensity in the normal direction to the mean intensity. 


A 

A 

IJF 

A 

A 

IJF 

A 

A 

IJF 

A 

A 

IJF 

3200 

1-455 

5500 

1.245 

11 000 

1.125 

21000 

1.070 

3400 

1.414 

6000 

1.225 

12000 

1.118 

22000 

1.068 

3600 

L383 

6500 

1.260 

13000 

1.111 

23 000 

1.067 

3800 

1-395 

7 000 

1.188 

14000 

1.105 

24 000 

1 .066 

4000 

1-395 

7 500 

1.172 

15000 

1.095 

25000 

1.065 

4200 

1.360 

8000 

1.160 

16000 

1.085 

i 4 


4400 

1-330 

8 500 

1.150 

17000 

1.079 

3.5 

1.045 

4600 

1.307 

9000 

1.145 

18000 

1.076 

8.3 

1.024 

4800 

1.289 

9 500 

1.138 

19000 

1.074 

10.2 

1.020 

5000 

1.276 

10000 

1.124 

20000 

1.071 




13. Energy distribution X X 4000 — 25 000 A. Absorption lines crowd the 
spectrum between XX 4000 and 5000 A, but to the redward of the Mg, b group 
at 5180 A their density markedly decreases. By 6000 A many intervals are 
relatively free of line absorption and here the continuum is well established even 
with low dispersion spectrometers. In the region XX 4204—6678 A a specific 
attempt was made by Plaskett 1 to measure the monochromatic intensity at 
selected windows chosen to be as free as possible of Fraunhofer lines. Since his 
spectral resolution was high, the true continuum was closely defined. Mulders 5 , 
who applied corrections for Fraunhofer line absorption to Abbot’s measures, 
obtained good agreement with Plaskett’s curve except in the violet and ultra¬ 
violet where the corrections became large. 

1 R. Canavaggia and Chalonge: Ann. d’Astrophys. 9, 143 (1946). — R. Canavaggia, 
D. Chalonge, M. Egger-Moreau and H. Oziol: Ann. d'Astrophys. 13, 355 (1950). 

2 L. Dunkelman and R. Scolnik: J. Opt. Soc. Amer. 42, 876 ( 1952 ). — Results quoted 
by F. S. Johnson: J. Meteorology 11, 431 (1954). 

3 R. Michard: Bull. Astronom. Netherl. 11, 227 (1950). 

4 H.H. Plaskett: Publ. Dom. Astrophys. Obs. 2, 242 ( 1 923). 

5 G.F.W. Mulders: Z. Astrophys. 11, 132 (1935). 
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Chalonge and his coworkers approached the problem by assuming that in 
the two intervals /U 3700 — 5000 and AA 3200—3700, divided by the Balmer 
limit, separate blackbody color temperatures could be assigned. A plot of log I 
versus 1/A by Canavaggia et al. 1 (the method of gradients) yielded two straight 
lines defined by the windows, the highest maxima of their observations, and 

gave temperatures 7 1 
(A 3700 + ) = 7130° and 
r 2 (A 3700-) = 5900° 
with a Balmer discon¬ 
tinuity / 3700+ // 3 too- = 
0.125- Michard 2 cor¬ 
rected Pettit’s meas¬ 
ures for the influence 
of Fraunhofer lines and 
found satisfactory agree¬ 
ment with Chalonge’s 
and Canavaggia’s spec- 
trophotometric results. 
Michard’s values are: 
color temperatures I\ = 
7270°, T z — 5550°, and 
a Balmer jump D = 
0.14. 

Recently, at the Pic-du-Midi, Labs 3 has made a new series of measurements 
of the profile of the continuous spectrum from A 3300 to A 7000 A and its absolute 
intensity at A 5263. On either side of the Balmer limit Labs finds = 7540° K, 

T 2 — 6225° K and D=0.13. These 
results, obtained with a glass/quartz 
prism double monochromator, rest 
on the known energy distribution and 
calibration of a standard carbon arc 
(temperature: 3949° it 10° K) and on 
atmospheric extinction measures ob¬ 
tained independently with interfer¬ 
ence filters. A comparison of Labs’ 
intensity values with the measures 
of other observers is shown in Fig. 6. 
The probable error in Labs’ solar 
color temperature values is given as 
A ±250°; Chalonge and Canavaggia 
*—*■ quote ±200° for their work. 

Fig. 7. Intensity of the continuum spectrum for the Sun’s 

center and cos & = 0.2. MAKAROVA 4 has USed the SOlar 

instalation at Kutchino to obtain the 
energy distribution in the continious spectrum. Measurements were obtained in 
absolute units by photographic photometry in the intervall AA 3 700—8000 A and 
with a dispersion of 1.6 A/mm. The resulting distribution, I x (0,0), is very similar to 

1 R. Canavaggia and D. Chalonge: Ann. d’Astrophys. 9, 143 (1946). — R. Canavaggia, 
D. Chalonge, M. Egger-Moreau and H. Oziol-Peltey: Ann. d'Astrophys. 13, 355 (1950). 

2 R. Michard: Bull. Astronom. Netherl. 11, 227 (1950). 

3 D. Labs: Sitzgsber. Heidelberg. Akad. Wiss. Symposium iiber Probleme der Spektral- 
photometrie. Heidelberg: Springer 1957- 

4 E. A. Makarova: Astronomicheskij Zhurnal 34. 539 (1957). 
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Fig. 6. Labs’ measures of the continuum, obtained at the Pic-du-Midi, compared 
with the results of Abbot, Chalonge and Mulders (after Labs). 











Table 4. Solar energy distribution. 

Wavelength /i is in microns, the mean zero air mass spectral irradiance H ^ is in watts ■ cm ' 2 micron' 1 , and P' u is the percentage of the solar 
constant associated with wavelengths shorter than wavelength jx. These data are from F. S, Johnson: J. Meteorology 11, 431 (1954). Column 4 
is the decadic logarithm of the intensity of the continuous spectrum in the normal direction, after M. Minnaert [5] but modified beyond ^=1.0 
(see text). Unit: erg • cm -2 sec ' 1 per dh = 1 and solid angle da>= 1 . 0 . 
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Labs’ curve (Fig. 6) but differs in that there is a dip at X 4600 A and the peak 
between XX 6800—7400 A is more pronounced. The absolute values of energy lie 
between those found by Abbot 1902—10 and 1920—22. 

For a definitive curve Minnaert [5] adopts 5780° K for the wavelengths 
short of 3700 A and 7150° K at the longer wavelengths. In Table 4 and Fig. 7, 
we give his curve for the continuum radiation in the normal direction but modified 
in the infrared to fit the results of Peyturaux 1 and Pierce 2 . It is difficult to 
estimate the uncertainty in these results; an error of 0.025 in Log 7^(0, 1) or 6% 
in 7 A (0, 1) seems quite possible. 

14. Far infrared. Beyond 2.5 p very little work has been done. The infrared 
radiation in the spectral interval 0.8 to 3-5 p has recently been measured by 
Jaroslavcev 3 . Adel 4 found that his observations of the energy distribution 
profile, 8 to 14 p, could be represented by temperatures from 6000 to 7000° K. 
However, as he recognized, for these temperatures and wavelengths, the shape 
of the curve is quite insensitive to the temperature. Rather, the problem must 
be attacked by determining the true intensity ratio between the Sun and a 
standard source at each wavelength. Until this is done, it seems likely that the 
best estimate of the course of the curve can be made from astrophysical theory. 
Because of the great absorption of the H ions in the far infrared, only the outer¬ 
most boundary layers radiate to space. The boundary temperature is variously 
disputed to be between 38OO to 4500° K. If we adopt 4000° K, by the Rayleigh- 
Jeans law we expect the absolute intensity to be f of the value that we would 
have extrapolated from shorter wavelengths using T=6000°. 

A remarkable extension of the photospheric solar spectrum to 2.5 mm has 
been made by Sinton 6 . His detecting equipment consisted of a parabolic search¬ 
light mirror used to focus the energy passing through a black paper filter onto 
a sensitive Golay infrared detector. The transparency of the 0.9 to 3 mm window 
is far from complete and as yet no absolute values for the spectral energy distri¬ 
bution are available. 

d) Observational models of the photosphere. 

15. Analysis of the limb-darkening observations. Limb darkening and absolute 
energy distribution, which together define the mean radiance in different direc¬ 
tions, per square centimeter of the photosphere, are determined by the physical 
conditions throughout the atmosphere. To discover these conditions, one may 
fit the observed limb darkening and energy distribution to predicted values 
obtained from a sequence of theoretical models with assumed quantities, or one 
may attempt to deduce the parameters of an empirical model directly from the 
observations. The latter method has its limitations in the outermost layers, as 
we shall see in later paragraphs, but it best fits the true Sun. Polarization 8-9 and 
refraction 10 effects are very small; hence they have not been Used in the deriva¬ 
tion a model, though their observation may provide a valuable check. 

1 R. Peyturaux: Ann. d'Astrophys. 15, 302 (1952). 

2 A.K. Pierce: Astrophys. Journ. 119, 312 (1954). 

3 I.N. Jaroslavcev: Isv. Akad. Nauk. USSR., Ser. Geofiz. No. 8, 984 (1956). 

1 A. Adel: Astrophys. Journ. 89, 1 (1939)- 

5 W.M. Sinton: Phys. Rev. 86, 424 (1952). - J. Opt. Soc. Amer. 45, 975 (1955). - 
The energy has also been detected by Theissing, Caplan and Stelle: J. Opt. Soc. Amer. 
45, 405 (1955). — H.H. Theissing and P.W. Caplan: Inst. Radio Eng. Trans. 4, 582 (1956) 

6 B. Lyot: C. R. Acad. Sci., Paris 226, 25, 137 (1948). 

7 A.D. Code: Astrophys. Journ. 112, 22 (1950)- 

8 J.C. Pecker: Ann. d’Astrophys. 13, 294 and 319 (1950). 

9 H.H. Voigt: Z. Astrophys. 28, 1 76 (1951)- 

10 P. Proisy: Ann. d'Astrophys. 12, 123 (1949)- 
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Solar granulation is positive evidence of inhomogeneities in temperature and 
density in the photosphere. After a very uncertain correction for seeing and 
scattered light is applied, the observed brightness difference between granule 
and intergranular area is about 25% [I], which by Planck’s law corresponds 
to AT ?»300 o . 

The solution of Eq. (6.1) for the source function involves a minimum of 
postulates concerning the physical conditions. But the strict application of the 
integral equation to the solar problem has been questioned first by Redman 1 
and later by Evans 2 , for it supposes that the emitting layers are plane parallel 
and homogeneous in extent. Because of turbulence, Redman in his analysis of 
the profiles of lines at the extreme limb considered that the roughness of the 
Sun’s surface would reduce an apparent cos #=0.05 to an effective value of 
0.20, and an apparent cos # = 0-30 to an effective cos #=0-39. These figures 
are based on a model of the photosphere with a highly idealized wavy surface—a 
model for which the limitations were fully recognized by Redman. In a similar 
manner, Pecker 3 introduced rugosities to explain the center-to-limb variation 
of CH lines. 

The validity of the application of Eq. (6.1) to the solar atmosphere depends 
in great measure on whether the photosphere is jet-like or wave-like in structure 
and also on the optical thickness of jet or wave. Mohler 4 concludes, from his 
studies of the small chromospheric structures observed at the time of eclipse, 
that there is an approximate equality between the number of jets and the number 
of granules. Doppler shifts in Fraunhofer lines indicate a velocity range of 0 to 
1.5 km/sec for granules and a r.m.s. velocity of about 0.4 km/sec. When these 
figures are combined with the granule life-times of 2 to 12 min (and a mean of 
7 min) as observed by Macris 5 , the result is a radial movement of 170 km, which 
is a sizeable fraction of the thickness of the photosphere. The above arguments 
in which we try to equate jet to granule are open to slight question for there is 
good evidence that the line cores, from which the Doppler shifts are determined, 
are formed in the low chromosphere, and not in the zone of granulation (see 
Sect. 36). Nevertheless, it seems reasonable to postulate that the jet structure 
of the chromosphere extends down into, if not through, the photosphere. If 
this is a close approximation, and if the jets are not optically thick in the con¬ 
tinuum—though they may be in the absorption lines—then the equation for the 
emergent intensity I into direction fi = cos # is 

00 T x 

(15.1) 

0 

where B*( t a ), the monochromatic source function, is assumed to be a suitable 
mean of the elements of different physical conditions. 

Eq. (15-1), which is derived for plane parallel layers, was extended by Unsold 
to the spherical Sun. By means of the cosine law, and for h small (Fig. 8 a), one 
obtains 

l = hsec-d (l — tan 2 # + • • -j, (15-2) 

1 R.O. Redman: Monthly Notices Roy. Astronom. Soc. London 103. 173 (1943). 

2 D.S. Evans: Monthly Notices Roy. Astronom. Soc. London 107, 433 (1947). 

3 J.C. Pecker: Ann. d'Astrophys. 12, 9 (1949); 14, 152 (1951). 

4 O.C. Mohler: Monthly Notices Roy. Astronom. Soc. London 111, 630 (1951) . 

5 C. Maoris: Ann. d'Astrophys. 16, 19 (1953). — Observatory 75, 122 (1955). 

2 * 
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where hjR is of the order of 0.0005 for the solar photosphere. An error greater 
than 1 % in l may arise when cos {) < 0.15- High speed machine calculation makes 
feasible the integration of Eq. (15.1) for the general case including curvature. 
Pagel 1 has given the details for computing: 

+00 

I) (x) = R f 7] g k x (h) B x (h) e~ t *- M dy , 

— OO 

—y* 

= R f ve k x (h)B x (h)e^M(~dy), 

+y„ 

where the geometrical factors are shown in Fig. 8b. In the above equation tj 
is the ratio of equilibrium opacity to actual opacity, k$Jk 0 . The arc of Fig. 8 b 

represents the depth r 0 above 
which emission is assumed to 
be zero and for which Pagel 
adopts a value of 1CT 5 . Auxi¬ 
liary quantities are: 

hivi) = R } 1 q k x {h) (—dy), (15.4) 

Vo 

y 0 « (2*-**)*, (15-5) 

and 

(1 —A) 2 = y 2 + (1 — x) 2 . (15.6) 

Having selected an a and 
thus y 0 one easily computes h. 

Then, for known tabular 
values of T and ok x as a 
function of h, one can per- 

Fig.8a and b. Geometry of the trajectory of a rav in the Sun’s form the quadratures ex- 

atmosphere. pressed by Eqs. (15-4) and 

( 15 . 3 ). 

The solutions of Eq. (15-1) have an international character, and many elegant 
results have been obtained. We state first and then establish some of the simple 
and approximate relations derived by Barbier 2 from Eddington’s work and 
further developed by Unsold 3 and Kourganoff \3]. 

The Eddington-Barbier relations are, for the intensity: 

(0, fA ** B x (fi), 

for the flux: 

(0) «« B x ( f); 

and, in particular, for the intensity at the center: 

/ A (0,1 )«S A (1), (15-9) 

and at the limb: 

_ I x (0,0)=B x (0). (15-10) 

1 B.E. J. Pagel: Monthly Notices Roy. Astronom. Soc. London 116, 608 (1956). 

2 D. Barbier: Ann. d’Astrophys. 6, 113 (1943). 

3 A. Unsold: Ann. d. Phys. 3, 124 (1948). 


(15.7) 

( 15 . 8 ) 



( 15 - 3 ) 
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Again, we remind the reader of the limitation to plane parallel layers. Barbier 
and Unsold developed B ; in a Taylor series about the point r* (to be specified 
later): 


—J [-®t( T *) + ( T t — T *) (^T”) r * + 


+ 


(Lr-rf ) 2 ld?B x 


\ di 


* H— 

r A 


sec # tii 


( 15 . 11 ) 


or 


h(0,$) 


B a( T *) + [cost? - T*] (-|^-) r , + 

+ y [cos 2 0 + (cos 0 - r*) 2 ] (-—-) T J + • ■ •. 


( 15 . 12 ) 


On the assumption that r* —fz =cos 0, Barbier noted that the second term of 
(15-12) becomes zero, and that the third has a minimum at this point, from which 
Eq. (15-7) follows. The Eddington-Barbier relations are rigorously true if the 
source function is linear; that is, if 


B(T)=a+br, (15-13) 

then 

= b (t:* = fA- (15-14) 


That they are approximately true in the general case has been demonstrated by 
Kourganoff [3]. Unfortunately this wide generality makes the solution of the 
integral equation somewhat unstable, particularly since the full range of I(/z) 
is not observed. 

It is customary to graduate limb darkening observations, and extrapolate to 
the limb by a few terms of a series expansion or by other empirical formulae. 
Lundblad 1 chose 

= + + (15-15) 

which, by substitution in Eq. (15-1), gives the following expression for the limb 
darkening: 

= + +2c^ 2 + --.; cos 0=^. (15-16) 


Sykes 2 pointed out that Eq. (15-15) is an expansion about cos0 =/u =0, 
in practice an unobservable point. He suggested substituting /j, = ej, T=e’ 1 , in 
Eq. (15.1) which then becomes 


+00 

!{£)= f exp [—(i — rj)e-^-^]B(r])drj. (15-17) 

— OO 

Now this is the form 

+00 

g(x) = / h(x-y)f(y)dy, (15-18) 

— OO 

for which many solutions are known. Van de Hulst’s 3 method of power series 

+ OO 

gives an acceptable solution in this case. If h has finite moments M n = f z" h (z) dz, 


1 R. Lundblad: Astrophys. Journ. 58, 113 (1923). 

2 J.B. Sykes: Monthly Notices Roy. Astronom. Soc. London 113, 198 (1953). 

3 H.C. van de Hulst: Bull. Astronom. Netherl. 10, 75 (1946). 
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for all n, and if g(x) can be expanded in series S c „x n then the solution of (15-18) is 

f(y) =X c n P n(y)> (15.19) 

n 

where 

P»{y) = Z H c m K- m y m - ( 15 . 20 ) 

m 

The coefficients of A are given by 

. 1 if r = 0, ) 

2(-l ) k K-k r C h M k = (15.21) 

k 0 if r=b 0. J 

The polynomials P n itnd the values of A may be found in Sykes’ paper. Thus the 
limb darkening is represented by 

I(£) = i + a£ + 6f* + cf* + -", (15-22) 


in which the coefficients of f, over the range of observations, form a decreasing 
set of values and are effectively the deriviatives of I \(£) at £=0 or fi = 1.0. 
Kourganoff 1 selected 


Bx(t x ) 

h ( 0 , 1 ) 


= ax + b,r x + c x E 2 { r x ) + 


where E 2 is the integral exponential function. By integration one gets 


hi?) 


h (o,D 


— a x + b x /i + c x 1 


^!n(l+- 


+ 


(15.23) 


(15-24) 


At the present stage of accuracy of limb darkening observations there is no 
practical difference between expressions (15-16), (15-22) and (15-24); three terms 
fit the values of limb darkening within the errors of observations. Kourganoff’s 
representation, however, is derived from a source function that was found by 
him to give an excellent fit for integrated radiation. Later work by Pierce 
and Aller 2 showed that it is an equally good representation of limb darkening 
for monochromatic radiation. Furthermore, (15-23) gives the correct asymp¬ 
totic behavior at t-h^O and t^oo (for an ideal Sun, i.e. no convection, etc.). 

The flux at the surface of the Sun is given by 

JT/2 

F = / 2jzI{0, &) sin#cos#if$. (15-25) 

o 


Using the limb-darkening formula (15-24) we find that the flux integral has 
the value 


Fx 

h( o.i) 


= 2jz 


a X + C A 
2 




( 15 - 26 ) 


16. Temperature distribution versus depth. From the Eddington-Barbier rela¬ 
tions we see that the source function B* (r) is well established only in the interval 
r = 0.1 to 1.0, and it is the empirical form of the limb-darkening equations [Eq. 
(15.15) etc.] that determines the extrapolation of B* (r) to the surface and to 
deeper layers. If I x ( 0, 1) is known and if local thermodynamic equilibrium pre¬ 
vails, then Eqs. (10.1) and (15-15) (or its equivalent) relate T and t ; . Typical 
curves of temperature T versus optical depth TasoooA are given in Fig. 9- The 
instability of the solutions is clearly shown. 

1 V. Kourganoff: C. R. Acad. Sci., Paris 228, 201 (1949)- 

2 A.K. Pierce and L.H. Aller: Astrophys. Journ. 114, 145 (1951)- 
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From observations made in different wavelengths a (T, x, a)- surface may be 
constructed. \Then, for a series of cuts corresponding to fixed temperatures, 1], 
the (r, X)r t curves reveal the wavelength dependence of the integrated continuous 
absorption coefficient, 

(h)r= / Qhdx (16.1) 

X 


as shown in Fig. 10. The wavelength dependence of the monochromatic absorp¬ 
tion coefficient is found by differentiation of Eq. (16.1). This is the subject 
of the next section. 700 ^ ___ 

17. The continuous ab- .■££*** 

sorption coefficient. For a K . 
historical background to the - 

work on the coefficient of eooo- -- 

continuous absorption the ^ /A'' \ 

reader is referred to the dis- -| ' 

cussion by Stromgren [7]; ^ fy - TenBrugencatte,Gallnow,Jager 

the early theoretical position J „ // / P/askeff 

a x. n ^ 5000-ff ... Bohm-V/fense - 

is covered by Chandrase- J/ _ DeJbgert.7 

khar’s paper 1 . The investi- 7 

gations of Chalonge and -| 

Kourganoff 2 , Chandra¬ 
sekhar and Munch 3 , and mo °~ - 

Barbier 4 have amplified .. 

and clearly proven Wildt’s 5 0.0 0.5 to u 20 

suggestion that in the wave- „. n _ , z 

, , , . , , - - , Fig. 9. Temperature distribution versus optical depth t by different 

length interval XX 4000— observers. 

20000 A, the negative hydro¬ 
gen ion is the principal absorber of quanta in the solar photosphere. The solar 
atmosphere is composed of 1 metal atom to about 10 4 hydrogen atoms. At 
solar temperatures, in a first approximation, each metal atom releases one 
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Fig. 9 . Temperature distribution versus optical depth t by different 
observers. 


electron which may attach itself to one of the abundant hydrogen atoms to form 
a negative hydrogen ion, H~. Thus the concentration of negative hydrogen ions 
is proportional to the electron pressure; in thermodynamic equilibrium their 
concentration is given explicitly by the Saha equation which tells us that for a 
typical photospheric layer the ratio of the number of negative hydrogen ions 
to hydrogen atoms is about N H _/N H &10~ 7 . 


The most extensive calculations of the bound-to-free and free-to-free absorp¬ 
tion coefficient, a(H~), are those of Chandrasekhar 6 and Chandrasekhar and 
Breen 7 . In more recent calculations by Geltman 8 of the bound-to-free continu¬ 
ous absorption coefficient, use was made of certain necessary conditions, other 
than energy minimization. These were: Equality of matrix elements of length, 
velocity, and acceleration, and the <V 2 > Av and the /-sum rules 9 . Geltman’s 
absorption coefficient is very similar in shape to that of Chandrasekhar’s but 


1 S. Chandrasekhar: Rev. Mod. Phys. 16, 301 (1944). 

2 D. Chalonge and V. Kourganoff: Ann. d'Astrophys. 9, 69 (1946). 

3 S. Chandrasekhar and G. Munch: Astrophys. Journ. 104, 446 (1946). 

4 D. Barbier: Ann. d’Astrophys. 9, 173 (1946). 

5 R. Wildt: Astrophys. Journ. 89, 295 (1939); 90, 611 (1939). 

6 S. Chandrasekhar: Astrophys. Journ. 102, 223, 395 (1945). 

7 S. Chandrasekhar and F. H. Breen: Astrophys. Journ. 104, 430 (1946). 

8 S. Geltman: Phys. Rev. 104, 346 (1956). 

9 S. Chandrasekhar and M.K. Krogdahl: Astrophys. Journ. 98, 205 (1943). 
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is 10% lower at the peak; below A 4000 A it exceeds Chandrasekhar’s curve 
by approximately 10%. The computed integrated cross-section, corresponding 
to electron photodetachment currents, is in agreement with the laboratory results 
of Branscomb and Smith 1 . In their experiment electrons were liberated at the 
intersection of a beam of H“ ions and an intense beam of radiation from a tungsten 
filament. By modulation of the light beam, the collector picked up a small 
alternating number of electrons which was a measure of the probability of photo¬ 
detachment for H" irradiated by the incident spectral intensity distribution. 

A second source of absorption is recognized in the strength of the hydrogen 
spectrum and the observation of a Balmer discontinuity. These indicate that 

there is a slight contribution by neutral 
hydrogen to the continuous absorption 
coefficient. The Pfund, Brackett, Pa- 
schen and Balmer continua, which 
start at 22 793, 14578, 8204 and 3647 A 
respectively, all absorb light short 
of these wavelengths in amounts pro¬ 
portional to w(A/A 0 ) 3 , where n is the 
principal quantum number of the state 
of the atom. Because of the large 
excitation potential of these levels 
— 10.19 volts for the Balmer, 12.09 
for the Paschen continuum, etc., up to 
13.59 for ionization—there are very 
few atoms in the solar atmosphere ca- 
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Fig. 10. The optical depth as a function of wavelength for 
various fixed depths in the solar atmosphere defined by 
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^ pable of absorbing in these continua. 

For example, for the ratio of the number 
of atoms in the third quantum level 
capable of absorbing the Paschen con¬ 
tinuum to the number of atoms in the 
ground state [4], the Boltzmann re¬ 
lation gives N h ./N h = 6 X 1CT 10 , for T — 6000°. However, this number rises 
very quickly in the deeper layers and the H~ ion gradually loses out. 

The absorption coefficient of H may be found in the tables of Unsold [1] or 
in the work of Ueno, Saito, and Jugaku 2 . 

If the variation of k x with A is nearly the same throughout the surface layers, 
then Lundblad 3 shows that, in a first approximation, 


*1 = fhQ(x)dx 


becomes 


Ait 


Ait 


(17.1) 

(17.2) 


The good agreement between the observed t a (T) curve shown in Fig. 10 and 
the computed absorption coefficient for the H“ ion invites still closer inspection. 

A modification of Eq. (17-1) is; 


dig 

dT 


h Q(x) 


dx 

~dT * 


(17.3) 


1 L. M. Branscomb and S. J. Smith: Phys. Rev. 98, 1028 (1955)- 

2 S. Ueno, S. Saito and J. Jugaku: Contr. Kyoto Inst. Astrophys. No. 43 (1954). 

3 R. Lundblad: Astrophys. Journ. 58, 113 (1923). 
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in which q(x) and dxjdT are constant for a given temperature, T, corresponding 
to a fixed depth in the atmosphere. The left-hand member, ( dxjdT) x , is derivable 
from observation, while k x of the right member may be obtained from quantum 
mechanical calculation, or from laboratory measurements. Hence one should 
have an excellent check on all phases of the problem. For the source function 
we select 



5000 /am /shoo moo A sooo 10.000 ism mm a 

a b 


Fig. 1 la and b. (a) Observed absorption coefficient (the individual curves have been shifted vertically an arbitrary amount), 
(b) Computed absorption coefficient. Chandrasekhar’s values for H~ and Minnaert’s [5] values of P e were used. 


which, together with the Planck equation 

Vx ( T f) ' 1/ (0,1) = -jj e c 2 /Ar~f > (17-5) 


gives, by differentiation, the desired gradient 

/ \ _ _q_ <p(p + <p) _ 1 

\dT)x p b x -c x E x ( r) 

where 



(17.6) 

(17-7) 


The observed Log (dxjdT) x curves are illustrated in Fig. 11a for the temperatures 
shown (0 = 5040/7'). An arbitrary vertical shift of the curves has been intro¬ 
duced. 

If "scattering is neglected, then the combined absorption coefficients of H 
and H _ for each wavelength is 


^ = ^[«f(H)+P ea ,(H^)], 


( 17 . 8 ) 
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where x is the fraction of ionized H atoms. The logarithm of k l , illustrated in 
Fig. ft b, is derived from Eq. (17-8), in which P e was taken from the mean model 
of Minnaert [5], A moderately good agreement is found between the observed 
and computed absorption coefficients. 

The observed absorption coefficient, when compared to the calculated one, 
strongly suggests the presence of several of the absorption continua of neutral 
hydrogen; however, the latter lack the sharp fronts predicted by Kramers’ 
equation. But, sharp fronts are not to be expected, for in the deep layers of 
the solar atmosphere the confluence of the lines at the series limit will smooth 
any discontinuities. Furthermore, the abrupt break at the head of the Balmer 
series, shown in Fig. fla, is illusory. 

A detailed calculation of the continuous absorption coefficient has been made 
by Vitense 1 . In addition to the above absorbers, the absorption by Fe, Si, 
Mg and a few minor elements have been computed, in the absence of other 
information, by a hydrogen-like approximation: 

•x v _ 1 64ji 4 (Z + s) l 6 me w 1 (17 9) 

atoms in the w-th state n 2 3 j /3 ch 3 n 3 v 3 \ ' / 

The principal effect of the metals lies short of the Balmer limit. This, along with 
Rayleigh scattering, appears to be sufficient to explain the increased absorption 
in the violet, particularly in the higher solar layers, as was noted by Michard 2 . 

18. Model solar atmospheres [I] to [5], [7], [8], An equilibrium model atmo¬ 
sphere is usually specified by a mean effective temperature T e , surface gravity g, 
and by the relative abundances of the elements. From these quantities the 
depth variation of the temperature, total pressure, and the electron pressure 
may be computed. Furthermore, in principle, the absorption and emission coef¬ 
ficients of the continuous spectrum and line spectrum and hence the complete 
radiation field may be evaluated at each depth. More general and realistic models 
that include turbulence have recently been proposed, principally by the German 
school under Unsold 3 6 . By assigning temperatures, areas, and velocities to 
rising, falling, and stationary elements an attempt is made to reproduce the 
mean model and the hypothetical picture of granulation. (See Sect. 38 and 
C. de Jager’s chapter in this volume.) 

Hydrostatic equilibrium in the atmosphere requires a balance between the 
forces of gravity and outward pressure: per unit element, 

dP=—gqdh. (18.1) 

The total pressure P is made up of the gas pressure P g , the radiation pressure P r , 
and the turbulent pressure P t . The latter arises from the large scale motions 
of groups of atoms in the same way that gas pressure results from the random 
motion of individual atoms, provided of course, that the turbulent elements are 
small with respect to the total system considered. McCrea 7 developed the prob¬ 
lem. Let £ be the velocity component in the radial direction. Then if turbulence 

1 E. Vitense: Z. Astrophys. 28, 81 (1951). 

2 R. Michard: Ann. d’Astrophys. 16, 217 (1953). See also G. Munch: Astrophys. Journ. 
102, 385 (1945). 

3 K.H. Bohm: Z. Astrophys. 35, 179 (1954). 

1 M. Bretz: Z. Astrophys. 38, 259 (1955). 

5 M. Voight: Z. Astrophys. 40, 157 (1956). 

6 E.H. Schroter: Z. Astrophys. 41, 141 ( 1957 ). 

7 W. H. McCrea: Monthly Notices Roy. Astronom. Soc. London 89, 718 ( 1929 ). 
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is isotropic and Maxwellian we may write 


i 

Q 




( 18 . 2 ) 


The turbulent factor becomes of importance only when the group velocities 
approach the velocity of sound. 

The effect of radiation pressure is to reduce gravity by the amount g r . 
Eq. (18.2) may be written 

^(P g + ^l) = l^L (18.3) 

where 

gr = k~T^ (18.4) 


and k is the mean absorption obtained by weighting the absorption coefficient 
by the flux at each frequency: 


t _ / (A, + S v ) F v dv 
f F v dv 


(18.5) 


For the solar atmosphere g r jg = 10“ 4 , and is therefore negligible. 

<x) Stromgren s method of model atmospheres. In an important paper on the 
chemical composition of the solar atmosphere Stromgen developed a very useful 
approximate theory of model atmospheres 1 . From the equations which define 
optical depth 


and hydrostatic equilibrium 
we obtain 


dr r 

(18.6) 

dP 

dx 

(18.7) 

dP e 

dr h 

(18.8) 


This equation cannot be integrated directly, because the opacity is a complex 
function of r and P—usually given in tabular form. However, Stromgen obtained 
an elegant approximate solution which clearly illustrates the interdependence 
of each physical parameter. The mean absorption coefficient per gram is consid¬ 
ered to be due only to H - ; the absorption of the H“ atom, a(H“), times the num¬ 
ber of hydrogen atoms, l/m H , multiplied by the ratio of the number of H~ ions 
to the number of neutral H atoms yields the opacity coefficient per gram—con¬ 
sidered to be nearly all hydrogen: 


x _ «(H~) Nh- 
“h 


(18.9) 


By Saha’s equation, the ratio of the numbers of H' ions to neutral H atoms is 


-^^0(7), (18.10) 

with 

Log 0(T) = - 0.125 + 0.747— y log T (18.11) 

in which the electron affinity of the H“ ion, namely 0.747 volts, has been sub¬ 
stituted and the statistical weights of the ground states of H~ and H (1 and 2 


1 B. Stromgren: Festschrift fur E. Stromgren — Publ. Copenhagen Obs. No. 127 , 1940. 
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respectively) appear in the constant: 0.477 — log Table 5 gives Log &(T) 

as a function of T and 0. In the photospheric layers the ratio A r H -/N H is always 
very small, i.e. for r = 0.4, # — 0.9, P e = 10 dynes, N H -IN H = 1CT 7 - 8 When mul¬ 
tiplied by l/'ra H , however, the number of H~ per gram is large. The negative 
hydrogen ions are about 10 3 times more abundant than the neutral hydrogen 
atoms excited to the third quantum state under the same conditions and capable 
of absorbing in the Paschen continuum below 8200 A. 

Eqs. ( 18 . 8 ) and (18.9) combine to give 


dP g 1 

dr ~ T ’ Wh P'&(T) 


(18.12) 


an equation that can be solved if a relation between the total pressure and the 
electron pressure can be found. Stromgen introduced a simplifying assumption. 


Table 5 . Log0>(T): H", Eq. (18.11); Log® 1 ( 7 ') : H . E 4- ( 18 . 22 ). 


0 

T 

Log *{T) 

Log 9 X {T) 

& 

T 

Log 0(T) 

Log 0,(T) 

1.3 

3877 

-8.125 

-9-173 

0.85 

5929 

-8.923 

-2.597 

1.25 

4032 

- 8.205 

- 8.451 

0.8 

6300 

- 9-026 

- 1.851 

1.2 

4200 

- 8.287 

- 7.727 

0.75 

6 720 

-9-133 

— 1.101 

1.15 

4 383 

-8.370 

— 7-001 

0.7 

7200 

-9-245 

- 0.347 

1.1 

4 582 

- 8.456 

-6.273 

0.65 

7 754 

-9-363 

+ 0.413 

1.05 

4800 

-8.544 

- 5-543 

0.6 

8400 

-9-488 

+ 1.180 

1.0 

5040 

-8.634 

— 4.811 

0.55 

9164 

-9-619 

+ 1-954 

0.95 

0.9 

5 305 
5600 

-8.727 
- 8.823 

-4.076 

-3-338 

0.5 

10080 

-9-761 

+ 2.738 


He let the number of free electrons per unit volume be equal to the number of 
metal atoms per unit volume. If the metals are singly ionized and the ionization 
of H is small (Table 5) as is nearly the case for the Sun, then 

4 = 4 - ( 18 . 13 ) 


where A is about 10 4 . 
obtains 


By substitution in Eq. (18.12) and by integration one 


P 2 


2 g m 


*-S 


dr 


®(T) 


(18.14) 


from which P as a function of r is determined, once T and hence 0(7') is known 
as a function of r. From Eq. (18.13) P e is directly proportional to P. 

ft) Models with helium. Helium adds nothing to the absorption coefficient 
but adds to the total pressure and decreases the electron pressure by dilution. 
Aller and Pierce 1 computed P P e and k as a function of r for a series of model 
atmospheres with the ratio of the number of helium atoms to the number of 
hydrogen atoms, D— 0, 4, and and for different metal to hydrogen ratios. 
Recently, Hubenet 2 has computed differential corrections for values of D=0 
to 0.4 applicable to any model. 

Let D = He/H by numbers of atoms, then 


P g ~P.A{i + D), 


1 L.H. Aller and A. K. Pierce: Astrophys. Journ. 116, 176 ( 1952 ). 

2 H. Hubenet: Proc. Kon. Nederl. Akad. Wetensch., Ser. B 59, 211 (1956). 


(18.15) 
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and the number of hydrogen atoms per gram is — (, V 4 £>) • Since k=k(P g ,T) 
Eq. (18.12) may be multiplied by P g and integrated to give 


P ‘ = 2e I T&n*'- (,M6) 


By substitution of Eq. (18.15) for P g , and the following expression for the absorp¬ 
tion coefficient, 

T 1 -a(H-), (18.17) 


Eq. (18.16) becomes 


m H (1 + 4 D) 


P* = 2gm n A(i + D) (1 + 4 D)f a ^ , 


(18.18) 


which can be solved by successive iterations. A reliable value for the abundance 
of helium is not available [5]. From observations of emission lines in the chromo¬ 
sphere and prominences Unsold finds D— 0.20. Michard 1 computed the Balmer 
discontinuity with two models, one with D= 0.0 and the other with D =0.2. 
From a comparison between theory and observation he concludes that D— 0.0 
is more probable than D =0.2. For want of better information, D is usually 
chosen to be 0.1 or 0.2. Carbon, nitrogen, and oxygen are generally ignored, 
since tables of abundances indicate that the ratio E( C, N, 0)/H is about 1/1000. 

y) Models which include the ionization of hydrogen. In the above models the 
ionization of H has been neglected. Although its ionization potential is almost 
twice that of the metals, it contributes an appreciable number of electrons because 
of its great abundance. In his analysis Barbier 2 included the degree of ioniza¬ 
tion of hydrogen, x H , and that of the metals, x M . 

£ X' S' 

Let E = number of electrons per atom of any kind = “ 1 1 , where e, is the 
abundance and x t is the degree of ionization, then 


P e = _ E 

p r+ e • 


p _ A X H + X M 

A + 1 


where x M 1, %<l, A rs 10 4 . (18.19) 


Approximately 


or 


P e _ X H J_ X M _ 

P \ + x H A \+ x M ’ 



n h+ , 1 

N H ^ A ■ 


(18.20) 

(18.21) 


Saha’s equation for the degree of ionization of hydrogen, 


- V H + (T) 

N H P e ’ 


Log 0i(r) = - 0.477 - 13-59 l log T, (18.22) 


may be substituted in Eq. (18.21), which becomes 


P e _ «P t (r) 1 
p P e 'A ’ 


1 R. Michard: Ann. d’Astrophys. 16, 217 (1953). 

2 D. Barbier: Ann. d'Astrophys. 9, 173 (1946). 


(18.23) 
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Thus a better approximation can be made from the equations: 


P 2 





Pe 



and 




(18.24) 


An exact analysis must be made numerically, however, by means of abundance 
tables and ionization tables for each element, as was first done by Stromgren 1 . 

d) Plaskett's model. Plaskett 2 has used a method similar to Barbier’s, 
together with Sykes’ 3 representation of limb darkening (from the mean of five 
observers), to obtain evidence for an unstable layer lying below optical depths 
of 0.8. The condition for mechanical stability can be obtained from Table 6, 


Table 6. Physical conditions in the photosphere. 

(H. H. Plaskett: Vistas in Astronomy, ed. by Beer. London: Pergamon Press 1955 ) 


T 

T 

(°K) 

P 

(10 4 dyne cm - *) 

Q 

(10 -8 gm cm -3 ) 

Pe 

(dyne cm -2 ) 

X M 

*H 

(io- 4 ) 

k A 

(cm“ 2 gm- 1 ) , 

Z — Zu 
(km) 

0.0 

4649 

0 

0 

0 

_ 

_ 

0 


0.03 

5033 

1.7 

4.2 

17 

0.89 

0.1 

0.09 

318 

0.06 

5162 

2.5 

5-8 

2.6 

0.90 

0.2 

0.13 

261 

0.09 

5246 

3.1 

71 

3-2 

0.91 

0.1 

0.15 

22 7 

0.12 

5312 

3-6 

8.2 

4.1 

0.90 

0.2 

0.18 

203 

0.24 

5505 

5-1 

11.2 

6.9 

0.93 

0.4 

0.26 

145 

0.36 

5680 

6.2 

13.2 

10.5 

0.93 

0.8 

0.35 

113 

0.48 

5838 

6.9 

14.4 

17-7 

0.93 

1.6 

0-53 

93 

0.72 

6118 

8.0 

159 

27-7 

0.95 

2.5 

0.70 

67 

0.96 

6356 

S.8 

16.8 

46-5 

0.96 

4.3 

1.01 

49 

1.20 

6555 

9-4 

17 4 

70 

0.96 

6.5 

1-35 

37 

1.80 

6959 

10.3 

17-9 

153 

0.98 

13-9 

2.42 

19 

3-00 

7535 

11.2 

18.0 

410 

1.00 

35.6 

5.06 

0 


which reproduces his determination of the physical conditions in the photo¬ 
sphere. For no convection to occur, the following inequality holds ([2], p. 215): 


rfln T \ <?ln T \ y— 1 

d In P /photosphere \ d In P /adiabatic ft 


(18.25) 


In a monatomic, unionized gas y = f. Fig. 12 illustrates the gradients plotted 
as a function of P and of height z from an arbitrary zero. Plaskett suggests 
that the excess of the photospheric (d In Tjd In P) over the adiabatic line at 0.4 
is a consequence of the steep temperature gradient (i ITjdz) in that region of the 
photosphere that radiates a sizable fraction of its thermal energy to outer space. 
Furthermore, this region is an unstable one, based on the evidence that the 
density levels off (q may reach a maximum at height zero) in the region where 
the temperature gradient becomes very steep. 

Unfortunately the observations of granulation are as yet too few in number 
to establish with certainty both the extent and the energy carried by the zone 
of granulation, but they suggest that this region and Plaskett’s zone are identical. 
Photographs of granulation taken by Rosch 4 at Pic-du-Midi show granules 
to within 5 to 10" from the limb. Thus the zone of disturbance is not limited 

1 B. Stromgren: Publ. og mind. Medd. Kobenhavn Obs. No. 138 (1944). 

2 H.H. Plaskett: Vistas in Astronomy, ed. by A. Beer, Vol. 1, p. 63 7 . London and 
New York: Pergamon Press 1955- 

3 J.B. Sykes: Monthly Notices Roy. Astronom. Soc. London 113, 198 ( 1953 ). 

4 j. Rosch: C. R. Acad. Sci., Paris 240. 1630 (1955). 
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to the deeper layers but must extend to high levels, a result suggested by Doppler 
displacements and intensity variations in absorption lines 1 . It is strange perhaps 
that the motions in the granulation zone do not establish the adiabatic gradient. 
Apparently uncompensated radiation loss to space determines the temperature 
gradient and affects the lifetime and size of the granules in the observable part 
of the atmosphere. 

s) Schroter’s inhomogeneous model. Schroter’s 2 two-stream model is typical 
of the more recent models that consider granulation and hence temperature 
inhomogeneities. These models are derived from the very difficult observations 
of the brightness ratio between granule and background and are thus uncertain 
to the extent that the obser¬ 
vation are in error. Schroter 
adopts {J G — J B )\J B = it (cos {} = 

1 . 0 ) = 0.45 for the contrast ratio 
between granule and background 
and accepts the observation that 
the contrast increases from the 
center of the disk to about cos#— 

0.25 and then rapidly diminishes. 

The Eddington-Barbier relations 
are used to establish the temper¬ 
ature differences from a homo¬ 
geneous model in two streams: 
for r G = Tg = 1 , Zir=± 350°; 
at t = 0-3 the difference increa¬ 
ses to ±400°; and for t< 0.1 the 
temperature difference decreases 
to zero. As a proof of the model 
Schroter computes the average 
emission 

I (0, [x ) = \ [ J G (0, /x) + J B (0, fx)] 

for the two streams and finds that the observed limb darkening is very well 
reproduced. He also finds that the ratio J a ( 0 , fx)jJ B ( 0 , fx) fits the observed 
center-to-limb variation of the contrast of the granules. Thus a simple two- 
stream model is a satisfactory second approximation for the solar atmosphere. 

19. The high photosphere. Except at the extreme limb, it is evident that 
limb darkening is not influenced by the small amount of radiation from the outer¬ 
most photospheric layers. Since, however, they are the very layers in which 
most of the Fraunhofer lines are formed, the line spectrum may serve as the 
best key for finding the physical conditions in the high photosphere. For example, 
DE Jager 3 derived temperature corrections to a standard model from his observa¬ 
tions of the limb darkening of the hydrogen lines. In a similar manner Vitense 4 
made use of the center-limb variation of the cores of strong lines of Fe and H. 
She found that the central intensities of these lines were best represented by a 
boundary temperature of 3 800° K and by a very steep rise in temperature between 
r=0 and t = 0.1. It has since been recognized that the cores of the first few 

1 R.R. McMath, O.C. Mohler, A. K. Pierce and L. Goldberg: Astrophys. Journ. 
124, 1 (1956). 

2 E.H. Schroter: Z. Astrophys. 41, 141 (1957)- 

3 C. DE Jager: Rech. Utrecht 13, 1 (1952). 

1 E. Vitense: Z. Astrophys. 34, 209 (1954). 


z-z 0 km 



ed. Beer. Pergamon Press: London 1955-) 


gm cm' 
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members of the Balmer series and the cores of the strongest iron lines are formed 
in the lower part of the chromosphere and are strongly affected by temperature 
inhomogeneities (Sect. 40). Furthermore, the temperature found from central 
intensities of strong Fraunhofer lines represent excitation temperatures of the 
upper levels of the transition and because of departure from thermodynamic 
equilibrium cannot be identified with the boundary temperature derived from the 
continuum. 

Pagel 1 combined the temperature distribution found by him, to best fit 
the center-to-limb behavior of infrared (1.5 p) lines, with the result obtained by 
Athay, Menzel, Pecker, and Thomas 2 , who analyzed observations of the con- 


— H km 



Fig. 13- Temperature distribution with depth in the Sun’s atmosphere. Full line: Pagel’s model. Broken line: radiative 
equilibrium model of B6hm. Circles: temperatures derived by Athay et al. (after Pagel). 

Fig. 14. Computed and observed darkening at extreme solar limb for A 4700. The thick continuous line is Pagel’s com¬ 
puted limb darkening allowing for curvature; the broken line represents the plane-parallel approximation; BOhm’s 8 radia¬ 
tive-equilibrium model is represented by the thin continuous and broken lines. Filled circles: observations of Heyden 
et al. 4 . Crosses: Wesselink et al. 6 (after Pagel). [B. E. J. Pagel: Monthly Notices R.A.S. 116, 608 (1956)]. 


tinuum photographed at the 1952 eclipse. From the T versus r relation shown 
in Fig. 13 , he computed a model atmosphere and also the darkening at the extreme 
limb, taking into account the curvature (Fig. 14). It is evident that the temper¬ 
ature inversion above r = 0.015 affects limb darkening in a region so narrow 
as to challenge the finest observational techniques. 

A rediscussion of the eclipse observations of Heyden et al. has been presented 
by Hubenet and de Jager 6 . An attempt to find a satisfactory temperature 
distribution by making use of Julius’ eclipse method failed. But, by using the 
raw observational data, they were able to derive a model (constant temperature 
between r = 0.01 to 0.05 and with a steep rise between r = 0.07 to 0.13 after 
which the slope is smaller) that reproduced the original observations. 

20 . Deviations from thermodynamic equilibrium. There is no evidence from 
observations of the spectrum of the continuum that there are any deviations 

1 B.E. J. Pagel: Monthly Notices Roy. Astronom. Soc. London 116, 608 (1956). 

2 R. G. Athay, D.H. Menzel, J.C. Pecker and R.N. Thomas: Astrophys. Journ. Suppl. 
1. 505 (1955). 

3 K. H. Bohm: Z. Astrophys. 34, 182 (1954). 

4 F. J. Heyden, C. A. Beck, D. J. Lovell, W. B. Fussell, J. H. Hancock and E. O. 
Hulburt: Astrophys. Journ. 118, 412 (1953). 

5 A. J. Wesselink, J. G. Ferwerda and J. Uitterdijk: Bull. Astronom Netherl. 9, 81 
(1940). 

6 H. Hubenet and C. de Jager: Bull. Astronom. Netherl. 13, 43 (1956). 
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from thermodynamic equilibrium. Pagel 1 has treated the form that the transfer 
equation must take when the Boltzmann and Saha equations fail to apply. The 
classical form of the transfer equation, 

= ( 20 . 1 ) 

can be written as 

cos ' & ~^ = kI '’~ x ^ ) B *’ ( 20 . 2 ) 

where x r is the actual mass absorption coefficient and x[ T) the corresponding 
coefficient with the assumption of thermodynamic equilibrium. For a gas in 
equilibrium, the absorption and emission coefficients are given by Kirchhoff- 
Planck equations 

j v dv = QxW-B t {T)dv and BJT) = 2h f , (20-3) 

which, considered on an atomic scale, that of the principle of detailed balancing, 
implies also the validity of the Boltzmann distribution and the Saha ionization 
laws. Woolley and Stibbs [4] compute that the average photoelectron, ejected 
from the H“ ion with an energy of 2 to 3 volts into a sea of electrons with a mean 
kinetic energy of 1 volt, will experience 10 4 electron-electron collisions before 
capture by an ion or by: H+e-»H ~+hv. Thus, the fast electron will rapidly 
lose energy and a nearly Maxwellian distribution of velocities will prevail. If 
this be so, the spontaneous emission of photons by electron capture is independent 
of the local radiation field. 

By applying the principle of detailed balancing, Pagel finds that the spon¬ 
taneous emission per neutral hydrogen atom due to H~ is 

jv h = Pe ) + a FF (H - )] B V (T) dv, (20.4) 

where a BF (H ) and a FF (H ) are the effective bound-free and free-free cross sec¬ 
tions per unit electron pressure (including the stimulated emission factor). The 
only deviation from equilibrium to be recognized is in P e . For example, Pagel 
finds in the high photosphere that radiative and collisional dissociation of H“ 
become of equal order of importance at r = 0.01 and that the ratio of the true 
number of H~ ions to the number computed in thermodynamic equilibrium is 
^H-/Nff-=0.8 for T = 4100° K and N e = 1 0 12 . Thus, even in the low chromo¬ 
sphere, the deviations are not large. Swihart 2 arrives at the same conclusion. 

II. The Fraunhofer spectrum. 

Introduction. We have seen in the preceding sections how precise observations 
of the continuous spectrum give information on the distribution of electron tem¬ 
perature, pressure and continuous absorption coefficient in the solar photosphere. 
There are, however, a variety of other important parameters of the photosphere 
which can only be deduced from the profiles and intensities of the absorption 
lines. The line spectrum reveals the chemical composition of the photosphere, 
its thermal and hydrodynamical properties, and the presence of electric and mag¬ 
netic fields. Of special importance are the departures from thermodynamic 

1 B. E. J. Pagel: Astrophys. Journ. 125, 298 (1957). 

2 T. L. Swihart: Astrophys. Journ. 123, 143 (1956). 
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equilibrium, which are evidenced by inequalities among the electron temperatures 
deduced from the continuous spectrum, and the excitation and ionization temper¬ 
atures inferred from the lines. 

Ever since Newton’s discovery of the solar spectrum, spectroscopists have 
striven to increase the resolving power and to reduce or eliminate stray radiation 
in solar spectrographs. The resolving power of Newton's arrangement was too 
low to reveal any absorption lines. Wollaston in 1802 observed four dark spaces 
in the spectrum, but the true beginning of research on the line spectrum dates 
from the visual mapping of nearly 600 lines by Fraunhofer in 1814. As a result 
of technical advances in the areas of optics, photography, and other types of 
energy detectors, increasing numbers of Fraunhofer lines have been brought 
into view in the ultraviolet and infrared, as well as in the visual regions of the 
spectrum, until today the number of observed Fraunhofer lines totals nearly 
30000 . 

The significance of the Fraunhofer spectrum as arising from line absorption 
by chemical elements in the solar atmosphere was revealed by Kirchhoff’s 
laboratory observations of atomic spectra around i860. During the remainder 
of the 19th century solar spectroscopy was devoted to the comparison of solar 
and laboratory spectra, chiefly for the purpose of identification of elements. But 
a certain amount of progress was made in deducing the physical conditions in 
the Sun by comparing its spectrum with those of different types of laboratory 
sources. The work of this period was climaxed by the publication by H. A. Row¬ 
land of his great table of wavelengths, identifications and eye-estimates of 
intensities covering the spectral region 31 2975 —31 7330 . About 40 elements are 
identified in this table, which, in its revised form [9], is still the standard source 
of information on solar wavelengths and identifications in the visual and near 
ultraviolet spectral regions. 

The turn of the present century marked the beginning of the modern era of 
quantitative interpretation of the Fraunhofer spectrum in which the application 
of physical theory to precise photometric measurements leads to the revelation 
of the structure, chemical composition and dynamics of the solar atmosphere. 
The required physical theory has four major components: (1) the quantum 
theory of radiation and atomic structure; (2) the theory of radiative transfer; 
(3) the theory of excitation and ionization; and (4)' the theory of convection and 
turbulence. 

The quantum theory of atomic structure has been developed in a long series 
of investigations following its initiation by Planck, Bohr and Einstein in the 
early 1900’s. Its application to the solar spectrum has been enormously success¬ 
ful, but progress in the numerical calculation of transition probabilities and 
collision cross sections for complex atoms is still disappointingly slow. 

The theory of radiative transfer, as applied to the formation of absorption 
lines, is also well-established, following its initiation by Schuster and Schwarz- 
schild and its further development by Stewart, Eddington, Milne, Unsold, 
Minnaert, Stromgren, Chandrasekhar and many others. Given a model 
solar atmosphere in which the physical properties are specified in detail, the line 
profile can be calculated accurately by a variety of different methods, but only 
if the mechanism of re-emission is known. Entirely different profiles can result 
depending on whether the re-emission occurs according to coherent scattering, 
non-coherent scattering, or by Kirchhoff’s law. The difficulty is aggravated 
by the absence of an accurate quantitative theory of non-coherent scattering, 
by the probability that no one of the three mechanisms but a combination of 
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them may be contributing to the line formation, and by the likelihood that 
different parts of the line may be formed by different mechanisms. 

The ionization and dissociation equations are still employed in essentially 
the form first introduced by Saha in 1922 . There is no reason to question the 
validity of the theory when thermodynamic equilibrium exists, but this con¬ 
dition may not be satisfied in the highest layers of the photosphere. The question 
then arises whether the radiation temperature derived from limb darkening can 
be safely equated to the kinetic or electron temperature and also used in the 
calculation of the degree of ionization and excitation by the Saha and Boltzmann 
equations. It is to be hoped that further serious attention will be given to this 
important and difficult question. 

In succeeding* chapters of this volume, Dr. de Jager deals with convection 
and turbulence, which are revealed by the granulation of the solar surface and 
by the inhomogeneities in positions, widths and intensities of the Fraunhofer 
lines. The dynamical features of the solar atmosphere are difficult both to observe 
and to interpret, but they must be taken into account in all future studies of 
photospheric structure. It can be expected that the new instrumental advances 
which are being stimulated by recent improvements in the art of ruling gratings 
will greatly accelerate progress towards a satisfactory theory of solar gas dynamics. 

Photometric measurements on the Fraunhofer spectrum are made in relation 
to the intensity of the neighboring continuous spectrum. The most valuable 
type of measurement is the intensity at each point of the line profile. Until 
recently, line profiles could easily be determined only for the outer parts of the 
strongest lines in the spectrum; the inner parts of the observed profiles have 
required elaborate corrections for scattered light and instrumental broadening. 
A review by Pierce 1 in 1954 listed no more than about 75 lines of 9 elements 
for which profile measurements have been published. The difficulties associated 
with profile measurements have forced solar spectroscopists to resort to the 
measurement of the total absorption, or equivalent widths, of Fraunhofer lines. 
The equivalent width is a measure of the area inside the absorption line; since 
the intensity of the neighboring continuous spectrum is taken as unity, the 
equivalent width is expressed in wavelength or wave number units. 

The great majority of physical investigations of the Fraunhofer spectrum 
since 1930 have dealt with the interpretation of equivalent widths in terms of 
the theory of the curve of growth. The curve-of-growth concept has been ex¬ 
tremely useful in revealing certain gross features of the photosphere. For example, 
the discovery of large damping constants by Minnaert and Mulders made it 
clear that collisional rather than radiative damping was responsible for the wing 
broadening of strong lines. Other investigations have demonstrated that the 
r.m.s. velocity of photospheric atoms is too large to be attributed to purely 
thermal effects and must therefore be a consequence of turbulent mass motions. 
The inherent weakness of the curve-of-growth method is that it can give only 
average values of quantities like the turbulence and damping and virtually no 
information on their variation with height. 

Many of the factors that control the equivalent widths of very strong and 
moderately strong lines, such as the Doppler velocities and damping constants, 
play no role in determining the intensities of very weak lines, which, from this 
point of view are better suited to the determination of abundances. But the 
intensities of weak lines are subject to large random errors of measurement when 

1 A.K. Pierce: Proc. N.S.F. Conf. on Stellar Atmospheres, ed. M.H. Wrubel. Bloom¬ 
ington, Ind., USA: Indiana Univ. 1954. 
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the resolving power is limited, and hence the abundances will be reasonably 
accurate only when a large number of lines can be averaged. The difficulty is 
that many elements, including most of the heavy ones that are strategic from 
the standpoint of element origin, are represented in the spectrum by no more 
than a half-dozen lines and consequently their abundances are poorly determined. 

Very great strides have recently been made towards the perfection of the plane, 
reflection grating, which promise to initiate a new era in solar spectroscopy and 
in the physical investigation of the Sun. Striking success has been achieved with 
gratings ruled by Dr. H. W. Babcock at the Mt. Wilson and Palomar Observatories 
and installed at several solar observatories in the United States and in western 
Europe. Excellent spectral definition and resolving power have also been obtained 
at the Crimean Astrophysical Observatory in the U.S.S.R. 1 Some of the larger 
Babcock gratings are blazed in the fifth order in the green region of the spectrum, 
where the resolving power is about 600000 and the instrumental half-width is 
of the order of 0.01 A. The special significance of these numbers is that the true 
half-widths of faint Fraunhofer lines are about three times greater than the in¬ 
strumental half-widths and therefore the profiles of the weak lines may be directly 
observed. Pierce 2 3 reports that the scattered light in the vacuum spectrograph* 
of the McMath-Hulbert Observatory amounts to only 0.7% of the continuum 
at X 5896; the ghosts contribute an additional 1.8%. In the cores of the H and 
K lines the total contribution of scattering and ghosts is no more than about 2% 
according to a recent unpublished determination by Mohler. Thus, the fact 
that both the profiles and the absolute central intensities of weak as well as 
strong lines may now be observed with relatively high precision presages a 
period of intensive re-analysis of the Fraunhofer spectrum in which heavy em¬ 
phasis will be laid on the detailed elucidation of the photospheric structure from 
individual line profiles. Abundance investigations will continue to be based on 
the equivalent widths of weak lines, which can now be measured with much higher 
accuracy than heretofore. It should be remarked, however, that the problems 
of establishing the position of the continuum and of correcting for blending still 
deserve the most careful observational and theoretical attention. 

In the succeeding sections, we shall first refer briefly to the observational 
data upon which investigations of the Fraunhofer spectrum are based, then 
sketch the theory of Fraunhofer-line formation, and finally review some of the 
more recent analytic studies of the spectrum. Refs. [2], [2], [5] and [ 9] contain 
excellent reviews of the subject, which have appeared during the past five years. 
Inasmuch as the earlier literature is well covered in these reviews, our own 
survey will emphasize the most recent developments. 

a) Observational data. 

21. Transmission of the Earth’s atmosphere. Owing to absorption by the 
atomic and molecular constituents of the Earth’s atmosphere, observation of 
the Fraunhofer spectrum from ground level is limited to a number of relatively 
narrow spectral regions, corresponding to the location of so-called “windows” 
in the Earth’s atmosphere. No region of the spectrum is entirely free of atmo¬ 
spheric line absorption, but in the regions of the windows, the telluric absorption 
lines are relatively weak and widely separated. The absorption spectrum of the 

1 A.B. Severny: Russ. Astronom. Journ. 33, No. 1 (1956). — Observatory 76, 241 
(1956). 

2 A.K. Pierce: J. Opt. Soc. Amer. 47, 6 (1957). 

3 R.R. McMath: Astrophys. Journ. 123, 1 (1956). 
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Earth’s atmosphere has been reviewed by Goldberg 1 , and the location of the 
windows is shown in Fig. 15. The ultraviolet limit for ground observation is 
about A 2935, but the radiation spectrum at shorter wavelengths has been observed 
from rockets to wavelengths as short as 1 to 2 A. However, the photospheric 
or Fraunhofer spectrum has really been observed only to about A 1600. The 
reason is that, at shorter wavelengths, the intensity of the continuous spectrum 
is too weak to be well observed in the exposure times possible with rockets, and 
hence only the line emission from the chromosphere and corona has been so 
recorded. The infrared limit of about 24 p. is fixed by water vapor absorption 
and an additional 9 or 10 octaves of the spectrum are passed through the atmo¬ 
sphere in the form of radio-radiation in the range from a few millimeters to about 
20 meters. The radio-waves also have their origin in the chromosphere and corona. 

Basic observational data on the Fraunhofer spectrum may be found in published 
catalogues of wavelengths, identifications and total intensities as well as in the 



Fig. 15 . Spectral windows in the earth’s atmosphere. Absorption is essentially 100% complete in the crosshatched 
regions of the spectrum. The wavelength scale is in microns. 


form of intensity tracings or atlases of the spectrum. The major sources of such 
data are listed in Refs. [10] to [16]. An excellent account of the techniques 
employed for the measurement and identification of Fraunhofer lines has been 
given in a recent article by C.E. Moore in Ref. [9], 

22. Wavelengths. The wavelengths of lines in the spectral region A 293 5 to 
A 10604 have been measured in terms of the International Scale of 1928 2 , with 
reference to a set of interferometrically determined standard wavelengths adopted 
by the International Astronomical Union. Infrared wavelengths longer than 
A 10604 have been established by the method of coincidences, in which the posi¬ 
tions of lines of unknown wavelengths are compared with those of known wave¬ 
lengths in the overlapping higher orders of plane grating spectra 3 . The standard 
source of solar wavelengths and identifications in the visible and ultraviolet is 
still the Revision of Rowland’s Table [10] published in 1928, although the 
wavelengths given there are subject to small corrections 4 ranging from about 
— 0.001 A in the ultraviolet to about — 0.008 A in the red at Ha. The Revised 
Rowland Table has been further revised and extended in the ultraviolet region 
A 2935—A 3060 by Babcock, Moore and Coffeen and in the near infrared 
A 6600—A 13495 by Babcock and Moore [11], the limits being set by the trans¬ 
parency of the Earth’s atmosphere and by the infrared sensitivity of photographic 
plates. A new Revised Rowland Table covering the entire photographic region 
observable from the ground, i.e., A 2935—A 13495, is in preparation by C.E. 
Moore. Over 200 new faint lines in the solar spectrum between A 5000 and 
A 6000 have been recorded and measured by Zalubas 5 . 

1 L. Goldberg: The Solar System, Vol. II, Chap. 9 , ed. G.P. Kuiper. Chicago, Ill.: 
Chicago University Press 1954. 

2 W. F. Meggers: Trans. Internat. Astronom. Union 3, 81 (1928). 

3 O.C. Mohler, A.K. Pierce, R.R. McMath and L. Goldberg: Astrophys. Journ. 
117, 41 (1953). 

4 H. D. Babcock: Trans. Internat. Astronom. Union 7, 151 (1950). 

5 R. Zalubas: Astrophys. Journ. 123, 544 ( 1956 ). 

Handbuch der Physik, Bd. LII. 
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The application of photoconductive cells to the observation of the Fraun¬ 
hofer spectrum, beginning in 1947, has led to the compilation by Mohler [75] 
of a new infrared table of solar lines, extending from Ail 984 to 2 25 5 78, the resolu¬ 
tion of the spectrum being comparable with that previously reserved only for 
the photographic region. This region of the spectrum is of particular interest 
both because it contains solar lines of relatively high excitation potential and 
because the continuous opacity of the photosphere passes through a minimum 
at about 7 16500. Both factors are favorable to the study of the deep layers of 
the atmosphere. A still further extension of the infrared spectrum is contained 
in the atlas and tables by Migeotte and his co-workers [16] covering observations 
made at the Jungfraujoch in the region 2.8 to 23-7 p- The Earth's atmosphere 
is completely opaque to solar radiation from 23-7 p. to the region of millimeter 
waves. 

A new field of Fraunhofer line research has been initiated by the photography 
of the solar spectrum from high-altitude rockets above 100 km, which brings 
into view the resonance lines of atoms with high excitation potentials. The first 
observations were made in 1946 by a group of workers at the U.S. Naval Research 
Laboratory 1 and shortly thereafter by Hopfield and Clearman 2 . Since 1948, 
the rocket spectroscopy of the solar ultraviolet has been carried out chiefly by 
the NRL group, and also by Rense® and collaborators at the University of Colo¬ 
rado. The extensive bibliography that has resulted from these investigations is 
cited in the more recent papers referred to here. The solar spectrum has now 
been photographed 4 to an ultraviolet limit of 977 A and observed at wavelengths 
shorter than 10 A by means of photon counters with spectral sensitivities limited 
to narrow wavelength bands 5 . According to a report by Tousey 6 , the solar con¬ 
tinuum has been observed as far as 2 1550 and the Fraunhofer lines to X 1650. 
Wavelengths and identifications have now been published for the region X 2990 to 
X 2085 7 . The resolving power in this region is about 0.5 A and the scattered light 
rather large. Hence only relatively crude analyses are possible. However, the 
more stable and permanent observational platforms that will be provided by 
artificial satellites make it appear only a matter of time before the far ultraviolet 
spectrum is observed with the same precision now achieved for the visible spec¬ 
trum. Figs. 16a and b are reproductions of the spectrum in the regions 
X 2400 —X 1800 and 7 1800—21000, respectively. The sharp drop in intensity 
below X 2100 appears to be caused by a sudden increase in the opacity of the solar 
atmosphere, and may be attributed either to continuous absorption by metallic 
atoms or more probably to quasi-continuous absorption by abundant solar mole¬ 
cules such as NO, CO and H 2 . The region at X 1800 marks the transition between 
the Fraunhofer spectrum of the photosphere and the emission-line spectrum 
of the chromosphere at shorter wavelengths. The spectrum is dominated by the 
very strong Lyman-a emission at 71215-7, but also features several ionization 
stages of the abundant elements C, O and Si. 

1 E. Durand, J. J. Oberly and R. Tousey: Astrophys. Journ. 109, 1 (1949). 

2 J.J. Hopfield and H.E. Clearman: Phys. Rev. 73, 877 (1949); H.E. Clearman: 
Astrophys. Journ. 117, 29 (1953)- 

3 W.A. Rense: Phys. Rev. 91, 299 (1953)• 

1 F. S. Johnson, J.D. Purcell, R. Tousey and N. Wilson: Rocket Exploration of 
the Upper Atmosphere, p. 279 . London: Pergamon Press 1954. — F. S. Johnson, H.H. 
Malitson, J.D. Purcell and R. Tousey: Astrophys. Journ. 1958 (in press). 

5 E.T. Byram, T. Chubb and H. Friedman : Rocket Exploration of the Upper Atmosphere, 
p. 274 , 276 . London: Pergamon Press 1954. 

6 R. Tousey: Trans. Internat. Astronom. Union 9, 179 (1955)- 

7 N.L. Wilson, R. Tousey, J.D. Purcell, F.S. Johnson and C.E. Moore: Astrophys. 
Journ. 119, 590 (1954). 
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23. Identifications. The first problem in the identification of Fraunhofer lines 
is to distinguish the lines of solar origin from those that are formed in the Earth s 
atmosphere (telluric lines). The latter are almost completely absent at wavelengths 
shorter than A 5000 , but become increasingly numerous as the wavelength in¬ 
creases. For example, Mohler’s infrared table contains a total of 7451 lines of 
which only 1786 are of solar origin. Babcock and Moore [J7] list four different 
methods of distinguishing telluric from solar lines: 

1 . Because the Sun rotates from east to west with a linear velocity of about 
2 km/scc, solar lines observed at the east and west limbs show differential Doppler 
displacements amounting to about 0.08 A at A 6000 , whereas the telluric lines 
are unshifted. 

2 . The strengths of telluric lines grow as the path length of sunlight through 
the Earth’s atmosphere is increased, or, in other words, with increasing solar 
zenith distance. The intensities of water vapor lines also fluctuate with humidity. 

3 . Solar lines are usually changed in intensity and generally exhibit Zeeman 
splitting in the spectra of sunspots, whereas atmospheric lines are unaltered. 

4 . Solar lines are frequently wider and more diffuse than their telluric counter- 
parts. 

To these four methods must be added a fifth technique, which, however, 
can only be applied to photographic spectra of very high dispersion and resolving 
power. As pointed out in the introductory section, the Fraunhofer lines exhibit 
local fluctuations in position, width and intensity. On plates taken with the 
vacuum spectrograph of the McMath-Hulbert Observatory, these inhomogeneities 
in the solar lines are clearly visible to the eye, but the telluric lines are uniformly 
sharp (sec Fig. 17). This method of segregating solar from telluric lines cannot 
be used for faint lines, for which the fluctuations are not readily apparent to the 
naked eye. 

The straightforward and most widely used method of identifying solar lines 
with those of known atoms and molecules is by direct comparison with laboratory 
spectra. Identifications based on direct coincidences have also been supplemented 
by the prediction of numerous lines, which are not observed in the laboratory, 
but whose wavelengths are calculated from the differences between atomic energy 
levels derived from analyses of laboratory spectra. The prediction method has 
been particularly advantageous for the identification of faint lines, notably of 
Fel, whose appearance in the Fraunhofer spectrum is favored by high temper¬ 
ature and long path in the photosphere, as well as for the identification of infra¬ 
red lines, for which laboratory observations are very incomplete. The indis¬ 
pensable references for solar atomic identifications are the tables of atomic energy 
levels by Moore 1 and their companion multiplet tables 2 , and the infrared multiplet 
table of Swensson 3 . 

According to a recent compilation by Moore [9], a total of sixty chemical 
elements have been fairly certainly identified in the Sun, with some evidence 
for the presence of seven others. Almost all of the elements are represented by 
their atomic spectra, with the exception of B and F, which are present in com¬ 
pounds only. The absence of the remaining elements may be explained on the 
grounds of low abundance, location of ultimate lines in the inaccessible ultraviolet, 
and the short mean lifetimes of certain radioactive atoms. The temperatures 
and pressures in the photosphere are such that the Fraunhofer spectrum is mainly 

1 C.E. Moore: Nat. Bur. Stand. Circ. 1. No. 467 (1949): 2 (1952). 

2 C.E. Moore: Revised Multiplet Table. Princeton Obs. Contr. No. 20, 1945- — Ultra¬ 
violet Multiplet Table. Nat. Bur. Stand. Circ. Sec. I 1950, No. 488; Sec. II 1952. 

3 J.W. Swensson: Mdm. Soc. Roy. Sci. Li6ge, S6r. IV 11, Fasc. 1 (1951)- 
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Fig. 17. TheD. line of Na I in the Fraunhofer spectrum and ncightx>ring lines of water vapor (W.V.). Photographed with 
the vacuum spectrograph of the McMath-Hulbert Observatory on Koval Pan emulsion at the center of the solar disk, 
5 th order of grating, slit width 125 ( 1 . exposure AS sec. 

an atomic spectrum, but many molecular bands have also been identified. Accord¬ 
ing to a recent survey by Broida and Moore *, 14 diatomic molecules are present 
in the Sun with reasonable certainty, whereas another 9 are possibly present. 


1 H.P. Broida and C.E. Moore: Mdm. Soc. Roy. Sci. Lifegc. Ser. IV 18 (1957). 
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Their lines are normally quite weak, with some exceptions, notably CN and C 2 . 
Solar molecules are usually observed by means of their electronic spectra. The 
one exception is CO, for which the electronic transitions fall in the rocket ultra¬ 
violet below about A 2000. Its solar abundance, however, is such that the funda¬ 
mental 1 and first overtone vibrational bands 2 appear in absorption at 4.6 and 
2-3 p, respectively. 

b) The formation of Fraunhofer lines. 

24. The equation of transfer. The fundamental problem in the theory of Fraun¬ 
hofer line formation is to predict the exact shapes of absorption lines by appro¬ 
priate solutions of the equation of radiative transfer: 

=K + *,) Wo-/v (24-1) 

In Eq. (24.1), I, is the specific intensity of the outgoing beam, x is the distance 
along the normal to the surface, measured inwards, q is the density, and /j, = cos d, 
where # is the angle between the direction of the beam and the surface normal. 

and x 0 are the mass absorption coefficients in the line and in the neighboring 
continuous spectrum, respectively. The first term on the righthand side of 
Eq. (24.1) therefore represents the energy absorbed per unit mass, whereas j, 
and / 0 are the corresponding emission coefficients in the line and continuum, 
respectively, in ergs per unit mass, per unit solid angle, per unit frequency. 
The form of Eq. (24.1) implies two approximations, namely, (1) that the photo¬ 
sphere is spherically symmetric, and that the local fluctuations in the atmo¬ 
sphere can be averaged out (Sect. 35), and (2) that the curvature of the atmo¬ 
sphere may be neglected, as it usually may in most practical applications. 

Instead of the geometric depth, x, it is customary to employ the optical 
depth as the independent variable. If the optical depth is defined in terms of 
the combined continuous and line absorption coefficients, viz.: 

dr, = (x 0 + x,)gdx, 

the differential equation (23-1) becomes 

d!v t U Ip 

^ d x, ' x 0 + x,‘ 

the solution of which for an infinitely deep atmosphere is 

o 

The quantity h> - ly is the source function S„ which is a function of the optical 
J *0 4 - *, 

depth t„. The emergent intensity I,, is compounded of contributions S v from 
different levels of the atmosphere, each of which is absorbed exponentially by 
the overlying layers. In many practical applications, the optical depth is expressed 
in terms of the continuous absorption coefficient: 

dr 0 — x 0 Qdx, (24.5) 

and the parameter r), is introduced, where 



* J.L. Locke and G. Hekzuerg: Canad. J. Lhys. 31, 504 (1953)- 
2 L. Goldberg and E. A. Muller: Astrophys. Journ. 118, 397 (1953). 


(24.2) 

(24-3) 

(24.4) 


(24.6) 
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With this notation, the transfer equation takes the form 




dly 

d t 0 


(1 + f] v ) /„ — 


whereupon the solution becomes 



(24.7) 


00 

+ G4.8) 

0 0 

The solution of the equation of transfer has engaged the attention of astro- 
physicists for over fifty years, beginning with the pioneering studies of Schuster 
and Schwarzschild. However, despite many brilliant achievements, it is still 
not possible to reproduce in full detail the observed profiles of strong absorption 
lines, especially at their line centers, nor can the center-to-limb variations in 
the profiles be accurately predicted. Three separate but related problems enter 
into the solution of the radiative transfer equation. The first is the choice of 
the correct form of the emission coefficient which requires exact knowledge 
of the mechanism by which the photospheric gases re-emit the energy they 
absorb. The second requires a knowledge of the structure of the photosphere, 
in particular the chemical composition and the variation with depth of the density 
and of the absorption and emission coefficients. Finally, given a mechanism of 
re-emission and a model photosphere, there remain the often formidable mathe¬ 
matical difficulties connected with the actual solution of the equation. Although 
a variety of exact and near-exact solutions of the equation of transfer have been 
carried out, some of them beautifully elegant, all have been based on relatively 
inexact approximations to the form of j v and to the structure of the photosphere 
In the following sections we shall discuss these three aspects of the radiative 
transfer problem in order. 

25. Re-emission mechanisms, a.) Coherent scattering. Prior to about 1940, 
it was considered that the re-emission by excited atoms was governed by one 
or the other, or a combination, of the two mechanisms known as coherent scat¬ 
tering and pure absorption. 

Consider a transition between a lower energy level 1 and an upper level 2. 
An atom in level 1 absorbs radiation of the proper frequency v to be excited to 
level 2. It then promptly re-emits a photon of precisely the same frequency v 
and returns to the ground level. The process is called coherent scattering. It is 
sometimes stated that an absorption line is formed by this process because the 
radiation absorbed from an outward moving beam along the line of sight is re¬ 
emitted or scattered in all directions. A more accurate statement [5] would be 
that the re-emitted photon is absorbed by an H _ ion and converted into conti¬ 
nuous radiation before it can escape from the atmosphere. The coherent scatter¬ 
ing mechanism, first introduced by Schuster in 1905, is equivalent to Milne’s 
assumption of monochromatic radiative equilibrium as a means for solving the 
radiative transfer equation. If it is supposed that the total amount of energy 
absorbed in a given frequency v is equal to that re-emitted in the same frequency 
the emission coefficient, takes the form 

1v = Kj I,- A - =X.X- ( 25 . 1 ) 

This equation implies that the populations of levels 1 and 2 are governed only 
by the intensity of r-radiation and not by the temperature of the free electrons. 
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since the latter do not interact in any way with the discrete levels. Furthermore, 
the source function J v varies across the line, since it has the same frequency 
dependence as the angularly-averaged value of 

/}) Pure absorption. After an atom absorbs a photon of frequency v, it may, 
before it can re-emit the same frequency, experience a collision of the second 
kind with a free electron or with a hydrogen atom, or it may suffer collisional 
or radiative ionization. The result is that the energy originally absorbed is con¬ 
verted into kinetic energy and eventually re-emitted in an entirely different 
frequency. The interaction between the free electrons and the excited states of 
the atom has the effect that the populations of the atomic levels are given by a 
Boltzmann distribution at the electron temperature, and further that the re- 
emission is governed by Kirchhoff’s law: 

j, — B v (T e ), (25-2) 


where B v (T e ) is the Planck function corresponding to the electron temperature. 
The re-emission is then said to occur in accordance with “local thermodynamic 
equilibrium”, or “pure absorption”. The source function is simply B r (T e ) > which 
is of course constant over the entire line. 

The assumption of pure absorption greatly simplifies the calculation of line 
profiles. It is generally considered valid when applied to transitions between 
highly-excited levels, on the basis that after excitation to the upper level, the 
atom is likely to re-radiate in a different frequency than that initially absorbed. 
Hence, a redistribution in frequency is effected. Furthermore, the lines of high 
excitation are formed principally in the deeper layers where the Boltzmann or 
excitation temperature is likely to be equal to the electron temperature. 

When a very strong absorption line is formed by coherent scattering, its 
central intensity is zero, but the central intensity of a line formed by pure absorp¬ 
tion is equal to the Planckian intensity at the temperature appropriate to the 
mean level of origin of the radiation. At the limb, the classical theory of coherent 
scattering predicts that the line radiation should be polarized 1 whereas lines 
formed by pure absorption should vanish at the limb, because the tangential 
line of sight for both the line and continuum radiation is essentially isothermal. 
The lines will not disappear, however, if the excitation temperature is lower than 
the electron temperature. Observations by Redman 2 show no evidence for polari¬ 
zation at the limb greater than about 10% of the amount predicted by the 
theory, but neither do most Fraunhofer lines disappear at the limb. Furthermore, 
the central intensities of even the strongest resonance lines are finite, although 
values as small as about 2% of the neighboring continuum have been measured 
by Redman 3 (see also Sect. 39). 

yJ Combined absorption and coherent scattering. The failure of either the pure 
absorption or the coherent scattering mechanisms to account for observed line 
profiles suggested the possibility that a combination of the two processes might 
be operating. This hypothesis is expressed mathematically 4 by the introduction 
of a parameter e, the fraction of excited atoms which are de-excited by super¬ 
elastic collisions or which undergo ionization. The line emission coefficient then 
becomes 

/„ = sx r B r + (1 — e) x,J„ (25-3) 


1 H. Zanstra: Monthly Notices Roy. Astronom. Soc. London 101. 250 (1941). 

2 R.O. Redman: Monthly Notices Roy. Astronom. Soc. London 101, 266 (1941); 103, 
329 (1943). 

3 R.O. Redman: Monthly Notices Roy. Astronom. Soc. London 97. 552 (1937)• 

4 A.S. Eddington: Monthly Notices Roy. Astronom. Soc. London 89, 620 (1929). 
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where it is understood that both J v and B v are functions of t 0 . There are very 
good reasons for assuming 1 that the continuous emission coefficient /„ is given 
by Kirchhoff’s law: 

j 0 = x 0 B v . ( 25 . 4 ) 

Hence, the equation of transfer (24.7) may be written in the well known Eddington- 
Stromgren form for combined absorption and coherent scattering: 

= + r lv) I v — B v {\ + £i? v ) —(1- e)r] v J„. (25-5) 

Many interesting properties of the transfer equation and its solutions can 
be deduced from the integral form of the equation. Let the optical depth in the 
line plus continuum be x v , so that 

d t„ = (1 +r) v )dr 0 . 

If we set 

r __ 1 + erj v 
1 + Vv ’ 

Eq. (25-5) becomes 

The source function is therefore 

S v = LB v — — L) J. (25.9) 

Making use of the integral equation for J v , which was first derived by Schwarz- 
schild and Milne by substituting the expression for /„ in Eq. (24.8) into Eq. (25.1) 
we obtain (see [S], p. 260 ) 

S V =LB V + f(l-L) fEid^-T.DS^Otfr,, (25.10) 

0 

where Ei is the exponential integral: 


(25.6) 

(25.7) 

( 25 . 8 ) 


OO 

Ei (*)= / —^ d y > (25.11) 

0 

and y — i/fi. 

d) Non-coherent scattering. Eqs. (25-5) and (25-10) have had considerable 
success in predicting the major features of solar line profiles on the basis of 
various kinds of assumed model photospheres. It fails, however, in many im¬ 
portant details, particularly in not accounting for the wings of strong lines at 
the solar limb. These failures have led to the introduction of the concept of 
non-coherent scattering, which is based on the notion that, owing to the finite 
breadths of energy levels, radiation absorbed in one part of a line may be re¬ 
emitted elsewhere in the same line. The absorbed frequencies may thus be ran¬ 
domly re-distributed, even though each excited atom returns by a spontaneous 
radiative transition to the level from which it was excited. This concept was 
first suggested by Eddington 2 and was later established by the calculations of 
Spitzer 3 and Wooley 4 and by the observational studies of Houtgast 5 . 

1 H.H. Plaskett: Vistas in Astronomy, Vol. I, p. 637. London: Pergamon Press 1955. 

2 A.S. Eddington: Monthly Notices Roy. Astronom. Soc. London 89, 620 (1929). 

3 L. Spitzer: Astrophys. Journ. 99, 1 (1944). 

4 R. v. d. R. Wooley: Monthly Notices Roy. Astronom. Soc. London 98, 624 (1938). 

5 J. Houtgast: Diss. Utrecht 1942 . 
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In the solar and stellar atmospheres, the re-distribution of absorbed frequencies 
is brought about by radiative damping, by pressure broadening and by the random 
motions of the absorbing and emitting atoms. Radiative damping is important 
only for subordinate lines 1 - 2 since, in the absence of other broadening effects, 
the ground state has zero width and hence the absorbed quantum must be re¬ 
emitted with its frequency unchanged. The theory of pressure broadening in 
the solar atmosphere is very incomplete. No single theory has been developed 
that takes account simultaneously of the many kinds of interactions between 
the emitting and absorbing atoms and the surrounding charged particles. The 
theory has been well worked out, however, for the extreme cases of (1) collisional 
broadening, in which the atom is disturbed primarily by discrete encounters 
with neighboring atoms, ions and electrons, and (2) statistical broadening, in 
which the atom is subjected to a slowly-varying electric field produced by the 
totality of surrounding charged particles. For both extremes of collisional and 
statistical broadening, Spitzer has shown that the scattering will be completely 
non-coherent and hence it is fair to assume that non-coherency will prevail in 
the general case as well. 

The importance of the Doppler effect as a re-distribution mechanism was 
pointed out by Henyey 3 [i]. It is caused by the fact that a moving atom may 
absorb radiation from one direction and emit it in another. The absorbed and 
emitted frequencies will therefore not be identical. The influence of the Doppler 
effect on the scattering process has been investigated in considerable detail by 
Miyamoto 4 , who has succeeded in this way in accounting semi-quantitatively 
for the shapes of the cores of very strong lines. 

Whether the energy levels are broadened by the Doppler effect, by radiative 
damping, or by pressure broadening, the net result is that in most cases the 
frequency dependence of the absorption and emission coefficients is identical 
and hence the ratio jjx v is a constant for each line and independent of I v . Let 
us suppose, for example, that 

/, = *,/. ( 25 - 12 ) 

where / is independent of frequency. To determine the constant of proportion¬ 
ality /, we use the condition that the total amount of energy absorbed and 
emitted in the line must be equal, regardless of whether the scattering is coherent 
or non-coherent. In other words, 

/ j v dv = f Jx v dv =/ j x,dv (25-13) 

and therefore 

The equation of transfer for the case of combined continuous absorption, line 
absorption and completely non-coherent scattering then has the form 

= + B,( 1 + e Vr ) - (1 - e) rj v . (25.15) 

The more general case in which the scattering is only partially non-coherent has 
been discussed by Zanstra 5 and by Wooley and Stibbs [4]. Zanstra formulated 

1 See footnote 4, p. 45- 

2 L. Spitzer: Monthly Notices Roy. Astronom. Soc. London 96, 794 (1936). 

3 L.G. Henyey: Proc. Nat. Acad. Sci. U.S.A. 26, SO (1940). 

1 S. Miyamoto: Z. Astrophys. 35, 145 (1954). 

5 H. Zanstra: Monthly Notices Roy. Astronom. Soc. London 101, 273 (1941); 106, 225 
(1946). 
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the problem for a classical oscillator under the influence of phase-shift broaden¬ 
ing (see Sect. 27), and concluded that the scattering would consist of coherent 
and non-coherent components, the intensity ratio being equal to the ratio of 
radiative to collisional damping. Edmonds’ 1 recent quantum-theory formulation 
shows that Zanstra’s results are not applicable to non-coherency by statistical 
broadening and that the coherent component in fact amounts to no more than 
5 % of the total intensity. 

26 . Model atmospheres. No matter what mechanism of re-emission is assumed, 
the solution of the transfer equation requires a knowledge of the structure of 
the atmosphere, the most important parameters being the electron or kinetic 
temperature, the electron pressure, the total gas pressure, the turbulent velocity, 
and their dependence upon the optical depth t 0 . These parameters can then be 
employed to calculate the functions B,( r 0 ) and rj v (r 0 ). It is commonly assumed 
that B„, the continuum source function, is given accurately by Planck’s law, viz., 

D 2 hv* 1 

~^ ^jktTZTY • (26.1) 

where T r is the radiation temperature, which can be derived as a function of r 0 
from observations of limb darkening (see Sect. 17). Eq. (26.1) is valid only in 
the case of local thermodynamic equilibrium. The effects of line and continuous 
absorption cause T r to vary with wavelength. Plaskett 2 has given reasons for 
believing that under photospheric conditions, the kinetic and ionization tem¬ 
peratures will be equal to a mean value of the radiation temperature, but there 
is no indication as to how the mean value is to be determined. The existence of 
temperature inhomogeneities also leads to departures of the source function from 
the Planckian form 3 . 

I he quantity rj v is the ratio, x v jx 0 , of the line to the continuous absorption 
coefficient. The latter can be determined empirically from limb darkening, or 
calculated from the theory of continuous absorption by neutral hydrogen and 
negative hydrogen ions. Convenient tables for this purpose have been given by 
Vitense 4 and by Ueno, Saito and Jugaku 5 . The contribution by neutral 
hydrogen is slight in the upper and middle layers of the photosphere but increases 
with depth. The continuous absorption coefficient per gram of solar gas varies 
with both temperature and electron pressure, especially the latter, and also 
depends on the abundance of hydrogen relative to helium, since the latter does 
not contribute to the opacity. The use of empirical values of x 0 may perhaps 
be preferable to the theoretical values, since the latter assume that only neutral 
hydrogen and H~ are responsible for the opacity, whereas other unknown agents 
may also play a role. 

The calculation of x v , the line absorption coefficient per gram, usually involves 
a variety of uncertain assumptions. The line absorption coefficient is first of 
all proportional to n r s , the number of atoms per gram in stage of ionization r 
and level of excitation, s. It is related to the total number of atoms per gram 
through the Saha and Boltzmann equations, and therefore depends on the tem¬ 
perature and electron pressure, which are functions of the depth r 0 . It is usually 
assumed that the Boltzmann excitation temperature and the Saha ionization 

1 F. N. Edmonds jr.: Astrophys. Journ. 121, 418 (1955). 

2 Plaskett: Vistas in Astronomy, Vol. I, p. 637- London: Pergamon Press 1955. 

3 K. H. Bohm: Z. Astrophys. 35, 179 (1954). 

4 E. Vitense: Z. Astrophys. 28, 81 (1951). 

5 S. Ueno, S. Saito and J. Jugaku: Contrib. Kyoto Inst. Astrophys. 1954, No. 43 . 



48 


Leo Goldberg and A. Keith Pierce : The Photosphere of the Sun. Sect. 27 . 


temperature are identical and equal to the electron and radiation temperatures. 
This assumption is valid for thermodynamic equilibrium but may be substantially 
in error for the outer layers of the photosphere. 

27. Line broadening mechanisms 1 , a.) Doppler effect. Next, it is necessary to 
know the frequency dependence of which depends on the mechanism of line 
broadening. The important mechanisms in the solar atmosphere are ( 1 ) thermal 
and turbulent broadening by the Doppler effect; (2) damping by radiation and 
collisions; and ( 3 ) pressure broadening. Certain metallic lines also show evidence 
of broadening by hyperfine structure 2 * 3 . 

The random Doppler effect leads to an absorption coefficient whose shape is 
determined entirely by the Gaussian distribution of atomic velocities, namely, 

*, = *,e , (27.1) 


where y. V(I is the absorption coefficient at the line center and A v D is the so-called 
Doppler width, defined as the frequency displacement corresponding to the most 
probable space velocity. The central absorption coefficient is given by 


, Vti e 2 1 

x r . = n r J- -— , 

0 r ’ sl me Arp 


( 27 . 2 ) 


where / is the conventional /-value, and the other symbols have their usual 
meanings. A variety of observational evidence, both from the curve of growth 
and line profiles, (see the article by de Jager, in this volume) proves that the 
Doppler widths of metallic Fraunhofer lines are on the order of a factor of two 
greater than the thermal value for T = 6000 ° K. The excess width is caused by 
the random turbulent motions of the solar gases. This requires that the Doppler 
width be given by the relation 




2kT 

M 



(27-3) 


where M is the mass of the atom and £ t is the most probable turbulent velocity. 

It is not yet known with certainty how the turbulent velocity varies with 
depth in the photosphere. The depth dependence can be studied both by observ¬ 
ing the center-limb variation of the half-widths of faint Fraunhofer lines, and 
also by determining the half-widths of lines that originate from different depths 
by virtue of their excitation characteristics. The analysis is complicated by the 
fact that the turbulence is anisotropic. The results obtained to date are contra¬ 
dictory. Some investigations suggest that the turbulence increases with depth, 
others that it decreases, and still others that it is independent of depth. Most 
investigators have adopted constant values of between one and two km/sec, but 
eventually the exact depth and angular dependence of the turbulent velocity 
will have to be taken into account (see Sects. 35 and 36 ). 

fi) Radiative damping. The absorption coefficient for radiative damping is 
given by the dispersion formula 

V ==M / 71 e2 _ Yrt 1 &_ (27.4) 

__ ” r,s me (v — »* 0 ) 2 + (y f /47i) 2 ’ ' 

1 For line broadening effects see the article by R. G. Breen jr. in Vol. XXVII of this 
Encyclopedia. 

2 H. A. Abt: Astrophys. Journ. 115, 199 (1952). 

3 W. R. Hindmarsh: Monthly Notices Roy. Astronom. Soc. London 115, 270 (1955). 
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where y r is the sum of the reciprocal radiative mean lifetimes of the two energy 
states, in sec h It is therefore equal to the sum of the downward transition prob¬ 
abilities from both energy states. Values of y r may be calculated from tables 
of transition probabilities, as given for example, by Landolt-Bornstein 1 and 
by Allen 2 . For most Fraunhofer lines its value is of the order of to 8 . 

y) Collisional damping. Collisional damping occurs in the solar photosphere 
as a result of discrete encounters with perturbing particles which produce large 
cumulative phase shifts in the radiated wave train during the course of the en¬ 
counter. The instantaneous phase shift Sv, is proportional to r~ n , where r is the 
distance of the disturbing particle and n is an integer which is determined by 
the nature of the disturbing particle. For an ion or an electron acting upon hydro¬ 
gen, n = 2 (linear Stark effect) while for most other radiating atoms w=4 (qua¬ 
dratic Stark effect). When the perturbing particle is a neutral atom of the same 
kind as the radiating atom, n = 3 ; when it is a neutral atom of a different type, 
n=6 (van der Waals forces). It turns out that no matter what the value of n, 
the phase-shift theory of line broadening leads to an absorption coefficient which 
is identical with Eq. (27-4) for radiative damping, with the exception that y r 
is replaced by a collisional damping constant, y c , where 

n = (27-5) 

and r is the so-called “mean free time’’ between collisions (the velocity divided 
by the mean free path). Formulae for y c have been given by Lindholm [5], 
For the conditions that prevail in the photosphere, the collision damping for 
hydrogen lines is caused by the linear Stark effect of ions, while for metallic 
lines either the quadratic Stark effect of electrons or the van der Waals inter¬ 
actions with neutral hydrogen atoms predominates. 

Observations show that in the moderate and very deep layers of the photo¬ 
sphere, the collisional damping, which is proportional to the number density of 
perturbing particles, exceeds radiative damping by factors of from 5 to 100. 
In the higher layers, however, radiative damping must be included and this can 
be done in general by replacing y r in Eq. (27.4) by y r +y c . Although the theory 
of collisional damping is not sufficiently refined for the accurate calculation of y c , 
it can be combined with laboratory experiments to give reasonably useful results 3 * * . 

6) Statistical Stark broadening. The phase-shift theory of line broadening 
represents one of two extreme approaches to the general problem of pressure 
broadening, in which the energy levels are perturbed only by encounters with 
individual fast-moving particles. The phase-shift approximation is most nearly 
realized in the broadening of metallic lines by electrons and H atoms. In the 
other extreme, which seems to be more relevant to the hydrogen lines, the energy 
levels are considered to be broadened by the Stark effect of the slowly varying 
electric field generated by the surrounding configuration of charged particles. 
The theory of statistical broadening of the hydrogen lines was originally treated 
by Holtsmark for electrons and ions at rest with respect to the radiating H atom. 
In its application to stellar atmospheres, the Holtsmark theory implies that the 
electric field is steady and homogeneous during the time in which it perturbs 

1 Landolt-Bornstein : Atom- and Molekularphysik, Part I: Atoms und Ionen, p. 260, 
6th ed. Berlin: Springer 1950. 

2 C. W. Allen: Astrophysical Quantities. London: Athlone Press 1955. 

3 A. UnsOld and V. Weidmann: Vistas in Astronomy, Vol. I, p. 249. London: Pergamon 

Press 1955- 

Hanrtbuch der Physik, Bd. LI!. 
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the individual H atom. It has been emphasized by Odgers 1 , however, that the 
effects of high-velocity electrons cannot be properly handled in the adiabatic 
type of approximation when the field of the electron fluctuates rapidly in a time 
comparable with the Bohr period of the atomic electron. The non-adiabatic 
case has recently been investigated quantum-mechanically by Kivel, Bloom 
and Margenau 2 and in the classical-path approximation by Kolb 3 . Kolb 
finds that the additional broadening due to high-velocity electrons is comparable 
to the static ion broadening at all densities and must be included in the theoretical 
treatment of hydrogen line profiles. This conclusion was confirmed by Turner 
and Doherty 4 , who showed that profiles of H/9 formed in the shock tube could 
be better represented when electron broadening is taken into account. How¬ 
ever, the problem of the hydrogen line broadening is not yet completely solved, 
partly because the approximations in the Kolb theory are not valid near the line 
center. This failure of the theory may not be too serious for the Sun, where the 
central parts of the hydrogen lines are probably widened by the random Doppler 
effect. Furthermore, the effect of the electrons on the wing broadening is allowed 
for only approximately by Kolb. A reliable theory for the line wings is urgently 
needed. 

Attempts to test theories of Stark broadening against solar observations 
have been inconclusive. Thus, de Jager, Migeotte and Neven 6 concluded 
that the observed profile of the Brackett-a line of hydrogen, H 4 6 , could be 
represented by a profile computed on the basis of the Holtsmark theory. Do¬ 
herty and Aller 6 and Severny 7 find, however, that the wings of the theoretical 
Holtsmark profiles for Ha are shallower than those observed. Severny concludes 
that Stark broadening is less effective for Ha than is pressure broadening by 
neutral hydrogen, whereas Doherty and Aller argue that the Holtsmark theory 
is incorrect and show that the Kolb theory gives better agreement with the solar 
observations. 

e) Combined Doppler and damping broadening. The absorption coefficient for 
metallic lines results from the combined broadening effects of random Doppler 
motions and damping by radiation and/or collisions. Each point of the damping- 
broadened profile of Eq. (27-4) is broadened into a Gaussian velocity distribution 
and the combined absorption coefficient is derived by summing the contributions 
of the separate error curves. The resulting integral must then be solved numeric¬ 
ally. Rather complete tables of solutions for lines of astrophysical interest have 
been computed by Harris 8 and others. The absorption coefficient is written 
in the form 

x v = x„ 0 • H(a, v ), (27.6) 


where is the central absorption coefficient for pure Doppler broadening, given 
by Eq. (27.2) and H(a, v) is tabulated as a function of the parameters a and v. 
Here 


v 


Av 

Av d ’ 


(2 7-7) 


1 G. J. Odgers: Astrophys. Journ. 116, 444 (1952). 

2 B. Kivel, S. Bloom and H. Margenau: Phys. Rev. 98, 495 (1955). 

3 A. C. Kolb: Thesis, University of Michigan 1956. 

4 E. B. Turner and L. Doherty: Astronom. J. 60, 158 (1955). 

5 C. de Jager, M. Migeotte and L. Neven: Ann. d’Astrophys. 19, 9 (1956). 

6 L. Doherty and L. H. Aller: Proc. NSF Conf. Stellar Atmospheres, ed. by M. H. 
Wrubel: Indiana University 1954. 

7 A. B. Severny: Publ. Crimean Astrophys. Obs. 16, 54 (1956). 

8 D. L. Harris: Astrophys. Journ. 108, 112 (1948). 
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the distance from the line center in units of the Doppler width and 


a 


y)47t 
Av d ' 


(27.8) 


the ratio of half-widths for damping and Doppler broadening, respectively. 

In summary, the calculation of the line absorption coefficient requires first 
a knowledge of the structure of the atmosphere, the parameters of which are 
the density, temperature, electron pressure and velocity characteristics of the 
gases. The second requirement is for an accurate theory of line broadening, 
especially in the outer parts of the lines, where pressure broadening is operative. 
Finally, it is necessary to know certain atomic constants, the most important 
of which are the collisional damping constants, which vary from line to line and 
from element to element, and the /-values. The usual assumption of local thermo¬ 
dynamic equilibrium permits the equating of electron, excitation and ionization 
temperatures with the radiation temperature derived from limb darkening This 
may be erroneous in the high layers, but there is at present no straightforward 
procedure for determining the extent of probable deviations. 

With this brief assessment of the problem of Fraunhofer line formation, we 
shall now proceed to describe some of the approximate solutions that have been 
attempted. 


28. Analytic solutions of the transfer equation. The calculation of Fraunhofer 
line profiles is always based on simplifying assumptions which chiefly concern 
(1) the structure of the atmosphere, and (2) the re-emission mechanism. The 
structure enters through the adoption of models of the atmosphere, by means 
of which B v is specified as a function of r 0 and r\ v as a function of both r 0 and v. 
The simplest kind of model, which has come to be known as the Schuster-Schwarz- 
schild (or S.S.) model, is that in which the continuous spectrum is radiated by 
Planck s law from a sharply-bounded photosphere and in which the absorption 
line is formed entirely in a gaseous layer above, the so-called reversing layer. 
1 his concept has been extremely useful in early explorations of the solar spectrum 
but has now been virtually abandoned, since there is no sharp dividing line be¬ 
tween the layers in which the continuous absorption and line formation take 
place. The exact solution of the S.S. problem with coherent scattering has 
been given by Chandrasekhar [2], 

Most analytic calculations of line profiles have in recent years been based 
upon the Milne-Eddington (or M.E.) model, in which both the continuum and 
line are formed in a single layer of infinite optical depth, with the further condi¬ 
tion that ?]„ is constant with depth. The continuum source function, B v , is always 
assumed to be a Planck function, and usually its dependence on optical depth is 
taken to be linear, i.e., 

•®v( T o) = -f- Bl r 0 , (28.1) 


the coefficients B° v and B] being derived from theory or from limb-darkening 
observations. The observations show that this approximation is quite good 
except in the deepest layers, for which higher terms must be included. The con¬ 
stancy with depth of rj v is a dubious assumption for most lines. Even for the 
iC-line of Call, for which both the line and continuous absorption coefficients 
increase with optical depth, Aller ([£], p. 271) finds that the ratio decreases 
by more than a factor of three between r = o.05 and r = 2.0. 

Inasmuch as there is no precise physical theory for the reemission, it has 
been necessary to assume one mechanism or another and to test the assumptions 
empirically against the observations. However, one cannot always be certain 
whether discrepancies should be attributed to errors in the model or to the assumed 

4 * 
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form of j v . The assumed mechanisms vary between the extremes of pure absorp¬ 
tion (e = 1) on the one hand and pure scattering (s =0) on the other. The scatter¬ 
ing may also be assumed to be completely non-coherent or only partially so. 

The frequency dependence of 7] p does not enter into the solution of the transfer 
equation for the M.E. model when the scattering is coherent. It must of course 
be taken into account whenever the scattering is non-coherent since it appears 
in the calculation of J in Eq. (25.15). 

Accounts of the extensive literature on solutions of the transfer equation will 
be found in [2] to [5], The classical Eddington 1 approximation to the solution 
of the M.E. problem with coherent scattering [Eq. (25-5)] has been widely applied 
but has now been superseded by a variety of relatively simple exact solutions, 
the first of which was due to Chandrasekhar 2 . Chandrasekhar’s solution 
for the emergent intensity, with rj v constant and B„ linear with depth, was given 
in closed form in terms of the so-called H(/u) functions and their moments. More 
recent investigations have employed different methods with the aim of (1) sim¬ 
plifying numerical computations; (2) utilizing non-linear forms of B v \ (3) obtain¬ 
ing the explicit form of J,(t) at each depth; and (4) developing techniques that 
could be applied to the non-coherent scattering problem. Thus, Kourganoff 3 
showed that Chandrasekhar’s method could be extended to yield the r-depend- 
ence of J p . Menzel and Sen 4 applied an operational method and Huang 6 the 
variational method to obtain both the emergent intensity and J (r). Huang 6 
has solved the M.E. problem by means of the Laplace transform method with 
the Planck function expressed as a polynomial in the optical depth. Similar 
solutions by Miss Busbridge 7 make use of the principle of invariance governing 
the law of diffuse reflection, first introduced by Ambartsumian 8 and generalized 
by Chandrasekhar [2]. 

The principle of invariance appears to be an extremely powerful tool for the 
solution of the transfer problem with non-coherent scattering 9 . The problem 
has generally been attacked with the aid of two types of approximations, the 
first dealing with the structure of the atmosphere and usually involving the 
assumption of the Milne-Eddington model, and the second concerned with the 
manner in which radiation is interchanged between different parts of the line. 
The problem of the radiation interchange was treated by approximate methods 10-12 
and also first solved exactly by the principle of invariance by Sobolev 13 for the 
simplified case in which both the Planck function and the continuous absorp¬ 
tion coefficient are independent of depth. By the principle of invariance, a number 
of authors have now handled rigorously the problem of radiation interchange 14-17 . 

1 A. S. Eddington: Monthly Notices Roy. Astronom. Soc. London 89, 620 (1929). 

2 S. Chandrasekhar: Astrophys. Journ. 106, 145 (1947). 

3 V. Kourganoff: Astrophys. Journ. 113, 419 (1951). See also [3]. 

4 D. H. Menzel and H. K. Sen: Astrophys. Journ. 113, 482 (1951). 

5 Su-shu Huang: Phys. Rev. 88 , 50 ( 1952 ); Astrophys. Journ. 117, 215 (1953). 

6 Su-shu Huang: Ann. d’Astrophys. 15, 352 (1952). 

7 I. W. Busbridge: Monthly Notices Roy. Astronom. Soc. London 113, 52 (1953). 

8 V. A. Ambartsumian: Dokl. Acad. Sci. USSR. 38, 229 (1943). 

9 I. W. Busbridge: Monthly Notics Roy. Astronom. Soc. London 115, 661 (1955). 

10 G. Munch: Astrophys. Journ. 109, 275 (l94-9). 

11 D. Labs: Z. Astrophys. 28, 150 (1951). 

12 Z. Suemoto: Publ. Astronom. Soc. Japan 1, 78 (1949). 

13 V. V. Sobolev: Russ. Astronom. J. 26, 129 (1949). 

14 I. W. Busbridge: Monthly Notices Roy. Astronom. Soc. London 112, 45 ( 1952 ); 113, 
52 ( 1953 ): 115, 661 ( 1955 ). — Quart. J. (Oxford) (2) 6, 218 (1955). 

15 V. V. Sobolev: Russ. Astronom. J. 31, 231 (1954). 

16 D. N. Stibbs: Monthly Notices Roy. Astronom. Soc. London 113, 493 (1953). 

17 S. Ueno: Contrib. Inst. Astrophys. Kyoto 1955, No. 58 . 
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As a result of their work, the equation of transfer has been solved exactly with 
the following restrictions: 

1. The atmospheric model is of the Milne-Eddington type, with a linear 
Planck function given by Eq. (28.1) and r], independent of depth. 

2. The frequency dependence of the absorption coefficient is that of com¬ 
bined Doppler broadening and damping [Eq. (27.6)]. 

3 . The scattering may be completely or only partially non-coherent 1 . 

4 . Allowance may be made for a fractional amount of thermal re-emission 
by the introduction of the parameter e in Eq. (25.15), e being independent of 
both frequency and depth. 

The effect on the non-coherent contours of departures from linearity of the 
Planck function has been discussed by Labs 2 . 

The question of small departures of from depth constancy has been treated 
analytically for coherent scattering by Stromgren 3 4 , and T uberg 1 and extended 
to any value of 11 by Hitotuyanagi 5 . For non-coherent scattering, however, 
the arbitrary variation of B v , 7] y and s with depth can only be handled by nu¬ 
merical integration and successive approximation. Calculations of this type 
have been made for the Balmer lines by de Jager 6 and for the X line by Al- 
ler [8]. 

29. Observational tests of non-coherent scattering. We have already remarked 
that most Fraunhofer lines are not formed either by pure scattering or by pure 
absorption, but by a combination of the two. This is the reason for the introduc¬ 
tion of the parameter e into the equation of transfer. There are certain lines, 
however, for which one process or the other appears to be predominant. For 
example, resonance lines are most likely to be formed by scattering, and sub¬ 
ordinate lines by pure absorption. Hence, the X-line of Ca + and the D-lines of 
Na have most frequently been employed in observational tests of theories of 
non-coherent scattering. The results have been somewhat conflicting. Hout- 
gast 7 showed that the center-limb variations in the wings of several strong 
Fraunhofer lines could not be represented by either true absorption or coherent 
scattering and explained the discrepancies qualitatively by non-coherent scatter¬ 
ing. More quantitative calculations on the X-line by Munch 8 , Savedoff 9 , and 
Aller [8] improve the fit with observation as compared with the pure coherent 
solution. Sobolev 10 also concludes that the theory of line formation by non¬ 
coherent scattering is in better agreement with observation than that of coherent 
scattering. Unsold 11 drew attention to the importance of using an accurate 
model of the photosphere in testing for the existence of non-coherent scattering 
and criticized the use by Houtgast of a linear Planck function. However, 
Aller’s calculation of the X-line profile was carried out by a numerical method 
in which the solar model was derived from limb darkening observations and the 
exact dependence of rj v with depth was taken into account. The solution for 

1 See footnote 16, p. 52 . 

2 D. Labs: Z. Astrophys. 34, 173 (1954). 

3 B. Stromgren: Astrophys. Journ. 86 , 1 (1937). 

4 M. Tuberg: Astrophys. Journ. 103, 145 (1946). 

5 Z. Hitotuyanagi: Publ. Astronom. Soc. Japan 5, 96 (1953). 

6 C. de Jager: Rech. Obs. Utrecht 13, 1 (1952). 

7 J. Houtgast: Diss. Utrecht 1942 . 

8 G. Munch: Astrophys. Journ. 109, 275 (1949). 

9 M. P. Savedoff: Astrophys. Journ. 115, 509 (1952). 

10 V. V. Sobolev: Russ. Astronom. J. 31, 231 (1954). 

11 A. Unsold: Vjschr. Astr. Ges. 78, 201 (1943). 
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coherent scattering predicts emission in the line wings at the limb, but the intro¬ 
duction of non-coherent scattering brings the solution into very good agreement 
with the observations. 

The difficulty of verifying experimentally non-coherent scattering is illustratet 
by several investigations of the D lines. Harris 1 and Hitotuyanagi and Inaba 2 
have calculated the center-limb variation in the profiles on the assumption of 
coherent scattering and on the basis of reasonable physical models of the photo¬ 
sphere, including the variation of t] y with depth. Harris finds that the observed 
line wings are slightly deeper and wider than the computed profiles and offers 
the possibility that the deviations may be due to the neglect of non-coherent 
scattering. On the other hand, Hitotuyanagi and Inaba obtain rather exact 
agreement with observation for a model atmosphere derived by Aller and 
Pierce 3 , whereas Harris’ calculations are based on a model by Munch. Prie- 
ster 4 uses a model by Bohm-Vitense 5 , which is featured by a sharp drop in 
temperature in the outer layers, and also assumes pure absorption in reproducing 
his new observations of the D-line profiles at the center and limb of the Sun. 
But Plaskett 6 has shown that only 0.46% of Na atoms in the excited 4 2 P° level 
will be de-excited by collisions of the second kind with H atoms before re-radiat- 
ing. It has also been found ([5], p. 133) that the probability of upward radiative 
excitation from 4 2 P" is about 1 % relative to that of spontaneous re-emission. 
It is therefore most unlikely that the D lines are formed by pure absorption. 
Although non-coherent scattering simulates pure absorption in the deep solar 
layers where the line wings (seen at the center of the disk) would be formed, 
appreciable departures are to be expected in the higher layers, which contribute 
to the wings when they are observed at the limb (see also Sect. 39). 

The foregoing examples illustrate the difficulty of obtaining experimental 
proof of non-coherent scattering in the face of uncertainties in the solar model 
and in the collisional damping formulae which must be used to calculate the 
dependence of rj v on the optical depth. Nevertheless, the theoretical evidence 
is so overwhelming that the reality of non-coherent scattering can hardly be 
doubted. It is therefore best to assume its validity and to look elsewhere for the 
sources of discrepancies with observation. 

30. Numerical methods. In practical applications, the analytic solutions of 
the equation of transfer are best used when r) v is constant with depth. When the 
variation of r] v is relatively small, Stromgren 7 has devised an approximate 
method in which the profile is represented in terms of suitably weighted mean 
values of the Planck function and of the quantity (1 +e»? v )/( 1 + »?,,). The mean 
value method, which may also be utilized in connection with Chandrasekhar’s 
exact solution 8 has had many useful applications in the calculation of solar 
abundances and in the representation of the profiles of the Z)-lines and of the 
.K-line. If the variation of r] v with depth is too large to be handled by the mean- 
value method, the profile can be calculated precisely only by strictly numerical 
methods, which can be employed for any arbitrary dependence of rj, upon the 
depth. One such method is based upon the direct numerical integration of the 

1 D. L. Harris: Astrophys. Journ. 109, 53 (1949)- 

2 Z. Hitotuyanagi and H. Inaba: Sci. Rep. Tohoku Univ. Ser. I 38, No. 3 (1954). 

3 L. H. Aller and A. K. Pierce: Astrophys. Journ. 116, 176 (1952). 

4 W. Priester: Z. Astrophys. 32, 200 (1953)• 

5 E. Bohm-Vitense: Z. Astrophys. 34, 209 (1954). 

6 H. H. Plaskett: Monthly Notices Roy. Astronom. Soc. London 115, 256 (1955). 

7 B. Stromgren: Astrophys. Journ. 86, 1 (1937)- 

8 M. Tuberg: Astrophys. Journ. 103, 145 (1946). 
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transfer equation, after simplification by the Eddington approximation 1 . A 
second method, due to Stromgren 2 , attacks the solution of the corresponding 
integral equation (25-10) by an iteration process. This is the most accurate 
method that has so far been used for the calculation of profiles of strong lines, 
with non-coherent scattering included. Unfortunately, for the important case 
in which the line scattering coefficient is much greater than the line absorption 
coefficient, the Stromgren method converges only very slowly [£]. Plaskett 3 
has proposed a numerical method for the solution of the exact equation of trans¬ 
fer, Eq. (24-8), which involves no assumptions either as to the mechanism of 
re-emission or as to local thermodynamic equilibrium, and in which atomic 
transition probabilities for radiative excitation and ionization are used to derive 
values of the source functions and absorption coefficients as functions of the 
kinetic, excitation and ionization temperatures. The method seems to offer 
the possibility of yielding not only the abundance and the damping constants, 
but also the depth dependence of the excitation temperature, but no numerical 
applications have as yet been made. 

A fourth numerical method, which is now being widely applied for abundance 
determinations, makes use of so-called weighting functions to represent the 
stratification of the atmosphere. The method is based on an idea of Milne’s 
that in an atmosphere with arbitrary stratification, the contribution of each 
layer to the line radiation can be represented by weighting factors which depend 
only on the model of the atmosphere. They are therefore functions of the optical 
depth and of the wavelength but are the same for all lines. The method is especially 
valuable when applied to weak lines and the wings of strong lines, for which it 
was first developed by Unsold and by Minnaert. The method was later extended 
to strong lines by Pecker and adapted to machine computation by Elste 4 and 
by ten Bruggencate, Lust-Kulka and Voigt 5 . 

Minnaert 6 has emphasized the advantages inherent in the use of faint lines 
for analyses of the Fraunhofer spectrum. For example, the profiles and equi¬ 
valent widths of faint lines are independent of the damping, which greatly sim¬ 
plifies the determination of abundances. Furthermore, no simplifying assump¬ 
tions need be made with regard to the structure of the atmosphere. Finally, 
as we shall see later, the central intensities of strong lines are enhanced by a 
number of effects which are difficult to evaluate, such as fluorescence, non¬ 
coherent scattering and chromospheric emission. These effects play no role in 
the formation of weak lines. Until recently, the intensities of weak lines could 
be measured only with very limited accuracy, but the advent of spectrographs 
with very high resolving power has removed this limitation and hence the study 
of faint Fraunhofer lines is destined to receive an increasing share of attention 
in the immediate future. For this reason we shall outline the method of weight¬ 
ing functions in some detail. 

The method can be equally well applied whether the re-emission occurs by 
scattering or absorption, or by both. However, since weak lines are most likely 
to arise from excited levels, the quanta are almost always re-emitted in a different 
frequency from that absorbed and hence it is usually assumed, e.g., in abundance 
determinations, that, for the faint lines, scattering may be neglected. We first 

1 A. Pannekoek: Publ. Astr. Inst. Amst. 4 (1935). 

2 See A. Underhill: Publ. Dom. Astrophys. Obs. 8, 357 (1951). 

3 See footnote 6, p. 54. 

4 G. Elste: Z. Astrophys. 37, 201 (1955). 

6 P. ten Bruggencate, R. Lust-Kulka and H. H. Voigt: Nachr. Akad. Wiss. Gottingen 
1955, No. 3. 

6 M. Minnaert: Trans. Internat. Astronom. Union 7, 457 (1950). 
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define the line depth r(Av) as 

r(Av) = , ( 30 . 1 ) 

where I,, and I c are respectively the emergent intensities in the line and in the 
neighboring continuum. The exact solution of the equation of transfer may be 
written in the form 

OO 

f 1 (AX) = I" e" 1 **' g(J (rj ^ , (30.2) 

0 

where we use 'e subscripts v and A to refer to the absorption coefficients in the 
line and contim m, respectively. The wavelength A 0 is arbitrary and is usually 
chosen to be A 5 )00. For each region of the spectrum and position on the disk, 
the weight functions g% (r x ) are functions of the optical depth at the standard 
wavelength A 0 . The line depth is the sum of the contributions of the absorption 
coefficient from each layer of the atmosphere, each weighted by its g-factor and 
decreased exponentially by absorption in the layers above. 

The weight functions are given rigorously by 

OO 

gSK) = 3 --s>---> (30.3) 

/ 

0 

where S(t x ) is the source function, and the denominator is the intensity 

of the emergent radiation in the continuum at A. Note that the usual assumption 
of local thermodynamic equilibrium (LTE), implies that the electron and excita¬ 
tion temperatures are equal. In this case, the source function may be set equal 
to B v , the Planck function appropriate to the electron temperature, which is 
derived as a function of optical depth from limb darkening observations. The 
calculation of the weighting functions is thus greatly simplified since they depend 
only on the properties of the model atmosphere and are the same for all lines. 

Eq. (30-3) is not in the most suitable form for calculation because the numera¬ 
tor contains the difference between two terms of nearly equal magnitude. More 
useful is the differential form 

OO 

iM gsfo) = / *r^dt x , ( 30 . 4 ) 

0 

which shows that the weight function is determined by the gradient of the source 
function with depth. Obviously, an absorption line will not be formed unless 
the gradient is greater than zero. The numerical integration of Eq. ( 30 . 2 ) and 
( 30 . 4 ) is most conveniently carried out with log r rather than r as the independent 
variable 1 , the chief reason being that the geometrical depth in the solar atmosphere 
is more nearly proportional to the logarithm of the optical depth. 

The calculation of line profiles and equivalent widths by the weighting func¬ 
tion method has been adapted to high-speed machine computation by Elste 
and applied both to the Fraunhofer spectrum and to the spectra of B stars 2 . 


1 G. Elste: Z. Astrophys. 37, 201 (1955)- 

2 L. H. Aller, G. Elste and J. Jugaku: Astrophys. Journ. Suppl. 1957, No. 25- 
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In Elste’s notation, the substitution 


X 0 = Log Tj, Tj 


to 1 




10*. , 

Tj T » > 

Mod u 


(30.5) 


with Mod =0.4343 leads to the following form of Eq. ( 30 . 2 ): 


r»(AX) = f—J^L 
J ft 


10 *. 


Mod 


exp 


-*-o 

_ fl *, 

J ft x> 


io? 


xi Mod 


d y g3W 


( 30 . 6 ) 


where A 0 is usually taken to be 5000 A. 

The numerical calculation of the line intensity is made more convenient by 
the following substitution, which makes clear the functional d >endence of the 
integrand: 


1 x v 10 *. 1 , 7 H(v, a) 

ft XX. Mod ,x f 


(30.7) 


as a result of which Eq. ( 30 . 6 ) becomes 


+00 


r^AX) =f~~jH(v,a) exp - J~jH[v,a) dy 


g>i{x 0 )dx 0 . ( 30 . 8 ) 


In Eqs. (30.7) and ( 30 . 8 ), //(f, a) gives the wavelength dependence of the absorp¬ 
tion coefficient for combined Doppler broadening and damping, according to 
Eq. ( 27 . 6 ), while g is the most probable atomic velocity, compounded of thermal 
and turbulent components. Thus 

= + ( 30 . 9 ) 


The quantity M* is independent of the depth and is given by 


M* — p f 7 e ' 
11 ~ N n S'.Ar.s* mr 


m c Mod Mu fx'- 




( 30 . 10 ) 


where NJN H is the number of atoms per gram of the given element in all stages 
of ionization, g r s is the statistical weight of the lower level s, and f,i n is the mean 
molecular weight of the un-ionized material relative to hydrogen. Ax is the 
energy in volts required to ionize the atom from the lower level of the transition 
and <9 0 = 5040/T 0 , where T 0 is an arbitrary parameter approximately equal to 
the mean temperature of the atmosphere. For the Sun, 0 O may be taken as 
unity. The factor A x is employed whenever the element in question is a neutral 
atom that is easily ionized under solar conditions. For neutral atoms that are 
difficult to ionize, and for ionized atoms, A x is replaced by x> the excitation 
potential of the lower level of the transition, measured from the ground state. 

Both H(v, a)jg and Z vary with depth, chiefly the latter, which has the form 


1 10 *„-©„a z 

Sn r Sr,s 


( 30 . 11 ) 


in which w rs /2 n r> the ratio of the number of atoms in level s and ionization 

r 

stage r to the total number oi all atoms of that element, is given by the Saha 
and Boltzmann equations. Many of the required partition functions have been 
tabulated by Cl aas 1 and by de Jager and Neven 2 , but there are still important 

1 W. J. Claas: Rech. Obs. Utrecht 12, 13 (1951). 

2 C. de Jager and L. Neven: Rech. Astr. Obs. Utrecht 13, Part 4 (1957). 
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gaps for several of the heavy elements. Note that the factor 10®» A * has been 
transferred from Z to M* for convenience of calculation. 

The equivalent width of the absorption line is obtained by integrating Eq. ( 30 . 8 ) 
over all frequencies. This leads to the expression 


where 


and 


+ OO 

w £ _ r M * ]/tz 

A J fi c 

— OO 


a)g1{x 0 )dx 0 , 

, - , r 


Y M* 


( 30 . 12 ) 


( 30 . 13 ) 


w 


. a) = [ H{v, a) e-W,*) » dv 


(30.14) 


is the saturation function introduced by Pecker 1 in order to extend the theory 
of weighting functions to strong lines. The solution in terms of Eq. ( 30 . 12 ) is 
made possible by placing the quantity H/f in front of the integral in the exponent 
of Eq. ( 30 . 8 ). Note that Y is proportional to M*, which is a measure of the total 
strength of the line and that as Y->-0, W-*- 1. Hence for faint lines 


where 


-i- OO 

l j- = [ N ^{x 0 )gi{x 0 )dx o, 

— OO 


M = M* . 

C 


(30.15) 

( 30 . 16 ) 


We may introduce the symbols L ; and J?), such that for strong lines 
while for weak lines (S / =t), 

W? _ M 

= T A ' 

We observe that L x is independent of M and hence, as is well known, the 
equivalent widths of faint lines vary linearly with the number of absorbing atoms. 
On the other hand depends on M in a complicated fashion through Eq. (30.12), 
(30.13), and (30.14). Both L, and are functions of the excitation and ionization 
potentials, the wavelength, and the atmospheric model. 


(30.17) 

( 30 . 18 ) 


c) The analysis of Fraunhofer lines. 

31. Calculation of line profiles. We shall now explain how calculations based 
upon the above formulae may be applied to the analysis of Fraunhofer lines. The 
first step is the selection of a model atmosphere which specifies the electron 
pressure and temperature as a function of the optical depth at a standard wave¬ 
length ?. 0 . The numerous models that have been derived differ chiefly in the 
temperature distribution of the outermost layers, where Log r< —1.5. The 
empirical model of Aller and Pierce 2 satisfies the observed limb darkening 

1 J. C. Pecker: Ann. d’Astrophys. 14, 383 (195' 1 )- 

2 L. H. Aller and A. K. Pierce: Astrophys. Journ. 116, 1 76 (1952). 
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and spectral energy distribution but is not physically meaningful for the very 
high layers from which little or no continuous radiation emanates. The high 
layers can be handled by means of theoretical models, the best of which appears 
to be that of Bohm 1 . Bohm’s model agrees fairly well with the Aller-Pierce 
model in the intermediate and deep layers but has a boundary temperature of 
3400° K as compared with 4500° K for the latter model. However, departures 
from thermodynamic equilibrium, which occur chiefly in the highest layers 2 ’ 3 
generally tend to increase the state of ionization and hence the assumption of 
a higher boundary temperature simulates at least roughly the deviations from 
thermodynamical equilibrium. 

In the present uncertain state of our knowledge concerning these departures, 
the Aller-Pierce temperature distribution is a reasonable one to adopt. These 
considerations have guided G. Elste in the adoption of the model given in Table 7 
for use in connection with the Michigan solar abundance project 4 . The first 
column gives the logarithm of the optical depth at X 5000, the second the quantity 
t9 = 5040/r, and the third the logarithm of the electron pressure in dynes/cm 2 . 
The electron pressure distribution was derived in the usual way for a He to H 
abundance ration of 1: 5 and a metal abundance of 4 X 1(T 4 relative to hydrogen. 

The next step is the calculation of the weighting functions, as a function of 
/t, X and r^, by numerical integration of Eq. (30.4). The results of Elste’s cal¬ 
culations performed with the Michigan high-speed electronic computer (MIDAC) 
according to the model of Table 7 for a number of wavelengths, with fi — \, are 
collected in Table 8 . Similar calculations were also performed for Bohm’s model, 
but the differences in the weighting functions are negligible for the deeper layers, 
Log t>— 1.2, and not very important in the outer layers which make only a 
small contribution to the absorption of weak lines. Hubenet 5 has also reached 
the conclusion independently that the weighting functions are relatively insen¬ 
sitive to the choice of model. 

Once the weighting functions are tabulated, the line profile may be computed 
by numerical integration according to Eq. ( 30 . 8 ). The only part of the integrand 
that is frequency dependent is H(v, a)/£, which for weak lines varies only slowly 
with depth in the atmosphere. If it is assumed initially to be constant with depth, 
the integral may be calculated for a number of different values of H(v, a)/£ and 
the shape of the absorption coefficient H(v, a) derived by fitting the calculated 
values of r{A X) to the observed profile. This procedure has recently been applied 
by Suemoto 6 to a number of weak lines with different effective depths of origin, 
observed at several values of fj,, to investigate both the anisotropy of the tur¬ 
bulence and its dependence on optical depth. As a by-product of the computation, 
the parameter M* can also be determined, since it is independent of both fre¬ 
quency and depth. The abundance of the element relative to hydrogen, NJN H , 
then follows by Eq. (30.10), if the absolute /-value of the line is known. 

32. Contribution curves. When the integrand in Eq. ( 3 O. 8 ) is plotted against x 0 , 
the resulting curve is known as the contribution curve of the line depth, 
since it measures the contribution to the line from each atmospheric layer. Its 
physical significance has been discussed in detail by ten Bruggencate^ al . 7 . 

1 K.-H. Bohm: Z. Astrophys. 34, 182 (1954). 

2 K.-H. Bohm: Z. Astrophys. 35, 179 (1954). 

3 M. Bretz: Z. Astrophys. 38, 259 (1955). 

4 See L. H. Aller: Vol. LI, this Encyclopedia, 

5 H. Hubenet: Proc. Kon. Nederl, Akad. Wetensch. Ser. B 59, 480 (1956). 

6 Z. Suemoto: Monthly Notices Roy. Astronom. Soc. London 117, 2 (1957)- 

7 P. ten Bruggencate, R. Lust-Kulka and H. H. Voigt: Nachr. Akad. Wiss. Gottin¬ 
gen 1955, No. 3- 
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Three such curves are reproduced in Fig. 18 from the work of Elste 1 . They 

_i_ 

’ Nu 


Mod 


V H 


gf* = 


0.0 


03 


refer to Fe I lines, with A% = 3-5 eV, and for which the quantity 
1CT 10 . The curves are drawn for 
the three parts of the line A X =0, 

0.04 and 0.08 A and clearly illus¬ 
trate how the outer parts of a 
line tend to be formed in relati¬ 
vely deep layers as compared 
with the line center. -g. 

In similar fashion, contri- 0.2 
bution curves appropriate to the A 
equivalent widths are obtained 
by plotting the integrand of 
Eq. ( 30 . 12 ) against x 0 . The re¬ 
sulting curves for the lines CI 
X 5380 and Ni I X 5436 are shown 
in Fig. 19 for the center of the 
disk (/i =1.0) and for the limb 
(li =0.1). The curves, which are 
also due to Elste, give the con¬ 
tribution to the quantity W x j2A X D 

from each layer specified by x 0 . They demonstrate strikingly that the effective- 
level of origin is raised from the center to the limb, and also that high excitation 
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Fig. 18. Contribution curves for the depths of Fe I lines with 
Jx = 3.5eV and A~550 oA. The three curves give the contri¬ 
butions to the line depth, dr(Av), as a function of x 0 = Log r 0) for 
three different parts of the line, A A = 0, 0.04 and 0.08 A 
(after G. Elste). 
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lines such as those of C I are formed 
in very deep layers as compared with 
low-excitation neutral metallic lines. 

33. The curve of growth 2 . The 
foregoing method of analysis can only 
be employed when accurate profiles of 
faint and medium-strong lines are 
available, and furthermore, its most 
useful application is in the investigation 
of atmospheric structure. For the deter¬ 
mination of abundances, it is sufficient 
and usually preferable to rely on the 
equivalent widths of Fraunhofer lines. 

The analysis of equivalent widths is 
usually performed with the aid of the 
curve of growth, which relates the 
equivalent width of a line to the va¬ 
rious atomic and atmospheric para¬ 
meters that enter into its formation. 

We shall not attempt to summarize 
the many important investigations of 
the solar spectrum by the curve-of- 
growth method, beginning with the pioneering work of Minnaert and Mulders. 
Excellent reviews will be found in [2] and [5]. Until recently, these studies 
have been based upon schematic models of the photosphere, usually either of 

1 G. Elste: Z. Astrophys. 37, 201 (1955). 

2 For a description of the curve-of-growth method cf. also D. Barbier, Vol. L of this 
Encyclopedia, p. 360seq. 
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Fig. 19. Contribution curves for the equivalent widths of 
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the Schuster or Milne-Eddington types. With the former, the equivalent width 
is calculated as a function of the optical depth in the line center: all lines are 
considered to arise from a layer above the region in which the continuous spectrum 
is formed. In the real photosphere, two lines having the same optical depth 
but occurring in different regions of the spectrum may have quite different 
intensities owing to the variation of the continuous absorption coefficient with 
wavelength. In the Milne-Eddington model, the influence of the continuous 
opacity is partially taken into account by expressing the equivalent width as 
a function of rj 0 , the ratio of the central line absorption coefficient to the contin¬ 
uous absorption coefficient outside the line. The use of curves of growth based 
upon these schematic models has yielded a great deal of valuable semi-quantita¬ 
tive information on the solar photosphere, including the recognition of collisions 
as the main source of line wing broadening, the existence of turbulent motions, 
and estimates of abundances. 

It has become apparent, however, that the shape of the curve of growth, 
especially in the important transition region where small differences in equivalent 
width correspond to very large changes in the numbers of effective absorbing 
atoms, depends rather critically upon the choice of the solar model. Furthermore, 
the variation with height of the numbers of absorbing atoms can be quite dif¬ 
ferent for lines of different excitation and ionization potentials. Finally, since 
the collisional damping constant and probably also the turbulent velocity vary 
with height, lines formed at different levels will be characterized by different 
values of these parameters. It is therefore not appropriate to employ a single 
theoretical curve of growth, based upon an idealized model, to interpret the 
equivalent widths of all lines of the same or different elements. The importance 
of the stratification effects has been emphasized by Minnaert, who showed also 
how the method of weighting functions leads to an accurate expression for the 
equivalent widths of faint lines, which takes full account of the details of the 
model. 

Minnaert’ s faint-line theory and its extension to stronger lines by Pecker 
have been adapted to machine computation by Elste, with particular reference 
to abundance determinations. By Eq. (30.18) the equivalent widths of faint 
lines are proportional to M, which is a constant for each line and contains the 
abundance, and the L- A , which includes all factors dependent on the depth. We 
introduce the parameter C, such that 

M = C ■ ~~ , (33-1) 

and hence 

Log C = Log gf X G> 0 A % + Log L x — Log +const, ( 33 . 2 ) 

where 

+00 

= / Z(x 0 )g1( x o) dx 0- (33-3) 

— 00 

For any given element, the function L x depends upon the wavelength, /., 
and upon either A% or Whether L x is a function of A % or of y w depends upon 
the ionization properties of the atom, which enter into the factor n r J2 7 n, in 
Eq. (30.11). Because of this factor, L x will also, in general, differ from element 
to element. However, following Claas 1 , we may arrange the elements into groups 
with similar ionization properties. Elste has calculated values of L k for a number 
of elements and lines over wide ranges oi %, A % and X, using the solar model 


1 W. J. Claas: Rech. Astr. Obs. Utrecht 12, 13 (1951). 
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given in Table 7. It turns out that there is one group of neutral elements (Claas’ 
group I) for which L x has the same dependence on X and A y for all elements. 
They are elements for which /„+( 6.3 eV and / 1 >14.4eV, where I 0 and J x are 
the ionization potentials of the neutral and singly-ionized atoms, respectively. 


Table 9 . Coefficients a and b in Eq. (33-4) and (33-5)* 


Element | 

a 

b 

Element J 

a 

b 

Element { 

a ' 

b 

c 

-6.35 

-3.685 

V 

4-0.18 

- 1.640 

Zn 

— 2.80 ; 

-1.048 

Mg. 

— 0.06 

-0.334 

Cr 

4-0.37 

— 0.878 

Sr 

4- 0.40 

-0-330 

Si 

— 1.00 

- 1.033 

Mn 

4-0.15 

-0.931 

Y 

+ 0.18 

— 1.210 

s 

- 5.45 

— 2.810 

Fe 

— 0.10 

— 1.720 

Zr 

+ 0.18 

- 1.673 

Ca 

4-0.25 

-0.347 

Co 

— 0.10 

- 1.596 

Nb 

+ 0.18 

— 1.647 

Sc 

4 - o.is 

- 1-365 

Ni 

— 0.26 

- 1.205 

Hg 

— 6.00 

— 2.100 

Ti 

4-0.18 

- 1-755 

C 11 

-0.37 

— 0.176 





and include Li, Na, Al, K, Ga, Rb and In. For this group of elements, a family 
of curves can be drawn, each of which gives Log L ; as a function of A % for a 
specified wavelength. Inspection of the curves for other elements reveals that 



Fig. 20. The dependence of Log L^ upon Ax' and A, for neutral elements of relatively low ionization potential. 


many of them can be derived merely by shifting the group I curves by appro¬ 
priate amounts in the A% and Log L x scales. This makes possible the derivation 
of Log L ; for all neutral elements for which L f is a function of Ay from a single 
family of curves in which the quantity Log L\ is plotted against zl y', where 

Ax' = Ay + a, (33.4) 

and 

Log-L,. = L°g^A + b. (33.5) 

Values of a and b are given in Table 9 for a number of elements of interest, 
whereas the L'-curves are shown in Fig. 20. For the elements in group I, a and b 
are zero, and hence the curves may be entered directly with A y A to find Log L ; . 
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For the elements in Table 9, the curves are entered with A%' to find Log L' ? , 
after which Log L x is obtained from Eq. ( 33 . 5 ). 

The L-curves in Fig. 20 pertain to all neutral elements for which I, is a func¬ 
tion of A/. For ionized elements and the neutral elements of Claas’ group VII 
(/„> 13.5 eV, 7, >14.4 eV), for which L is a function of %, the calculations were 
limited to selected values of A and %, according to Table 10. 

34. Abundances of elements. Fig. 20 and Table 10 have provided the basis 
for a new determination of the abundances of the elements in the Sun by Gold- 


Table 10. Values of Log L(%, A) for elements of group VII and ion lines. 



A 

X 

A 

X 

A 

X 

0 

2 

9 

9-5 

10.3 

11.5 

2.93 

OI 

5000 

6000 

8000 

5.808 

6.000 

5-895 

7-326 

7-117 

6-798 

NI 

7-243 

7000 

8000 

10000 

7-586 

7-441 

7-279 

Sr II 

7-572 

O 

O 

o 

6.815 



A 

X 

A 

X 

A 

X 

0.6 | 2.5 

8.83 

8.08 

9.8 

Ba II 

4500 

6000 

6-377 Mg II 

6.123 

4500 

8.059 Si II 

4000 

6000 

7-031 

7-961 


-3 
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berg, Muller and Aller 1 . The procedure for very weak lines (W = 1 ) is to 
calculate Log C with Eq. ( 33 . 2 ), after which the abundance NJN ^ follows directly 
from Eqs. (30.18) and (33-1)- There are, however, many elements for which suffi¬ 
ciently faint lines are not available 
and hence use must be made of 
mediumstrong lines, which are partly 
saturated but are yet not so strong 
that damping plays a significant role 
in their broadening. For these strong¬ 
er lines we must employ the Pecker 
theory embodied in Eqs. ( 30 . 12 ) to 
(30.14). By numerical integration of 
Eq. ( 30 . 12 ), a theoretical relation is 
derived between the equivalent width 
W-J/A and the parameter M, for pairs 
of values of A and of A % or %, which¬ 
ever is appropriate. The graphical 
relationship between Log WJX and 
Log M is essentially the curve of 
growth for the line in question and 
for the assumed atmospheric model. 

An empirical curve of growth may 
also be derived by plotting observed values of Log Ik'/A against Log C for groups 
of lines of about the same wavelength and excitation characteristics. The side¬ 
ways displacement between the empirical and theoretical curves then gives the 
abundance directly, by Eq. ( 33 . 1 ). 


1 1 

‘sX.6ooo,Az -J.2S 
• X/0000 -12000, /!%= 3.2 

° h/0700,A% = 2.Z / 

x/t 16200-16800^1=2.2 / 



19200-22000, 
2.0-1.9 

/ 

O _ • 

i 

. ' • 

/ 

- ffiei 

- thei 

r.c.0.gr.A/6500 

wcjo.gr.X600D, 



- 1.0 


0 

tog m c ■ 


+/.o 


*10 


Fig. 21 . The curve of growth for lines of Si I. The solid 
and dashed curves are calculated with the Pecker theory for 
A 16 500 , Ax = 2, and X 6000, Ax — 3, respectively. The sym¬ 
bols represent observational values of log W^jX and values of 
Log C calculated by Eq. (33.2), with fx — \. 


1 See Aller: Vol. LI, this Encyclopedia. 
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The application of the Pecker theory by Elste to Si I is illustrated in Fig. 21, 
where the relation between Log W/X and Log M has been calculated for ranges 
of values of M. For weak lines, the relationship is a straight line with slope 45 °, 
but for stronger lines there is a separate curve of growth for each pair of values 
of X and A %. lhe value of 11;-//. for which the line becomes saturated appears 
to depend on the rate at which the number of absorbing atoms increases with 
depth relative to the rate of increase of the continuous absorption. A line formed 
at a level below that of the continuum will be weaker than one formed in higher 
layers 1 . For comparison with the theory, the observed values of Log W x jX are 
plotted against Log C for five different multiplets. There is some indication 
that the infrared lines do indeed fall below the visual lines in the diagram, as 
required by the theory, but the scatter of the points resulting from uncertainties 
in both the equivalent widths and the /-values precludes a more precise test. 

35. Empirical determination of absorption coefficient. All model atmosphere 
calculations of line profiles require knowledge of the wavelength dependence 
of the absorption coefficient. It is usually assumed for lines other than hydrogen 
that the absorption coefficient is due to combined Doppler broadening and 
collisional damping, the thermal Doppler width and damping constant being 
dependent on the temperature and pressure. If the analysis is confined to weak 
and moderately-strong lines, the damping constant need not be known with high 
precision, but it is important to know the turbulent velocity and its dependence 
on both r and it. Most investigators have assumed that the turbulent velocity 
is independent of depth and have adopted values between 1 and 2 km/sec as 
suggested by curve of growth and line profile studies. There is now good evidence 
that the turbulence is anisotropic 2 and that the ratio of the tangential to the 
radial velocity is about 1 . 6 3 - 4 . However, the evidence for a depth dependence 
of | is conflicting. Suemoto finds that f increases with depth in apparent con¬ 
tradiction to the results of Waddell and of Rogerson 5 which suggest that £ 
is constant with depth. 

The discrepancies may be attributed partly to observational error and partly 
to differences in the methods of analysis. Of the five lines observed in common 
at the center of the disk by Rogerson and Suemoto, the values of A X D for four 
lines are in reasonably good agreement, but for the fifth line, X 6238 of Fe + , 
Rogerson’s value of 0.064 A is about 50% greater than Suemoto’s. The results 
have been obtained by widely different methods of analysis. Rogerson applied 
the method of Voigt profiles [I], whereas Suemoto used the more refined technique 
of calculating a theoretical profile by integration with an assumed model atmos¬ 
phere and then determining the absorption coefficient by numerical fitting to 
the observed profile. Both methods contain serious disadvantages. The Voigt 
profile method is strictly applicable only to weak lines, whereas the method of 
numerical fitting necessitates extensive computations and the assumption of an 
atmospheric model. 

An alternative method of extracting the wavelength dependence of the 
absorption coefficient retains the simplicity of the Voigt profile method and the 
accuracy of the numerical fitting method 6 , but requires no advance knowledge 
of the model atmosphere. Similar in principle to those employed by Athay and 

1 Aller, Elste and Jugaku: Astrophys. Journ. Suppl. 1957, No. 25 . 

2 C. W. Allen: Monthly Notices Roy. Astronom. Soc. London 109, 343 ( 1949 ). 

3 J- Waddell: Thesis, University of Michigan 1956 . 

4 Z. Suemoto: Monthly Notices Roy. Astronom. Soc. London 117, 2 (1957). 

5 J. B. Rogerson: Astrophys. Journ. 125, 275 (1957). 

6 L. Goldberg: Astrophys. Journ. 127, 308 (1958). 

Handbuch der Physik, Bd. LII. c 
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Thomas 1 and de Jager 2 for the derivation of the Doppler widths of the Balmer 
lines, the method requires the accurate observation of the profiles of two lines 
of known relative strengths in the same multiplet. It is assumed (1) that the 
source functions for the two lines are equal and independent of frequency; and 
(2) that the wavelength dependence of the absorption coefficient is independent 
of optical depth. It is then self-evident that at points of equal intensity in the 
two profiles the absorption coefficients are also equal. If A X a and A X b are the 
respective wavelength displacements for two points of equal intensity in profiles 
a and b, it follows that 


< p (A h) _ ( gf)a 
<p(AX a ) ( gf) b 


(35-1) 


where <p (A X) is the wavelength dependence of the absorption coefficient and g f 
is the relative line strength. The application of Eq. (35-1) to various points on 

the line profile yields the run of 
cp{AX) with AX. 

For the particular case in which 
the absorption coefficient in the line 
core is due to Doppler broadening 
only, 


and Eq. (35-1) permits a solution 
for A X D , viz.: 

= [W~ W]- (35,3) 

Although Eq. ( 35 . 3 ) is derived on 
the assumption that A X D is constant 
over the depth range of line formation, its application to different parts of the same 
line as well as to different lines can yield information on the depth dependence 
of A X D . Similarly, the anisotropy of the turbulence may be inferred from center- 
limb observations. As an example, the method has been applied to Suemoto’s 
observations of the lines XX 6238 and 6248 , which belong to the multiplet b i D — 
z 1 P° of Fe + . These are the only two lines in Suemoto’s list that fall in the same 
multiplet. Their relative strengths have not been measured in the laboratory, 
but have a theoretical LS-coupling ratio of 2 . The results are given in Table If, 
together with Suemoto’s values, which were derived from the half-width of the 
absorption coefficient. The general agreement is good although there are interest¬ 
ing differences in detail. The essential constancy of the Doppler width throughout 
the line core suggests that it does not vary steeply with depth. The general 
increase of A X D towards the limb is apparently reversed at /i =0.4 but restored 
at fi— 0 . 3 , whereas Suemoto’s values tend to drop off at ju= 0 . 3 . 

The foregoing method seems susceptible to a wide variety of applications, 
since it may be applied not only to the investigation of turbulence, but also to 
the improvement of solar models. 

36. Inhomogeneities in the photosphere. Thus far in this chapter, the Fraun¬ 
hofer lines have been treated as though they are formed in a homogeneous at¬ 
mosphere in which all physical parameters vary only with depth. The granulation 

1 R. G. Athay and R. N. Thomas: Astrophys. Jonrn. 127, 96 (1958). 

2 C. de Jager : Rech. Astr. Obs. Utrecht 13, 50 (1952). 


<p(AX) =e , ( 35 . 2 ) 


Table 11. Values of A Xjy derived for Fe + lines 
X 6238 and X 6248. 




1.0 

0.8 

0.6 

| 0.4 

0.3 

0.00 

0.035 

0.038 

0.043 

0.044 

0.049 

0.01 

0.036 

0.039 

0.044 

0.044 

0.048 

0.02 

0.038 

0.042 

0.045 

0.044 

0.048 

0.03 

0.038 

0.044 

0.046 

0.045 

0.048 

0.04 

0.038 

0.044 

0.047 

0.044 

0.049 

0.05 

0.037 

0.042 

0.047 

0.042 

0.047 

0.06 

0.038 

0.040 

0.046 

0.040 

0.046 

Suemoto: 






X 6238 

0.044 

0.045 

0.051 

0.055 

0.056 

A 6248 

0.037 

0.040 

0.044 

0.047 

0.045 
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alone is evidence that even in areas free of solar activity both the temperature 
and gas velocity fluctuate over regions as small as a few hundred kilometers in 
diameter. The mean fluctuations in temperature may amount to several hundred 
degrees and in velocity to several tenths of a kilometer per second. 

The granulation is believed to originate in an unstable layer below t = 1 . 
Columns of turbulent gases ascend from the unstable layer, while the cooler 
gases descend. Richardson and Schwarzschii.d 1 reasoned that these motions 
should be revealed by local Doppler shifts in the Fraunhofer lines which could 
be observed under conditions of excellent seeing and very high spectroscopic 
resolving power. Measurements on plates taken with the 150 -ft tower telescope 
and spectrograph at the Mt. Wilson Observatory revealed that the shifts were 
present, and an r.m.s. velocity of 0-37 km/sec was derived from a group of three 
neutral Fe lines at X 6300 . Good agreement with these results was later obtained 
by Plaskett 2 from measurements on five lines of Fel and one of Nil near 
X 5900 . 

Modern spectrographs, especially those employing Babcock gratings, plainly 
reveal the local Doppler shifts in the photospheric Fraunhofer lines. They can 
easily be observed visually everywhere on the solar disk in both normal and 
undisturbed regions 3 and are photographed routinely on every clear day with 
the vacuum spectrograph at the McMath-Hulbcrt Observatory 4 . Some typical 
photographs made at the McMath-Hulbert Observatory at times of good seeing 
are shown in Figs. 22 and 23 . The Doppler shifts have been photographed even 
on days of less than average seeing, but when the definition of the image is better 
than about 3 " of arc, fluctuations in intensity as well as in velocity become clearly 
apparent. The line cores appear to be broken up into a series of elements with 
random Doppler displacements. The smallest elements observed have a thick¬ 
ness of about two seconds of arc, but this limit may be determined by atmospheric 
seeing. 

Several qualitative conclusions may be drawn from Fig. 22 . First, the velocity 
fluctuations about the mean position of each line are not correlated appreciably 
with changes of intensity in the continuum, as would be expected if the hot regions 
were systematically ascending and the cooler ones descending. The correlation 
may be masked by the smearing out of small elements by bad seeing. Second, 
if one intercompares different lines, it can be noted that both the intensity and 
velocity fluctuations in the different lines are in phase. In this respect, the 
behavior of the Fe and Fe + lines at X 5169 is contrary to the notion that the 
intensity fluctuations in the lines are caused by temperature fluctuations in 
the photosphere, since it would then be expected that variations in the intensities 
of neutral and ionized lines would be out of phase. The behavior of the Fe and 
Fe* lines is further evidence for the absence of a simple connection between the 
granulation, as observed in the continuous spectrum, and the structures seen 
in the line centers. The reason is probably that the line cores are formed well 
above the continuous spectrum, perhaps even in the low chromosphere. 

In principle, the measurement of small, local Doppler shifts is best carried 
out by bisecting the wavelength interval between points of equal intensity on 
opposite sides of the line. The measurements can be made manually 1 but a great 

1 R. S. Richardson and M. Schwarzschild : Astrophys. Journ. Ill, 351 (1950). 

2 H. H. Plaskett: Monthly Notices Roy. Astronom. Soc. London 114, 251 (1954). 

3 H. A. von Kluber : Observatory 76, 68 (1956). 

4 K. K. McMath, O. C. Mohler, A. K. Fierce and L. Goldberg: Astrophys. Tourn 124 
(1956). 
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saving in time and labor results from the use of automatic recording isophoto¬ 
meters 1 . Fig. 24 show typical isophotometer traces of the lines Cal A 5857-46 
and Nil A 5857-76 made with the isophotometer of the McMath-Hulbert Ob- 



1 O. C. Mohler and A. K. Pierce: Astrophys. Jonrn. 125, 285 (1957). 
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servatory. Measurements on records of this type have been made for a series 
of eleven lines by Goldberg, Mohler, Unno and Brown 1 at various points on 
the solar disk. Table 12 gives the values of £, the random, turbulent velocity, 
derived by multiplying the root mean square of the radial velocity by ]J2. The 
third column of Table 12 gives the Rowland intensity and the fourth column 
the value of A/ for neutral elements or x for ionized elements. It would be 



Fig. 23- Region of the H/J line in the Fraunhofer spectrum photographed with the vacuum spectrograph of the Mc.Math- 

Hulbert Observatory. 


interesting to look for a dependence of £ upon optical depth in the continuum. 
However, the scatter in the measurements, which seems chiefly due to variable 
seeing conditions, apparently masks the depth dependence, although there is 
some evidence that the shifts in the very strong Mg I line are larger than those 
of the other lines. In general, the smearing effects of bad seeing are such that 
tiie absolute values of £ in Table 12 are not too significant except as they represent 
minimum values. The most interesting feature of the table is the systematic 
dependence of £ upon //, as shown by the plot of the mean value of £, averaged 

1 L. Goldberg, O. C. Mohler, W. Unno and Jacqueline Brown: To be published in 
Astrophys. Journ. 1958. 
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Table 12. Values of £, the random, turbulent velocity, in km/sec, measured on iosphotometer 
tracings of selected lines at different points on the solar radius. R.I. = Rowland intensity. 


Klcmcnt 

B 

R.I. 

4* or x 


/i = 1.00 

,.-0.98 

,1 = 0.82 

n = 0.72 

,<-=0.58 

,,- 0.35 

Fel 

5165-4 


3-66 




0.31 

0.44 

0.29 

Pel 

5655-5 


3-62 

0.24 

0.21 

0.19 


0.32 


Til 

5173-7 


6.81 

0.27 

0-35 


0.36 

0-39 

0.26 

Sell 

5657-9 


1-50 

0.22 

0.21 

0.22 


0.29 


I'el 

5662.5 


3-70 



0.24 


0-31 


Fel 

5658.8 


4.48 



0.21 


0.25 


Fc 1 

4625-1 

5 

4.63 



0.33 

0.34 

0.38 


CrI 

4626.2 

5 

5.78 

0.26 

0.28 

0.26 

0.32 

0.36 

0.30 

Ball 

5853-7 

5 

0.60 

0.27 

0.25 

0.28 

0.33 

! 0.40 I 


Cal 

5857-5 

8 

3-17 



0.27 

0.35 

0.40 

0.32 

Mg I 

5172-7 

20 

491 



0.44 

0.40 

0.47 

0.27 




Mean: 

0.25 

0.26 

0.27 

0.34 

0.36 

0.29 


over all the lines, against (i in Fig. 25. The increase of f to a maximum at about 
/< — 0.6 and its subsequent decrease is shown by all of the lines measured. 
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The physical significance of the center-limb variation in $ is not yet clear. 
It must be noted that measurements of local Doppler shifts refer to the macro- 
turbulence of gas masses larger than the average thickness of the line forming 
region, whereas the Doppler widths derived from line profiles (see Sect. 35 ) give 
the sum of the squares of the micro- and macroturbulent velocities. The latter 
are always larger than the former by a factor of about five, but the ratio would 
probably be smaller under conditions of perfect seeing. Since the microturbulence 
is anisotropic, it is probable that the initial increase in the macroturbulence with 
decreasing/r may also be explained at least in part on the same basis. The decrease 
at fi— O .35 may result from the merging of the individual gas clouds when viewed 
tangentially at the limb. Waddell 1 has also suggested that the interpretation 
of the center-limb variation must take account of the fact that the effective 
thickness of the line absorbing layer increases toward the limb, and hence that 
the smallest and presumably most ener¬ 
getic elements of the macroturbulence 
seen at the center of the disk would not 
be included in the limb measurements. 

Some portion of the center-limb varia¬ 
tion in the local Doppler shifts probably 
reflects a variation in macroturbulence 
with height. The evidence for such a 
variation in the photosphere is not at all 
definite, but there seems to be no ques¬ 
tion but that the macroturbulcnce in the 
chromosphere is substantially greater than 
in the photosphere. Unpublished measure¬ 
ments of local Doppler shifts by Goldberg, Mohler and Brown give the follow¬ 
ing results for the lines H/?, Ha and K, the centers of winch originate in succes¬ 
sively higher layers of the chromosphere: 



I ; ig. 25. Mean variation of 5, the random, turbulent 
velocity in km/sco deduced from local Doppler shifts, 
as a function of //. 


I.inc 

| t (km/sec) 

up 

0.64 

Hoc 

1.2 

K 

IS 


Similar results for H/3 and Ha are quoted by de Jager in the following chapter 
of this volume. 

37. Asymmetries in local Doppler shifts. As far as can be determined, positive 
and negative values of local Doppler shifts in weak and moderately-strong Fraun¬ 
hofer lines, are about equal in number but some very strong lines, e.g., ). 5172 
of Mg I, show a preponderance of violet shifts, which make the violet edge of 
the line core appear more "jagged” than the red. The resulting line asymmetries 
are clearly present in isophotes of the A 5172 Mg I line. The same effect appears 
in the H/J line 2 and can be inferred also from the increased contrast of spectro- 
heliograms made on the violet edges of strong lines 3 . It has also been found 2 
that about 70% of the structures in the Hft line (see Fig. 23 ), which is formed 
in the low chromosphere, are associated with violet shifts in neighboring moderately 
strong photospheric metallic lines. 

1 John H. Waddell III: Thesis. University of Michigan 1956. 

2 L. Goldberg, O. C. Mohler and J. D. Brown: Nature, Lond. 179, 369 (1957). 

3 I*. D’Azambuja: Ann. Obs. Paris, Meudon 8, Fasc. II (1930). 
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The detailed investigation of local Doppler shifts in the Fraunhofer spectrum, 
which has hardly begun, offers a most promising area for the observational study 
of the hydrodynamics of the photosphere. 

38. Center-limb studies of Fraunhofer lines. One of the important goals of 
solar physics is the derivation of a model of the atmosphere, which, when com¬ 
bined with a theory of Fraunhofer line formation, can reproduce accurately the 
line profiles and intensities observed all over the solar disk. Solar models derived 
from observations of the continuous spectrum are uncertain in the high layers 
both because of the blanketing effects of absorption lines and because of the 
seeing difficulties encountered in measurements at the extreme limb. Some 
investigators, notably de Jager' and Bohm-Vitense 2 have attempted to correct 
the continuum models by making use of the center-limb variations in the profiles 
of strong lines, e.g., the Balmer lines. This procedure has been criticized by 
Athay and Thomas 3 , on the grounds that the residual intensities of the hydrogen 
lines are determined by the excitation temperature, which, in the high layers, 
is undoubtedly different from the electron temperature. Since the profiles of 
strong lines are affected by uncertain knowledge of both the damping constants 
and the re-emission mechanism, much attention has been given in recent years 
to the center-limb variations in the profiles and intensities of weak and middle- 
strong lines. The result seems to be that no single homogeneous model of the 
photosphere can predict successfully the center-limb observations. In general, 
the discrepancies between theory and observation are greatest for lines formed 
at high atmospheric levels. 

There appear to be three major reasons for the failure of the weak-line theory. 
First, it is necessary to take account of temperature and velocity inhomogeneities. 
Second, the dependence of the turbulence upon depth and direction is not well 
known. Third, departures from thermodynamic equilibrium in the high layers 
may result in ionization and excitation temperatures which differ from the 
electron temperature and which may differ both from element to element and 
from one line to another of the same element. These conclusions are derived 
from a number of recent investigations based on accurate observational data 
and analysis by the method of weighting functions. A theoretical study by 
Bohm 4 has shown that temperature fluctuations on the order of ±500° result 
in a wavelength dependence of the mean continuum intensity that deviates 
considerably from that of a Planck function in the wavelength region relevant 
to the ionization of metals. The temperature fluctuations are incorporated into 
an idealized "three-stream model'’ consisting of hot and cool gas columns, ascend¬ 
ing and descending, respectively, and stationary columns of intermediate temper¬ 
ature. The actual temperature fluctuations deduced from brightness measure¬ 
ments of the granulation are much smaller—about ±100°. The difference is 
ascribed to the smearing of the small, very bright granules by bad seeing. Bohm 
shows further that for a solar model in non-grey radiative equilibrium, the steep 
decrease in temperature in the layers above r 0 — 0.1 leads to departures from 
thermodynamic equilibrium, one result being that the ionization temperature 
for Fel at r 0 — 0.01 is 250° higher than the excitation temperature for the low 
atomic levels. The inclusion of these two effects in the theory appears to give 
good agreement with observation for a number of strong and weak Fel lines, 
but not for the Na D-lines. A more detailed application of the Bohm model by 

1 C. de Jager: Rech. Astr. Obs. Utrecht 13. Part 1 (1952). 

2 E. Bohm-Vitense : Z. Astrophys. 34. 209 (1954). 

3 R. G. Athay and R. N. Thomas: Astrophys. Journ. 127, 96 (1958). 

4 K.-H. Bohm: Z. Astrophys. 35, 179 (1954). — Publ. Astronom. Soc. Pacific 67, 20 (1955). 




Sect. 39 . 


Deviations from local thermodynamic equilibrium (LTE). 


73 


Miss Bretz 1 also indicates that the center-limb variation in the equivalent widths 
of metallic lines may be explained by inequalities between the ionization and 
excitation temperatures. 

The Bohm three-stream model has been further refined by Voigt 2 , who sup¬ 
poses that the temperature inhomogeneities diminish with height and also that 
the stream velocities decrease with height while the microturbulence increases. 
These refinements are introduced to explain certain features of the center-limb 
changes in the profiles of the infrared 01 triplet, 7.7774, including the violet 
asymmetry, which is greatest at the center of the disk and disappears at the 
limb. The center-limb variation of the central intensities seems to require that 
the excitation temperature exceed the electron temperature in the highest layers 
by about 200°. Voigt comments that the apparent increase of the microturbu¬ 
lence with height to a value of about 3 km/sec at r 0 = 0.02 cannot wholly be 
distinguished from a possible anisotropy in the motions. 

Elste's 3 observations of the profiles of a number of weak and middle-strong 
metallic lines could also not be represented adequately by calculations based on 
local thermodynamic equilibrium. Satisfactory agreement between theory and ob¬ 
servation was obtained for lines formed deep in the atmosphere, but the discre¬ 
pancies increase with height. The results suggest that the ionization temperature 
in the high layers is greater than the local electron temperature. Pagel 4 finds 
that his observations of the equivalent widths of nine Fel lines near A 15 500 
suggest a temperature inversion very close to the surface, at r 0 = 0.01 5 . Mitchell 5 
attempted to correct the continuum model of the photosphere from center-limb 
measurements of the intensities of near infrared lines (A 8000 A) carefully 
selected for sensitivity to pressure and temperature, again with the result that 
the corrections are different for different lines. 

39. Deviations from local thermodynamic equilibrium (LTE). The foregoing 
examples, which are by no means complete, illustrate the importance of refining 
solar models to take account of velocity and temperature inhomogeneities and 
particularly of departures from thermodynamic equilibrium. The usual assump¬ 
tions of thermodynamic equilibrium and pure absorption imply that the source 
function is equal to the Planck function appropriate to the local electron tem¬ 
perature and also that there is a complete re-distribution of absorbed frequencies 
as a consequence of electron collisions. The validity of the LTE assumption has 
never been proven. The second assumption is of course invalid in the case of 
coherent scattering, but even if the scattering is completely non-coherent the 
source function for all lines will not necessarily be described by a single Planck 
function at the local electron temperature. 

An interesting empirical attack on the nature of the departures from LTE 
has recently been formulated by Pecker 6 , who suggests that there may be very 
large inequalities between the electron and excitation temperatures, particularly 
in the high layers of the photosphere. The assumption of LTE implies that at 
each point in a given line profile the residual intensity is equal to the intensity 
of the Planck radiation appropriate to the value of T exc in the layer at which 
the sum of the optical depths in the line and continuum are equal to unity: 

_ T e + r,= i. (39.I) 

1 M. Bretz: Z. Astrophys. 38, 259 (1935). 

2 H. Voigt: Z. Astrophys. 40. 157 (1956). 

3 G. Elste: Z. Astrophys. 37, 184 ( 1955 ). 

4 B. E. J. Pagel: Monthly Notices Hoy. Astronom. Soc. London 115, 493 (1955). 

* W. E. Mitchell jr.: Thesis, University of Michigan 1958 . 

* J. C. Pecker: C. R. Acad. Sci„ Paris 245, 499 ( 1957 ), 
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Pecker measures the central intensities of a large number of lines of Til over 
a wide range of excitation potential and uses the Planck formula to convert the 
intensities into T e%c . From a model of the photosphere he then calculates r, 
for the center of each line and from Eq. (39-1) obtains a relation between T exc and 
r c . If the assumption of LTE is valid, this relation should be identical with 
that between T e and r c which is found from measures of the continuous spectrum. 
He finds instead that although the results are compatible with LTE for the 
higher excitation potentials (1.73 to 1.88 eV), the deviations for the lower excita¬ 
tion potential lines are as great as 900° K. In other words, the departures from 
LTE are greatest in the upper layers of the photosphere. 

If Pecker’s conclusions are correct, and their validity rests both on the ac¬ 
curacy of measurement of the central intensities and on the accuracy of the 
assumed solar model, the theory of the equivalent w'idths of lines given in the 
preceding section may have to be revised drastically 1 . According to the usual 
assumption of LTE, the weighting functions are given by Eq. (30-3) with S = B x (T). 
In the Pecker theory, however, Eq. ( 30 . 3 ) would be written as 

CO 

JB x (T t )c~ tx l , ‘d ~ - B x (T exc )o- T ^" 

—-«-, (39-2) 
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reflecting the fact that the source functions for the line and continuum are now 
different. Thus, in the absence of LTE, the g-functions must be computed se¬ 
parately for each multiplet. The resulting modifications in the theoretical curves 
of growth might cause a considerable revision in existing determinations of abund¬ 
ances and turbulent velocities. 

Thomas 2 attacks the problem of deviations from thermodynamic equilibrium 
from theoretical considerations. He shows first that, owing to the re-distribution 
of frequencies by the Doppler effect, the mechanism of line formation in the 
Doppler core is formally equivalent to that of pure absorption or of completely 
non-coherent scattering. Hence, the source function for the line core is indepen¬ 
dent of frequency and is given by 


zhv 3 f”L Sl 

c 3 '»« gu 



( 39 - 3 ) 


where n L and n u are the number densities of atoms in the lower and upper levels 
of the transition, respectively, and the g’s are the corresponding statistical weights. 
In thermodynamic equilibrium, n r jn u is given by the Boltzmann equation at 
the electron temperature, and the source function reduces to the Planck function: 

S r =B,(T e ). (39-4) 

In the general non-equilibrium case, however, njn u is fixed by the equations 
of statistical equilibrium and depends on the mean intensity of the radiation 
field, on the local electron temperature and density, and on the radiative and 
collisional cross-sections. In a formal sense, the deviations from LTE may be 
described by replacing T e in Eq. (39-4) by the excitation temperature T nc which 
is defined by the number ratio njn u through the Boltzmann equation. 

1 J. C. Pecker: C. R. Acad. Sci., Paris 245, 639 (>957)- 

2 R. N. Thomas: Astrophys. Journ. 125, 260 (1957). 
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Thomas finds that quite generally the value of the source function is in be¬ 
tween that fixed by collisional excitation and radiative de-excitation and that 
fixed by photoelectric ionization and recapture. A rough analysis shows that the 
source function for resonance lines and certain strong subordinate lines departs 
significantly from that obtained for either LTE or coherent scattering. 

A subsequent investigation by Jefferies and Thomas 1 2 3 deals with the simple 
case of a two-level atom for which ionizations to the continuum are neglected. 
The depth-variation of the source function is solved by the Eddington approxi¬ 
mation. It is found that (1) T cxc < T e for the upper atmosphere, whereas T oxc > T t 
for the lower regions; and as a consequence (2) the computed line profiles are 
deeper than those calculated for LTE. The authors have emphasized the crude 
nature of their preliminary numerical results, which must be verified by more 
extensive numerical computation by machine methods. 

40. Central intensities of strong Fraunhofer lines. No theory of line formation 
has succeeded in accounting quantitatively for the observed relatively high 
central intensities of very strong Fraunhofer lines. The difficulties have been 
summarized by Minnaert [5]. Coherent scattering results in lines with com¬ 
pletely black centers, which are never observed. Furthermore, since the centers 
of strong lines originate in the high layers of the atmosphere, where collisions are 
relatively infrequent, pure absorption in the ordinary sense would not be expected 
to occur. Fluorescence effects can be expected to contribute appreciably to the 
central intensities, and non-coherent scattering also fills in the line centers 2 3 . 
Dempster 4 showed that fluorescence would account for about half of the observed 
central intensity in the D-lines, the remainder being presumably due to non¬ 
coherent scattering. However, Bray 3 * concludes that the Z)-line cores arc formed 
entirely by coherent scattering, although photoionization accounts for only 25% 
of the observed emission. The remainder is attributed to de-excitation of the upper 
levels by superelastic electron collisions, to the superposition of granular elements 
having different line-of-sight velocities, and to chromospheric emission. 

The concept of chromospheric emission as a mechanism for filling in the centers 
of strong Fraunhofer lines may be erroneous, since it implies that the source func¬ 
tion is greater in the chromosphere than in the photosphere, which may or may 
not be the case. Nevertheless, the detailed theory of the central intensity must 
allow for the formation of the cores of strong lines in the chromosphere. 

Up until about 1930, it was commonly believed that all Fraunhofer lines 
were formed in a “reversing layer”, which was synonymous with the lower part 
of the chromosphere. Later, this concept was almost completely discarded in 
favor of the notion that both the line and continuous absorption occur in the 
photosphere and that absorption by the chromosphere is negligible even at the 
centers of strong lines 9 . Quantitative studies of the flash spectrum photographed 
during eclipses now reveal that the radial optical thickness of the chromosphere 
is about 50 at the center of Ha 7 , and nearly 2X10 4 at the center of the A-line 8 . 

1 J- T. Jefferies and R. N. Thomas: Astrophys. Joum. 1958 (in press). 

2 V. V. Sobolev: Russ. Astronom. J. 31, 231 (1954). 

3 I. Busbridge: Monthly Notices Roy. Astronom. Soc. Lond. 113, 52 (1953). 

4 R. R. Dempster: Astrophys. Journ. 96, 295 (1942). 

s R. J. Bray: Monthly Notices Roy. Astronom. Soc. Condon 116, 395 (1956). 

0 H. C. van de HuLST: Handbook of the Solar System, Vol. 1, Chap. 5, ed. by G. P. 
Kuiper. Chicago, Ill.: University Chicago Press 1953. 

7 R. G. Athay and R. N. Thomas: Astrophys. Journ. Suppl. 1. No. 12. — E. Bohm- 
Vitensk: Z. Astrophys. 36, 145 (1955). 

8 S. Miyamoto: Z. Astrophys. 31, 282 (1953). 
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Further, Zirker 1 finds that the optical depth at the center of the //-line of Ca + 
is already unity at a height of 2000 km, and that there is an appreciable chromo¬ 
spheric contribution to the centers of singly-ionized metallic lines as weak as 
Rowland intensity 10. Similar conclusions have been reached from disk studies 
of the shapes of the cores of strong lines and of the center-limb variation in the 
Fraunhofer line structure observed with the vacuum spectrograph 2 . The theory 
of the central intensities of strong Fraunhofer lines must therefore be investigated 
in terms of chromospheric rather than photospheric models. 

One of the most interesting problems connected with the profiles of strong 
Fraunhofer lines concerns the peculiar shapes that are often found in the line 
cores. The most extreme case is that of the H and K lines of Call, which exhibit 
well-defined double reversals at their centers, as shown in Fig. 26 from photo¬ 
electric tracings made by O.C. Mohler with the vacuum spectrograph at the 
McMath-Hulbert Observatory. The intensities of both the absorption and emission 
components show pronounced local fluctuations, but the profiles shown represent 
fairly accurately the average intensities in undisturbed regions at the center of 
the disk. The average central intensity of the /f-line is 2.2%, relative to the 
highest maxima between the absorption lines at A 4000, which is about one-third 
the value previously obtained by Houtgast 3 . The central emission reversal is 
asymmetric in the sense that the violet emission component is almost always 
stronger than the red component, but frequently the components are equal 
in intensity and occasionally the red component is the stronger of the two. Com¬ 
plete observational details, including the center-limb variation of the profiles, 
will be found in a forthcoming paper by Goldberg, Muller and Mohler 4 * . 

The central reversals of the H and K lines are also observed in the spectra 
of a great many stars of spectral types, G, K and M. Wilson* has discovered a 
striking correlation between the absolute visual magnitudes of these stars and 
the total width of the /(Mine emission as measured visually on the spectrograms. 
The sun fits this relation very closely. Wilson and Bappu 6 find that the corre¬ 
lation holds over a range of about 16 magnitudes. 

It can be seen from Fig. 26 that the emission hump is more pronounced in 
the Zf-line than in the //-line, which suggests that the sharpness of the maximum 
is a function of optical depth. This is confirmed by the shapes of the cores of 
other strong Fraunhofer lines, such as the infrared triplet of Ca*, the 6-group of 
Mgl (see Fig. 27) and numerous strong lines of Fel. Thus it is evident that a 
tendency toward emission reversal is a characteristic feature of the cores of nearly 
all strong Fraunhofer lines and the correlation found by Wilson suggests that 
the reversals are connected with rather fundamental properties which are common 
to all late-type stellar atmospheres. 

The central reversals in the Fraunhofer lines pose two questions. The first 
relates to the mechanism by which the double reversal is formed and to the physi¬ 
cal parameters of the stellar atmosphere that govern the emission widths, and 
the second to the manner in which these parameters are determined by the lu¬ 
minosity. The answer to the first question depends on the character of the source 

1 J-Zirkkh: Thesis. Harvard University 1956. 

2 R. R. McMath, O. C. Mohler, A. K. Pierce and L. Goldberg: Astrophys. Journ. 124 
(1956). 

2 J. Houtgast: Diss. Utrecht 1942. 

4 L. Goldberg, E. A. Muller and O.C. Mohler: Astrophys. Journ. to be published 
in 1958. 

s O. C. Wilson: Conf. on Stellar Atmospheres, ed. by M. H. Wrubel: Indiana Univer¬ 
sity 1954 . 

6 O.C. Wilson and M. K. V. Bappu: Astrophys. Journ. 125, 661 (1957)- 
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function in the lower part of the chromosphere, where the cores of strong Fraun¬ 
hofer lines are formed. If the source function is independent of frequency across 
the line core, the double reversal suggests a maximum in the depth dependence 
of the source function. It has not yet been determined whether such a simple 
layer model can reproduce the observed line profiles at the limb as well as at 
the disk center. The physical significance of a maximum in the source function 
is also not clear. 


The double reversal can also occur as a result of a maximum in the frequency 
dependence of the source function. This idea has been developed in an interesting 
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Fir. 26. Mean observed profiles of the inner cores of the H 
and K lines at the center of the solar disk and at /i — 0.2. 


series of papers by Miyamoto 1 , who 
shows that the double reversal can be 
attributed to non-coherent scattering, 
the redistribution of frequencies being 
brought about by the random Dopp¬ 
ler effect. If the scattering were pure¬ 
ly coherent, a quantum with fre¬ 
quency at the line center would be 
prevented from escaping by virtue 
of the very high central opacity of 
the line. However, when redistribu- 
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I'ig. 27. Tl>e profile of the Mgi>, line in the solar spectrum 
recorded photoelectrically at the McMath-Hulbert Obser¬ 
vatory. Note the emission humps in the inner line core. 


tion occurs, a quantum created at the line center is eventually likely to be re¬ 
emitted just outside the Doppler core, where it has a higher probability of escap¬ 
ing. According to Miyamoto, this process gives rise to the emission maxima in 
the H and K lines and to the emission humps in other metallic lines. The width 
of the emission is essentially proportional to the Doppler width and depends 
only secondarily on chromospheric thickness. Similar conclusions have been 
reached on the basis of the layer model 2 - 3 . Since the Doppler widths are un¬ 
doubtedly turbulent in origin, it would seem likely that turbulence is the prin¬ 
cipal atmospheric parameter that determines the emission line widths. The 
correlation between line width and absolute magnitude then implies that the 
degree of turbulence in stellar chromospheres is controlled by the rate of energy 
generation in the stellar interiors. 

41. Wavelength displacements. Accurate absolute measurements on the Fraun¬ 
hofer spectrum reveal that solar wavelengths arc systematically larger than 

1 S. Miyamoto: Z. Astrophys. 31, 282 (1953): 35. 145 (1954); Publ. Astronom. Soc. 
Japan 5, 142 (1954); 6. 140, 150 (1954). 

2 O. C. Wilson: Astrophys. Journ. 126, 525 (1957). 

3 L. Goldberg: Astrophys. Journ. 126, 318 (1957). 
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vacuum laboratory wavelengths by amounts ranging from a few thousandths 
to a little more than one hundredth of an angstrom. Very early measurements, 
at the beginning of this century, showed that the red shift is greater at the limb 
than at the center of the disk, and that the displacements increase both with 
wavelength and line intensity. 

An explanation for the displacements has long been sought in terms of the 
gravitational red shift predicted by the general theory of relativity, which 
amounts to 0.0127 A at A 6000. However, although the observed shifts have 
about the correct order of magnitude at the limb, the center-limb increase and 
the scatter shown by different lines proves that additional factors contribute 
to the displacements. St. John’s detailed investigation in 1928 seemed to show 
that the observations are consistent with the Einstein effect provided that up¬ 
ward radial currents with velocities between 0 and 0.2 km/sec were also postulated. 

It was later pointed out by Miss Adam that phase-disturbing collisions between 
the absorbing atoms and neighboring atoms of hydrogen and helium could result 
in line shifts of the same order of magnitude as the Einstein shift. Furthermore, 
since the frequency of collisions decreases with height, and since, according to 
the Lindholm theory, collisional displacements are to the red, the observed small 
shifts at the center of the disk require improbably large upward motions, in the 
neighborhood of 0.6 km/sec. Spitzer attempted to remove this difficulty by 
theoretical considerations which indicated that most collisional shifts would be 
to the violet. Unfortunately, the collisional theory is not yet sufficiently precise 
to be conclusive as to the direction of the shift, nor can it account for the varia¬ 
tions in the amount of the shift between different lines 1 . 

Interesting empirical relationships between the red shifts and the character¬ 
istics and disk positions of the lines have been derived by Miss Adam 2 and by 
Freundlich and Forbes 3 . Miss Adam concludes that “ the outstanding observa¬ 
tional characteristic of the solar red shift is its dependence upon line strength, 
rather than on any other factor". She finds the red shifts to be correlated with 
the square of the wavelength multiplied by the logarithm of the total absorption 
in ergs. The physical significance of this relationship is not at all obvious. Meas¬ 
urements on six infrared lines by L. Herzberg 4 suggest that the red shifts are 
term dependent. 

Like other properties of Fraunhofer lines, the wavelength displacements are 
undoubtedly influenced by the temperature and velocity inhomogeneities which 
are associated with the granulation. A re-examination of the observational data 
from this point of view has recently been carried out by Schroter s , on the basis 
of an inhomogeneous two-stream model of the photosphere. It is shown that 
each Fraunhofer line is a composite of contributions from hot regions moving 
upward and from cooler regions moving downward. The resulting profile is slightly 
asymmetric and is accompanied by a line shift, additional to the Einstein shift, 
whose direction and amount depend upon the particular excitation properties 
of the line, as well as upon the disk position. The theory of Schroter predicts 
a dependence of red shift upon line strength which is in good agreement with 
existing observations, and in general promises to supply the hitherto missing 
ingredient in the interpretation of the observed line displacements. 


1 M. G. Adam: Monthly Notices Roy. Astronom. Soc. London 112, 567 (1952). 

2 M. G. Adam: Monthly Notices Roy. Astronom. Soc. London 115, 405 (1955). 

3 E. Finlay-Freundlich and E. G. Forbes: Ann. d'Astrophys. 19, 183, 215 (1956). 
* L. Herzberg: Canad. J. Phys. 35, 766 (1957). 

s E. H. Schroter : Z. Astrophys. 41, 141 (1957). 
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Structure and Dynamics of the Solar Atmosphere. 

By 

C. DE JAGER. 

With 136 Figures. 

1. Introduction. In this article we deal only with the photosphere as far as 
its dynamics is concerned. So we treat successively convection and turbulence 
of the photosphere, granulation, temperature-inhomogeneities and photospheric 
micro- and macro-turbulence (Chap. A I). In Chap. B I the sunspots and faculae 
are discussed. The other parts of this article are concerned with the structure 
and dynamics of what might be called the outer solar atmosphere: the chromo¬ 
sphere (Chap. A II and B II) and the corona (Chap. C). In Chap. B III we deal 
with flares and, more generally, with centres of activity; in Chap. C II with the 
solar radio-emission. The sunspot cycle, the solar rotation and the general solar 
magnetic field arc treated in Chap. D; E discusses the relations between solar 
and terrestrial phenomena. The prominences, although being coronal features, 
are treated immediately after the disturbed chromosphere (flares) because their 
temperatures and densities are more like those of the chromosphere than of the 
corona (Chap. B IV). 

The general trend followed in the various chapters is to discuss first the normal 
Sun, then its disturbed parts. Furthermore we deal with the individual struc¬ 
tures before treating their relations to other individuals. (E.g. we start the sunspot 
chapter with a discussion of the structure and physical properties of spots, 
neglecting the fact that they occur mainly in groups.) Then there follow the 
large scale relations of these phenomena, in space and in time. According to 
this lay-out the solar cycle is treated in Chap. D after the description of the spots, 
faculae, flares and prominences. Of course this lay-out cannot be followed quite 
rigorously, and reference to the Sun's variability is often made in the chapters 
preceding Chap. D. 

The basical physical theories, like those on absorption and emission of radiation, the forma¬ 
tion of Fraunhofer lines, the atomic processes, hydrodynamics and hydromagnetics will not 
be discussed extensively: reference is made to other volumes of the Encyclopedia of Physics, 
the books listed at the end of this article, and to Goldberg and Pierce’s paper on the normal 
photosphere. 

Many thanks for their helpful remarks are due to Profs. Minnaert and Unsold who 
kindly read the whole manuscript. I am greatly indebted to many colleagues, too numerous 
to be mentioned here, for sending illustrations, or for their kindness to read parts of the 
manuscript and for their stimulating criticisms. It is my sincere hope to have done justico 
to their work in this review paper. 


A. The undisturbed photosphere and chromosphere. 

I. The undisturbed photosphere, 

a) Granulation. 

2. Size and life times; photometric data. The normal solar photosphere, outside 
the spots and faculae, is not homogeneously bright but shows a granular structure. 
According to the best observations the granulation seems to consist of bright, 
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more or less roundish blotches on a dark background. Thiessf.n 1 observing 
visually with a 60 cm refractor and using the full aperture, noted even their 
polygonal form, also sugge¬ 
sted many years earlier by 
other visual observers; cf. 8 . 

Occasionally they are ob¬ 
served on very good photo¬ 
graphs (Fig. 1). 

Of the modem granula¬ 
tion photographs one might 
mention those of Krat 3 
(Poulkovo) and those ob¬ 
tained by Rosch 4 at the 
observatory at the Pic du 
Midi (altitude 2900 meters), 
where, due to the good 
atmospheric conditions and 
to a refined observational 
technique, photographs of 
the solar granulation could 



Fig. la-c. Modern granulation photographs, (a) Granulation photographed at the Pic du Midi Observatory, alt. 2900 
metres: 28. II. 1957 Convection currents in the telescope habe been reduced by cooling the focal plane. Objective dia¬ 
meter 25 cm; exposure time 0.002 sec. The circle has a diameter of 5". Courtesy J. K6sm. (b) Photograph obtained from 
a manned balloon, alt. 6.5 km; l.IV. 1957. Objective diameter 28 cm; exposure time 0.002sec. Circle diameter 5 ”. Courtesy 
D. E. Blackwell, I). W. Dewhirst and A. DoLLrus. (c) Photograph obtained from an unmanned balloon ait. 25 km. 
Objective diameter 30 cm; exposure time 0.001 sec. Circle diameter 5". Courtesy M. Schwakzschild, J. B. Rogerson 

and J. W. Evass. 

be obtained which equal or perhaps surpass the classical observations of Janssen, 
Chevalier, Hansky, all made around 1900. In Rrisen’s observations the focal 
1 G. Thiessen: Z. Astrophys. 35. 237 (1955) 

8 C. de Jacer: Trans. Intcmat. Astronom. Union 9. 727 (1957). With references. 

8 V.A. Krat: Isw. GL Astr. Obs. Poulkovo 152. 1 (1954); 155, 17 ( 1956 ). 

4 J. Rosch: C. R. Acad. Sci. Paris 240, 1630 (1955); 243, 478 (1956). 

Il.mrtbuch der Physik. Bd. UI. 



6 






82 


C. DE Jager: Structure and Dynamics of the Solar Atmosphere. 


Sect. 2. 


plane of the 2} cm telescope is cooled, to avoid convection currents in the instru¬ 
ment. Furthermore the photographs are taken in a rapid succession (20 frames 
per second with an exposure time of 0.005 sec per frame) which enables one to 
distinguish lx?tween the real granulation and the granules deformed by atmosphe¬ 
ric agitation. More recently attempts to eliminate the influence of atmospheric 
turbulence were made by Blackwell, Dewhirst and Dollfus 1 from observa¬ 
tions from a manned balloon at 6.5 km altitude (exposure times 0.0002 sec) and 
by Schwarzschild, Rogerson and Evans 4 from an unmanned balloon, rising 
up to 25 km. In the latter case the telescope, objective diameter 30 cm, was 
pointed at the Sun by a photo-electric Sun-following device; the exposure time 
was 0.001 sec. 

The diameters of the granules are 400 to 1000 km according to Janssen’s 
classical observations (Meudon, 1896 ). The bigger elements which also occur on 
his photographs are generally complexes of smaller ones. Most of the previous and 
modem observations confirm these results: Hansky (Poulkovo, 1905) notes a 
mean diameter of 700 km; Chevalier (Zo-Ze, 1912) and Keenan (Ycrkes; 1938 , 
1939 ) measured mean diameters of 1000 km. More recently Maoris (1953). re¬ 
ducing Lyot's observations made at the Pic du Midi, found a mean diameter 
of 1000 km; these results are confirmed by Miller (Rocky Point, N.Y.; un¬ 
published). Rosch’s observations show a flat frequency maximum between 700 
and 1000 km; the photographs contain granules down to 400 km, which is the 
theoretical resolving power of his objective (0'.'5). Naturally, smaller grains could 
be observed only with a reduced intensity ratio, e.g. grains with a diameter of 
0'.'5 (360 km) would have a mean intensity fluctuation of about 0.2 times the 
true mean fluctuation; grains with a diameter of 250 km would have a top inten¬ 
sity reduced to 0.08 s . The mean intensity fluctuation of granules with a mean 
diameter of 1 " (725 km) would even be slightly reduced, to 0 . 8 . Even if one 
would not be willing wholly to accept Uberoi’s conclusion 4 that the "measured 
intensity and scale of the granules are not even close to their actual value” it 
is obvious that the flat maximum between 0'.'5 and l '.'5 of the observed distribu¬ 
tion function of granule diameters is not real, but ought to be shifted towards 
smaller diameters. On the basis of such considerations, Richardson and Sciiwarz- 
schild 5 and Krat 6 suggested that the smaller granules should be preponderant, 
and they advanced the hypothesis that the true sizes of the granules are of the 
order of 200 km or even 150 km. 

The problem of the true granulation size was brought nearer to a solution by 
the magnificent photographs obtained by Schwarzschild el al. These pictures 
(Fig. 1 c) show that the granules have an average size of the order of 1" (700 km). 
Greater granules occur, up to diameters of 2'.'5 (1800 km); the smallest elements 
have diameters down to 0 V 3 (200 km). 

There seems to be a faint, perhaps negligible correlation of the granule number 
N g per unit area with the daily sunspot number 7 R, the correlation coefficient 
between Aj, and R is +0.5- 

Brightness measurements in granules are very difficult because of the small 
sizes of the objects, and the great influence of scattered light, and image-deforma- 

1 D.E. Blackwell, D.W. Dewhirst and A. Dollfus: Nature, I.ond. 180, 211 (1957)- 

2 M. Schwakzschild, J.B. Rogerson and J.W. Evans: Astronom. J. 63, 54 (1958). 

3 H.H. Plaskett: Monthly Notices Roy. Astronom. Soc. London 114, 266 (1954). 

4 M. S. Uberoi: Astrophys. Journ. 122, 466 (1955)- 

5 R.S. Richardson and M. Schwarzschild: Astrophys. Journ. Ill, 351 (1950). 

6 Cf. footnote 3. p- 81. 

7 C. Macris and D. Elias: Ann. d'Astrophys. 18, 143 (1955). — W.A. Miller: Astronom. 
J. 61, 187 (1956). 
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tions due to atmospheric agitation. Waldmeier 1 , Thiessen 2 and Krat 3 com¬ 
municated values for Aljl (granules with respect to the dark surroundings) of 
30 to 40% (5600 A). Smaller values were found by Schwarzschild, who estimated 
that the r.m.s. intensity fluctuation, if corrected for instrumental effects, is be¬ 
tween 0.05 and 0.1. Hence, the average relative intensity difference "mean of 
bright elements” minus "mean of dark surroundings” is between 0.1 and 0.2. 

The above intensity difference should correspond to an average difference in 
the radiation temperature of between 120° and 230°. These temperature differ¬ 
ences refer to the mean level from where the continuous radiation emerges, that 
means to photospheric layers with an optical depth of about unity. 

The life time of the granulation elements is of the order of some minutes. It 
can be determined by statistical methods as was done by ten Bruggencate 
and Grotkian 4 who, treating the 5 " granulation, found that after 3.2 minutes 
l/e of the original granulation elements still exist. Rosch 5 , in a similar investi¬ 
gation, found life times of the order of 5 to 10 minutes, somewhat greater than 
the above result. Krat 3 found life times of 1 to 2 min. 

3. Centre-limb variation and the upper limit of the granulation zone. According 
to Waldmeier 6 the contrast in the granulation diminishes towards the limb, 
and it is reduced to zero at cos 0 =0-34. This latter assertion is not verified by 
new observations; on Rosch’s photographs the granulation is in any case still 
visible up to r/R =0.995, this means down to cos 9 =0.10. From observations 
of Plaskett 7 and Schroter 8 the contrast seems to increase slightly towards 
the limb at least till cos 1 ? —0.4. According to the former, the contrast is at least 
equal to the central disk value for cos & = 0 . 12 . It is true that very close to the 
limb the contrast seems to be smaller, but such an effect could perhaps be ex¬ 
plained by perspectivic foreshortening which reduces the short axis of the ellip¬ 
tical images to a value smaller than the diameter of the tremor disk of the telescope. 
This effect has a great influence on the contrast (Fig. 2). Rosch’s limb observa¬ 
tions give the impression that granules are visible until 5 " from the limb so that 
the dynamic structures that manifest themselves as granules exist in the photo¬ 
sphere up to an optical depth of about 0 . 1 . Quantitative decisions have to await 
a photometric investigation of the limb granulation. 

4. Radial velocities; correlation curves. Radial velocity determinations suffer 
from the same observational difficulty as all granulation observations: because 
of the small apparent sizes of the granules the measured radial velocities may 
be much smaller than the true values. The communicated measurements 
refer to complexes of granules and are smaller than the mean radial velocities 
of the individual granules. It is with this in mind that one should interpret 
Richardson and Schwarzschii.d’s 9 mean radial velocity value, determined from 
a photograph of the solar spectrum (A = 6292-6307 A) taken at Mt. Wilson in 
1949 (dispersion 0.5 A/mm). The three measured Fe lines show a wavy form; 

the most probable radial velocity component is |/f* =0.37 km/sec; the "element 

1 M. Waldmeier: Helv. phys. Acta 13, 14 (1939). 

3 G. Thiessen: Naturwiss. 37, 427 ( 1950 ). 

3 Cf. footnote 3 , p. 81. 

4 P. TEN Bruggencate and W. Grotrian: ’/. Astrophys. 12. 323 (1936). 

5 J. Rosch: Private comm. (1958). 

* M. Waldmeier: Helv. phys. Acta 13. 14 ( 1939 ). 

1 H.H. Plaskett: Monthly Notices Roy. Astronom. Soc. London 96, 402 ( 1936 ). 

* E.H. Schroter: Z. Astrophys. 41. 141 (1957). 

* R.S. Richardson and M. Schwarzschild: Astrophys. Journ. 111. 351 ( 1950 ). 
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diameters” are uncertain (it is 2200 km =3" according to Stuart and Kush 1 
see however the criticism by Wlerick 2 ). The real diameters of the granulation 
elements may be estimated from the data with a method indicated by Schwarz- 
schild and Richardson: Assume that one 3" element contains N real elements; 
assume further that the mass motion velocities of the individual, unresolved 
granulation elements have a mean value of 1.4 km/sec—this is the sum of micro- 
and macroturbulence derived from profiles of faint lines (Rogerson 3 ). Then 
1.4 =0-37 I'A; from which \'N = 3 . 8 . Since V.ZV is the ratio between the dia- 



Fig. 2. Granulation near the Sun's limb. Right figure: Fic du Midi, 4. III. 1955- The lower part of the figure, reproduced 
at greater intensity shows the granulation up to some seconds of arc from the limb. The circle has a diameter of 5". 
Courtesy J. ROsch. Left figure: Potsdam, II. VIII. 1948. The circle has a diameter of 30". In reproducing, the 
centre-limb variation of the continuous spectrum has been compensated artificially, thereby, however, reducing the 
apparent contrast near the limb. Courtesy E. H. SciihOter. 


meters of the 3 " elements and the “real” elements, we find for these latter a 
mean diameter of 600 km — 0 '.' 8 , nearly equal to the granule diameters measured 
on direct photographs. 

It should be noted that Richardson and Sciiwarzschii-d found by the same reasoning 
an average granule diameter of ISO km instead of 600; this is because they took 2" for the 
observed mean granule diameters and 2.8 km/sec for the microturbulcnt velocities. The first 
value may be too small and the second too great. A mean turbulent velocity component 
as high as 2.8 km/sec is only reached in the transition region between chromosphere and 
photosphere (cf. Sect. 11 ). 

Next we give some r.m.s. velocities derived from later observations: (a) From 

the study of an Fe line at 6560 A observed at Meudon de Jager 4 found | £* = 
0.50 km/sec. (b) With the Michigan vacuum spectrograph 5 the “random veloci¬ 
ties” (this notion is not further explained in the quoted paper) of the lines Cr 

1 F.E. Stuart and J.H. Rush: Astrophys. Journ. 120, 245 (1954). 

2 G. Wlerick: Smithson. Contrib. Astrophys. 2 ( 3 ), 25 (1957). 

2 J . B. Rogerson : Astrophys. Journ. 125. 275 (1957)- 

4 C. de Jager: Bull, astronom. Inst. Netlierl. 13, 133 ( 1957 ). 

s R.R. McMath, O.C. Mohler, A.K. Pierce and L. Goldberg : Astrophys. Journ. 124, 
1 (1956). 
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4626 A and Ba + 5853 A measured in the disk centre are 0.70 and 0.44 km/sec; 
the velocities increase towards the limb (see Sect. 11). Occasionally the wave¬ 
length of the zig-zag pattern of the Fraunhofer lines is as small as 2". Schroter 1 , 
from middlestrong metal lines, found ]/|* =0.29 km/sec. 

Applying the same reasoning as above the Michigan observations, we find, 
assuming that the mean diameters of the observed granules are 2 " or 3 ", that 
their true diameters are l'.'O and 0 " 6 , or l "5 and 0'.'9 respectively. This result 
is in accordance with that derived from Richardson and Schwarzschild’s 
observations and with that found from direct photography. 

The great uncertainty we meet in interpreting measurements of random radial 
velocities of Fraunhofer lines is the lack of resolving power: the observations 
always give a sort of indeterminate mean value referring to complexes of elements. 
Only for the big elements of the motion field might the observations be more 
certain. Therefore auto-correlation functions determined from the radial velocity 
measurements of the granulation are valuable. By means of auto-correlation 
curves the observations can be split into a significant part for long wavelengths 
and a less certain or wholly uncertain part for the small distances (cf. also Uberoi 2 ) . 
The significance of the auto-correlation curves, determined from the Schwarz- 
SCHIld-Richardson observations ®> 4 is that they show a secondary maximum 
near 15 000 km. It was confirmed by Wlerick 5 who found a secondary maximum 
at i 2 000 km. This points to the occurrence of large scale motions in the photo¬ 
sphere, superposed on the small scale motions of the granules. It will be shown 
later that this large scale motion pattern is perhaps the photospheric part of 
the chromospheric large scale pattern which is so obvious in spectroheliograms, 
especially in those made in the core of the K line. Other indications for big 
scale motions in the photosphere are given by Hart 6 who finds successive velocity 
maxima or minima separated by distances of the order of 26000 km. The r.m.s. 
velocity component is 0.16 km/sec. 

When speaking about the "photosphere” one should not forget that the me¬ 
dium strong Fe lines from which Schwarzschild and Richardson determined 
the radial velocities, originate in fairly high photospheric layers, perhaps near 
To = 0.1 or 0.2 (cf. Sect. 11 ). (Here, as usual, r 0 is the monochromatic optical 
depth for X — 5010 A.) On the other hand the brightness measurements refer mainly 
to layers with an optical depth of the order unity. Since a difference of one unit 
in log r is about equivalent to a difference of the geometrical height of 125 km 
it depends on the vertical extension of the granulation elements whether there 
will be any cross-correlation between brightness and velocity measurements. 

Such a cross-correlation, with correlation coefficients — 0.30 and — 0.28 was 
observed by Rush and Stewart and by Plaskett 7 (the negative signs indicate 
that bright matter is moving upwards). In both cases the smallness of this 
value indicates the presence of a disturbing oscillatory velocity field which in 
Plaskett’s case appears to have an average period of 5" and an amplitude of 
about 0.5 km/sec. 

Appreciable cross-correlation between the small scale fluctuations in bright¬ 
ness and velocity should not occur when the real granulation elements have 

1 E. H. Schroter: Z. Astrophys. 45, 68 (1958). 

2 M. S. Uberoi: Astrophys. Journ. 122, 466 (1955). 

3 F.N. Frenkiel and M. Schwarzschild: Astrophys. Journ. 116, 422 (1952). 

4 Cf, footnote 9, p. 83. 

6 Cf. footnote 2, p. 84. 

6 A.B. Hart: Monthly Notices Roy. Astronom. Soc. London 116, 38 (1956). 

7 H.H. Plaskett: Monthly Notices Roy. Astronom. Soc. London 114, 251 (1954). 
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vertical diameters smaller than 100 km. It would be interesting to examine the 
correlation between brightness observations and radial velocities deduced from 
lines formed in still higher layers: neutral lines of low excitation potential and 
molecular lines have a mean optical depth of formation r 0 ss0.1 to 0.01. 


b) Temperature and density inhomogeneities in the photosphere. 

5. The hydrogen lines; the inhomogeneous model. Any theory of Fraunhofer 
lines should take account of the fact that the observed spectrum is—at least 
roughly—a mean of two different spectra, one for the cold and one for the hot 
elements: elements which differ considerably in mean temperature and structure. 
Furthermore the hot elements move upward and the cold ones go down. Even 
with the best of the presently existing spectrographs one has not yet succeeded 
in obtaining spectra of the real individual granules. The smallest elements of 
which spectra have been obtained are still greater than 1". This makes clear 
that a critical discussion of the Fraunhofer spectrum might reveal information on 
the true temperature and density fluctuations in the photosphere. So what is 
wanted is a theory on the formation of the Fraunhofer lines in which the inhomo¬ 
geneities are incorporated, with such parameters as the values of the temperature 
and pressure differences, the up- and downward velocity-components of the 
elements, and also the relative sizes of the hot and cold "elements”. The simplest 
model for the inhomogeneous photosphere is obtained by assuming that the 
vertical extension of the elements is great as compared with the scale height 
(thickness) of the photosphere. This hypothesis seems amply justified. On this 
assumption the photosphere may be represented by adjacent columns of matter, 
each of which having its own effective temperature and producing its own 
spectrum. The observed spectrum is the weighted mean spectrum, weighted 
according to the product of their sizes and the intensity of the emitted continuous 
radiation. 

The wings of the hydrogen lines, especially of the Balmer and Paschen lines, 
are suitable to such a treatment because their depression in the spectrum depends 
only on T, not on the pressure, and furthermore, because it depends so strongly 
on the temperature that the mean value of the depressions for two atmospheres 
with different ( T , r) relations is not equal to the depression computed for the 
mean of both relations. 


The ratio between the selective absorption coefficient in the line wings and the continu- 
ous absorption coefficient X) is 1 


K v 


~ ^(T)-Pe ~ 


1(T)-P e 

*x(T)-P. 


<P(T) 


(5-1) 


(with F 0 = 46.8 ( PJT )*, &= 5040 IT and P e being the electron pressure) if the continuous ab¬ 
sorption coefficient is only due to H" absorption. This is the case for the Balmer lines, and 
in good approximation also for the Paschen lines and for the high series members of the 
Brackett series. 


So the discussion of the hydrogen lines in order to determine the A T values 
of the photosphere is simple and fairly straight-forward. First the line profile 
is computed on the basis of a mean model of the photosphere. It then appears 
that the computed line profile is narrower than the observed one. To explain 
this, let us assume that the photosphere is inhomogeneous and should be re¬ 
placed by a multi-column model. Each column is defined by 


A0 =6L 


i M - 


mean model 


(r). 


1 C. DE Jager: Rech. Obs. Utrecht 13 (1) (1952). 



Sect. 6. 


The line profiles according to the inhomogeneous model. 


87 


assumed to be constant for the region where the line profile is mainly formed 
(0 == 5040/7). The distribution function of AO values was assumed rectangular 
for positive A 0 ’s (colder columns) and exponential for the hotter columns 
(Fig. 3 ). 

By this definition the areas of the Sun occupied by hot and cold elements are 
equal, and hence the continuous radiation of the multi-column model is equal 
to that of the mean model, since in good approximation (applying Wien’s law): 

AI _ c?, AT _ c 2 A& 

I ~~ X T 2 ~5040 • X ' (5-2) 

The physical picture on which the adopted temperature distribution is based, 
is that of a photospheric stratum with nearly constant temperature, while hot 
elements are embedded in it. Their number decreases with increasing temperature 
differences. 

Let <5 (A 0) and /, (A 0) be the depressions and the intensity of the radiation 
in the adjacent continuous spectrum, computed for each column, and let p(A0) 
be the distribution functions of A0 values 
(fp(A0) dA0 = \), then the mean depression is 

OO 

J p (A 0) I k (A 0) S (A 0) d (A 0) 

^ obs oo . (5-3) 

fp(A&)-I l (A0)d(A@) 

— OO 

. . Fig. 3. Tentative temperature distribution 

A comparison with the observed O (A A) functions introduced to explain the hydrogen line 

gives an empirical determination oi A0. 

In principle, when the basic assumptions are correct, all lines and all parts 
o f t he line profiles should give the same Zl 0 -value, but as a second order effect 
A 0 might vary with depth. We define x* as the mean optical depth where a 
certain line depression d(AA) is mainly formed; x* can be computed. This gives 
a relation between the observational A 0 and x*. 

Computations 1 according to formula ( 5 . 3 ) for the Balmer lines H a ...H a , 
for the Paschen line H 3 _ 5 and the Brackett line H 4 _ 5 have shown that the temper¬ 
ature differences (at the same optical depths) are small or zero at small optical 
depths (t 0 = T 5010 A ^ 0 . 2 ), but they increase to a maximum value AT ^ 500° near 
r 0 = 1 , and decrease in deeper layers (AT = 150° at r 0 <=« 2 ). Here A T is the tem¬ 
perature difference between the mean of the hot elements and the mean of the 
cold ones. 

By means of tentative photospheric models for the various columns these 
temperature differences at the same optical depths are converted into temperature 
differences at the same geometrical depths (hence at the same P g - values). Fig. 5 
contains the (T, Log P g ) curves thus derived. 

6. The line profiles according to the inhomogeneous model. The preceding 
section gave information on the inhomogeneous model in the medium and deep 
photospheric layers. Since most Fraunhofer lines are formed in the higher layers, 
the observed line profiles and their centre-limb variation might be used to con¬ 
struct an inhomogeneous model of the high and medium photosphere. 

In such an attempt, by Bohm 2 , the distribution function of AT was assumed 
to be bell-shaped, approximated by a three-column model, in which a considerable 



1 C. de Jager: Bull, astronom. Inst. Netherl. 1959. 

2 K.H. Bohm: Z. Astrophys. 35, 179 (1954). 
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part of the elements has the structure of the mean model. The model was modified 
later by Voigt 1 . 

After having shown that modern homogeneous models are unable to explain 
at the same time the centre-limb variation of strong and weak Fe I lines and of 
the Na D lines Bohm tried to improve the agreement (1) by introducing tem¬ 
perature inhomogeneities and (2) by taking into account the deviations from 
thermodynamical equilibrium. This latter effect is important since the lines 
discussed by Bohm are all formed in the higher parts of the photosphere (r 0 0.05), 

where such deviations are likely to have influence. 

In Bohm’s three-stream model one of the three columns, with an area A =0.5, 
has a mean (7\ t) distribution and the two others, both with A— 0.25, have 
higher or lower temperatures. The “central model" is Bohm's theoretical radia¬ 
tive-equilibrium model 2 . The two other models are defined in such a way that 
at one and the same geometrical depth the Kirchhoff-Planck functions for 
volume elements of the three columns have the ratios 0.4:1:1.6, so that the mean 
B(h) value is equal to the value adopted for the mean model. The introduction 
of these B-ratios was based on theoretical considerations on the temperature 
variations in granules (Vitense), which predict fluctuations of this order. Pres¬ 
sure equality at the same geometrical depth was assumed, an assumption de¬ 
manded by hydrodynamical arguments. The centre-limb variations of Fraun¬ 
hofer lines, computed for the three-stream model, are in better agreement with 
the observations than those computed for a homogeneous atmosphere. Still 
there remain some minor differences, even when deviations from thermodynami¬ 
cal equilibrium are taken into account. 

The agreement is still somewhat better if the computations are made with 
Schroter’s 3 two-element model. The temperature differences between the two 
kinds of elements were computed on the basis of the observed contrast in the 
granules and on their supposed centre-limb variation 4 . The assumptions are: 
(a) that the granular contrast in the disk centre is 0.45 — a value of which we now 
know that it is perhaps a factor 2 or 3 too great and (b) that the contrast reaches 
a maximum near cos § = 0-3 and decreases closer to the limb. This leads to a mo¬ 
del in which AT = 0 for small optical depths. The argument for making AT — 0 
for r 0 < 0.1, based here on assumptions on the granulation contrast at the extreme 
limb is uncertain. Other arguments are: (1) The theory (Vitense 5 ) shows that the 
granular energy is wholly radiated and interchanged with the surroundings near 
and above r 0 =0.3. (2) Discussions of the centre-limb variation of the red-shifts 
of lines indicate that near the limb AT is small or zero (cf. Sect. 7). (3) The solar 
continuous spectrum near 2000 A, which is emitted mainly by the limb regions 
of the Sun can fully be explained by a homogeneous photosphere 6 . (4) The 
narrow cores of the infrared OI lines near the Sun’s limb are incompatible with 
an upper photospheric model consisting of two streaming columns of matter 
(Voigt 1 ). (5) Pagel’s study 7 of equivalent widths of infrared Fel lines, absorp¬ 
tion lines for which deviations from thermodynamic equilibrium are certainly 
small, does not indicate temperature inhomogeneities in the upper photosphere; 


1 H.H. Voigt: Z. Astrophys. 40, 157 (1956). 

2 K.H. Bohm: Z. Astrophys. 34, 182 (1954). 

3 E.H. Schroter: Z. Astrophys. 41, 141 (1957). 

4 A first attempt to construct a two-column model on the basis of intensities of granules 
was made by V.A. Krat: Isw. Gl. Astr. Obs. Poulkovo 152, 1 (1954). 

5 E. V. Vitense: Z. Astrophys. 32, 135 (1953). 

6 C. de Jager: Bull, astronom. Inst. Netherl. 13, 275 (1957). 

7 B.E. Pagel: Monthly Notices Roy. Astronom. Soc. London 115, 493 (1955). 



Sect. 7. Widening and displacements of Fraunhofer lines in the inhomogeneous model. 89 


(6) the same conclusion follows from an investigation of eclipse photometry of 
the Sun’s limb 1 . However, it should be remarked that Newkirk 2 from a study 
of some infrared CO lines, found weak indications for AT f=»500° hence 2 AT = 
1000° near r 0 «s0.05. 

Schroter’s A T values are computed with respect to theempirical homogeneous 
model Vitense II, which could correctly explain the centre-limb variation of the 
Na D lines. Let /(cos #) be the observed radiation and E(t) the black-body 
radiation in the photosphere. With the Eddington-Barbier approximation 
I >,{cos #) = B } (t^ =cos #), and with 

(■^gran -^intergr)/ Antergr ' 0.45 = K , (6.1) 

and by applying Wien’s law [cf. Eq. (5.2)] AT is found from: 

_ A T( X 0 — COS&) ^ __ X K Tyjtense II (Tp = cos &) 

Lvitensell(r 0 = cosd) c 2 * i 0 ' 2 ' 

For ,( r o)gran = ( T o)intergr = l ■ AT = 700°. It increases up to 800° near r 0 =0.3, 
and is zero at r 0 =0.1. 

The further conditions are (a) pressure equality at the same geometrical 
heights, (b) the total energy flux summed up for both elements is equal to that 
for the homogeneous model and (c) at each geometrical height upflow = down¬ 
flow : 

W gran ’ z ’gran ^intergr' ^intergr- (6-3) 

With these conditions the two-stream model can be constructed. It predicts a 
granular contrast increasing from i.o at cos # = 1.0 to 1.25 at cos #=0.3 and 
decreasing steeply to. 0.8 at cos #=0.1. It accounts well for the centre-limb 
variation of the continuous radiation. Also the intensities of some Fraunhofer 
lines can be explained equally well w th this model as with that of Bohm ; the 
model computations give a fair representation of the centre-limb variation of 
(1) faint metal lines, (2) the wings of strong Fe lines, and (3) the wings of the Na -D- 
lines. This latter point (3) is obvious since Schroter’s model is in the high layers 
identical with the model Vitense II which is known (Priester 3 ) to explain the 
Na-D-lines and their centre-limb variation. But the good agreement for the 
other lines is another justification for the assumption that the temperature differ¬ 
ences are small in the outer photospheric layers. 

This latter point is noteworthy in one respect: The strong Fraunhofer lines 
(e.g. those studied by Bohm and Schroter) originate mainly in the high photo¬ 
sphere, near r 0 =0.05 • • • 0.1 and Bohm introduced the temperature-inhomogenei¬ 
ties precisely in the high photosphere to explain some as yet unexplained pro¬ 
perties of the Fraunhofer lines. However, the new trend is to reduce A T to 
zero in this critical region. The value of Schroter’s investigation lies in his 
demonstration that (1) the choice of a somewhat higher temperature in this 
uppermost region, connected with (2) temperature- inhomogeneities in deeper 
layers permits one to explain a number of Fraunhofer line features. 

7. Widening and displacements of Fraunhofer lines in the inhomogeneous model. 

In the computations described above the main property of the inhomogeneous 
models is the difference in temperature between the columns; no use was made 

1 H. Hubenet and C. de Jager: Bull astronom. Inst. Netherl. 13, 43 (1956). 

2 G. Newkirk: Astrophys. Journ. 125, 571 (1957). 

3 W. Priester: Z. Astrophys. 32, 200 (1953). 
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of the fact that the matter is streaming. This aspect has been introduced in 
Fraunhofer line computations by Voigt 1 and Schroter (1. c.). 

The OI lines near 7775 A are very sensitive to temperature variations because 
of their high excitation potential (9.t eV). The lines are slightly asymmetric and 
this asymmetry depends on the distance from the centre of the disk. It can be 
explained by assuming (a) that the photosphere consists of hot and cold columns 
of matter and (b) that the hot matter is streaming upward and the cool matter 
goes down. The hot columns produce a strong absorption line shifted towards 
the violet, the cold ones produce a red-shifted weak line. The observed profile, 
which is the weighted sum of both, is asymmetric. 

Voigt’s three-stream model, introduced to explain the OI line profiles, is a 
modification of Bohm’s; in the latter model the temperature fluctuations occur 
in the whole photosphere. In the new model A T and v are zero for r 0 < 0.1, as 
in Schroter’s model (r 0 is the monochromatic optical depth at 5010 A). 

Another new aspect introduced by Voigt is that of a microturbulent velocity 
component varying with depth. One might wonder how so many parameters 
(temperature difference; convective motions, microturbulence) can all be derived 
in a semi-empirical way from one set of centre-limb observations of these three 
lines, but with a great amount of labour the various variables can be separated 
to a certain extent. Of course, the author, in his final choice, has also been guided 
by some other sources of information, e.g. in determining the variation of the 
microturbulent velocity component | 0 with depth. Nevertheless, in principle, 
the various unknowns can be found from the OI line profiles alone: 

(a) The asymmetry gives information about the variation of the convective 
velocities with height. The violet halfwidth of the lines is greater than the red 
halfwidth, and the effect diminishes towards the limb. This is explained by 
convective motions increasing with depth. The best agreement with the observa¬ 
tions is obtained for a model in which the upward velocity in the hot elements 
is +3 km/sec in deep layers; the corresponding velocity in the cold ones is 
— 2 km/sec. Both values go to zero in the high solar layers. 

(b) The centre-limb variation of the observed halfwidths is explained by a 
microturbulent velocity component, zero at t 0 = 1.5, and increasing with decreas¬ 
ing depth up to 3 km/sec at t 0 =O.O15- 

(c) The temperature differences could, in principle, be derived from the centre- 
limb variation of the equivalent widths. In fact, Bohm’s AT values were kept 
unchanged in the regions belom r 0 = 0-3 • 

(d) The central depressions of the lines near the limb are greater than should 
be the case if computed with Bohm’s model. It is assumed that this is due to a 
“superexcitation ” in the high layers. This suggestion, and the proposed explana¬ 
tion: influence of far ultraviolet coronal and chromospheric radiation do not 
seem sound. The chromosphere is opaque for this kind of radiation, but the 
additional depression near the limb might be due to chromospheric absorption. 
The contribution of the low chromosphere with its fairly high temperature in 
still rather dense layers, was neglected in Voigt’s computations. 

In the investigation described above, the asymmetry and its variation between 
centre and limb were used to obtain information on the flow of matter in the 
photosphere. However, the asymmetry is a second order effect; it is certainly 
easier to compare absolute line shifts with theoretical computations, but the 
measurements are difficult to make. 


1 Cf. footnote 1, p. 88. 
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I lie most accurate set of absolute line shift observations is perhaps that of 
Miss Adam 1 ; Fig. 4 gives some of her measures (cf. Finlay-Freundlich and 
Forbes 2 ). Three characteristic aspects are: 

1. All measured shifts are red-shifts, but nearly all values are smaller than 
the predicted relativistic red-shift 


GM 
A ~ ~Rc* 


2 . 12 X 10 6 = O .636 km/sec or 12 . 9 mA at 6100 A. 


Only some values, for strong lines 
and for lines close to the limb, 
are slightly greater than the rela¬ 
tivistic one. Flence there must be 
a violet-shifting mechanism which 
counteracts the relativistic red- 
shift. 

2 . There is a limb effect: the 
lines are more displaced towards 
the red the nearer they are to 
the limb. 

3 . The displacement curves, 
although having nearly the same 
form for all faint lines are shifted, 
one with respect to the other, in 
a vertical direction. The effect 
may slightly depend on the level 
of origin of the line: the strongest 
lines seem to show the greatest red- 
shifts. Lines with an equivalent 
width 170 m A have about the 
relativistic red-shift. For W x > 
200 mA, we have Zl A > zl A rel . 

This relative violet-shift can be 
understood on the basis of the in¬ 
homogeneous solar model 3 - 4 . The 
observed spectrum is a weighted 
mean between that of the hot 
ascending masses and the cool 
downward moving ones; hot ele¬ 
ments have the greatest weight. 
Also the dependence on the 



Fig. 4. Absolute shifts of Fraunhofer lines as a function of the dis¬ 
tance to the disk centre [M. G.Adam, cf. also E. Finlay-Freund- 
lich and E. G. Forbes: Ann. d’Astrophys. 19, 183 (1956)]. The 
lines have Rowland intensities 3 (6270), 5 (6265) and 6. The dash¬ 
ed line gives the predicted relativistic red-shift. Theory (Schro- 
ter) predicts a cosine curve, violet-shifted with respect to the 
dashed line, with zU = 12.9A for r/R = 1.0 and smaller violet- 
shifts for other values of r/R. 


equivalent width is clear: stronger lines are formed in higher level, where 
the convective motions are small or negligible. 

The limb effect was computed by Schroter 4 for middlestrong lines for which 
the theory is quite reliable, and for these a good agreement with observations is 
obtained. The effect is proportional to cos # and is zero at the limb; there we 
should deal with the pure relativistic effect. 

1 M. G. Adam: Monthly Notices Roy. Astronom. Soc. London 112, 548 ( 1952 ). 

E.F. Findlay-Freundlich and E.G. Forbes: Ann. d’Astrophys. 19, 183 and 215 
(1956). 

3 G. Thiessen: Z. Astrophys. 35, 237 (1955). 

4 E.H. Schroter: Z. Astrophys. 41, 141 ( 1957 ). 
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Whether the proposed explanation is correct depends on the accuracy of the 
limb measures. According to the theory no red-shift greater than O.636 km/sec 
should occur; observations of lines of various strength should all converge to¬ 
wards the relativistic value for cos #-j- 0. This does not wholly agree with the 
observations. 

It does not seem impossible that the unexplained red-shift component at the 
very limb is due to phase shifting collisions. In the case of van der Waals 

forces, Lindholm 1 predicted 
a red-shift of A v = O.36 y 
with y being the damping 
constant. This case applies 
only to lines originating from 
transitions in the lowest a- 
tomic levels, hence to the 
strongest lines. For the Cal 
line at 4227 A (a resonance 
line) the empirical and the 
computed values 2 of Logy 
are equal to 9-2. This would 
give an additional red-shift of 
0.85 X10 -3 A, insufficient to 
explain the observations, but 
greater y-values occur for 
some other lines. 

A comparison of the var¬ 
ious inhomogeneous models is 
given in Fig. 5 (models Bohm- 
Voigt, Vitense II-Schroter and 
thehydrogen lines model). Not¬ 
withstanding all uncertainties 
it is gratifying that the values 
of the temperature fluctua¬ 
te p ' ' tions are all of the same order. 

y Near r 0 = 1, at the same opti- 

Fig. 5 . Temperature distribution in various inhomogeneous models and 1 1 +1 -fh f+T rl 

in the transition region tQ the chromosphere, as a function of gas C3.1 ueptii til 6 y clfG OX tXI 6 Order 

pressure p„. of gQ0°. It is, however, ob¬ 

vious that the agreement is 
not very good yet and that we are only at the beginning. Much work has still to 
be done. We should further notice that the temperature differences increase 
with the geometrical depth, but that they tend to decrease with increasing optical 
depth, which is due to the differences in transparency between the various co¬ 
lumns. A very important problem still to be solved is that the temperature dif¬ 
ferences found observationally from Fraunhofer line studies are considerably 
greater than those found fron direct granulation photometry. This is one of the 
first points to be clarified before further progress can be made in this field. 

The precise course of the temperature variation near the Sun’s limb is still 
very uncertain as is shown in the figure from a comparison of the (T, Log P g ) 
curves of the models described above with the models of the transition region 
photosphere-chromosphere of Pa gel 3 and de Jager 4 (cf. Sect. 18). 

1 E. Lindholm: Ark. Math. Astronom. Phys. B 28 (3) (1941). 

2 A. Unsold: Physik der Sternatmospharen, 2. Aufl., p. 467f. Berlin: Springer 1955 . 

3 B.E. J. Pagel: Monthly Notices Roy. Astronom. Soc. London 116, 608 (1957). 

4 C. de Jager: Bull, astronom. Inst. Netherl. 13, 275 (1957). 
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c) Micro- and macro-turbulence in the photosphere. 

8. Micro- or macro-turbulence? The term “turbulence” has too often been 
used in a wrong sense. So let us start with a definition: a field of motion is called 
turbulent when the motions are so irregular that it does not seem appropriate 
or when it is virtually impossible to describe by mathematical formulae the 
motions of each of the individual volume elements, and when it is necessary to 
describe them by statistical methods. “Turbulence” always implies a macro¬ 
scopic description of mass motions: In any field of irregular, “turbulent ”, motions 
there are “elements” which are so small that their internal motions are laminar, 
but when viewed on a larger scale the motion field is so irregular that it is permis¬ 
sible to speak about turbulent motions. As a rule the turbulent motions are 
provoked by a large-scale dynamic instability of the velocity field (convection, 
a stirring motions, etc.) which furnishes the energy of the field. 

In this line of thought we cannot speak about “turbulence” or “turbulence 
elements” in the case of one whirl, a sunspot or a Benard cell. A complex of 
whirls might under certain circumstances be called a turbulent field, but a com¬ 
plex of Benard cells, in the classical sense, certainly not. (Benard cells are formed 
by laminar motion.) 

Confusion may arise when the term "turbulence element” is introduced. In 
a statistical turbulence theory there is no place for such a notion. It is advisable 
to avoid this term as much as possible and to introduce other well defined notions, 
such as the correlation distance, or the wavelengths or wavenumbers (cur 1 ) of 
the Fourier-components of the velocity field obtained by decomposing the field, 
separately for each Cartesian velocity component. The only case in which the 
term “element” may be useful is in denoting the greatest wavelength L 0 occuring 
in the Fourier analysis of the field of motions. It is mainly in this range of wave¬ 
lengths that the energy from the kinetic energy of mass motions is fed into the 
system. Through the action of the non-linear terms in the equation of motion 
the energy is transmitted to other wavelengths, mainly to shorter ones, to be 
finally destroyed by viscosity and dissipated into heat for small wavelengths. 
So another important quantity that occurs in a statistical turbulence theory 
is the wavelength L x for which viscous dissipation of energy is of the same order 
as the transfer of energy to Fourier-components with still smaller wavelengths. 

It is clear that L 0 and L x are not exactly defined but that they are order-of- 
magnitude quantities. In physical experiments L 0 is supposed to be of the same 
order as the experimental volume diameter; in a stellar atmosphere or a compres¬ 
sible gas in a gravity field it is generally assumed (following a suggestion of 
M. Schwarzschild 1 ) that Lazuli, the scale height of the atmosphere, but there 
is no firm foundation for this assertion. 


In general, the Fourier analysis of the velocity field will contain all L values 
between L 0 and L x , and it can be shown that in isotropic incompressible turbu¬ 
lence, we have the relation: 


£(L) = (_L\i 

*0 l C) I 


( 8 . 1 ) 


where £ (L) is the mean difference of the velocity component between any two 
points of the field at a distance L, and f 0 is the mean velocity component dif¬ 
ference between points at a distance L 0 . Often | 0 is identified with the mean 
amplitude of the velocity component of the field; this assumption is more or 
less justified by the fact that £ 0 is the greatest velocity component occurring in 
the field. 


1 R. S. Richardson and M. Schwarzschild: Astrophys. Journ. Ill, 359 ( 1950 ). 
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The expression (8.1) can be proved as follows: if £ is the mean velocity component differ¬ 
ence between two points at a distance L, then a volume element with a diameter L can be 
treated as moving homogeneously with velocity £ with respect to the surroundings. Its kinetic 
energy is transformed to smaller wavelengths. The energy transformation dEjdt (ergs cm -3 
sec -1 ) is — Wg/L 3 where W is the frictional resistance of the element = const, q L 2 £ 2 . Hence 
dEjdt = — const q^ z /L, and since dEjdt should be constant for all L values between L 0 and L x , 
this means that £ oc L* for L x < L< L 0 . This relation applies only to incompressible turbulence 
but it is a good approximation in general for subsonic velocities. 

In the interpretation of Fraunhofer line observations we have to distinguish 
between two extreme cases: 

(a) The values of L 0 and of the absorption coefficient x (cm' 1 ) are such that 
L 0 x<^i. In that case the "line of sight passes through many elements” as is 
usually said, and there is no formal difference between the turbulent motions 
and the thermal motions of the gas; we may write 

£2 2RT , : 2 

Stotal 1 So • 

In this expression £ 0 is a measure for the turbulent velocity component defined by repre- 
senting the velocity distribution by exp [— (|/| 0 ) 2 ]. Also in the following part of this paper 
c 0 (sometimes called S tnr[) , (r or f) is assumed to be thus defined. 

This is the case of fully developed micro-turbulence. In the Fraunhofer spectrum 
micro-turbulence produces a line widening, and an increase of the equivalent 
widths of strong or medium strong lines. 

(b) L 0 x^>\. In this case we are dealing with fully developed macro-turbulence 
plus a part of the micro-turbulent field. Only those components of the velocity 
field for which Lx<Cl contribute fully to the micro-turbulent line widening, as 
described above. The components for which Lx~^>i only produce local Doppler 
displacements of spectral lines. A further complication is that the solar L 0 value 
is rather small. By lack of resolving power of telescopes and spectrographs the 
spectra of some individual elements are summed up in most spectrographs; this 
summation causes a line widening whereas the equivalent width remains constant 
at variance to the case of microturbulence. 

Next one might ask whether we are dealing in the solar atmosphere with 
macro- or with micro-turbulence. The answer is that, for each observed part of 
the Fraunhofer spectrum (whether it is the continuous spectrum or any part 
of a line profile), one always observes mainly the radiation from that part of 
the atmosphere where the total optical depth r^l. In rough approximation 
tss I at that geometrical depth where xH^ 1. So if L 0 may be put equal to H, 
we are dealing mainly with the case of xL a ^\, a case, intermediate between 
the two limiting ones discussed above; the lines are displaced by macroturbulence 
and widened by microturbulence, but both on a reduced scale (the microturbulent 
widening as well as the macroturbulent displacements correspond both to velocities 
smaller than f 0 ). 

A second way in which macro-turbulence enters into the picture is the follow¬ 
ing: the various points of a line profile may be formed at quite different depths 
in the solar atmosphere. For strong lines these depths may easily vary by more 
than an amount L 0 . So each of the profile points is widened according to the 
local micro-turbulence and shifted according to the local macro-turbulence which 
may vary over distances :>T 0 . 

9. Mean mass motions deduced from the profiles of Fraunhofer lines and from 
the curve of growth. Micro-turbulence produces a line widening and, consequently, 
an increase of the equivalent width: it can be studied from the form of the curve 
of growth. Macro-turbulence produces a shift of the whole line; unresolved macro- 
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turbulence does not change the equivalent widths. It has no influence on the 
curve of growth. When studying line profiles we deal with micro-turbulence 
plus unresolved macro-turbulence. In each case one should ascertain to what 
optical depth the observed features refer. 

<*■) The curve of growth. Data on micro-turbulence, deduced from the position 
of the flat part of the curve of growth, refer to other solar layers than data derived 
from profiles of faint lines. As van Regemorter 1 showed, the lines on the flat 
part of the curve of growth are formed in the highest photospheric layers, as a 
rule at mean optical depths five to ten times less than those of similar lines from 
the linear part of the curve of growth. So ^-values 2 deduced from these two 
sources refer to layers at about one scale height distant and are therefore not 
comparable without further precaution; they can certainly not be used to derive 
a “photospheric spectrum of turbulence”. 

K. O. Wright’s value for Doppler widening as deduced from the curve of 
growth 


Ak = - 

C 


X 1 2k T 


-sif 


gives 3 £, = 1.6 km/sec if T = 0. Here f ( is the micro-turbulent velocity component. 
With T ~4700° and m= 9.3 x 1CT 23 g (Fe) we obtain = f.O km/sec. This value 
is deduced from lines on the flat part of the curve of growth, which are perhaps 
formed mainly at optical depths of the order of r 0 = 0.01 to 0.05. This value 
agrees well with analogous determinations of Su-Shu-Huang 4 : f t = l .3 km/sec, 
and of Claas 5 : 1.2 km/sec. As a mean value one might take 1.2 km/sec. 

fi) The study of line profiles gives information on micro-turbulence and (un¬ 
resolved) macro-turbulence: 

(i) From the widths of the middle strong lines in the Utrecht Solar Atlas 
van de Hulst 6 deduced £ t = \.7 km/sec, valid for the centre of the disk. It was 
shown by Rogerson 7 that this value is perhaps too great, van de Hulst’s lines 
being influenced by self-absorption. For really weak lines (central depth < 0.2) 
(If 2 )* = 1.4 km/sec. There is no indication for a variation of this value with depth. 

(ii) Reichel 8 and Voigt 9 found the following results from a study of the 
(Doppler) cores of Fraunhofer lines: 



Line 

#1 (km/sec) 

Reichel. 

SrII; 4078 

2 


strong arc lines 

1.1 


faint arc lines 

1.0 

Voigt. 

OI; 7776 

3-0 


(iii) Allen’s attempt to measure the centre-limb variation of the line widths 
of relatively faint lines was criticized by Unsold 10 : the deduced increase of £ t 

1 H. van Regemorter: Thesis, Paris 1958. 

2 We speak about not about f 0 , to denote that probably f ( <f 0 (see Sect. 8). 

3 K.O. Wright: Astrophys. Journ. 99, 249 (1949). 

4 Su-Shu-HuaNg: Astrophys. Journ. 112, 418 (1950). 

5 W. J. Claas: Rech. Obs. Utrecht 12 (1) (1951). 

6 H.C. van de Hulst: Bull, astronom. Inst. Netherl. 10, 79 (1946). 

7 J.B. Rogerson: Astrophys. Journ. 125, 275 (1957). 

8 M. Reichel: Z. Astrophys. 33, 79 (1953). 

9 H.H. Voigt: Z. Astrophys. 40, 157 (1956). 

10 A. Unsold: Physik der Sternatmospharen, 2. Aufl., p. 459. Berlin: Springer 1955. 
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from centre to limb (from 2.2 km/sec to 3.1 km/sec) is not correct, because the 
lines are rather strong so that their observed widths are greater than the widths 
of the absorption coefficient profiles. Only by correcting appropriately for self¬ 
absorption can this difficulty be removed. The alternative would be to use lines 
with equivalent widths smaller than about 30 mA. The importance of such data 
is that they refer to greater depths than the foregoing values. 

(iv) Allen’s investigation was repeated with higher resolving power ( 6 xl 0 5 ) 
by Suemoto h who could resort to the above criticism by taking the detailed 
theory of line formation into account in interpreting the observations. For every 
point on the disk faint lines appear to have greater Doppler widths than stronger 
lines. This suggests a (micro- -j- macro-) turbulent velocity component decreasing 
with height in the photosphere. However, all lines are broader and shallower 
near the limb than in the disk centre, which suggests an increase of the turbulent 
velocity component towards the limb, hence perhaps towards higher layers. 

This difficulty was removed with Allen’s suggestion that the convective 
motions are anisotropic in the mean photosphere: at t 6300 ss 0.4, the velocity 
should be greater in the horizontal direction than vertically. The value of the 
nwcroturbulent velocity component near t 6300 = 0.4 is 1.0 km/sec, in accordance 
with other determinations at that depth. In a similar kind of investigation 
(resolving power 3 X 10 5 ) Waddell 2 found the motion field at r = 0.3 anisotropic 
with | ra d = 1.8 km/sec and £ tang = 3.0 km/sec. There are no indications for a 
change of these values with depth. 

(v) Wehlau and Wehlau 3 , with the aid of line profiles measured in the 
Utrecht Atlas of the Solar Spectrum found £ = 2.0 km/sec for weak neutral metal 
lines, £ = 1.6 km/sec for Ti + and £=2.1 and 3-5 km/sec for molecular lines. The 
latter are known to be formed in the transition region between photosphere and 
chromosphere. 

10. Mass motions at the Sun’s limb and in the low chromosphere; conclusions. 

There is a gradual transition from the photosphere to the low chromosphere, 
and so this review of random mass motions in the photosphere is not complete 
without a summary of mass motion velocities in the transition region between 
photosphere and chromosphere. 

First we summarize the photospheric determinations (all velocities in km/sec); 
as usual in this article £ denotes the r.m.s. value of the velocity component per¬ 
pendicular to the surface (cf. Sect. 4). 


Table 1. 


Macroturbulence from granular Doppler shifts. 


Estimated 
mean r 0 


Richardson-Schwarzschild 

0.37 

0.2 

De Jager 

0.50 

0.2 

McMath et al.; ^ (centre to limb) | 

j 0.44 to 0.6 
0.70 to 0.9 

0.4 to 0.2 
0.2 to 0.1 

Schroter 

0.29 : 

0.2 


The true values are perhaps greater because of lack of resolution. Hart's 4 meas¬ 
urements indicating an increase of £ ( towards the limb but at the same time a 

1 Z. Suemoto: Monthly Notices Roy. Astronom. Soc. London 117, 2 (1957)- 

2 J.H. Waddell: Astrophys. Journ. 127, 284 (1958). 

3 A.W. and W.H. Wehlau: Publ. Astronom. Soc. Pacific 68, 358 (1956). 

4 A.B. Hart: Monthly Notices Roy. Astronom. Soc. London 116, 489 (1956). 
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decrease with decreasing optical depth (0.16 and 0.12 km/sec at tq 0.4_ Ni 

and Ti—and r 0 «s0.3~Na—respectively) suffer perhaps too much from lack of 


Table 2. Micro- and macro-turbulence from line profiles. 


van DE Hulst, medium strong metal lines . . 

Rogerson, faint metal lines. 

Reichel, Sr II. 

Reichel, strong arc lines. 

Reichel, faint arc lines. 

Voigt, O I. 

Suemoto . 

Wf.hlau, faint metals. 

Ti+. 

CH. 

CN. 

Waddell j + radiaI ’ '. 

[tangential. 



Estimated 
mean r 0 

1-7 

0.10 

1.4 

0.10 

2 

0.03 

1.1 

0.10 

1.0 

0.15 

3-0 

0.02 

1.0 

0.3 

2.0 

0.2 

1.6 

0.3 

2.1 

0.05 

3-5 

0.05 

1.8 

0.3 

30 

0.3 


Table 3- Micro-turbulence from curve of growth. 


estimated 
mean r 0 


1-0 ; 0.02 

1-3 ! 0.02 

1.2 | 0.02 


Wright 
Huang 
Claas. 


resolving power, while also the derivation of ^-values from lines of different 
elements may easily introduce systematic errors. The latter remark applies also 

x „ xl „ _i_ „ x - . . j rr 


of Suemoto and 


Im/sec 


Granular Doppler sht/fs (macro- unresoired 2 ) 
Line profik (micro * macro) 

Carre of growth (micro) 


Chromosphere curre of growth 


to the work 

Waddell. 

These values are collected in 
Fig. 6. 

In the absence of modern computa¬ 
tions of the mean optical depth, the r 0 
values given here are roughly estimated 
with the aid of Minnaert’s 1 table of 
mean depths of line formation. From a 
comparison of Minnaert’s results (valid 
for a model atmosphere with a limb 
temperature of 4900°) with the new re¬ 
sults of ten Bruggencate et al. 2 (for 
Bohm’s model atmosphere with a limb 
temperature of 3800°) it appears that 
Minnaert's mean optical depths are 
about two to four times those of ten 
Bruggencate et al. Since we believe 
that the correct limb temperature of 
the Sun is about 4300° we take Min¬ 
naert’s values, and divide them by 

two. Furthermore it should be kept in mind that Minnaert’s results concern weak lines. The 
mean optical depths for lines on the flat portion of the curve of growth are about five to ten 
times smaller, those on the damping part are about one half (van Regemorter). The Doppler 

1 M. Minnaert: Bull, astronom. Inst. Netherl. 10, 399 (1948). 

2 P. ten Bruggencate, R. Lust-Kulka and H.H. Voigt: Veroff. Gottingen 6, (110) 
255 ( 1955 ). 
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cores of strong lines are formed still higher in the photosphere. The relation between r 0 
and h in Fig. 6 was taken from our model given in Table 4 (Sect. 14) of the present paper. 

Turbulence determinations in the low chromosphere refer either to the com¬ 
ponent radial to the Sun’s surface (!) or to the line-of-sight component (rj). In 
the lowest 700 km there are two sources of information (cf. also Sect. 17), viz. 

— line profiles (slit spectra; tangential component) (Redman and Suemoto 1 , 
open circles in Fig. 6); 

— curve of growth (flash spectra; tangential component) (Bohm-Vitense 2 , filled 
circle in Fig. 6). 

Fig. 6 shows the increase of the mean turbulent velocity component with 
height; there is a smooth transition between photosphere and chromosphere. 
There is no clear difference between the radial and tangential components at 
the same heights. This suggests that in the photosphere and the low chromo¬ 
sphere the microturbulent velocities are essentially isotropic. It appears further 
that the micro-turbulent velocity component is about one half of the sum of 
micro- and macro-turbulence. Since both effects add quadratically ! maC ro should 
be about 1.7!micro- 

d) Theory of convection and turbulence in the solar atmosphere. 

11. Theory of the solar convection zone. We adopt the following model of 
the convection zone. The observations show that the convection of the granulation 
zone is of the non-stationary type: matter ascends in hot bubbles, outside these 
h( ten) ^ H(\m bubbles cool matter moves 

0C1 B0 downward (Fig. 7). Anticipat- 
- 0.3 m ing we notice that according 
100 m to Vitense the convective ele¬ 
ments may ascend up to t 0 sa 
0-3. Since the lower limit of the 
photosphere (virtually r 0 = 2 
to 4) is only 100 km below the 
T o— 0-3 level, it is clear how 
extremely thin the visible re¬ 
gion of the convection zone is. 
Granulation elements are 

Fig. 7. Schematic picture of the upper part of the convection zone. Structures which belong prin- 

cipally to the subphotospheric 
part of the Sun and which happen to penetrate with their very tops just into 
the photospheric region. So the structures and sizes of the elements are defined 
rather by the conditions in the deeper layers of the Sun than in the just 
visible upper parts. This makes it possible to predict the order-of-magnitude 
of the size of the granulation elements. It is generally assumed that in an atmo¬ 
sphere with a density gradient the convection elements have diameters L 0 of 
the same order as the scale height H of the atmosphere (but one should keep 
in mind that in such an approximated reasoning the ratio of L 0 and II may 
deviate from unity by factors n or so). When ascending or descending these 
elements dissolve again after having gone over a path equal to their own diameter 
(Prandtl’s mixing length). The semi-qualitative argumentation for this reason¬ 
ing goes as follows: elements which, ascend adiabatically will expand. When 

1 R.O. Redman and Z. Suemoto: Monthly Notices Roy. Astronom. Soc. London 114, 
524 (1954). 

2 E. Bohm-Vitense: Z. Astrophys. 36, 145 (1955). 
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they are about one scale height higher up, the elements mix because of their 
greater diameters and so they disappear. New elements originate, with diameters 
of the same order as the local scale height. 

In the Sun the scale height H decreases very quickly, almost discontinuously, 
at a depth of about 250 km (see the column H at the right side of Fig. 7). In 
such a case the above reasoning can no longer be valid, and the observed granules 
will have diameters of the same order as the scale height near the 500 km level. 
Even if the upper part of an element, when arriving at the top of the granulation 
zone, would split up into smaller elements with mean diameters of about 150 km, 
the large-scale unequal heating from the lower levels remains and will produce 
hot and cool regions of the photosphere with a characteristic size of about 500 km. 
(In the figure the granulation elements have been given mean sizes equal to H. 
It seems as if the figure suggests that the diameter of an element decreases when 
ascending, but the reverse is true. The smaller elements originate after the dis¬ 
solution of the big ones). 

Thus we arrive, also from this point of view, at an average granular diameter 
of about 500 km. We recall that analogous values were suggested earlier 
(a) from the observations (Sect. 2), (b) from a discussion of radial velocity meas¬ 
urements (Sect. 4). 

We next turn to a quantitative computation of the conditions in the convec¬ 
tion zone. Since the present article deals with the visible, photospheric phenomena, 
our main concern will be with temperature, pressure, velocities and energy trans¬ 
port in that curious transition region where the granulation elements are on the 
point of disappearing and where the convection region merges into the non- 
convective upper part of the photosphere. 

bor that purpose we schematize the elements by cylinders—even if this is 
not completely true, it is a sufficient approximation in the very thin part of 
the convection zone discussed by us. For the mathematical description we define 
the following parameters, all functions of the depth h: 

T and T are the temperatures outside and inside the elements; it is assumed 
that in all elements the temperature is the same single-valued function of depth 
We define AT = T'-T. 

P is the gas pressure. We assume pressure equality at the same height in- 
and outside the elements. 

v and v' are the descending and ascending velocities of the surrounding matter 
and the granulation elements. Since the upward and downward mass transports 
must be equal, and if the areas of both elements are equal: v'jv = T'jT. For 
description purposes it is convenient to describe the motions of turbulence ele¬ 
ments with respect to the surrounding medium. To that end we introduce V = 
v' — v. 

To solve for these four unknowns, four relations between them should be 
found. A first attempt was made by de Jager 1 , who, following earlier discussions 
of Siedentopf and Woolley, used three relations between these four unknowns. 
For the fourth relation, that between A T and T, some trial functions were intro¬ 
duced. That solution was finally chosen which gave the best agreement with 
the observed limb darkening of the Sun and the observed brightness differences 
between granulation elements and surroundings. The problem was rediscussed 
by E. Vitense 2 who introduced a fourth relation—one between the relative loss 
of energy by a convective element and the logarithmic temperature-pressure 
gradients . In that way a more or less unambiguous treatment of the problem 

1 C. de Jager: Proc. Acad. Amsterd. 51, 731 (1948). 

2 E. Vitense: Z. Astrophys. 32, 135 (1953). 
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could be given. Still there remains the problem how to choose the diameter L 0 
of the granulation elements. Vitense chose it consecutively equal to the local 
scale height H and to twice this value. 

Schatzman’s theory of the solar granulation 1 , which appeared almost simultaneously 
with Vitense’s, is essentially based on the same relations in the deep part of the convection 
zone. A difference is that Schatzman assumed that the visible granules are manifestations 
of upward moving compression waves, initiated by the deeper situated convective motions. 

The observations (Suemoto, McMath et at., Wadell), however, seem to support 
Vitense’s image rather than Schatzman's: matter moving upward over the limit of the 
convection zone (r 0 *s:0.8) and pushing further to r 0 «s0.3; the main dissipation of energy 
taking place for r >0.5. 

In the following part of this section Vitense’s discussion will be reviewed. 
As indicated in the first part of this section the choice L 0 = 2H will be more in 
agreement with reality than L 0 =H— at least in the upper part of the convection 
zone, where we adopt granular diameters of 500 km whereas the scale height is 
about half this value. 

The first relation refers to the velocities of the elements, derived from the 
equality between the upward force 

K = — volume -g-Ag = F e g L 0 ^~ = ~ F e gL 0 -?~ 
and the frictional resistance 

W =F e F 2 . 


Here, g is the density of the surrounding matter; q — A g is the density in the 
element; FL 0 is the volume of the element. 

This gives Siedentopf’s relation: 

V*=gL 0 A f. ( 11 . 1 ) 

Formula (11.1) gives the velocity if convection is fully developed. 

In order to elaborate this relation, a formula for ATjT will be developed. The 
mean temperature difference between element and surroundings is estimated as 
follows: The relative heating of an element in an interval A h is 


AT 




If we write: dh — — Hd In P —— RTf/ig - if In P, we obtain over an interval L 0 : 

= (H.2) 


with V = ^ f° r the granulation elements, while V refers to the surrounding 
matter. 


Hence (11.1) becomes 


V* = ^£(V-V). 


(11.3) 


Relations for the logarithmic temperature-pressure gradients V and V as well 
as that of trad — p for an atmosphere in radiative equilibrium are found 

next. First of all, for an atmosphere in radiative equilibrium the total energy 


flux tiF is: 




(11.4) 


1 E. Schatzman: Misc. Inst. Astr., Univ. Bruxelles (2) 90 (1953); 92 (1954). Cf. also 
C. Whitney: Smithson. Contrib. Astrophys. 2, 365 (1958). 
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This formula defines the value of the radiative logarithmic temperature-density 
gradient. Naturally, in the convection zone the true gradients are smaller than 
the radiative gradient since a part of the energy transport is convective. In 
fact we have [7 ad <; V <, V <L, F rad , and the total energy flux 

nF = 7iF conv + ttF rad . (11.5) 

In this latter formula we insert Eq. (11.4) for nF. Further 


7 - 16 (tT 1 n 

nF ™* = — — ,, V. 


( 11 . 6 ) 


The amount of energy transported convectively is generally written as (cf. Bier- 
MANN 1 ): 

7 iF co»v = Cp & A T V (11.7a) 

wheres Zhevakin 2 * has argued that this expression should be: 

^F conv = \Cq AT V (11.7b) 

with 

c -',-p (^)„; c.<c<c,. 


c p = specific heat at constant pressure; A T and V are the mean temperature- 
and velocity differences between the element and its surroundings. 

The differences between results computed with ( 11 . 7 a) and ( 11 . 7 b) are not 
fundamental. 

If we substitute in (11.7): g = P/RT and eliminate A TjT from ( 11 . 7 ) and ( 11 . 1 ), 
the resulting expression is useful to estimate V in the deep layers where the energy 
transport is mainly convective. In the higher layers the energy exchange should 
be taken into account. From ( 11 . 2 ) and ( 11 . 7 ) we obtain: 

nFconv = c p Tq V — {V — V). (11.8) 

This latter formula will be discussed below. 

In the uppermost part of the convective zone the value of V depends on the 
aelative amount of energy radiated by the convective element. So, following 
Unsold and Vitense, we define 


r= 


energy surplus 

energy radiated during life time of element 


The energy surplus of the element with respect to an equal volume of the sur¬ 
roundings is equal to c p oAT LI (L\ is the volume of the element). 

Since the elements are optically thick (P.gL 0 ^> 1 ), the loss of energy by radia¬ 
tion from the elements (area ^ 3 L„) is written as a product of the three factors: 
emission per cm 2 , area, and life-time: 


j- 4ff A T i „ 

rf = Tf f ' 5/ -o 



With dr — —KQ dh = r.QHd\n PmxgH , the expression for r becomes 


CpO TV 

16 a T 4 


y.oL 0 . 


1 L. Biermann: Z. Astrophys. 21, 320 (1942). 

2 S. A. Zhevakin: Astron. Zhurn. 33, 137 (1956). 

Hand 3 uch der Physik, Bd. HI. 


(11.9) 


7a 
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On the other hand the energy surplus is proportional to (p 7 ' — V), and the radiation 
of energy is proportional to (V ad — V) with the same proportionality constants. 
Hence r _ v 

1 V ad -V 


Substitute (11.6), (11.8) and ( 11 . 9 ) in (11.5). This gives 

,7 F rad + frp" 

1 - • 


( 11 . 11 ) 


Then, after eliminating V from (11.10) and (11.11), we obtain the fourth equation: 


p, Cad + T(1 + l r) Pad 

“ +T(i +f r) 


( 11 . 12 ) 


The simultaneous solution in steps of Eqs. ( 11 . 3 ), ( 11 . 4 ), (11.11), ( 11 . 12 ) permits 
one to find the variation with depth of Log P g and of T (for the convective ele¬ 
ments as well as for the matter in between), and to find the relative velocity V = 
v' — v of the ascending matter with respect to the downgoing matter. For each 
geometrical depth the velocities in both columns are then found with vo = — v' q' 
or (because of the pressure equality) v T' = — v' T, which yields 




V T 
AT 


and 


v' 


V T' 
~AT~ ' 


(11.13) 


(The upward velocity is taken positive.) 

The quantities such as c p , x, which occur in the formulae, are functions of T 
and P. They can be computed and are tabulated, e.g. in Unsold, Physik der 
Sternatmospharen [2]. Values of the coefficients of viscosity and thermal con¬ 
ductivity under conditions prevailing in the convection zone have been com¬ 
puted by Edmonds 1 and Oster 2 . 

12. The upper limit of the convection zone, and the development of turbulence 
in the photosphere. The upper limit of the convection zone, solved from the 
equation V— V 3d is r 0 0.8 in most photospheric models. But granulation observa¬ 
tions close to the limb indicate the presence of the elements at greater heights. 
Also radial velocity observations of middle strong lines (generally originating 
at small optical depths, r 0 = 0.1 ... 0 - 3 ) clearly show the radial velocities of the 
elements, the upward motions corresponding to the hottest elements. So the 
problem is why the convective elements ascend to r 0 = 0.1 ... 0-3 and why they 
do not stop at r 0 = 0.8, or stated in another way: Why did the hot elements not 
yet wholly radiate their energy surplus when arriving at r 0 = 0.8 [Eq. (11.8) 
shows that V = 0 if AT = 0 ].* 

To that end we consider the entropy diagram for the model atmosphere 
developed in Sect. 12 (Fig. 8 ). The entropy may be read for any given value of 
P g and T from tables given by LTnsold. In deep layers the entropy is constant, 
higher up it decreases, to rise again at greater heights. This latter part is the 
radiative zone. Convection elements originating in the decreasing part of the 
entropy curve move along a horizontal line to the left in the entropy diagram 
when ascending into the photosphere. Vitense showed in a detailed discussion 
of some peculiar cases that elements which originate at the upper level of the 
convection zone can move still to t 0 ?^ 0.3 before the energy surplus is redistri¬ 
buted between hot and cold elements. 


1 F.N. Edmonds: Astrophys. Journ. 125, 535 (1957). 

2 L. Oster: Z. Astrophys. 42, 228 (1956). 
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Since the Reynolds number of the convection elements is great, they will 
be turbulent, the ascending and descending motions cannot be laminar. A hier¬ 
archy of turbulent motions will develop, the velocity spectrum of which can be 
computed with Eq. (8.1). 

But also the non-convective, radiative part of the photosphere is turbulent, 
due to the formation of acoustic noise, originating in the granulation zone 1 . If 
the velocity field of the granulation zone is decomposed into its curl-free and its 
divergence-free parts, the former part produces waves which may pass through 
the non-convective upper region and enter into the chromosphere. They produce 
a turbulence field which may be described as a field of sound waves propagating 
in all directions. If analysed according to Fourier the field presents velocity 



amplitudes (Unsold 2 ). If c is the velocity of propagation of plane noise 

waves in the solar atmosphere, then the acoustical energy flux q(A v) 2 c is constant, 
if dissipation of energy is unimportant. Hence the mean turbulent velocity 
should increase with height according to (oc)'-l. A comparison of the observed 
values of (Fig. 6 and 12) with those predicted according to this formula shows 
that the law is fullfilled qualitatively only, and that dissipation of energy already 
plays an important role throughout the whole upper photosphere. 

The magnetic fields associated with the convection elements. In a turbulent 
plasma electric currents originate between regions of different electron densities 
and temperatures; these produce weak local magnetic fields. The fields may 
increase in strength if there is a way to transform kinetic energy igv 2 into mag¬ 
netic energy H 2 /8jt. This transformation can be obtained by the “spaghetti 
process ’. Since the electrical conductivity is very great (cf. Kopecky 3 ) the lines 
of force can be considered as “frozen” into the gas: in matter at rest changes of 
the magnetic field are counteracted by induction currents and the field changes 
only when the lines of force are transported with the material. As a rule turbulent 
motions thus produce a stretching of the lines of force, increasing the lengths of 
t he tubes of f orce, and because the amount of matter in a given tube remains 

1 Cf. I .. Biermann: lrans. Internat. Astronom. Union (Dublin Meeting) 11, 750 (1957). 

A. Unsold: Z. Naturforsch. 7a, 121 (1952) and Physik der Sternatmospharen p. 667 
Berlin: Springer 1 y 55 . 

3 M. Kopecky: Bull, astronom. Inst. Czechoslov. 8 , 71 (1957). 
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constant the effect is that the lines of force are pressed together, thus increasing 
the local magnetic fieldsh According to Fermi 1 2 , Biermann 3 , Elsasser 4 , Chan¬ 
drasekhar 5 and others this process will continue till equipartition between tur¬ 
bulent and magnetic energy is reached, i.e. when . With g = 3 • 1CT 7 

and v =1.5 km/sec we obtain H m 250 Gauss, a field that is measurable, at least 
in principle. Cowling 6 has critizised the “spaghetti-process” arguing that the 
hypothesis of equipartition is based on analogy considerations that are perhaps 
not wholly sound. Only in the case of Alfven’s magnetohydrodynamic waves 
may there be equipartition between material kinetic energy and the energy of 
the disturbance field due to the wave. On the other hand analogously as, in a 
turbulent field, energy is transformed from long wavelength- to short wave¬ 
length-components, the influence of turbulence may be more and more to twist 
the existing lines of force rather than to generate large-scale fields from small- 
scale ones. Similar arguments were presented by Batchelor 7 , but Unsold 8 , 
from a comparison of observed turbulent energies and magnetic fields, found 
empirical support for the first suggestion. 

The measurement of the magnetic fields in tiny structures such as the granules 
presents the greatest difficulties. 

An observation by Kiepenheuer 9 might indicate the existence of such fields. With his 
photo-electric magnetometer he could measure considerable fluctuating fields when the solar 
image was displaced only slightly over the entrance slit of his magnetometer, provided that 
the solar image was in focus and that the seeing was good. With the given slit dimensions 
and assuming that one granule plus surroundings occupies an area of 5 X 10 5 km 2 one finds 
that an r.m.s. fluctuation of 10 Gauss corresponds to a granular field H g — 400 Gauss, of the 
same order as the predicted fields. 

With regard to the uncertainties of both data the agreement might be called good, but 
the investigation should necessarily be made anew with a small slit, covering only a few 
granules. It is noteworthy, in this respect, that Beggs and von Klubf.r 10 , who made some 
preliminary measurements of this kind (slit length rb 4") did observe many strong local fields, 
up to 100 Gauss, but mainly in the sunspot belt. These measures seem to refer principally 
to “invisible spots’’ or to pores but not to the normal granulation. 

14. A model of the photosphere incorporating convection and turbulence. A 

model is now given of the undisturbed photosphere and of the low chromosphere 
in which the temperature inhomogeneities, convection and turbulence are in¬ 
corporated. We extend this model up into the low chromosphere. The cores of 
many Fraunhofer lines are formed in this region of the chromosphere so that 
knowledge of its structure is necessary for those who deal with the theory of 
Fraunhofer lines. The model is based on the following data: 

1. Temperatures: (a) Photosphere: A two-column model being a mean of the 
models of Sect. 7. (b) Low chromosphere: Average of homogeneous models of 
Pagel and df. Jager (see also Fig. 15). 

2. Mass motions: (a) Convective velocities: Voigt III. (b) Turbulent velocities 
in the photosphere and chromosphere: Fig. 6 (Sect. 11). 

1 H. Alfven: Monthly Notices Roy. Astronom. Soc. London 107, 211 (1947). 

2 E. Fermi : Phys. Rev. 75, 11 69 (1949). 

3 L. Biermann: Z. Naturforsch. 5a, 65 (1950). — Ann. Phys. 10, 413 (1952). 

4 W.M. Elsasser: Phys. Rev. 79, 183 (1950). 

5 S. Chandrasekhar: Observatory 75, 161 (1955)- 

6 T. G. Cowling: Vistas in Astronomy 1, 313 (1955)- 

7 G.K. Batchelor: Proc. Roy. Soc. Lond. 201, 405 (1950). 

8 A. Unsold: Physik der Sternatmospharen, 2. Aufl., p. 590. Berlin: Springer 1955- 

9 K.O. Kiepenheuer: Astrophys. Journ. 117, 447 (1953). 

10 D.W. Beggs and H. von Kluber : Nature, Lond. 178, 1412 (1956). 
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3- The chemical abundances and the absorption coefficients are those adopted 
by Vitense. 

We assume pressure equality at the same geometrical height. With the given 
(T; Log P g ) values the electron pressures and the relation between height and 
optical depth can be computed. The equations are: 


dT 0 jdP g — Xo/?eff< 

(14.1) 

*0 = *0 {Pe ’ T) > 

(14.2) 

P'=P.(P g \ T ). 

(14-3) 

§eff q dh 8eff ^ Sgeom- 

(14.4) 


For we take the quadratic sum of the micro-turbulent and macro-turbulent 
components. Tables giving the relation (14.2) are computed by E. Vitense; 
for relation (14-3) by A. Rosa. The working model of the photosphere and the 
low chromosphere is given in the accompanying table. The subscripts c, a and h 
denote the cold, average and hot elements. The temperature fluctuations are 
chosen smaller than the empirical values shown in Fig. 5, which might be some¬ 
what exaggerated. For the present model the granular contrast at 5000 A is: 
(/*•*/*)//„== 0.2. An average model has been included in the table since it seems 
interesting in some cases, to investigate the differences between an average model 
and an inhomogeneous one. The average model is essentially Bohm’s, but it 
has been adapted to the new measurements of the solar energy-wavelength 
curve 1 * 2 ; a higher limb temperature has been assumed, and the model has been 
extended into the chromosphere. 


1 able 4. An inhomogeneous model of the photosphere and low chromosphere. 


Tei,(°K) 

Log P e 

r 5000 A 

c 

j 

a 

1 h 

c 

a 

h 

c a h 


-97 

- 42 
0 
41 

83 4600 
126 4840 
149 4990 
172 5140 
197 5310 
222 5530 
250 5810 
280 6280 
296 6760 
314 7570 
333 8050 
342 8150 


4600 

4850 0.58 
5030 0.72 
5220 0.76 
5560 0.89 
5770 1.16 
6450 1.46 
7460 1.93 
8060 2.47 
8570 2.86 
8780 3.34 
8880 3-43 


-0.35! 

-0.19 
- 0.11 
- 0.03 
0.27 

0.58 0.58 
0.70 0.68 
0.77 0.73 
0.96 0.95 
1.21 1.27 0.28 
1.54 1.69 0.47 
2.09 2.36 0.90 
2.47 2.89 1.50 
2.83 3-06 2.0 
3.11 3.29 5.1 
3-20 3-4 8.1 


j 0.0007 
0.0018 
0.0045 
0.010 
0.024 
0.056 
0.087 
0.12 
0.18 
0.30 
0.50 
1.02 
1.74 
3-2 

6.8 I 
10 


1 D. Labs: Z. Astrophys. 44, 37 (1957). 

2 G. F. Sitnik: Dokl. Akad. Nauk S.S.S.R. 110, 193 (1956). 
Zhurn. 34, 539 (1957). 


Vertical motion 
components (km/sec) 

convection 

components 

pi' ^raicro 

up- down- , 
ward I ward 


E. A. Makarova: Astron. 
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II. The chromosphere, 

a) The chromosphere at the limb. 

15. Problems of the chromosphere; transitions to photosphere and corona. The 

chromosphere has been discovered during total solar eclipses thanks to the cir¬ 
cumstance that, generally, the Moon’s apparent diameter is only slightly greater 
than that of the Sun. Before second contact the Sun’s disk reduces increasingly 
fast to a thin and thinner crescent, in the last seconds only shining through 
the lunar valleys—forming the Baily beads. After that the solar Fraunhofer 
spectrum disappears completely and a faint emission spectrum becomes visible. 
The neutral emission lines have about the same relative intensities as the Fraun¬ 
hofer absorption lines but the spark lines are enhanced. The greatest part of 
the emission lines is visible only during the first seconds after second contact 
and the last seconds before third contact. The short duration of visibility explains 
the name flash spectrum. 

Let h be the distance between the Sun’s limb and the projected Moon’s limb. 
The Table 5 below 1 gives an impression of the duration of visibility of the lines; 
it lists the projected lunar limb distances h 0 where the total line emission of a 
slab of the chromosphere, 1 cm thick, perpendicular to the limb has decreased 
to 10 11 erg sec -1 (solid angle) _1 . The last trace of the lines disappears generally 
when the intensity has decreased down to about 10 10 , but the precise value 
depends on the properties of the spectrograph, the exposure times and the photo¬ 
graphic plates. 

Table 5- 



K ( k m) 

Average duration of visibility (sec) 

Weak neutral metals (Fe, Ti) .... 

800 

2 

Weak metal ions (Fe f , Ti 1 ' etc.) . . . 

800 

2 

Strong neutral metals (Fe, Ca, Cr, Al) 

2 500 

6 

Strong metal ions (Ti 4 , Sr + ). 

3000 

7 

He+ 4686 . 

3000 

7 (small emission gradient) 

Neutral He lines (except D 3 ) .... 

5000 

11 

D 3 line of He. 

7 500 

17 

Ha. 

12000 

25 

H and K lines of Ca + . 

14000 

30 


Since the chromospheric crescent is very thin the flash spectrum can well 
be observed with a slitless spectrograph (camera equipped with an objective prism). 
The interpretation of the observed line intensities is difficult since the intensities 
are related to the emission per volume element by a double integration: The 
surface brightness F at each point of the chromosphere at a distance x to the 
limb is obtained by integrating the emission £ per volume element over the line 
of sight passing the Sun’s limb at a distance a. (A complication is that the ob¬ 
served surface brightness does not properly reflect the number of emitting atoms 
in the line of sight: self-absorption plays a role.) The intensities in the flash 
spectrum E are obtained by integrating the surface brightness F over a slice of 
the chromosphere, perpendicular to the Sun’s limb, from x=h to infinity; h 
is the projected distance of the Moon’s limb to that of the Sun (Fig. to). 

To find F from E and £ from F (elimination of the influence of self-absorption), 
the observed integrated emission curve E(h) is generally expanded into a sum 

N N 

of exponentials. For if £(x) = 2 £„ i x ) = 2 £»(0) e -01 ”*, a simple computation 

__ _ n — 1 n =1 

1 The values in the table were extracted from the measurements of J. Houtgast: Rech. 
Obs. Utrecht 13, Part 3 (1957); other observers give similar values. 
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Fig. 9- The Khartoum eclipse (2$. II. 1952 ) will be famous for a long time for the magnificent chromospheric 
spectra obtained that day. Upper two spectra: The flash spectrum from 3250 to 41 $0 A obtained by the joint High Alti¬ 
tude Observatory—Naval Research laboratory expedition (U.S.A.). The two overexposed strong lines at the right arc H 
and K (Ca + ). In the lower spectrum (at 0.01 of the upper's intensity) the splitting of H e and H (Ca*) is well visible. 
The upper spectrum clearly shows the Balmer continuum for A< 3680 A. Cf. also R. G. Athav, D. E. Billings, J. W. 
Evans and W. O. Romkrts: Astrophys. Journ. 120, 94 (1954). Courtesy J. W. Evans. Third spectrum: Enlargement 
of the flash spectrum taken by Houtgast and Zwaan (Utrecht, Holland). The spectrum contains the bright K line ( >933 A) 
the // line and H 6 (4101 A), and shows moreover a wealth of faint metal lines. Cf. also J. Houtgast. Rech. Obs. Utrecht, 
13, 3 (1957). Courtesy J. Houtgast. Lowest two spectra: Portions of the slitspectra taken by Redman (Cambridge, G.B.). 
The upper spectrum gives the region around K, // and H e , the lower contains the region 3580 to 3614 A. The just resol¬ 
vable doublet at the left consist of 3580.93 (Sell) and 3581.20 (Ee 1); the strongest line at the right is 3613-84 (Sc II). 

Cf. also R. O. Redman: Vistas in Astronomy 1, 713 (1956). Courtesy K. O. Redman. 
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F(x) = \'2tiR £ £„(0) a-*e-“-‘ (15-1) 


E(h) =\2nR Z (15-2) 

»-i 

R is the solar radius. 

In the case of one exponential term: £ = £(0) e -ot * the emission gradient is 
equal to the density gradient—if self-absorption can be neglected. However, 
as a rule, things are more complicated. 

In interpreting the deduced value of £ in terms of number of atoms, or of phy¬ 
sical parameters like the kinetic temperature, it should be realized that for many 

atoms the condition of local thermo¬ 
dynamic equilibrium is far from being 
fulfilled. Because of the great trans¬ 
parency of the chromosphere and be¬ 
cause of dynamic phenomena con¬ 
nected with the dissipation of mechan¬ 
ical energy and the spicular motions, 
great differences can occur between 
the radiation temperature of the in¬ 
cident radiation and the local kinetic 
(electron) temperature of the gas, 
thus causing deviations from Boltz¬ 
mann’s and Saha's laws. A major 
part of chromospheric studies is di¬ 
rected to the finding of the exact popu¬ 
lation of the atomic levels, both along 
observational and theoretical paths. 

Some of the difficulties met in dis¬ 
cussing slitless spectra do not occur in 
working out slit spectra; in principle, these give the surface brightness; more¬ 
over they yield line profiles, which might be used to find the kinetic properties 
of the gas. Difficulties are, however, that the surface brightness obtained on 
slit spectra is modified by scintillation (e.g. 10" scintillation would give a smooth¬ 
ing of more than 7000km—more than the “thickness” of the chromosphere) 
and that the exact distance of the slit to the Sun’s limb is less well known than 
for flash spectra, for which the scale of height may be calibrated with an accu¬ 
racy between 100 and 1000 km (varying from eclipse to eclipse) with the help 
of an exact timing of the observations. The uncertainty of this zeropoint is in 
the latter case due to the rather arbitrary definition of the moment of second or 
third contact. This instant is generally defined as the moment that the Fraun¬ 
hofer spectrum changes into the emission spectrum or inversely; it is uncertain 
because of lunar limb mountains. 

Limb observations of the chromosphere, using some selectively receiving 
optical instrument (spectrohelioscope; Lyot filter) show that the upper chromo¬ 
sphere has a very spiky appearance. Earlier observers compared it with a burning 
prairy. The chromospheric spicules, small, shortlived, needle-like structures 
rising and descending with velocities well over 10 km/sec are only observed 
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above 5000 km. Below that height either the spicules do not exist, or their 
number is so great that they cannot longer be seen individually. Spectrohelio- 
graphic studies on the disk show the spicules from above and suggest that they 
cluster together in larger structures. The smallest structures, which might be 
identified with spicules, may occur down to about 1000 km above the photo¬ 
sphere. 

So attempts to represent the chromosphere by any model must be based 
on this two-element concept in which the dynamics of the spicular motion should 
be taken into account. The spicules of the chromosphere may penetrate into the 
corona up to heights of some ten thousands of kilometers. There is hardly any 
distinction between long spicules and short eruptive prominences. 

Finally there is the problem how to explain the occurrence and the extension 
of the chromosphere: its heating, and its support—-by turbulence or by lYingnetic 
fields—and the transitions to photosphere and corona. Visually the transition 
between photosphere and chromosphere is very abrupt, but the physical para¬ 
meters (T, q, etc.) merge continuously into each other and the difference is 
merely one of opacity. The difference between the chromosphere and the corona 
with its high temperature is more fundamental and takes place in an interval of 
space of the order of some thousands of kilometers. The problem of this latter 
transition is that of the heating of the low corona. 

16. Considerations on the population of the H and He atomic levels in non¬ 
thermodynamic equilibrium. An essential feature of the chromosphere is the 
absence of local thermodynamic equilibrium (L.T.E.), which occurs because of 
the difference between the chromospheric electron temperature and the radiation 
temperature of the incident (diluted) photospheric radiation (to which the chromo¬ 
sphere is mainly transparent), further because of the different kinetic temper¬ 
atures of the hot and cold elements and because of the occurrence of shock-wave 
phenomena in the upper part of the chromosphere. So it is not possible to com¬ 
pute the population of the atomic levels by Boltzmann’s and Saha’s laws, 
thus to identify in each volume element the (kinetic) electron temperature T eX 
with the ionization and excitation temperatures T ion and T ex , but a more detailed 
discussion is necessary. (It has been verified that the differences between the 
kinetic temperatures T e] and T atom are negligibly small in the astrophysical case 1 .) 
The non-L.T.E. computations are mostly based on a reasoning like the follow¬ 
ing. Let N„ be the population of the w-th level of an atom or ion in thermodynamic 
equilibrium (characterized by the electron temperature T el and the electron 
density N e ); N n is expressed in cm' 3 . Let the true population be b n N n ; so that b„ 
is a factor indicating the deviation from thermodynamic equilibrium. The 
total number of outgoing transitions from the level n to all other levels j is 

b n N n 2 p nj where P nj is for each transition a function depending on T el and N e . 

1 

This number is equal to the total number of incoming transitions to the level n: 
2 b jNj P jn- Here the infinite number of atomic levels is approximated by a 
i 

finite number TV, which is in any case permissible since up from a certain n the 
value of b„N„ decreases quickly with increasing n, owing to the depopulating 
influence of collisions between the atom and surrounding particles. Further TV 
may be reduced by grouping together a number of high levels. In this way 


1 P. L. Bhatnagar, M. Krook, D. H. Menzel and R. N. Thomas: Vistas in Astro¬ 
nomy 1, 296 (1955)- 
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one obtains N equations with N unknowns: 

Z^VW2^-=o- 

1=1 i=i 

The solution of this system gives the b n . 

The practical computation for the conditions prevailing in the chromosphere 
has not yet been brought to a final solution in spite of hard work that has been 
involved, especially after 1945- One great difficulty is that even for atoms like 
hydrogen and helium many necessary data, especially those on collisional cross 
sections are not available. For other atoms the greatest part of the /-values 
and virtually all collisional cross sections are unknown. 

Another difficulty is that the local radiation field is hard to compute. It 
consists of two parts: (a) the photospheric and coronal radiation fields, as modi¬ 
fied by chromospheric absorption and (b) the own radiation (especially the lines) 
emitted by the chromosphere. However, the chromospheric absorption and 
emission can be computed only when the populations of the various atomic 
levels are known throughout the chromosphere, and by taking the equations 
of radiation transfer into account, both for the line radiation and the continuous 
radiation. 

So, for a given chromospheric model the computation of b n should proceed 
in steps: after a first solution of b„ at various heights in the chromosphere, the 
modified radiation field is recomputed (again for different heights) and a new 
solution for b n is made, etc. Such a program has not yet been executed, but 
a number of approximate solutions has been published especially for hydrogen 
and also for helium. 

The hydrogen case was first discussed by Giovanelli 1 , who neglected inter¬ 
level transitions such as 2S-s-2P etc., and approximated the local radiation 
field by a Planck curve with a temperature of 5000°, neglecting the line radiation. 
The results are of course uncertain but they show that b n ~> 1 for small n, approach¬ 
ing unity for n >10. (Matsushima 2 showed that this is actually the case only 
for n >20.) 

Another conclusion, that the 2S state would be more densely populated 
than the 2 P state, because of the former’s metastability, was criticized by 
Purcell 3 who showed that the collisional cross section 2 S —> 2 P is great, caus¬ 
ing the population ratio 2P/2S to approach the thermodynamic equilibrium 
value 3- 

In later theoretical computations the influence of the chromosphere’s own 
radiation field was taken into account (Jefferies 4 , Zirin 5 , Thomas et al. 6 ) 
and at the same time it has been attempted to extract b„ from the observations 
(see e.g. 6 ). The new results qualitatively confirm Giovanelli’s first result 
(b n ^> i for small n and approaching unity for increasing n) . Pecker and Pecker 7 
drew attention to the great differences that still occur between the various 
b„ determinations. 

1 R. G. Giovanelli: Austral. J. Sci. Res. A 1, 275, 289 (1948). 

2 S. Matsushima: Astrophys. Journ. 115, 544 (1952). 

3 E. M. Purcell: Astrophys. Journ. 116, 457 (1952). 

4 J. T. Jefferies: Austral. J. Phys. 6, 22 (1953). 

5 H. Zirin: Astrophys. Journ. 123, 536 (1956); 126, 159 (1957). 

6 R. G. Athay, D. H. Menzel, S. Matsushima, J. C. Pecker and R. N. Thomas: Papers 
in Astrophys. Journ. Suppl. 1, No. 12 (1956). 

7 Ch. Pecker and J. C- Pecker: Contrib. Inst. Astrophys. Paris, Ser. A 213 (1956). 
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For the case of helium reference is made to the investigations on the non¬ 
equilibrium spectrum of helium in stellar atmospheres by Wellmann 1 . Similar 
computations as those described above for H were made for He by Jefferies 2 
and Zirin 3 . The last computations were made for four ^-values ranging between 
25000° and 2X10 5 °K. The photospheric radiation field was approximated by 
^rad — 6000 °; the chromospheric contribution was neglected. 

Another set of b n computations has been made for two cases 4 : T cl = 10800° 
and 8600 °, for Log N e = 11.5, conditions assumed to prevail near a. height of 
2000 km in the hot elements of the chromosphere. The incident photospheric 
radiation was assumed equal to the continuous spectrum for A >912 A integrated 
over the whole disk. The Lyman continuous radiation was approximated by 
a Planck curve with T c = 6000°. The level scheme was approximated by divid¬ 
ing it into ten levels ; the tenth containing the number of Hell ions—virtually 
equal to the number of groundstate Hell ions. The ten equations obtained by 
equalizing the incoming and outgoing transitions were solved. 

The principal result is the great overpopulation of the triplet states, due to 
the metastability of the 2 3 S level. Also the metastable 2 1 S level is overpopulated 
but to a less degree since the electrons may jump from 2 1 S via 2 1 P to the ground 
level. The overpopulation becomes smaller for increasing w-values. In practice 
accurate knowledge of b n for He is rather unimportant; because of the strong 
dependence of N„ on T el ( x & 20 eV for Hel and 50 eV for He II) the population 
of the He levels is primarily determined by f el . 

For the observational determination of the relative populations of the atomic 
levels a useful expression is next derived. It is based on the assumptions that 
collisional de-excitation is unimportant, that the gas is transparent and that 
the continuous radiation of the gas is negligible. The monochromatic radiation 
emitted in a line is according to Kirchhoff's law: E = e/x, and introducing the 
Einstein transition probabilities one obtains: 


E = 


. N,„ 


With the well-known relations 

PA 


B. 


{B mn N n B nm N m ) 

Pgm A n 


(46.1) 


_ 

m n 


8 nh ' ~ mn &7lhg n 

where gjg n is the ratio of statistical weights, the expression (16.1) becomes 


8 nh 

/ Sm 

N n 

~ ~~P~ 

\gn 



( 16 . 2 ) 


In thermodynamical equilibrium according to Boltzmann’s law: 

N J N * = in ex P (A c/k A T)lg m -, (16-3) 

and (16.2) reduces to Planck’s law. 

In the general case the ratio NJN m may be derived from the observed emission 
of radiation E (cm -3 ) by means of (46.2). 

The observed selective emission may be described by determining the func¬ 
tion T ex that satisfies the Planck function (16.2) and (16-3) for a given measured 

1 P. Wellmann: Cf. Vistas in Astronomy 1, 303 (1956). 

2 J. T. Jefferies: Austral. J. Phys. 8, 335 ( 1955 ). 

3 H. Zirin: Astrophys. Journ. 124, 451 (1956). 

4 C. de Jager and B. J. M. de Groot: Bull, astronom. Inst. Netherl. 14, 19 ( 19 5 7j. 
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radiation intensity. Then T tx is defined as the excitation temperature for the 
transition n^m; the source function for that specific radiation is given by 
Planck’s law in which T is put equal to T ex . 

17. “Turbulence” in the chromosphere. When discussing chromospheric mass 
motions we have to distinguish between the random “turbulent” motions, 
which prevail in the lower part of the chromosphere and the systematic motions 
shown by the spicules of the high chromosphere. The motions of the individual 
spicules seem to be anisotropic, although in a big field of spicules many directions 
of motions occur—due to the inclinations of the spicules—so that in such a 
field the general velocity distribution may still look like isotropic turbulence. 
However, in the following the term “ turbulence ” will be used only for the random 
subsonic velocities and insofar as the term is applied in connection with individual¬ 
ly observed spicules it will only be to denote 
microturbulence in the spicules. 

There are two sources of information 
(Fig. 11). Widths of line-profiles measured 
in slit spectra of the chromosphere give in¬ 
formation on (rf + 2 RT el /^)• If T e 1 is known, 
ry, the r.m.s. sight-line turbulence component 
(tangential to the Sun’s surface) can be com¬ 
puted. The values of £, denoting the com¬ 
ponent of turbulent motions perpendicular 
to the Sun’s surface may be found from 
the density scale height of the chromo¬ 
sphere, after eliminating the temperature 
term. It may also be derived from the 
profiles of chromospheric lines observed in 
the Fraunhofer spectrum of the disk centre. The obvious difficulty in comput- 
ng f or rj is always that T el must be known, its value might be uncertain. 

a.) Components tangential to the Sun’s surface, (i) Redman’s slitspectra 1 
obtained at the eclipse of February 25, 1952 are the major source of information. 
Metal line spectra were obtained up to 1400 km from the limb (the Na D lines); 
Fel and Till could be observed till 1200 km, the helium lines till 2600 km and 
the other lines only to about 400 km above the surface. Many lines are influenced 
by self-absorption, but this effect can be eliminated by plotting the observed 
widths of lines of the same element against line intensities. By extrapolating 
this relation to zero intensity the “true” width can be obtained. These half¬ 
widths are converted into ^-values, after correcting for the temperature term. 
For the metal lines this T el term is unimportant, but for He it is of importance. 
Redman and Suemoto assumed 7^ = 6000°. We have recomputed rj by assum¬ 
ing (a) that T el for helium =10000°, an assumption for which support will be 
given later, and (b) that T el (He) =20000° another temperature mentioned in 
the literature. 

In Redman and Suemoto’s results the height-entry is the position of the 
spectrograph slit with respect to the Sun’s limb. Then the chromospheric centre 
of gravity of the emitted radiation would be about half a scale height higher in the 
chromosphere, if seeing is neglected, if an exponential distribution of the source 
function is assumed, and if the lines are optically thin 2 . However, “seeing” 

1 R. O. Redman and Z. Suemoto: Monthly Notices Roy. Astronom. Soc. London 114, 
524 (1954). 

2 A. Unsold: Physik der Sternatmospharen, 2 . Aufl., p. 619- Berlin: Springer 1955' 


£ 



Fig. 1 \. Definition of the direction of the compo¬ 
nents £ and rj of the turbulent motion field. The 
mean turbulent velocity components £ 0 and r] 0 are 
defined in such a way that the distribution of the 
velocity components can be represented by 
exp (— (£/£ 0 ) 8 )- In the text the subscript 0 
is usually dropped. 
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will cause light from a projected height range of between 1000 and 7000 km to 
enter the slit; owing to the nonlinear F(h) function (see Fig. 10 ) the contribution 
of the lower layers will enter with a greater weight so that the effective height 
of emission of observed light will be reduced and can even be lower than the 
projected slit distance. 

In the table below h is the distance between the slit and the Sun’s limb. 


Rare earth’s, 
faint metallic lines 

Fe I, Ti II, NaD. 

h (km) 

Helium 

| rj (km/sec) 

h (km) 

r 1 (km/sec) 



h (km) 

rj (km/sec) 

10000° 

j 20000° 

< 50 

2.7 

600 

3.9 

600 

8.9 

6.2 

< 100 

3-2 

600 

3.9 

1100 

9-S 

7-2 

600 

3.9 

600 

4.8 

1100 

9.8 

7.2 

< 500 

2.1 

1200 

9 

1400 

8.6 

5.8 

< 500 

31 

1200 

9 

2000 

11.6 

9.4 



1400 

9.4 

2600 

14.3 

12.8 


A comparison of the helium data with those for the other lines shows that 
the former deviate for h< 1500 km. This can be understood: the helium atomic 
levels with their great excitation potentials (^20 eV) are not excited in the lowest 
chromospheric levels and helium radiation is only emitted in appreciable quan¬ 
tities above 1000 or 1500 km. Unpublished computations which I made for va¬ 
rious chromospheric models show that these all predict the centre-of-gravity 
of the helium emission between 1500 and 3500 km. Also the observed variation 
of the helium flash-line intensities [E(h) functions] indicates that 8(h) reaches 
a maximum value somewhere near 2000 km. Hence, the revalues determined 
when the spectrograph slit was located below 1500 km refer virtually to greater 
heights in the chromosphere. 

The widths of the Balmer line profiles (H f: —- H 31 ) which were also measured 
by Redman and Suemoto cannot directly be used for turbulence determinations 
since the sum of the thermal widening and of the Stark effect is much greater 
than the turbulent widening component; e.g. the measured total halfwidths 
are 0.3 to 0.5 A, and the ‘‘turbulence width” 7f/c=0.15 A. Since the contri¬ 
butions add more or less quadratically, turbulence has hardly any influence on 
the resulting width. 

The picture obtained by Redman’s systematic investigation may be completed 
by some other turbulence determinations from chromospheric line widths. 

(ii) At heights between 4000 and 13000 km, hence in the region where the 
spicules can be seen, either in groups or individually, Michard 1 (Arcetri and Meu- 
don), E. v. P. Smith 2 and R. G. Athay 3 determined Ha profiles (and D 3 profiles 3 ) 
of individual spicules. The slit of the spectrograph was placed tangentially to 
the Sun s limb. The crumbled aspect of the Ha emission line is due to its being 
composed of the individual spicular profiles, each widened according to micro¬ 
turbulence and thermal motions, and displaced according to the mass motions 
of the spicule as a whole. These latter motion components are distributed (Mi¬ 
chard) by a bellshaped function with a r.m.s. value of 6.0 km/sec. The meas- 
sured whole half-width of Ha ranged between 0.5 and 1.8 A (Michard) and 
between 1.2 and 1.8 A 2 - 3 The origin of this difference is not known. Ob- 

1 R. Michard: Ann. d’Astrophys. 19, 1 (1956); 21 (1958). 

2 E. v. P. Smith: Astrophys. Journ. 126, 529 ( 1957 ). 

3 R. G. Athay: Ann. d'Astrophys. 21, 98 (1958). 

Handbuch der Physik, Bd. LI I. <5 
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viously one always risks to observe complexes of spicules instead of one single 
specimen; this tends to enlarge the observed profiles. From a study of the pub¬ 
lished spectra it does not become clear whether they really refer to single spicules 
or rather to coarse mottles (for the definition of coarse mottles see Sect. 23). 
For that reason the smallest value (0.5 A) would seem to be the most reliable. 

Flowever, E. v. P. Smith remarks that small prominences have narrower 
Ha profiles than spicules (their halfwidth is about 0.5 A) so that a part of the 
difference between Michard and the others might originate from the incorpora¬ 
tion of small prominences in the measurements. So we are inclined tentatively 
to adopt for the halfwidth of spicules between 8000 and 10000 km: 2d A =0.8 
to 1.2 A. This would yield the following kinetic temperatures: 


Ass umed 

'’micro 

0 

15 

20 krn/sec 

2/1 A = 0.8 

29000° 

15000° 

5 000° 

1.0 

45000° 

32 000° 

21000° 

1.2 

65000° 

52000 ° 

41 000° 


As an average value for h = 9000 km !T kin = 35 000° ±15 000° can be assumed. 
The observations do not yet permit to extract information about the micro¬ 
turbulence in the spicules, as long as the temperature is not yet precisely known. 
In principle, however, it is possible to separate macroscopic mass motions and 
microturbulence in the high chromosphere. In the medium chromosphere (2000 to 
4000 km), where the spicular motion may be well developed but where the indi¬ 
vidual spicules cannot yet be seen, this procedure cannot be applied. 

(iii) The half widths of the H and K lines of Ca + were measured by Unsold 1 
at Mt. Wilson in 1929: 


h ' 

H 

1 K 

2500 km 

0.82 A\ 

0.87 A 

5600 km 

0.73 A\ 

0.82 A 


The lines have a nearly rectangular profile, the equivalent width is practically 
equal to the observed halfwidth, indicating that the chromosphere is optically 
thick in the line centres. Since the (radiation) damping is small as compared 
with the Doppler width parameter (hence a = 0) the curve of growth consists 
only of a linear and a flat part. Hence the lines are formed in the flat part of 
the curve of growth, a conclusion supported by the fact that the width of the 
K line is only 10% greater than that of the H line. At this part of the curve 
of growth W//tA D (&4 to 5 leading to 77 = 15 to 12 km/sec at a mean height of 
4000 km. Of course this rj-v alue is very uncertain. 

(iv) (a) Interferometric observations of the D 3 line at the limb outside eclipses 2 
have shown that the line width is virtually independent of the height between 
1500 and 4500 km. With T kin = 10000 and 15000° the resulting ^-values are 
16.2 and 1 5.4 km/sec. As a round value we take 77 = 16 km/sec between 2000 and 
4500 km. 

(b) In the low chromosphere (2000 km) Krat and Krat 3 found the width 
of D 3 to correspond with 77 = 11.6 km/sec (assuming T = 10000°). 

1 A. Unsold: Astrophys. Journ 69, 209 (1929). 

2 P. J. Treanor: Monthly Notices Roy. Astronom. Soc. London 117, 22 (1957). 

3 W. A. Krat and T. W. Krat: Isw. Gl. Astr. Obs. Poulkovo 19 (152), 20 (1954); 19 
(153), l (1955). 
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(?) At 2000 and 4000 km we computed from Michard’s 1 2 halfwidths of the 
d 3 line measured outside eclipses at Arcetri ri—ii.4 and 14.6 km/sec (assumed 
7’ = 15000°). V 

(v) Other ^-values were obtain¬ 
ed by E. Bohm-Vitense 2 from the 
position of the flat part of the 
curve of growth of Till lines, ob¬ 
served by Cillie and Menzel 3 ; 
the table gives the tangential micro- 
turbulent velocity components: 


h 

140 

970 

1800 km 


3-8 

5-5 

8.6 km/sec 


woo 


5000 


Fig. 12. Variation of the turbulence components £ 0 and r} 0 with 
height above the photosphere. Open and filled symbols denote 
vertical (£) and tangential (»?) components. For further details 
see text. 


2000 3000 ¥000 km 

The scale of height in this table was 
derived by us 4 from that of Cilli £ 
and Menzel by adding 280 km. 

fi) Components radial to the surface, (i) The ^-values, radial to the surface, 
may be obtained from widths of Fraunhofer line profiles in the centre of the disk. 
We recall that in Sect. 11 val¬ 
ues between 1 and 3 km/sec 
were found for the photo¬ 
sphere. At h=0, by inter¬ 
polation from Fig. 6 , f = 

2.75 km/sec. 

(ii) The profile of the in¬ 
frared helium line 5 at 10832 A 
averaged over the centre of 
the disk and the four limbs 
has a halfwidth of 0.91 A. 

With 7^.1 = 10000° this yields 
f = 13-6 km/sec. We assume 
that this line is formed main¬ 
ly at h =2500 km. 

(iii) From the disk profiles 
of the K 3 and H 3 lines Khok- 

LOVA (footnote 5, p. 125) finds Fi «-'3. Measured intensities in the flash spectrum; eclipse of 25 Febr. 
f. / , , , , 1952 . Left: Fe I; right Fe II lines. The ordinate is Log £ tags sec - 1 

S ^ 7 km/sec at W^4500 km. (solid angle ) -1 for a chromospheric slab, 1 cm thick]. The 1 curves if 

shifted horizontally upward fill a fanshaped region (shaded), the upper 

(iv) Another way to derive li “ it 1 of which ind icates the E (h)-curve for a hypothetical line without 

t 'l_ • i r ,, selfabsorption. These upper limits have roughly the same shape for Fe I 

q Values IS by means of the and Fe II. (From J. Houtgast: Rech. Obs. Utrecht 13 , 3 ( 1957 ).] 

observed intensity gradients 

of emission lines in the chromosphere. If self-absorption can be neglected, 
if the excitation and/or ionization conditions do not vary with height and 
if the source function £ (h) is exponential, also E(h) is exponential. In that 

1 R. Michard: Ann. d’Astrophys. 20, 1 (1957). 

2 E. Bohm-Vitense: Z. Astrophys. 36, 145 (1955). 

3 G. G. Cillie and D. H. Menzel: Harvard Circ. 410 ( 1935 ). 

4 C. de Jager: Bull, astronom. Inst. Netherl. 13, 275 (1957). 

5 O. C. Mohler and L. Goldberg: Astrophys. Journ 124, 13 (1956). 
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case the emission scale height is equal to the density scale height. These stipu¬ 
lations are serious enough, but they can be solved with the aid of Houtgast’s 
observations 1 of the flash intensities of Fe I and Fe II lines made at Khartoum 
at the eclipse of 25 February 1952. The problem to determine the amount of 
self-absorption was solved by shifting all Log E(h) curves for Fe I into a vertical 
direction. For great heights all curves appear to coincide, having the same 
gradients. This proves that in that region self-absorption is unimportant. In 
lower heights the complex of curves is fan-shaped; the upper limiting curve 
of the fan indicates the emission curve free from self-absorption. An analogous 
treatment applies to the Fe II lines (Fig. 13). 

It appears that these self-absorption-free Log£(A) curves for Fe I and Fe II 
are nearly parallel. This means that also the second condition is fulfilled: 



Fig. 14. Chromospheric gradients. Solid curve: observed gradient d In F(x)/dx as a function of the distance x to the 
limb; F corrected for self absorption (cf. Fig. 9b). Dotted: derived gradient of the atomic numbers d In N(h)/dh as a func¬ 
tion of the height h above the photosphere. After van de Hulst; cf. A. Unsold: Physik der Sternatmospharen, 2. Aufl., 
p. 620. 1955. ■ D. H. Menzel; A, S. A. Mitchell and E. T. R. Williams; 0 R. Wildt; -f- G. G. Cillie and D. H. 

Menzel. Added (crosses): 1952 gradients of J. Houtgast: Rech. Obs. Utrecht 13, 3 (1957). 

for, if e.g. the ionization and excitation increased with height, the Fe I curve 
would be steeper than the Fe II curve. In the present case it is permissible to 
identify the Fe I—Fe II gradient with the true particle gradient for Fe. Between 
h — 500 and 2200 km the observations are represented by the same scale heights 
as usually found by other authors (see Fig. 14). So we derive: 

■h 500 1000 1500 2000 4000 km 

H 160 210 270 330 670 km 

£ 6.5 8.2 9-6 11.3 17.7 km/sec. 

Also in this case the temperature term in H is unimportant. 

The tj- and f-values derived in this section (Fig. 12) are in good agreement. 

So the conclusions are: (a) the mean (micro- and macro-) turbulent velocity 
component increases from 2.7 km/sec at the top of the photosphere up to 10 km/sec 
at 1800 km and to about 14 km/sec at 3000 km. Above that height it remains 
perhaps constant; its value above 5000 km is unknown, (b) At least up to 
3000 km there is no indication for anisotropy in the turbulence field, (c) It is not 
yet certain that the amount of turbulence differs for the hot and cold elements 
of the chromosphere, although Khoklova’s result (part iii) seems to point into 
that direction. 


1 J. Houtgast: Recherches Obs. Utrecht 13, part 3 (1957). 
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18. The intensity profile of the Sun’s limb. The limb region is the transition 
between photosphere and chromosphere where the total optical depth of the 
photosphere, measured in the continuous spectrum, and tangentially to the 
limb, becomes of the order unity or smaller. It is the region where the Sun 
becomes transparent for light of the visual wavelength region. We assume that 
this transition region ends where the continuous absorption coefficient is small 
as compared with the scattering coefficient, i.e. where the emitted blackbody radi¬ 
ation is negligible as compared with the scattered photospheric light (again: for the 
visual wavelength region; in the far ultraviolet the situation is quite different). 

Observations of the relative intensity variation near the Sun’s limb are due 
to Lindblad and Kristenson 1 and to Henriksen 2 at the eclipse of 1945- These 
intensities have not been calibrated on an absolute scale. Observations of the 
continuous spectrum from the very limb up into the corona were made at the 
Khartoum eclipse (25 February 1952) by Athay, Billings, Evans and Roberts 3 . 
The latter observations have been calibrated on an absolute intensity scale. In 
the corresponding region the gradients agree with those derived by Lindblad 
and Kristenson and Henriksen. The scale of absolute intensities was initially 
in error, being too high by a factor two. After correcting 4 , the agreement with 
other observers of the same eclipse was quite satisfactory (estimated probable 
error of absolute calibration ?^0.2 in logarithm). The observations in the visual 
region refer to 4700 A. Besides measurements were made at two wavelengths 
at either sides of the Balmer jump. 

The interpretation of observations of the continuous spectrum, made in the 
flash spectrum with a slitless spectrograph is still of a higher degree of difficulty 
than the interpretation of line strength measurements (cf. Sect. 15, Fig. to) 
because the observations do not even yield E(h) but are related to this function 
by still another integration and one summation: The intensity I measured in one 
point in the continuous spectrum is the integral over the surface brightness 
E(h, A) for other wavelengths and A-values (weighted by the plate sensitivity). 
Moreover at each point in the observed spectrum the radiation is the sum of 
the contributions from the two sides of the Sun’s limb; the latter effect is only 
important at great distances to the limb. These effects have been eliminated by 
Athay, Menzel, Pecker and Thomas 5 , principally by making use of the profile 
of the atmospheric A 00 band (0 2 ) at 7621 A. This band is doubled in the observed 
spectrum, which shows the contribution of the E and W limb. 

In this way the authors obtain the crescent intensities E in the continuous 
spectrum for a chromospheric slab, 1 cm thick, and by further numerical differ¬ 
entiation the surface brightness F in the continuous spectrum is found. The 
curve, thus obtained shows a limb brightening, but it is uncertain whether this 
brightening has any reality after two differentiations of the original observations. 
It is known that differentiation of an observed function tends to enormously 
increase small existing deviations from a smooth curve. Furthermore we recall 
that photographic observations—on which the discussion is based—are not 
sufficiently accurate for a discussion of limb observations of the Sun 6 . 

1 B. Lindblad and H. Kristenson: Convegno Volta 11, 61 (1953). 

2 S. W. Henriksen: Astrophys. Journ. 120, 521 (1954). 

3 R. G. Athay, D. E. Billings, J. W. Evans and W. O. Roberts: Astrophys. Journ. 
120, 94 (1954). 

4 R. G. Athay, D. H. Menzel and F. Q. Orrall : Smithson. Contr. Astrophys. 2, No. 4, 35 
(1957). 

6 R. G. Athay, D. H. Menzel, J. C. Pecker and R. N. Thomas: Astrophys. Journ. 
Suppl. 1, 505 (1955). 

6 H. Hubenet and C. de Jager: Bull, astronom. Inst. Netherl. 13, 43 (1956). 
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The emergent radiation may be computed for any model of the transition 
region photosphere-chromosphere with the expression (see Fig. 10) 


^W=/5W)e-^r;, 

0 

y 

r'x= f fydy. 


t'x is the monochromatic optical depth measured along a line passing the Sun 
at a distance x; x x is the monochromatic absorption coefficient per cm; S (tJ) 
is the source function. 

In computing S one should take into account the influence of scattering 
(for an example see de Jager 1 ) and that of deviations from local thermodynamic 
equilibrium. For a treatment of this latter case cf. Pagel 2 . These two effects 
have the character of corrections; more important is the choice of the temper¬ 
ature-height function. 

Computations of the Sun’s limb profilewith the aid of some tentative low 
chromospheric models varying according to the assumed turbulence functions 

and to the temperature and heli¬ 
um abundance, indicated that the 
best agreement would perhaps 
occur for T( 0) =4300° and T in¬ 
creasing upward, N (H)/N (He) m 
5, and for the f (h) function of 
Fig. 12. 

A simultaneous investigation of the Sun’s limb profile, by Pagel 3 , was based 
on a lower helium abundance (10%) and on the assumption that £ t (h) =0 through¬ 
out the region, where the limb radiation is emitted. The non-validity of the 
Bolzmann - Saha approximation was taken into account by discussing the 
ionization equilibrium of hydrogen and H~. The resulting temperature distri¬ 
bution (see the Table above) fully explains the limb profile at 4700 and at 
3640 A. 

The radiation emitted in the visual spectral region, at heights between 500 
and 1000 km, seems to be for a great part scattered radiation. In the low chromo¬ 
sphere scattering to bound electrons (Rayleigh scattering) has usually been 
thought negligible, as compared with Thomson scattering (by free electrons), 
but this assumption may not be wholly correct 1 . 

19. The spectrum, temperatures and densities of the low chromosphere. In this 
section we sum up temperature determinations in the low chromosphere. 

a) In the far ultraviolet photospheric continuous spectrum the radial optical depth is of the 
order of unity in the low chromosphere. So, if scattering may be neglected, the observed 
radiation temperature yields the local electron temperature. A reasonable approximation 
is that the emitted radiation emerges from thus from a layer somewhere in the low 

chromosphere. If scattering plays a r 6 Ie, the source function S(r^) is not equal to the black- 
body radiation B(t), generally it is smaller, down to 5/2. The radiation temperatures given 
in the table on p. 119 are based on rocket observations of the ultraviolet solar spectrum: 
photographic spectral observations above 1800 A and photon counter observations below 
1500 A. 

1 C. de Jager: Bull, astronom. Inst. Netherl. 13, 275 (1957). 

2 B. E. J. Pagel: Astrophys. Journ 125, 298 (1957). 

3 B. E. J. Pagel: Monthly Notices Roy. Astronom. Soc. London 116, 608 (1956). 
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2(A) 

^rad 

n 

Ref. 

Remarks 

Estimated height 
above photosphere 
(km) 

2250 

5000 

1 


- 100 

2000 

4500 

1 


0 

1450 

4050 

2 


450 

1250 

3900 

2 


600 

1215 

4050 

3 

upper limit 

650 

1050 

5700 

4 

very uncertain 

850 


jSJ The molecule bands in the Fraunhofer and chromospheric spectrum were investigated by 
D.Y. Thomas 1 2 3 * 5 and Parker 6 (chromosphere), Goldberg and MOller 7 , Newkirk 8 and 
Pecker 9 (Fraunhofer). The bands originate in the transition region photosphere-chromosphere. 
In the Fraunhofer spectrum the mean optical depth (centre of disk) is 0.07 to 0.13, with an 
appreciable chromospheric contribution 9 . In the flash spectrum the bands are observable 
up to h = 600 km. 

The photospheric spectra yield excitation temperatures near the limb of 4300° 7 and of 
4600° 8 ; Pecker’s investigation, based on some model computations yields after some trials 
the following provisional values: 


h (km) ' 

0 

250 

500 

TO 

4600 

3900 

4100 

l°g p s 

4.1 

32 

2.4 


The flash-spectrum observations of the CN band at 3850 A lead to 7J. X = 7000° at htvO 
and 4500° at 7»<600km 5 . For the C 2 band 6 at 7j(%i400km 2J ot = 4600° ± 400°. 

y) The continuous emission close to the Sun’s limb measured at the 1952 eclipse (footnote 5, 
p. 117) for 4700 and 3640 A at h = 1000 km can be derived from a representation of the 
observations by a series of exponentials. Assuming that the Balmer continuum is due to 
free-bound transitions, we have for the source function (cf. 10 ): 

Skho = 2.63 10- 33 N p N e T e f l (19.1) 

We assume that the continuous radiation at 4700 A is due to scattering of photospheric 
radiation by free electrons. This assumption is justified for the particle concentrations at 
h = 1000 km and for 5000°; it is no longer valid for a temperature near 20000° (cf. 10 ). 
With this assumption the source function is: 


with 


£4700 —' 


4cia e F ph N e 
2 


9-4 10~ 29 N e 



(19-2) 


■F p h is the photospheric radiation flux at 4700 A. 

If we assume that N e —Np, then N e can be solved from (19.2) and T e i from (19-1). It 
is a difficulty that the H“ emission is not wholly negligible so that the solution is obtained 

1 F. S. Johnson, J. D. Purcell and R. Tousey: Bull. Amer. Phys. Soc. 29, (4) (1954). 

2 H. Friedman: Ann. G^ophys. 11 (1955). 

3 E. J. Byram, T. Chubb, H. Friedman and N. Gailar: Phys. Rev. 91, 1278 (1953). 

* R. Tousey, J. D. Purcell and K. Watenabe: Phys. Rev. 83, 792 (1951). 

6 D. V. Thomas: Monthly Notices Roy. Astronom. Soc. London 118, 458 (1958). 

6 J. M. Parker: Astrophys. Journ. 121, 731 ( 1955 ). 

7 L. Goldberg and E. A. Muller: Astrophys. Journ 118, 397 (1953). 

8 G. Newkirk: Astrophys. Journ. 125, 571 ( 1957 ). 

9 J. C. Pecker: in: Les molecules dans les astres. Liege colloquium, 1956, p. 332, 
1957- 

10 H. Zanstra: Circ. Amsterd, 1 (1950). 
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by iteration. Two possible solutions are 1 


log K 

11.43 

11.54 

T e i 

6100° 

6400° 


for h = 1000 km. 


<5 ) The width of the Balmer line profiles is another source of information. On spectra, 
obtained by Redman at the eclipse of 1952, the halfwidths of the lines H 2 _ 7 ... H 2 _ 31 were 
measured by Redman and Suemoto 2 . The width, measured on three spectra taken between 
600 and 1200 km decreases with increasing n\ for n >14 it increases again. The first effect 
is due to the decreasing influence of self-absorption, the latter to the increasing influence 
of the Stark effect. The Doppler widening is negligible for these lines. Adopting some N e 
values (it was assumed that log N e = 11 .0, 11.5 and 12.0 respectively) the width of the emission 
coefficient profiles can be computed. To obtain from this the width of the actual line profile 
necessitates an evaluation of the effect of self-absorption. The ratio of optical depths r 0 
in the centres of the various lines can be computed. The absolute values of r 0 can be derived 
with the aid of an estimate of t 0 for H 2 _ 30 , a line virtually free from self-absorption. It appears 
that self-absorption becomes important (r 0 >0.3) f° r « <18. For a line like H 2 _ 7 , r 0 ss 10! 
This result is in agreement with a finding of Athay and Thomas 3 4 that at h = 1000 km the 
optical depth of H n is 2 .2. For the case treated by Redman and Suemoto the optical depth 
of H n would be 2.2 if T A = 8000° and log i\T e = 11.5. 

A comparison of the halfwidths computed under these assumptions with the observed 
values yields the conclusion that the observations can be explained nearly as well with T e i 
10000° or with 6000° (for log N e = 11.5, in accordance with the N e value found in the preced¬ 
ing paragraph). The higher temperature may still be the better of the two. This temperature 
refers to heights between 600 and 1200 km. The importance of this determination is that 
use is made of emission line observations without necessarily having to treat the difficult 
problem of deviations from the equilibrium which occurs nearly always in discussions of the 
chromospheric line emission. 

e) Conclusions from the high members of the Balmer series. Now that we know (i) that 
the high members of the Balmer series are free of self-absorption, and since (ii) it seems 
permissible to assume that for these high series members the departures from thermodynamic 
equilibrium are small 1 (thus assuming 1 for n greater than—say—20), we may use the 
observed intensities of the high Balmer series members to find N e and T. 

The observations 5 give the total intensity in the lines for a slice of the chromosphere 
1 cm thick, bordered at one side by the Moon's limb. Assuming an exponential distribution 
of E„(h), £ n (h) may be found (the subscripts refer to the number of the line in the Balmer 
series). Further 

£» = A 2 n h V 


where N n is determined by Boltzmann’s and Saha’s law, hence by T e i and N e . Applying 
this to the lines H 20 , H 24 and H 2g we find the following results, expressed as a relation between 
T el and log N c . The table contains log N e for three heights and four values of T e \. 



n l 

7500° 

10000° 

12 500° 

15000° 

h = 1070 km 

11.54 

11.66 

11.70 

11.65 

1750 

11.24 

11.35 

11.38 

11.29 

2400 

10.94 

11.05 

11.08 

10.95 


1 R. G. Athay, D. H. Menzel, J. C. Pecker and R. N. Thomas: Astrophys. Journ. 
Suppl. series 1, 505 (1955) - 

2 R. O. Redman and Z. Suemoto: Monthly Notices Roy. Astronom. Soc. London 114, 
524 (1954). 

3 R. G. Athay and R. N. Thomas: Astrophys. Journ. Suppl., series 1, 491 (1955)- 

4 S. Matsushima: Astrophys. Journ. 115, 544 (1952). 

5 R. G. Athay, D. E. Billings, J. W. Evans and W. O. Roberts: Astrophys. Journ. 
120, 94 (1954). 
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This result shows that the observed Balmer line intensities do hardly permit a temperature 
determination, but that they indicate log N e values of 11.6, 11.3 and 11 .0 at h = 1070, 1750 
and 2400 km, in agreement with the value found in subsection y above. 

t.) The low Balmer lines with their great self-absorption offer greater difficulties, but the 
problem of self-absorption can be solved by constructing curves of growth for the Balmer 
lines (Bohm-Vitense 1 ). The amount of self-absorption gives N 2 , the number of second 
quantum state hydrogen atoms. On the other hand the total number of hydrogen atoms 
(Ain) at the same height can be found from the observed number of Ti + ions. This latter 
number (Afn+) can be determined observationally from the strengths of the Ti II lines, using 
the absolute /-values. Since virtually all Ti is Ti + , Af H is found from W T ; + with the known 
relative abundance of Ti. 

It is at this point that this otherwise very elegant treatment may be criticized, since it 
is not certain that the Ti+ and H lines are emitted by the same kind of elements. The H lines 
may be emitted by the hot elements and the metal lines by the cold ones. 

A comparison of N 2 with Aljj gives the excitation temperature of the second level of hydro¬ 
gen (values near 6000°) and this value may be converted into electron temperatures with 
the aid of b n computations 2 . So we obtain 3 : 



h = 

= 


950 

1780 

T el from T ex 

8500° 

8500° 

T d from 2j on 

9300° 

9200 ° 


Here also the Cillie-Menzel scale of heights has been corrected by adding 280 km. 

The problem has been discussed thoroughly by Athay and Thomas 4 5 . The parts of the 
chromosphere where the cores of. the Balmer lines are emitted are opaque to the Lyman 
lines. Under these circumstances the observed excitation temperatures of the Balmer lines 
(3700 to 4500°) are explained by electron temperatures between 10000 and 20000°. 

rj) Combination of observations of Ti II and Fe I lines may yield the ionization temperature 
of Fe (1. c.). Bohm-Vitense’s computation is based on the complete ionization of Ti and 
Fe. From A7 ri+ we obtain jVp e+ with the known abundance ratio, whereas observations of 
Fel lines yield A7p e . With the N e values assumed to be known from other sources the ioniza¬ 
tion temperature 2j on (Fe) is obtained. It is not possible to find this value using only the 
Fel and Fell lines, since absolute / values are not known for Fell. The ionization temper¬ 
ature of Fe turns out to be virtually constant with height, equal to 4900° between 0 and 
2000 km. There is as yet no way to transform this value into electron temperatures, but for 
the time being we are inclined to assume that the differences between 2j on (Fe) and T R \ are 
not great for this complex atom with its low ionization potential. 

ft) The other metal lines have been subject of an extensive quantitative discussion by 
Zirker 6 of the HAO slitless spectra and Redman's slit spectra, both obtained at the eclipse 
of 1952. It appeared that the homogeneous chromospheric model of Athay, Menzel, Pecker 
and Thomas fails to predict the metal lines satisfactorily, on the basis of a local thermo¬ 
dynamic equilibrium (L.T.E.) computation. The predicted emission is too low. Similar 
difficulties appear when the line intensity is computed with the two-element model derived 
by Athay and Menzel from the helium lines (with, in the low chromosphere, cold elements 
at 6000° <C T e i < 11000° and hot elements at 15 000°< D] < 40000°). These negative results 
were thought to be an indication that the assumption of L.T.E. was not correct. 

Next, in an observational approach, the effect of self-absorption was eliminated by a 
curve-of-growth method. The ionization- and excitation-temperatures derived from the 
various metal lines may differ but are generally in the range 5000 to 6000 ° thus confirming 
the results of Bohm-Vitense. The corresponding electron temperatures do not seem to 
deviate much from these values. 

1 E. Bohm-Vitense: Z. Astrophys. 36, 145 (1955). 

2 It is true that Giovanelli's early i; M -values, which were used for this conversion, are 
unreliable. But the error in his excitation temperatures, which depend on the ratio of successive 
6„-values is not important for the actual degree of accuracy of chromospheric studies. 

3 C. de Jager: Bull, astronom. Inst. Netherl. 13, 275 (1957). 

4 R. G. Athay and R. N. Thomas: Astrophys. Journ. 127, 96 (1958). 

5 J. B. Zirker: Technical Report High Alt. Obs. Boulder 1956. 
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i) The double inversion in the central part of the H and K lines of Ca + in the disk centre 
(Fig. 17 , Sect. 23) forms a special case that has often been studied. The K s absorption has 
been attributed to non-coherent scattering (Miyamoto 1 ), but this cannot explain the observed 
asymmetry of the K 3 line. Since also the central absorption found by Mustel and Tsap 2 
in the infrared Ca + triplet is displaced relatively to the bright reversal, these central line 
profiles should perhaps be explained by absorption by moving gases in the upper chromo¬ 
sphere. 

The excitation mechanism of the bright ( K 2 ) component must be electronic impact 
rather than recombination (Mustel 3 ) : the observed intensity is much too high for recombina¬ 
tion whereas the impact mechanism fairly describes the observed profiles, if one takes N e — 
5 X 10 11 cm “ 3 and T e 1 = 5500°. 

Summary (see also Fig. 15). The data on the continuous radiation and the 
metal lines supply the arguments for the existence of cold elements in the low 



chromosphere, with T el increasing from 4000 to 4500° at h = 0 till about 6000° 
at 3000 km. The data on the hydrogen emission indicate the presence of hotter 
elements with T el being about 10000° at 1500 km. 

20. The medium chromosphere (1500 to 6000 km). There are only few deter¬ 
minations of temperature and density in the medium part of the chromosphere. 

a) From the continuous radiation at 4700 and 3640 A Athay, Menzel, Pecker and 
Thomas 4 found, assuming that the radiation at 4700° is due to electron scattering (oc N c ) 
and that at 3640 A to free-bound transitions (oc N* T £): 


h (km) 

2000 

3000 

4000 

5000 

log-W* 

10.94 

10.53 

10.28 

10.08 

T e 

6400 

6400 

10000 

17 800 



7000 

13600 

31600 


Near 6000 km the temperatures are uncertain since the observations of Athay, Billings, 
Evans and Roberts at Khartoum show that the coronal lines have their maximum below 
10000 km, perhaps at 8000 km, and that the corona might even exist as low as 6000 km. 
Apart from this problem there is the question how to interpret the above data in terms of 
a two-element model, e.g. the 4700 A radiation may come from one kind of elements and the 


1 S. Miyamoto: Z. Astrophys. 31, 282 (1954). 

2 E. R. Mustel and T. T. Tsap: Isw. Krymsk. Obs. 16, 67 (1956). 

3 E. R. Mustel: Isw. Krymsk. Astrophys. Obs. 11, 165 (1954)- 

4 Cf. footnote 1, p. 120. 
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free-bound Balmer emission comes from the other element. This problem of the splitting 
of the chromosphere into two kinds of elements is discussed in Sect. 26. 

. Sect. 17 we referred to Michard’s, Smith’s and Athay’s measurements of the 

widths of Ha at the base of the visible spicule region; there we assumed at h = 9000 km a 
kinetic temperature of 3 5 000° ± 15 000° for single spicules. 

y) On the other hand Woltjer 1 determined T e i from outside eclipse photometry of Ha. 
The value of N* T e J 3 was determined from the high Balmer lines and the number N 2 of second 
quantum state hydrogen atoms was derived from a study of the observed Ha profiles. The 
observations show that 2V 2 is about 50 times larger in the spicules than between them. From 
N e T el and IV 2 the values of A)r, N e and T e \ for the spicules were derived using Giovanelli’s 
tables. The mean temperature at 5000 km is 21000°, and Log N/P= 10.6 . Woltjer's spicular 
temperature near 5000 km appears to agree well with the value found at and above the same 
height level by Athay and Menzel 2 (see subsection 8 below). 

In view of the great uncertainties of the above described reduction the agreement with 
the measurements referred to in subsection /? is not bad. 

8 ) The helium data observed at the flash spectrum at the Khartoum eclipse were used 
by Athay and Menzel 2 . A comparison of the numbers of particles in the various levels 
with their excitation potentials leads to a well-known fact: The triplet levels are overpopulated 
with respect to the singlets, and the relative distribution of atoms over the triplet states can 
be described by a lower excitation temperature (5000°) than that of the singlets (15000°). 
This is perhaps due to the metastability of the 2 3 S level. A two-element model of the chromo¬ 
sphere was derived from a combination of the helium data with the continuum data at 3640 
and 4700 A. Between 1000 and 3000 km the temperature of the cold elements rises only 
slowly from about 6000 to 7000°, whereas the hot elements should have a temperature of 
about 19000 between 1500 and 4000 km. Above 4000 km the temperature of the inter- 
spicular matter rises steeply to emerge into the corona; the spicular matter keeps T xe 2x 10 4 5 °K. 

In a rediscussion of the helium problem based on a detailed treatment of the helium 
equilibrium de Jager and de Groot 3 could show that the intensities of all helium lines 
could be accounted for with T eI 9 000° and 20000° at * = 2000 and 4000 km respectively! 

1 hese temperatures agree with other 2^ determinations, based on the hydrogen lines A 
similar result (12000° and 6000° for the hot and the cold elements of the medium chromo¬ 
sphere) was found by Shklovski and Kononovitch 4 from a rediscussion of the helium 
problem. The chromospheric ultra violet radiation is important for the helium excitation. 
So we are inclined to adopt a hot-element temperature of about 1 0 4 “K near h = 2000 km, 
and 2 • lo 4 °K near 4000 km, and to regard the hot elements as the sources of the helium and 
the hydrogen emission (cf. Sect. 1 9 ). 

sj From the infrared helium line 6 > 6 , observed as an absorption line in the infrared Fraun¬ 
hofer spectrum at 10832 A, further information on the temperature and density of the medium 
chromosphere may be gathered. The equivalent width varies irregularly over the disk- 
it is strong at some places and disappears at others. Nevertheless the mean profile derived 
for the undisturbed Sun is fairly constant. The equivalent width in the disk centre is 68 mA. 
the mean central depression is 10% and the width, rather constant over the disk is 0 1 9 A 
leading to a turbulent velocity component of 13.5 km/sec (assuming T eI = 10000°). This line 
cannot be formed in the cold regions of the chromosphere. An integration performed with 
van deHulst s model (in which the temperature is about 5000° in the region where the line is 
presumably formed —2000 km above the photosphere) yields a central depression of 7 X 10~ 6 
So the line must be emitted by the hot regions. Knowing this, the line profile can be used 
without any theoretical supposition for estimating the area occupied by the hot elements. 
The observed profile, which has a central depression of 0.10 is a mean over hot and cold 
regions. Since the depression of a hot-element profile cannot be greater than 100%, at least 
0.1 of the Sun must be covered by hot elements (in that case the line profiles of the hot elements 
would have a zero residual intensity). It is even possible to fix this value to within narrower 
limits. The profile is fairly well Dopplerian and the derived turbulent velocity component 
matches well with other determinations of this quantity which proves that the line profile 
of a single hot element cannot be very saturated and has a depression smaller than 0.4 or 0.5. 
So the lower limit of A, the area occupied by the hot elements, can be put at 0.20 or 0.25 at 

1 L. Woltjer: Bull, astronom. Inst. Netherl. 12, 165 (1954). 

2 R. G. Athay and D. H. Menzel: Astrophys. Journ. 123, 285 (1956). 

3 C. de Jager and B. H. M. de Groot: Bull, astronom. Inst. Netherl. 14, 21 (1957). 

4 I.S. Shklovski and E. B. Kononovitch: Astron. Zhurn. 35, 37 (1958). 

5 L. D'Azambuja: Bull. Astronomique 11, 358 (1939). 

6 O. C. Mohler and L. Goldberg: Astrophys. Journ. 124, 13 (1956). 
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h = 2000 km. Anticipating Sects. 26 and 27, we notice that radio data fix the upper limit 
of A at about the same values. 

Next the observations will be used to estimate the temperature. We take the densities 
adopted by Woltjer; the density has a much smaller influence on the line strength than 
the temperature, because of the extremely high excitation potential of the 2 3 S level 20eV). 
Assuming the b n factors of Sect. 16 and the temperatures of Woltjer's model a central 
depression is computed of 22%. This value refers to one element; in order to obtain the 
mean value it should be multiplied by A. By taking A =0-5 we obtain agreement between 
the observed and the computed central intensities. It was shown above that A 0.25; so, 
higher temperatures would be needed to predict the observed line depression. This inference 
is, however, counteracted by the fact that perhaps not all helium absorption takes place in 
the hot elements near 2000 km, but that a small part of it is produced in the cold elements 
at higher levels, where the cold-element temperature increases steeply to coronal values. 
Since a factor 2 in the depression has a very small influence on T this leads to the conclusions 
(a) that Woltjer's temperatures are substantially correct at 2500 km where this line is 
mainly formed: T = 10800°, and (b) that A ssj at that height. 

Summary (see Fig. 15). In the medium chromosphere the helium and hydrogen 
lines point to temperatures of 10 4 to 2X10 4 °K; the latter value is probably 
reached near a height of 4000 km. The data on the continuous emission indicate 
r<10 4 °K for h <4000 km; above 4000 km T rises steeply to coronal values. 
These data agree with those found in the preceding section and show that also 
in the medium chromosphere, at least below 4000km, two elements occur: 
the hot ones emit H and He lines and the cold ones (T 6000 to 7000°) emit the 
continuous radiation and are responsible for the emission of the central parts 
of the Ca + lines. 

Near 5000 km the situation is very complicated ; the chromosphere merges 
into the corona near that height. Above 6000 km the hydrogen emitting elements 
—the spicules—are cold elements in a hot corona. 

A further discussion of the temperature determinations described in this 
section and in Sect. 19 will be presented in Sect. 26 . 

b) The chromosphere on the disk. 

21. Height of emission of the central parts of some Fraunhofer lines. Spectro- 
heliograms made in the central parts of strong Fraunhofer lines offer a possibility 
to study the solar chromosphere projected on the disk: at these wavelengths the 
selective absorption coefficient is so great that the chromosphere is opaque for 
radiation of that wavelength. For an interpretation one should know the heights 
of the chromospheric layers that contribute mainly to the structures observed 
in spectroheliograms. These heights are of the same order as the height h* in 
the chromosphere where the optical depth at the wavelength considered is unity. 
Here h* is found from the equation: 

f°k Al (h) N(h) dh — \ 

h* 

where k Ak (cm 2 ) is the absorption coefficient per particle at a wavelength distance 
A A to the line centre, and N is the number of particles per cm 3 . 

The accompanying table gives this value of h* for the first four Balmer lines, 
for the K line of Ca + , and for some other lines in which spectroheliograms have 
been made. 

The "height of emission” h* , given in the table, is computed in two different 
ways. For some lines it was found by a direct integration over the chromosphere, 
using a chromospheric model; for the others it was derived only for A A =0 
from the measured top heights z of the chromospheric emission lines above the 
Sun’s limb, assuming that this top-height is the point where the optical depth, 
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measured along a tangent of the Sun, is unity. We used the observed heights 
measured on spectroheliograms, since in these latter observations the top height z 
is the highest point where the central intensity of the line is still of the same order 
as the disk value. The tangential optical depth is about unity at the height where 
the intensity shows a deflection point, hence where the chromosphere changes 
from opacity into transparency. The “heights” of the lines measured by eclipse 
observations cannot be used for our purpose since they refer to points where 
the last trace of the line can be seen. There the line is optically thin. 

Next we want to find from this given height 2 (when the tangential optical 
depth is unity) the height h* in the chromosphere where the radial optical depth 
is unity. The following procedure was followed. Let us assume that for one 
particular line the scale height H of the chromosphere is constant for the con¬ 
sidered line. In reasonable approximation h* is the height where N(h*) k ( h*) H = 1. 
When a line has a top height z, this means that N ( 2 ) k ( 2 ) H t ~\, where H t is the 
scale height in tangential direction: H t = V2RH. Then h* is the height where 
N(h*) =N(z) HJH and since N(h) ocexp (-—h/H) this yields: 

2 /? 

h* = z — i A 5 H Log —. 

For 2 we have mainly used the heights of chromospheric emission lines measured 
by D’Azambuja 1 on spectroheliograms. The scale heights of the chromospheric 


Table 6. The mean chromospheric heights of emission (h*) of Fraunhofer lines. 


Line 


h* (.10-* km) 

Element 


h* (• 10 -3 km) 
from z 

from model 

from 




computations [ 

observed z 




Ha 

0.0 

5-0 2 ; 3-5 3 

5-0 





0.2 

5-0 


Mg 

3 838 

1.2 


0.4 

4.0 



5184 

0.3 


0.6 

3.0 






0.8 

1.0 


Fe 

4 202 

0.1 






4 384 

0.4 

H/l 

0.0 

3-0 2 ; 2.5 3 






0.2 

2.5 


Ca 

4227 

0.8 


0.4 

1.0 


Ca + 

8 542 

1.4 

H y 

0.0 

2.0 2 ‘ 3 



8498 



0-2 

1.0 


Na 

5890 

0.3 

H<5 

0.0 

1.5 2 ; 1.0 3 






0.2 

0.8 


Sr*- 

4078 

0.9 







From model 
computations 

K( Ca+) 

0.0 

3-9 4 : 4-5 5 

30 

He 

10832 

2.0 


0.2 

32 



5 876 

2.0 


0.3 (K 2) 

2.0 

1.6 





0.6 (K 1) 

0.6 






1.0 

0.2 






1.5 

— 0.1 






1 L. D’Azambuja: Ann. Obs. Meudon 8, II (1930). 

2 C. de Jager: Bull, astronom. Inst. Netherl. 13 , 133 ( 1957 )- 

3 R. G. Athay and R. N. Thomas: Astrophys. Journ. 127, 96 (1958). 

4 Kindly communicated by Mr. L. D. de Feiter: NERA Obs. Holland. 

5 V. L. Khokhlova: Astron. Zhurn. 35 (1958). 











126 


C. de Jager: Structure and Dynamics of the Solar Atmosphere. 


Sect. 22. 


lines are known from many eclipse observations; in our computations we have 
used van de Hulst’s compilation (see Fig. 14). 


A uxiliary table: 


z(Xl0~ 3 km) 

0.5 

1.0 

1.5 

2.5 

5-0 

8.0 

h ( X 10 -3 km) 

— 0.1 

0.3 

0.7 

1.4 

3-0 

5-0 


Table 6 will serve in the interpretation of the spectroheliograms. It shows 
that most metal-line spectroheliograms refer to the low chromosphere, below 
1500 km, and that only spectroheliograms obtained with the central parts of 
the Balmer lines, with the H and K lines and the infrared helium line refer to 
higher levels. For Ha, H/l and the Ca + K line it is the whole central part that 
originates from the high chromosphere. 

It should be kept in mind that spectroheliograms taken in two different lines 
cannot be compared directly, even if the radiation of both is emitted by the same 
layers. The aspects of the spectroheliograms can be affected considerably by 
Doppler motions of the lines. These motions hardly affect the line centre, but 
they do have a great influence on the intensities in the steep parts of the profiles. 

Anticipating Sect. 23 —cf. especially Fig. 19 —we note that in spectrohelio¬ 
grams of the mean chromosphere taken with a high image resolving power three 
types of elements can be distinguished. 

(a) The small granules (the “fine mottling"), diameters of 700 to 1600 km, 
are only observable with the highest resolving power. 

(b) These granules may cluster together to form a coarse mottle with diameters 
between 2000 and 8000 km. 

(c) These coarse mottles often are arranged in a coarse network with a charac¬ 
teristic length ("meshwidth”) of 25 000 to 50000 km. 

These three structures occur in all kinds of spectroheliograms but with dif¬ 
ferent relative importances. Furthermore an element can be dark in one kind 
of spectroheliogram and bright in another and these factors greatly determine 
the different aspects of spectroheliograms. 

The following description of spectroheliograms will centre around the prob¬ 
lem of the visibility of the three types of elements in the different parts of the 
chromosphere. 

22. Spectroheliograms referring to the low chromosphere. In this section we 
discuss spectroheliograms concerning the lowest 1000 km of the chromosphere, 
viz. all metal line spectroheliograms with the exception of those of Ca + . The 
most systematic series of observations is that of D’Azambuja 1 ; the observations 
are discussed by Reichel 2 , on suggestions advanced already earlier by Unsold. 

D’Azambuja made a distinction between three classes of metal lines, those 
with well developed wings (class 1), those with faintly developed wings (class 3 ) 
and the intermediate class (2). The lines consist generally of a central core with 
a rather steep intensity gradient at A A = i 3 A X D (A X D is the Doppler width), 
and a wing part. The “width” of the lines, measured in the spectrum, generally 
refers to the width of the central part. 

There appear to be no fundamental differences between the undisturbed parts 
of spectroheliograms made in the cores of these lines. All these images show 
dark mottles on a brighter field; the diameters are 2000 to 6000 km. Their mutual 
distances are of the order of 10000 to 20000 km. Clearly we are dealing here 


1 L. D’Azambuja: Ann. Obs. Meudon 8, II (1930). 

2 M. Reichel: Z. Astrophys. 33, 79 (1954). 
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with the coarse mottling. That the diameters are smaller than those given at 
the end of section 21 proves that the contrast of these mottles is small. 

The fine (granular) mottling has never been observed well on metal line spectro- 
heliograms. However, the network is well visible. 

So, when speaking of the visibility of the granulation on metal spectrohelio- 
grams, it is the visibility of the network and the coarse mottling that is princip¬ 
ally meant. It is rather precarious to speak in this connection of "granulation” 
if it is not clearly stated that these granules are objects other than the photo- 
spheric ones. 

The visibility of the coarse mottling as a function of the distance A 7. to the 
line centre was estimated by D'Azambuja in an arbitrary scale (0 ... 5) (Fig. 16). 
The general picture is that the 
visibility maxima occur at the 
two boundaries of the core, hence 
at the steep parts of the line. 

The visibility is a minimum in 
the centre (however, in nearly all 
cases, not zero!) and it decreases 
to zero in the wing part, at A A 
5 AX d ... 10 AX d . An important 
detail is that the visibility curve 
is generally asymmetric: the violet 
maximum is more pronounced than 
the red one, the asymmetry is 
greatest for the strongest lines; 
it is faint or zero for the weaker 
ones. 

That the maxima of the visi¬ 
bility curves occur in the steep 
parts of the line profiles suggests 
as a possible explanation that they 
are produced by Doppler effects 
in the mottling. Analogously one explains the reduced visibility for greater 
distances to the line centre. The position of the maximum depends nearly entirely 
on the form of the line profile; the intensity of the fluctuations depends also on 
the amount of the shift. If we assume, with Reichel, that the distribution of 
the velocity components in the direction of vision is Maxwellian, /(f) oc exp(—f/f„) 2 , 
then the value of f 0 can be determined if the photometric value of the intensity 
fluctuations is known. An estimate of these latter values was made by D’Azam- 
buja from which Reichel finds f 0 =0.4 km/sec. 

On the basis of the above described mechanism it would be expected that 
the intensity fluctuations are zero in the line centre, contrary to observations. 
This difference may have been caused by the fact that the selecting slit had a 
finite width in d'Azambuja’s observations, and/or by the possibility that real 
intensity fluctuations do also occur in the line centre. Bright mottles in the line 
centre might be due to a local increase in the radiation temperature or to a local 
increase in the microturbulent velocity component. The latter effect makes the 
line core broader and shallower. 

Also the asymmetry in the visibility curve of the mottling on metal line 
spectroheliograms can be accounted for. The phenomenon is explained by as¬ 
suming that the ascending mottles (violet displaced lines) have a greater micro¬ 
turbulence than the descending ones; in that case the contrast is obviously greater 



Fig. 16a and b. The visibility of chromospheric mottling on metal 
line spectrohcliograms as a function of the wavelength distance to 
the line centre, (a) Ca4227. (b) Ka 5890. Dotted line: visibility 
curve in an arbitrary scale 1 ... 5- Dashed line: line profile. 

Shaded regions: central part of the line and width of the 
spectrograph slit. 
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East on the left side. Courtesy M. C. IUllakjo, Arcetri. 
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in the violet side of the lines. That the effect is less clearly visible in faint line 
spectroheliograms is due to the finite width of the selecting slit: the core profile 
of these narrow lines is partly washed out. 

23. Spectroheliograms referring to the medium chromosphere. (Ca’). It is 
principally the He and Ca + spectroheliograms and those made in H y, H/3 and the 
wings of Ha (d ?. > 0.5 A) that refer to the medium chromosphere (1000 km <A 
< 4000 km). The infrared helium spectroheliograms at IO 832 A made by D’Azam- 
boja are a striking example of observational mastership, but the long exposure 
times (6*!) have wiped out nearly all finer details of the images. Since further¬ 
more the He 5876 spectroheliograms show only the excited regions of the Sun 
the present discussion, which refers only to the normal Sun, is largely restricted 
to a description of the Ca + spectroheliograms and in particular to those made in 
the K line. The Ha wing spectroheliograms, which are also emitted by the me¬ 
dium chromosphere, are described mainly in the 
following Sect. 24 together with the spectrohelio¬ 
grams of the centre of Ha. However, a short 1 
comparison of Ca + and Ha, 2 spectroheliograms I °' m 
is already given at the end of this section. 1 

The standard wavelengths at which daily 
observations are made at a number of observa¬ 
tories are designated by the subscripts 1, 2 and 3 q L 
(Fig. 17, and the table in Sect. 21). Fig. 17 shows 
the characteristic aspect of the H and K lines: r , K . I8 . core profile of the a: line of a,*. The 
the central depression (down to 1. 5 4- 0.3 % of the flKUrc t {• *- lnd , 3 denote the position of the 
adjacent continuum), surrounded by two emis- courtesy l. Monn, McMath Huibcrt obs. 
sion components; the intensity of the violet 

component being nearly always stronger than that of the red component. 
According to Goldberg and MOller 1 the absolute intensities of the emission 
peaks fluctuate from point to point; occasionally the red component may even 
be the strongest. 

The A", spectroheliograms, which refer to the very basis of the chromosphere, 
do not show details other than the normal metal line spectroheliograms (Sect. 24). 
The coarse mottling is well visible as bright elements of 5000 km diameter, as 
well as the coarse network, formed by thesi mottles. In K 2 this mottling and its 
network are very pronounced; there the halfwidth of the coarse mottling is 
perhaps 8000 km. Photospheric details such as small sunspots are already covered 
by the higher absorbing layers of the chromosphere. Still higher up, in spectro¬ 
heliograms made in K 2 3 and I< 3 it appears that the 8000 km mottling in turn 
consists of many smaller ones with diameters of the order of 1" (700 km); they 
are visible only on spectroheliograms made in the best atmospheric (and instru¬ 
mental) conditions (Hale and Elleman, 1903; D’Azambuja and Deslandres, 




Estimated distance 
between two nuixiniA (km) 

Estimated diameters | 
of elements 1 km) 1 

Visible in 

Fine mottling 

1000 (in coarse 
mottles) up to 
<5000 (outside c m.) 

700 to 1600 


Coarse mottling 
Network 

10000 to 20000 
50000 

2000 to 8000 

1 metals 
/ Ca* 


1 L. Goldberg and E. MOuer: Astrophys. Journ. 1958 . 

Iiandbuch tier Pbysik, Bd. UI. 


9 
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1910). So the K 3 spectroheliograms (see Fig. 19) are the best suitable to show 
at the same time the three characteristic chromospheric elements to which we 
referred at the end of Sect. 21 (the values in the table are rough estimates; no 
quantitative analysis being as yet performed). The coarse mottling is identical 
with the "bright Ca + flocculi” often found in the older literature. 

The mean brightness fluctuation on K 232 spectrohe liogra ms has been deter¬ 
mined by Rogerson 1 on Mt. Wilson spectroheliograms: (d/ 2 ) 1 =0.107 and 0.124 



l ; ig. 19. Part of a K s spectroheliogram obtained May 25, 1922 with high geometric resolution. The image shows the 
chromospheric granulae (fine mottles), the coarse mottling and the network, both in the quiet chromosphere and in a 
faint facular region. Slitwidth 0.14 A. Scale; 1 mm ■*>6700 km. North is at the top, West is on the right side. 

Courtesy L.d’Azambuja, Meudon. 


in two studied cases. The intensity fluctuations are largely confined to elements 
in the range 25000 to 70000 km, a conclusion that is also obvious from a quick 
glance at Ca + spectroheliograms. 

The coarse mottling and the network, being also observed in and in 
metal line spectroheliograms and in the photospheric granulation spectrum 
occur at the basis of the chromosphere and in the high photosphere. The fine 
mottling, although having the same sizes as the photospheric granules, should 
not be identified with the latter, since the fine mottling seems not to be observed 
in spectroheliograms made in lines emitted below 1000 km. We infer from this 
observation that the fine mottles originate above 1000 or 2000 km; an observa¬ 
tion that should perhaps suggest that a splitting of the chromosphere into two 
kinds of elements occurs somewhere near or above 1000 km. This suggestion is 
supported by the lack of fine structure in the H d line 2 (centre of disk). 

1 J. B. Rogerson: Astrophys. Journ. 121, 204 (1955). 

1 E. H. Schroter: Z. Astrophys. 45, 68 (1958). 
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The fine K 3 mottles cluster together in the coarse mottling, but they occur 
also as more isolated bright points in the space between. We estimate that about 
30 % of the disk is covered with the fine mottles, but such an estimate, subjective 
as it is, should necessarily be replaced by a quantitative photometric analysis. 
It is curious enough that more than sixty years after the invention of the spcctro- 
heliograph such an analysis has not yet been made. 

The life times of the coarse Ca + mottles of the undisturbed Sun are between 
6 and 14 hours 1 ; the network has a greater life time. 

The explanation of the Ca + spectrohcliograms has not very much advanced. 
The difficulties of a quantitative explanation of the central part of these reso¬ 
nance line profiles arc enormous. The complicated chromospheric structure is 
the proper part of the problem. Furthermore, deviations from thermodynamic 
equilibrium and problems of redistribu¬ 
tion in the line core are certainly im¬ 
portant. The problem can perhaps be 
separated into some sub-problems. First 
of all there is the question whether the 
Ca T line profile with its double inver¬ 
sion is the real profile of one kind of 
chromospheric elements. It seems (Mus- 
tel, footnote 2. p. 122) that the K 3 ab¬ 
sorption line is due to absorption in oth¬ 
er gases than those emitting K 3 . Next, 
the question arises what a fine bright 
mottle is. Is it a spicule seen from 
above? The following difficulty is to 
explain why these fine mottles cluster 
and show density fluctuations with the 
observed characteristic lengths. 

Anticipating the description of Ha spectrohcliograms in Sect. 24 we notice 
an important difference between spectrohcliograms in Ca' and those in Ha, 2 
(emitted by the same layers). The mottles are bright in I< 3 whereas they are dark 
in Ha 2 and Ha, (cf. Fig. 18). This can be explained by assuming that the Ca* 
and Ha, 2 structures are formed mainly in the region where the ionization tem¬ 
peratures is near 6000 °, (this temperature was derived for chromospheric 
metals and for H by Mrs. Bohm-Vitense) and that the structures are due to 
local temperature variations. For T ss 6000° the values of dNjdT have inverse 
signs (Fig. 20). In both cases (Ha and Ca') the mottles should have higher 
ionization temperatures than their surroundings. 

A similar conclusion (higher T in bright Ca* mottles) is obtained by Mustel 2 
who further ascribes the difference in aspect of Ca f and Ha spectrohcliograms— 
the first being mottled, the latter being more fibrous - to differences in the excita¬ 
tion conditions. The central emission in Ha is due to recombinations (c^iV 2 ), 
that in Ca* to electron impacts (depending mainly on T cl ) so that fibrils and 
vortices on Ha pictures might be regions of greater density (cf. Fig. 37 ) and the 
mottles on Ha and K t (Fig. 18) are regions of higher temperatures. 

24. Spectroheliograms of the chromosphere above 3000 km. Spectrohcliograms 
made in the core of Ha (AA< 0.6 A) are emitted by layers above 3000 km, 
those made at A X >0.6 A are formed in the lower regions and show in broad 

1 C. Maoris: Rend. Accad. naz. Lincci Roma, Ser. VIII 21, 303 (1956). 

2 E. R. Mustkl: Isw. Krymsk. Astrophys. Obs. 9, 25 (1952); 11, 102 (1954). 

9* 



Fig. 20. The relative population of the second level of 
hydrogen and that of the ground level of Ca*', as functions 
of the temperature and electron-pressure, computed for 
local thermodynamical equilibrium. 
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outline the same phenomena as 
the spectroheliograms described 
in the foregoing section. 

An inspection of Ha spectro¬ 
heliograms, made in various parts 
of the line profile, shows that in 
the central part of the line the 
fine mottling dominates, whereas 
in the steep parts of the profile a 
coarse mottling is the most specta¬ 
cular structure visible. Both 
kinds of mottles can, however, 
be traced throughout the whole 
line profile (Fig. 21). For a de¬ 
tailed description cf. Desland- 
res 1 and de Jager 2 . 

The intensity fluctuations in 
the line centre (centre of disk) 
have been measured by Rogek- 
son 3 , de Jager 2 and de Jager 
and Servagean 4 . The measure¬ 
ments are difficult and easily 
lead to too small values because 
of the smoothing effects of the 
atmosphere and the instrument 
which tends to enlarge the struc¬ 
tures and to reduce their con¬ 
trast ; the table below gives (A / 2 )4 
in the disk centre and line centre: 


Kogkrson* 

ok Jagkr\ 1953 

dkJagkr 

and 

Srrva- 

GEAN 4 

solar imu#c 
diameter: 

7 cin 

1 67 mm 

un- ; 
wrurtud 

corrected 

un* 

. ,.'l m tr;l 

0.026 

0.039 

0.050 

0.09 

0.047 


De Jager’s 1953 results ob¬ 
tained from a selected high re¬ 
solution plate are perhaps the 
best. The fluctuation of (AI 2 )l 
through the line profile, both for 
disk centre and for the mean of 
the north and south limbs (r/R = 
0.95) is shown in Fig. 21 c (cf. 4 ); 


1 H. Dkslandres: Ann. Obs. Mcudon 4, (I) ( 1910 ). 

2 C. de Jager: Bull, astronom. Inst. Nethcrl. 13, 133 (1957). 

3 J. B. Rogerson: Astrophys. Journ. 121. 204 (1955). 

4 C. dk Jager and R. Servagean: Bull, astronom. Inst. Netherl. 1959. 
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the maxima at zl/ = ±0.5 A are clearly visible especially on the limb-spectro- 
heliograms. 

The fine mottles, visible mainly in the core of the Ha line appear as a rule 
dark against a brighter background, but a smaller number of bright mottles do 
also occur. The properties of the dark fine mottles may be summarized as fol¬ 
lows (de Jager 1 ): in the line centre we observe mainly the fine mottling, but the 
diameters are somewhat greater than for the fine mottling in K 3 (1700 km or 
greater, perhaps partly caused by lack of resolving power) and their number is 
smaller. About 20% or less 
of the solar image is oc¬ 
cupied by the fine mottles, 
if a diameter of 2000 km is 
assumed; if their diameters 
are taken equal tot000km, 
those for the A s -fine mott¬ 
les, then only 5 % of the disk 
would be covered by them. 

The dark fine mottles are 
discernable up to A X =1.0 A 
and perhaps further, with a 
higher contrast at the red 
side of the line. Their life 
times are of the order 
of 5 min (also Maoris 2 
and Schroter (footnote 2, 
p. I 30 ) found life times of 
2 to 10 min, whereas Kie- 
penheuer 3 reports longer 
life times); it is tempting 
to identify them with the 
spicules seen from above. 

The distribution of the 
number of fine mottles as 
a function of AX depends 
on the spicule absorption 
line profile and the wave¬ 
length distribution of the 
centres of these profiles due 
to Doppler shifts. Each spicule produces an absorption line with a rather low 
radiation temperature in its centre. This line profile is superposed on the profile 
produced by the interspicular matter. Because the interspicular matter is greatly 
transparent in Ha this latter profile is the photospheric or low chromospheric one. 
Assuming that the distribution of the vertical velocity components <J is Gaussian 
and symmetrical around A X = 0, the observed distribution of counted spicule 

numbers with A X can be explained by taking | = 18 km/sec, which is only 

slightly smaller than the outward velocity of the spicules of 20 to 30 km/sec, 
measured, however, some 2000 to 5000 km higher. 

Also the coarse mottling is visible even in the line centre where it appears as 
a bright network of fine mottles (life time «s 1 d or sometimes even longer). 
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Fig. 21 b and c. (b) Line profile of Ha; vertical lines refer to the points in 
Fig. 21 c. (c) Root mean square of the intensity fluctuations, on Ha spectro- 
hcliogrmns ns a function of A A. Solid line; centre of disk. Dashed; rfR 0 . 95 . 
[C. dr Jagf.r and R. Skrvaukan: Bull, astronoin. Inst. Nethcrl. 1959.) 


1 See footnote 2, p. 132 . 

2 C. Maoris: Rend. Accad. naz. Lincei Roma, Scr. VIII 21, 419 (1956). 
s K. O. Kif.pf.nheuer: Z. Astrophys. 42. 209 (1957)- 




134 


C. de Jager: Structure and Dynamics of the Solar Atmosphere. 


Sect. 24. 


In the steep parts of the line profile the coarse mottling appears pronounced. 
The two kinds of coarse elements found on the Ca* spectroheliograms are also 
visible on Ha pictures, but, the general aspect of Ha spectroheliograms is less 
coarse than the K pictures owing to the fact that Ha spectroheliograms show 
mainly the 8000 km elements; the network is less developed, but it is visible. 

Kiepenheuer 1 has described the features observable on Ha filtergrams 
( = pictures taken through a birefringent filter) of the quiet Sun. His descrip¬ 
tion agrees with that given above with the exception that the life time of the 
smallest details is estimated to be of the order of one day, contrary to the above 
description where the fine mottles have life times of 5 min whereas the coarse 
mottling (being composed of many fine mottles) has life times of about one day. 

It is clear that the greater passband of a filter (0.5—0-7 A and a number of "sidelobes") 
may produce some confusion, especially when comparing centre and limb: the fine mottles 
still visible in the disk centre arc near the limb somewhat surpassed by the greater contrast 
of the coarse mottles. Also the sign-inversion of the coarse mottling in the Ha-centre is invi¬ 
sible on a filtergram. On the other hand a filtergram has the advantage of a short exposure 
time and hence, in principle, a better image resolving power than a spectroheliograph. 

The maximum of visibility of the coarse mottling in Ha occurs near AX — 
0.5 A, the red maximum being more pronounced than the violet one (Fig. 21). 
This can be explained by another observation, viz. that there is a correlation 
between a local line widening and a local line displacement. When the line is 
displaced towards the red it is widened; it is narrowed when it is violet-displaced 2 . 
So if the displacement is interpreted in terms of ascending and descending mo¬ 
tions, the descending gas masses produce wider lines than the ascending ones. 
The r.m.s. value of the line widening is 0.065 A, the r.m.s. of the line displacement 
corresponds with a r.m.s. velocity component of 1.14 km/sec (de Jager); Schro- 
ter 2 finds 0.85 km/sec. 

This result should be compared with other observations of the line shifts in 
the coarse mottling. 

1. Observations of the displacements of H/S by Goi.dberg, Mohler and 
Brown 3 refer to elements which are 2000 km wide, and yield (£ 2 ) 4 = 0.64 km/sec; 
Schroter 2 finds for H/3 and Hy: 0.77 and 0.49 km/sec respectively. 

2 . In Sect. 22 reference was made to Reichel’s result derived from D’Azam- 
buja’s metal line spectroheliograms. 

3 . We further mention Hart’s result (Sect. 4). From Richardson and 
Schwarzschild’s granular radial velocity observations (cf. Sect. 4) one derives 
for the r.m.s. velocity component of the 15000 km elements: (£ 0)15000 — ]/0.l8x 
O .37 km/sec =0.16 km/sec. (Here 0.18 is the relative autocorrelation for the 
15000 km elements and O .37 is the measured r.m.s. velocity component.) 


Height 


— 100 km 

Schwarzschild and Richardson; Hart 

0.16 km/sec 

+ 500 

metal line spectra; Reichel 

0.40 

1000 

Hy spectra; Schroter 

0.49 

2000 

lift spectra: Goldberg, el a/.; Schroter 

0.64; 0.77 

4000 

Ha spectra; De Jager; SchrOter 

1.14: 0.85 


The table shows the increase with height of the mean upward velocity component 
of the coarse mottling. We are therefore inclined to interpret the coarse mottling 

1 K. O. K ikpknheuer : Z. Astrophys. 42, 209 (1957). 

- Footnote 2, p. 132 and footnote 2, p. 1 30 

5 L. Goldberg, O. C. Mohler and J. D. Brown: Nature, Lond. 179, 369 (1957). 
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and its network as enormous ascending and descending elements in the solar 
chromosphere, composed of many fine mottles ("spicules”). The ascending mo¬ 
tions occur already in the high photospheric levels and they persist up to a height 
of at least 5000 km. with a mean velocity component continually increasing 
with height. 

The characteristic profiles of the coarse mottling in Ha (broader profiles of 
ascending elements) might be explained either by a local increase of the micro- 
turbulence in the individual spicules (the mean value supposed to be 15 km/sec 
might change by d: 5 km/sec), or by a local variation of the excitation temperature; 
the mean value, if supposed to be 5000° might change by ± 100 ° (cf. footnote 2 , 
p. 132). According to Schroter (footnote 2, p. 132) the second possibility is 
more probable. 

c) Structure and dynamics of the chromosphere; transition to the corona. 

25. The spicules; diameters, numbers, motions and lifetimes. The spicules of 
the upper chromosphere were for the first time described by Secchi. Their mean 
heights are 7500 km at the equator and 7800 km at the pole, according to the 
daily Arcetri measures. It is 7300 and 9500 km respectively according to counts 
made on Sacramento Peak films (Lippincott 1 ). Their number is 30 % higher 
at the poles than at the equator 2 , a frequency minimum occurs at b = 35 °, where 
the number is 10 % less than at the equator. 

There are definition differences between various authors: Roberts, who 
introduced the word, referred only to the fairly large active spikes (lengths 4500 
to 8000km above the "normal” chromosphere) that appear most frequently in 
the polar regions. Mohler used it in the same way. Menzei. and Evans 3 des¬ 
cribe them as cores of luminous gas travelling out at high speed to a limb distance 
of perhaps 15000 km, where they fade into invisibility with no trace of slowing 
down. At any one moment 50 or more of these spicules are visible along the solar 
limb. This description refers obviously to the longest specimens, much ressem- 
bling small quasi-eruptive prominences. In exceptional cases they may be very 
long and then they can hardly be distinguished from prominences or surges. At 
the eclipse of 25 February 1952 Waldmeier observed a thin polar "spicule” 
of 80000 km. In the three minutes of totality the change of height was well 
visible. It had the same inclination as the neighbouring polar rays. As a rule 
such long spicules are only observed within 30 ° of the poles (Lippincott 1 ). 

Other definitions refer also to the smaller ones of which a much greater 
number is visible all around the limb. In this review we will use the word 
“spicule" both for the long specimens as well as for the small spike-like general 
structure of the chromosphere, and in theoretical discussions the definition will 
even be extended to regions below 5000 km, tentatively identifying one kind of the 
low-chromospheric elements with spicules. 

The spicules often show strong inclinations up to an angle of 30 % with the 
Sun’s limb. Fig. 23 , after Lippincott 1 is in substantial agreement with an earlier 
finding by Bugoslavskaya 2 that polar spicules tend to slope towards the equator 
whereas those in active zones (20 to 40°) tend to slope towards the poles. 

a.) The diameters are often difficult to estimate because of their smallness. 
Some authors 4 give diameters of 2000 km, but the images may be widened by 
atmospheric agitation. Dunn* estimates that the best values are 500 to 600 km. 

1 S. L. Lippincott: Smithson. Contrib. Astrophys. 2. no. 2 (1957). 

a E. J. Bugoslavskaya: Astron. Zhurn. 23. 225 (1946). 

3 D. H. Menzel and J. W. Evans: Convegno Volta 1953. 11 9 . 

4 Ct. J. H. Hush and W. O. Roberts: Austral. J. Phys. 7, 230 (1954). 

3 R. B. Dunn: Astronom. J. 62, 141 (1957). 
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(f) The numbers of spicules visible at the Sun’s limb can be counted fairly 
easily if one limits the counts to the few long ones. For the shorter ones the 
counts are influenced by mutual obscuration (causing the counted number at a 
certain distance to the limb to be smaller than the true number) as well as by 
partial obscuration by the Sun’s limb (falsifying the height distribution: not all 



Fig. 22 . The Sun’s limb through an Hoc filter (pass hand 3.5 A) 

[ l In A H r0m “ n,r0 °' H * } Intensity of light 0.1 of imagesc-f. 
simultaneous exposures c , A (rom ccntr0 of Ha 

( d In Ha 

Os f exposures in Ha, like 4, but at other instants. 


Courtesy R. B. Dunn, Sacramento Peak. 


spicules occur exactly at the limb). Both effects can be eliminated (Woltjer 1 , 
Rush and Roberts 2 ); the theory can only be applied to the highest region with 
few spicules. Let 

0(d) dh be the total number of spicules observed at the whole solar limb with 
observed top heights between h — \ dh and h |- J dh from the limb; 

Q(h) dh be the number after correcting for superposition in the line of sight; 

F(l) dl be the number of spicules with true top heights between l — dl and 
l+ \ dl from the photosphere. (I is not the length but its component in the ver¬ 
tical direction.) 

1 L. Woltjer: Bull, astronom. Inst. Ncthcrl. 12, 165 (1954). 

2 Cf. footnote 4, p. 135- 


I 
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The latter function should be known. The counts 0(h), plotted in Fig. 24 
(logarithmically) were taken by several investigators 1 4 . The apparent difficulty 
in comparing the various values is that the gradients and the densities of the 
photographic material differ from one observer to the other. Lyot e.g. was 
known to use rather soft photographic material. Also the pass band of the filter 
is wide in some cases (Lyot, 3 A). narrow in others. Mohler 3 studied eclipse 
plates, taken without birefringent filter. The various aspects of the chromo¬ 
sphere observed with different exposure times can best be judged from Fig. 22 


which show's some of the photo¬ 
graphs figuring in a spicule film 
taken by Dunn. 

Because of the strong decrease 
of intensity with height, each set of 
counts is useful only in a limited 
range of heights. We have tried to 

tie 



Fig. 23 . The predominant quadrants for the spicule Fig. 24. Distribution of topheights of spicules as a function of 

slopes. No slopes are shown for those arcs on which the distance to the limb. For the definition of 0(A) (uppe. 

the slopes were indeterminant as a rule, or where envelope of the solid curves) and Q(k) (dotted curve) see textr 

there was sufficient disagreement between the slopes The dashed line gives the relative area .<4 (A) occupied by spif 

on different surveys to render the estimates rules (adopted diameters 600 km); the corresponding scale o- 

meaningless. Courtesy S. L. I.ippincott. ordinates is on the right side ot the diagram. % Rush and 

Robkrts; A LippinCOTT; Q Mohler; V Woltjer; n Dizek 


combine the various sets of spicule counts into one figure (24). Some authors 
give counted numbers of top heights per unit arc length, and thus derive absolute 
0(h) values; in other cases the values of the function 0(h) are only relatively 
known. These latter curves were brought into agreement with the others by a ver¬ 
tical shift. In general there were no difficulties in adjusting the various counts, ex¬ 
cept for Mohler’s eclipse observations to which a height correction of 3000 km has 
been applied (Mohler’s heights were given with respect to the Moon’s limb). 
Also the observations of Rush and Roberts were slightly corrected (the base 
of their spicule counts is reduced to 6000 km above the Sun’s limb instead of 
their assumed value 7500 km). The Sun's limb was taken to be best visible on 
Lyot’s films taken with a broad filter (counts of Dizer and Woltjer). The 
counted histograms are uncertain for great heights (few counted spicules) and 
for small heights (mutual overlapping). 

1 Cf. footnotes 1 and 4, p. 135. 

2 Cf. footnote 1 , p. 136 . 

3 O. C. Mohler: Monthly Notices Roy. Astronom. Soc. London 111, 630 (1951). 

4 M. Dizer: C. R. Acad. Sci., Paris 235, 1016 (1952). 
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For the further discussion let two or more spicules be counted as one if their 
axis distance measured along the limb is smaller than y radians. The mean 
number of spicules in one interval y is: 


m 


yQ 

271 ' 


(25.1) 


On the basis of a Poisson distribution of spicules along the limb the number of 
counted spicules is 

( 25 - 2 ) 

Hence 

Q/0 = m/m'. (25-3) 

Obviously m'< 1 . The observed 0(h) curve shows a maximum near 6800 km, 
presumably because at that height 1 and because the spicules cannot be 

seen at lower heights. At that 
height 0 Ah — 10* for Ah = 
1000 km. If m'— 1 at 6800 km, 
we find with (25-2), that y = 
440 km, in agreement with Dunn’s 
estimate of the spicule diameters. 
As a next step, Q(h) is found 
with (25-2) and (25-3); cf. the 
dotted curve in Fig. 24. 

The computation of F(l) dl 
was done after a method given 
by Rush and Roberts 1 (Fig. 25). 
Let the spicules attain a maxi¬ 
mum height H. The arbitrary 
height ranges a ... e define the 
angles A ... E. Since the maxi¬ 
mum range e cannot contain spicules from lower heights F e = Q t . Then, 
further 

5-ft.-4ft; 

F e = Q c — Qd-~f <?.. and so on. 



Fig. 25. Effect of obscuration by the limb on the apparent 
heights of spicules distributed along the line of sight. After 
J. H. Rush and W.O. Roberts: Austral. J. Phys. 7, 243 (1954). 


The resulting distribution of top lengths of spicules (dashed line in Fig. 24) is 
only reliable for h >7000 km. With an average diameter of 1200 km we thus 
obtain that at 8000 and 10000 km respectively 1.3 and 0 . 2 % of the solar surface 
is occupied by spicules (right ordinate scale). If the spicule diameters were 600 km, 
these values should be four times smaller. 

The statistics of Fig. 24 refers to heights above 7000 km. It is difficult to 
obtain data on the numbers of spicules attaining smaller heights because of the 
influence of mutual obscuration. An attempt to determine F(h) in the range of 
small heights, by Athay and Thomas 2 , based on Lippincott’s counts, yielded 
the result that F(h) seems to decrease below h — 9000 km. 


1 Cf. footnote 4. p. 135. 

2 R. G. Athay and R. N. Thomas: Astrophys. Journ. 125, 804 (1957). 
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We recall that the following tentative values of A(h), now interpreted as the relative 
area of the hot elements of the chromosphere below 5000 km, were derived from spectral 
data: 

(Sect. 24): A = 5000 km A(h) <=» 2% (fine mottles in Ha, assumed diameter 600 km). 

(Sect. 20): A - 2500 km 20% < A(h) < 30% (He 10832). 

(Sect. 23): A = 2000 km A(h) ss 30% (fine Ca + mottles; A rather uncertain). 

y) The average life time, defined as the time during which a spicule is higher 
than the mean level, is 2 min as determined by Dizer 1 , it is 3.5 min according 
to Rush and Roberts 2 and 5 min according to Lippincott 3 . The values do not 
wholly agree, presumably because of differences in the exposure times. The 
various investigations refer to different mean levels: 6500 km for Dizer, 9000 km 
for Lippincott, 14000 km for Rush and Roberts. 

5) The velocities and motions. Most observers report that the spicules ascend 
with approximately constant velocity, then stop abruptly and fade away (about 
40% of the studied cases), or descend with about the same velocity. About 25% 
of the descending ones first stay at maximum height for a minute or so. At 
6500 km Dizer found a mean velocity of 20 km/sec (40 km/sec in disturbed re¬ 
gions), at 9000 km Lippincott found rates of growth and of recession of 19 km 
per sec respectively, at 14000 km Rush and Roberts found 30 km/sec. There 
are many deviating cases, some reaching speeds up to 200 km/sec and others 
presenting irregular or surge-like motions. There is an approximate linear rela¬ 
tion between the mean ascending velocity component and the maximum height 2 ; 

the fastest spicules thus reaching the greatest heights: f (km/sec) = 40 
a relation valid up from h = 12 500 km, where f ss 20 km/sec. 

The assumption of constant motion was investigated in detail by Athay 
and Thomas 4 who found indications that the statistics can as well or perhaps 
better be described by (parabolic) motions in a gravitation field than by that 
of constant motion followed by abrupt standstill. 

Of course the observed velocities are partly apparent: one does not measure 
velocities but the rate at which the gas becomes visible and invisible in Ha. 
Observations of Doppler shifts are useful to eliminate this difficulty, but when 
the component normal to the surface is observed, one only obtains information 
about the deep layers (h m 3000 to 4000 km). At that height the r.m.s. vertical 
velocity component might be (£ 2 )* = 18 km/sec as was found 5 from a statistical 
discussion of fine mottles in Ha spectroheliograms made at various d /.-values. 
At h = 6000 km Michard 6 found that the r.m.s. tangential (sightline) velocity 
component is (£*) 4 =19-5 km/sec, about equal to the vertical component at that 
height. This indicates perhaps that many spicules are greatly inclined, as can 
also be inferred from spicular photographs. 

26. An empirical two-element model of the chromosphere. The results obtained 
in the preceding sections will be assembled to construct a working model of the 
chromosphere. It should contain at least the following functions of the height h 
(an asterisk denotes spicular values or values concerning the hot elements of the 
chromosphere below 4000 km): T ; T*; AJ; N* ; f; £*; A. In principle, knowledge 
of T, N c and the abundances is sufficient to find the numbers of atoms in various 

1 Cf. footnote 4. p. 137. 

8 Cf. footnote 4. p. 135- 

3 Cf. footnote 1, p. 135. 

4 H. G. Athay and R. N. Thomas: Astrophys. Joum. 125, 804 (1957). 

5 C. df. Jacek: Bull, astronom. Inst. Netherl. 13. 133 (1957). 

4 Cf. footnote 1, p. 113. 
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states of excitation and ionization—if the ionization and excitation relations are 
known. We arc still far from that goal. Further the microturbulent velocity 
component function is badly known in the low chromosphere and not at all 
above 5000 km. Neither do we know whether £ micro differs for the hot and cold 
elements. This makes clear that the model described here cannot be more than 
a tentative working model. 

tx.) The temperatures (see Figs. 15 and 26). We assume that the dark fine 
mottles in Ha spectroheliograms and the bright fine mottles in Ca^'j are the hot 
elements of the low chromosphere. 

They emit and absorb the hydrogen and helium lines. Near 2000 km their 
electron-temperature is about 10000°. Higher up. above 5000 km, the fine mottles 
are invisible at the disk owing to the transparency of the upper chromosphere 
for Ha (they could perhaps be discovered on a Ly a filtergram 1 ). but above 6000km 
one observes at the limb the spicules, which emit Ha light, hence they arc colder 
than the surrounding corona. In that region their electron temperature ranges 
perhaps between 2xl0 4 degrees and 3 to 6x10 4 degrees. 

If we accept that the fine mottles are the spicules, then T* rises slowly from 
10000° near 1000 km to about 40000° near 10000 km. Hence T< T* in the 
low chromosphere and T>T* in the higher chromosphere; at an intermediate 
point T=T*. Below 3500 km the temperature T of the cold elements may 
increase slowly from about 5000° at 500 km to 6500° at 3000 km. Very uncer¬ 
tain is the location of the height where T begins to increase to coronal values, 
but this cannot be much above 5 000 km, for close to that height the coronal 
lines begin to appear. They have their maximum at or below 8000 km 2 . The 
data on the continuous chromospheric spectrum (footnote 5, p. 117) show that 
the steep increase of T(h) begins between 4000 and >000 km. Above 5000 km cer¬ 
tainly 7>25000°, and according to Athay and Menzel T »=> 10 6 degrees. 

As a result of this discussion we provisionally assume the T and T* curves 
indicated by the solid lines in Fig. 26 and in the table at the end of this section. 

ft) The densities. It is not correct to determine the ratio of densities in the 
two kinds of elements e.g. by assuming pressure equality in and between the 
spicules, for it is not probable that this assumption is realized in these dynamic 
features in which supersonic velocities and magnetic effects play a r61c. It should 
be tried to determine the densities separately for each of the elements. There 
are only few such independent determinations, cf. the table. (For comparison 
the last column gives Log N t derived from radio-observations.) 


A 

Iok N, 

iorAt; 

ref. 

Log i\ from 
radio-olwcrval ion* 

1000 km 

11-5 


Sect. 19, y 

10.8 

1070 


11.6 

Sect. 19 , e 


1750 


11.3 

Sect. 19, e 

10.7 

2400 


11.0 

Sect. 19, b 

10.5 

5000 


10.6 

Sect. 20, y 

9.4 to 9.8 

Corona at 10000 km 

8-3 


VAN DE HULST 3 

8.2 to 9.0 


The "coronal” density at 10000km is based on a slight extrapolation of the 
coronal values, measured somewhat higher. In the low chromosphere the densities 

* Cf. R. Mercure, S. C. Miller, W. A. Reuse and F. Stuart: J. Gcophys. Res. 61, 
571 (1956). 

2 R. G. Athay and W. O. Roberts: Astrophys. Journ. Suppl. 1, 491 (1955)- 
2 H. C. van deHulst: Bull, astronom. Inst. Netherl. 11, 135 (1950)- 
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are about equal in both kinds of elements, but at 5000 km the spicules seem to 
be somewhat denser than the interspicular (coronal) matter. The table indicates 
that both at h = 1000 and 5000 to 8000 km there is roughly pressure equality 
between the two kinds of elements: N t X 7i„«s N* x T* f , where, in defining T elt 
and T* f , the contribution of turbulent pressure should of course be added to 
the thermal pressure. 

y) The turbulent velocities. For these functions we accept the £(/t) function of 
Fig. 12, assuming that £(/*)=£* (A). In the region above 5000 km where only 
the spicules are relevant no assumption can be made as yet. 

d) The A(h) junction giving the relative area of the Sun covered with spicules 
(or fine mottles—in the low chromosphere) is given in Fig. 24 and Sect. 25- In 
the low chromosphere (h< 5000 km) we tentatively adopt for the area of the hot 
elements: A =0.15 at 2000 km and 0.1 at 3000 km. That the hot elements cannot 
occupy a greater relative area than about 0.25 near 3000 km is also proved by 
radiodata: otherwise the computed intensity of the radiospectrum at cm-waves 
would be much too high as compared with the observations. 


Table 7. A working model of the chromosphere based on empirical data. 


h (km) 


Tion (H) T(on (H») 

LogJV 

Lok N, 1 

T,i 



A 




Cold elements 

Hot elements 



0 

(6000°) 

(5600°) (4900°) 

156 


4400° 

I 4400° 

3 km/scc 


1000 

(6300) 

(5800) 

13-5 

11-3 

5000 

9000 

7 


2000 

6300 

5700 4900 

12.8 

10.8 

5500 

11.3 12000 

12 

0.15 

3000 

6250 

5400 

123 

10.5 

6000 

10.9 15000 

15 

0.1 

4000 

6250 

5400 

11.9 

10.0 


10.6 

16 

0.05 




Interspicular matter 

Spicules 



6000 

(5500) 


9-4 

94 


10.9 25000 


0.02 

8000 



9 0 

9.0 

> 10 & 



0.01 

10000 



8.8 

8.8 


40(KK) 


0.001 


T ex (iV 2 ) = excitation temperature for the second 
level of hydrogen 

7} 0 n (H) = ionization temperature (or hydrogen 
T ion (Fe) = ionization temperature for Fe. 


N 

Tel 

*» 

A 


after E. BOhm-Vite.nse: Z. Astrophys. 
36. 145 (1955): 

scale of heights decreased by 550 km. 


= total number of heavy particles per cm 5 . 

= total number of electrons per cm 5 . 

=kinetic temperatures of the electron gas. 

= micro- and macro-turbulent vertical velocity component. 

= relative area occupied by the hot elements of the chromosphere (below 5000 km) 
and by the spicules (h >5000 km). 

The hot elements of the low chromosphere and the spicules are placed in the same column, 
but their identity has not yet been wholly proved, and in the Athay-Menzel-Thomas model 
it is even suggested that the cold elements are at the basis of the spicules. 


e ) The working model is given in the accompanying table. The electron densi¬ 
ties are mainly taken from the table in subsection jl. The excitation and ionization 
temperatures are from Bohm-Vitf.nse’s model of the chromosphere 1 . The spicular 
temperature at 5000 to 10000 km is from Michari), E. Smith and Athay. The 
model of the (uppermost) transition region to the corona is based on Athay 
and Menzel’s nonspicular temperature distribution, on Piddington s discussion 
of the radiospectrum of the quiet Sun (Sect. 28a) and on Oster's 2 discussion 
of the transition region chromosphere-corona. 


1 E. Bohm-Vitense: Z. Astrophys. 36. 145 (1955)* 

2 L. Oster: Z. Astrophys. 40, 28 (1956). 
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When the given model is used to compute the pressure-variation, it appears 
that already at hm 3 500 km the pressure becomes smaller than the coronal pres¬ 
sure at h 10000 km. At this latter height we have Log = 8.5 and T = 10 6 
degrees, leading to Log P g = — 1.1. It can easily be seen that any of the actually 
existing models presents this difficulty, which indicates the presence of an ad¬ 
ditional pressure term. A large scale solar magnetic field of 1.0 Gauss (about 
equal to the observed general magnetic field) would be required to make the 
magnetic stress equal to the low coronal gas pressure. In the presence of such a 

field the acoustic energy com¬ 
ing from below will flow main¬ 
ly along the lines of force up 
into the transition region 1 , 
supporting and heating the low 
corona. 

C J Comparison with other two- 
element models. The tempera¬ 
ture distribution of the present 
model is shown in Fig. 26 to¬ 
gether with the models of Wolt¬ 
jer 2 (mainly based on Ha in¬ 
tensities), and those of Athay- 
Menzel-Thomas 3 - 4 (based on H 
and He emission intensities in 
continuum and lines), Pidding- 
ton 5 6 , and Hagen 6 (based on 
cm and dm-wave radio data). 
There seem to be great differ¬ 
ences between the four models 
but this is only apparently, so. 
One of the differences between 
our adopted model (J in Fig. 26) 
and those of Hagen, Pidding- 
ton and Woltjer is the posi¬ 
tion of the steep temperature 
gradient; it is somewhat lower in our model, in accordance with the Athay- 
Menzel-Thomas (A.M.T.) model. In the radiomodels (H and P in Fig. 26 ) it 
is near 10000 km but the scale of heights is indeterminate in any radiomodel, 
whereas the position of this steep part of the curve seems fairly well fixed below 
8000 km after the eclipse observations of 1952. Our adopted spicular temperature 
of 2x 10 4 °K near 5000 km agrees with Woltjer and A.M.T. In broad out¬ 
line our model has the best resemblance with the A.M.T. model, but the 
hot elements of the low chromosphere have a somewhat higher temperature 
(20000°) in the A.M.T. model, a temperature mainly based on He-data. That 
this latter temperature is too high or that the assumed ^1-value in the A.M.T. 

1 R. Lust: Z. Astrnphys. 37, 67 (1955). 

2 L. Woltjer: Bull, astronom. Inst. Nethcrl. 12, 165 (1954). 

3 R. G. Athay and D. H. Menzel: 123, 285 (1956). 

4 R. N. Thomas and R . G. Athay: Radioastronomy (ed. H. C. van de Huist). I.A.U. 
symposium No 4, p. 279, 1957- 

5 J. H. Piddington: Proc. Roy. Soc. Lond., Ser. A 203, 417 (1950). — Astrophys. Journ 
119, 531 (1954). 

6 J. P. Hagen: Radioastronomy (cd. H. C. van de Hulst). I.A.U. symposium No. 4. 
p. 263. Cambridge 1957- Cf. also footnote 2. p. 144. 



Fig. 26 . Comparison of chromospheric models. Subscripts s and i 
denote spicules and interspicular matter. H:Hagen; P: Piddincton ; 
W: Woltjer; AMT: Athay, Menzel, Thomas; O: Osteu; 

J: peJager. 
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model ( 0.9 at h 3000 km) is too great, is shown by a comparison of the A.M.T. 
model with radio data: the central disk brightness temperature, computed accord¬ 
ing to the A.M.T. model, is much higher in cm-wavelengths than the observed 
brightness temperature l . 

The model derived here much ressembles the one derived by Shklovski and 
Kononovitch 1 on the basis of optical and radio data. 

Very uncertain are the conditions in the transition region between chromo¬ 
sphere and corona. Sources of information are the far ultraviolet spectrum of 
the chromosphere and the radio spectrum of the Sun in the wavelength region 
below about 50 cm; this problem is discussed in the following sections. 

27. The radio spectrum of the undisturbed chromosphere 2 . Only the radio 
radiation of wavelengths shorter than about 3 cm comes mainly from the chromo¬ 
sphere around and below 5000 km; since the continuous absorption coefficient 
increases with increasing wavelength, a great part of the radiation of longer 
wavelengths (but < 1 meter) is emitted by the higher chromospheric regions and 
by the transition region to the corona. 

We will discuss successively: the continuous radiation of the disk centre; 
the centre-limb variation of the continuous radiation (including eclipse observa¬ 
tions) and the line spectrum of the chromosphere. 

a.) The radiation temperature T r (0) of the disk centre has been measured up 
from a wavelength of 0.4 cm (cf. Fig. 96 of Sect. 83 ). The increase of T r with 
increasing A clearly shows the increase in temperature from 6000 to 7000° in 
the low chromosphere, up to more than 5 X10 5 degrees in the corona. This curve 
should be interpreted in terms of a two-element model of the chromosphere. 

The radiation temperature in the disk centre is 


OO 


T,= fTJr) e-Ur 

0 

(27.1) 

T = o.io/- 2 7v. s r e r J (fz. 

(27.2) 


In rough approximation T r t*s>T el at the height where r = 1 , hence, where approxi¬ 
mately 

0 . 10/- 2 NyK»H = \. (27.3) 

Here H is the “scale height” of the function AJ* 7' e f 5; in the hot elements of the 
low chromosphere, where Tss constant, H is half the scale height of N e , i.e. 
ss 1000 km (cf. the table in Sect. 27b). In the transition region to the corona it 
may be of the order of 200 km, in the lower chromosphere somewhat greater. 

The observed radiation temperature in the millimetre region is 6000 .. 7000°. 
With formula (27-3) we find, with 7 el = 6500°, / = 5 X10 10 Hz (A = 6 mm) and with 
H = 1000 and 200 km: Log N c = 10.1 and 10.5, values prevailing between h = 
2000 to 4000 km according to various chromospheric models. In that region 
the influence of the hot elements on the emitted radio radiation is not yet wholly 
negligible: with T hot = 10000° and A— 0.25, the value of 7^ becomes 5000° 
at h 3000 km. If the temperatures in hot and cold elements are constant 
below that height, T r should increase for decreasing wavelength smaller than 
6 mm, if the relative number of hot elements increases downward. 

1 I. S. Shklovski and E. B. Kononovitch: Astron. Zhurn. 35, 37 (1958). 

2 For the theory of the solar radio radiation reference is made to part D. II, a and to 
Sects. 82 to 84. 



144 


C. de Jager: Structure and Dynamics of the Solar Atmosphere. 


Sect. 2S. 


At greater heights (longer wavelengths) the spicular contribution is negligible 
and the observations might be used, as was done by Piddington 1 , to determine 
the temperature-density relation in the transition layer chromosphere-corona: 


h (km): 

3000 

5000 

10000 

15000 

Log N t : 

10.5 

10.0 

93 

8.9 

T (°K): 

5200 

6250 

33000 

555000 


As noted before, the zeropoint in the A-scale is indeterminate in radio observations. 

ft') The centre-limb variation at 8.5 mm, found from eclipse observations (Fig. 97, 
Sect. 84), was interpreted by Coates 2 in terms of a two-element model of the 
chromosphere, but it is not certain whether such a refined model may quanti¬ 
tatively be deduced from one set of eclipse data. 

y) The only spectral line observed as yet in radio-astrophysics is the 21 cm 
line of ground-state neutral hydrogen. This line does not occur in the solar spec¬ 
trum because the number of neutral hydrogen atoms is too small above the level 
where the optical depth of the continuous radiation at 21 cm is of the order 
unity. The most important lines that might be produced by neutral hydrogen 
have been summarized by Wild 3 , who computed their transition probability: 


X (cm) 

Transition 

Transition 
probability (see -1 ) 

21.11 

IS-IS 

2.9 X 10'* 5 

3.03 

2 P- 2 S 

6.5 X 10 -7 

10.2 

3P-3S 

1.0 X HT 7 


There is a greater probability of finding the line at }.0} cm than to find the 
21 cm line because the smaller number of atoms in the second quantum state of 
hydrogen (10 -10 - 19 ® ^ 10~ 5 ... 10“'°) is compensated by the greater value of the 
transition probability (ratio of /l-values: 4X10 8 ) and because at X = 3 cm the 
number of neutral H atoms above the layer with r = 1 is much greater than at 
21 cm. 

Whether the line will appear in emission or absorption depends on the relative 
populations of the 2 2 Sj and the 2 2 Pj levels, as compared to dhe populations 
predicted for the radiation temperature of the emergent radiation [cf. Eq. (16.2)]. 
Since the relative populations of the two levels will have the thermodynamic 
equilibrium value (Purcell 4 , see also Sect. 16), the aspect of the line (emission 
or absorption) depends on the temperature gradient of the chromosphere. The 
line has not yet been observed and theoretical computations 5 show that even for 
favourable chromospheric models the emission peak will exceed the continuum 
only by 10 3 to 10“ 9 . 

28. The far ultraviolet emission line spectrum. Rocket observations 9 have 
revealed about thirty emission lines in the far ultra violet solar spectrum between 
950 and 1850 A. The spectrum shown in Fig. 27 was obtained with a normal 
incidence concave grating spectrograph (dispersion 41 A/mm); the solar image 

1 Footnote 5, p. 142. 

2 R. J. Coates: Astrophys. Joum. 128, 83 (1958). 

3 J. P. Wild: Astrophys. Joum. 115, 206 (1952). 

4 E. M. Purcell: Astrophys. Journ. 116. 457 (1952). 

5 C. de Jager: in 1958 (Paris) Symposium on Radio Astronomy. (1959-) 

4 F. S. Johnson, H. H. Malitson, J. 1). Purcell and R. Tousky: Astronom. J. 60, 165 

(1955). W. E. Behring, H. McAllister and W. A. Rense: Astrophys. Journ. 127, 676 (1958). 
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was obtained by a F/10 telescope of 20 cm 
focal length, pointed at the Sun by means 
of an automatic following device. Of the 
emission lines some are due to highly 
ionized atoms such as O VI but there is 
also one due to O I; the strongest line is 
Ly a; further there is JLy /?, and there 
occur lines of Si I, II, III, IV; C I, II, III, 
IV; N V, Fe II, He II, A1 II. The inten¬ 
sity of the continuous spectrum increases 
with increasing wavelengths, and up from 
about 15 50 A the true continuum domi¬ 
nates above the stray light intensity. A 
discontinuity, tentatively ascribed* to 
A11, occurs near 2090 A. At somewhat 
shorter wavelengths the Fraunhofer lines 
disappear, and emission lines appear at 
about the same wavelengths. The emission 
lines refer to rather high temperatures and 
may yield information about the highest 
parts of the chromosphere, presumably 
the part where the temperature of the 
interspicular matter and of the top part 
of the spicules increases steeply towards 
the corona. An estimate of the tempera¬ 
tures necessary to produce line emissions 
of these ions may be obtained with an 
ionization formula derived by Woolley 
and Allen*. Let x be the fraction of 
ions in the higher state of ionization. We 
have */(1 — x) = S/a; where S is the 
collisional ionization coefficient and a is 
the recombination coefficient. The neglect 
of radiative excitation is allowed, since (a) 
the photospheric and chromospheric radia¬ 
tion flux of short wavelengths is negligible, 
and (b) the coronal radiation is so diluted 
that it has no influence [cf. Elwert 3 and 
Eq. (72.5)]. According to Woolley and 
Allen 4 : 

S = 3 xlO ' 8 n^-*exp(— 11600^/r), 

a = 1.5X10 

Z = degree of ionization, 

y — ionization energy in electron volts. 

1 Cf. footnote 6, p. 144. 

2 R. v. d. R. Woolley and C. W. Allen: 
Monthly Notices Roy. Astronom. Soc. I,ondon 
110, 358 (1950). 

3 G.Elwert: Z.Naturforsch. 9a, 637 (1954). 

* R. v. d. R. Woolley and C. W. Allen : 

Monthly Notices Roy. Astronom. Soc. London 
108, 292 (1948). 

Handbuch der Physik, Bd. L1I. 
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Fig. 27. The solar spectrum photographed at an altitude of 11 t km on February 21, 1955 by U.S. Naval Research laboratory. By means of a sun-following device the solar image was kept fixed 
on the slit thus enabling to obtain the centre limb variation of the lines. Courtesy R. Tousey. (Official United States Navy Photograph.) 
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Hence the electron temperature of the dividing level is 
T = 5 x 10 4 Z 1 2 ^exp( 1 l 600 %/T). 

Suppose x = \ — x \—for a rough discussion this treatment is sufficient—then 
the following electron temperatures are found 

Hell 68000° Cl 15000° N V 172000° OI 19500 ° 

CIV 103000 ° O VI 260000° 

A1II 20000 ° Si I 8000° SII 26000 ° Fell 19000° 

Si IV 2000 ° 

This list clearly shows the wide range of temperatures that occur in the transition 
region chromosphere-corona. 

In order to find the heights that are related to these empirically determined 
temperatures, it would be necessary to know (a) the absolute intensities, (b) the 
oscillator strengths of the emitted line radiations, (c) the electron densities and 
(d) the ion densities. The absolute intensities have been given for a number of 
lines 1 - 3 ; the oscillator strengths are lacking for all lines except for those of 
hydrogen. 

The Ly * line. In the ultra violet spectrum Lya is the most prominent 
feature. The extended wings shown on the photograph are due to the great 
overexposure and are instrumental. The true width of the line has been deter¬ 
mined by making use of the fact that the line just falls in a narrow trans¬ 
mission “window” of the Earth's absorption spectrum. From a comparison of 
the increase of line intensity with decreasing air mass it was concluded 1 that 
the total halfwidth must be equal to or less than 0.3 A. Other measurements 2 
suggest a greater width ( 0.8 A). 

The integrated radiation of Lya has been measured from 1949 onwards 3 , 
initially with photon counters and thermoluminescent phosphors, later with 
spectrographs (photographically) and ion chambers. The ion chamber measure¬ 
ments have the greatest reliability. The chambers have LiF windows and are 
filled with NO gas. The transmission region is 1100 to 1350 A. 

The table below gives the total Ly a emission as measured 3 by NO ion cham¬ 
bers. 


Time of firing 
(UT) 

Sun's condition 

Incident Lya flux 
ergs cm * sec 1 

18 . 10 . 1955 . 22.50 

quiet 

57 (-1; +3) 

21 . 10 . 1955 . 00.15 

quiet 

4.0 (±0.8) 

4. 11. 1955. 15-30 

quiet 

9.2 (±3) 

20 . 7 1956 , 1915 

late in imp. 1 flare 

6.1 (±0.5) 

25. 7- 1956, 21.13 

quiet 

6-7 (±0.3) 

29- 7- 1957. 22.00 

quiet 

6.1 (±0.3) 

23. 3. 1958, 18.08 

quiet 

6.3 (±0.3) 


The great intensity fluctuations obtained earlier with less reliable instruments 
are not confirmed by the new observations. It seems that the total Ly a radiation 
of the Sun is fairly constant (also during the occurrence of weak flares) and equal 

1 E. T. Byram, T. A. Chubb, H. Friedman and J. E. Kupferian jr.: Astrophys. Journ. 
124, 480 (1956). — IGY Rocket Report Series 1, 190 (1958). 

2 S. C. Miller, R. Mercurf. and W. A. Rensb: Astrophys. Journ. 124. 5S0 (1956). 

3 T.A. Chubb, R. W. Kreplin, J. E. Kupperian jr., H. Friedman and R.W.Keeplin: 
Astrophys. Journ. 128, 738 (1958). 






to ( 6.3 ±0.4) erg cm - * see 1 on top of the Earth’s atmosphere. Rocket observa¬ 
tions made in 1957 even showed no evidence for large increases in Lya during 
strong flares 1 . 

Since the chromosphere is optically thick for Ly a, the emission comes mainly 
from regions where the optical depth for Ly a absorption is of the order unity. 
These regions are to be found in the transition chromosphere-corona or in the 
very top parts of the spicules. 

From a detailed discussion of the radiation conditions in the region where 
this line is formed, Athay and Thomas* could find the electron temperature of 



' 1 1 . 

woo noo tzoo A 

Fig. 28. High contrast enlargement of a part ol Fig. 27 showing the limb brightening of the O VI lines. Ly P and the C III 
line have nearly constant intensity over the disk. (Official United States Navy Photograph.) 


this region, this being 2 X 10 4 < r„,<4.5 X 10*. A similar, slightly greater value 
was estimated by de Jager 3 on the basis of Giovanelli’s b n computations. 

These values agree well with the upper limit of T cl in the region where the 
line is formed, deduced from the line-width: The observations yield 

A \ D £ 0.30 A/2 /in' 2 = 0.18 A , 

where 

AX d =^][2RT+?. (28.1) 

Assuming f = 30 km/sec, this being the mean mass velocity component for the 
spicules at the top of the chromosphere, we find from ( 28 . 1 ): T Bl g 65 000 °. 

An extremely impressive achievement is the observation of the centre-limb 
variation of the far ultra-violet emission lines, by making use of a photoelectric 
Sun-following device. Fig. 28 shows a spectral region where the difference in 
centre-limb variation of Ly f) and that of the O VI lines is visible ;0 VI isstrength- 

1 H. Friedman, T. A. Chubb, J. E. Kuppekian jr., R. W. Krkplin and J. C. Lindsay: 

Comm, at 1957 (Toronto) meeting of the U.G.G.I. 

3 R. G. Athay and R. N. Thomas: Astrophys. Journ 124, 586 (1956). 

3 C. de Jager: in Solar Eclipses and the Ionosphere, p. 174 . London: Pergamon press 
1956. 
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ened towards the limb, l.y fl hardly so 1 . Theoretically a slight limb-brightening 
of Ly a would be expected (de Jagkr 2 ). 

The continuous and line emission spectrum of the chromosphere for 100 A < 
A<1 100 A have been computed by Oster 3 , on the basis of an adopted model 
(see Fig. 26) of the transition region chromosphere-corona. The results are shown 
in Fig. 83 (Sect. 74). 

29. Evidences for variations along the Sun’s limb. There are evidences that 
the chromosphere has no circular symmetry. We summarize the various indica¬ 
tions, starting in the photosphere and the low chromosphere and going up into 
the higher regions. 

a) From observations of the centre-limb variation of the g and K lines of 
Ca in the polar and equatorial solar regions, Das and Abhyankar 4 found indica¬ 
tions that during sunspot minimum the equator is cooler than the poles by 
about 90°. From a study of weak Fe II lines at sunspot maximum a similar 
result was found by Beckers 5 , who found moreover indications for a low second¬ 
ary maximum (A T sa 20° at 6 = ±25°)- This shows that nonspherical sym¬ 
metry not only occurs in the chromosphere but even in the photosphere. 

/3) The infrared absorption line of helium at IO 832 A (2 3 S—3 3 P) has a greater 
equivalent width near the equator than near the poles*. (The distribution of 
the equivalent widths of this line on the disk follows closely the radio isophotes 
at A = 150cm 7 .) The mean values of the equvalent widths (mA) observed be¬ 
tween 1951 and 1954 are: _ 


Qtnlro 

Limb 

X and S E and W 


67 

86 !32 


That the line appears as an absorption line demonstrates that its exitation 
temperature T cx is smaller than the radiation temperature T„ a for IO 830 A (cf. 
last part of Sect. 16). Oster 3 found T cx =4200°. The strengthening towards 
the limb is mainly caused by the greater number of absorbing particles (pro¬ 
portional to sec 0). 1'he weakening towards the poles might be caused either by 
a higher polar 7’ x or by a greater number of spicules in the equatorial region. 
Since the spicules are likely to be more preponderant in the polar regions, the 
first conclusion is correct: (T n ) polc ,> (7^ x ) c<t . 

■y) Ha, 2 spectrohcliograms show the dark mottles at the limb clearer near 
the poles than near the equator. That the local wing depressions are greater 
near the polar limbs is, as in the helium case, due to a greater polar excitation 
temperature; we estimate the temperature difference at 50 to 100°. 

d) The daily measures of the height of Ha, made at Arcetri since 1925, show 
that during sunspot minimum the Ha chromosphere is higher at the poles than 
at the equator (indicating a greater polar excitation temperature), whereas 
the chromosphere is nearly symmetrical at sunspot maximum*. 

1 Cf. footnote 2, p. 146. 

2 Cf. footnote 3, p. 147. 

3 1.. Ostek: Z. Astrophys. 40. 28 (1956). 

* A. K. Das and K. D. Abhyankar: Nature, Lond. 172, 496 (1953)- — Vistas in Astro¬ 
nomy 1 , 658 ( 1956 ). 

5 J. M. Beckers: Bull, astronom. Inst. Netherl. 1959, with further references. 

8 O. C. Moiiler and L. Goldberg: Astrophys. Journ. 124, 13 (1956). 

7 Personal remark by Dr. O. C. Mohlkr. 

8 M. G. Fracastoro: Oss. e Mem. Arcetri 64, 33 (1947). 
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e) Outside-eclipse observations of the chromospheric Ha and D 3 lines give 
some slight indications 1 that Ha is stronger near the poles than near the equator 
(intensity ratio «sl.2) whereas the reverse might be the case for I) 3 (intensity 
ratio ^0.8). 

£) Also the radio observations of the intensity distribution in the Sun at 
decimeter and meter waves show decidedly a polar asymmetry (cf. Fig. 97). 
Since the continuous absorption coefficient in the radio-range decreases with 
increasing temperature, the observed polar flattening might indicate that the 
polar corona is slightly hotter than the equatorial corona. The density differences 
between poles and equatorial regions seem insufficient to explain the observations. 

Summarizing we note that most chromospheric observations indicate that 
the poles have higher excitation temperatures than the equatorial regions. This 
temperature excess, already perceptible as low as in the photosphere, persists 
in higher layers and is observable in any case up to the transition layer chromo¬ 
sphere-corona. 

30. Support and heating of the chromosphere. To the old question how the 
chromosphere is supported, in other words, how it can have the observed vertical 
extension, the answer given in 1928 by McCrea is still valid: the great scale 
height is due to the intense turbulent motions, having between 2000 and 4000 km 
an average value of 15 km/sec. In the upper parts also the high temperature and 
the magnetic stress contributes to the observed chromospheric extension. 

A much more intricate problem is that of the heating of the chromosphere. 
The low chromosphere has a more or less constant temperature of 5000 to 6000°, 
rising rapidly to coronal values at heights between 4000 and 6000 km. Embedded 
in this main part are the fine mottles; they seem to have higher temperatures 
than the main part. So dissipation of energy occurs mainly in the mottling, and 
in the transition layer chromosphere-corona. 

The mechanism, usually adopted is that of heating from below, the source of 
heating being the turbulence of the photosphere, which in turn originates from 
the lower convective motions. So, ultimately the upper chromosphere and the 
corona are heated by energy coming from the convection zone. The main 
part of the convective energy (the solar flux) is of course dissipated in the 
convection zone but a small fraction of it moves upward in the form of travel¬ 
ling sound waves. It is only the curl-free part of the velocity field that is able 
to do so, and of it only those components with frequencies above a critical one 2 , 
of the order of the reciprocal of the atmospheric scale height H\ AS 4 nH; ac- 
coustic waves with longer wavelengths are reflected. Since the coronal tempera¬ 
ture is much higher than that of the photosphere and chromosphere the corona 
can only be heated by directed motions. The energy of the sound waves can be 
transformed into heat by means of hydromagnetic waves, which are perhaps 
generated by shock waves. 

The development of a theory of the aerodynamic generation of sound was 
started by Lichthill 3 ; on the basis of this theory Proudman 4 (cf. also 5 ) estima¬ 
ted the amount of the energy flux transformed into accoustic noise to be P a = 
38 oM^e (erg cm 3 sec 1 ), where o is the density, M the Mach number for the 
turbulent motions (=£um>/®») an( l « is the mean rate of energy dissipation per unit 

1 R. O. Bishop: Monthly Notices Roy. Astronom. Soc. London 116, 593 (1957). 

2 E. Schrodinger: Phys. Z. 18, 443 (1917)- 

3 M. J. Lighthill: Proc. Roy. Soc. Lond., Ser. A 211, 564 (1952). 

1 I. Proudman: Proc. Roy. Soc. Lond.. Ser. A 214, 119 (1952). 

5 W. Uxno and K. Kawabata: Publ. Astr. Soc. Japan 7, 21 (1955)- 
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mass in the convection zone. Bier MANN 1 estimated that the exponent of M might 
be somewhat lower, about 3 to 4. In the presence of a magnetic field the generation 
of sound is more efficient 2 . 

Since the turbulent energy flux is proportional to and since the fraction transformed 
into noise is proportional to f 3 — this shows the strong dependence on { of the energy 
available for heating the chromosphere and corona. With Biermann 1 it may be asked whether 
this is perhaps a way to explain the variations of chromosphere and corona during the solar 
cycle. 

The next problem is how the generated energy is dissipated. As noticed in 
Sect. 12 the average microturbulent velocity component (or, what is about the 
same: the velocity amplitude of the accoustic noise) increases with height as long 
as f/v s < 1 . The accoustic waves transform into shock waves when £/v s becomes 
of the order unity. Then the dissipation of energy becomes appreciable (Schatz- 
man 3 , following suggestion of Biermann and Schwarzschild), and this may 
explain why the chromospheric mottling becomes well visible only above h 
1000 km: at that height £f&v t , cf. Fig. 12 . Nevertheless, in the chromosphere 
below 400 km a considerable part of the dissipated energy is still lost by radiation 
and hence does not contribute to the heating. The dissipated energy is used for 
heating the gas in a more efficient way at heights where log A£<9.5 1 there the 
dissipation, being 2 q v'ljH, ergs cm " 3 sec -1 where H is the scale height, exceeds 
the emission of the gas 4 (= 5-5 X 10 " 22 T~l mainly Lyman free-bound hydro¬ 
gen emission). This explains why at heights above about 4000 km the temper¬ 
ature suddendly rises to coronal values (see the chromospheric model; Table 7). 
By backward conduction of the absorbed energy this steep rise is smoothed (for 
computations of the thermal conductivity of the chromospheric matter, cf. 
Oster 5 ). 

The energy of these shockwaves may be transformed into heat with a mechanism 
suggested by Piddington 8 : in magnetic field regions the heating maybe caused 
by hydromagnetic waves. The heating due to Joule loss of hydromagnetic waves 
is negligible 7 * 8 , but more heat is dissipated by frictional loss of energy between an 
oscillating ion plasma and the neutral atoms which tend to move independently 
but which are forced to oscillate with the ions under the impact of the ions. The 
intensity of the collisions, hence the efficiency of the effect, increases when the 
hydromagnetic waves reach regions of smaller density where the binding between 
the neutral and the ionized gases is weaker. The greatest heating occurs in the 
region where the ion and neutral atom densities are about equal; that is above 
4000 or 5000 km. Particles with energies of the order of 100 eV are emitted in 
sufficient numbers to explain the quiet corona. This mechanism explains the 
overnormal brightness of magnetic field regions; reversely the brightness of bright 
mottles and flocculi may indicate the presence of a magnetic field. 

The precise distribution of temperature with height in the chromosphere does 
not only depend on the amount of energy absorbed at various heights but also 
on the amounts reradiated and lost by thermal conduction, and further on the ex¬ 
change of radiation between the hot and the cold elements, hence on the detailed 

1 L. Biermann: Trans. Intemat. Astronom. Union 9. 750 (1957). With list of references. 

3 R. M. Kulsrud: Astrophys. Journ. 121. 461 (1955)- 

3 E. Schatzman: Ann. d'Astrophys. 12, 203 (1949)- 

4 Cf. [2], p.666 and C. ok Jagkr: in "Plasma Physics and Astrophys. Application", 
1958 Summer School, Varenna 1959- 

5 L. Oster: Z. Astrophys. 42, 228 (1957)- 

8 J. H. Piddington : Monthly Notices Roy. Astronom. Soc. London 116. 314 (1956) 
Observatory 76, 21 (1956). 

7 T. G. Cowling: in: The Sun (cd. G. P. Kuiper) Chicago 1953 . 

8 J. H. Piddington: Monthly Notices Roy. Astronom. Soc. London 114, 638 (1954). 
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energy balance. With Athay and Thomas 1 one might ask for a T(h) distribution 
such, that at each height there is thermal stability: an increase (or decrease) 
of T c j at a certain height should correspond to such an increase (or decrease) 
of energy radiation, that the temperature comes back to its earlier value. Two 
such regions of stability may occur in the chromosphere: 

1. A region of neutral hydrogen with a temperature of the order of 6000°. 
The emission is principally due to bound-bound and free-bound emissions of 
electrons in the field of hydrogen atoms. 

2. In the second region helium becomes appreciably ionized. The emission 
is mainly due to bound-bound and free-bound emissions of He II. For this 
stability region the thermodynamic equilibrium computations predict tempera¬ 
tures between 20000° and 25 000°. 

A third stability region apparently occurs in the corona where there is equi¬ 
librium between the inflow of mechanical heat and the loss by radiation, con¬ 
duction and evaporation. 

Athay and Thomas suggested that the two chromospheric stability regions 
are identical with a cool low chromospheric region and a hotter upper chromo¬ 
spheric region. Alternatively one might, however, identify them with the spicular 
and the non-spicular matter. 

B. The disturbed parts of the photosphere and chromosphere. 

I. Sunspots, 
a) The individual spots. 

31. The appearance of sunspots. The appearance of a characteristic sunspot 
is clear from the accompanying illustration (Fig. 29). A typical spot consists of 
a dark umbra surrounded by a brighter penumbra. The intensity jumps almost 
discontinuously between umbra, penumbra and photosphere, whereas it seems 
to be nearly constant in the penumbra, less so in the umbra. For roundish spots, 
not too small, there exists a definite relation between the diameter of the umbra (17) 
and penumbra (P). According to Nicholson (1933) and Waldmeier (1939): 
PjU = 3.2 — 36P (P in solar diameters), with a mean relative scatter of ±10%. 
The mean umbral area of large spots (area >5 x 10 4 visible hemisphere) is 0.16 
of that of the whole spot 2 . The penumbra always shows a bright filamentary 
structure consisting of greatly elongated granules. They are more or less radial 
with respect to the umbra. The life time of these penumbral elongated granules 
is 30 min (Maoris 3 ). Very rarely a bright ring is observed at the inner border 
of the penumbra 4 - 5 , about 2 to 3 % brighter than the average penumbra. 

The umbra proper is not homogeneous. Chevalier (1913) and later Thiessen 
(1952), from visual observations, found that the umbrae of spots may show small 
bright points like granules. This was confirmed photographically by Rosch 6 
(Fig. 30). In a number of spots a part of the umbra is filled with small bright 
points, with diameters smaller than those of the granules, perhaps smaller 
than 3 50 km. They do not form the mosaic structure exhibited by the photo- 
spheric granules but appear more as isolated points. Their life time is not yet 
known. 

1 R. G. Athay and R. X. Thomas: Astrophys. Journ. 123, 299 (1956). 

2 A. W. F. Edwards: Observatory 77. 69 (1957). 

* C. Maoris: Ann. d'Astrophys. 16. 19 (1953). 

‘ Cf. A. K. Das and A. S. Ramanathan: Z. Astrophys. 32, 91 (1953). 

5 R. Ananthakrishnan: Nature, I.ond. 168, 291 (1951). 

4 J. Rosch: l’Astronomie 71, 129 (1957). — C. R. Acad. Sci., Paris 243, 478 (1957). 
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Medium and large spots may show a bright irregular structure round the 
penumbra. It is called the “bright ring”. In the disk centre the "ring” is about 
2 to 3% brighter than the photospheric background 1 . At r,'R=0.S7, Til 11 is 



Fig. 29 . Sunspot group of February 26, 1956, photographod at the Pic du Midi. The circle has a diameter of 5". Courtesy 

J. ROSCH. 

reduced to half this value and the ring is invisible at the Sun’s limb, indicating 
that the ring is produced by a radiation excess in the deep photosphere. The 
mean relation between the diameters of penumbra (P) and ring ( R ) is P/P = 
0.62 +3.6P (P in solar diameters). 

32. The magnetic fields of spots. The magnetic field of spots is mostly perpen¬ 
dicular to the solar surface. Generally the field is of the ordet of some hundreds 


1 Cf. footnote 3 , p. 151 . 
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to some thousands of Gauss. Measurements 
of the maximum field strengths of the most 
important spots are made daily at the ob¬ 
servatories of Mt. Wilson, Potsdam, Simeis 
and Poulkovo. 

a.) Principle of measurement (Fig. 31a). 
For the measurement of strong fields in 
which the lines of force are in the direction 
of vision, use is made of the classical Zeeman 
splitting of lines in a magnetic field; in the 
central part of the disk (longitudinal field) 
the line splits into its two circularly pola¬ 
rised a components with distances A; 

AX=g- r e ^- r H = 4.7X 10"® g A* .fiT 

° 4 jme 1 ° 

(A in cm; H in Gauss). 

So, e.g. for A = 6000 A, g=l, and H = 
3000 Gauss, the distance 2AX between the 
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Fig. 30. Umbral granules. Reproduction from the »nmn photograph as the one shown in Fig. 29- 

Fig. 31a—c. Zeeman splitting of Fraunhofer lines, (a) Schematic representation of Zeeman splitting. [Drawing after 
H. von Kluber: Vistas in Astronomy 1, 731 (1956).! (b) Spectra of the Fe line 6302.5 A in and around a spot. Spot 
near disk centre, (c) Spectrum of a sunspot. Small quarter wave strips are placed before the spectrograph slit, and the 
image of the Sun in front of the slit was split by a double image prism into identical images, each polarized perpendicular 
to the other. The spectra, thus obtained are identical but for the opposite sense of polarization in corresponding strips. 
Longitudinal magnetic field component % 3000 Gauss. The telluric O, lines arc not influenced. Courtesy H. von Kluber. 
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two line-components is 0.1 A. For the "normal'' splitting of singulet lines, 
due to the orbital magnetic moments, the gyromagnetic ratio (Lande g-f actor) = 1 
Mostly g=j=l due to the contribution of the electronic spin. 


Some lines which are often used are: 

A 5250.4 (Fe) g = 2 

10 8 = 0.83 

6173-3 (Fe) 

24 

0.95 

6302.5 (Fe) 

24 

1.00 

6733-2 (Fe) 

24 

1.14 

Further we have 

10288.9 (Si) 

2 

2.12 


The accuracy of measurement is roughly ± 50 Gauss; the smallest fields which 
can be detected in this way have a strength of the order of 100 Gauss. 

For the detection of smaller fields (0.1 to 10 Gauss) H.W. Babcock 1 has 
developed an apparatus which permits in an average case to make a complete 
magnetogram of the whole disk in about 90 minutes. (The time for a whole 
scan of the Sun may vary between 15 min and 3 hours depending on the complexity 
of the solar magnetic pattern.) In the focal plane of a 25 meter Littrow (auto- 
collimation) spectrograph used in the fifth order (11 mm/A), two slits followed 
by two multipliers are placed in the steep parts of the line X 5250.2 (Fe). In 
front of the slit are placed an electro-optical retardation (A/4) plate followed by 
a Nicol prism. An alternating voltage applied to the A/4-plate varies the retarda¬ 
tion between dr A/4 with a frequency of 120 Hz. In the focal plane of the spectro¬ 
graph the line shift (8 X 10~ 5 A = 10' a mm for a field of 1 Gauss) produces an 
alternating photocurrent at the output of each of the two multipliers. The differ¬ 
ence signal is amplified, rectified and fed to a cathode-ray tube. There is a one- 
to-one correspondence between the position of the slit on the Sun’s disk and the 
position of the zero-line on the oscillograph screen. The deflections from the zero- 
line indicate the strength of the magnetic field (Fig. 44). 

Instruments in broad outline similar to the above described one are developed 
by Beggs and von Kluber 2 (limiting field strength «al Gauss), and by Mogi- 
levskij, Veller and Vald-Perlov 3 (limit 10 Gauss). 

(}) The relation between diameter, maximum magnetic field and position on the 
Sun’s disk. Between the diameters of the spots and their maximum magnetic 
field, there holds a relation depending on the spot’s position on the disk (Fig. 32). 
The maximum field is smaller when the spot is closer to the limb. This may partly 
be due to the influence of scattered photospheric light (especially for small spots) 
but, if this effect of "magnetic foreshortening” is real, it might be ascribed to 
a decrease of field strength with height in the spot. 

The relation H u (A)# =0 (Fig. 32b) may be represented, according to Hout- 
gast and van Sluiters 4 by the formula: 

H = 3700-j-p-rr (Gauss) (A in 10 e visible hemisphere). 

A i oo 

For comparison we also show the relation derived by Nicholson 8 , who gives 
somewhat lower H it values. Both relations point to maximum mean field strengths 

1 H.W. Babcock: Astrophys. Journ. 118, 387 (.*953)- 

2 D. W. Beggs and H. von KlOber: Nature, Lond. 178, 1412 (1956). 

3 M. A. Mogilevskij, A. E. Velum and V. M. Vald-Perlov: Dokl. Akad. Nauk., SSSR. 
95. 957 (1955)- 

4 J.Houtgast and A. van Sluiters: Bull, astronom. Inst. Netherl. 10, 325 (1948). 

8 S. B. Nicholson: Publ. Astronom. Soc. Pacific 45, 51 (1933). 
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of about 3500 Gauss although individual cases may yield greater values (von 
KlCbek once measured a field of 4500 Gauss). 

Mattig 1 has questioned the value of the Ii M (#) curves of Fig. 32 a because of 
the great influence of scintillation on the H M values: scintillation increases the 
contribution of scattered photospheric light in the spot-centre, thus apparently 
reducing H M near the limb. Even for a great spot (diameter 50"; A =660 X 10 6 
visible hemisphere) a fairly small scintillation ( 2 ") suffices to change a true limb- 
increase of H m into an observed de crease of H M towards the limb, as is shown by the 
table: 



Disk centre 

cos d= 0.2 

H u 

Hm 

(obs) 

(true) 

3100 Gauss 
3170 Gauss 

2330 Gauss 
3940 Gauss 


In any case the conclusion must be that the " observed ’’ decrease of H M towards 
the limb is an upper limit. Likewise, the increase of H with geometrical depth 2 



Fig. 32a and b. (a) Centre-limb variation of the maximum fiddstrength // M for spots of different areas A. (b) Variation 
of H M with A in the disk centre. Solid line after Houtgast ami van Sluiters; dashed line after Nicholson. Unit of 
Hjj . 100 Gauss, of A : 10 ~* visible hemisphere. J. Houtgast and A. van Sluiteks: Bull, astronom. Inst. Netherl. 10 , 
325 (1948). S. B. Nicholson: Publ. Astronom. Soc. Pacific 45 , 51 (1933). 


in the spot, deduced by various authors from the H M (■&) curve, is an upper limit. 
Anticipating Sect. 33 , wc notice that the function H(z) is also greatly influenced 
by the uncertainties of the umbral model. With Waldmeier’s umbral model 
and one of the curves of Fig. 32 a Houtgast and van Si.uiters 2 found dHjdz — 
5 .8 Gauss/km. With Michard's model 3 the same H M (ff) curve yields 1.5 Gauss/km, 
and with Mattig's 1 18 Gauss/km! 

For comparison we note (anticipating subsection d below) that Houtgast and van Slui- 
tkrs 2 found from the divergence of the lines of force in a spot dHjdz = 0.5 Gauss/km; and 
from the measurement of lines of different equivalent widths (corresponding with different 
levels) they found 2.5 Gauss/km. With Michard's and Mattig’s models this latter value 
would be 0.5 and 6.5 Gauss/km. 

y) Magnetic field distribution in and around the spots. The magnetic field 
distribution in and around the spots as determined by Mattig 4 is 

H =#*/(! -e 4 )e-*«\ ( 32 .I) 

where q is the distance to the spot centre expressed in the penumbral radius. 
The variation of field strength over the umbra and penumbra is quite regular 

1 W. Mattig: Z. Astrophys. 44, 280 (1958). 

2 Cf. footnote 4, p. 154. 

a R. Michard: Ann. d'Astrophys. 16, 217 (1953). 

* W. Mattig: Z. Astrophys. 31, 273 (1953). 
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and does not show the discontinuities of the visual image (Fig. 33 )- I' 1 one case i 
spot Mt. Wilson Nr. 10793, a s P ot with a symmetrical penumbra but with a rather 
asymmetric umbra, the field was determined in various directions; it appears 
that it is fairly circularly symmetric. 

The formula (32.1) is an interpolation formula, and does not take account 
of the weak fields that may occur in the facular field surrounding the spots. 

d) Divergence of the lines of force. With increasing distance to the centre of 
the spot the angle O between the magnetic lines of force and the normal to the 
solar surface increases, from 0° in the centre of the spot to nearly 90° near the 
border of the penumbra. According to Hale and Nicholson 1 , who determined 



Fig . 33 . Variation of the ficklstrcngth over sunspot*. Abscissa: q is the distance to the spot centre expressed in the 
penumbral radius. Ordinate: HfH^g. W. M attic: Z. Astrophys. 31, 273 0953)« 


this angle from a comparison of the 0 and n components, 6 is 18, 49 and 73° 
for <p=0.3, 0.6 and 0.9 respectively. 

e) The magnetic life history of a spot could be determined by Cowling 2 who 
used the daily Mt. Wilson data. After correcting for fore-shortening in the way 
indicated in subsection () above, the results shown in Fig. 34 were obtained. 

The maximum magnetic field of an average well developed spot changes 
quickly in the beginning and end stages of a spot’s life, but it remains nearly 
constant during the main life history of the spots. Maximum field and area reach 
a maximum in about 12 days, then the area decreases and the field remains nearly 
constant until the disappearance of the spot. Cowling remarks that the field 
seems to decay by the successive disappearing of the outer lines of force below 
the photosphere, not by a general diffusion. According to Grotrian and Brunn- 
CKOW 3 short periodic fluctuations with daily amplitudes of 100 to 200 Gauss 
occur during the stage of maximum development of the spot. A statistical dis¬ 
cussion of the daily Mt. Wilson measurements by Grotrian and Kunzel 4 
yields values of 250 and 500 Gauss for the daily fluctuations of field strength. 


1 G. E. Hale and S. B. Nicholson: Papers Mt. Wilson Obs. V (I, 11) (1938). 

2 T. G. Cowling: Monthly Notices Roy. Astronom. See. London 106, 218 (1946). 

8 K. Brunnckow and W. Grotrian: Z. Astrophys. 26, 313 (1949)- 

* W. Grotrian and H. KCnzel: Z. Astrophys. 26, 325 (1949). 


Sect. 33- 


Radiation and spectrum o{ the umbra; model of the umbra. 


157 


£) Magnetic flux. By means of the known relations between the spot dia¬ 
meters and their maximum magnetic fields and with the known H(o) relations 

the magnetic flux 0 can be computed from 0 = / H df. With 0 = ~ o, Mattig 

obtained 0.25 H M nb 2 where, as usual, ft is the radius of the penumbra. With this 
formula the variation of the magnetic flux with time is easily computed for the 
case of Fig. 34. It appears that 0 first increases quickly. After reaching a rather 
sharp maximum together with the maximum area, it decreases proportionally 
with the area (A), when H u remains constant. Finally, when both A and H M 
decrease, 0 decreases very quickly. 



Fig. 34. Variation of the area and the field of the leading members of a spot group. Solid line: area (left ordinate scale 
unit: 10“* visible hemisphere. Dashed: H yg (right scale), unit: Gauss. T. G. Cowling: Monthly Notices Roy. Astronom 

Sac. London 106, 218 (1946). 


33. Radiation and spectrum of the umbra; model of the umbra, x) Photometry 
of spots. The intensity profile of the spots seems to consist of a rather flat pen- 
umbral part (/// phot >«0.75) and an umbral part (//7 phot 0.2 to 0-3) 1 - The transi¬ 
tions between photosphere, penumbra and umbra are steep but are smoothed by 
scattered light and lack of resolving power. The biggest spots are also the darkest. 
The umbra has not a flat central intensity profile (the umbral granules have been 
mentioned), but the intensity may increase slowly towards the penumbra. This 
phenomenon, however, may also be due to scattering of photospheric light. 
The occurrence of bright "rings” in the photosphere around the spot and (rarely) 
in the penumbra has been mentioned (Sect. 31). There is no doubt that the pro¬ 
files become more discontinuous with increasing quality of the images (Korn 2 ). 
Fig. 35 a contains a typical intensity profile in a big spot after Das and Rama- 
nathan 3 , and Fig. 35b shows an extraordinary case of an extremely bright ring 
segment around the umbra, once photographed by Rosch. 

ft) Continuous radiation. The mean value of the integrated radiation of the 
umbral centre, measured with a thermocouple on a large spot is 0.4 ±0.10 times 
the integrated radiation of the photosphere 4 . Of course, great variations occur 
from spot to spot. The most reliable observations for spots near the disk centre 
are close to 0-3- With T efi (Sun) = 5785° K, we obtain '/^-(spot) = (0.4)1 X 
5785° K= 4600° ±300°. Many investigators measured the monochromatic 
intensity ratios umbra/photosphere, as functions of wavelength and distance 
to the disk centre. The results show a considerable scatter, especially for small 
spots, mainly owing to measuring errors (the elimination of the influence of 
atmospheric agitation and also of instrumental and atmospheric scattering is 


1 R. S. Richardson: Astrophys. Journ. 78, 359 (1933). 

2 J. Korn: Astronom. Nachr. 270, 105 (1940). 

3 A. K. Das and A. S. Ramanathan: Z. Astrophys. 32, 91 (1953). 

4 T. W. Wormell: Monthly Notices Roy. Astronom. Soc. London 96, 736 (1936). 
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difficult), partly perhaps a consequence of real differences between one spot and 
another. 

An important observation made by Wanders is that the ratio of the radia¬ 
tion umbra/photosphere does not depend on the distance to the disk centre. 

This was confirmed by meas¬ 
urements on about 30 spots by 
Michard 1 who also noted that 
the ratio decreases somewhat in 
the ultraviolet (but Michard's 
values at A^0.4|i. are certainly 
influenced by the numerous Fraun¬ 
hofer lines in that region and 
might be liable to corrections). 
From the data of Michard and 
(for the infrared) those of Pettit 
and Nicholson, we collect (cf. 
also Allen 2 ) the following re¬ 
sults: 


Continuous spectrum 

I (38085A) 


(3337 A) 


Distance 

Spot profile (KPL 9835) at different levels 


Fig. 3.ia and b. (a) Spot profiles at different level*. The flgnie dearly shows the Increasing strength of the bright ring 
in higher chromospheric levels. A. K. l)*s and A. S. Ramanathan: Astrophys. 32,91 (1953). (b) Sunspot photographed 
at the Pic du Midi, 25 February, 1957, showing extraordinary brightening of a part of the umbral limb. Courtesy 

ROsch. 


for the whole disk (except X =3300 A) 


m 

HU)IH ph) 

for A =3300 A 


cos# 0.96 0.87 0.80 i 0.63 0.48 O.27 

, (U)/H ph) | 0.12 I 0.06 0.12 I 0.06 0.06 0.03 

Ramanathan’s data 3 , yielding some 10% greater values are not included in this 
summarv. 


0.4 

0.5 

0.6 

0.8 

1.0 

... 

0.17 

0.22 

0.28 

0.37 

0.46 

0.64 


096 

0.87 

0.80 

— 

0.63 

0.48 

0.12 

0.06 

0.12 

0.06 

0.06 


1 Footnote 3 , p. 155 . 

2 C. W. Allen: Astrophysical Quantities, p. 149. 1955. 

3 A. S. Ramanathan: Z. Astrophys. 34, 169 ( 1954 ). 
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The model of the photosphere in the umbra of a "typical spot” (with accord¬ 
ing to Michakd’s assumption, an umbral area of 80 X 10"® of the visual hemisphere) 
can now easily be derived. Since /(!/)//(ph) does not depend on r/R, the ratio 
of the source functions S u (r)/S ph (r) is independent of r, and equal to the above 
ratios. It is permissible to take the source function equal to the black-body 
function. With Wien’s law we may put (following Unsold) : 

Log e [/.(A)// ph (A)]= 

The data from the above table lead to A& =0.25 for all wavelengths above 4000A. 
Hence the spot model can be obtained from the photospheric model by adding 
0.25 to all ©-values. Because of this low temperature the relative abundance 
of H' ions in sunspots is much smaller than in the photosphere, as was found by 
T. V. Krat 1 from a detailed discussion of the continuous spectra of large spots. 
The continuous absorption is chiefly due to free-free and free-bound transitions 
in the field of H + ions. The model is given in Table 8, p. 161. 

y) Line spectra. A comparison of line strengths in the umbrae of spots and 
in the photosphere permits to determine the ratios of temperatures, and pressures 
in the umbra and photosphere. A preliminary analysis of Ch.E. Moore, based 
on the calibrated Rowland intensities of the lines yielded A 0=0.19 and 
d Log = — 0.22 (umbra minus photosphere). A more refined attack, from 
TEN Bruggencate and von Klubek 2 , based on a careful photometry and on 
curve-of-growth studies yielded A 0 = 0.29 and A Log P t = — \. 43. The excitation 
temperature in the spot is 3900°. Similarly excitation temperatures of 38OO to 
4200° were found by Abhyankar and Ramanathan 3 from a study of 226 metal 
lines in spectra of four sunspots. The relatively low electron pressure in the 
spots was also found by T. V. Krat 1 from the equivalent widths of the resonance 
lines 4227 of Ca I and K of Ca II. By comparing the ionization formulae for 
the two lines and by assuming ionization temperatures of 38OO and 5040° for spot 
and photosphere he found (PAphoiK^spoi ^40. 

It appeared 2 that the horizontal part of the curve of growth was higher for 
the spot than for the photosphere. This might of course be ascribed to a greater 
microturbulence but, as an alternative solution, magnetic intensification was 
suggested 2 . In a longitudinal field a "normal” line will be split into a doublet 
of opposite circular polarisation. This will not yield any intensification since 
each doublet component absorbs only continuous light of its own polarization 
(Babcock 4 , Warwick 5 * , Hubenet*). But if each of the doublet components 
consists of many subcomponents (anomalous Zeeman splitting) an intensifica¬ 
tion may be obtained, similar to the normal fine structure intensification of spec¬ 
tral lines. (This case has been treated in detail by Hubenet®.) In the asymptotic 
case of very strong fields a line consisting of n components and situated on the 
flat part of the curve of growth will be intensified n/2 times. Generally the inten¬ 
sification factor will be much less than that. A similar reasoning applies to the 
triplet splitting in a transverse field; it was discussed by Unno 7 . 

1 T. V. Krat: Isw. Gl. Astr. Obs. Poulkovo 137. 1 (1948). 

- P. ten Bruggencate and H. von KlOber Verbff Gottingen 78 (1944). 

3 K. D. Abhyankar and A. S. Ramanathan: Astrophys. Journ. 121, 739 (1955). 

4 H. W. Babcock: Astrophys. Journ. 110, 126 (1949). 

5 J. W. Warwick: Harvard Reprint 348 (1951). — Z. Astrophys. 35, 245 (1955). 

“ H. Hubenet: Z. Astrophys. 34, 110 (1954). 

7 W. Unno: Publ. Astr. Soc. Japan 8, 108 (1957). 
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A further, presumably small intensification will be obtained in an inhomogene¬ 
ous field: if the field strength H and, hence, the splitting distance vary with 
depth the self-absorption in the line wings will be reduced (Hubenet 1 ) ; further¬ 
more each line component becomes asymmetric. 

Both aspects (intensification by anomalous Zeeman splitting and in an in¬ 
homogeneous field) have been investigated observationally. M attic 2 computed 
a curve of growth on the basis of an umbral model of a typical spot, assuming 
an inhomogeneous field with dHjdh = 5 Gauss. Line profiles were computed 
after Pecker’s exact method. The computed intensification was negligibly 
small. Warwick 3 , assuming a constant magnetic field, predicted that the in¬ 
tensification of lines with anomalous splitting patterns is too faint to explain 
the rise of the curve of growth. Zwaan 4 also investigated the intensification 
due to abnormal Zeeman splitting, using ten Bkuggencate and von KlOber’s 
curve of growth. The linear part of this curve could be determined with more 
certainty by means of high dispersion Mt. Wilson spot-spectra taken by Mul¬ 
ders. On the flat part there appear no systematic deviations for lines with few 
or with many Zeeman components. 

So the differences between curves of growth for spots and the photosphere 
must be due to microturbulence. If for the photosphere (ff)* = 1.2 km/sec and 
T exe = 5000°, and if in the spot T. xc = 3800°, we obtain with the aid of data pub¬ 
lished by Mattig: (^?)|pot = 1-9 and 3.0 km/sec, for ionized and neutral lines 
respectively. These values apply to a mean spot. There are indications that £, 
increases with height (Mattig) and that it is smaller for bigger spots (Zwaan). 
In the spectrum of spots close to the limb the Ha line is displaced towards the 
limb 5 , showing that Ha is emitted by higher levels than the photospheric spec¬ 
trum. The core of Ha in spots appears to come from h* sal 700 km (cf. Table 6 
for the normal chromosphere). 

6) The band spectra. The molecular C 2 lines arc enhanced in the spots with 
respect to the photosphere 8 (ratio of equivalent widths =3-2), whereas the CH 
lines have nearly equal strengths in both 7 . These data, compared with dissocia¬ 
tion computations 8 indicate that P p h 0 [/^pot < 1. where the pressures, of course, 
refer to the levels in spots and the photosphere where the molecular lines are 
formed. 

From a study of line intensities in the Swan band of C 2 at 5165 A Richard¬ 
son 6 found the excitation temperature of the sunspots, with respect to that 
of the photosphere: d© exc = 0.17. 

We summarize the AO values for umbra and photosphere: 

continuous radiation z 0 1.0; A 0=0.25 

line spectrum 0-3; = 0.29 

intensities in Swan bands 0.2 =0.17. 

From these data a model of a typical umbra may be derived, following Michard. 
Assuming an average value AO — 0.25, the (0, T,)-relation for the average spot 

1 Cf. footnote 6 , p. 159 . 

* Cf. footnote 1 , p. 155 . 

3 J. W. Warwick: Z. Astrophys. 35, 245 (1955). 

* C. Zwaan: Bull, astronom. Inst. Netherl. 1959 . 

3 W. Mattig: Naturwiss. 45, 104 (1958). 

* R- S. Richardson: Astrophys. Joum. 73, 216 (1931). 

7 R. S. Richardson: Astrophys. Journ. 77, 195 ( 1933 ). 

8 C. de Jager and L. Nevkn: in: Molecules dans les astres, Lifege colloquium 1956, p. 357, 
1957- 



Sect. 33. 


Radiation and spectrum of the umbra; model of the umbra. 


161 


may be derived from the photospheric model by adding 0.25 to all photospheric 
& values. Michard’s (&, r)-relation is somewhat more complicated, but it is 
questionable whether his refinements are really vindicated by the observations. 
His model was extrapolated and recomputed by Mattig, who assumed at Log r 0 = 
-3: J = 3330°. 

The values of P e and P g were derived by Mattig in several approximations 
according to Barbier’s method. The contribution of the magnetic pressure to 
the gas pressure has rightly not been taken into account: The fundamental 
equation of magnetohydrodynamics is (with v — 0): 

~ (//curl //) -f grad =q(j. 


the z-component (assuming radial symmetry) being: 


' u ( dH r iH *\ na 6 P 


In the spot’s centre H r = 0, so that the equations reduce to those used for the 
normal photosphere. Also the contribution of the turbulent pressure has not 
been added; it is small but it does not seem wholly negligible. 


Table 8. Model 0 / an umbra after Michard and Mattig . 


To 

T 

Loft P, 

l-OK P. 

h (km) 

0.001 

3330° 

391 

- 1.43 

0 

0.005 

3520 

4.28 

— 1.00 

57 

0.02 

3720 

4-59 

-0.59 

no 

0.10 

4060 

494 

— 0.05 

171 

0.30 

4400 

5-17 

+ 0.38 

224 

0.70 

4720 

5-35 

0.70 

261 

1.00 

4870 

5.42 

0.83 

278 

1.50 

5080 

552 

0.99 

299 

2.00 

5250 

5 58 

1.11 

314 


In the model thus obtained (see the Table 4) P e is smaller than at the same 
optical depths in the photosphere, as is required by the observations (Moore, 
ten Bruggencate and von Kluber, Michard, Krat). So we find: at t 0 =0.01; 
0.1 and 1: A Log P c (umbra minus photosphere) =—0.7; —0.8 and —1.2. 
Further, the pressure gradient at the same temperature is greater in the spot 
than in the photosphere. Also Berditshevskaia 1 predicts, on the basis of a 
radiative spot model, that 

(dPldh) ipot > (dP/dh) phol . 

The answer to the very fundamental problem at what height pressure equality 
occurs between spot and photosphere has not yet been given, but it might be 
found in investigations like those of Mustel 2 who draw attention to the observa¬ 
tion that the H 2 and K, emission peaks are considerably narrower above sun¬ 
spots than above the adjacent disk parts. He suggested this to be caused by a 
reduced density above the spot. This hypothesis is in agreement with direct 
visual and photographic observations that the chromosphere is lowered above 
spots, and this might be related to the Evershed effect (outflow of gases in the 
low chromosphere produce a locally reduced density). Theory (Sect. 39) predicts 

1 V. S. Berwtshf.vskaia: Astron. Zhurn. 31, 51 (1954). 

2 E. R. Mustel: Isw. Krysmk. Astrophys. Obs. 13, 96 (1955). 

Handbuch der Physik, Bd. LII. 
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a lower pressure in the spot. So pressure inequality occurs throughout the 
chromosphere and photosphere. 

The comparison of the geometrical depth scales of umbra and photosphere 
shows that a spot is perhaps a bit less transparent than the photosphere. 
This new result disagrees with Michard's who found that the spots are 
much more transparent than the photosphere. This important difference is due 
to the fact that Michard's pressures are about ten times smaller than those of 
Mattig, and this latter difference is for a factor 2 caused by a difference in P e 
(Mattig’s P e - values were determined theoretically from T(r), Michard's were 
derived empirically); for the greater part—a factor 5—it is caused by differences 
in the adopted chemical abundances [Mattig used Weidemann’s modern N(H)/N 
(metals) ratio of 2 x 10 4 ]. For the time being, we are inclined to attach some more 
weight to Mattig’s result: a spot is a photospheric region cooler than its sur¬ 
roundings and perhaps slightly less transparent. 

34. Motions in sunspots; the Evershed effect. The Evershed effect is a radial mass 
motion with velocity %, mainly in the pcnumbrae of the spots; it can best be stu¬ 
died near the Sun’s limb. The effect was discovered in 1909, later investigators 
examined its variation with height above the spot, with the distance to the spot 
centre, with the spot area, with the magnetic field, and with the distance to the 
centre of the disk. Although it should be borne in mind (Abetti 1 ) that the 
individual v E values may vary greatly in amount and direction (the weighted 
mean value being about 2 km/sec but values as great as 6 km/sec being observed), 
a fairly complete picture may be built up; it is summarized below: 

The value and direction of motion vary with the intensity and the excitation 
potentials of the lines, this signifies perhaps: with height. Faint metal lines 
show an outstreaming motion up to 2 km/sec; stronger lines show no motion at 
all, and the strongest lines (Ca + , H a ... H y ) exhibit an instreaming motion up 
to 3 km/sec. Since the strongest lines originate from the highest (chromospheric) 
layers this means that in photospheric layers matter is outstreaming. At heights 
of about 500 to 1000 km abo/e the surface, v E is zero and, at heights greater than 
2000 km, it is instreaming. The effect, discovered by St. John, was confirmed by 
the Arcetri observers. The picture is completed and further confirmed by the 
observation that for a number of faint lines in a spot with A = 350X 10~ 6 visible 
hemisphere, examined by Abetti and Michard 2 , v e decreases towards the limb: 
for cos # = 1.0, % = 2.6 km/sec, and for cos d =0.5, v E <=n\ km/sec. This also 
indicates a decrease of v E with height. 

The value of v E varies in the spot as a function of the distance to the spot 
centre. It is virtually zero near the border of the umbra, reaches a maximum 
value near the border of the penumbra and then decays outward into the photo¬ 
sphere (Kinman 3 ; see Fig. 36). It is nearly zero at a distance to the centre of 
the spot of about 1.5 times the penumbral radius. 

The maximum value of v E depends linearly on the umbral radius (17/2). 
Kinman derives the relation 

(v E ) m = (1 -7 ± 0.2) -y- + 0.56 ± 0.17 km/sec, 

where U is expressed in 10 4 km. Consequently (n E ) m; , x depends also on the area 
of the spots; this latter relation, being derived by Michard from Abetti's 

1 G. Abetti: Publ. R. Obs. Arcetri 50, 47 (1932). 

- R, Michard: Ann. d’Astrophys. 14, 101 (1951). 

3 T. D. Kinman: Monthly Notices Roy. Astronom. Soc. London 112, 425 (1952); 113, 
613 (1953). 
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observations, is represented in the following table; the velocities have been 
reduced to the disk centre. 


A (x 10 -6 hemisphere) 

34 

70 

104 

230 

340 

(u/;)ma X (km/sec) 

(reduced to disk centre) 

1.0 

1.8 

2-7 

3-7 

2.8 

Number of cases 

1 

5 

6 

9 

2 


There is some divergence between Abetti’s and Kinman’s results: for a spot 
with A =350X10"® visible hemisphere, C7/2=8800km, one finds (%) nulI =3.0 



S29B.7 1300.7 

Fig. .16. The Evershed effect. Spot spectrum obtained 2. Sept., 1955, With the McMath-Hulbert Observatory vacuum 
spectrograph. Cf. also R. R. McMath, O. C. Mohler, A. K. Pierce and L. Goldberg: Astrophys. Joum. 124, 1 (1956). 

Courtesy McMath-Hulbert observatory. 


and 2.1 km/sec, respectively. The time for the streaming matter to reach maxi¬ 
mum velocity can be computed by a simple integration. For five spots investi¬ 
gated by Kinman this value is independent of the umbral diameter and equal 
to 1.3 X10 4 sec. 

Finally, there is a relation between (%) max and the maximum magnetic fields 
of the spots (Michard 1 ) : 


H m x 10" 3 (Gauss) 

1.3 

2.2 

2.9 

3 2 

3-5 

{«E)m (km/sec) 

13 

' 2.0 

2-5 

3-7 

4-0 

n 

4 

2 

5 

9 

9 


The above picture of outstreaming and instreaming motions in and around 
the spots makes it clear that we should expect cyclonic and anticyclonic motions 
in the gas masses surrounding the spots. The Coriolis force, which produces a 
deflection to the right on the norhtern hemisphere is C = 2mv E u s\n cp where m 
is the mass of a particle with a speed v E , and u is the angular velocity of the Sun. 


1 Cf. footnote 2, p. 162 . 
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If the Evershed effect is active over a distance l, which is traversed by the par¬ 
ticles in a time t =l/v E , the relative deflection is approximately 

f = sin ?> = « ~ sin <p, 


and with 95=30°, » = 1 km/sec, 1=6x10* km, w =2.7X 10~® sec -1 , one finds 
sjl 0.08. These cyclons are actually observed in hydrogen and calcium spectro- 
heliograms (Fig. 37) where they are produced by the instreaming motion and, 
hence, have the same character as the terrestrial cyclons with a counterclock 
motion on the northern hemisphere. 



Fig. 37. A part of an /fa^ spectroheliogram of 20. IX. 1926 showing vortices and fibrils (cf. also Sect. 43). 
Courtesy L. d'Azambuja, Mcudon. 


The Coriolis force is the cause that % is not purely radial but that it has a 
small tangential component. For faint metal lines this tangential component 
has been observed (Abetti and Calamai l ). As can be expected, the sign of rota¬ 
tion is anticyclonic, that is inverse as compared with the hydrogen and calcium 
vortices because for the metal lines the motions are outstreaming, producing a 
clockwise motion on the northern hemisphere. 

35. Structure, motions and magnetic fields in a typical spot. With the data 
collected in the preceding sections we will try to construct a model of a "typical 
large spot". This attempt of course suffers to the same evil as all discussions of 
sunspots, that the various properties, measured for different spots are combined 
to construct a model of an “average” spot. It has not yet been tried to measure 
all the parameters listed below for one and the same spot, and to construct a 
model of a “real” spot. 

In Sect. 33 the temperature, pressures, and optical depth have already 
been given for a spot with an umbral area of 80x10“® visible hemisphere (the 
area of the visible hemisphere is 2 tt/?*). For such a spot we have, according to 
the relations already given: 

Total area A =350x10“® visible hemisphere. 

Umbral diameter U = 17500 km; relative intensity of umbra: 0-3- 

Pen umbral diameter P = 37000 km; relative intensity of penumbra: 0-8. 

Diameter of bright ring R = 50000 km; relative intensity: 1.03- 


1 G. Calamai: Publ. R. Obs. Arcetri 52, 39 (1934). 
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Maximum field strength H M =3100 Gauss. 

Total magnetic flux <Z> = 8x 10 21 Gauss cm 2 . 

Maximum Evershed effect in photosphere 3 km/sec. 

If we call r the distance to the centre, in km, and i the inclination of the lines of 
force to the Sun’s surface, we have 


r (km) 

H (Gauss) 

i 

Vg (km/scc) 
in photosphere 

r(km) 

H (Gauss) 

i 

vg (km/sec) 
in photosphere 

0 

3100 

0° 


14000 

600 

70° 

2.4 

2000 

3000 

10 

0 

18000 



1.5 

6000 

2500 

1 30 

1.8 

24 (XX) 

(10) 


0.3 

10000 

1500 

50 

2-7 






The variation of (%) max with height above the photosphere: 

h= 0 km: ( v E ) max = + 3 km/sec 
500 km 0 km/sec 

2000 km — 4 km/sec. 


With the models of the spot of Sect. 33 and of this section, it is possible to 
understand the heat balance of the spot, and the occurrence of the bright ring. 

We assume (cf. Kinman 1 ) that matter moves sideward through a thin super¬ 
ficial layer under absorption and emission of radiation. In the penumbral 
part it is gradually heated by the hotter layers beneath it. If the equation of 
motion is known, the heat balance may be computed. 

For an ideal gas in the steady state (for which S/3f-terms are zero) we have 
according to the first law of thermodynamics (written in terms of the Lagrangian 
time derivative): 


Dq _ De p J3(l/o) = v ,1 dP p d( l/g) \ 
Dt Dt ' Dt •/- 1 ds ' ds ) 


05.1) 


where q and e are the heat absorption and the internal energy per unit mass; 
q is the density, P is the gas pressure. 

Euler's equation of motion in the steady state form is: 


dv i dP\ 

T77 + 7i7rJ = 0 ’ 


and the equation of continuity for radial horizontal flow is 


l 8g 1 8v 
o 8s v 8s 


+ T=0. 


05-2) 


05-3) 


From Eqs. (35.1) to (35-3) one obtaines after eliminating P and o: 

os ' 41 

This expression gives the heat absorbed per second per unit mass as functions 
of the horizontal velocity component v, the temperature T and the distance s 
from the centre of the spot. In this expression the pressure does not occur, which 
is favourable in view of the uncertain value of the gas pressure and of the magnetic 
pressure contribution. 

The computation was made by Kinman 1 for a spot with a penumbral diameter 
of 2.2xl0 4 km for which the intensity profile was measured by Richardson. 
The temperature variation in the spot is found by assuming that the measured 
intensities are proportional to T*. For the (Evershed) velocities % a mean curve 
1 T. D. Kinman: Monthly Notices Roy. Astronom. Soc. London 113. 613 (1953)- 
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was derived from the observations. It appears that DqjDl is of the order of 
10 s erg g -1 sec -1 ; it is >0 for s < 2 x 10 4 km, negative for s >2 x 10 4 km and it 
approaches zero for s>4Xl0 4 km. Hence, energy is absorbed in the umbra 
and in about half of the penumbral area, and it is emitted outside this region. 
Although the total amount of emitted energy is large, yet the bright ring will 
have a relatively slight intensity, as the energy is emitted in a large area. 


b) Group of spots. 

Of basic importance for the understanding of the sunspots is: (a) that they 
occur mainly in groups, (b) that spots are transient phenomena. In this sub¬ 
division we first summarize our present knowledge of spot groups. In Sect. 39 
theories of sunspots will be discussed. 


36. Magnetic classification of spot groups; polarity law; N-S asymmetry. 
Magnetic fields of spots are regularly measured at Mt.Wilson (by a visual method), 
Potsdam (photographic), Simeis and Poulkovo. The Mt. Wilson results are 
published in the Publications of the Astronomical Society of the Pacific, those 
of Potsdam in the Astronomische Nachrichten. 

The bipolar spot group, consisting of two neighbouring spots of opposite 
polarity, is considered as the basic phenomenon and the following generally 
adopted classification scheme is based on this concept. In reading this scheme 
it should be kept in mind that a spot may not always be visible, even when the 
field is still measurable. For that reason we prefer to speak of magnetic field 
strength maxima (centres), rather than about spots. The spots always occur in 
chromospheric faculae (“plages”). The position of the magnetic field strength 
maxim(a)(um) with respect to the faculae is contained in the following classi¬ 
fication scheme. The preceding (p) part of a facula is the western part. 

Unipolar groups 

a — faculae symmetrically distributed around the field strength centre. 
ap = centre in preceding part of elongated field. 
a/ = centre in following part of field. 

Bipolar groups; two neighbouring field strength maxima of opposite polarity. 

(} = area of preceding and following centres about equal. 
ftp = preceding centre is the main member. 

/?/ = following centre is the main member. 

fiy = no clear borderline between North and South polarity regions. 


y — Multipolar groups: no regularity discernable. 

A | | J, added to the classification symbols, means that on the day of observation 

the group { d “P^ r a e r t d } at the { } limb. 

A | | 4 means that the group j ° r ' d j" d tCC * j at the day of observation. 


Of all 6384 groups classified between 1919 and 1946, 8.6% were a; 91% 
were ft and 0.4% were y 1 . This shows that normal spot groups are generally bipolar, 
the other groups are exceptions. Moreover, many of the single spots have lost 
their companion or they are accompanied by an "invisible spot”: a facular 
region with a magnetic field strength maximum without the corresponding spot. 

Generally the two members have opposite polarity. This is one aspect of the 
important polarity law. The other aspect is that, generally, all preceding spots 
in the northern hemisphere have the same polarity, opposite to that of the 
preceding spots of the southern hemisphere. Finally the distribution of polarity 


1 R. S. Richardson: Astrophys. Joum. 107, 78 (1948). 
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among the two members of a group changes sign with each new solar cycle. In 
the past cycles the polarities were distributed as follows: 


Hemisphere 
northern southern 



P 

1 

P 

Cycle 1933 to 1945 

N 

S 

S 

1945 to 1954 

S 

N 

I N 

after 1954 

N 

5 

s 


/ 


A r 

S 

N 


The mean magnetic flux of the p spots is about three times greater than that of 
the / spots. Hence the total magnetic flux changes sign between the sunspot 
cycles, producing a small field variation with a period of 22 years. The amplitude 
of this variation is of the order of 10 22 Gauss cm 1 2 , of the same order as the total 
flux of the poloidal solar magnetic field (cf. Sect. 104). 

37. Development of spot groups: the E-W asymmetry. A spot starts its life 
as a small pore in the general granulation field, diameter rs 2000 to 3000 km. 
Most of these pores soon disappear, some remain as long as one day or still longer 
and may develop further. If the spots are stable, spot groups are formed which 
within a week may cover a solar area with a diameter up to 10° and more. The 
growth of a spot group that reaches full development can best be illustrated by 
Fig. 38, in which the various stages of the spot group are indicated by Wald- 
meier’s 1 designations A ...//. The table below gives a short description. 

A. Single spot or group; pores without penumbra, no bipolar structure 1st day 

B. Bipolar group 

C. Bipolar group; major spot shows penumbra 2nd day 

D. Both major spots have penumbrae; length of group <10° 

E. Great bipolar group; many smal spots; length g 10° 5th-10th day 

F. Maximum type; length >15° 

G. Great bipolar group, without smaller companions, length J 10° 10 th- 15 th day 

H. Unipolar spot with penumbra; >2?5 

J. Unipolar spot with penumbra; P<2°$. 

The description refers to the complete development; in most cases only stage A 
is reached, or the development is A-B-A or A-B-C-B-A ... etc. The postmaximum 
phase in most cases takes much more time than the ascending part: sometimes 
the descending part takes two or even more solar rotations. Only rarely docs 
the reverse occur. In general the spot group has a short life time and within 
ten of fifteen days it is frequently reduced to a single unipolar spot. The mean 
decay time of spot groups is ten days; out of ten thousand spot groups studied 
by Gnevishev 2 only 3700 ( = e" l X 10000) had a life time as long as todays. 
Only 40 (=0.4%) stayed 50 days, three ( = 0.03%) stayed 100 days and one 
150 days. The life time depends also on the maximum group area. Roughly, 
it is 10 days for a group with area 10x10"* visible hemisphere; it is 40 d for a 
group with area 40x10"*. The life times are greatest at the lowest latitudes; 
spots at high latitudes are always short-lived. 

By means of auto-correlation analysis 3 of sunspot numbers R (cf. Sect. 96) 
and total spot areas A the mean life times appeared to be 1.7 month for R and 
1.4 month for A. The difference, 0.3 month, is probably real, and is due to the 

1 M. Waldmf.ier: Z. Astrophys. 16, 285 (1938). 

5 M. N. Gnevishev: Poulkowo Obs. Circ. 24 (1938). 

3 C. W. Allen: Monthly Notices Roy. Astronora. Soc. London 117, 174 (1957)- 
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Fig- 38 A—J. Sunspots at various stages of their development. 

A: 33.5.1956 0:11.8.1948 C: 8. 7. 1956 D: 21.8.1956 0:12.8.1956 F: 9-9.1956 G: 30. 5. 1956 H: 21.8.1956 J: 31 8. 1949 

Courtesy W. Mattig, Potsdam. 
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dissolution of large spots in many smaller ones in the second phase of their lifes. 
(These mean life times for R and A are greater than the above quoted ones 
since in taking total R and A values more weight is given to the large groups.) 

When the group is in phase F, it contains a great number of spots, amounting 
to 40 or more. At such a moment the total area of the group may be of the 
order of 1000X10 6 visible hemisphere. 

The future development of a group is often already reflected in the primary 
part of the development curve (Fig. 39)- The initial increase in the rate of growth 
is well marked for large spots; for smaller ones it is nearly absent; these latter 
spots reach their maxima earlier than the larger ones. 

The spot group covers a more or less elliptical region, the great axis only slightly 
inclined towards the Sun’s equator in such a way that the p spot has a smaller 



Fig. 39. Initial rate of growth of spots with (D) areas 150 x to - * visible hemisphere on the fourth day. J. C. Dobbie: 

Observatory 62, 289 (*939). 

Fig. -10. East-West asymmetry in the origin of sunspots. After M. Mikxaert. 


latitude than the / spot. The inclination i A of the axis increases with increasing 
heliographic latitude, cf. the following table, summarizing investigations of 
Brunner and Joy. The individual values from which the means have been 
taken scatter greatly, but the general trend is well visible. 


Heliographic latitude b (°) 

0-4 

5 9 

10-14 

15-19 

20-24 

25-29 

| 30-34 


2?2 

3?0 

r 5?s — 

6?5 

9?4 

j 11?9 

14?9 


Further i A depends on the life history of the spot; for a mean latitude it is 

7°. 8 for class B groups 
6?5 for class C-E groups 
4? 5 for class F groups. 

The E-W asymmetry was discovered by Maunder 1 in 1907: at the eastern 
half more spotgroups seem to originate than at the western half of the visible 
disk; more disappear at the western half. This is obviously due to an effect of 
statistical selection, because it seems more than doubtful that the Earth has any 
influence on the Sun. The effect was explained by Schuster 2 . Let there be a 
mean time difference AT between the moment of birth and that of first visibility 


1 A. S. D. Maunder: Monthly Notices Roy. Astronom. Soc. London 67, 451 (1907). 

2 A. Schuster: Proc. Roy. Soc. Lond., Ser. A 85, 309 (1911). 
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of the spots. Further, the visibility of all spots decreases towards the limb, due 
to perspectivic foreshortening (oc cos #). Combined with the Sun’s rotation 
this gives a preponderance of first discoveries at the eastern half, as is clear 
from a diagram given by Minnakkt 1 (Fig. 40): the abscissa gives the helio¬ 
graphic longitude (supposing for simplicity that the Sun’s axis is perpendicular 
to the ecliptical plane, the spot being at the equator). The vertical axis is the 
time axis. Spots originate at equidistant points at all longitudes between the 
points A and B. Because of the solar rotation they drift towards the right. The 
locus-time curves form a system of parallel lines, inclination (14°/day)‘ h If 
the visibility were equal at each point of the disk the number of first appearances 
would be given by the number of intersections, between —90 and +90°, of these 

lines with a horizontal one at height 
AT. There would be no asymmetry 
in the visibility. Actually, for a spot 
at heliocentric angle d the delay time 
becomes A T sec In that case more 
spots attain visibility at the eastern half 
than at the western half of the disk. 

A detailed discussion by Waldmeier 2 
and Ferrari D’Occhieppo 3 based on 
extensive observational material yielded 
the best agreement with the observations 
for a time A T of growth from birth to 
visibility zJT= 0 ? 8 ; the observations 
on the growth of spots suggest A Test 0? 5. 

It has been claimed that the E-W 
asymmetry is also valid for the visibility 
proper: at any time there should be 
more spots visible at the eastern half 
than at the western half. However, 
new statistical investigations 4 have 
made this asymmetry doubtful. 

38. Internal motions of the spots in 
groups. The spot groups exhibit syste¬ 
matic internal motions, especially in the first days after the origin of the spots. The 
main trend is a general divergence: initially the p- and /-spots move in opposite 
directions, but the preceding spots move westward more rapidly than the /-spots 
move eastward. Fig. 41 a shows the mean displacement for some 30 -day />-spots 
(the /-spots generally last shorter than the />-spots). In determining the relative 
displacement in longitude, the influence of the differential solar rotation given 
by Eq. (102.1) has been eliminated. What remains, are the differential spot 
motions in longitude. 

The westward motion of the />-spot is most rapid immediately after the 
origin of the spot. The motion slows down and the spot comes to rest when the 
group has obtained its greatest development. At that moment the spot has 
shifted over a distance of the order of 10° towards the west. Then the dissolution 
of the group sets in and the />-spot moves back eastward, but at a much lesser 


1 M. Minnaert: Astronom. Nachr. 269, 48 (1939). 

2 M. Waldmeier: Astr. Mitt. Zurich 138. 460 ( 1 939)• 

3 K. Ferrari D'Occhieppo: Mitt. Sternwarte Wien 5, Nr. 1 ( 1951 ). 

* A. Bruzek: Z. Astrophys. 33, 267 (1954). 



Fig. 41a and b. (a) Mean displacement in longitude of 30 
days lived leading spots. Monthly Notices Roy. Astronom. 
Soc. London 85, 553 (1925)- (b) Relative motions of the 
spots of bipolar groups. M. Waldmeier : Astr. Mitt. 
Zurich 138, 451 (1939). 
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speed (0°08 to 0?1 per day) and at the end of its development the spot has often 
come back to near its birthplace. The /-spot has then already disappeared. 

The /-spot moves eastward with a mean speed of 0°2 per day immediately 
after its birth; after about 5 days it comes to a standstill. For a typical example 
(which, however, shows a more than normal motion in latitude) see Fig. 41b. 

In this connection it should be remarked that the backward motion of the 
/>-spot reduces to a standstill if for the solar rotational velocity the values are 
adopted suggested by the observation of long-lived facular regions (M. D’Azam- 
buja, private communication, cf. also Sect. 102). 

The latitude motions are generally small. The maximum mean values are 
of the order of 0?02 to 0°04 per day. The general latitude drift of sunspots will 
be discussed in more detail in Sect. 104 in connection with the problem of the 
general internal motions. 

39. What is a sunspot? The answer to this question can not yet been given 
in all details, but there are indications in what direction to look for it. 

The life time of the magnetic fields of spots must be a very long one (Cow¬ 
ling *). The conductivity of matter is great in the Sun’s interior, so that any change 
in the magnetic field will be counteracted by induction currents: the matter 
can move but very slowly with respect to the magnetic fields, or in the common 
term: the fields are “frozen” into the conducting material. 

We estimate the decay time of the fields with the following computation 
based on Maxwell's equations in which the magnetic permeability fi and the 
dielectric constant e are taken as unity, and in which the displacement current 
is assumed negligibly small as compared with the current density. The latter 
is j=oE, in which a is the conductivity, E is the electric vector connected 
with II by the equation of electromagnetic induction: 

curl E = —SHjSt. 

SH/dt = — curl j/a 

curl H = 4 Jij. 

SH/dt = 1 V 2 H. (39.I) 

This equation is of the diffusion type. Apparently the field decays by diffusion 
and by subsequent neutralization. The characteristic time t 0 for this diffusion 
process is formed by approximating (39-1) as 4noHlt 0 =Hjl 8 , where l is the scale 
length of the field variations; t 0 appears to be independent of H. With l =3000km, 
or = 3 X 1CT 8 e.m.u. we obtain l 0 = 10 3 years, which is very long as compared with 
the life time of a typical spot, 10 or 20 days. So it is obvious that the magnetic 
fields of spots exist a long time before and after the visibility of the spot. These 
fields must somehow be brought to visibility, perhaps by violent convection in 
the granulation zone, in the lower part of which they originate, maybe by the 
"spaghetti process” (cf. Sect. 13). According to this process, turbulent energy 
is changed into magnetic energy till equality is reached between the mean 
turbulent energy \mv 2 and the magnetic energy H 2 /87t. With Vitense’s values: 
o = 10~ 4 , r = 0.5 km/sec, valid for the mean region of the convection zone, we 
obtain H = 1700 Gauss, which is of the correct order of magnitude. Greater 
field strengths should be produced in deeper layers of this zone. 

The image of the formation of sunspots, thus obtained, is that of magnetic 
tubes, initially slowly twisting in the deep parts of the convection zone. In 

1 T. G. Cowling: in: The Sun (ed. G. P. Kuiper), [1], p. 545 . 1953- 


Hence 
and with 
we obtain 
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this respect, it perhaps is essential that the characteristic diameter of a well 
developed spot group, 10® km, is of the same order as the assumed thickness 
of the convection zone, and that the time for a convection element to rise through 
the zone is of the same order as the life time of great spot groups 1 . Somehow 
these fields are brought to the surface and produce there the associated pheno¬ 
mena. That spots are not observed near the solar poles is sometimes suggested 
to be due to the inhibition of convection by the poloidal magnetic field, which 
has its greatest vertical component near the poles. In the equatorial regions 
the poloidal field does not appear, whereas the large, but weak toroidal fields 
occurring in low latitudes might be caused by the generating effects described 
above. 

Any theory of sunspots should explain why spots are found in pairs with 
opposite polarities. Two fairly early suggestions are (a) those of Hale who thought 
of a horseshoe-like field reaching with both ends at the surface, and (b) that of 
Bjerkness who thought of long toroidal fields closed around the Sun’s axis 
and lying below the surface. As Parker 2 showed, such a horizontal magnetic 
flux tube in an electrically conducting atmosphere is dynamically unstable; it 
is buoyant and thus tends to rise, to become visible as sunspots. This applies 
equally well to toroids as to twisted magnetic fields 3 ; hence supporting the two 
early suggestions, but modified in such a way that the fields exist long before, 
in the form of twisted or toroidal tubes, in the lower invisible part of the con¬ 
vection zone. 

Another paper discussing the toroidal theory in a modem form is by Bul¬ 
lard 4 . Alfven 5 , on the other hand, assuming that the internal solar field is 
mainly orientated in meridional planes, suggests that sunspots are associated 
with magnetohydrodynamic disturbances propagating along the lines of force 
of this field, and this view is supported by arguments of Ferraro and Kendall 8 : 
the magneto-mechanical forces arising from the convective motions which should 
bring the spots upward, seem too great to be compatible with the observed photo- 
spheric large-scale velocity fields. 

It is difficult to decide on observational grounds between the various sug¬ 
gestions, although the observations of the evolution of magnetic regions by the 
Babcocks perhaps favors the concept of a submerged field that occasionally 
rises in loops to the surface. 

If next we turn to the individual spots, the question arises why the spots arc 
cooler than the surrounding photosphere. The low surface temperature of the 
spots cannot be due to a cooling at birth after which the spots are heated by the 
surrounding photosphere: the opacity is too small and the observed sharpness 
of the spot intensity profile indicates the existence of another, conservative, 
cooling mechanism. It is probable that the low temperature is kept by the strong 
magnetic fields inhibiting convective transport of energy, thus causing a steep 
temperature gradient in the spot’s outer part (Biermann 7 ). A strong magnetic 
field suppresses convective motions by the effect of Foucault currents. No 
convection will occur above the depth where the magnetic energy density is 
of the same order as the energy of turbulent motions. For H —2000 Gauss and 

1 C. de Jager: Vistas in Astronomy 3 (1959). 

2 E. N. Parker: Astrophys. Journ. 121, 491 (1955). 

3 P. H. Roberts: Astrophys. Joum 124, 430 (1956). 

1 E. C. Bullard: Vistas in Astronomy 1, 685 (1956). 

5 H. Alfven: Cosmical Electrodynamics. 1950. 

6 V. C. A. Ferraro and P. C. Kendall: Astrophys. Journ. 124, 443 (1956). 

7 L. Biermann: Vjschr. Astr. Ges. 76. 194 (1941). 
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for B6hm-Vitense’s model of the granulation zone this equality occurs for 
Log /' = 7-5, hence near the upper part of the convection zone, but still well 
below the photosphere. In the deep layers convection is not prevented. This 
might perhaps be the reason why Rosch’s observations show but faintly devel¬ 
oped umbral granulation elements, which do not even occur in all spots. 

A second cause for the low temperatures of sunspots might be the magnetic 
evaporation of hot ions and electrons in a divergent magnetic field 1 * . A hydrogen 
ion and electron pair with energy W traversing the sunspot’s magnetic field 
undergoes an upward force (WjH) grad II. This force is for an average spot 
greater than the gravitation force on the ion if W > 3 eV. So the hot ion pairs 
will be evaporated from the spot. The mechanism is effective in regions where 
the Larmor frequency of the ions exceeds the collision frequency, and also effective 
in the upper less dense parts of the atmosphere. 

So a spot proper is rather shallow, as far as cooling is concerned, but the 
magnetic field, to which the cooling is due, may penetrate deep into the granula¬ 
tion zone. On the basis of this image Sweet* suggested to explain the Evershed 
effect and the bright ring: the convective energy flux, coming from below, is 
prevented to ascend in the spot region and escapes sideward. An estimate shows 
that the computed velocities are of the right order of magnitude, but it is difficult 
to explain with this model why the Evershed effect is also observed above the 
umbra. 

According to Schluter and Temesvary 3 the pressure in the spots should 
be less than in the neighbouring regions. It is this pressure difference that prevents 
the magnetic field from expanding sideward. 

The above picture of sunspots is just the opposite from the one generally 
assumed before 1940 when it was thought that sunspots were big convective 
regions, where the low temperatures follow from the adiabatic expansion of the 
ascending gas. We now know that in the uppermost part of the spots convection 
is inhibited by the magnetic field. 

II. Photospheric and chromospheric faculae. 

The faculae are bright structures on the disk, mainly visible in spectrohelio- 
grams of the strong Fraunhofer lines (Figs. 18, 19 and 37 ) and also, faintly, visible 
in the continuous spectrum, but only close to the Sun’s limb. The first are called 
the chromospheric faculae, the last are the photospheric faculae, but both names 
apply to the same structures viewed in high and low parts of the solar atmosphere. 
There is a strong relationship between faculae and sunspots: spots, even the 
smallest, always occur in faculae, although the converse is not true: often small 
facular areas occur without spots. 

a) The faculae proper. 

40. Photospheric faculae; structures and relation to sunspots; development. 
The photospheric faculae appear as bright structures around sunspots, with 
areas about four times greater than those of the spot groups. Their latitude 
distribution is nearly the same as that of the spots, but they may occur in a 
somewhat (15°) broader belt, to about 10° higher and 5° lower than the spots. 

I W. H. Bostick: Discussion remark in I.A.U. symposium 6, 273 (1958). 

II P. A. Sweet: Vistas in Astronomy 1, 675 (1956). 

3 A. SchlOter and S. Temesvary: I.A.U. symposium 6, 263 (1958). 
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The mean latitude is somewhat higher than that of the spots. Small rather short¬ 
lived faculae appear in latitudes around 6 = 70°. These polar faculae will be 
treated in Sect. 42. 

At the minimum of sunspot activity the mean percentage of the facular 
areas not connected with spots is 30 % ; this value decreases to 6% at the maximum 

of solar activity. For the 
total number of facular 
centres these values are 
60 and 25% respectively. 
This shows that the facu¬ 
lae which contain spots 
have a greater mean area 
than those which do not. 

Upon close examina¬ 
tion (ten Bruggencate 1 , 
Waldmeier 2 ) the faculae 
appear as a network of 
aligned mottles. The a- 
lignements have widths 
equal to the diameters 
of the knots: 5000 to 
10000 km and lengths of 
the order of 50000 km; 
figures that greatly re¬ 
semble the coarse mottling 
observed in spectrohelio- 
grams. There is more cor¬ 
respondence: the mottles 
have diameters of the 
order of 4000 to 6000 km, 
and they are composed of 
facular granules with dia¬ 
meters of the order of 
1000 km or somewhat 
greater. So we find again 
the three kinds of ele¬ 
ments already observed 
in spectroheliograms. In 
the photospheric faculae 
these characteristic chro¬ 
mospheric structures thus 
seem to descend down to 
the upper photospheric 
layers. A photometric in¬ 
vestigation of ten Brug¬ 
gencate 1 has shown that 
at least part of the background of the facular region is about 10% brighter 
than that of the surrounding photosphere. The granules, knots and the aligne- 
mcnts are superposed on this background. 

1 P. ten Bruggencate: Z. Astrophys. 19, 59 (1939). 

2 M. Waldmeier: Helv. phys. Acta 13, 14 (1939). 



Fig. 42. Development of a big spotgroup and of the corresponding facular field 
during solar rotations No 1236 — 124 5, February to October 1946. M. Wald- 
mtifr : Frgcbnisse und Probleme dcr Sonnenphysik. p 203. l.eipzig 1955. 
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The life times of the facular granules are about 6 to 7 minutes according to 
Maoris 1 and 1 to 2 minutes according to Krat 2 - 3 and Goldberg-Rogosins- 
kaja 3 . Earlier estimates gave life times of 1 h and more, but these probably 
refer to complexes of granules, perhaps to the coarse mottles. 

The development of the spot faculae is closely related to that of the spots. 
Sometimes they originate together with the spots, often some hours to some 
days earlier. Initially the faculae show the bipolar character of the spot group; 
they cluster on the two main members and in some cases these two centres remain 
visible even after the disappearance of the /-spot. The facular centres follow 
the divergent motions of the spots. 

The greatest facular brightness is reached after the first few days; later the 
facular fields become larger but the brightness diminishes. During their develop¬ 
ment they tend to extend in latitude direction, especially towards greater lati¬ 
tudes. The differential solar rotation causes the initially more or less circular 
field to elongate in longitude and to become oval. This makes clear why the 
axis of the oval facular field is not parallel to the Sun’s equator but shows an 
inclination, analogous to that of the bipolar spot groups. After many solar 
rotations the long-lived facular fields may reach considerable lengths, as is 
illustrated by a characteristic example in Fig. 42. The faculae occurring in this 
figure were followed during at least ten solar rotations. The corresponding spots 
appeared only during the first three rotations. Observations show that in general 
the mean life time of the faculae is about three times greater than that of the 
corresponding spots. The end stage of the facular field is its resolution into 
many smaller centres, which gradually dissolve. Especially during sunspot 
maximum and some years thereafter the Sun is covered by many facular fields, 
which may be so numerous and so extended that they combine and form long 
alignments of facular fields in the sunspot belts. 

The facular areas are largest near sunspot maximum. However, in the first 
few years after maximum, the zone occupied by faculae still extends in latitude, 
indicating that the number ot tacular centres may become greater, while their 
mean areas become smaller. 

The faculae not associated with spots are smaller than the associated ones 
and their life times are smaller than those of the spot faculae, viz. two months 
or less. They never reach the great brightness of the spot faculae. As a rule, if 
a facular area is bright, a spot has occurred or will occur in it. 

An E-W asymmetry of facular distribution has been claimed 4 ; the faculae 
should be preponderant on the east side. However this assertion is not con¬ 
firmed 8 . 

41. Photometry of photospheric faculae; model. As has already been mentioned 
in Sect. 40 the detailed photometry shows that the facular granules are super¬ 
posed on a background which, itself, seems to be brighter than the neighbouring 
photosphere. The following table summarizes the values of the mean intensity 
fluctuations, as determined by ten Bruggencate : 

Excess of granular background over photosphere 10% 

Mean AI/I in granule region ±10% 

1 C. Macris: Ann. d’Astrophys. 16, 19 (1953). 

2 V. A. Krat: Isw. Gl. Astr. Obs. Poulkovo 152, (1954). 

3 V. A. Krat and N. M. Goldberg-Rogosinskaja: Isw. Gl. Astr. Obs. Poulkovo 155 
(1956). 

* E. W. Maunder: Monthly Notices Roy. Astronom. Soc. London 80, 724 (1920). 

3 G. H. A. Archenhold: Observatory 64, 165 (1941). 
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The brightest faculae are 40 to 45% brighter than the photosphere; Mu- 
stel 1 estimates that this latter value may even go up to 150%. 

The centre-limb variation of the brightness of the unresolved faculae has 
been measured both for the integrated (Wormell 2 * ) and for the “monochromatic'' 
radiation; the values in the Table 9 give the brightness of the unresolved faculae 
expressed in that of the neighbouring undisturbed photosphere. 


Table 9. 


COS & 

3900 A 

4330 A ‘ 

SOOOA 

5780 A* 

Total 

radiation* 

0.52 



1.08* 



0.6 


1.04 


1.02 


0-7 


1.06 


1.03 

1.020 

0.S 


1.10 


1.04 

1.025 

0.9 

1.28 4 

1.14 

1.16 4 6 

1.10 

1.040 

0.94 

1.15 s 


1.10 s 



0.95 


1.17 


115 

1.060 


It is not impossible that the values at 3900 and 4300 A are not really photo- 
spheric and that there is a small chromospheric contribution from the numerous 
Fraunhofer lines in that region. So the true values might be smaller. On the 
other hand, all values given above do not refer to the true facular elements but 
to the unresolved mean facular areas, and for that reason the values for the true 
facular granules should be greater than the tabulated ones. According to Wald- 
meier® maximum brightness is obtained at WR =0-945- Very close to the limb, 
the faculae are invisible, but this decrease of brightness near the very limb 
may be due to the effect of perspective; in reality the brightness may continue 
to increase towards the limb. The existence of the chromospheric faculae on top 
of the photospheric ones indicates, in any case, that the photospheric local rise 
in temperature continues at least some thousands of kilometers into the chromo¬ 
sphere. 

An important fact is that the ratio of total intensities (last column of the table) 
depends on rjR ; hence the faculae are not in radiative equilibrium. Obviously 

in the upper regions the facular temperature is higher 
than the photospheric temperature at the same mono¬ 
chromatic optical depth. Since the faculae disappear 
in the centre of the disk, the temperature increase 
in the high layers must be compensated by a relative 
decrease of temperature in the lowest. 

Assuming A T as 100° at r «« 0, a (T, r) model of the 
facular region was derived by Reichel 7 from each of 
the given sets of the photometric data. In his model 
AT reaches its maximum value at r 4100 =0.2 (AT = + 350°), it is zero at r 4loo = 
0.9; the extrapolated and uncertain value at t 4100 =2.0 is about — 300 °. The 

1 E. R. Mustel: in: Theoretische Astrophysik by V. A. Ambartsumian a. o., p. 320. 
Berlin 1957. 

2 T. W. Wormell: Monthly Notices Roy. Astronom. Soc. London 96, 736 (1936). 

2 R. S. Richardson: Astrophys. Jonrn. 78, 359 (1933). 

4 T. V. Krat: Astron. Zhurn. 24, 329 (1947). 

5 V. A. Ambartsoumian and N. Kosirev: Poulkovo Obs. Circ. 2 (1932). 

6 M. Waldmeier: Z. Astrophys. 26. 147 (1949). 

7 M. Reichel: Z. Astrophys. 33, 79 (1953). 
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gas and electron pressures in this model of the mean faculae are nearly equal to 
those for the photosphere. It should be kept in mind that this model applies 
to the unresolved faculae (AI/I \0%), and perhaps not to any physically 
existing part of the Sun. 

42. The polar faculae. The polar faculae are small, roundish, and occur only 
in the polar regions. In contrast to the faculae of the main zone they are isolated 
mottles with a mean diameter of 2300 km 1 ; the observed values ranging largely 
between 1800 and 3000 km. They seem evenly distributed over the polar regions 
up from latitudes of about 68°; in lower latitudes their surface density decreases 
with decreasing latitude. The (perspectivic) reduction of visibility towards the 
limb causes that maximum visibility occurs at a distance to the disk centre of 
0.945 (the same distance as for the equatorial faculae), and this effect simulates 
the existence of two polar facular bells instead of polar caps. 

The life times of the polar faculae vary from a few minutes to two or three 
days, with a mean life time of 0^5- Considerable intensity fluctuations may occur 
with an average period of \ hour. 

Waldmeier 1 suggested that the polar faculae occur mainly in the years around 
the sunspot minimum and especially at the descending branch of the sunspot 
curve; their frequency seems to be less at the ascending branch. Another sug¬ 
gestion of Waldmeier, that the polar faculae have some connection with the 
polar rays of the corona and perhaps with the general solar magnetic field, is 
supported by the apparent agreement between the two following observations 
which, isolated as they are, still might be an indication: in 1955 the polar faculae 
were still well visible near the S-pole, whereas their number was greatly decreased 
near the N-pole. At the eclipse of 20 June 1955 the south polar rays had the 
same intensity as at the minimum, whereas the north rays were hardly visible. 

43. Structure and development of chromospheric faculae. The chromospheric 
faculae are principally studied on H and on K (Call) spectroheliograms; they 
were investigated on metal line spectroheliograms by D’Azambuja. They have 
many properties in common with the photospheric faculae of which they form the 
chromospheric extension, but they are well visible on the whole disk. In the 
cores of strong lines they cover even the big sunspots. The most brilliant faculae 
are those observed in K 3 (Call). 

The interpretation of the observations will give insight into, and must be 
based on the model of the disturbed chromosphere and of the profiles of the 
Fraunhofer lines. The theory should explain why faculae are bright in the centre 
of a certain line and dark in its wings, or why they are bright in the red wing 
of a line and dark in the violet one etc., cases that are actually observed. 

Another question is what is the essential difference between the structure of 
the normal, undisturbed spectroheliograms and the chromospheric faculae. The 
chief difference seems simply to be the areal density, of hot elements, i.e. high 
resolution spectroheliograms (cf. Fig. 17) show faculae to be solar regions more 
densely beset with the same kind of bright fine mottles that occur on the nor¬ 
mal chromosphere. 

Much of what has been said of the structures and development of photospheric 
faculae ( p.f.) remains true of the chromospheric faculae (c.f.). The apparent 
sizes of the c.f. may be somewhat greater than those of the p.f., but this mainly 
reflects the greater intensity of the chromospheric structures. Also in the chromo¬ 
spheric faculae differences in size are found, e.g. between K 3 and Ha. A 


* M. Waldmeier: Z. Astrophys. 38, 37 (1955). 
Handbuch dor Physik, Bd. LII. 
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difference between c.f. and p.f. is that the relation of the c.f. with the general solar 
background is much clearer. A glance at the K 3 images shows e.g. how the c.f. 
quite naturally fit into the structure of the normal Sun: the normal network 
of coarse mottles continues into the facular area and the coarse network 
has the same mean size. On high resolution spectroheliograms we also see the 
5000 km elements and the fine granular mottling, with a mean size of 1000 or 
2000 km. The only difference with the undisturbed Sun seems to be that the 
number of fine granular mottles is greater in the faculae than outside. This 
number is greater in the 5000 km elements (which are composed of some tens 
of fine mottles) and it is also greater in the large scale ahgnements of the 5000 km 
elements, and in the space between the lines of this "network”. On Ha filtergrams 
Kiepenheuer 1 found two kinds of faculae. The "normal” Ha faculae consist 
of bright facular mottles, diameters <2000 km. In the spot groups the faculae 
show a more amorphous structure, not resolvable in single mottles. 

Quantitative photometric measurements of faculae are not available, nor is 
it known whether the "background” between the granules is brighter as com¬ 
pared with that of the normal Sun. Precise photometric measurements of facular 
areas on spectroheliograms are highly desirable. 

The size of the c.f. depends on the lines and the wavelengths in which the 
images are made. In many cases they are more or less elliptic, in other cases 
irregular. The ratio of the number of elongated to irregular groups increases 
before sunspot maximum and decreases after maximum 2 , so that after maximum 
the irregular groups are dominant. The axes of the elliptical faculae show an 
inclination towards the solar equator, the west point being closest to it; the 
inclination ranges between 0 and 40°, in a few cases it reaches 90° (Butler 2 ). 
It is not clear whether this inclination can be completely explained by the in¬ 
fluence of the differential solar rotation: long-lived facular regions do not seem 
to change their axis appreciably in the course of their life. 

The life time of the photospheric faculae, determined by autocorrelation ana¬ 
lysis of the curve giving their total visible area versus time, is 80 days 3 , but the 
chromospheric faculae may have life times of 200 to 300 days or more. So they 
exist much longer than the accompanying spots. The spots are generally formed 
shortly after the facular area, which is first condensed and brilliant, and which 
afterwards increase in area to become more irregular, dispersed and more patchy. 
The origin of spots can often be traced in the chromosphere some hours before 
the spots become visible 4 : then in Ha spectroheliograms a very bright c.f. appears 
at the place, where some hours later, the spots will be born. When, after some weeks 
or months, the spots have disappeared the facular region does still exist. Finally 
the facular area merges into the chromospheric network. Never has an abrupt 
disappearance of a facular region been observed. 

Only in few cases has a life time shorter than half a rotation (14 d ) been 
observed. Such a case is e.g. the remarkable onset of the new solar cycle, on 
August 13, 1953- A very small facula appeared at +52° latitude, it remained 
visible till the next day. Two little spots appeared in this area, the highest spot 
group ever observed. Magnetic observations showed the inversion of magnetic 
polarity, as compared with other spot-group observations, indicating the start 

1 K. O. Kiepenheuer: Z. Astrophys. 42, 209 (1957). 

2 C. P. Butler: Monthly Notices Roy. Astronom. Soc. London 82, 334 (1922): 84, 134 
(1924). 

3 C. W. Allen: Monthly Notices Roy. Astronom. Soc. London 117, 174 (1957). 

4 M. Waldmeier: Z. Astrophys. 14, 91 (1937). 
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of the new cycle 1 . Also in other cases the start of a new cycle was accompanied 
by the occurrence of small, short-lived but bright faculae; in 1923 such a facula 
was observed at -(-64° but without spots 2 . 

The fine structure of a facular field has been studied by Lippincott 3 on Ha 
filtergrams taken by Lyot, and by Kiepenheuer 4 on Ha filtergrams taken at 
the Freiburg-Capri station. The chromosphere around sunspot groups is character¬ 
ized by a complex of fine dark 
filaments (thickness fn 2000 km, 
average length 12000 km) that 
may extend to fairly great dis¬ 
tances from the spots (see Fig. 3 7). 

Contrary to the solar vortices, 
they do not show the cyclonic . 
form but their forms rather sug- ] 
gest a magnetic explanation. R 
They are very thin, and only 
under good observing conditions 
are they observable up to great 
distances. According to Lippin¬ 
cott these "fibrils” show fluc¬ 
tuations in times of the order 
of 0^5 (range: some minutes to 
more than one hour) but they per¬ 
sist for a longer time, of the order 
of one day (Kiepenheuer 4 ). In 
the same region of a centre of acti¬ 
vity they are all orientated in the 
same way; their apparent velo¬ 
cities are 7 km per hour. 

44. The “visibility”, spectra 
and temperatures of chromo¬ 



spheric faculae. According to Pig. 43 a—c. Visibility of chromospheric faculae, in an arbitrary 

D '. 5 >> t scale 1 ... 5 . Dashed: line profile. Shaded: line core, and slit 

AZAMBUJA tne Visibility OI width, (a) Fe 4384. (b) Fe 4202. Positive visibility denotes that 

the chromospheric faculae gener- \Z 

ally shows a maximum value in intensity is expressed in the local continuum outside the line. Ab- 
, , ,, r . scissa: wavelength distance in A. M. A. Ellison: Publ. Obs. 

the line centre, where the faculae Edinburgh 1 , No. 5 ( 1952 ). 

are observed as bright structures. 

A visibility minimum occurs at some distance to the line centre, but further 
outward the visibility increases again to reach two pronounced maxima, 
generally higher than the central visibility maximum, at symmetrical points 
in the line wings. Also in the line wings the faculae are still bright (Fig. 43). 
With the known profiles of the Fraunhofer lines in the undisturbed photosphere, 
and with such visibility curves, the facular line profiles may be constructed, at 
least qualitatively. D’Azambuja estimated that one unit of this intensity scale 
corresponds with an increase of intensity of 10%. The communicated curves 
(Fig. 43 ) are mean values and do not take account of the facular fine structure. 


1 H. W. Dodson: Publ. Astronom. Soc. Pacific 65, 256 (1953). 

M. D'Azambuja: L’Astronomie 67, 430 (1953). 

3 S. L. Lippincott: Ann. d'Astrophys. 18, 113 ( 1955 ). 

* K. O. Kiepenheuer: Z. Astrophys. 42, 209 (1957). 

8 L. D'Azambuja: Ann. Obs. Meudon 8, II (1930). 
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Noteworthy is the Sr II line 4078 A, where the faculae are not or hardly visible 
in the line centre, and where they are dark in the wings. Also the Fel line 4202 A 
is interesting; it shows bright faculae at the short wavelength wing and dark 
ones at the long wavelength side. The lines Fel 4104 A and 4132 A do only reveal 
the faculae in the line centre. 

The line profiles of Hoc in facular areas of various intensity were studied by 
Ellison 1 (Fig. 43 c). The faint faculae are bright in the line centre, dark in the red 
wing and nearly invisible in the violet wing. Brilliant faculae are bright every¬ 
where. In the higher members of the Balmer series up from Hy, the faculae are 
dark. 

The Ca + faculae are by far tire brightest and the most extended. Especially 
in K 3 they are very bright and diffuse, whereas they are smaller and show sharp 
boundaries in K lt as they do in the photospheric faculae. According to various 
authors the transition from diffuse to sharply bordered structures takes place 
between 2 and 6 A. At A As 10 A (line depression < 20%) the structures do 
not differ from the photospheric faculae. 

The facular spectra have been investigated in several ways: A comparative 
study of curves of growth of faculae, of the adjacent photosphere and of solar 
type main sequence stars by Mitropolskaja 2 has shown that the temperature 
difference: facula minus photosphere is 65 to 120°, if lines of neutral elements 
arc used, and 190 to 300° for ionized atoms. If we take account of the facular 
fine structure and assume that -J- of the light comes from the faculae, and § from 
the interfacular photosphere, these values become 2 to 3 times greater. The 
analysis of these results suggests that the faculae and the photosphere differ 
mainly in their ionization temperatures. 

A study of the line profiles shows that the central intensity of Ha and H/f 
(and also of H y, for very bright faculae) exceeds that of the photospheric profile 3 
and that the higher members of the Balmer series show dark faculae. This again 
shows that the excitation temperature of the faculae increases with height. For 
A <4000 1cm the number of second-level H atoms is greater in the faculae than 
in the quiet chromosphere 4 5 while the reverse holds for AT Ca + (cf. also Fig. 20). 

Flash spectra of the chromosphere in active regions give information on the 
structure of the uppermost parts of the facular fields. The difference between 
the quiet and the active chromosphere was explained by Athay and Thomas 3 
by assuming in the active regions a larger proportion of the hotter chromospheric 
elements, thus confirming the viewpoint deduced from spectroheliographic 
studies. A similar viewpoint was expressed earlier by Mustel 6 ; the bright hy¬ 
drogen flocculi were assumed to be produced by a gas with 10 4 <2^<2X 10 4 °K. 

As to the detailed structure of the facular line profiles, Reichel finds that the 
visibility minimum at the borders of the line core can be explained by a small 
increase of the microturbulent velocity component. The increase computed for 
various types of lines is in most cases of the order of 0.15 km/sec; for the Sr 11 
line it should be 0.35 km/sec. The central brightening should be due to an in¬ 
crease in the radiation temperature for the layers where the line centres are 
formed; the increase in the wings is caused by this effect and by a higher excita- 

1 M. A. Ellison: Proc. Roy. Obs. Edinburgh 1 (5) (1952). 

2 O. N. Mitropolskaja: Isw. Krymsk. Astrophys. Obs. 8, 93 (1952); 11, 152 (1954); 
15, 130 (1955)- 

s E. R. Mustel: Isw. Krymsk. Astrophys. Obs. 7, 3 (1951). 

4 V.A. Krat, T.V. Krai and L. M. Pravdouk: Isw. Gl. Astr. Obs. Poulkovo 158, 1 (1958). 

5 It. G. Athay and R. N. Thomas: Astrophys. Journ. 125, 788 (1957). 

0 E. R. Mustel: Isw. Krymsk. Astrophys. Obs. 17, 162 (1957). 
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tion and ionization temperature ("number effect”). Kiepenheuer 1 and Gio- 
vanelli* have suggested that the faculae are heated by electric currents, induced 
by changes of the magnetic fields in the chromosphere and photosphere (cf. 
Sect. 73 ). In Sect. 30 reference is made to Piddington’s criticism to this mecha¬ 
nism and to the mechanism of heating by hydromagnetic oscillations of a partially 
ionized plasma in a magnetic field. 

45. The magnetic fields of faculae. With the refined observational technique 
described in Sect. 32 , Babcock and Babcock 3 in 1952 started a program on a 
routine basis of daily magnetic mapping of the Sun. Apart from the poloidal 
magnetic field of about 1 Gauss, only observable at high latitudes, there are two 
other kinds of fields observed in patches at lower latitudes. The stronger appear 
as areas of opposite magnetic polarity, the bipolar magnetic (BM ) regions. A few 
of the strong magnetic fields are more complex and may be classed as multipolar 
magnetic (MM) regions. In the BM regions there is, generally, about equality 
of positive and negative magnetic fluxes. A very few areas of moderate or small 
magnetic intensities are unipolar magnetic (UM ) regions. 

In the BM regions the distribution of magnetic polarity among the preceding 
and following parts is the same as that in the preceding and following sunspot 
groups of the same cycle and the same hemisphere. So the BM regions, strong 
or weak, follow the polarity law of sunspots (cf. Sect. 36 ). Generally the following 
part of a facular region has the greatest latitude. 

The BM regions have a similar but longer life history than the faculae. Ini¬ 
tially the faculae are small (some minutes of arc in extension) and have a strong 
magnetic field of the order of several Gauss. The magnetic field always appears 
first. The typical strong BM region soon develops spots and faculae. As the 
region ages it expands; the spots disappear first, then the faculae, leaving the 
weak extended and patchy BM field. The magnetic field seems to be the funda¬ 
mental physical entity, while the spots and the faculae are secondary. Many 
weak BM regions do not develop spots or faculae. The largest BM regions may 
extend over one tenth of the hemisphere, but the field, then, is generally weak, 
about a fraction of one Gauss. Some weak BM regions may persist for several 
days only; the main BM regions may sometimes last even up to eight or ten solar 
rotations as the faculae may do. Rapid fluctuations, of the order of one Gauss 
may occur in about half an hour. 

Spots occur only in the BM regions when they are young. Faculae are always 
associated with BM regions when the field intensity is greater than 2 Gauss. 
Only in a few cases can the brighter Ca + faculae not be matched with BM regions. 
The positions of filaments near the faculae seem to be determined by the magnetic 
fields: often filaments mark the borderline between regions of opposite polarity 
in a BM region, or they occur around the region, thus forming a kind of general 
borderline. They may delimit BM regions on the high latitude side. The poleward 
motions of filaments observed by D’Azambuja 4 ( 1 °/rotation) generally results 
from an expansion of the BM regions (cf. Sect. 63 ). 

There is a correlation between BM regions and regions of enhanced coronal 
activity. The bright coronal arches, which extend above the faculae, may prove 
that the vertical extent of the magnetic regions is of the same order as their 
horizontal extent. 

1 K. O. Kiepenheuer: Ann. d’Astrophys. 9, 42 (1946). 

2 R. G. Giovanelli: Monthly Notices Roy. Astronom. Soc. London 108, 163 (1948). 

3 H. W. and H. D. Babcock: Astrophys. Journ 121, 349 (1955). 

4 See footnote 1 , p. 231. 
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The UM regions, which are relatively rare, occur in the same latitudes as the 
BM regions. They have rather small magnetic fields, ranging from 0.1 to 3 Gauss, 
and cover a rather large area, about 0.1 to 0.2 of the disk, with badly defined 
borderlines. 

There is no trace of coronal or chromospheric brightening above UM regions. 
It is suggested (Babcock) that the UM regions are the remnants of old BM 
regions, and that they may be identified with the so far hypothetical M regions 
(cf. Sect. 47). 



Fig. 44. Magnetoheliogram of July 19, 1953. The Sun’s axis is vertical with North at the top, East on the right. A deflec¬ 
tion equal to the interval between two straight lines indicates that H cos h is about 1 Gauss at the disk centre, 2 Gauss at 
the limb. For upward deflections H is directed towards the observer. The slit-height was about equal to the distances 
between the lines. One spot group only was visible, at 54° W, 8° S. Courtesy H. W. Babcock, Pasadena. 


Also very short lived magnetic regions occur; they are described by Kiepen- 
heuer 1 and by Beggs and von Kluber 2 . The former, working near sunspot 
minimum, found local field patches which might persist for some hours. Their 
fields are of the order of a few Gauss in regions of a size corresponding to those 
of the big sunspot groups. They do not contain visible sunspots. The magneto¬ 
graph shows them to be short-lived BM regions. Beggs and von KiX’ber, 
observing near sunspot maximum (slit length 4") detected a large number of 
very small areas with fields up to 100 Gauss, in the sunspot belts, also in un¬ 
disturbed parts of the Sun. Small visible spots sometimes developed in such 
areas one or two days later, indicating that the occurrence of a visual spot is 
preceded by the birth of a local magnetic field. 

1 K. O. Kiepenheuer: Astrophys. Journ. 117, 447 (1953). 

2 See footnote 10, p. 104. 
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b) The “centre of activity”. 

46. The development of a typical centre of activity 1 . A centre of activity (CA) 
is the totality of all visible phenomena accompanying the birth of sunspots 
(D’Azamhuja 2 . A similar definition was introduced by Gnevishev 3 ). The com¬ 
plexity of the many optical phenomena which form together a centre of activity 
arises from the fact that none of them can apparently be considered as the primary 
one. The arrival of a magnetic disturbance at the Sun’s surface may prove to 
be the essential and primary event. 



Fig. 45. Photometric development of a K ita facular field, 1954, August 20 to 24. Dotted lines indicate 1.1 isophotes. 
Full lines give 1.2; 1 4 ... etc. H. W. Dodson and E. R. Hkiikman; Monthly Notices Roy. Astronom. Soc. London 116, 

428 (1956). 


The observations of a CA refer to the photosphere, chromosphere and corona 
and are made by different kinds of observational techniques. It is a great diffi¬ 
culty that the corona can optically only be observed at the Sun’s limb and this 
is also partly true of the prominences. Radio observations show the corona 
before the disk but these suffer from lack of resolving power. 

The accompanying table gives the development of a typical, completely de¬ 
veloped CA as described by Kiepenheuer* (cf. also Fig. 47). This is of course 
an average example; numerous deviating cases occur. In many cases a centre 
of activity does not pass through the complete development as described here; 
its evolution may last shorter. For the description of the development of one 

1 Cf. also C. de Jager: Vistas in Astronomy 3 (1959). 

2 See footnote 2. p. 1 79- 

8 M. N. Gnevishev: Isw. GI. Astr. Obs. Poulkovo 131, 36 (1938). 

* K. O. Kiepenheuer: Convegno Volta 11, 105 (1953). 
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Table 10. Life history of a fully 


Day 

Faculae 

Spots 

0 



+1 

Medium size Ha mottle elongates and 
becomes bright facular point (Ha in¬ 
tensity 0.5 x continuous spectrum), 
that assumes EW elongation. Some¬ 
times two bright faculae form (pre¬ 
ceding facula first) connected by a 
dark flocculus. After the formation of 
spots the faculae as a rule decrease 
in brightness to "normal value” 

In some cases spots originate within 
some hours after formation of facula, 
but in general spots do not yet occur; 
pores may exist; one of them may de¬ 
velop into leading spot in some hours 
to one day 

2 

Faculae increase in brightnessand area 

First (preceding) spot appears at VV 
end of facular region 

5 


Following spot originated at E end of 
faculae; many smaller spots originate 
between p and / spots. Spots have 
opposite polarities 

11 

Brigthness and size continue to in¬ 
crease; linear dimensions up to 
150000 km 

Spots near maximum development 

27 

Size of faculae has still increased; 
brightness constant 

Nearly all spots, except the p spot 
have disappeared 

54 

Decrease of facular brightness; facular 
area sometimes splits in two by fila¬ 
ment ("dark lane”) 

As a rule all spots have disappeared 

81 

Faculae dissolve into faint network; 
still brighter than normal chromo¬ 
sphere; size has remained constant 


108 

Faculae dissolved; only some orien¬ 
tation effect of mottles near filament 


135 

Faint orientation of mottles near fila¬ 
ment 



162-270 


particular short-lived CA we refer to a paper by Dodson and Hedeman 1 (the 
development of an active solar region, 1954, August 20 to 27). 

A CA always originates in the spot zone. First a magnetic field is observed, 
without any visible phenomena. After one or two days it is followed by a small, 
bright facula which originates rather suddenly (Fig. 45), in which the first sun¬ 
spots originate some hours to one day later. (Billings 2 , however, suggested that 

1 II. VV. Dodson and E. R. Hedeman: Monthly Notices Roy. Astronom. Soc. London 
116, 428 (1956). 

2 D. E. Billings: Astrophys. Journ. 120. 184 (1954). 
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developed, centre of activity. 


Prominences; filaments; corona 

Flares; surges 

Area and magnetic field 
of BM region 



First observations 
of magnetic field 

Coronal radiation at 5303 A increases 
simultaneously with faculae, imme¬ 
diately after formation of spots. 
Bright coronal area of same extent as 
facular field 


Field obtains bipolar 
character 

Small unstable filaments orientate 
around faculae; faint prominence ac¬ 
tivity; coronal radiation at 5303 A 
increases 

First signs of flare ac¬ 
tivity after 2-5 days 

Area of magnetic region 
between 

40000-80000 km 

Short-lived filaments occur; spot pro¬ 
minences 

Flares, generally be¬ 
tween main spots, ac¬ 
companied by flare 
surges 


Close correlation between brightenings 
of yellow coronal line (5694 A) and 
flare activity; coronal condensations 

Top of flare activity 

Irregularly variable field 
distribution 

Stable filament forms at polar side of 
faculae; directed to />-spot; angle with 
meridian roughly 38°, with many de¬ 
viating cases 

Maximum coronal brightness at 5303 A 

Only few flares 

Maximum magnetic flux 

Filament has increased in length to 
about 10 s km; angle with meridian 
increases; decrease of coronal bright¬ 
ness at 5303 A 



Prominence increases in length; angle 
with equator decreases 


Field-strength 

decreases 

Prominence shows maximum length; 
nearly parallel to equator 



Prominence decreases in length; cen- 
tre-of-gravity of prominence seems to 
migrate into polar direction 


Area has increased to 
0.05 X disk; field scat¬ 
tered 

Structural changes of filament; disso¬ 
lution. Development of coronal stream¬ 
ers, correlated with UM region 


Area increases further 
up to 0.2 X disk. BM re¬ 
gion changes into UM 
region 


the fields may sometimes precede the visible spots by one rotation.) These develop 
in the way indicated in Sect. 37; their relative motions are described in Sect. 38 . 
Simultaneously the facular field increases in area and often also in brightness, 
as described in Sect. 43 . After some days to one week the first flares occur and 
in a well developed CA the flare activity is greatest after 10 to 15 days, being 
correlated not only with the extent of the spot group but also with the change 
of this area with time—hence depending on the activity of the group. After one 
solar rotation the flare activity has virtually ceased and then a second phase 
starts, in which the facular field decreases in brightness and becomes more 
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filaments (motions are indicated by arrows). I„. D'Azamhuja: Ann. Obs. Meudon 6, fasc. 5 (1932). 
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and more patchy and in which the long quiescent filaments are formed. After 
5 to 10 rotations the optical CA has disappeared, but magnetically a UM region 
still remains visible for some time. It contains quiescent filaments and it seems 
to be connected with the long streamers of the corona. 




Fig. 47. Schematic development of a fully developed centre of activity, after K. O. Kiepenheuer: Convegno Volta 

11, 107 (1953). 


In the range of radio wavelengths there is a good correlation between the 
extent of the Ca + plage and the intensified solar background radiation at deci¬ 
meter waves. The great outbursts may occur on all wavelengths, sometimes 
even on the centimeter and decimeter waves; they are correlated with solar 
flares. In the meter waves the pattern of radio events is more complicated, show- 








Sect. 47. Relations of centres of activity to regions of enhanced coronal activity. 
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ing outbursts, noise storms, enhancements of the base level and type III bursts. 
The correlation with optical phenomena is less clear than in the decimeter region, 
but the first three events show some correlation with flare activity, whereas many 
type III bursts are correlated with the first phase of flares. So one might say 
that at decimeter wavelengths the increased radio radiation is principally cor¬ 
related with faculae; the intensified radiation at meter wavelengths is rather cor¬ 
related with flare activity and spots. 

After the birth of the stable filaments, that is about 20 days after the birth 
of the CA, the filament makes an angle of about 38 0 with the meridian. Many 
non-facular filaments also seem to start their life with this angle. D’Azambuja 
remarked that a line initially parallel to the meridiem will after 21 days assume 
an angle of 38 ° under the influence of the differential solar rotation. This suggests 
that the spot and the quiescent filament might be formed at the same time but 
that the filament comes to visibility only after about 20 days, when the spot 
activity has virtually ended. Their development may be initially hampered by 
the disturbing influence of the magnetic fields. These are rather erratic, especially 
in the first three weeks when the spots are in full development. That many 
disturbing forces are active in this interval is also shown by the fact that flares 
occur in the CA mainly during this time. 

Fig. 46 shows two consecutive "Cartes Synoptiques” prepared by D’Azam¬ 
buja; the map shows the many forms which the centres may obtain during their 
development. 

47. Relations of centres of activity to regions of enhanced coronal activity and to 
C and M regions (see also Sect. 79 and 110). The active coronal regions, above the 
photospheric and chromospheric centres of activity are characterized by an 
increased intensity of the green coronal line (5303 A, FeXIV). Its brightness 
increases more or less parallel with that of the faculae, but it seems to decrease 
faster. These active coronal regions, the most active of which are also called 
permanent coronal condensations 1 have a greater density and a higher electron 
temperature than the undisturbed corona. They present short coronal rays and 
arches. In periods of great flare and spot-activity the yellow line (5694 A; CaXV) 
and a continuous spectrum become visible indicating a high electron density and 
high temperatures (excitation potential of the CaXV line is 814 eV). They should 
be distinguished well from the sporadic coronal condensations, which have lower 
temperatures; they emit the coronal lines at 5303 and at 6379 A and they emit 
Ha light (excitation potential 10.19 eV) 2 . Cf. also Sect. 79- 

The active coronal regions should be distinguished sharply from the C regions 
of the corona, discovered by Waldmeier. In the C regions the 5694 line is invisible, 
but the green line (5303 A) is more strengthened than would be expected from 
the visible optical phenomena. Erroneously it is thought sometimes that a C region 
is any region where the 5303 line is bright, but when so defined the coronal 
centres of activity also would fall under this definition. 

There is a correlation between the occurrence of a C region at the disk centre 
and the observation, some days later, of small or moderate geomagnetic storms 
on the Earth. These latter occur on the average about three days after the central 
meridian passage of a C region, indicating a travelling time of this order for the 
disturbing agent (presumably a corpuscular current) which leads to a mean 
velocity of about 500 km/sec. They are not related to any photospheric pheno¬ 
mena; although the C regions occur in the sunspot belt they seem to avoid the 

1 M. Waldmeier and H. MOller: Z. Astrophys. 27, 58 (1950). 

3 M. Waldmeier: Z. Astrophys. 40, 221 (1956). 
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great sunspot groups, and occur principally above the fairly calm and spot-free 
areas of the photosphere. It has been suggested that the C regions mostly occur 
above the remnants of old centres of activity. At their place there seems to 
remain a region which is still active during a number of solar rotations. 

Already before the discovery of the C regions, geophysicists had introduced 
the M regions of the Sun (Bartels 1932), hypothetical regions, that were put 
responsible for the recurrent magnetic disturbances on the Earth. Statistics 
of geomagnetic disturbances based on the international magnetic character 

figures (which distinguish between magne¬ 
tically quiet, and disturbed days), have 
shown that the weak or moderately dis¬ 
turbed days have a recurrence tendency 
with a mean period of 27 days, the rotation 
period of the Sun. The M regions are the 
"magnetically effective” regions; they may 
influence the Earth when they are situated 
such that the emitted stream of corpuscular 
or electromagnetic radiation may strike it. 
Note that it is not the big magnetic storms 
that are produced by the M regions. These 
latter storms are sporadic and arc mainly 
due to discrete clouds of particles emitted in 
connection with great solar flares, with greater 
speed than the M particles. They do not 
show the 27 days recurrence. 

Like the C regions, the M regions occur 
in the sunspot belts, but they avoid the areas 
within 40° of the spotgroups, and the emis¬ 
sion has a direction effect: the greatest inten¬ 
sity of the geomagnetic storms is reported 
when the Sun’s axis has its greatest inclina¬ 
tion towards the Earth so that the subterres- 
trial point on the Sun has its greatest solar 
latitude. 

It is probable from the foregoing that the 
C and M regions are virtually identical. The 
only optical phenomena associated with C and M regions are long-lived fila¬ 
ments (these are known to occur in old centres of activity) and the coronal 
streamers which are so manifest on many eclipse photographs (Allen 1 ). Wald- 
meier 2 has confirmed that the long coronal streamers follow the same statistical 
distribution law as the quiescent prominences. Similar results were obtained by 
Roberts et al. 3 . We should localize the M regions at the basis of the streamers, 
in a region which, apart from the quiescent prominences, is optically quiet. 

In the photospheric level the M regions were suggested to be identified with 
the Unipolar Magnetic ( UM) regions on the solar magnetograms (Babcock and 
Babcock 4 ), though the number of observations is actually still insufficient to 
draw a pertinent conclusion 5 - 6 . In magnetographic observations of the Sun 

1 C. W. Allen: Monthly Notices Roy. Astronom. Soc. London 104, 13 (1944). 

2 M. Waldmeier: Z. Astrophys. 42. 34 (1957). 

3 W. O. Roberts and J. C. Pecker: J. Geophys. Res. 60, 33 (1955). 

4 H. W. and IT. D. Babcock: Astrophys. Journ. 121, 349 (1955)- 

5 M. B. Wood: Astrophys. Journ. 124, 447 (1956). 

6 H. W. Babcock: Astrophys. Journ. 126, 224 (1957). 



Fifj. 4S. Relation between geomagnetic activity M, 
sunspot numbers S and the "reduced’’prominence 
and coronal activity P* and C*. For further ex¬ 
planation see text. M. Waldmeif.r: Vistas in 
Astronomy 2, 808 (1957). 
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there was good correlation between a series of twelve consecutive central meridian 
passages of a big UM region and the periodical occurrence of a series of magnetic 
storms (27 days period). A delay of one to four days was observed between both 
events. The recurrence of cosmic ray maxima, in time associated with the UM 
region, has also been suggested 1 . 

The relation between the M regions and the various solar phenomena can 
best be illustrated by Fig. 48 (Waldmeier 2 ) : It shows for one long series of geo¬ 
magnetic storms, all due to the same M region: (a) the “ reduced coronal activity ” 
C*. (b) the "reduced prominence activity" P*. (c) the number of sunspots S and 
(d) .the geomagnetic activity M. The "reduced coronal activity" is obtained 
by taking first the intensities of the coronal 5303 line as observed at the limb 
but ascribed to the central meridian passage by adding or subtracting seven 
days, and by dividing them next by the number S of sunspots. In this way a 
measure is obtained for coronal activity not correlated with spot activity. The 
same treatment applies mutatis mutandis to the "reduced prominence activity” P. 
The figure clearly shows the relations between the various phenomena as described 
above. Also the time delay of 3 and 2 days for the M peaks at days no. 12 and 24 
is clear from the figure. 

Thus the M (or C, or UM) regions are suggested to be the remnants of the 
centres of activity. When all solar activity, generally displayed by a centre of 
activity, has finished, there apparently remains a large region that is not yet 
wholly quiet but is able to emit a more or less continuous stream of particles 
into a narrow cone with a mean velocity of the order of 500 km/sec. 

So the C (M, UM) regions will mostly occur between one half to two years 
after the origin of a centre of activity. Often an M region is destroyed when a 
new CA originates in its place. This explains why the M regions have their longest 
life times in the years after a sunspot maximum, when the disturbing influence 
of newly formed C/l’s is reduced to a minimum. 

Finally, mention should be made of an alternative possibility suggested by 
Mustel 3 , to correlate geomagnetic disturbances with facular fields, hence with 
CA's. With this assumption the travel time of the particles becomes much longer 
than with the first, leading to interplanetary velocities of 200 to 300 km/sec at 
the minimum of the solar cycle, and higher average speeds during periods of 
greater activity. 

III. Flares and associated phenomena 4 , 

a) Monochromatic observations. 

48. Description and classification. A flare is a sudden and short-lived brighten¬ 
ing of a local region of the Sun's disk. Flares always occur in centres of activity, 
and especially in the central regions of the sunspot groups, often between the 
p and the / spots, or at a spot’s penumbra, practically never on top of a spot. 
Rarely have flares been observed at distances greater than 10 s km from the centre 
of a spot group. Only occasionally (5%) are they observed in faculae without 
spots, but these were nearly always cases in which the spots had disappeared 
shortly before or appeared shortly afterwards. Flarelike faculae, associated with 
the disparition of filaments, occur outside spot groups; they are discussed in 
Sect. 55- 

1 J. S. Simpson, H. W. Babcock and H. D. Babcock: Phys. Rev. 98, 1402 (1955). 

2 M. Waldmeier: Vistas in Astronomy 2, 80S (1956). 

3 E. R. Mustel and O. N. Mitropolskaia : Astron. Zhum. 35, 351 (1958) and Isw. 
Kxymsk. Astrophys. Obs. 18, 162 (1950). 

4 General reference: Joint discussion on solar flares; Trans. Internat. Astronom. Union 
9, 648 (1957). 
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Rarely are flares observed in white light, but in H* or Ca + light where their 
intensity sometimes increases to tenfold its normal value, they may offer an 
impressive view. 

Flares should be classified primarily according to their area, corrected for 
perspectivic forshortening. The classification is somewhat rough, but still 
satisfactory in three groups of increasing importance: 1 , 2 , 3 , to which arc added 
cases like 1 " (subflares, Ellison); y (Newton; initially defined as flares showing 
outstanding terrestrial effects), and finer subdivisions 1 + and 2*. 

It seems that in practice the correction for forseshortening is not always applied since 
flares of "importance 1 ” are observed even close to the limb where they should be invisible. 
This fact also explains the apparent increase of the Ha line width towards the limb 1 . 

The following table, largely extracted from a report of a working group on 
flare classification 2 (chairman: M. A. Ellison) presented at the Dublin meeting 
of the IAU, gives mean and recommended values of areas and intensities of flares 
of the various "importances”: 


Table 11. 


Imp. 

Duration (min) 

Recommended 
area limits 

Mean 

area 

Average Ha 
line width 
at max. 

A 

Approximate central 
intensity in Ha in units 
of adjacent continuous 
spectrum. 

Relative 

frequency 

of 

1 , 2 , 3 flares 

average 

range 

( 10 “* visual hemisphere) 

mean 

during 

1 flash stage 

1- 



<100 

72 

1.5 

0.6 



1 

20 

4- 43 

100- 250 

160 

3.0 

0.8 

1.5 

0.72 

2 

30 

10- 90 

250 - 600 

349 

4.5 

1.2 

2.0 

0.25 

3 

60 

20-155 

600-1200 

973 

8 

1.4 

2.5 

0.03 

3 + 

180 

50-430 

> 1200 


15 

2 

3 



Besides these types one also knows the classes 1 * (= 1 . 5 ; area of 1 , central inten¬ 
sity of 2 or 3 ), and 2* (area of 2 , central intensity of 3 ). 

The statistical data on the flares of importance 1 are unreliable, because 
of observational reasons (atmospheric agitation; resolution of optics). The sub¬ 
flares exceed in number all other flares, but a reliable statistics has not yet been 
made. 


Big flares (Fig. 49) are generally very irregular and filamentary (order of size 
of a filament 10 5 X10 4 km 2 ), whereas the small ones tend to circular shapes. That 
the correlation between the area and the Ha top intensity, expressed in the local 
continuous spectrum near Ha is rather poor is shown by Fig. 50 (cf also 3 ). 

Data on the time of appearance and disappearance, the area, the width 
and central intensity in Ha are published in the Quarterly Bulletin on Solar 
Activity of the International Astronomical Union. Provisional data on the 
importance and the time of occurrence may also be found in the daily maps of 
the Sun published by the Meudon Observatory (L. D’Azambuja) and by the 
Fraunhofer Institut (K.0. Kiepenheuek). 

I'rom a statistical discussion of the observed areas of 329 flares occurring 
at various distances from the disk centre J. Warwick 4 could derive data on the 
distribution of lop heights. The observed area is a combination of the area of 
the side of the f lare (as it would be seen at the limb) and the top area (as it would 


1 Z. Svestka and L. Fritzova: Bull. Astr. Inst. Czech. 7, 30 (1956). 

2 M. A. Ellison: Trans. Internal. Astronom. Union 9, 146 (1957)-. with further references. 
( 19 " 6 ) H W DODSON ’ E ' R ' Hedeman and R - R McMath: Astrophys. Journ. Suppl. 2. 241 

* J. Warwick: Astrophys. Journ. 121, 376 (1955). 
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be seen in the centre of the disk). Due to perspective the observed flare area 
decreases statistically with increasing & but not according to a cos #-law; the limb 
areas are not zero. The derived height distribution F(h) appears to be a function 
of the flare area, but in the average, for the whole of the observational material, 
F(h) ocexp (—ph) with 1//? = 20300 km. This result is roughly confirmed by an 
analysis of limb flares by C. S. Warwick 1 and by Giovanelli and M. K. McCabe*, 
who found average flare heights of 16000 km and 7300 km, respectively. That 



Fig. 49. H* spectrohrliograms, showing the development of the imp. 3 flare of May 10, 1949. and comparison with the 
same region before and after the flare. Cf. also Astrophys. Journ. 110, 382 (1949).] Courtesy McMath-Hulbert Observatory. 


limb flares sometimes may be fairly elevated and rise upward without being a 
surge was shown by D’Azambuja 3 (cf. also Newton 4 ) and later also by Dodson 
and McMath 5 . Three very intense limb flares were described by Ei.lison 6 ; all 
three flares were detached, from the photosphere and only connected to it with 
bright fringes. While the flare may perhaps originate within th'e chromosphere 
much of its subsequent development appears to take place in coronal space. 

So, in the majority of cases (70% according to Severny and Shaposhnikova 7 ) 
[lares are rather flat and extended but mainly stationary structures, occurring in 

1 C. S. Warwick: Astrophys. Journ. 121. 295 (1955). 

a R. G. GiovanelI -1 and M. K. McCabe: Austr. J. Phys. 11, 130 (1958). 

3 L. D'Azambuja: L’Astronomie 56. 97 (1942). 

* H. W. Newton: J. Brit. Astronom. Ass. 57. 54 (1947). 

5 H. W. Dodson and R. R. McMath: Astrophys. Journ. 115, 78 (1952). 

* M. A. Ellison: Transact. I. A. U. 9, 651 (1957). 

7 A. Severny and E. Shaposhnikova: Isw. Krymsk. Astrophys. Obs. 12, 3 (1954). 
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or above the chromosphere, and enter with their upper part into the corona. 
The greatest heights seem to be reached for the smallest flares (Warwick 1 ). The 
stationary flares increase in height (speed < 10 km/sec) during the time of bright¬ 
ness increase; maximum height is reached at the moment of maximum bright¬ 
ness. Sometimes great velocities are reported. Although some of the communi¬ 
cated observations of "limb flares” with appreciable outward motions may per¬ 
haps be due to confusion with bright surges or eruptive prominences, it is without 
doubt that some flares are not stationary and show considerable motions. (On 
10. 2. 56 a limb flare was reported to have an initial expanding motion of 

100 km/sec; it soon evolved into 
a surge and even into an ejected 
prominence; similar cases occurred 
on 24.6. 56 and on 12. 11. 56 2 . A 
very remarkable flare on top of a 
prominence occurred on September 
6, 1956 3 .) Whether such objects 
should still be called flares or should 
be classified as “flare-associated” 
phenomena (Subdivision 111 c) or 
spot prominences is primarily an— 
uninteresting—matter of definition. 
Surges showing Ha line widths and 
intensities comparable to that in 
flares are familiar to routine ob¬ 
servers of the Sun and the fact that 
designations like "eruptive promin¬ 
ences of importance 2” etc., are 
sometimes met in the literature 
reflects the difficulty. 

About 30% of the flares observed 
by Severny and Shaposhnikova 4 
showed moving luminous formations 
with the same brightness as the sta¬ 
tionary part of the flare and with 
velocities up to several hundreds of 
kilometers. Very often they look like moving luminous fronts and sometimes 
such a front is stopped near a spot or it bends around the spot 8 . Cf. also 6 . 

In this paper such moving phenomena will be called flares if (1) they last 
shortly and (2) originate suddenly (see the definition at the beginning of this 
section) and if (3) their Ha brightness and (4) their line width are comparable 
to the flare values (see Table 11 on p. 192 above). 

49. Relation to faculae and spots; recurrence tendency, development and internal 
motions. Detailed photometric investigations of flares on high resolution photo¬ 
graphs are hardly available (for an example cf. 7 ), but visual and photographic 
observations show that most flares are not amorphous but have a fine-structure. 
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tral Ha intensity (ordinate; in percent of continuous spectrum) 
of 184 flares. M. A. Ellison : Trans. Intcmat. Astronom. 
Union 9, 146 (1957). 


1 Cl. footnote 4. p. 192 . 

3 R, J. Bray, R. E. Loughhead, V. R. Burgess and M. K. McCabe: Austral. J. Phys. 
10, 319 (1957). 

3 R. G. Giovanelli and M. K. McCabe: Observatory 77, 238 (1957)- 

* Cf. footnote 7 , p. 193- 

8 A. Severny: Isw. Krymsk. Astrophys. Obs. 17, 129 (1957); 19, 22 (1958). 

* A. Bruzek: Z. Astrophys. 44, 183 (1958). 

7 D. E. Billings and W. O. Roberts: Astrophys. Joura 118, 429 (1953)- 
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which follows the shape of the facular field. So, most flares can be considered 
as local brightenings of previously existing faculae. It is the bright mottles 
of the facular field that brighten up. After the flare the facular field may remain 
brighter and larger than it was before the flare. As a rule a flare does not ac¬ 
complish a lasting change of the chromospheric structures 1 . Sometimes not the 
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Fig. 51 a—d. Relations between flares and the structure of the facular field, (a) and (b) Ha spectrohcliograins of Aug. 16, 
1949, showing that certain flares arc primarily the brightening of previously existing structures. (At the time of the flare 
the large dark filament with complex shape in the lower left contained parts with radial velocities of —70 ktn/sec: flare 
activation of filaments —cf. Sect. 55.) (c) and (d) The flare of May 19 , 1951. closely bordered and followed the track of 
a filament. Courtesy H. W. Dodson-Princr, McMath-Hulbert Observatory. 

facula but a dark filament is brightened; in other cases there is a close relation¬ 
ship in location and motion between certain flares and dark filaments (Fig. 51 ). 
Especially in weak flares the normal facular structure can be traced within the 
flare, but the mottles are brighter than normally. Bright flares often show a 
very complex pattern. 

A flare may consist either of one coherent region or of a number of individual 
regions of enhanced luminosity, all in the same spot region. The parts may 

1 Cl. footnote 6, p. 194. 
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brighten up simultaneously or shortly after each other. A flare area seems to 
increase by a successive activation of the various parts of the faculac, not by a 
real '‘creeping” of the flare over the solar surface. 

If £ is the mean number of flares per day and R the sunspot number, then 
according to Svestka 1 : E =0.047 R and 0.034£ for the 17th and 18th cycle, 
while Waldmeiek 2 found £'=0.044 R, 0.015 R, and 0 . 002 £ for flares of impor¬ 
tance 1 , 2 , and 3 respectively. So, if R —150 one may expect on the average 
nine flares per day, among which two of importance 2 . Severny and Shapos- 
nikova 3 noted that on the average one flare appears during each seven hours of 
a spot's life. Behr and Siedentopf 4 found for the whole solar cycles 1933 to 1944 

and 1944 to 1954 the relation N f — 
a[R— 10), which A) = total number 
of flares per cycle, R = mean spot 
number, while a = 1.98 for 1933 to 
1944, and a = 1.47 for 1944 to 1954. 

However, statistics of this kind 
are not complete since the probabi¬ 
lity that afacular field will produce 
flares depends greatly on its stage 
of development (cf. Sect. 46). Gio- 
vanelli 5 found that the frequency 
£ of flares per spot group is 

(Fig. 52), where A is the area of the 
spotgroup, and l is the time. The 
rate of flare production is greatest 
during the ascending part of the de¬ 
velopment of the group. £ seems to be independent of the maximum field-strength 
of the group, but this viewpoint is not accepted by all investigators 6 . The proba¬ 
bility of flares increases if spots divide themselves or if spots of opposite polarity 
originate 7 . 

Most flares are confined to the first third part of the spot’s life and the greatest 
number of flares is produced between the 8th and the 15th day of a well-deve¬ 
loped spot-group’s life. (As a matter of fact shorter lived groups produce flares 
during a shorter time interval.) The most important flares occur in spot-groups 
of classes C, D and £. The F stage, being at the maximum of the spots develop¬ 
ment curve, produces fewer flares. 

Flares rarely occur near the unipolar a spots, relatively more near /? groups 
and especially near the magnetically complex y groups. When a spot is flare- 
active, it may produce 30 to 50 flares during one passage over the disk. Some 
very active centres may reach 80 flares in one disk passage. The great sunspot 
group of June 1955 which arose on the invisible hemisphere and became visible 
at the eastern limb on June 10 produced flares between June 12 and June 21 8 . 

1 Z. Svestka: Bull. Astr. Inst. Czech. 7, 9 (1956). 

2 M. Waldmeier: Z. Astrophys. 16, 276 (1938). 

3 A. B. Severny and E. F. Shaposnikova: Jsw. Krymsk. Astrophys. Obs. 12, 3 (1954). 

4 A. Behr and H. Siedentopf: Z. Astrophys. 30, 177 ( 1952 ). 

5 R. G. Giovaneixi: Astrophys. Journ. 89. 555 ( 1939 ). 

6 B. Witte: Solar research memorandum (23- X. 1951). High Altitude Observatory, Boulder. 

7 Cf. footnote 6, p. 194 . 

8 K. I.oden: Ark. Astr. 2, 27 (1956). 



Fig. 52 . The probability for a flare to occur (ordinate), a* a 
function of the changes of sunspot area during the day preced¬ 
ing (circles) and following the eruption (crosses). Areas in 10 • 
visible hemisphere. R. G. Giovaxelli: Astrophva. lourn. 89, 
555 (1939). 
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Only in the Stockholm-Capri station ( 8 h observation per day) 3 2 flares were 
observed. The total number of reported flares was 53 among which four of im¬ 
portance 3 . Besides there were many microflares. 

Observations under very good conditions (Lyot, Pic du Midi) have shown 
that an active spot group may produce an overwhelming number of microflares 
(not to be confused with subflares; the latter are larger). The microflares have 
very small areas, but have central Ha intensities comparable to those of the 



Fig. 53a—d. Recurrence tendency of flares, (a) and (b) Two flares developing in different parts of the same active area 
on the same day (Nov. 1 , 1949). (c) and (d) Two flares which developed in identical positions on successive days (1950, 
July 21 and 22). Courtesy McMath-Hulbcrt Observatory. 


other flares. Lyot once observed seventeen of them in one hour. Of some of them 
the diameters were smaller than 1", the life times were 5 to 15 minutes, occasion¬ 
ally greater. 

There might be a tendency for the flares to repeat themselves: in some cases 
it has been observed that some flares do recur in seemingly identical locations 
of a facular region within an interval of time of several hours or several days 
(Fig. 53 a). But there are other cases that two consecutive flares, even when being 
rather close in position and time, have no parts in common (Fig. 53 c—d). 

A slight asymmetry in the disk distribution of flares has been reported 1-3 ; 
more flares seem to occur at the eastern half than at the western half of the Sun. 

1 F. Link and J. Kleczek: C. R. Acad. Sci., Paris 227, 827 (1948). 

2 A. Beiir and H. Siedentopf: Z. Astrophys. 30, 177 (1952). 

3 J. S. Hey and V. A. Hughes: Monthly Notices Roy. Astronom. Soc. London 115. 605 
(1956). 
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50. Light curves of flares. Since most observations are made in Hat the light 
curve is defined as the curve giving the relative brightness for the centre of Ha 
(zl A — 0). Care should be taken when comparing observations obtained with 
birefringent filters (because of the large passband width) with spectroheliograms 
or spectra. The latter kind of observations are sufficiently monochromatic, the 
first should still be corrected for the influence of the finite bandwidth. 


Light curves of flares have been obtained first by Waldmeier (Zurich) 
and later especially by Severny (Crimea), Ballario (Arcetri), and by McMath 
and Dodson and associates. Most light curves are assymetric. The ascending 



Fig. 54. Comparison of light curves for different flares. H. W. Dodson, E. R. Hedeuan and R. R. McMath: Astrophys. 

Journ. Suppl. 2, 241 (1956). 


part lasts as a rule not longer than 5 or 10 minutes; the descending part lasts 
longer. In connection with the first phase with its rapid rise to maximum bright¬ 
ness Ellison speaks of the "flash stage". 

If A is the duration of the ascending part and D is that of the descending part 
then, averaging roughly, A/D = 0.4, 0.5. and 0.6 for flares of importance 1, 2, 
and 3 respectively. 

According to Dodson 1 the flares prefer three rates of rise (Fig. 54). All are 
roughly exponential, with respectively: Log I =0.1 per minute; 0.1 per 3 minutes 
and 0.1 per 7.5 minutes, but this latter case seems to be relatively rare. 

For the decline there is one preferred rate, this being the slowest: Log I = — 0.1 
in 20 minutes. Other flares may decline faster, but the rate of decline is nearly 
always slower than the rate of increase. Once a flare was observed, of which the 
rates of rise and decline were nearly equal 2 . There is no clear relation between 
the rate of increase of brightness and the maximum brightness, but there is some 
evidence that very bright maxima correlate with a fast rate of rise. The slowest 
rates of rise and decline were observed for flares within 55° of the central meridian; 


1 H. W. Dodson: in: The Sun (cd. G. P. Kuiper), p. 692. Chicago 1953. 

2 II. W. Dodson and R. R. McMath: Astrophys. Journ 115, 78 (1952). 
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the fastest rates of decline occurred for flares within 40° of the limb. If the bright¬ 
ness variation is described by the interpolation formula 

Log I, = Log {Imax 10“ . 

where t is measured in minutes, then the values of a a (for the ascending branch) 
range between 0.40 and 0.031, the average is 0.10. For the descending branch 
a d is negative and further always \a d \<\a„\\ \a d \ ^ 0.025 for 87% of all cases 1 . 

The light curves of Fig. 54 refer to the brightest regions of the flare. The 
different parts of a flare may show quite different light curves. Sometimes the 
less bright parts of a flare have a light curve which may be obtained from the 
main curve by a single multiplication by a constant factor. However, it occurs 
also fairly often that different parts of flares brighten up successively; there are 



various possibilities: the various light curves may be identical but for a shift 
along the time axis, but it is also possible that the parts show quite different light 
curves (Fig. 55). 

There is a correlation between the position of the flare on the disk and the 
observed maximum intensity I c , expressed in units of the local continuous spec¬ 
trum near Ha (Dodson 2 ). 

For flares I e = O .63 4- 0-34cost?, 
for subflares I c = O .36 — 0.26cos#. 

b) Spectrographic observations. 

51. Ha spectra. Most flare spectra are obtained in Ha. So we start with a 
discussion of this line. The profiles of these relatively small objects have to be 
corrected for the influences of (a) scattered heterochromatic light; (b) grating 
ghosts and (c) the apparatus curve of the spectrograph; (a) is the most serious 
source of errors, (b) and (c) are unimportant for modern spectrographs. 

The two parameters which are mostly used for describing the profile are the 
central intensity (expressed in units of the adjacent continuous spectrum =ABjJB 
in Fig. 56) and the effective line width of the emission line spectrum XY ; XY is 
the visibility range i.e. the wavelength region where the flare can be distinguished 

1 H. W. Dodson, E. R. Hedeman and’R. R. McMath: Astrophys. Journ. Suppl. 2, 241 
(1956). 

s H. W. Dodson: Astronom. J. 60, 158 (1955). 
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in spectroheliograms, or in birefringent filters—with some care because of the 
large passband width. Fig. 56 (Ellison 1 ) shows some schematized Ha profiles 
of flares of types 1 and 2 and their relation to the normal solar Ha profile, to 
the profile in faculae, and in filaments and prominences. 

Fig. >7 shows the development of the Ha spectrum 2 of the large (imp. y) 
flare of August 31 , 1956. Especially during the flash stage (second spectrum) 
the wings extend far (in this particular case a small continuous emission was 
moreover superimposed over the Ha line). As a rule the wings as measured in 
spectra extend further than is often reported from spectroheliographic observa¬ 
tions. In a spectroheliograph or in a spectrograph used visually, the slight excess 
in brightness of the flare wing with respect to the wing of the normal solar Ha 
profile cannot be discovered by visual means. Its intensity excess is at about 



Fig. 56. Sketch of If x profiles of flares, faculae, filaments and prominences, as based on observations made at Edinburgh. 
M. A. Ellison : Publ. R. Obs. Edinburgh 1, No. 5 ( 1952 ). 


the limit of photographic photometric possibilities; the occurrence of these wings 
should be confirmed by photoelectric photometry. 

The violet wings of some of the spectra are slightly depressed as compared 
to the red ones 3 ’ 4 . This fact, discovered independently by Waldmeier and Elli¬ 
son, occurs often. It is also perceptible in the second spectrum of Fig. 57- Elli¬ 
son ascribed it to the absorption of ascending gases expelled in all directions 
by the flare and hence producing thereby a broad shallow absorption "line” 
in the violet part of the line profile. The number N 2 of absorbing second quantum 
state hydrogen atoms in the line of sight is estimated 5 at 5 X 10‘ 2 cm -2 and the 
average upward velocity component is 100 km/sec, hence less than the velocities 
of the slow particles that are emitted by M regions, and considerably less than 
that of the particles which produce the big magnetic storms occurring after a 
solar flare (cf. Chap. E of this paper). These latter particles-would produce a 
depression at zlAss— 30 A, perhaps observable immediately after the start of 
the flare or perhaps at the moment of the flare’s beginning. Radio observations 
suggest that these fast particles are emitted mainly at that very moment, lead¬ 
ing to type III radiobursts. 

1 M. A. Ellison: Publ. Roy. Obs. Edinburgh 1, 75 (1952). 

2 C. de Jager: Bull, astronom. Inst. Netlierl. 1959. 

3 M. A. Ellison: Vistas in Astronomy 2, 799 (1957). 

4 M. A. Ellison: Monthly Notices Roy. Astronom. Soc. London 109. 3 (1949)- 

3 T. V. Kazachevskaja and A. B. Severny: Isw. Krymsk. Astrophys. Obs. 19, 45 
(1958). 
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A slight disk asymmetry was suggested 1 : the average line width of flares, 
east of the central meridian is by about 5% greater than that at the western 
half. Bruzek 2 could not confirm the effect. 



6560 6565 6570 A 

Fig. 57. Development of the spectrum of the great flare of August 31, 1956. The flare was of importance 3* and lasted 
from 12 h 33 m ITT till about 15 * UT. The tracings give direct intensities; each lower one gives the undisturbed H* profile, 
the upper ones show the flare profile, i. I2 h 36 m 22* ITT; shortly after the start. 2. I2 h 40® 31* UT; flash stage. 3. I2 h 44 m 
HFUT; on descending branch. C. de Jager, Utrecht Observatory. 

Ellison 3 found an approximately linear relation between the width of Ha 
in flares and the central intensities of this line. For 2 A A = 2 A the mean central 
intensity is about 0.65, for 2A A = 8 or 9 A it is about 1.5. For greater values 
of 2 A X the central intensity increases but slowly. The relation was confirmed 
by Svestka 4 . 


1 J. S. Hey and V. A. Hughes: Monthly Notices Roy. Astronom. Soc. London 115. 605 
(1956). 

2 A. Bruzek: Z. Astrophys. 38, l (1955). 

* Cf. footnote 4, p. 200 . 

* Z. Svestka: Bull. Astr. Inst. Czech. 2, 153 (1951). 
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According to Goldberg el al. 1 the mean widths of the Ha line in flares in¬ 
creases from the centre of the disk towards the limb 1 - 2 ; but Svestka and Frit- 
zova 2 have suggested that this phenomenon is caused by an insufficient cor¬ 
rection for perspectivic foreshortening, especially for limb flares (so that type 2 
flares are called type 1 at the limb). 

Severny 3 has described the detailed fine structure (0'.'4) observed in spectra 
of flares (Fig. 58), as well as in faculae. The emission granules last some minutes 
and sometimes longer; at their place the Fraunhofer lines are somewhat bent 
towards the violet (cf. also Sect. 53 for a description of the so called "mous¬ 
taches”). 



Fig. 58a and b. Hx spectra of flares, (a) Marc of July 16 , 1957. The spectrum shows that the central Ha depression 
so often observed in less resolved spectra, is in this case clue to some “moustaches” occurring simultaneously with the 
flare (cf. also Soct. 5.5), rather than to self-reversal, (b) Limb flare spectrum, showing fine structure. Courtesy A. B. 

Sevkrmy, Crimean Observatory. 


52. The interpretation of the Ha and other Balmer line profiles, a.) Central 
intensities. During the flash stage the average central intensities for flares of 
importances 1, 2 and 3 are respectively: 1.5 ; 2.1 and 2.4 (cf. Table 11 on p. 192). 
Assuming that at that moment the flares are optically thick in Ha, the correspond¬ 
ing radiation temperature is often identified with the local kinetic temperature, 
but, as will be shown, this is a rough approximation. 

For the type 3 + flares the radiation temperature thus found is near 8000°. 

ft) The central reversal observed in many type 2 flares could perhaps for a 
part or even wholly be ascribed to scattered photospheric light in the telescope 
and spectrograph: it is not certain at all that this influence has always been 
correctly eliminated, especially since recent high resolution pictures 3 have shown 
the mottled and/or filamentary character of large flares: undisturbed chromo¬ 
spheric or facular matter with Ha in absorption may occur between the luminous 
flare points. Also ,,moustaches ” may play a role in producing this effect (see 
Fig. 58 and 61, and Sect. 53). 

In view of this uncertainty the proposed explanations for the central reversal, 
either by means of a cool mass of gas above or besides the flare 4 , or by non- 
thermodynamical equilibrium conditions 4 ’ 5 will not be treated in detail. 

1 L. Goldberg, H. W. Dodson and E. A. Muller: Astrophys. Journ. 120, 83 (1954). 

2 A. Bruzek: Z. Astrophys. 38. 1 ( 1955 ). 

2 A.B. Severny: Astr. Zhurn. 33. 74 (1956). — Isw. Krymsk. Astrophys. Obs. 17, 129 
(1957); 19, 46 ( 1958 ). 

4 Z. Svestka and L. Fritzova: Bull. Astr. Inst. Czech. 7, 30 (1956). 

5 Z. Svestka: Publ. Astr. Inst. Czech. Acad. Sci. 32 (1957). 
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y) Line broadening. An essential problem is whether the emission line profiles 
are widened by radiation damping or by Stark effect. If the broad line wings 
are ascribed to the Stark effect, by analogy with the photospheric spectrum 
(Ellison and Hoyle 1 2 3 ), a number of to 13 free electrons per cm 3 is necessary 
to explain the observed widths. In that case the higher members of the Balmer 
scries should a fortiori be widened by the Stark effect. But Suemoto 2 , Mustel 
and Severny 3 , Svestka 4 * 6 and Goldberg et al s argued that the electron density 
was less than Ellison and Hoyle initially assumed; in that case Ha is widened 
by radiation damping; whether some of the higher Balmer lines are also widened 
by radiation damping remained an open problem. In a later paper, based on 
high resolving power and large-dispersion spectra obtained with the Crimean 
tower telescope Kazachevskaja and Severny 8 could state with more certainty 
that all Balmer lines, including Ha, are widened by the Stark effect. 

In order to show the contributions of the two effects in the line wings, we 
should know the excitation and ionization temperatures in the flare. Often thermo¬ 
dynamic equilibrium is assumed, hence T ei = T ioa = T ex , an assumption that may 
be grossly erroneous. This means that some of the conclusions which will be 
summarized below are preliminary. We write for the intensity of the emission 
line profile: 

I (AX) = I A (AX) e _Tseci> + £(1 -e- Isec<> ). (52.1) 

I A is the residual intensity in the undisturbed Ha line profile. 

E is the source function of the flare, £// ccml may be identified w'ith the central 
intensity of the flare, if the flare is optically thick. 

r is the total optical depth of the flare at the wavelength distance A X. 

When r< 1 , as is the case in the far wings, (52.1) becomes 


/ — I A = (E — I A ) x sec #. 

If H is the atmospheric scale height in the flare and x is the absorption coeffi¬ 
cient per atom in the second quantum state of the H atom (total number per 
cm 3 : N 2 ), x may be put equal to y.HN 2 . In the far wings 


K s = \Ax\0~™N e AX-l (case of Stark effect) 

y. R — S-OXICT 17 /!/ -2 (case of radiation damping). 


In this formula for x K the influence of the Doppler broadening on the core profile has been 
neglected. For a discussion of this case cf. Svestka (footnote 5, p. 202). 

At A X = 4 A we have approximately equality for N e = 7 x 1 0 12 . If N t > 7 x 10 12 
the Stark effect predominates; in the other case it is the radiation damping. 
So the next problem is to find the value of N t : 

We assume that the width is defined as the distance between the two points 
where the flare intensity exceeds that of the line by 5%, hence: I — I A = 1.05 4 . 
In the two cases mentioned, this line width is respectively: 


2AX S — 2.9 1CT 12 
2/14 = 7.1 10"° I 


1-05 4 
£-4 
1-Q5 4 
H-4 


N e N 2 H sec # 
N t H sec#f. 




1 M.A. Ellison and F. Hoyle: Observatory 67, 181 (1947). 

2 Suemoto: Publ. Astr. Soc. Japan 3. 110 (1951). 

3 E. R. Mustel and A. B. Severny: Isw. Krymsk. Astrophys. Obs. 8, 19 (1952). 

* Cf. footnote 4, p. 201. 

6 L. Goldberg, H. W. Dodson and E. A. ML-llkr: Astrophys. Jonrn. 120, 83 (1954). 

6 T. V. Kazachevskaja and A. B. Severny: Isw. Krymsk. Astrophys. 19. 46 (1958). 
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The further procedure involves four uncertain points. For a given flare we observe 
Ejl cont. i (1) this gives T nA which we assume equal to and T ion . (2) For any 
value of N, we then find N u with the known ionization formulae or tables, and 
(3) iV 2 follows with Boltzmann’s law. (4) We assume H, the scale height of the 
flare, equal to the scale height in the upper part of the chromosphere: 10 8 cm. 
Knowledge of the ionization and excitation conditions, and of the scale height 
of flares is actually lacking, but accepting the above four assumptions, it is 
possible to compute the values of 2 A A s and 2 A ). R for sec $ = 1, for the various 
types of flares and different N e values. The comparison with the observed 2 A 
values yields N e and makes it possible to decide at the same time which of the 
two widening mechanisms is active. The table below gives the basic data for the 


Imp. , £//«■*. t 


3 + 15-0 3 7650° 

2 4.5 | 2 | 6900° 

Ha line in two types of flares and 
Fig. 59 shows the computed values of 
2 A A s and 2 A ?. K for these two types of 
flares as functions of the electron den¬ 
sity. The comparison with the observa¬ 
tions (short horizontal bars) shows that 
in both types of flares the “ best ” value 
of Log -V. seems to be about 13-2, in 
agreement with modem values (foot¬ 
note 6, p. 203). In the range of Log N t 
values between about 12 and 13.5 the 
contribution of the two mechanisms are nearly equally important. Above 
Log A£ = 12.7 the Stark effect dominates slightly and below 12.0 the reverse is 
the case. 

The four uncertainties listed above, of course, throw some doubt on the final 
result, and it is obvious that the above gives only an outline for a theory of flare 
spectra. However, for a more detailed discussion it is not sufficient to use only 
Ha observations. The material should be extended with profiles of other lines. 
A detailed analysis was published by Mustel and Severny 1 on the basis of ob¬ 
servations of Ha and Hy... Hf in one flare. Svestka 2 and Fritzova 3 have 
discussed Ellison’s observations 4 as well as those of Mustel and Severny 1 , 
of Suemoto 5 (H 10 ) and of Kao, Das el al. 9 (Ha and H/3), and found Log N t slighlty 
smaller than 13 . 

Later investigations yielded higher N e values, mainly because the new ob¬ 
servations have been made with a greater image resolving power, which enables 
better to distinguish between the real brilliant flare knots and the background: 

With the flare spectrograph of the Tokyo Observatory, which permits to 
photograph in one single exposure the whole spectrum from Ha to the Balmer 

1 E. R. Mustel and A. B. Severny: Isw. Krymsk. Astrophys. Obs. 8 , 19 (1952). 

3 Z. Svestka: Publ. Astr. Inst. Czech. Acad. 32 (1957)- 

3 Z. Svestka and L. Fritzova: Bull. Astr. Inst. Czech. 8 , 61 ( 1957 ). 

4 Cl. footnote 4 , p. 200 . 

5 Z. Suemoto: Publ. Astr. Soc. Japan 3, 110 (1951). 

* N. Rao, A. Das etal.: Nature, Lond. 164, 964 (1949)- 



Fl«. 59. Stark broadening and radiation damping in imp. 
2 and 3+ flares. For further details see text. 
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continuum (dispersion 3.2 A/mm) Suemoto 1 obtained spectra of a great number 
of flares (mainly imp. 2 ), showing the Balmer lines up to H 14 . The flare emission 
line profile corrected for the contribution of the photosphere below is essentially 
found from our expression ( 52 . 1 ) by taking the profile equal to 

1 - exp (— t (A A) sec &) = / fUrc (A A )f(E - I A ). (52.2) 

(Suemoto’s treatment was somewhat more refined since he first corrected the 
" photosphcric ” Ha profile for the influence of chromospheric line radiation.) 
The half-widths of the profiles of Ha to H u , determined from ( 52 . 1 ) reach a mini¬ 
mum value for n— 8 . The observed widths can be explained by assuming that 
all the lines are widened by the Stark effect with an adopted flare excitation 
temperature of 5600° and Log N e m 13 . 3 . Simultaneously Kazachevskaja and 
Severny 2 derived similar results (7^ = 10 4 °K and Log N e = 13 . 4 ) from a 
study of high resolving power spectra obtained at the Crimean Observatory. 

At this value of N e all Balmer lines, including Ha must necessarily be widened 
by the Stark effect (cf. Fig. 59 ). The population of the low quantum levels 
(n< 3 or 4) is determined by the own radiation field of the flare; the higher 
levels are excited by collisional excitation and ionization 3 . 

Reference is further made to the non-thermodynamic equilibrium discussions 
of Ziuin 4 and Jefferies 5 , leading to 7' ol > to 4 °K. Since the Hell line at 
4686 A is usually absent, even in spectra of many strong flares 8 , 7)., cannot 
greatly surpass this value. 

6) The results of this section may be summarized in the following working 
model of a flare. In strong flares the optical depth in the centre of Ha may be 
as great as 10 4 , corresponding with N 2 = 2X 10 16 above 1 cm 2 of the photosphere 7 . 
For medium type flares this value is 4 X 10 13 ... 10 16 . For the smallest flares 
the optical thickness in the centre of Ha is of the order of 200 . 

Further 7' kin ^ 10000 to 15000°; T rx ss 6000 to 8000°; A£«s2Xl0 13 . A slight 
overpopulation of the lower levels (up to a factor 1.4 for «= 3 ) was ascribed 7 
to photo-excitation by the flare's own radiation field. The temperatures are 
higher during the flash stage. 

53. Other spectrographic observations; the continuous spectra and the “moust¬ 
aches”. Flare spectra do not only show the Balmer emission lines but also other 
strong lines, among which there are the He line IO 832 A, the Ca + lines, the 
Paschen 3—6 and 3—7 lines. Allen 8 listed 116 emission lines observed between 
3900 and 6700 A in the spectra of strong flares. In the strong limb flare of 
21 February 1942 Waldmeier 9 observed 100 emission lines between 5000 and 
6700 A, among which many lines of neutral and ionized metals. The fact that 
the Balmer series is only observed up to H I5 is not due to their merging into each 
other but to their weakness, so that they only partially fill up the Fraunhofer 
lines without being visible as emission lines. The Balmer continuous emission 
spectrum generally is weak also, so that the same might be true of the high 
series members. The relation between the central intensity of Ha and that of 
the Na D t line and the He D s line 10 is reproduced in Fig. 60 . Apparently weak 

1 Z. Sukmoto: Publ. Astr. Soc. Japan 10 (1958). 

* Cf. footnote 5, p. 200. 

3 A. B. Severny. Isw. Krymsk. Astrophys. Obs. 19, 72 (1958). 

4 H. Zirin: Astrophys. Journ. 124, 451 (1956). 

5 J T. Jefferies: Monthly Notices Roy. Astronom. Soc. London 117. 493 (1957). 

8 V.A. Krat and V.M. Sobolev: Isw. Cl. Astron. Obs. Poulkovo 162 (1958). 

7 C.f. footnote 5, p. 202. 

8 C. W. Allen: Monthly Notices Roy. Astronom. Soc. London 100, 635 (1940). 

• M. Waldmeier: Z. Astrophys. 26, 305 (1949). 

10 M. Waldmeier: Z. Astrophys. 20, 62 (1940). 
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flares produce an absorption in D a ; strong ones show emission lines. New observa¬ 
tions show the relation to be perhaps less simple than in the figure; the D a ab¬ 
sorption can also occur without a flare 1 , and may persist after a flare. 

It is often assumed that continuous spectra occur only in the brightest flares, 
but this is not according to fact. Nearly all flares of importance 2 and more 
seem to have continuous spectra 2 , but this spectrum is generally very weak 
and can hardly be discovered. In most cases its intensity is of the order of 1 % 
of the continuous radiation and only in some cases it amounts to higher values. 
In the very intense flare of July 25, 1946 it amounted to 10% 3 . With the data 
of the preceding section the optical depth in the continuous spectrum may be 
computed. With Vitense’s tables of x x , and assuming Log^ = 13.3; 0=0.7, 
£tiare/£pbotosphere = 2.5, and taking the scale height H as small as 100 km, one 

finds Log r ; = Log {x l N„ H) = 2.2 and 
photosphere ~ 0.04 which is in 
the range of the “observed” values. 
This again indicates that the emitting 
elements of flares are small and may 
have sizes of the order of 10 2 rather 
than of 10 3 km. Mustel’s 4 suggestion 
to explain the continuous spectrum 
by a slight increase of the photo- 
spheric temperature, thus assuming 
that flares extend down into the 
photosphere does not seem well 
founded as follows from a detailed 
discussion by Svestka (footnote 5, 
p. 202). Sometimes the continuum is 
slightly polarized®. 

In some cases the continuous spectrum is more striking. The classical observa¬ 
tions arc those of Carrington and Hodgson (1859) who both, independently, 
observed a flare in white light (11 h UT 1. 9- 1859)- This kind of observation has 
been repeated only a few times; the most impressing case is that of 23. 2. 1956 
when the great flare of that day was observed visually in white light on a pro¬ 
jected image by Unno and Shimizu at the Tokyo Observatory 6 . The duration 
of visibility was about 5 min, the diameter was 3500 km. Also for the flares of 
July 7, 1937 7 , March 5 and July 25, 1946 s , August 31, 1956 and March 23, 1958° 
there was an observable enhancement of the continuum. 

Another classical observation is that of Ellerman's 10 “bombs” in which the 
continuous spectrum is brightened over a broad region (30 A) around Ha, but 
where Ha and the other Fraunhofer lines are practically unchanged. The interest 
in this latter kind of observations has been revived in recent years by Severny’s 
high resolution- and high dispersion-observations of active faculae and of flares 11 . 

1 V.A. Krat and V.M. Sobolev: Isw. GI. Astron. Obs. Poulkovo 162 (1958). 

2 Cf. footnote 10 . p. 205 - 

3 M. A. Ellison: Observatory 66, 358 (1946). 

4 E. R. Mustel: Trans. Intemat. Astronom, Union 9, 671 ( 1957 ). 

4 A.B. Severny and W.L. Khokhlova: Isw. Krymsk. Astrophys. Obs. 20, 67 (1958). 

6 M. Notuki, T. Hatanaka and W. Unno: Publ. Astr. Soc. Japan 8 , 52 (1956). 

7 M. Waldmeier: Z. Astrophys. 20, 46 ( 1940 ). 

8 M. D'Azambuja: L'Astronomie 61, 114 (1947). Cf. also Observatory 67, 156 (1947). 

* M. Waldmeier: Z. Astrophys. 46, 92 ( 1958 ). 

10 F. Ellerman: Astrophys. Journ. 46, 298 (1917). 

11 A.B. Severny: Astron. Zhurn 33, 74 (1956). — Isw. Krymsk. Astrophys. Obs. 17, 
129 (1957); 19, 72 (1958). Cf. also Observatory 76, 241 (1956). 
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Fig. 60. The central intensities of D t and I), in flares 
versus the Hx central intensity. M. Waldmeier: 

Z. Astrophys. 20, 62 (1940). 
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These observations show that tiny structures, in some respects quite similar to 
the Eu.ERMAN bombs can be seen fairly often when only the image resolution 
is great enough. This latter kind of emission appears near growing spots and in 
the first development stage of flares, especially in the flash stage, and is concen¬ 
trated in short-lived granules with diameters of the order of 400 km. 

The difference between these so-called "moustaches” and the Ellerman 
bombs is the size (the bombs are larger) and perhaps the life time: Dodson- 
Prince and Mohler (private communication) have observed a number of bombs 
with rather long life times. 



Fig. 61 a <1. Moustaches. From above to below: (a) Moustaches in the K -line, (b) In H and H e, during a flare. (^Sym¬ 
metrical Ha moustaches, and (d) asymmetrical moustaches in Ha. Courtesy A. B. Severny, Crimean Observatory. 


The difference between moustaches and flares is that the flare emission 
fills mainly the central part of the line and also the wings, whereas the mous¬ 
taches are mainly brilliant in the line wings, leaving the line core practically 
undisturbed. This shows that they occur mainly at photospheric or chromo¬ 
spheric heights below the region where the Ha core is emitted, that is below 
about 2000 km, which is confirmed by a study of H and K moustaches by Khok¬ 
hlova 1 (r = 0 to 1.0). In limb observations they are also observed above the 
limb (Fig. 58). 

Moustaches tire always accompanied by a continuous emission which appears 
as a continuation of the moustaches in the form of thin threads through the spec¬ 
trum. This continuous spectrum resembles that of an A 0 star. At the place of 
the continuous emission the Fraunhofer lines are somewhat violetward displaced 
(2 km/sec). 

Severny remarked that the very broad wings (up to 10 to 15 A) of flares 
in the flash stage often consist of a cluster of moustaches (cf. also Fig. 58). 


1 E. Khokhlova: Isw. Krymsk. Astrophys. Obs. 19. 115 (1958). 
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A typical Ha-moustache may extend up to 15 A, the violet wing generally being 
brighter and broader than the red one, independent of the position on the disk. 
Sometimes only the violet wing is visible, indicating a great violet shift of the 
emission as a whole (up to 1000 km/sec; neither limbshift nor darkening). Often 
also the dark absorption line is shifted violetward, suggesting slow large scale 
motions, at a speed not exceeding 8 km/sec. The life time of these structures is 
proportional to the area, it is of the order of some minutes. The area increases 
with the line intensities. The amount of energy liberated in these granules is 
estimated to be of the order of 5 x 10 2 ergs cm' 3 sec -1 ; i.e. a thousand times 
more than the thermal photospheric energy density. Since the energy exchange 
with the surroundings goes at a fairly rapid rate, a source of energy should be 
required to maintain the observed emission rate during the life time of these 
formations. 

The amount of energy emitted seems comparable to the energy produced in 
thermonuclear reactions. Another indication that thermonuclear reactions might 
be active in the generation of this radiation is found in the observation that 
the depression at 6560.8 A, tentatively ascribed to deuterium (abundance of 
D/H =4X 10~ 5 according to Severny 1 ), increases in the moustaches. Also the 
amount of energy then generated is of the same order as the observed quantity. 

It is not certain whether this identification is correct. The D line profile, as published by 
Severny seems too narrow; it should have a width comparable to the Ha-core s . 

It is clear that the moustaches and "Ellerman bombs", although related to 
flares are different classes of objects. Flares are typical upper chromospheric 
phenomena; the moustaches are low chromospheric. They are explosion-like 
phenomena, a conclusion drawn from the observation that the expansion is in¬ 
dependent of &, hence is isotropic. 

54. The ultra violet and X ray spectrum associated with flares. The first measure¬ 
ment of the X ray radiation of the Sun during (the last moments of) a flare was 
made in 1956. 

Up to then the only source of information was the terrestrial ionosphere. 
Flares seem to have no perceptible influence on the E and F layers, which means 
that the flare spectrum does not show an excess of radiation in the wavelength 
interval 100 — 1000 A. However, the D layer is appreciably influenced. Iono¬ 
spheric observations point to a lowering of the reflecting ceiling by 15 km during 
the strongest flares. It is known that the normal D layer is produced by Lya 
radiation, ionizing NO molecules which occur in a rather small abundance in 
the upper atmosphere, but this radiation seems insufficient to produce the lower¬ 
ing of the D layer. Friedman and Chubb 3 have computed the following relation 
between the height of the D layer base and the required increase of Lya radia¬ 
tion: 

Height of D layer (km): 74.6 71.8 67-2 64.4 62.2 60.5 

Increase in Lya: 1 2.5 25 2.5 X10 2 2.5 X 10 s 2.5x10*. 

For a large flare the Lya radiation should increase by about 10 5 . It seems im¬ 
probable that the Lya radiation can increase by so large a factor: the necessary 
radiation temperature in Lya should increase from 6000 to 80000°*. But since 
the terrestrial atmosphere near h — 70 km is also transparent for X-rays (A< 5 A), 

1 A. B. Severny: Astron. Zhurn. 34, 328 (1957). 

a C. de Jager: Rech. Obs. Utrecht 13, No. 1 (1952). 

5 H. Friedman and T. A. Chubb: Physics of the Ionosphere, p. 5S. Condon 1955. 

* C. de Jager: in: Solar Eclipses and the Ionosphere, p. 174. London 1955. 
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which moreover ionize all constituents—not only NO, Friedman and Chubb 
predicted that the flares would prove to emit X-rays of wavelengths shorter 
than 6 A. Their prediction found a beautiful confirmation 1 in the first rocket 
observations of a flare, made on July 20, 1956 by means of a rocket (15 cm dia¬ 
meter) brought by a balloon to a height of 21 km and fired at floating altitude 
by radio command after the detection of a flare of importance between 1 and 1”. 
Observations were made in the last few minutes of the flare’s activity. The rocket 
was equipped with an ionization chambre with a LiF window, filled with 
NO gas to measure Ly« radiation, and a Geiger counter with Be window for the 
measurement of X-rays between 0.05 and 10 A. 

No increase of Lya radiation over normal was observed, but excess X-ray 
radiation proved to be present in the spectral region below 8 A (though these 
X-rays were not strong enough to produce a radio fade out). 

In the summer of 1957 new data could be obtained 1 on solar X-rays emitted 
during flares of importance 1 + , 2 and 3- The measurements were made with 
two-stage rockets fired from a ground station at an island in the Pacific. The 
total X-ray flux varied from about 10' 8 ergs cm" 2 sec -1 for the imp. 1 flare to 
about 10 -2 ergs cm -2 sec 1 for the imp. 2 flare. For the imp. 3 flare the increase 
of hardness of the radiation seems more important than the increase of intensity. 
The largest flares produce the shortest wavelength emission: about 2 A. The 
radiation was perceptible at a height as low as 63.5 km. 

The Table 12 below surveys the most reliable data, obtained during and after 
the sunspot minimum of 1953/54 as compared with later observations. 


Table 12. 


Rocket 

Time of firing (UT) 

Energy below 8 A 
(erg • cm"* sec -1 ) 

Energy 8—20 A 
(erg • cm - * sec -1 ) 

Flare 

A 14 

15- 11- 1953, 22.40 

<6.7X 10 -8 

0.0015 


A 15 

25. 11- 1953, 15 46 

2.9 x io-® 

0.0013 


A 16 

1. 12. 1953. 15.29 


0.0004 


A 34 

18. 10. 1955 , 22 50 

0.065 

0.0012 


D8 

20. 7-1956, 19-17 

5X 10 -3 


1“ 

42 F 

20. 8. 1957, 16.49 

>3X10~ S 

1* 

45 F 

29- S. 1957, 21.12 

>2X10 -3 


2 

49 F 

18. 9- 1957, 17-54 | 

>1.2X 10’* 

1 3 


The theoretical problem whether X-rays of so short a wavelength can be 
emitted by the Sun has been investigated by Elwert 2 , who computed the 
X-ray emission of coronal condensations, characterized by temperatures of 
6 X10 8 and 3 x 10 ° °K and a central electron density of 6 x 10 9 cm -3 . It appeared 
that the emitted intensity of radiation considerably increases as compared with 
the undisturbed corona (7^ = 10 ® °K). The short wavelength end of the conden¬ 
sation spectrum is found at 6 to 7 A, shorter than for the normal Sun, but still 
greater than the wavelength where radiation is actually observed. It is perhaps 
not impossible that small coronal knots have a still higher temperature. The 
yellow coronal line (CaXV, 841 eV) which is closely connected with strong flares 
points to a temperature in coronal "hot spots" that may reach 10 7 °K. Such a 
temperature might be sufficient to emit X-rays near 3 A (cf. also Sect. 74 ). 

1 H. Friedman, T. A. Chubb, J.E. Kupperian, R. W. Kreplin and J. C. Lindsay: IGY 
Rocket Report Series 1. 183 (1958). 

2 G. Elwert: Z. Astrophys. 41, 67 (1956). 

Handbuch der Physik, Del. LII. 
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That radiation shorter than 1.5 A has not been observed is explained by the 
fact that this wavelength limit corresponds to the ionization energy of the /f-shell 
of Fe (ionization temperature 4X10 7 °K). Radiation of still shorter wavelengths 
can only be emitted if the if-shells of still heavier atoms are ionized, but these 
atoms have so low an abundance that no appreciable radiation intensity can be 
expected. Cf. further Sect. 74. 

c) Dynamical phenomena associated with flares. 

55. Influences on filaments and prominences: activation. As a rule stable 
filaments do not occur in an active centre, the filaments occurring are mostly 
short-lived and their life times may still be shortened by the occurrence of flares. 

The influences of flares on filaments and prominence are various: (1) Together 
with a flare a high speed flare-filament (active dark flocculus) may appear. 
These objects are disk-projected flare surges (see next section). (2) A flare may 
activate an already existing filament, which as a matter of fact is at a consider¬ 
able distance from the flare, because stable filaments do as a rule not occur 
closely to spot-groups. Often (3) such an activation results in a sudden disappear¬ 
ance of the filament. Finally, (4) flare-like faculae, occurring outside spot-groups 
may be connected with ascending filaments. In this section cases (2), (3) and (4) 
are discussed; case (1) is treated in Sect. 56. Reference is further made to Sect.66 
(on the activation and dissolution of filaments). 

<x) The activation of a filament is reflected by the increase of darkness, size 
and shape and of internal motions. The activation may last for a considerable 
time and it may in rare cases even start before the visual appearance of a flare. 
It may end with the complete dissolution of the filament. Some regularities in 
flare activation have been summarized by Bruzek 1 2 , who also reviews earlier 
descriptions by others. In all of his 23 observed cases the filaments obtained 
high radial velocities up to several hundreds of km, together with an increase of 
area and darkness. In 15 cases the filament returned to its original shape and 
position, in the other cases it disappeared. On the other hand 39 cases were 
observed in which closely neighbouring filaments were not influenced by flares. 
There is neither any dependence on brightness or area of the flares nor on the 
distance between flare and filament. The average duration of the activation 
process for non-disappearing filaments is about one hour. The motions are much 
more complicated than in the case of surges. It seems that filaments situated 
on the prolongation of threads of filamentary flares are more influenced than 
others. Assuming that the—unknown—activating disturbance starts together 
with the flare and at the same place, one obtains (from the time difference be¬ 
tween start of flare and start of activation) a velocity of progression for this dis¬ 
turbance of 20 to 200 km/sec, average value 60 km/sec. 

/?) Disappearance of filaments. In the cases that filaments were observed to 
dissolve wholly under the influence of flares, they were already more or less 
unstable. In other cases it happens that disappeared filaments come back after 
one or two hours sometimes after a longer interval (days). 

In the majority of the cases (60%, Bruzek?) the sudden disappearances of 
filaments are not due to flares but are rather correlated with the origin of new 
centres of activity. It is known that the appearance of a new centre has a dissolv¬ 
ing influence on all remnants, if still existing, of old centres, like filaments. The 


1 A. Bruzek: Z. Astrophys. 28, 277 (1951). 

2 A. Bruzek: Z. Astrophys. 31, 99 (1952). 
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disturbances originating from the new centre progress much slower than those 
due to flares, viz. with an average speed of 1 km/sec; their influence may extend 
to a distance of 25°. Filaments at this distance dissolve 3 to 5 days after the origin 
of its centre. Bruzek 1 has suggested to associate this expansion with the general 
expansion velocity of young centres of activity as detected in the expansion of 
the emission line corona (5303 A) of the BM regions, and of the Ha and Ca + 
faculae (speeds sa 0,3 to 0,6 km/sec). 

y) Flare-like faculae. Bruzek 2 - 3 and Becker 4 have drawn attention to the 
fact that of the ascending filaments (sudden disappearances by ascension) that 
are not associated with the origin of new centres of activity, 70% are associated 
with flare-like Ha faculae. These faculae generally form a string of bright 
mottles or alignments of equal length as the filament at the basis of the 
disappeared filament or parallel to it. Sometimes two successions are formed, 
parallel to each other at some 5° apart. These flare-like faculae resemble the 
flares in some respects, they may attain a brightness equal to those of imp. 
2 flares, but ( 1 ) they occur outside centres of activity (because they occur at 
the same place of initially quiescent filaments) and ( 2 ) their development is 
much slower. (The suddenness of commencement is one of the characteristics 
of flares—see definition, p. 191 .) The brightening begins 20 to 40 minutes after 
the filament starts ascending; maximum brightness is attained some 30 to 
100 minutes later; the decay is very slow (mean life time 3 hours). Sometimes 
the bright mottles move away from the basis of the filament with a velocity 
of some km/sec. 

The observations that certain filaments are activated or dissolved whereas 
others, often closer to a flare, remain unchanged might suggest a magnetic or 
mechanical perturbation rather than the influence of radiation. However Oh- 
man 5 has suggested to explain this behaviour on the basis of a radiational disturb¬ 
ance by assuming that filaments that do not disappear are cold ones consisting 
for a considerable part of H 2 molecules. These are not affected by the ionizing 
influence of the Lyman continuous radiation of flares. 

56. Flare-surges, -puffs and -filaments®. One should well distinguish between 
flares and the flare-surges that accompany flares. When seen at the limb the 
flare surges are bright; viewed against the disk they may as well be brighter 
or darker than the surroundings; often they are bright in their first phase and 
become dark in the next phase. 

In general a limb-surge, according to the description of Menzel and Evans 7 , 
consists of "streamers or knots of luminous gas ejected from active areas of the 
solar surface. The ejected filaments or knots exhibit a tendency to return to 
the Sun along or near the initial paths. The actual trajectory may be highly 
curved and run frequently parallel to paths of neighbouring moving material. 
The surges, as a class, possess the highest velocities of all the prominences, often 
attaining several hundreds of kilometers per second. The filaments are often 
quasi-oscillatory. As Pettit has pointed out, surges may recur again and again 
in the same place. The similarity of successive apparitions of the filament, as 

' A. Bruzek: Z. Astropliys. 31, 111 (1952). 

2 A. Bruzek: Z. Astrophys. 42. 76 (1957). 

3 A. Bruzek: Observatory 72, 154 (1952). 

1 U. Becker: Z. Astrophys. 42, 85 (1957). 

5 Y. Ohman: Ark. Astr. 2, 1 (1956). 

6 Cf. W. O. Roberts: Trans. Internat. Astronom. Union 9, 658 (1957). 

7 D. H. Menzel and J. S. Evans: Convegno Volta 11, 130 (1953). 
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to outline and curvature, strongly suggests that the same material is involved. 
At least the gas must be subject to nearly identical force fields. 

Some surges fade to invisibility or near invisibility, which event may occur 
either during the rise or descent of the material. The indications are, however, 
that much of the invisible matter falls back to the solar surface although an 
appreciable fraction of it may well expand into the corona.” 

A typical flare-surge, described by McMath and Mohler 1 appeared 12 min 
after a limb flare. It reached maximum extension (height of 60000 km) 13 min 
later. Then the top shrunk back and it subsided 24 min after that moment. So 
the mean upward velocity was about 100 km/sec, the downward velocity half of 
that. 

The average time difference between the beginnings of a flare and an accom¬ 
panying surge is of the order of 4 min, most of the surges starting after the flare 
(up to 30min); only about 10% start before the flare 2 . 

The lifetime of a surge varies from 2 min for the smallest to about 2^ hours 
for the largest (mean duration: 25 m 2 ~ 4 ). They have a tendency to be recurrent. 
Pettit once observed a centre of activity in which eight surges occurred in hours. 
Flare surges may reach heights of 10 6 km; they are never to be identified with 
flares; they do not occur precisely over a flare but they may form part of it, and 
always occur in the neighbourhood of a flare. The average distance is about 
15000 km 2 , but the distance may amount up to 170000 km, once observed by 
Bruzek 4 . The direction of the surges, projected on the disk are initially nearly 
radially away from the nearest major spot 8 . 

The frequency of flare-surges is given below (Ellison 3 ): 


Importance 

Number of flares 

% of surges per flare 

1 

142 

31 

2 

45 

51 

3 and 3+ 

9 

78 


Bruzek 4 , on the basis of a somewhat different flare-classification, consisting 
of four classes defined by area and line width, finds: 


Class .... 

I 

II 

III 

IV 

Number . . 

118 

113 

68 

17 

Percentage . | 

51 

52 

62 

82 


On Ha spectra of important flares surges are common accompanying features. 
They present absorption spectra which may either be red- or violet-displaced. 
As seen at the limb, the matter may appear to have outward velocities up to 
500 km/sec and more; if projected on the disk and observed as Doppler displace¬ 
ments the velocities seem generally to be smaller, which might be due to lack of 
absorbing power of the hydrogen atoms. 

When observed on the disk in Ha (Fig. 62 a) a surge starts its life as a bright 
or dark mottle, of about 10000 to 20000 km diameter (“high speed dark fila- 

1 R. R. McMath and O. C. Mohler: Observatory 68, 110 (1948). 

4 K. Loi>6n: Ark. Astr. 2, 153 (1958). 

s M. A. Ellison: Monthly Notices Roy. Astronom. Soc. London 109, 3 (1949)• 

4 A. Bruzek: Z. Astrophys. 28, 277 (1951)' 

5 R.G. Giovanelli: Austral. J. Phys. 11, 191, 350(1958). — E. F. Shaposhnikova: Isw. 
Krymsk. Astrophys. Obs. 18, 151 (1958). 
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ment”). In 90% of the cases the velocity of ascent increases first, the maximum, 
up to 200 km/sec and sometimes more, is reached in a few minutes; then the ve¬ 
locity begins to decrease. Simultaneously the filament becomes less visible, 
till the matter comes to rest. Shortly after that moment a red displaced absorp¬ 
tion streak appears, nearly 
or precisely at the same 
place, presumably the same 
matter going down. There 
seems to be a discontinuity 
in the velocity time dia¬ 
gram (hfEWTON 1 ) near v = 0, 
but this might be due to 
the decrease of visibility of 
the filaments near v= 0 
(Bruzek 2 ). 

The reduced visibility is caus¬ 
ed by the fact that the central 
intensity of Ha in surges is about 
equal to that of the quiet Sun 
spectrum so that surges are only 
well visible when presenting 
Doppler motions: Since the cen¬ 
tral intensity of Ha in filaments 
is about half that of the quiet 
Sun spectrum quiescent filaments 
are visible in the centre of Ha, 
and stationary surges hardly. 

Sometimes surges are not 
only observed in monochro¬ 
matic light but also, as dark 
structures, in white light 3 . 
These white light surges are 
only visible for some mi¬ 
nutes (g 10 m ), during the 
first phase of a surge. As a 
rule they coincide more or 
less with the Ha structure. 
Often, details become earlier 
visible in white light than 
in Ha, suggesting that the 
white light picture refers to 
the fastest parts of the 
surge. 

Particles with higher 
speeds than normal surges 
can be emitted during a 
flare’s very early stages, at the time of onset 4- ®. The outward velocities observed 
in these cases amount to 750 km/sec and in one case* even reached 1330 km/sec. 



Fig. 62 b. Hoc spectra of surges. For an estimate of the velocities: Ha 
is about 1 A wide; at 6562 A; 1 A =>4 5.7km/sec. From above to below: 
1948 , Sept. 19 ; 1951 , June 7, lifOl; 1951, Sept. 15, 15!M3 UT. 
Courtesy M. A. Ellison, Edinburgh. 


1 H. A. Newton: Monthly Notices Roy. Astronom. Soc. London 102, 2 (1942). 

2 Cf. footnote 4, p. 212. 

3 U. Becker: Naturwiss. 21, 554 (1957). 

1 H. W. Dodson, E. R. Hedeman and J. Chamberlain: Astrophys. Journ. 107, 66 (1953). 

5 J. D. Warwick: Astrophys. Journ. 125, 811 (1957). 

6 Cf. footnote 5, p. 212. 
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The great Doppler shifts make disk observations of these phenomena exceed¬ 
ingly difficult; they were discovered in limb observations both in Ha and Ca + 
spectroheliograms. These ejections differ from the flare surges in degree (greater 
velocities, sometimes exceeding the velocity of escape), and perhaps also in 
character: the surges may occur during the whole life of the flare whereas these 
fast ejections occur close to the time of onset. Giovanelli 1 found that such 
high-speed ejection are related to a rapid expansion of the flare in its initial 
stage: the flare-puff. 

In the radio-range 2 / 3 of the flare-puffs were accompanied by outbursts 
perhaps related to the emission of matter. The ejection may take place from 
a place close to the observed flare or at a greater distance, up to 100000 km. 
The apparent trajectories are nearly linear. These ejections may be connected 
with an appreciable motion in a lateral direction (cf. also Sects. 92 and 93). 

57. Cosmic ray emission by the Sun 2 ’ 3 . The intensity of cosmic radiation on 
the Earth may increase temporarily after the occurrence of intense solar flares. 
So it seems appropriate to discuss the solar cosmic ray emission in this chapter, 
devoted to solar flares, although it looks very uncertain that the cosmic radia¬ 
tion is emitted by the flare proper. It seems more probable that a higher, hot 
coronal region, is responsible for this emission. The instrumental problems will 
not be treated in this section; the reader is referred to Vol. XLVI of this Ency¬ 
clopedia. 

Although the primary cosmic radiation can be well detected by means of balloons and 
even on high mountain tops it is recorded in its most “pure” form by means of rockets. 
What is observed at the Earth’s surface is the secondary radiation which originates when a 
primary high energy nucleus, generally a proton, collides with oxygen or nitrogen nuclei 
in the upper terrestrial atmosphere. The disintegration products of this collision are unstable 
charged and neutral jr-mesons (the meson component) as well as stable high energy nucleons 
(protons and neutrons: the nucleonic component). The neutral jr°-mesons, with life times of 
the order of l(r 8 sec commonly decay whilst in flight into a pair of high energy y-rays (the 
“soft component”) and these y-rays produce cascades of electrons and quanta. The ji + - and 
^“-mesons partly decay, yielding //-mesons, partly they are captured. The //-mesons pene¬ 
trate down to sea-level (the “hard” component). The high energy nucleons, being the third 
component, lose their energy by other collisions with air atoms; at each collision lower energy 
nucleons ( p ; n) are produced with energies of 1 to 20 MeV. These collisions are called nuclear 
bursts or stars after their appearance in Wilson chambers and in nuclear emulsion plates. 
The disintegration neutrons of the low energy primaries have rather low energies so that they 
may be slowed down and be recorded by a neutron detector. 

For the detection of charged particles principally two instruments are used. The ioniza¬ 
tion chamber is a large vessel, often spherical, with a volume of several hundreds of liters, 
with small concentric spherical electrodes. It records all charged particles, especially mesons; 
the instrument is equally sensitive to mesons coming from all directions; if not highly shielded, 
it may be sensitive to local low energy radiations, and nuclear bursts. The Geiger-Muller 
counters may be combined to form a telescope which permits the detection of particles from 
a given direction; also this instrument records mainly the high energy particles. 

For the detection of the secondaries of the low energy primary radiation Simpson et at. 
have developed a neutron intensity monitor consisting of a local neutron producer, paraffin 
to slow down the neutrons to low velocity, and special proportional counters to detect the 
rate of capture of neutrons in the boron nuclei of the counter gas (B 10 + n -* Li 6 + He 4 ). This 
type of instrument extends the observation of changes in cosmic ray intensity of the low 
energies and, hence, increases the possibility for detecting cosmic rays produced by solar 
flares. 

Since the yield of secondary particles depends on the atmospheric pressure 
(causing greater absorption) and on the temperature (causing a change in the 

1 See footnote 5, p. 212. 

2 Cf. J. A. Simpson: Ann. Geophys. 11 (1955)- 

3 J. A. Simpson: Proc. Nat. Acad. Sci. U.S.A. 43, 42 (1957). 
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number of decaying //-mesons), and also on the terrestrial magnetic field, correc¬ 
tion terms must be known for these three effects. The temperature and pressure 
variations produce a daily component of considerable amplitude when measuring 
the meson radiation; the nucleonic component is sensitive only to changes in 
pressure. Another part of the daily variation is due to a modulation of the prim¬ 
ary cosmic ray intensity in the Earth’s magnetic field 1 . This latter effect is 
especially important for solar physics, since the field changes caused by enhanced 
solar ultraviolet or slow particle radiation may erroneously suggest a solar in¬ 
fluence on the primary cosmic ray intensity. So care is needed. Phenomena 
which are thought to be due to modulation effects are: 

1 . The 27 -day recurrences, with variations, generally not larger than 5 % 
(still depending on the detecting instrument and also varying during the solar 
cycle 2-5 —see also Sect. 61 ). Correlogram analysis shows that more than one 
27 -day period may exist at the same time. Although they may occasionally 
persist up to nine solar rotations, the recurrence tendency is less for cosmic 
rays than for the so-called magnetic activity 6 . 

2 . The Forbush type decrease 7 , which starts rather suddenly, lasts for five 
to ten days, and may be as large as thirty to forty percent. 

Whether or not the Forbush type decreases and the so-called cosmic ray 
storms, occurring together with geomagnetic storms, are essentially the same is 
still a matter of controversy 5 ’ 8 . 

Experience since 1942 has shown that the cosmic radiation from the Sun 
has relatively low energies. Since the relative yield of secondary nucleons, as 
compared with the unstable charged particle component increases with decreas¬ 
ing energy, an increase of low energy primary radiation may hardly or not at all 
be detectable with charged particle detectors but quite well with neutron detectors. 
For the flare of 19 November 1949 the increase of received radiation with a meson 
detecting telescope was 12%, whereas the increase of recorded neutrons was 
more than 400 %. The neutron component appears to show a latitude effect 
greater than 200% at low altitudes and greater than 300% at high altitudes. 
This is also a consequence of the above statement: high energy particles hardly 
show any latitude effect since they are not deviated in the Earth’s magnetic field. 

The above makes clear that the Earth’s magnetic field acts as a spectrum 
analyser for cosmic ray particles. So, by making simultaneously observations 
at different geomagnetic latitudes and with different kinds of instrument, it is 
possible to determine the relative portion of particles of different incident energies, 
or as it is usually said: of different rigidities. The rigidity of a particle with charge 
Ze and momentum P in a magnetic field is given by PcjZe, generally measured 
in units of 10 9 eV (GeV): all particles of the same rigidity will experience the same 
deflection in a magnetic field. An ion chamber or meson telescope permit to 
make measurements from 7 to 10 GeV to the highest rigidities. The neutron 
monitor extends for 10 9 eV to the higher rigidities. The vertical cut-off rigidity 
at the Earth’s equator is 15 GeV; only particles with energies > 60 GeV can 
approach the Earth from any direction. 

1 H. Elliot arid P. Rothwell: I. A. U. symposium, Stockholm 1956. 

2 J. A. Simpson: Ann. Geophys. 11, 305 (1955)- 

3 J. A. Simpson: Phys. Rev. 94, 426 (1954). 

4 S. E. Forbush: J. Geophys. Res. 59, 525 (1954). 

5 R. R. Brown: J. Geophys. Res. 61, 639 (1956); 62, 147 (1957)- 

6 S. E. Forbush: I. A. U. symposium, Stockholm 1956. 

7 S. E. Forbush: Terr. Mag. Atm. Electr. 43, 207 (1938). 

8 K. Kawabate, I. Kondo, K. Murakami and M. Wada: Rep. Ionosph. Res. Japan 
11, 229 ( 1957 ). 
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The first clear indication of cosmic rays produced together with a solar flare 
was on 28 February 1942, when a 3 + flare occurred in the large spot group which 
passed the central meridian at the same day. (It was the radio noise of this same 
flare which led Hey to the discovery of the solar radio-radiation 1 .) The increase 
of cosmic radiation which was of the order of 20 %, was observed about one hour 
after the maximum of the flare; after one day it was followed by a decrease and 
a slow recovery afterwards, due to a disturbance of the terrestrial magnetic 
field by the slow particles, that also produce a magnetic storm. Cosmic rays, 
due to strong flares, are observed when the source occupies virtually any place 
on the visible solar disk; there is perhaps a slight E-W asymmetry 2 . 

The problem of the impact of cosmic rays on the Earth has been considered 
by various authors. Firor 3 computed the Stormer orbits, assuming a dipole 
field for the Earth. A beam of particles from the Sun, with magnetic rigidities 
of 1 to 10 GeV will produce an increase in the cosmic ray flux in four well defined 
“impact regions”, at the west of the sub-solar point, at average longitudes 4 h 
and 9 h and at average latitudes of 50° ± 20 °. Besides, some cosmic radiation 
will also be received in two background zones encircling the Earth between lati¬ 
tudes 25 and 60 °, with a faint maximum at about 20 h local longitude. The 
relative intensities in the three zones are 7:3 : 1 • So if a detector is in one of the 
impact zones at the moment of a cosmic ray producing flare, an increase of 
intensity should be observed. Criticism to the theory refers to the fact that inter¬ 
planetary space may not be empty (N e & 10 3 cm ' 3 near the Earth) and it is doubt¬ 
ful whether in such a case the elementary Stormer theory may still be applied. 
The average number of particles in a cosmic ray storm is of the order of 1 cm -2 sec -1 . 

Some data on cosmic ray bursts associated with great solar flares are given 
in the Table 13 ; it contains the biggest four flares observed. The flare of 7 . 3 . 1942 
was not observed optically. 

Table 13. 


Date 

Flare imp. 

Solar coordinates 

W (UT) 

Line width 
of Ha (A) 

i 

Time lag 
C.R.-flare max 

Time lag 
C.R.-geomagn. 
storm 

28. 2. 1942 

3 + 

04 E 07 N 

12.00 

4.1 (12.42) 

i h 

19?5 

7- 3- 1942 


90 W 07 N ? 

04.42 


i h 


25. 7- 1946 

3 + 

1 5 E 22 N 

16.27 

15.9 (max) 

2* 1 5 


19- 11. 1949 

3 + 

70 W 02 S 

10.32 

22.9 (max) 

oi*5 

26^4 

23. 2. 1956 

3 + 

80 W 20 N 

03.42 

>18 (max) 

0?2 

X! 

CO 

Th 


Of the 1949 and 1956 flares the neutron component was also measured. The 
general trend is that the neutron yield increases very steeply to a maximum, 
followed by a slow decrease which may last for many hours after the end of the 
visual flare. 

The flare of 23- 2.1956 is the one best studied. It started at 03 h 31 m ± 1 m UT 
and was located rather close to the limb. Its maximum area (uncorrected for 
foreshortening) was I. 3 XIO -3 of the visible hemisphere. The last observations 
were made at 04 h 14 m UT (not end of flare). On the daylight side of the Earth 
a sudden ionospheric disturbance started at 03 h 30 m to 03 h 32 m UT. Solar radio¬ 
burst emissions were observed to start between 03 h 33 m and 03 h 35 m UT on all 
frequencies between 10000 and 19 MHz. Those at centimeter and decimeter 

1 Cf. Vol. LI 11 of this Encyclopedia. 

2 Cf. J. A. Simpson: Proc. Nat. Acad. Sci. U.S.A. 43, 42 (1957)* 

3 F. Firor: Phys. Rev. 94, 1017 (1954). 
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waves were of the strongest ever observed 1 . The first cosmic ray particles arrived 
at the Earth’s nightside at 03 h 45 m ± l m UT. The cosmic ray flux exceeded 
in intensity all previously observed cosmic ray bursts. At one of the more than 
40 observing stations (Berkeley) the following relative increases were measured; 
they are characteristic for observations at medium geomagnetic latitudes. 
Neutrons maximum at 03 h 49 m UT increase: 600% 

Total mesons 03 h 52 m UT 58% 

Hard mesons 03 h 53 m UT 38%- 


AH/'N 0 Ha. max 



10 20 SO 100 200 500 

Fig. 63. Onset of cosmic ray burst of 23 February, 1956, at different observing stations. A. Ehmert and G. Pfotzer: 
Mitt. Inst. Phys. Stratosphare, Weissenau 6 (1956). 

The contribution of high energy particles was so great, this time, that there 
was even a substantial increase of meson activity near the geomagnetic equator: 
in India the average increase was 6%. 

Some characteristic properties of this and other cosmic ray increases are 
lis ted below (cf. also 2 ~ 4 ): 

1 H. Tanaka and T. Kakinuma: Proc. Res. Inst. Atm. 4, 74 (1956). 

2 R. R. Brown: J. Geophys. Res. 61, 639 (1956). 

3 P. Meyer, E. N. Parker and J. A. Simpson: Phys. Rev. 104, 768 (1956). 

4 A. Ehmert and G. Pfotzer: Mitt. Max Planck Inst. Phys. Stratosphare 6 (1956). 
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(a) The onset of cosmic radiation was very sharp (Fig. 63). This eliminates 
the possible occurrence of interplanetary diffusion by magnetic fields. It is 
estimated 1 that the field between the Sun and the Earth must in any case be 
smaller than 3XlO _6 Gauss to produce the observed sharpness of the onset. 

(b) Of all intense cosmic ray bursts observed up to now the onset occurs 
after that of the flare (10 min to hours). Since, however, protons of the observed 
rigidity must have velocities close to that of light, the solar “cosmic” rays must 
have been excited after the flare (other solutions to explain this delay, such as 
acceleration near the Earth or interplanetary diffusion, seem rather improbable 
for the explanation of character and time of the onset) . The cosmic rays are per¬ 
haps emitted in the very hot coronal regions overlying a flare, where according 
to Boischot and Denisse also the type IV radiobursts are emitted, some time 
after a flare (see Chap. C II, Sect. 95). Further we refer to Waldmeier, who 
noticed that also the coronal emission (5694 and 5445 A) in coronal condensa¬ 
tions reaches a maximum about half an hour after the flare’s beginning (see 
Chap. C I, Sect. 79)- 

(c) The onset was observed nearly simultaneously at the light and the dark 
side of the Earth, while it had the same intensity with no maximum near 12* 
local time. Hence the stream did not contain neutral particles in appreciable 
numbers. 

(d) The greatest intensity increase was observed by the (European) observers 
at sites between 23 h 30 m and 02 h 30 m hour local time; so the impact zone seems 
to be shifted westward by 3 h with respect to the predicted longitude. [This 
difference can be explained (Pfotzer 2 ) by assuming a slight asymmetry of the 
terrestrial magnetic dipole field.] The time to reach maximum intensity was 
about 8 min in the main impact zone, whereas outside this zone (Chicago) it 
was more than twice this time interval. The onsets in non-impact zone stations 
like Chicago and Wellington (New Zealand) were about 5 min later than those 
in the impact zone. This delay was suggested to arise from scattering of the 
particles against some reflecting region outside the Earth’s orbit. The radius R 
of this scattering region can be estimated from the difference in onset times, 
assuming that the impact zones are hit directly; Ass 1.1 to 1.4 astronomical 
units. 

(e) The slowly decaying tail of the intensity curve, lasting up to 15 hours 
after the end of the flare, had the same hyperbolic form in all terrestrial stations 
at the same geomagnetic latitude (not depending on the local time of the observ¬ 
ing station) although the Earth turned around over more than 180 degrees in 
this time. So these tails must have been due to an isotropic radiation, coming 
from all directions. Since this radiation was originally of solar origin it must have 
been diffused in interplanetary space (Schluter 3 ). Hence the field-free inner 
region of the solar system must be surrounded by a spherical barrier shell which 
scatters the solar particles. This shell should contain disordered magnetic fields 

1 O' 6 Gauss) extending from a solar distance of 1 .4 astronomical units to 
perhaps double the distance or more. Others (footnote 8, p. 216) think that the 
particles are scattered by magnetized clouds around the earth, emitted by the 
same solar CA as the one where the cosmic ray storm originated. At the same 
time these clouds may be held responsible for the F'orbush type decrease, preced¬ 
ing and following the cosmic ray storm. 

1 A. Ehmert: I.A.U. symposium, Stockholm 1956. 

2 G. Pfotzer: Mitt. Max Planck Inst. Phys. Stratosphare 9 (1957). 

3 A. Schluter: Z. Naturforsch. 6a, 592 (1951). 
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(f) The marked latitude dependence of the intensity of radiation indicates 
the usual low energy spectrum. The decline of radiation was faster at low latitude 



Hours (U.T) 

Fig. 64. The decline of the cosmic ray intensity on 23 February, 1956, measured with neutron detectors at stations of 
different geomagnetic latitudes. J. A. Simpson: Proc. Nat. Acad. Sci. U.S.A. 43, 42 (1957). 


stations than at high latitudes, showing 
contained only low energy particles (Fig. 



/ m zoo 

Rigidity {fey) 


Fig. 65. The spectrum of the primary cosmic ray particles 
at three different instants as deduced from the data given 
in Fig. 64. The normal cosmic ray spectrum is shown by a 
dashed line with arbitrary intensity. J. A. Simpson: 
Proc. Nat. Acad. Sci. U.S.A. 43, 42 (1957). 


that the spectrum after several hours 
64). From a mutual comparison of the 
observations at six stations at differ¬ 
ent geomagnetic latitudes and one 
balloon-borne neutron detector the 
spectrum could be derived 1 at three 
different moments (Fig. 65). The solar 
cosmic ray spectrum is much steeper 
than the general spectrum. 

(g) The total kinetic energy of the 
cosmic ray particles emitted by the 
flare of 23. 2. 1956 may be estimated 
by assuming that the particles are 
protons which are all still within the 
above described interplanetary cavity 
at the time of maximum. The total 
energy of all particles in excess of 
3 GeV is 1.4 X 10 30 ergs. The low ener¬ 
gy end of the spectrum might double 
this amount, but its precise amount 
is difficult to estimate (atmospheric 
absorption). This value is much smal¬ 
ler than the energy output of a big 
flare at flash stage in optical regions 2 : 
10 30 ergs/sec. 

(h) Small flares, down to import¬ 
ance 1 + also produce measurable 
effects. A statistical investigation 
(footnote 2, p. 216) showed that in- 


1 P. Meyer, E. N. Parker and J. A. Simpson: Phys. Rev. 104, 768 (1956). 

2 M. A. Ellison: Trans. Internat. Astronom. Union 9, 651 (1957)- 
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struments in the impact zones record an increase of about 0.5% during the 
occurrence of flares; outside these zones nothing is recorded. 

58. Theories on the origin of flares 1 . There is a tendency to ascribe the very 
origin of the flare phenomenon to nuclear processes near the solar surface. Various 
authors (Ambartsoumian 2 , Fowler, Burbidge and Burbidge 3 ) have stressed 
the possibility that primary energy release might take place not only in the stars’ 
centres but also in “hot spots” closely below the surface. These assumptions 
might have obtained some observational confirmation by Severny’s observa¬ 
tions of the “moustaches” (cf. Sect. 53)- 

However, whether or not these assumptions are right, a flare process itself 
is not a photospheric phenomenon; it is chromospheric or it occurs in the corona. 
A flare is certainly not the primary phenomenon but is probably activated by 
more fundamental processes. Theory should explain how under certain circum¬ 
stances a part of the chromosphere and corona obtains a very high density, which 
is sustained during some tens of minutes. (The density change in a flare seems to 
be more fundamental than the change in temperature; the latter does not much 
deviate from that of the chromospheric hot elements.) 

The observations show that flares that occur in a bipolar group, mostly ori¬ 
ginate between the two spots, and that they are most common in the magnetically 
complex y-groups. Their occurrence is correlated with changes in the group 
structure. Severny’s 4 magnetographic observations, obtained with a high resolu¬ 
tion magnetograph have the flare shown to be related to an instability or even a 
collapse of the field. Their rise-time is usually short, of the order of 5 min. 

These observations lead to the neutral region theory , which assumes that elec¬ 
tric fields, originating by induction might give the high energies to the particles. 
These electrical fields are assumed to be produced by fluctuations or variations 
in the magnetic field; they are greater if dHjdt is greater. On the other hand the 
electrons should be free to be accelerated over great distances, not braked by 
collisions and by strong magnetic fields. So one should look for a magnetically 
neutral region where the field is weak but where dHjdt is great®. Could this be 
the reason why flares often originate between the main spots of a group ? In a 
complex spot group such neutral regions are likely to occur. It is assumed that 
a flare originates in the neutral region between two spots, if at the same time 
dHjdt is so great that in one free path an electron gains an energy m\kT. The 
effective cross section for collisions of electrons with ions decreases with increas¬ 
ing velocity, so there will be a lower limit to the velocity above which an electron 
gains kT in one free path. Since the collisional cross section with neutral hydrogen 
is large, the mechanism only works in the parts of the chromosphere where hydro¬ 
gen is mainly ionized. There the number of free electrons acquiring great velocities 
might be sufficient, leading to a local heating of the gas. This is the flare. 

The neutral point theory of solar flares was critized by Cowling 6 , who finds 
a discharge theory unacceptable on the basis of Lenz’ law: “the effect of induced 
currents is to oppose the changes to which they are due” and because computa¬ 
tions show that the accelerating layer should be only very thin (5 meters) according 

1 Cf. also A. Unsold: Transact. Internat. Astronom. Union 9, 667 (1957)• 

2 V. A. Ambartsoumian: CoobCs. Bjurakan Obs. 13, (1954); cf. V. Kourganoff: Nuovo 
C im. Ser. X, 1 (4) (1955) ■ 

3 W. A. Fowler, G. R. Burbidge and E. M. Burbidge: Astrophys. Journ. Suppl. 2, 
167 (1955). 

4 A.B. Severny: Astr. Zhurn. 35, 335 (1958). — Isw. Krymsk. Astrophys. Obs. 20. 22 
(1958). Cf. also V. Bumba: Isw. Krymsk. Astrophys. Obs. 19, 105 (1958). 

5 R. G. Giovanelli: Monthly Notices Roy. Astronom. Soc. London 107, 338 (1947)- 

6 T. G. Cowling: The Sun (ed. G. P. Kuiper), p. 587- Chicago 1953. 
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to this theory. Replies by Dungey 1 and Sweet 2 show that these objections 
probably do not hold near a neutral region. Quantitative estimates by the latter 
show that the theory is able to predict flares of the observed duration and inten¬ 
sities. 

The existing theories attempt to explain a flare as a local heating of the chromo¬ 
sphere. Oster 3 computed the relaxation times for thermal cooling and found 
for chromospheric conditions decay times similar to the observed life times of 
flares. However, if it is true that flares have average heights of 16000 to 20000 km, 
thus if they are coronal for a considerable part, it is not a heating but a cooling 
mechanism that is wanted: the theory should explain how coronal matter can 
cool down suddenly to T = 10 4 °K. Perhaps this temperature decrease is related 
to the magnetic instability observed by Severny, and the subsequent contrac¬ 
tion of the plasma (footnote 4, p. 221). Cf. also Sect. 69- 

59. The velocities of particles ejected by the Sun. In this section we sum¬ 
marize the various evidences for the emission of solar particles. There is a wide 
range of velocities ranging from less than tens of kilometers, directly measured 
with the Doppler technique up to the 3 x10 s km/sec assumed for the cosmic 
radiation emitted after the flares. 

The optically observed velocities may perhaps be divided into two classes: 
first those emitted at the onset of a flare—some moustaches, some flare surges— 
with observed velocities up to and sometimes above the velocity of escape (618 km 
per sec), similar to the velocities sometimes observed for eruptive prominences. 
The other class consists of the slower flare surges with average velocities between 
50 and 100 km/sec. 

Further there are the depressions observed in the violet wing of Ha spectra 
of flares, indicating the occurrence of outstreaming matter with average ve¬ 
locities of 100 to 200 km/sec. The asymmetry is mainly observed in the flash 
and the second phase of the flares; whether it does also occur in the first phase 
is not known. In this connection we should refer to the various unsuccessful 
attempts to discover the corpuscular streams on their way to the Earth by the 
observation of Doppler displaced Fraunhofer lines, especially of the K line of 
Ca + . These attempts failed because the observations generally were made too 
long a time after the appearance of flares, when the stream was already too 
rarified. As the Ha observations show, the best time to look for the effect is at, 
or very shortly after the beginning of the flare. 

Other solar evidence for the emission of two kinds of solar particles is gained 
from the radio observations (cf. Chap. C II). Spectral observations, mainly by 
Wild and associates show the existence of two kinds of moving disturbances. 
During their passage through the corona they produce bursts of type II and 
type III. Both are correlated with solar flares. The type III bursts which occur 
during the onset of a flare have average velocities of 100000km/sec (range: 10000 
to 150000); the former, occurring mainly during the second phase of a flare, 
have velocities of 200 to 1500 km/sec (cf. also Giovanelli, footnote 5, p. 212). 

Terrestrial evidence for the occurrence of particles emitted by the Sun is 
given by the magnetic storms (cf. Sect. 109)- The big magnetic storms occur 
after flares; the particles have a mean travelling time of 1.7 day yielding a mean 
interplanetary velocity of 1000 km/sec. The recurrent storms (Sect. 110), pro- 

1 J. W. Dungey: I.A.U. symposium 6 , 135 ( 1958 ). 

2 P. A. Sweet: I.A.U. symposium 6, 123 (1958). 

3 L. Oster: Z. Astrophys. 44 , 26 (1958). 
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duced by the M regions have mean velocities of 500 km/sec, with a considerable 
scatter. 

The following table tentatively assembles the above results; it gives the aver¬ 
age velocities in km/sec. 


Medium 

Photosphere 

Chromo¬ 
sphere and 
corona 

Corona 

Interplanetary space 

Observation 

Moustaches 

Sprays 

and 

Surges 

Radio ob¬ 
servations (spec¬ 
tral type between 
brackets) 

Cosmic rays 

Magnetic 

storms 

Onset of flare . . . 
2nd phase .... 
Later effects . . . 

up to 1000 

100-800 

100 

100000 (iii)\ 
1000 (ii) / 

300000 1 

1000-1600 


An essential result of this review is that the photospheric and low-chromospheric 
velocities given in the first two columns are smaller than those of the latter three 
columns. This suggests that the main acceleration process occurs in the corona. 
For the theoretical explanation of the acceleration mechanism two facts are per¬ 
haps essential: (1) The acceleration is produced in magnetically disturbed regions, 
and the highest velocities tend to be obtained in the strongest disturbed regions. 
(2) The relatively low velocities of the first two columns are observed on low tem¬ 
perature and high density objects producing emission and absorption in normal 
Fraunhofer lines like Ha and K (Ca + ), whereas the higher velocities are observed 
in the more teneous high temperature coronal plasma. Thus the acceleration 
mechanism must be such that it increases the low velocities of the cool dense 
matter to higher velocities of the hot less dense plasma, in the presence of a mag¬ 
netic field. So, small velocities of many particles have to be transformed to high 
velocities of fewer ones, by means of a very effective energy transforming mech¬ 
anism. 

The existing theories attempt to explain this acceleration by the transforma¬ 
tion of magnetic energy into mechanical energy. Assuming equality between 
turbulent and magnetic energy in a "knot” of chromospheric matter, it can be 
computed that the electric field induced by the dissolution of such a magnetic 
surge may be sufficient to produce particles of the observed energies. However, 
the efficiency of this mechanism is practically reduced to zero by the induction 
effect which tends to oppose and to reduce the field-changes. A way to overcome 
this difficulty seems to assume acceleration in a neutral or demagnetized medium. 

With Schluter’s “melon seed” theory 1 the initial velocities can be increased 
up to a factor of the order 5, under circumstances, depending on the local magnetic 
field and the local velocity of escape. In this theory it is supposed that a knot 
of highly conductive matter is contained in less conductive matter. Because of 
the great conductivity the lines of force of the surrounding field cannot penetrate 
into the knot, so that this knot acts as a diamagnetic body, surrounded by the 
lines of force. So the knot is not magnetized. By the action of the Maxwell tension 
of the adjacent magnetic field the lines of force have the tendency to stretch, there¬ 
by producing an accelerating force and causing the diamagnetic knot to be blown 
out as a melon seed. Further Kiepenheuer’s 2 theory might be mentioned in 

1 A. Schluter: Radioastronomy (ed. H. C. van de Hulst). I.A.U. symposium No. 4 , 
P- 356, 1957- 

3 K. O. Kiepenheuer : Radioastronomy (ed. H. C. van de Hulst). I.A.U. symposium. 
No. 4, p. 345, 1957- 
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which the particles are assumed to be set into motion by the effect of a solar 
magnetic storm. Also Kolpakov 1 suggested that the particles are accelerated by 
the component of an induced electric field perpendicular to the magnetic field of 
the spots. Sweet 2 examined the possibility of acceleration in a neutral region, 
originating in a spot group consisting of four members of opposite magnetic 
polarity. Let the spots move, leading to a field-change, then the voltage drop 
V over the neutral region is about equal to 1/c times the rate of flux decrease: 

V = \jc^{fHdE). 

If the velocity is v, the length of the region l, the flux change r^vlH 0 . With 
l = fO 9 cm, H 0 = i 0 3 Gauss; V = to 10 eV if v = 1 0 km/sec, thus largely explaining 
the observed velocities. For another mechanism, based on shock waves generated 
after the collapse of the pre-flare field, cf. Severny (footnote 4, p. 221). 

Mustel 3 and Warwick 4 have suggested to explain the high velocities of 
surges occurring in the first stage of a flare (the so-called "flare-sprays”) by the 
radiation pressure, the first by pressure on Ca + , exerting a drag on hydrogen 
atoms; the other by the radiation pressure of Ly a, thus making revive a rather 
old suggestion (Milne 1924). In order that the mechanism is efficient the ultra¬ 
violet emission or Lya should be greatly enhanced during the flare. For a critical 
discussion of this effect, in which it is shown that the radiation pressure of Lya 
and of the Lyman continuous radiation of the quiet. Sun is too small by many 
powers of ten, the reader is referred to Unsold, Physik der Sternatmospharen, 
2. Aufl., p. 695 ff- 

IV. Filaments and prominences. 

60. Classification of prominences and filaments. The prominences are visible 
as bright structures beyond the Sun’s limb, in the corona where they appear 
in various forms, usually below 100000 km, the greater part below 30000 km. 
Their spectrum consists mainly of the Balmer and neutral helium lines and the 
H and K lines. The strength of Ha, H/J and Hy explains their pink-bluish colour, 
when seen during an eclipse. On spectroheliograms made in the cores of the cor¬ 
responding Fraunhofer lines, they appear as dark ribbon-like absorption struc¬ 
tures, generally called filaments, and sometimes dark (or: absorption-) markings 
or dark flocculi. Filaments and prominences are the same structures, viewed 
on and beyond the disk, but their aspects differ greatly depending on the bright¬ 
ness of the various parts of the prominence and many filaments may even dis¬ 
appear more or less when coming outside the limb. The great variety of their 
forms and structures have led various authors to the construction of classification 
schemes, some of which are fairly elaborated. The following scheme, the first 
column of which is mainly due to Pettit 5 , might be useful in most cases. 

An alternative classification scheme was proposed by Menzel and Evans 6 , 
who divided the prominences into two main classes according to the dynamically 
important viewpoint whether they descend (from above: A) or rise (from Selow: B). 
Since it is, moreover, reasonable to assume that prominence forms, support and 

1 P. E. Kolpakov: Astron. Zhurn. 34 , 222 ( 1957 ). 

2 P. A. Sweet: I.U.P.A.P. Conference on Cosmic Radiation, Varenna 1957 . 

3 E. R. Mustel: in: Les processus nucldaires dans ies astres, Liege coll. 1953, 223 (1 954 ). — 
Astr. Zhurn. 32 , 177 ( 1955 ). 

1 J. W. Warwick: Astrophys. Journ. 125 , 811 ( 1957 ). 

5 E. Pettit: Astrophys. Journ. 98, 6 (1943). 

6 D.H. Menzel and D. S. Evans: Convegno Volta 11 , 119 (1953) 
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Main disk region 

Pettit 

classifi¬ 

cation 

Menzel-Evans 

classification 

I . Quiescent prominences 

a) Normal quiescent prominences 

b) Polar prominences 

undisturbed part of sunspot 
belt (outside centres of ac¬ 
tivity) 
polar caps 

V 

r 

( AN b, c, d, m 

II. Moving prominences 




a) Active prominences 

nonspot prominences; main- 

i 

AN 

b) Eruptive prominences 

c) Spot prominences 

ly in sunspot belt, but some 
eruptives occur in the polar 
regions or near spots 

II a, b 

BN 

Cj) Spot prominences proper 

centres of activity 

Ilia, b. 

AS 

c 2 ) Knot prominences (“con¬ 
densations”), loops, and 
funnels 

near flares 

c; VI 


d) Surges 

as a rule in centres of activi¬ 
ty; often accompanying 
flares 

Illd 

BSs 

e) Spicules 

whole disk with slight pre¬ 
ponderance near poles 


BNs 


The very rare “tornado prominences'' 1 (Pettit's type IV) are not included in this 
scheme since too little is known of their relations (both morphological and evolutionary) 
to the solar activity regions. Tornadoes seem to show a helical form; once helical motions 
(t*j 4 km/sec) were suggested by Doppler shift observations (cf. 1 ). 

motions are regulated to a certain extent by electromagnetic forces, each of 
these groups is divided into spot prominences (S) and non-spot prominences (IV)- 
The subdivision is pictorial and distinguishes between ASf: funnels, ASL: loops; 
and the non-spot A prominences; ANa: coronal rain, ANb: tree trunk, ANc: tree, 
ANd: hedgerow, ANm: mound. The B prominences are divided into BSs: surges, 
BSp: puffs and BNs: spicules. 

The non-spot prominences may be broadly identified with the quiescent 
prominences (truly quiescent or activated) and the spicules. The spot prominences 
of the Menzel-Evans classification belong to the second group. The active and 
eruptive prominences are often normal quiescent ones which happen to be disturbed 
by some reason, often by an existing or newly formed centre of activity. 

The class designations like treetrunk, tree, hedgerow, mound do not ne¬ 
cessarily represent a correct structural idea in three dimensions: they are usually 
sectional projections of the general ribbon-like structure of the quiescent pro¬ 
minences. “ Mounds ” do not show as circular disks on the disk spectroheliograms. 

The Menzel-Evans classifications show the great variety of the prominence 
shapes that may occur. A classification scheme based on the prominence motions 
was developed by Severny. For this classification, which applies mainly to 
the prominences of our type II, reference is made to Sect. 66. 

The prominences show a particular latitude distribution, which, moreover, 
depends on the solar cycle (see Sect. 99)- They are most abundant in two equa¬ 
torial zones, between to and 40°, where upon close examination each zone appears 
to consist of two others: one confined to the strict neighbourhoud of the spots 
(prominences of groups II, c, d) and one, at about 5 to 10° higher latitude (la; 


1 E. Pettit: Publ. Astronom. Soc. Pacific 62, 144 (1950). 
Handbuch der Physik, Bd. LI I. 
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II a, b). The high latitude (polar) prominences appear for the first time some 
years before sunspot minimum, and with increasing activity in the following 
years the zone moves poleward; the migration continues till the time of next 
maximum. The polar prominences disappear shortly afterwards. So there are 
six prominence zones, three at the northern and three at the southern hemisphere. 

The prominences are divided according to their spectra into three groups: 
the “normal spectra” contain emission lines of H, He ( D 3 ) and Ca + , whereas 
the metallic line spectra contain these lines and besides weaker lines, those of 
Fell, the Mg b and the NaD lines. The difference is one of intensity rather 
than of excitation conditions. Also the faint “normal" spectra contain metal 
lines but these are too faint to be well visible. Precise absolute photometry is 
not available, but in Ha are the quiescent prominences generally by a factor 10 to 
100 brighter than the prominences in the active regions, and in turn are the 
quiescent prominences exceeded in brightness (by a factor 2) by the bright knot¬ 
like spot prominences which are characteristic for coronal condensations, and which 
occur during periods of high flare activity. The spectra of these active spot-pro¬ 
minences seem to differ essentially from the above described kinds of spectra: 
they present lines of higher excitation (e.g. Hell), indicating higher temper¬ 
atures. In order to obtain a finer subdivision of the first two groups of spectra 
Waldmeier 1 has introduced a spectral classification (I to V) according to the 
intensity ratio Fell—Mg b. 

The classifications described above refer for the greater part to the forms, 
motions and spectra of prominences; they are descriptive. An evolutionary classi¬ 
fication, based on what happens to filaments in the course of their evolution 
and that of the Centre of Activity (CA) may give more insight into the nature 
of prominences. The treatment of prominences in this article is partly based on 
such a classification. Partly, because it is not possible to classify all prominences 
into a unique development scheme; there are too many deviating cases. The 
outline of the scheme followed here is: 

1. First (spot) phase of CA: formation of short-lived spot-prominences, 
surges and coronal condensations. 

2. Later (non-spot) phase of CA: formation of stable filaments. 

3- Disintegration and “poleward motion”. 

4. The polar filaments are a disputed class, they may or may not result from 
the poleward motion of the quiescent prominences. 

During the phases 2 and 3 activation and dissolution of the filaments may 
occur; this hardly happens to the polar filaments. Since the quiescent filaments 
have the simplest structures it is these objects that will be discussed first. The 
surges have already been discussed in Sect. 56, the spicules in Sect. 26. 

a) The quiescent prominences. 

61. Structures, dimensions and internal motions of quiescent prominences. 
At the time of their first appearance the quiescent filaments have an average 
length not exceeding 50000 km. However, they grow and after some solar 
rotations a filament may be fully developed. When projected on the disk it 
appears as a thin, dark, somewhat curved line, especially in Ha, less well visible 
in Ca + spectroheliograms (see Fig. 18). Viewed at the limb it appears to have 
a considerable area; it often consists of a number of arches each connected with 
the chromosphere. So a quiescent prominence appears to be a long, flat, sheet¬ 
like structure, nearly perpendicular to the surface (Fig. 66). The following 


1 M. Waldmeier: Z. Astrophys. 28, 208 (1951). 
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Table 14 gives the average length, height and thickness as well as the ranges of 
these quantities, as measured on spectroheliograms by Pettit 1 and by L. and 
M. D’Azambuja 2 . All values are given in kilometers. The lengths of individual 
arches are about twice their heights 3 . 

Table 14. 



L. and M. D’Azambuja 1 

Pettit 1 


average 

range 

average 

range 

Thickness . . . 

Height. 

Length . 

6600 

42000 

200000 

4000- 15000 
15000—120000 
up to 1 100000 

10000 

50000 

200000 

6000— 12000 
30000—100000 
60000 - 600000 


An extraordinary case was the long filament, generated by the great sunspot 
group of February 1946 (the second largest spot-group which occurred after 1874). 
It reached its greatest length, (1 900000 km) in May 1946, when its thickness and 
height were 10000 and 100000 km. 

It was visible till the end of July. 

The quiescent prominences reach 
greater heights than the average 
kind of prominence. The histogram 
of all prominence heights shows a 
steep decrease near 30000 km, so 
that this height seems to form a 
sort of natural platform for promin¬ 
ences 4 5 . About 10% of all prominences 
reach heights greater than 30000 km. 

The planes of the filaments are not exactly perpendicular to the Sun’s surface: 
in the average case the apparent thickness appears to be minimum before central 
meridian passage (c.m.p.). Of 171 prominences 6 134 were inclined westward, 
36 eastward, one was perpendicular. A precise investigation of the effect 6 shows 
that the filaments are as a rule tilted away from the corresponding activity 
centre. The average tilt towards the west (^*8°) results from the fact that fila¬ 
ments occur preferently at the west side of the activity centre (ratio of W to E fila¬ 
ments 1^3:1). This inclination may find a magnetic explanation: the variation 
of tilt with heliocentric distance to the centre depends on the magnetic field of 
the main spot of the centre. 

On Ha pictures the lower part of many prominences often shows a bright 
rim with a mean brightness of 25% of the continuous photospheric spectrum. 
In this average case this rim is first visible at the west side, after c.m.p. at the 
east side, and only during a short interval between it is visible on both sides 
of the prominence. This shows that many filaments are opaque in Ha. 

The filaments show a microstructure consisting of many filamentary threads 
with diameters of the order of 1000 km (Fig. 67): these have relative motions 
of 5 to 10 km/sec 1 ' 7 , without appreciably changing the forms of the prominences 

1 E. Pettit: Astrophys. Journ. 76, 9 (1932). 

2 L. and M. D'Azambuja: Ann. Obs. Meudon 6, fasc. VII (1948). 

3 A.K. Das and K. Sethumadhavan : Kodaikanal Obs. BuU. 127 (1949). 

4 D.E. Billings and C. Kober: Astronom. J. 62, 242 (1957). 

5 M. Roumens: C. R. Acad. Sci., Paris 201, 12 (1935)- 

6 U. Becker: Z. Astrophys. 40, 65 (1956). 

7 H.W. Newton: Monthly Notices Roy. Astronom. Soc. London 94, 472 ( 1932 ). 
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Fig. 66. Development of a quiescent prominence, viewed during 
half a solar rotation. From E toW: 1956, February 12,14, 16 
18, 20, 22 and 25. (Drawings after observations made at 
Meudon.) 
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as a whole. The intensity variation perpendicular to the axes of these threads 
is consistent with the assumption of a Gaussian distribution of the emitting 
and absorbing atoms with respect to the threads' centre 1 . The kinetic and excita- 



b 

Fig. 67 a and b. Quiescent prominences (hedgerow type in the Menzel-Evans dassitication). Photographs obtained wilh 
an Ha lilterconstructed by R. B. Dunn; 3-4 A wide, (a) 23 . VIII. 1956; (b)20. IX. 1957. 

Courtesy R. B. Dunn. Sacramento Peak Observatory. 


tion temperatures do not seem to change across the threads. Most of them are 
optically thin for Ha. 

62. Origin and evolution of quiescent prominences. Quiescent prominences 
show no substa ntial changes over periods of several hours to more than a day 
1 F. Q. Orrall: Astronom. J. 61, 10 (1956). 
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(Pettit). The life histories of 363 well-developed quiescent filaments were 
studied by L. and M. D’Azambuja in a fundamental investigation 1 ’ 3 . All these 
filaments originated in centres of activity, one third near spots, the others in 
spot-free facular fields. According to M. D’Azambuja their mean lifetime is three 
rotations, distributed as shown in the second line of the Table 15 (giving per¬ 
centages) : 

Table 15. 


Lifetime (rotations) 

0—1 

1—2 

2—3 

3—4 

4—5 | 

5—6 

6—7 7—8 

Quiescent filaments 

8 

26 

I 26 

19 

8 

5 

4 2 

All filaments . . . 

80 

11 

3 

2 

2 

2 

0.2 | 0.1 


The values in the second line refer to a selected material: to the quiescent 
prominences of the spot belts living one cycle or longer, not to the active and the 
polar prominences. The lifetimes of the 
filaments in activity centres are shorter; 
the preponderance of short lifetimes may 
be estimated from the third line of the 
Table 15 giving the histogram of life¬ 
times of all filaments observed between 
1928 and 1930 (Gnevishev 2 ). 

a) Filaments originating in spot 
groups (about of the cases) start their 
life at the high latitude border of the 
group. In 80% of the cases the spot 
filaments point towards the leading spot 3 ; 
in the other 20% they point towards the 
following spot (Fig. 68). The distance be¬ 
tween the spot and the elongation of the 
filament is in the great majority of cases 
smaller than 10000 km; the average dis¬ 
tance x between the end of a filament 
and the spot is between 10000 and 20000 km. On Ha spectroheliograms taken 
with a high resolving power the space between the filament and the spot con¬ 
tains a number of small dark mottles; they are bright and may form a con¬ 
tinuous chain of some 10000 km on K 3 spectroheliograms. 

During the first ten days after their origin the filaments are still more or less 
unstable, they may suddenly disappear and come back, but in the meantime 
they increase in length. A week after their origin the length may have doubled. 

At the moment of occurrence of the filaments the spot-group has a certain age 
and has surpassed the stage of greatest activity. A calmer period has set in and 
in these fairly quiet surroundings the filament comes to being. Nearly right from 
the beginning it shows the characteristic form of a series of arches or trees described 
in the preceding section. In the average case the spot-groups have an age of about 
0.9 rotations at the moment of birth of the prominences. At that moment the 
filaments have on the average an angle of about 38° with the meridian. It is 
curious to realise that this angle would be obtained under the influence of the 
differential rotation by a line initially directed North-South, in 0.77 rotations. 



Fig. 68. Relative positions of filament, faculae and 
spots. L~ and M. D’Azambuja: Ann. Meudon 6, 
fasc.VII, Fig. 15(1948). 


1 M. D’Azambuja: L'Astronoraie 61, 58 (1947)- 

2 M.N. Gnevishev: Poulkovo Obs. Circ. 30, 115 (1940). 

3 L. and M. D'Azambuja: Ann. Obs. Meudon 6, fasc. VII (1948). 

Handbuch der Physik, Bd. LI I. 
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This latter value agrees so well with the 0.9 rotation found above that it is tempt¬ 
ing to assume that the unknown pre-filamentary field was orientated into such 
a North-South direction at the moment of birth of the centre of activity (Fig. 69). 

P) Filaments which originate outside spotgroups show no clear differences as 
compared with those originating near the spots. The point of lowest latitude 
has as a rule the same latitudes as the spots. It is not yet clear why these fila¬ 
ments originate precisely at this place and not at another. Often such filaments 
originate as several independent parts which merge later. Their orientation is 
less regular than that of the filaments originating near spots, and they are as a 
rule smaller and less developed than the spot filaments. 

y) During the further development the filament increases in length at a rate 
AljAtPti 10 6 km/rotation. It obtaines its greatest extension after about three 



Fig. 69- Deformation of a meridian on the Sun by the solar rotation, after 1, 2, ... rotations. The broken line gives the 
deformation after 21 days. L. and M. d'Azambuja: Ann. Meudon 6, fasc. VII, Fig. 26 (19*8). 

solar rotations. Statistically the time lag between the moments on which maxi¬ 
mum length is attained, and that on which the spots have their maximum total 
area is 50 days for filaments with latitudes between 0 and 10°; it is 100 days for 
filaments between 10 and 30°, and 110 days for filaments at about 40° latitude. 

After three rotations the main structure is as described in the preceding 
section. The filament has obtained its greatest length. Under the influence of 
the differential rotation the angle with the meridian has further decreased. At 
that phase it may occur that the filament divides the centre of activity into two 
bright parts and is situated in a dark lane in between. The poleward motion, 
to which it was subjected right from its origin, continues and after four or five 
rotations the filament, which is now nearly directed along the parallel, forms 
a kind of a high-latitude border line of the centre of activity, and it looks as if the 
filament is pushed upward by the expansion of the BM regions. The decrease 
of inclination of filaments due to the differential solar rotation is shown in Fig. 69. 

At the end of its life the filament fragmentates and gradually dissolves, this 
process beginning with the parts closest to the equator. However, before that 
time many things may happen: During these latter phases of its life the filament 
may become associated with another one, it may become active or even eruptive. 
About half (46%) of the visible equatorial filaments undergo one temporary- 
sudden disappearance (probably eruptive). Taking into account their time of 
invisibility, temporary sudden disappearance must be normal for virtually all 
quiescent filaments (see further Sect. 66). 

63. The poleward migration and the polar prominences. The evolution described 
above refers mainly to the low latitude prominences, these forming the major 
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part of all prominences. The polar prominences are oriented nearly parallel to 
the equator and sometimes form a nearly uninterrupted crown around the 
polar caps. Also for that reason their evolution is much more difficult to follow 
than that of the equatorial filaments. It sometimes happens that the remainder 
of a low latitude prominence, on its way poleward, joins the polar cap of promi¬ 
nences and finally becomes unrecognizable in the realm of the polar filaments. 

The above description suggests that the polar caps are an asylum for old 
prominences, but ope should be cautious not to confuse the latitude motion of 
individual prominences with that of a prominence zone. Both phenomena occur; 
the first seems due to the general increase of area of activity centres, which 
pushes their quiescent prominences upward. The other phenomenon is treated 
in Sect. 99. There is some disagreement on the hypothesis that equational pro¬ 
minences' may reach the polar zone: 

(i) Before reaching the polar caps the majority of the filaments already dis¬ 
solve. However the D’Azambuja’s remark 1 that even after a disappearance 
lasting for two or three rotations a filament of about the same form sometimes 
reappears at the place where it would have been located if it had been drifting 
poleward undisturbedly. A number of such cases occur on the Meudon Synoptic 
Charts of the Sun. 

(ii) The speed of poleward motion decreases with increasing latitude, so 
that it is doubtful whether a filament may reach a sufficiently high latitude. 
The answer is in fact the same as that given to the first consideration: if the 
filaments live long enough they will reach the polar zone, and D’Azambuja esti¬ 
mates that a filament formed at b = 30° needs about 3 years to reach the polar cap. 

The poleward migration has been determined by L. and M. D’Azambuja 
with the aid of the positions of 268 stable filaments, observed between 1919 and 
1930- Their lifetimes ranged between 1 and 9 rotations (cf. Sect. 62). The result¬ 
ing latitude drift is given in the table below: 







polar filaments 

bO 

0—10 

11—20 

21—30 

31—40 

38 — 50 

51—69 

jJ6(°/rot.) 

+ 2.3 (15) 

+ 1.6 (76) 

+ 1-3 (112) 

+ 1-2 (59) 

+ 0.9 (21) 

+ 0.8 (27) 


The numbers between brackets give the number of prominences from which the 
means have been obtained. The scatter is considerable, 30% of the cases gave 
negative A b values. Nevertheless the general tendency is clear, there is an aver¬ 
age poleward movement, and A b diminishes with increasing latitude. The above 
values are confirmed by the Kodaikanal observations 2 3 which moreover give 

b — 45° — 70° 70° — 90° 

A b (°/rot.) = 0?6 1?5 

A general remark that should be made in this connection is that the poleward 
migration should not primarily be interpreted as a mass motion of the pro¬ 
minences but rather as a displacement of the excitation region. A filament is 
displaced poleward by a gradual disintegration at the low latitude end and a 
corresponding growing at the high latitude part (cf. U. Becker*). 

1 L. and M. D'Azambuja: Ann. Obs. Meudon 6, fasc. VII (1948). 

3 R. Ananthakrishnan and P. Madhavan Nayar: Kodaikanal Obs. Bull. 137 (1954). 

3 U. Becker: Z. Astrophys. 40, 65 (1956). 
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64 . The line spectra of prominences. Outside eclipses the prominences show 
the strongest lines only, generally of Rowland intensity greater than 50 , but dur¬ 
ing eclipses, after long exposure times, the bright prominences show the greater 
part of the chromospheric lines: 40 members of the Balmer series, 26 of the 
Paschen series up to P 31 and many lines of other neutral and ionized atoms. 

The unusual excitation conditions in prominences become clear if one realises 
that the prominences are relatively low temperature objects (Tss 10 4 °K) em¬ 
bedded in a hot medium with a kinetic temperature, about a hundred times 
higher. Their outer parts are subject to the intense ultraviolet and X-ray radiation 
of the corona, the inner parts are shielded against this radiation. 

The observed solar spectrum above 800 or 900 A does not differ much from 
a Planck curve with a temperature of about 5000 °. In very rough approximation 
the energy-/ curve might be considered to be more or less constant for A <800 A 
(cf. Fig. 83 and Sect. 73). So it is a priori clear that the excitation in the pro¬ 
minences will be regulated by a radiation function consisting of two parts: 
has a value between 4000 to 6000° for A >800 A and ^rad has no definite value 
for A <800 A. This introduction serves principally as a warning to take deduced 
prominence "temperatures" not too literary. As in the study of the chromosphere 
and corona one of the problems of prominence spectroscopy is that of finding 
the relations between the kinetic temperatures of the gas, their densities and the 
observed spectral emission (cf. also Sect. 16). A straightforward method to 
find these relations does not exist; one should proceed by successive approxima¬ 
tions, starting with the most unambiguous methods. 

a.) Kinetic temperatures may be derived from widths of line-profiles. The 
deduced T kin values are upper limits unless they have been corrected for self¬ 
absorption and micro-turbulence. (In this respect reference is made to the remark 
in Sect. 61 on the fine structure of filaments showing relative motions of 5 to 
10 km/sec. These motions will partly contribute to the deduced "micro-turbu¬ 
lence” values). For quiescent prominences M.T. Conway 1 , after correcting for 
self-absorption, found ^kin = 14000 °. Ten Bruggencate 2 found for the ratio 
of half-widths DJH a = 0.66; in the case of thermal widening one would expect 

the ratio X ^ = 0 - 6 . The good agreement argues for thermal widening 

without any contribution of turbulent motions. The deduced kinetic temperature 
for the heavy particles is 13000 o . For a bright quiescent prominence Severny 3 
found ^kin = 14000 °. Ellison and Reid 4 , from H/S and Hy profiles for which 
self-absorption was unimportant, as could be shown, found T e 1 «10000 to 
12000°. These values agree well with each other. 

For active prominences Zirin ' 5 found from the line-widths of Ha, D 3 and H/ 9 , 
after eliminating the influence of turbulence, 7000 °< T kia < 50000 ° with a mean 
value of 25000 °. For the eruptive prominence 6 of June 24 , 1956 Zirin 7 found a 
temperature of 3 x 10 4 °K from line widths and from a comparison of the relative 
intensities of Hell 4686 and He I 4471 . 

1 M.T. Conway: Monthly Notices Roy. Astronom. Soc. London 112, 55 (1952). — Contr. 
Dunsink Obs. 3 (1952). 

2 P. ten Bruggencate: Convegno Volta 11, 163 (1953)- — Veroff. Gottingen 104 (1953). 

3 A. B. Severny: Isw. Krymsk. Astrophys. Obs. 12, 33 (1954). 

4 M. A. Ellison and J.H. Reid: Publ. Obs. Edinburgh 2, No. 2 (1957). 

5 H. Zirin: Astrophys. Jonrn. 124, 451 (1956). 

4 In the paper quoted the object is called a flare, but the published photographs as well 
as the communicated line widths and intensities rather seem to refer to an eruptive promi¬ 
nence. See further our remark on p. 194. 

7 H. Zirin: Astrophys. Joum. 126, 159 (1957). 
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These results suggest that active prominences generally have higher kinetic 
temperatures and perhaps more turbulence than quiescent ones. 

ft) The radiation temperature in the centre of Ha in an optically thick pro¬ 
minence can be derived from the observed central intensity in Ha expressed in 
that of the continuous spectrum of the disk centre. 

The observations show that the central intensity in the core of the emission 
line profile at the limb and that of the absorption line profile on the disk are 
about equal for strong prominences; the small differences need not be real: 


Absorption lines 

Emission lines 

M.T. Conway 1 * . 

Ellison 3 . 

ten Bruggencate 3 . 

9-9% (4.2 to 14.8%) 

8.2% 

10.4% (2.9 to 27-7%) 
6.2% (0.8 to 13 0%) 
11.5% 


The values are expressed in the intensity of the continuum of the disk centre. 
Self-absorption in Ha emission lines appears to become important for a central 
intensity 2:0.1 of the continuum at the disk centre (Ellison and Reid, Fig. 5; 
cf. footnote 4, p. 232). The mean value, being 9 %, may be used to find the radia¬ 
tion temperature in the centre of Ha, supposing that the radiation temperature 
in the continuous spectrum near Ha for the Sun's centre is 6150°. One finds 
^nul = 3700°, considerably lower than ^kin for H and He found above. This 
radiation temperature may also be interpreted as an excitation temperature 
for the relative populations of the 2 nd and 3 rd levels of hydrogen (cf. Sect. 16). 
It is worth while to refer in this connection to the chromospheric spicules where 
radiation temperatures for Ha and electron temperatures were found which are 
of the same order as those found here. This proves that the excitation conditions 
for hydrogen in the spicules are not very different from those in prominences. 

y) The T a and T cx values found under the headings a and ft are useful start¬ 
ing data, but they should be compared with more refined computations . Zirin 4 
discussed the hydrogen equilibrium under the conditions prevailing in prominences. 
The populations of the lowest five levels of H and the continuum were con¬ 
sidered. The fine structure of the atomic level scheme was neglected, and also 
the ultraviolet coronal radiation was assumed to be negligible. The populations 
of the hydrogen levels and the Ha emission were computed for various values 
of N p (number of protons per cm 3 ) and 7^.,. On the other hand the equivalent 
widths of Ha and Hj 8 of some, presumably quiet, prominences have been measured 
by ten Bruggencate 3 (the equivalent width of an emission line is expressed 
in the continuous radiation of a wavelength interval 1 A wide in the spectrum 
of the Sun’s centre). After an empirical correction for self-absorption (curve of 
growth) these values yield the numbers of excited H atoms (N 3 and N t ) in the 
line of sight. The equivalent width of Ha yields the ratio NJN 2 . These three 
populations can be fairly described by T cx — 3 700°. Assuming T l0n = T tx and 
taking a prominence thickness of 6000 km (cf. Sect. 65) this yields Log N c 
( = Log Np) =10.0. A comparison of this deduced value of N p and the population 
ratio for the levels 2 and 3 yields, with the aid of Zirin’s population tables: 
T el 25 000 °. This is in good agreement with the average kinetic temperatures 

1 M.T. Conway: Monthly Notices Roy. Astronom. Soc. London 112, 55 (1952). 

3 M.A. Ellison: Fubl. Edinburgh 1, 5 (1952). 

3 P. ten Bruggencate: Convegno Volta 11, 163 (1953). — Veroff. Gottingen 104 (1953). 

4 Cf. footnote 5 , p. 232 . 
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derived from line widths of active prominences, but it is higher than the value 
found for quiet ones. 

A similar analysis by Jefferies 1 was based on detailed considerations of 
the H and He level populations. For the quiescent prominences studied by him, 
the best agreement with the observed intensities of Ha and D 3 was generally 
obtained for electron temperatures between 1.1 X10 4 and 2.0X10 4 °K and 
10 10 <A£< 5 X10 10 . 

d) The use of equivalent widths of emission lines, as applied in the foregoing 
paragraph is permissible only when the line intensities can be corrected for self¬ 
absorption. A curve of growth for quiescent prominences was constructed by 
BrCck and Moss* and again by Bohm 3 , assuming excitation and ionization 
temperatures of 3700°. Turbulent velocities, determined with the aid of the curve 
of growth range for various prominences from 5 to 30 km/sec with an average 
value of 15 km/sec. 

Once such a curve of growth has been established, it may be used to correct 
the observed equivalent widths for the influence of self-absorption, and next 
to use these corrected data to find the relative numbers of emitting atoms. Such 
an analysis of an eruptive prominence spectrum taken by Grotrian was carried 
out by Unsold 4 . The prominence showed lines of neutral metal atoms (Ca), 
metal ions (Sr + , Cr + etc.) H, He and He + , covering a wide range of excitation 
conditions. Formally the excitation conditions may be described by replacing 
in Boltzmann’s and Saha’s law yO by the arbitrary function (p(y), which should 
be determined empirically. The empirical <p(x) function determined by Unsold 
appears to be a straight line up to ^^lOeV—thus indicating no appreciable 
deviations from the equilibrium excitation conditions, with T ex !^)700 o . For 
greater ^-values up to 50 eV it is nearly horizontal. This result reflects in a 
sense the character of the solar energy wavelength as described in the first part 
of this section, having T rs 4000° for X >800° A and being approximately con¬ 
stant for shorter wavelengths. An attempt to explain this curve on the basis 
of the computed ultraviolet radiation field of the transition layer chromosphere- 
corona was made by Oster 6 . 

e) The foregoing discussion has shown how some regularity can be detected 
in the complicated radiation conditions in prominences. Ten Bruggencate 6 
made an interesting, though perhaps too formal attempt, to find the excitation 
and ionization conditions, from the given Ha and D 3 intensities, taking the 
deviations from equilibrium into account. For details reference is made to the 
original papers; the results are: 7^ = 14400°, and »h + /(«h + n H +) = 0.998; 
«He+/( M He + nm*) =0.29, so that hydrogen is completely, helium half ionized. 
These results are in substantial agreement with those found in the first part of 
this section. They also agree with those found by Severny 7 from the analysis of 
the H, He andCa + lines of a bright prominences: T kin = 14000°, I, = 7-5 km/sec 
and Log N t = 10-3- 

f) Finally we remark that the light of the Ha and Z) 3 lines is slightly polarized 
(Lyot 1937). For Ha the polarization is about 1 %. The direction of maximum 

1 J.T. Jefferies: Monthly Notices Roy. Astronom. Soc. London 116, 629 (1956). 

2 H. A. Bruce and W. Moss: Monthly Notices Roy. Astronom. Soc. London 103, 258 
(1943): 105, 17 (1945). 

3 K.H.Bohm: Quoted in UnsOld, Physik der Stcrnatmospharen, 2. Aufl., p. 687- Berlin: 
Springer 1955 . 

4 A. Unsold: Physik der Sternatmosph&ren, 2. Aufl., S. 690. 1955. 

5 L. Oster: Z. Astrophys. 40, 28 (1956). 

6 P. ten Bruggencate: Convegno Volta 11, 163 (1953). — Veroff. Gottingen 104 (1953). 

7 Cf. footnote 3 , p. 232 . 
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polarization is not perpendicular to the limb but inclined towards north and 
south on the northern and southern hemispheres respectively. For Z ) 3 the degree 
of polarization is 0.009 to 0.015, inclinations up to 40° have been observed. 
Thiessen 1 showed that the observations can be explained by resonance fluores¬ 
cence in a magnetic field; an effect of some percents has been computed. 

ri) Further we note that the helium abundance of prominences was determined 
by various authors. Unsold 2 , from the observations of Bruck and Moss (foot¬ 
note 2 , p. 234 ), found N(He)/N(H) =0.15- Severny 3 , using Ha and the IO 832 
line of helium, found „V(He)/iV(H) = 0 . 2 . Jefferies 4 5 , from Ha and D 3 found 0 . 2 . 

We summarize the results of this section: 




for ^active" 4 ) P romin ences: gj™, 

T ex for X ^ 3 eV = 4000°; 

F cx for x S 10 eV = 15000°; 

4 to 10 km/sec; 

I-ogA£ = 10.3; 

fraction of neutral hydrogen: rs 0 . 002 ; of neutral helium: 0 . 5 ; 
abundance ratio H/He = 5. 


65. The continuous spectra of prominences. Observations show a distinct 
continuous spectrum only in bright prominences. Even these prominences are 
optically thin for continuous radiation since in white light they are invisible on 
the disk. The most important feature in continuous light is the Balmer dis¬ 
continuity at 3647 A. The Paschen continuous spectrum at 8206 A was photo¬ 
graphed by Lyot outside eclipses. In the region in between, a faint continuum 
is sometimes discemable; it is polarized perpendicularly to the limb. The degree 
of polarization is 1 5 %. This radiation is most probably due to Thomson scattering. 

For a quantitative analysis absolute intensity measurements are necessary. 
The Balmer and Paschen continua are primarily due to recombination of protons 
with electrons, so their intensities depend on the values of N 3 N p (^iN t 2 ) and on 
the electron temperature T el , according to 6 


E(v)dv = const 


N'Vp 


kr-z 

e kT dv 


where hv is the excitation potential of the upper level involved and % is the exci¬ 
tation potential of the second hydrogen level. On the other hand the intensity 
of the continuous radiation in the visible region for 7> 3650 A is mainly due to 
scattering of photospheric light by free electrons, depending on N e according to 


where Z A is the radiation flux of the photosphere at wavelength A; a is the scatter¬ 
ing coefficient per free electron =6.67 X10 -25 cm 2 . From the knowledge of the 

1 G. Thiksskn: Z. Astrophys. 30, 8 (1951). 

* A. Unsold: Physik der Stematmosph&ren, 2. Aufl., p. 690. Berlin: Springer 1955. 

3 A.B. Severny: Cf. Vistas in Astronomy 1, 703 (1956). 

4 J.T. Jefferies: Monthly Notices Roy. Astronom. Soc. London 116, 629 (1956). 

5 G.G. Cillie: Monthly Notices Roy. Astronom. Soc. London 92, 820 (1932); 96, 771 

(1936). 
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two absolute intensities, N e and 7' el can be found independently if the thickness 
of the prominence is known; the ratio of the intensities depends on both N e 
and T e , so that, for assumed thickness and N t values, T ei can be found and reverse¬ 
ly. This latter method may be used if the spectra are not calibrated to absolute 
intensities. 

For a prominence observed during the 1952 eclipse Zanstra and Redman 1 
thus found the following relation between T cl and N e ; for each adopted value 
of T tl the thickness L is determined from the absolute intensities of the observed 
radiation: 


7.1 

N. 

L (km) 

5000° 

0.7 X 10 >» 

38000 

10000° 

2.2 X 10*° 

12000 

15000 ° 

4.7 x io 10 

5900 

20000° 

1.0 X 10" 

2700 


A value of 7' el between 13 000 and 15 000° is perhaps closest to reality, as shown 
in the previous section; in this case the thickness (7000 km) is only somewhat 
greater than the observational value. (These observational values are greater 
than the actual thickness of the prominences which need not stand perpendicular 
to the line of sight 2 .) From the line spectrum of the same prominence T e] = 13 000° 
is found with thermodynamic equilibrium computations 3 . With non-equilibrium 
computations 7' el becomes 20000° and accordingly L = 2700 km and Log N, = 11. 
Values for N c and T el similar to Zanstra’s were derived by Koelbloed and 
Veltman 4 and by Haug 5 * from a rediscussion of earlier eclipse observations of 
prominences, obtained in 1926 (Davidson and Stratton) and 1929 (Doorn). 
From the ratio of the Balmer free-bound emission to the remaining components 
of the continuous light at 3647 A Orrall and Athay® found 5200°< 7^,< 20000°, 
and correspondingly 10 10 <A(<2.7X 10 11 . 

The polarization of the light in the visual wavelength region was computed 
by Baumbach 7 in connection with a general discussion of the polarization of the 
corona. The computations were made for two wavelengths (6200 and 4330 A), 
three scattering angles, and five heights above the Sun’s limb, assuming that 
all the light is scattered by free electrons. The light emitted at a point M of 
the Sun’s disk, scattered by an electron E into the direction of the observer 0 
(angle MEO—a) has the intensity components 

<x 2 (a) =2n(^-fj l N t cos«. in the plane MEO, _L EO\ 

<j 1 (a) =2 ti (““r) 2 H perpendicular to that plane, _L EO. 

The total intensities are obtained after a double integration, over the line 
of vision and over the Sun’s disk. 

For normal values of height (10 4 to 10 s km) a polarization degree of 15 to 
40% is computed. It is greater at 4000 A than at 6000 A. Comparison with the 

1 H. Zanstra and R.O. Redman: Circ. Arasterd. 6 (1952). 

2 S.G.M. Haug: Circ. Amsterd. 8 (1953)- 

3 R. G. Athay and F. Q. Orrall: Astrophys. Journ. 126, 167 (1957)- 

4 D. Koelbloed and W. Veltman: Circ. Amsterd. 3 (1951)- 

5 S.G.M. Haug: Circ. Amsterd. 5a (1952). 

a F. Q. Orrall and R.G. Athay: Astronom. J. 62, 28 (1957). 

7 S. Baumbach: Astronom. Nachr. 267, 273 (1939). 
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observed values of about 15 % (Lyot) shows that the greater part of the emission 
in the visual wavelength region must be due to scattering by free electrons. 

b) Moving prominences. 

The group of the moving prominences comprises two kinds of objects. ( 1 ) A 
quiescent -prominence may (a) be activated temporarily or the activation may 
result into (b) a dissolution or (c) a blow-off of the prominence. ( 2 ) The sunspot 
prominences are moving all their life. 

Severny has classified the moving prominences according to their types of 
motions 1 . There are three types: (a) eruptive prominences, rather rare; (b) elec¬ 
tromagnetic (about 50%) and (c) irregular or turbulent prominences. The eruptive 
prominences are treated in Sect. 67- The electro-magnetic prominences are 
characterized by regular motions along paths resembling lines of force. These 
are mainly the sunspot filaments and the activated quiescent prominences. The 
irregular motions may occur among sunspot prominences but they occur mainly 
in the activated prominences. 

66. Activation and dissolution of quiescent prominences; sudden disappearances. 
The activation is often only a temporary interruption in the life of a quiescent 
prominence. The velocities increase, the form may change in a complicated way. 
At such a moment, according to a description given by Ellison 2 “the higher 
parts of the prominence develop into a complex pattern of streamers which show 
sightline components of velocity or the order of ± 30 km/sec. Hunting backwards 
and forwards over a range of 1 to 2 A with the lineshifter, one observes rapid 
changes both of shape and luminosity between adjacent wavelengths. The pro¬ 
minence 'wriggles’ as the line-shifter is moved”. The total activation time may 
be as short as ten minutes but it may also last for hours, sometimes for days. 
A temporary or definite disappearance may be due to or connected with the 
activation. The general form is that of bright matter originating in the upper 
part of the prominence and streaming down, often along beautiful curves towards 
one or more “centres of attraction”, chromospheric areas which may often be 
identified with sunspots. The loop structures are one of the most common features 
in active regions. Three types of motion are preponderant: (1) material becomes 
visible on top of the loop and streams down on either side; (2) material coming 
from the chromosphere streams upward along one side of the loop and down 
along the other; ( 3 ) no material is streaming but the whole loop, apparently 
attached to the chromosphere, sways back and forth. There may be similarity 
in the motions of the prominence knots. Often they appear to move in groups 
along similar paths, apparently under the influence of the same field of force 3 . 

A characteristic case of an activated prominence was discussed by Rotschild, 
Pecker and Roberts 4 . The filament was initially of the quiescent type; it was 
visible at the limb during three days ( 23 , 24, 25 July 1951). and suddenly dis¬ 
appeared on the last. During the whole period of visibility it was restricted to 
a sharply bounded volume of the corona. It displayed strong internal motions; 
bright knots, living for 15 to 20 minutes, showed rather regular uniform motions 
(of the electromagnetic type in Severny's classification) of the order of 10 to 
100 km/sec. The accelerations of the velocities seemed to be independent of 


1 A.B. Severny: Dokl. Akad. Nauk SSSR. 82, 25 (1952). 

2 M. A. Ellison: Monthly Notices Roy. Astronom. Soc. London 116, 624 (1957)- 

3 H.W. Dodson: Monthly Notices Roy. Astronom. Soc. London 108, 383 (1948). 

4 K. Rotschild, J.C. Pecker and W.O. Roberts: Astrophys. Joum. 121, 224 (1955). 
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that of gravity, moreover in the majority of the cases there was a tendency for 
the acceleration to reverse at a certain point in the trajectory. 




b 

Fig. 70 a and b. Active prominences, photographed 1956, September 18 (a) and October 4 (b), through an Ha filter 
constructed by Dunn, 3.4 A wide. Courtesy R. B. Dunn, Sacramento Peak Observatory. 


Billings 1 has drawn attention to small unstable rather short-lived (m 15 min) 
closed loops that occur in active prominences. The diameters are of the order of 
10 4 km. They occur frequently in the most active regions, characterized by 
emission of the yellow coronal line; there is a correlation between the velocity 
of the internal motions and the activity of the region. 


1 D.E. Billings: Publ. Astronom. Soc. Pacific 69, 162 (1957). 
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An interesting type of prominence is the interactive prominence (Pettit’s 
type la), consisting of two neighbouring prominences exchanging streamers. 
According to Pettit 1 there is no evidence that the movement represents a com¬ 
plete circuit within the prominences. 

The (sudden) disappearance that often follows the active stage may occur 
in various ways: 

(i) In many cases material disappears into the chromosphere, while at the 
same time other matter seems to condense from the corona, supplying at least 
partially the loss of luminous matter. This process may continue even till the 
very moment that the whole prominence has disappeared. This is one of the 
possible causes of a sudden disappearance. 

(ii) In other cases a prominence may dissolve suddenly without any clear 
reason, or 

(iii) it may fly into the high corona, sometimes reaching velocities greater 
than the velocity of escape. This case, the eruptive or “ejected” prominences, 
will be discussed in the next section. 

When studied on daily routine spectroheliograms or filtergrams it is often 
impossible to find out whether a filament, after its activation, has disappeared 
by gradual dissolution or whether the "sudden disappearance” is due to a blow 
off effect. This uncertainty is not wholly removed in the existing literature on 
sudden disappearances. 

Activation and sudden disappearances often occur when a new centre of 
activity originates at the place of a quiescent prominence. The new centre 
tends to destruct the existing prominences. The violent destructing influence 
of flares has been mentioned (Sect. 55)- In accordance with the above D'Azam- 
buja found that sudden disappearances happen mainly to equatorial filaments; 
in only 5 % of the 206 cases studied by him, polar filaments were involved. Of 
all equatorial filaments 46% disappear at least once in their life, so, taking the 
invisible hemisphere into account, it may be that the greater part of all filaments 
disappear at least once. In 31 of the 206 observed cases the filament disappeared 
twice, in 4 cases it disappeared and reappeared three times. After the disappear¬ 
ance generally a chain of black mottles remains visible which after some time 
may combine into a new filament. 

67. Eruptive prominences. Eruptive prominences do not form a special class 
but a special phase in the life of other types. The eruptive, upward motion of 
an initially quiescent prominence is a particular case of activation. These pheno¬ 
mena have been studied mainly by Pettit 2 , Waldmeier 3 , L. and M. D’Azam- 
buj a 4 , Ellison 5 and others. Often the central part of the filament starts ascend¬ 
ing with a velocity increasing with time. One or both ends of the filament may 
or may not remain attached to the chromosphere. When in the end phase the 
greatest part of the prominence has been blown out, a part may be seen stream¬ 
ing back near the legs. Usually the underside of the prominence becomes brighter 
shortly before the eruption. According to the D’Azambujas only one eruption 
in three leads to a final dissolution, in the other two thirds of the cases a filament 
is rebuilt at the same place and in the same form after one or some days. Obviously 

1 Cf. E. Pettit: Chap. 6 in Hynek, Astrophysics. New York: McGraw-Hill 1951. 

2 E. Pettit: Publ. Yerkcs Obs. 3, 205 (1925). — Astrophys. Journ. 84, 319 (1936). 

3 M. Waldmeier: Z. Astrophys. 15, 299 (1938). 

4 L. and M. D’Azambuja: Ann. Obs. Meudon 6 , 104 (1948). 

5 M. A. Ellison: Publ. Roy. Obs. Edinburgh 1, 75 (1952). — Monthly Notices Roy. 
Astronom. Soc. London 116, 624 (1957)' 
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the field conditions favouring the growth of filaments may often survive the 
eruption. Eruptions occur everywhere on the disk, also in the zone of the polar 
prominences; mostly in the sunspot zone, but as a rule in regions without spots 
(since quiescent prominences do not occur near spot-groups). 

Among the eruptive disappearances not associated with the origin of a new 
centre of activity, a great part (70%, according to Bruzek 1 ) are followed by the 
origin of bright flare-like faculae, that may obtain a top brightness sometimes 
equal to that of importance-2 flares, however, with a much slower development 
curve. This phenomenon has been described first by Waldmeier 2 , it has been 
discussed extensively by Bruzek 1 and has been mentioned further by U. Becker 3 
and Martkes 4 5 . The narrow relationship between the filament and the location 
of these bright faculae, often forming strings of bright mottles at the basis of 
or parallel to the disappeared filament, are, according to Bruzek, a support 
for the hypothesis that the faculae and flares are heated by currents, induced 
in the chromosphere by a changing magnetic field. Since the general form and 
orientation of parts of the filaments seems to be related to the field in their 
surroundings, this might indicate that the ascending motion of the filament is 
due to a change of the magnetic field. Another indication that the motions are 
dictated primarily by the magnetic field is found in the observation that the 
force-field seems to change only for those prominences that change form rapidly, 
thus indicating a relation between the form changes and the force-field changes®. 

The upward motions of eruptive prominences have been investigated by 
Pettit 6 and Waldmeier 3 , who found some regularities: 

(a) Initially the upward velocities are sometimes small but may also be large, 
and increase to great values, which occasionally may exceed the velocity of escape 
(618 km/sec at the surface). The greatest observed velocity, observed on two 
occasions, is 1130 km/sec, the acceleration may reach 50 g© 7 ’ 8 * . Distances up to 
1.5x10* km have been reached®. For time-velocity diagrams cf. Pettit 10 . 

(b) In a number of cases it was observed that the increase of the velocity 
is abrupt, taking place in less than two minutes of time. Pettit assumed this 
to be a general case and suggested even that at each discontinuity the ratio 
between both velocities is a small integer. This latter statement is certainly 
not always true and Pan Puh 11 has shown moreover that in certain cases the 
same height—vs. —time diagram may be represented by a smooth curve as well 
as by a discontinuous one. The smooth curves are nearly exponential and may, 
after Waldmeier, be characterized by one parameter p =d Log hjdt. If h and t 
are expressed in 10 3 km and hours, p =0-33; p ranges between 0.10 and 0.68. 
This result was confirmed by Lakmore® in a study of four prominences, including 
an active, an eruptive, a sunspot and an active-eruptive prominence. In no 
case sudden increases of the velocity were observed; all time—vs.—distance 
graphs could well be represented by parabolic curves. Nevertheless it is un- 

1 A. Bruzek: Z. Astrophys. 42, 76 (1957). 

2 M. Waldmeier: Z. Astrophys. IS, 299 (1938). 

3 U. Becker: Z. Astrophys. 42, 76 (1957). 

1 M.J. Martres: L’Astronomic 70, 401 (1956). 

5 L. Larmore; Astrophys. Journ. 118, 436 (1953). 

0 E. Pettit: Publ. Yerkes Obs. 3, 205 (1925). — Astrophys. Journ. 84, 319 ( 1936 ). 

7 D.H. Menzel, E. v. P. Smith, H. De Mastus, H. Kamsay, G. Schnable and R. Law¬ 
rence: Astronom. J. 61, 186 (1956). 

8 K. Bjerke: Ark. Astr. 2, No. 13, 145 (1957). 

8 R.R. McMath and E. Pettit: Astrophys. Journ. 88, 244 (1938). 

10 E. Pettit: Publ. Astronom. Soc. Pacific 63, 237 (1951). 

u Pan Puh: Ann. Obs. Meudon 8 , fasc. IV (1939). 
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mistakable that there are cases in which the height—vs.—time diagram is clearly 
discontinuous so that it certainly may happen that the upward motion of fila¬ 
ments is accelerated discontinuously; the acceleration time being of the order of 
one to two minutes. 

Although the ascent is as a rule accompanied by a general fading of the pro¬ 
minences, the cases of sudden accelerations seem to be accompanied by a flash 
of light emission 1 . For examples of light curves with such a flash, cf. *• 2 . 

In some cases it happens that the various parts of the prominences move at 
different speed, e.g. in one case 3 of an eruption introduced by a flare the velocities 
ranged between 110 and 690 km/sec; still all parts were accelerated at the same 
moment. 

In a few cases a sudden decrease of the upward velocity was reported 4 but 
this may be apparent and due to a local decrease of visibility in the highest 
knots. 

(c) The trajectories are usually nearly straight lines; there is a tendency to 
be nearly radial, but trajectories at large angles to the radius do also occur. (On 
February 28,1946 angles of 62 and 90° with the radial were observed; the velocities 
were 138 and 268 km/sec.) A case was reported* in which the prominence matter 
seemed to radiate from, or to be attracted by, a common centre in the corona. 

(d) When ascending the forms do generally change only slowly. Details of the 
quiescent prominence may often be found back in the eruptive one. The ascen¬ 
sion is accompanied by a faint expansion; in one well studied case (March 20 , 
1938 Waldmeier) the linear dimension increased to the fourfold value over a 
distance of 10* km. This expansion is much less than would be expected on the 
basis of the decreasing coronal density (factor 10*). In other cases 8 - 8 the size 
did hardly increase twofold during an ascension over 4X 10 * km. 

(e) In nearly all cases the ascending motions are accompanied by downward 
streamings towards an attraction centre, presumably a spot at some distance 
to the starting point of the eruption: the eruptions occur to prominences not belong¬ 
ing to centres of activity, in undisturbed regions of the Sun’s disk. Sometimes 
the centres may excercise their attractive power even over distances of 10 * km. 
In some cases it occurs that the attraction is so violent that the ascending pro¬ 
minence ends by disappearing into the low chromospheric matter (quasi-eruplive 
stage). Often the eruption starts from near a spot (Shaposhnikova 1 ). 

68 . Sunspot prominences. In contrast to the objects discussed in the sections 
61 to 66 , the sunspot prominences occur in centres of activity. On spectrohelio- 
grams they are discernible as compact, short and dense structures, perhaps 
denser than prominences in general. In many cases they point towards the p spot 
of the group (see Fig. 68 ). It is clear that the inflowing streamers discussed in 
Sects. 66 and 67, which condense into visibility in the corona and flow towards 
an attraction centre, may be classified as sunspot prominences, if the attraction 
centre is a sunspot. 

The more specific sunspot prominences consist mainly of two groups with 
many intermediate forms. At the limb they are shown as loops and arches 

1 A. B. Severny: Dokl. Akad. Nauk SSSR. S3, 475 (1950). — Isw. Kryrnsk. Astrophys. 
Obs. 10, 9 (1953). — E.F. Shaposhnikova: Isw. Krymsk. Astrophys. Obs. 18, 151 (1958). 
Cf. [10], p. 333-334. 

2 Th.A. Craog: Publ. Astronom. Soc. Pacific 69, 268 (1957)- 

2 W. Comper and R. Kern: Z. Astrophys. 43, 20 (1957). 

4 Cf. footnote 5 , p. 240. 

4 M. Waldmeier: Z. Astrophys. 44, 213 (1958). 

0 G. Olivieri: L'Astronomie 70, 120 (1956). 
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(Evans and Menzel’s ACi; PErriT’s Ilia) and as funnel-type prominences 
(/l Si) (certain prominences of Pettit’s 111 b) related to the coronal clouds or 
knots (Waldmeier). In most of these cases the visible matter is certain to move 
mainly downward. The condensation centre may last for a considerable time, 
so that there must be a constant replenishment from the corona. 




Fieri. Loop prominence of J8J uno, 1957. Upper left: 10. 58 UT; Ri«ht: I j.ll UT. Photographs obtainsil at thcOmlrejov 
Observatory with a Sole Hot filter, centred at Hoc; width 8 A. Diameter of the original solar image 19 min. For a des¬ 
cription of the filter, see: Die Sterne 33. 1 51 (1957). Courtesy K. Hurmann-Otavskv, Praha. Lower picture: Detail of 
the same loop photographed at the Sacramento Peak Observatory with an Ha filter constructed by K. B. Dunn, 3.4 A 
wide. The picture is a mirror image of the above ones. Diameter of the original solar image 27 cm. Courtesy R. B. Dunn 

Sacramento Peak Observatory. 


Dolder, Billings and Roberts 1 have noticed that the active coronal regions 
(showing 5694 A emission) are characterized by the following types of “active 
region prominences" (here called sunspot prominences): (a) surges, (b) scattered 
knots, (c) downward motion of knots and streamers towards an active centrum, 
(d) formation of continuous streamers and (e) sharp curvatures and focussing 

1 F.P. Doldek, W.O. Roberts and D.E. Billings: Astrophys. Journ. 120, 112 (1954). 
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effects in trajectories. In this section (b) and (c) are classified as condensations, 
knots or funnels; (d) and (e) as loops. 

The loops show specific structures, which strongly suggest their correlation 
with the magnetic field of the spot area to which they are related. Their field 
of motions is often homogeneous over distances up to 10 5 km; the motions are 
of the electromagnetic type (Severny) and they show a focussing effect: matter 
originating from or converging towards one point (Fig. 71). The loops arc "in¬ 
flowing filaments moving along curved trajectories, which originate in the sur¬ 
rounding chromosphere or descend from coronal clouds formed above the spot 
area. They terminate at the boundary of the penumbra with a mean velocity 
of inflow of 48 km/sec. Their movements seem to be independent of the magnetic 
polarity of the attracting sunspot. The mean projected length is 61000 km. 



Fir. 72. Coronal prominence knots, approaching the funnel-type (Mcnzel-Evans classification). Picture obtained 11 Sep¬ 
tember, 1956, with an Hot filter constructed by Dus.v; 3.4 A wide. Courtesy R. B.Du.nn, Sacramento Peak Observatory. 


(Ellison 1 ). The trajectories of the prominence knots of the outstandingly 
active region of February 26, 1946 suggest a magnetic field like that of a dipole 
buried at 0.2 It below the photosphere, with an approximately radial dipole 
axis 2 . In another case 3 this “dipole” be situated at 0.03 R below the surface. 

In the loop prominences motions are observed going to and fro, from one 
attraction centre to another, often progressing into opposite directions along the 
same curved path. The presence of moving knots is often interpreted as proving 
that material motion is involved, not motion of the excitation mechanism alone, 
but this interpretation is not fully justified (cf. Sect. 69 e). 

The condensations, knots or funnels consist in their idealized form of a number of 
bright knots formed at some distance above the Sun's limb, generally 50000 to 
100000km. All occur near the same level and are bright ; they have nearly the 
same brightness as the chromosphere at the disk viewed in Ha (1 5 % of the central 
disk continuous spectrum near Ha). They are connected with the chromosphere by 
thin, less bright threads of luminous matter. The threads may increase in thick¬ 
ness, so that the envelop of the downward moving matter takes a funnel-shape. 
The threads are often curved. The knots are strongly connected with flare ac¬ 
tivity; their occurrence in an activity centre is an indication that the centre will, 
or has exhibited flare activity. 

The knots are the centres of the coronal condensations. They are in continuous 
agitation, and the brightness may change in a time interval of the order of 10 mi¬ 
nutes. Their lifetime may be as short as that and sometimes the whole system 

1 M.A. Ellison: Monthly Notices Roy. Astronom. Soc. London 104, 22 (1944). 

2 M. Correll, M. Hazen and J. Bahng: Astrophys. Joum. 124. 597 (1956). 

3 M. Correll and W.O. Roberts: Astrophys. Journ. 127, 726 (1958). 
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of knots docs not live longer than a quarter of an hour, while the rate of fading 
still seems to depend upon the size of the knots 1 . Usually the system is of longer 
life; the knots are continuously replaced by others, which form anew after and 
during the disappearance of the old knots. Waldmeier noticed the Doppler 
motions of the threads; these motions arc great at great distances to the limb, 
near the surface they are smaller and may even approach zero. This indicates 
a considerable curvature of the orbits. Often the motion is decelerated discon- 
tinuously like in eruptive prominences. 

The system may extend, finally to form a coronal cloud from which streamers 
rain down into the spot area. Such a cloud may last for several days. Regions 
near these knots must have abnormally high temperatures. Coronal studies 
show that the knots occur in regions where the corona is greatly excited, often 
showing the yellow line of CaXV, the line with the highest ionization potential 
of all solar lines. 

The phenomena exhibited by the prominences, here described for an average 
case, may differ from case to case. They greatly depend on the amount of activity 
of the prominence; and the simple downward streaming of matter as described 
here may take rather complicated forms, going over into loop-like prominences; 
so there is no sharp distinction between the knot prominences and the loops. 

A special class of sunspot prominences are the surges. These have been treated 
in Sect. 56 (flare-surges), but surges may also occur without flares. When pro¬ 
jected on the disk they appear as "dark surges”, also called “active dark flocculi”. 
Sometimes, especially in the first stage, they may be bright, and in very few 
cases they were seen dark in white light; cf. also Sect. 56 . 

69. Considerations on the origin and motions of prominences. We are still far 
from a consistent prominence theory, but some aspects of the problem will be 
touched in the following. (For many problems concerning highly ionized gases, 
such as the prominences and the corona, reference is made to an important paper 
by Osteu 2 , containing fundamental computational data on the viscosity, the 
electrical and thermal conductivity in stellar matter.) 

a.) Pressure equality between corona and prominences. It is perhaps essential 
that there is approximately pressure equality between the corona on the one 
hand, and the prominences (Zanstra 3 ) and the spicules (for the latter see Sect. 26 ) 
on the other. Pressure equality P car = P prom would lead to 

k^ cm {T el ) cot =kN piat {T el ) pToi or (r d ) piDt /(r el ) coc = i^ or /M prot . 

At h = 50 000 km in the corona = 2 X10®, T el = 7x 10 5 and in an average promin¬ 
ence N t = 2x 10 10 and T e , = 15000°. Hence (N„ = 1.4X10 14 and (A£ jQ prot = 

3-0X10 14 . Since N { is virtually proportional to the total number of particles, 
there is approximately equal pressure at the same horizontal level. In a 
vertical direction the corona and the prominences are not in hydrodynamical 
equilibrium, since the prominence has a density about a hundred times greater 
than that of the corona. So there must be a mechanism to support the prominences. 

ft) Relations to magnetic fields. It is tempting to suppose that many or all 
sunspot prominences with their characteristic forms and motions are related 
to the fields of the spots. But also the quiescent prominences have some connec¬ 
tion with magnetic fields: they originate at the borders of BM regions or appear 
in the neutral part of such fields between the regions of opposite polarities, but 

1 A.B. Severny: Jsw. Krymsk. Astrophys. Obs. 10 , 9 (1953). 

2 L. Oster: Z. Astrophys. 42 , 228 (1957). 

3 H. Zanstra: Observatory 67, 10 (1947). — Vistas in Astronomy 1, 256 (1955). 
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only at the moment that the spot and flare activity has essentially ceased and 
when the magnetic field has reduced to small values. They attain their greatest 
development at the borders of the UM (or M) regions. The polar drift of big 
prominences was suggested to be connected with the gradual expansion of ageing 
UM regions. 

The long-lived quiescent prominences might perhaps represent an equilibrium 
configuration between the magnetic and turbulent (or thermal) energies in regions 
of weak fields: With l^,ssi^ = 2 Xl 0 10 cm ' 3 we have o = 2 x 10 ~ 14 gram cm 3 
and with v turb fe; v th 5 km/sec: ovf = 0.002 erg cm' 3 . Equalizing this quantity 
to the magnetic energy H 1 2 j%n yields H = 0.2 Gauss, a quite acceptable value 
for the borders of UM regions. This explains why the fields are essential for 
prominences and their evolution, a suggestion also supported by the observation 
that after a sudden disappearance a prominence in many cases comes back in 
essentially the same form. 

The sunspot prominences obviously occur in regions of greater magnetic fields. 
Marshall 1 computed that for a pair of large sunspots, with H 0 = 3500 Gauss, 
with a separation of / = 50000 km, the dipole magnetic field //' at R = 50000 km 
above the spots is 

rr, Id* „ f 

H = - w =3 Gauss 
4 n R 3 J 

leading to a magnetic energy density of 0.5 erg cm' 3 , 250 times greater than the 
average kinetic energy density calculated above. Hence in this case the lines of 
force move freely, carrying the completely conducting matter with them. The 
characteristic difference between quiescent and sunspot prominences therefore 
seems to be one of balance between kinetic and magnetic energy. 

y) The condensation mechanism. Observations show that many prominences 
condense in the corona, initially forming a small luminous cloud that gradually 
grows, taking more complicated forms, often indicating field patterns. There 
seems to be a continuous streaming of coronal matter from the condensations 
through the prominences towards the chromosphere. The observations (a) that 
the corona is less dense around many prominences and (b) that downward stream¬ 
ing occurs much more often than upward motions, support the condensation 
hypothesis. 

The formation of a prominence is related to the coronal thermal instability. 
A knot of coronal matter loses energy by free-free and free-bound transitions, 
and further by line radiation, and conduction. These losses arc counter¬ 
acted by an in-flow of mechanical energy. Equilibrium is apparently reached 
at Tss 10 " °K. The rates of the first mechanisms are 

free-bound (Lyman) 5-45 X 10' 32 T~i N 2 erg cm 3 sec -1 , 

free-free 1.44 X10 ' 27 7’4 N 2 erg cm -3 sed" 1 . 

They are equal for W = 3 . 8 x 1 0 s °K. If locally the coronal temperature decreases 
below that value the emission of radiation increases, producing a further cool¬ 
ing 2 , etc. Stability is reached when the temperature becomes so low that a 
further decrease would reduce the ionization, thus reducing the number of elec¬ 
trons, yielding a decreasing rate of recombinations. As has been shown in 
Sect. 30 , there are in the transparent regions of the solar atmosphere three layers 

1 L. Marshall: Astrophys. Joum. 126, 177 (1957). 

2 K.O. Kiepenheuer, in: The Sun (ed. G.P. Rutter), p. 430. Chicago 1953. 
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of stability, characterized by temperatures of 6000, 20000 and 10® °K (Athay 
and Thomas 1 ). For a detailed discussion of the coronal radiation equilibrium 
see Kleczek 2 . Kiepenheuer’s mechanism, here described, accounts for the 
tendency, first observed by Waldmeier 3 , of loop prominences to follow the same 
pattern as the (monochromatic) coronal loop structures. 

The next problem is why prominences do not originate everywhere in the 
corona. The answer consists of two parts: (a) there must be a mechanism to 
produce the initial cooling of the corona; (b) this initial cooling must be so great, 
and must extend over such a region, that the amount of radiation is greater than 
the absorption of heat from the corona, so that cooling can continue. 

(a) Cooling may be produced by a change of the magnetic field (Marshall 4 ). 
Consider the coronal electrons spiraling around the magnetic lines of force. The 

work done on an electron in one cycle is AW — — eE2nR = — - jiR 2 . The 

c O t 

radius of the electronic orbit is R=cp/eH (p is the momentum of the electron). 
The fractional increase of electron energy per second is f H AWIW, where f H = 
eHjlnmc is the gyrofrequency, and W =p z l2m. Hence, substituting, 

. AW _ 1 m 
' H W H St ' 

Thus, if the magnetic field changes from 4 to 2 Gauss, the kinetic temperature 
of the electrons changes by 50%. 

(b) The existence of a prominence depends on its thickness. The emission of 
radiation should exceed the absorption of coronal energy 5 . A prominence is con¬ 
tinuously bombarded from all sides by coronal matter with average velocities 

( 8 RT\b 

— -j . For T = 10® °K and /x = 1 , t rs 150 km/sec, giving a gas current of 

1.5 X 10 15 electrons per cm 2 sec~ l . The free path is k = (NQ)' 1 , where N is 
4x 10 8 cm ' 1 and 2 x 10 10 cm -3 for corona and prominence respectively; Q is the 
collision cross section for a charged particle, computed on the basis of a Cou¬ 
lomb interaction 

0 = 471 Z*e* k~ 2 r- 2 

v 9 ’ 

giving for the corona (T = 10® °K) A = 6000 km, and for a prominence (T — 1 5 000 °) 
A = 10 cm. So the free path in the corona is of the order of the thickness of a 
prominence. The small free path in the prominence produces a cooling of the 
incident coronal electron gas to prominence temperatures. The absorbed heat 
per particle is ^2 k T cor , and this quantity multiplied by the gas current: 1.5 X 
10 15 electrons cm 3 sec -1 yields an absorbed energy 4 X 10 5 erg cm -2 sec 1 . 

The prominence emission in the Lyman continuum is 4-5 x 10 22 r _ lA £ 2 cm -3 
sec x . The emission of the prominence per cm 2 is obtained by multiplying this 
quantity by H, the thickness, or the effective thickness if the prominence is 
optically thick. 

With T = 15 000° and N e = 10'° cm -3 , the emission is greater than the absorp¬ 
tion when H >10000 km. This value is of the same order of magnitude as the 
observed thickness of prominences. 

1 R.G. Athay and R.N. Thomas: Astrophys. Journ. 123, 299 (1956). 

2 J. Kleczek: Bull. Astr. Inst. Czech. 8, 120 (1957). 

3 M. Waldmeier: Astr. Mitt. Ziirich 146 (1945). 

4 Cf. footnote 1 , p. 245 . 

5 Cf. A. UnsOld: Physik der Sternatmosph&ren, 2 . Aufl., p. 698 . Berlin: Springer 1955. 
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d) The visibility of prominences depends on whether they emit a sufficient 
quantity of Ha radiation to be seen through a birefringent filter through which 
most modem prominence observations are made. On the basis of Zirin's detailed 
computations 1 it appears that for a particle density of 10 10 cm -3 the Ha emission 
decreases by a factor 4 if T e] increases from 25000 to 50000° and by a factor 10 
if it increases from 10 s to 2 x10 s °K. The visibility also depends on the density: 
when the material is dense enough or cool enough to be optically thick in Lya, 
the Ha intensity increases sharply. So, one kind of the sudden disappearances, 
namely that in which the prominence gradually fades into invisibility, might 
be explained either by an increase of 7^,,, perhaps due to an increase of the magne¬ 
tic field (cf. subsection f}, above), or by a decrease of the thickness. In this latter 
case the emission becomes smaller than the absorption of energy, eventually 
also leading to an increase in temperature etc. 

In this connection Ohman’s 2 two temperature prominence model should be 
mentioned. In order to explain why certain prominences are not influenced by 
neighbouring flares (assuming that the disturbance is due to the flare's radiation— 
which seems in disagreement with the observation that a certain activation 
time is necessary) he assumes that these prominences consist partly of H 2 mole¬ 
cules. The low temperature necessary to form these molecules (ss 1700°) could 
be produced by adiabatic expansion of hydrogen gas into the corona. Computa¬ 
tions by Ericsson 3 show that at a pressure of 0.06 dynes cm 2 the interface 
between the cooled expanding gas (1700°) and the shock wave in front of the 
expanding gas (6000°) has a velocity of 40 km/sec. These considerations might 
find a support in U. Becker’s observations of dark surges, visible in integrated 
light 4 . 

e) The streaming of prominence knots and the support of prominences. The 
observed streaming velocities easily reach values of some tens of km, amounting 
in surges up to 700 km/sec. The great values are difficult to bring into agree¬ 
ment with Unsold’s 5 finding that the corona is an extremely viscous medium 
and show again that the high velocities are not produced by gas-dynamical but 
by electromagnetic forces. The Reynolds number Re=t >dfv lb h is small: if v = 
50 km/sec, if = 5000 km (diameter of a prominence knot), v thermal = 4 50 km/sec, 
and the mean free path A =6000 km, one obtains Re =0.3 so that the streaming 
is laminar, and its motion should be described by Stokes’s law. Equalizing the 
accelerating force (which is equal to the acceleration of gravity) to the resisting 
force gives: 

-j- epmm^g = 6nrvQ m v 

where v is the kinematic viscosity, v = t' lhcrm A/3 . With this equation Unsold cal¬ 
culated an upper limit of the descending velocity of 30 km/sec. This might perhaps 
explain the observed phenomena of matter condensing in the high regions and 
falling toward the corona with velocities of this order of magnitude. Observations 
show that even quiescent prominences continuously exhibit internal motions. 

The above result was obtained neglecting the influence of a supporting magnetic 
field. If the magnetic field is stronger than H as0.2 Gauss, the matter cannot 
move but very slowly in a direction tangential to the field. The force influenced 

1 H. ZiRIN: Astrophys. Journ. 124, 451 (1956). 

2 Y. Ohman: Ark. Astr. 2, 1 (1957). 

1 U. Ericsson: Ark. Astr. 2, 97 (1957). 

4 Cf. footnote 3 , p. 214. 

5 A. Unsold: Physik der Sternatmosphitren, 2 . Aufl., p. 702. Berlin: Springer 1955 . 
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by a magnetic field on matter in which an electrical current flows is 

K = ±(j H) (69-1) 

and, assuming the displacement current to be zero, hence a — oo: 

curl II = ~~J- (69.2) 

Thus, Eq. (69.I) may also be written as K =- (II ■ curl H) (cf. Kippenhahn 

and Schllter 1 ). The force exerted by the field is perpendicular to the field 
and can only compensate gravity when the lines of force are parallel to the Sun’s 
surface. This may perhaps explain the position of some filaments in the centre 
of a BM region, dividing this region into two parts, or at the high latitude side 
of UM or BM regions, where the combination of the field and the Sun’s polo- 
idal field might locally cause the lines of force to be parallel to the surface. (At 
the low latitude side this cannot occur.) For a detailed discussion of the stability 
problem of a prominence in such a field and of the prominence’s influence on the 
field reference is made to the original paper 1 . 

The assumption a = 00 is certainly not wholly justified. If the prominence 
also contains neutral particles, matter will move slowly downward through the 
field, but it can be shown that the velocity of fall is negligibly small, also be¬ 
cause, if matter would tend to fall, an electrical field will be induced opposing 
the fall motion (Lenz’s law). This compensation explains the long-lived sta- 
tionarity of some prominences. 

The greater velocities, also occurring in prominences and surges might perhaps 
be explained as a manifestation of shock waves 2 or hydromagnetic (Ai.kv£n) 
waves. The former move with a velocity slightly greater than the thermal ve¬ 
locity, 150 km/sec. The motion of the front can be made observable since cool¬ 
ing occurs at it, heating behind it. The origin of the front may e.g. be due to a 
sudden partial collapse when, by a local decrease of temperature, recombination 
sets in producing a decrease of pressure. 

The Ai.fvkn waves have a velocity 3 v A = H/^4ng. For a particle density 
of to 10 cm- 3 , v A = 50 H km/sec, so that with H =1 Gauss a considerable velocity 
of these waves is obtained. The waves might arise by the same kind of collapse, 
which in a field compresses the lines of force and produces a moving disturbance. 

The passage of the Alfven waves may produce a fluctuation in the local kinetic 
temperatures, equal to the variation in the local field-strengths, which thus 
may explain the occurrence of moving knots. 

C. The corona. 

I. Optical observations. 

70. The corona, survey and problems. The corona, like the chromosphere, 
has been discovered during total solar eclipses as a pale aureole around the 
Moon’s disk. The surface brightness of the inner corona is about 10 -# of that of 
the Sun’s disk, and it decreases rapidly outward with a factor 1CT 3 over a distance 

1 R. Kippenhahn and A. SchlOter: Z. Astrophys. 43, 36 (1957). 

2 J. Houtgast, in: Relations entre les phdnomfenes solaires et geophysiques, p. 21. Lyon 
1948. 

3 H. Alfv6n: Ark. Mat. Astronom. Fys. B 29, No. 11 (1942). 
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of one solar diameter. The corona is visible to distances many times the solar 
diameter, merging gradually into the zodiacal light. The kinetic temperature of 
the coronal gas is high, between 5 X 10 5 and 2x10* °K. Disturbed regions may 
attain higher temperatures, up to several millions of degrees. 

Three components can be distinguished: 

(a) The L corona shows an emission line spectrum, produced by a highly 
ionized gas (CaXII-CaXV; FeX-FeXV; NiXII-NiXVI; and AX). Such 
degrees of ionization can be explained only by assuming ionization temper¬ 
atures between 5 X10 5 and 10* °K. The explanation of these high temperatures 
presents a difficult problem. 

(b) The K corona: the light is parti¬ 
ally polarized; the continuous spectrum 
consists of photospheric light scattered by 
free electrons, close to the Sun, with high 
kinetic temperatures: the photospheric 
Fraunhofer lines are washed out in this 
scattering. 

(c) The F corona: the light is less pola¬ 
rized, the continuous spectrum presents the 
absorption lines of the photospheric Fraun¬ 
hofer spectrum, mainly produced by dif¬ 
fraction of sunlight to the zodiacal dust 
particles, at great distances to the Sun, 
which have relatively low velocities. 

The K and F coronas form the " white 
corona". Their light is of nearly the same 
colour as that of the Sun. 

A schematic representation of the in¬ 
tensities and the extension of the various 
parts of the corona is given in Fig. 73, 
after van de Hulst 1 . The total intensity 
of the light emitted in the L corona is only 1 % or less of that of the total con¬ 
tinuous radiation of the corona, but the great importance of the L corona is 
that it yields a wealth of information on temperature and pressure in the lowest 
parts of the corona. 

In the first part of this chapter we deal mainly with the quiet minimum 
corona; only rarely observed in pure form. The minimum corona shows as typical 
structures the two systems of polar rays and a nearly uniform atmosphere in 
the equatorial region. 

The activity of the corona is exhibited in various forms: the active coronal 
regions, corresponding with Centres of Activity, the coronal condensations, and 
the coronal rays of which it is suggested that they correspond to the C regions. 

Up to 1930, the total amount of time that the corona had been under observa¬ 
tion since its discovery in 1851 was about one hour. So it was very important 
that after 1930 and 1945 two new techniques made it possible to observe the 
corona also outside eclipses. 

Lyot’s coronagraph enables one to observe the L corona between limb dis¬ 
tances of 0.07 and 0-4 R. The instrument is mainly useful at high altitude stations. 
The Poulkovo coronagraph 2 permits to photograph the L corona at sea level. 

1 H.C. van db Hulst, in: The Sun (ed. G.P. Kuipkr), p. 257 . Chicago 1953- 

2 X.A. Prokofyeva: Isw. Gl. Astr. Obs. Poulkovo 160, 170 (1957). 



Fig. 73. Schematic representation of the relative sur¬ 
face intensities in the corona and around the. Sun. K, 
F and L denote the K, F and L coronas. H. C. van 
de Hulst: in: The Sun (ed. G. F. Kuifer). 
Chicago 1953. 
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Also with Lyot’s 1 photoelectric L coronagraph it is observable at sea level. 

The K (electron) corona was seen outside eclipses for the first time in 1930 
by Lyot at the Pic du Midi, by visual observations. With a new photoelectric 
K coronagraph 2 , in use since 1956 at the High Altitude Observatory (Boulder) 
and since 1957 at Meudon the streamers of the K corona can be detected up to 
limb distances of 1.0 to 1.5 R & . 

The coronagraph shows the corona beyond the limb, and information on 
the structure of the corona before the disk can only be obtained by interpolating 
between observations of the same region at E and W limb passages, a fortnight 
apart. Such a procedure may give rise to errors, especially because certain 
coronal structures have rather short lifetimes. 

Since 1945 radio-observations have regularly been made at many stations. 
Because the solar radio-radiation emerges mainly from the corona, this new 
observing technique is very important for increasing our information on the co¬ 
rona. The observations at various wavelengths refer to emission processes at 
different height levels, but it is only with great technical difficulties that a suffi¬ 
cient resolution can be obtained to record the disk distribution of the intensity. 
Daily radiomaps of the Sun at 21 cm were made for the first time in June 1957 
by Christiansen et a/. 3 (see Fig. 100). 

In the first part of this chapter the optical observations of the corona are 
discussed; the radio observations, especially important for the understanding 
of the disturbed parts of the corona will be treated in the second part of this 
chapter. 

General references (apart from the books listed at p. 362 ): 

Siedentopf, H.: Die Sonnenkorona. Ergebn. exakt. Naturw. 23, 1 (1950). 

Shklovski. I. S.: Solnetshnaia Korona. Moskva 1951. 

Bugoslavskaia, E. J.: Struktura solnctshnoi Korony. Trudy Gos. Astr. Inst. Sternberga 19 

(1950). 

Allen, C.W.: Rep. Progr. Phys. 17, 135 (1954). 

Waldmeier, M.: Die Sonnenkorona. Zurich: Birkhauser, Bd. I, 1951; Bd. II, 1 957- 

a) The quiet minimum corona; photometry, ionization and excitation. 

71. The continuous spectrum; F and It corona. The designation "white 
corona” initially given to the F and K corona is only partly right. New observa¬ 
tions, up to greater limb distances and in a bigger spectral region than the early 
ones, have confirmed K. Schwarzschild's suggestion that the outer corona is 
reddish with respect to the inner corona and to the photosphere. Allen 4 (1940) 
found that the intensity ratio 7(6500 A)//(4000 A) increased by a factor 1.5 
between o(r/R) =1.2 and 2.4. It is valuable to extend the measurements to the 
infrared. At the eclipse of 25 February 1952 Blackwell 8 found that the ratio 
7(19000 A)/7(4300 A) increased by a factor 2.17 between p = 1.5 and 2.5- At the 
eclipse of 30 June 1954 Allen 8 , from direct photometry, could not find a colour 
difference (4500 to 6200 A) between the Sun and the corona up to q = 10 to 12, 
but from spectrographic observations of the same eclipse 7 he found a redden- 

1 B. Lyot: C. R. Acad. Sci., Paris 226. 25 (1948); 226, 137 (1948). 

2 G. WlSrick and J. Axteli.: Astrophys. Journ. 126, 253 (1957); cf. also L’Astronomie 
71, 409 (1957). 

3 W.N. Christiansen, D. S. Mathewson and J.L. Pawsey: Nature, Lond. 180, 944 
(1957). 

4 C. W. Allen: Monthly Notices Roy. Astronom. Soc. London 106, 137 (1946). 

4 D. E. Blackwell: Monthly Notices Roy. Astronom. Soc. London 112. 652 (1952). 

6 C.W. Allen: Monthly Notices Roy. Astronom. Soc. London 116, 69 (1956). 

7 C.W. Allen: Monthly Notices Roy. Astronom. Soc. London 116, 413 (1956). 
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ing increasing with distance from the Sun. However, the corona was observed 
through thin clouds, so that the sky correction was considerable and uncertain. 
Michard 1 confirmed Blackwell’s and Allen’s (1940) observations at the 
eclipse of 1955 (Fig. 74). 

The "white” colour for small q values agrees with the fact that the inner 
coronal emission is due to photospheric light, mainly scattered by free electrons 
(Thomson scattering). The reddening for greater q values shows the increasing 
contribution of light diffracted by small solid particles, for which diameters of 
the order 10~ 3 cm are estimated. 

The (rare) photo-electric absolute brightness measurements 2 show that the 
total radiation emitted in the blue and violet, in a zone with 1.03 <Q< 6 . 00 , 



Fig. 74. Spectral distribution of light in the F corona compared to the K corona or to the Sun, showing the relative red¬ 
dening of the F corona. Only the slopes of the lines are known, the three observational curves are made to coincide at 

X — 6400 A. The influence of the K corona was eliminated. R. Michard: Ann. d'Astrophys. 19, 229 (1956). 

ranges from 0-32X 10'® to 1.06x10'® times the intensity of the total solar light. 
There are clear indications for a dependence on the solar phase; the intensity 
seems to be greatest (1.0X10' 8 ) at sunspot maximum; smallest (0.5X10'®) at 
minimum phase (van de Hulst 3 ). 

The relative distribution of coronal intensities is determined at almost any 
total eclipse. The photometric calibration of the exposures, in which the intensity 
ranges over factors up to 10 3 and sometimes more in a short interval, offers great 
difficulties. Fig. 75 a shows a typical minimum corona (1954). The maximum 
corona (Fig. 75 d) is distinguished from the minimum corona in that it has nearly 
circular isophotes. 

Characteristic for the corona as it appears between minimum and maximum 
(example: 25 February, 1952; Fig. 75 c) are the long rays, which may suggest 
how to explain the maximum corona: when the rays increase in number, also 
at higher latitudes, and cover the limb almost homogeneously, the corona be¬ 
comes more or less circular. The coronal rays are transient phenomena which 
do not occur when the Sun is wholly quiet. It should be stressed that an under¬ 
standing of the minimum corona is of primordial importance for the explanation 
of all observed coronal forms and intensities. The maximum corona shows a 
greater density than the minimum corona and is moreover subjected to the dis¬ 
turbances, like coronal rays, helmets and arches, which mark periods of greater 

1 R. Michard: Ann. d'Astrophys. 19, 229 (1956). 

* V. B. Nikonov and E.K. Nikonova: Isw. Krymsk. Astrophys. Obs. 1. 83 (1947). 

8 H. C. van de Hulst: Bull, astronom. Inst. Netherl. 11, 135 (1950). 
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activity. So, as throughout in this review, we start with a discussion of the 
undisturbed minimum corona. 

The best studied and most typical specimen is the one of 30 June 1954. This 
corona was the first one photographed that was nearly completely free of any 




Fig. 75Q—d. The corona, a) and (b) The minimum corona (Gotland, 30 June, 1954). (b) gives isophotes. Courtesy A. Wal* 
lknquist, Uppsala, (c) An intermediate type (Khartoum, 25 February, 1952). Courtesy G. van Biksukoeck, Yerkes 
Observatory, (d) An example of a maximum corona (Sora, USSR, 19 . VI. 1936). Courtesy G. RioiiiNt, Arcetri. 


disturbed regions. No sunspot was seen for 8 days preceding or 12 days follow¬ 
ing the eclipse. At that eclipse the brightness of the white corona was measured 
by Allen 1 , Blackwell 2 , Waldmeier 3 and Wallenquist 4 . Fig. 75b gives 
some isophotes (Wallenquist 4 ). Remarkable are the beautiful symmetry, the 
absence of streamers, the variation of the isophotal oblateness with q and the 
intensity minimum of the inner corona at 6=65° in each of the four quadrants. 
Fig. 76 shows equatorial and polar surface intensity, plotted against q and ob- 

1 C.W. Allen: Monthly Notices Roy. Astronom. Soc. London 116, 69 (1957). 

2 D.E. Blackwell: Monthly Notices Roy. Astronom. Soc. London 115, 629 (1955). 

3 M. Waldmeier: Z. Astrophys. 36, 275 (1955); 43, 289 (1957). 

4 A. Wallenquist: Uppsala Ann. 4, No. 4 (1957). 
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tained from a compilation of all observations and calibrated in absolute intensity 
units. The agreement with the curve derived earlier by van de Hulst 1 for a 
characteristic “minimum corona” is good for small q values but at great 0 values 
the differences between polar and equatorial intensities are greater at the 1954 
eclipse. 

The “ellipticity” e is according to the usual definition (Ludendorff) : 
s = (A — P)/P where A and P are the average equatorial and polar diameters 


20 w so 



Fig. 76. Surface intensity versus distance to the disk centre for the minimum corona of 30 June, 1954. Abscissa: q = r/i?Q . 
ordinate: logarithm of surface intensity in units of the average disk intensity. The open symbols denote equatorial, the 
filled polar data. The solid lines give the surface brightness for the minimum corona according to the often used model 
of van de Hulst. The new data show deviations for great q values. V M. Waldmeier (absolute units): Z. Astrophys. 
43, 289 (1957); O C.W. Allen (abs. units): Monthly Notices Roy. Astronom. Soc. London 116, 75 (1956); A D.W. Black- 
well (abs. units): Monthly Notices Roy. Astronom. Soc. London 115, 639 (1956); □ A. Wallenquist (rel. intensities, 
adapted to the absolute values at q = 1.4): Uppsala Ann. 4, No. 4 (1957). 

for a certain isophote; in Fig. 77 s is plotted against n e , the equatorial isophotal 
radius. On 30 June 1954 s was small near the limb (e =0.1 at o c = 1.2). It in¬ 
creased to 0.18 at p £ = 1.8 and then decreased to £=0.075 at Q e t=a 3 . 5 . It was 
shown for the first time in 1952 and was confirmed later that for still greater 
o c values the ellipticity again increases, showing the influence of the highly flat¬ 
tened zodiacal cloud. The point of minimum ellipticity was at Q e = 4.2 in 1952; 
at g e = 3.2 to 4.4 in 1954 and at 3-8 in 1955- This picture shows how both con¬ 
stituents of the corona intermix, the F corona being the most important at the 
greatest distances. Blackwell 2 and Saito 3 showed the continuous transition 
between the coronal ellipticity and that of the zodiacal light (Fig. 77). 

J H.C. van de Hulst: Bull, astronom. Inst. Netherl. 11, 135 (1950). 

2 Cf. footnote 5, P- 255- 

3 K. Saito: Publ. Astr. Soc. Japan 8, 126 (1956). 
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The next step is to separate the contribution of the K and the F part to the 
total light. There are two methods. The most direct method is to make use of 
the Fraunhofer spectrum: if the F corona was the only constituent, the Fraun¬ 
hofer lines would have the same profiles as in the photospheric spectrum. If d 
is the line depression I F j\I F +I K (1 — jj)] = d oh Jd phot , where rj is the fraction of 
photospheric light absorbed by the Fraunhofer lines; in the blue spectral region 
f]!=t:OA (cf. 1 ). 



Fig. 77. The ellipticity of the minimum corona (1954) and of the zodiacal light. Solid lines: M. Waldmeier: Z. Astrophys. 
36, 275 (1955) and M. Waldmeier and H. Bachmann: Z. Astrophys. 38, 125 (1955). Dashed: A. Wallenquist: Uppsala 
Ann. 4, No. 4 (1957). Dots: K. Saito: Publ. Astr. Soc.. Japan 8, 126 (1957). Triangles: D. E. Blackwell: Monthly 
Notices Roy. Astronora. Soc. London 115, 648 (1956). Squares: A. Behr and H. Siedentopf: Z. Astrophys. 32, 19 (1953). 


Spectral observations have only been made at the eclipse of 1954 (Allen 2 ), 
of 1923 (Grotrian 3 , very close near a deep minimum with a monthly mean: 
R = 5-7) and 1940 (Allen 4 , at the decreasing branch, R — 62 ). Grotrian’s 



Fig. 78. Ratio of line depths in the coronal and photospheric spectra versus q { = r/RQ ). G = Grotrian; A — Allen’s 
observations of 1940 and 1954. After C. W. Allen: Monthly Notices Roy. Astronom. Soc. London 116, 413 (1956). 


depth ratios are larger than Allen’s 1940-values by about 0.10 to 0.15 for all 
q values, which shows the greater relative intensity of the K corona in 1940 
(Fig. 78 ). Allen’s 1954-values extend to much greater ^-values than the earlier 
determinations, but are less accurate because of the low dispersion of the spectro¬ 
graph and the bad sky. 

For greater q values a way to disentangle the F and K coronas is to make 
use of the observed polarization of the light, but the method offers greater diffi¬ 
culties because of the uncertain polarization of the dust particles. 

1 M. Waldmeier: Z. Astrophys. 46, 17 (1958). 

2 C.W. Allen: Monthly Notices Roy. Astronom. Soc. London 116, 413 (1956). 

3 W. Grotrian: Z. Astrophys. 8 , 124 (1934). 

4 C.W. Allen: Monthly Notices Roy. Astronom. Soc. London 106, 137 ( 1946 ). 
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If one assumes, as is often done, that the light of the dust component is un¬ 
polarized, the observed polarization must come from the electron corona. Since 
the amount of polarization of a pure electron corona with a given density distri¬ 
bution can exactly be computed, the observed degree of polarization fi (0) may 
be used to determine the relative importance of the two constituents. 

Since a scattering element receives light from all parts of the Sun’s disk 
the degree of polarization of a pure electron corona should be small when close 
to the limb (because radiation is received from many directions) and approaches 
to a constant value at greater distances. 



Fig. 79a —c. Polarization of the corona and the zodiacal light. Abscissa: ; ordinate: polarization in percents, 

(a) Close to the Sun; eclipse of 30 June, 1954. Solid lines: polar data; dashed: equatorial (6 = 0°); dotted: b = 67?5. M. 
Waldmeier: Z. Astrophys. 40, 120 (1956). (b) e=3 to 20. Eclipses of: 1952: R. Michard, Ann. d’Astrophys. 17, 320 
(1954); 1954: D. E. Blackwell, Monthly Notices Roy. Astronom. Soc. London 115, 629 (1955); 1955; R. Michard, 
Ann. d’Astrophys. 19, 229 (1956). (c) Greater elongations. Solid line: Average from equatorial eclipse observations shown 
in Figs. 79a and b. Dashed: Outside eclipse zodiacal light observations taken in the ecliptical plane, 1955- D.E. Black- 
well: Monthly Notices Roy. Astronom. Soc. London 116, 365 (1956). Solid: Zodiacal light observations. A. Behr 
and H. Siedentopf: Z. Astrophys. 32, 19 (1953); H. Elsasser: Mitt. astr. Ges. 1957, II, 6l; Sterne 34, 166 (1958). 


As a rule the various observed polarization-curves differ greatly, not only 
from one eclipse to the other, but there are also great differences between various 
observations of the same eclipse, obviously because of the difficulty to eliminate 
scattered sky light; in this procedure both under- or overcorrection may appear: 
also the far F corona is sometimes identified with the sky background. Fig. 79 
shows the observed polarization of the coronas of 25 February, 1952 and 30 June, 
1954 (Michard et al A- 2 , Waldmeier 3 , Blackwell 4 ) where also the polarization 
of the zodiacal light is shown (Blackwell 8 , Behr and Siedentopf 6 , Elsasser 7 ). 
If E t and E r are the intensities of the observed radiations for which the electric 
vector vibrates along the tangent and the radius of the solar image, we define 
p<= (E t — E r )j(E t +E r ). The polarization falls to a minimum at g sa 20 , because 
of the increasing importance of the F corona, which produces only weak polariza¬ 
tion. There is a steep increase in polarization at greater distances. The question 
is still open, whether this peculiar character of the ^-curve is caused by an in¬ 
creased polarization of dust particles at great position angles or by an increase 

1 R. Michard, A. Dollfus, J.C. Pecker, M. Laffineur and M. D'Azambuja: Ann. 
d’Astrophys. 17, 320 ("1954)- 

2 R. Michard: Ann. d’Astrophys. 19, 229 (1956). 

3 M. Waldmeier: Z. Astrophys. 40, 120 (1956). 

4 D.E. Blackwell: Monthly Notices Roy. Astronom. Soc. London 115, 629 (1955)- 

5 D.E. Blackwell: Monthly Notices Roy. Astronom. Soc. London 116, 365 (1956). 

6 A. Behr and H. Siedentopf: Z. Astrophys. 32, 19 (1953)• 

7 H. Elsasser: Mitt. astr. Ges. 1957, II, 61; Sterne 34, 166 (1958). 
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of the relative importance of electrons over dust particles at greater distances 
to the Sun (assuming that dust causes'no polarization). Some authors 1 favour the 
second alternative and find an N e curve falling to A 7 ss 5' 10 2 cm' 3 at 1 astronomical 
unit (Elsasser 2 ), others 3 - 4 remark that also dust particles can produce a measur¬ 
able polarization, which, however, is difficult to compute theoretically, but which 
might under certain circumstances 4 lead to negligibly small electron densities 
in interplanetary space. Thiessen 6 showed that in the Sun’s vicinity dust 
particles will be directed by the Sun’s general magnetic field thus causing an 
additional polarization. 

The absence of Fraunhofer lines in the spectrum of the K corona shows that 
the Doppler motions of the electrons must be high, so that in the scattered 
light the Fraunhofer lines are wholly washed out. Once, a trace of the influence 
of the lines has been found: on a low dispersion spectrogram of the photosphere 
the accumulation of Fraunhofer lines produces a wide and shallow depression 
near 3 800 A. Grotrian 6 could recognize this depression in the spectrum of the 
K corona but widened to about 60 A, which would correspond with an electron 
temperature >10® °K. That the depression was not found again by other observ¬ 
ers, shows how difficult it is to find a shallow and very wide depression in a low 
dispersion spectrum of which the spectral intensity varies rather irregularly. 

The theoretical calculation of the line profile obtained after scattering by a 
high temperature electron gas is straight-forward but elaborate from the mathe¬ 
matical point of view. The theory was given by van Houten 7 for a strong line 
with 100% depression and W — 10 A, for q = 1 . 03 , A = 4000 A, T el = 1 0 6 °K and 
for the electron densities given by van de Hulst’s model. The scattered profile 
appears to have a central depression of 6% and a half-width of 120 A, hence 
it is only observable in very accurate photometry. 

72. The L-corona; excitation and ionization. For an understanding of the 
coronal emission line spectrum and the X-ray spectrum it is necessary first to 
discuss the excitation and ionization conditions. Therefore the question is: 
what are the physical conditions in a gas with a temperature near 10® °K, and 
with electron densities between 10 9 and 10 6 electrons per cm 3 ? What we prin¬ 
cipally want to know is the degree of ionization. Computations have been made 
by various authors among which may be mentioned Miyamoto (1943), Bier- 
mann (1947), Woolley and Allen (1948, 1950), Shklovski 8 and Elwert 9 . 
We mainly follow the latter’s discussion. 

Let there be N r and N r+X ions in the r-th and (r + l)st degree of ionization 
(atoms having lost r and r +1 electrons). Then the numbers of possible transi¬ 
tions per cm 3 are: 


photo-ionizations: 

N r Q'r + 1 , 

(72.1) 

photo-recombinations: 

fy+1 Qr+1 , 

(72.2) 

collisional ionizations: 

N r N,S'+\ 

(72.3) 

three-body recombinations: 

\+i^e 2 -Sy+i • 

(72.4) 


1 F.L. Whipple and J.L. Gossner: Astrophys. Journ. 109, 308 (1949). 

2 CL footnote 7, p. 255- 

3 H.C. van de Hulst, in: Les particules solides dans les astres. T.it-ge Colloqiuum 1954, 
p. 89, 1955- 

4 D.E. Blackwell: Observatory 77, 187 (1957). 

5 G. Thiessen: Z. Astrophys. 32, 173 (1953). 

6 W. Grotrian: Z. Astrophys. 3, 199 (1931)- 

7 C. J. van Houten: Bull, astronom. Inst. Netherl. 11, 160 (1950). 

8 I.S. Shklovski: Isw. Krymsk. Astrophys. Obs. 6, 105 (1950). 

9 G. Elwert: Z. Naturforsch. 7a, 202, 432 (1952); 9a, 648 (1954); with references to 
earlier papers. 
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The stationary state requires (72.1) + (72-3) = (72.2) + (72.4). However, it can 
be shown, that in normal coronal conditions (72.4)<C (72.2): the probability 
of a three-body collision is evidently very small, and that the number of collisional 
ionizations (72-3) exceeds the number of photo-ionizations (72.1) (but only by 
about two orders of magnitude). So in the quiet corona: 

N r+1 /N r = S r r +1 IQ' r+1 . (72.5) 

It is of importance that the ionization depends only on T and not on the density, 
since the functions S and Q do not depend on the density. 

Only when the total solar radiation increases more than a hundred times 
the "normal” value—as seems the case for X < 15 A, when a coronal conden¬ 
sation with T«i6xl0 6 °K occurs in the corona—, and when Af > 10 8 , is photo¬ 
ionization no longer negligible. Application of a generalized ionization formula 
shows that in such a case ions with ionization energies as high as 800 ev (e.g.: 
CaXV, £,- = 814 eV) can still be formed 1 , without appreciably changing the 
Fe ionization. 

The next step is to compute the values of the probability functions 5 and Q. 

(a) The probability Q' +i for photo-recombination is derived from the photo¬ 
ionization probability Q' +1 using the assumption of thermodynamic equilibrium: 


N r Q' r +1 = N r+1 Q' r+ 1 . 

Since the ratio N r /N r+1 is known for thermodynamic equilibrium, the function 
Q r y+] is easily derived (Kramer’s formula). In computing Q r r +1 it is assumed that 
the atoms are hydrogen-like, and the Gaunt factor is unity. Further, the radiation 
field is approximated by Wien’s law. 

The result is subject to two restricting conditions, viz. the validity of Max¬ 
well’s law of velocity distributions, and, much more significant, the validity of 
the atomic approximations (hydrogen-like ions) used. The resulting expression 
is (cf. also Unsold, Physik der Sternatmospharen, 2nd ed., p. 653 f.): 


Q 


f+i 


64 tjn 
3 IT 


CK 


I Xh 

\kT) n 


Y 

1 + u~ l 


(72.6) 


where the symbols have their usual meaning; r 0 is the classical radius of the elec¬ 
tron (2.82X 1CF 13 cm); = 13.595 eV; n=n 0 for the ground level of the ion; 

u =hv/kT; Z is the charge of the ion and y is the ratio of all recombinations to 
the number of recombinations to the ground level, ysa 3 to 5- 

(b) The probability for collisional ionization is computed on the basis of an 
expression for the cross section for ionization by electron collisions, derived by 
Thomson (1912): 


n d 2 


Tie 1 I 1 1 \ 

£ ' Xr EJ 


with d = collision cross section, 

/, = ionization energy of the ion, 

E = kinetic energy of the colliding electron. 

Defining u=Ej% r and writing e 2 — 2a 0 % H ) a 0 is the first Bohr radius: 


nd 2 = 4n a% {xhIXt) 2 ” „ 2 “ K (72-7) 

where 

K = %n*[ 1 + 0-3 (w - 1)] 


1 G. Elwert: Z. Astrophys. 44, 112 (1958). 
Handbuch der Physik, Bd. LII. 
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is a semiempirical correction term, valid for \<u<2 , derived by comparing 
the computed nd 2 with experiments and theoretical calculations 1 . 

n*, the effective quantum number, is the number of electrons in the outer shell. 
The total number of collisional ionizations is obtained after integrating the 
electron velocities over the Maxwellian velocity distribution. Finally, after some 
further calculations: 

S; + 1 =e 4 

with 

» = xl kT > x/xh= Z2 /«* 2 - 


20 

\ 

z 


JO 


Fig. 80. Ionization energy of isoelectronic sequences in dependence of the nuclear charge Z. Abscissa: the ionization 
energy % (eV) and the corresponding wavelengths of the series limits. G. Elwert: Z. Astrophys. 41, 67 (1956). 





(72.8) 


The ionization formula is then easily obtained from (72.5), (72.6) and (72.8). 
After inserting numerical factors one obtains (for u r > i ): 


*r+r 

31/3 n* 

/Xh' f e~ Ur / 


16a 3 y n 0 

\ Xr ! u , \ 



(72.9) 


2 7t ^ 1 

with a = —j j jy = ; the other symbols have been introduced before. If a high 

degree of precision is not needed, the expression (72.9) may be approximated by 2 : 


N, 


5X10 s(X“-) 2 ^- 

\ Xr / « 


A survey over the ionization conditions is obtained with the aid of Fig. 80 
showing the ionization energies of iso-electronic series. Fig. 81 gives the state 
of ionization of Fe for some temperatures after Elwert (solid) and after the earlier 

1 Cf. E.R. Hill: Austral. J. Sci. Res. 4, 437 (1951)- — A. Werner: Austral. J. Phys. 
7. 25 (1954). 

2 G. Elwert: Z. Astrophys. 41, 67 (1956). 
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computations of Shklovski. The agreement is good for the high temperatures, 
less so for the lower temperatures. The theory obviously explains the observation 
that one kind of atom can occur simultaneously in various stages of ionization. 


73. The emission line spectrum. Some thirty emission lines have been found 
in the spectrum of the innermost part of the corona in the wavelength interval 
between 3328 and 10798 A. With the coronagraph many of these lines, even up 
to the far infrared region, can be observed outside eclipses. A summary of the 
lines and some of their most important properties is given in the Table 16. All 
identified lines are transitions to the ground level except the line 7059.62 A. 

The lines are divided into four 


classes 1 according to their response 
on solar activity (lines of type IV 
occur in the most active regions 2 ); 
these classes differ mainly in their 
ionization potential. The equivalent 
width W is expressed in the inten¬ 
sity of the continuous spectrum ad¬ 
jacent to the line (unit 1 A). This 
definition has the drawback that 
the continuous spectrum decreases 
greatly with limb distance, so that 
a constant W(q) signifies a decreased 
emission intensity. 

The identification of the lines as 
transitions in highly ionized atoms 
has been started by Grotrian 3 and 
principally performed by Edlen 4 - 5 . 
The lines are due to magnetic 
dipole transitions: forbidden tran- 



Fig. 81. Ionization in the corona according to Shklovski and 
Elwert. The ordinate gives the fraction of iron ions in the 
various states of ionization. 


sitions between two even or two 


odd terms (selection rule: J —0, ±1 with 0->0 forbidden). The occurrence of 
these lines in the coronal spectrum shows that the lifetimes of the upper states 
are long and that the probabilities are small for a collisional downward transition 
or for an (upward) transition under absorption of radiation. The next problem 
is whether the upper levels of the transitions are excited by absorption of radiation 
or by collisions. The answer varies for the various transitions, depending among 
others on the collisional cross sections, on the absorption coefficients for radiation, 
and on the radiation flux, but generally the following rules may be given: 


(a) In the case of excitation of the upper level by absorption of radiation, the 
number of emissions is equal to the number of absorptions, since there is no other 
way to leave the upper state, as remarked above. In turn, the number of absorp¬ 
tions is proportional to N g s , the number of ions in the ground-level of the ion, 
if the lower level is the ground-level as it is the case for many coronal lines. 

The equivalent width, as defined in the usual way, is the ratio of this emission 
to the emission in the continuous spectrum of the K corona (the emission lines 
all occur in the inner corona, where the K part is dominant). The continuum 


1 B. Lyot and A. Dollfus: C. R. Acad. Sci., Paris 237, 855 (1953); cf. also A. Doll - 
fus: C. R. Acad. Sci., Paris 245, 2011 (1957). 

2 B. Edl£n: Monthly Notices Roy. Astronom. Soc. London 114, 700 (1954). 

s W. Grotrian: Naturwiss. 27, 214 (1939). 

4 B. Edl£n: Ark. Mat. Astronom. Fys. 28 B, 1 (1941). — Z. Astrophys. 22, 30 (1942). 

5 Some new identifications: Ch. Pecker: C. R. Acad. Sci. Paris, Dec. 1958. 
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Table 16. 


X 

(A) 

Class 

Ion 

Multiplet 

Ionization- and excitation- 
potential (eV) 

Transition 

probability 

A (sec -1 ) 

Average 

equivalent 

width 

(A) 


upper term 

A. 

3170 


CrXI 






3 329-6 

hi 

CaXII 

2P 4- 2P i 

589 

3.72 

488 

0.7 

3388.0 

11 

FeXIII 

3P 2~ 1P 2 

325 

5-96 

87 

10 

3454.3 

1 






1.4 

3 534.0 

1 

VX 

3 PX~ 1D 2 





3 600.9 

hi 

NiXVI 

-I\ ~ 2 P i 

455 

3-44 

193 

1.1 

3642.8 

11 

NiXIII 


350 

5-82 

18 

0.7 

3 800.7 

1 






0.4 

3 885 


MnXII 






3987-3 

1 

FeXI 

3p x~ lp 2 

261 

4.68 

9-5 

0.4 

3 998 


CrXI 

3P i~ 1D 2 





4086.5 

hi 

CaXIII 

3 F!,- 3 G 

655 

3-03 

319 

0.3 

4232.2 

11 

NiXII 

2 p i~ 2P i 

318 

2.93 

237 

0.7 

4256.4 


KXI 






43H 








4351-0 

hi 

Co XV 






4358-9 

hi 







4412.4 

IV 

AXIV 

2 P,- 2 P ( 

682 

2.84 

108 


4 566.6 







0.3 

4 586 








5116.0 

II 

NiXIII 

3P 2~ 3P l 

350 

2.42 

157 

o.s 

5 302.9 

II 

FeXIV 


355 

2.34 

60 

20 

5444.5 

IV 

CaXV 

3 P 2 - 3 P 1 

814 

4.46 


0.15 

5 536 


AX 

2p i- 2p i 

421 

2.24 

126 

0.4 

5694.5 

IV 

CaXV 

3 4- 3 G 

814 

2.18 

95 

0.3 

6374.5 

I 

FeX 

2p r 2p h 

233 

1.94 

69 

5.0 

6535-4 


Mn XIII 






6701.9 

III 

NiXV 

3p o~ 3p i 

422 

1.85 

57 

1.2 

7059-6 

III 

FeXV 

3 P i - 3 P 2 

390 

31-7 


o.s 

7891-9 

I 

FeXI 

3p 2- 3p x 

261 

1-57 

44 

6.0 

8024.2 

III 

NiXV 

3P X- 3P 2 

422 

3-39 

22 

0.3 

IO746..8 

II 

FeXIII 

3p o~ 3p i 

325 

1.15 

14 

48 

10 797-9 

II 

FeXIII 

3 P L - 3P 2 

325 

2.30 

9-7 

30 


intensity is proportional to N e ; hence WocN 0 S /N e . According to the ionization 
formula (72.5) this ratio depends only on the temperature, not on the pressure. 
Since T is virtually constant in the corona, W should be independent of height 
if the upper level is excited by radiation. 

(b) Suppose next that the upper level is excited by electron collisions. The 
number of downward transitions is equal to the number of exciting collisions, 
hence equal to N e N 0 s . Since the ionization is constant (it depends only on T, 
which does not vary) N 0 ^<xN c , and hence the number of emissions is proportional 
to IV, 2 and WocN e . In this case, W should decrease with increasing height. 

Observations of the X 5303 line by Grotrian 1 shows that W decreases to 
(O 2 and remains more or less constant for greater distances. This indicates 


1 W. Grotrian: Z. Astrophys. 7, 26 (1933). 








Sect. 74 . 


The X ray spectrum of the Sun. 


261 


that the first mechanism prevails in the outer parts of the corona, where the 
density is too low to produce an appreciable number of collisional excitations. 
The second mechanism, collisional excitation, is more important in the inner 
corona. 

The same result is obtained after more quantitative computations which are 
compared with outside eclipse observations of the strength of the A 5303 line 
(Waldmeier 1 ). So the coronagraph observations which refer to the innermost 
part of the corona should be treated with the second mechanism 2 . For this case 
Waldmeier 3 , following Edlen, derived quantitative relations for the energy 
emitted in the red and the green lines (cm -3 sec -1 solid angle’" 1 ): 

£ g ==15.2xlO- 6 N/r-Mo- U9xlo * r -‘ FeXIV/Fe.) 

E r = 6.3 X iO~ 6 N 2 T-i «r°- 988xl °* r “‘ FeX/Fe . J ' 73 ' 1) 

Integration over the line of sight gives the observed emission; self-absorption 
is unimportant. It is the importance of these two relations that their simul¬ 
taneous solution yields values for N e and T for any part of the corona, as soon 
as the two E(h) functions can be found from the observed E(n) values. Useful 
tables and graphs for the practical solution of these equations were published 
by Waldmeier 4 . The tables are based on ionization computations of Petri 5 ; 
the use of Elwert's tables would change the results. 

74. The X ray spectrum of the Sun. Observations of the far ultraviolet and 
X ray spectrum of the Sun have been made by means of the rocket technique. 
The most detailed calculations are made by Elwert 6 , they are in reasonable 
agreement with the observations. 

a) Calculations. For A <912 A a part of the continuous radiation is produced 
by bound-free transitions of hydrogen and for A <227 A and 504 A also by recom¬ 
binations in the helium continuum. For wavelengths smaller than 100 A the 
continuous radiation is mainly emitted in free-free and free-bound transitions 
of the electrons in the fields of the highly ionized metals of the corona. In both 
cases the radiation is proportional to N e -N i: i.e. oc N 2 (because the ionization 
depends only on T, which is constant). The computations by Elwert were 
made according to standard methods, assuming the ions to be hydrogen-like 
and introducing proper correction factors ("Gaunt factors") if necessary. The 
corona was assumed to be isothermal. The electron density N e (h) as deduced 
by Baumbach was adopted. In fact it suffices to compute / N e 2 dh and to multiply 
the computed emission rates per electron by this value. The results are expressed 
as I IQ' (erg cm" 2 sec -1 A -1 ) at the Earth’s distance, where Q’ is a factor, tentatively 
introduced to take account of the uncertainty of the cross sections and of the den¬ 
sity fluctuation in the corona; 1 <(>'<3 (cf. also Sect. 85). 

The contribution of the line emission is more important, but the computation 
is a formidable task. First the wavelengths of the possible coronal lines have 
to be determined from a critical investigation of the energy levels of the strongly 
ionized ions of the corona. Next it is necessary to determine the mechanism of 
line emission. Like the lines in the visible wavelength region the upper levels 

1 M. Waldmeier: Z. Astrophys. 38, 143 (1955); especially his Fig. 1 . Cf. also A. Un¬ 
sold : Physik der Sternatmospharen, 2 . Aufl., S. 660 , Table 94. 

2 A later investigation by Waldmeier (footnote 3 , p. 267) showed that for the red line 
radiative excitation is not wholly negligible. 

3 M. Waldmeier: Z. Astrophys. 30, 137 (1952). 

4 M. Waldmeier: Z. Astrophys. 35, 93 (1954). 

5 W. Petri: Forschungsber. Obs. Wendelstein 2 ( 1952 ). 

6 G. Elwert: Z. Naturforsch. 9a, 637 (1954). — Z. Astrophys. 41, 67 (1956). 
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appear to be excited by collisional excitation (by electrons), rather than by re¬ 
combination of ions with electrons. The energy differences between the various 
levels are, as a rule, so great that only the first level above the ground state can 
be excited. 

With the aid of estimated values for the oscillator strengths of the lines, 


with an adopted coronal model, and 




a 


taking self-absorption into account, 
the emitted radiation is given for five 
temperatures between 5 X10 5 °K and 
6 xf0 6 °K (temperature of a coronal 
condensation 1 ). Although the strength 
of each line varies with T the total 
selective emission of the corona re¬ 
mains constant between certain limits. 
It is of the order of 2.5X10 3 <2' 
erg cm" 2 sec" 1 , corresponding at the 



b 


Fig. 82a and b. (a) Spectrum of the corona for T = 7 x 10® and 10* °K and for a coronal condensation of 6 X 10® °K (left 
part of lower figure). The lines are shown by crosses, the series limit continua by circles. The ordinate gives the intensity 
at the Earth’s distance divided by an uncertainty factor Q\ G. Elwert: Z. Naturforsch. 9 a, 637 (1954) and in Solar Eclipses 
and the Ionosphere, p. 167, Pergamon Press 1956. (b) Comparison of computed intensities with various observations show¬ 
ing the great intensity fluctuations in the short wavelength region. Shaded: continuous emission; open: line emissions. 

C. de Jager: Ann. G^ophys. 11, 330 (1955). 


Earth’s distance to an incident radiation of 6 X 10" 2 Q' erg cm -2 sec' 1 . The wave¬ 
length of maximum emission shifts from 80 to 90 A for 6x fO 5 °K to about 60 A 
for tO 6 °K (Fig. 82 a). 

A comparison of the computed continuous and selective emission of the corona 
is given in Fig. 82 b in which the selective emission in intervals of 10 or 20 A 
has been summed up. The same has been done with the continuous emission 
for 1 < 100 A; for greater wavelengths the steps in the wavelength intervals 


1 Cf. footnote 6, p. 261. 
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have been made larger. The figure shows the greater importance of the line 
emissions over the continuous emission, which is caused by the fact that in the 
high-energy tail of the Maxwell curve there are more electrons with excitation 
energies than electrons which are able to produce recombinations, while the 
continuous and selective /-values are more or less of the same order. 

The X ray radiation of the quiet corona is mainly emitted at wavelengths 
above 20 A. Radiation of shorter wavelengths is emitted by highly excited regions 
like coronal condensations. Elwert 1 showed that very hot regions (s» 10 7 °K) 
may emit radiation down to X f. 5 A. 

[}) Comparison with the observations. The observations 2 " 5 show a considerable 
non-instrumental scatter at the short wavelength end (Fig. 82 b); the main 
cause is the variability of the solar radiation, especially in the region of hard 
X-rays. It seems reasonable to assume that the lowest observational points 
correspond to the quiet corona, whereas the higher points reflect the coronal 
emission at more active moments. The measured lowest intensities above 20 A 
agree with Elwert’s computations for T el — 750000° K, a value about equal 
to the colour temperature of the radiation measured 4 between 8 and 100 A: 
T c ^7X 10 5 °K. 

The deviating points in the short wavelength region show either that some 
mechanism emitting X-rays between 8 and 15 A at normal coronal temperatures 
has been neglected, or that the observations have not been made when the Sun 
was completely quiet, or that the coronal layers producing the radiation between 
8 and 15 A do continuously contain many small high-temperature condensations. 
Arguments in favour of the second suggestion were given by Friedman 3 : there 
is some correlation between the intensities measured between 8 and 20 A and 
the central disk intensities of coronal lines extrapolated to the same days. The 
increase of the X-ray radiation appears to be accompanied by an increase in the 
population of the ions with high ionization potentials. 

Observations by Friedman et al. 6 in the course of summer and autumn of 
1957 showed that the highly excited Sun can emit X-ray radiation down to 
wavelengths, as short as 1.5 A. This radiation must be emitted by very hot 
coronal regions: The radiation between 6 and 7 A is emitted at temperatures 
of about 5 X 10 6 °K by the relatively rare elements Si and S. A further increase 
of the temperature would yield radiation by recombination and by discrete tran¬ 
sitions of K electrons of elements following to Si and S in the periodical system. 
These, however, have a very low abundance and only by increasing T to above 
to 7 °K, ions of FeXXV and FeXXVI are formed, which emit radiation between 
1 and 2 A (see Fig. 80). Elwert suggested that this radiation is emitted during 
or after flares (footnote 6, p. 26 l). 

The—observational and computational—results of this section and of Sect. 19a 
are summarized in Fig. 83 giving the ultraviolet and X-ray spectrum of the Sun. 
The curve is based partly on the observations (solid lines); the interpolation 
between them is based on theoretical calculations. The short wavelength end 
of the spectrum (<50 A) is variable (shaded). 


1 Cf. footnote 6 , p. 261 . 

2 H. Friedman, S.W. Lichtman and E.T. Byram: Phys. Rev. 83, 1025 (1951). 

3 E.T. Byram, T. Chubb and H. Friedman: Phys. Rev. 92, 1066 (1954). 

4 H. Friedman: Ann. Gdophys. 11, 174 (1955). 

3 E.T. Byram, T. Chubb and H. Friedman: J. Geophys. Res. 61, 251 (1956). 

6 Cf. footnote 1 , p. 209 . 
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The centre-limb variation of the X-ray radiation was computed by Shklovski 1 
and later more detailed, by Elwert 2 . The radiation shows two crescent-like 
brightenings in the equatorial region (Fig. 84). The greatest part of the radiation 



Terrestres, p. 41, 1957]. The total flux emitted in the various groups of lines or under the solid curves, in the X-ray region 
is indicated (erg • cm -2 • sec -1 ). The fluxes emitted in the helium lines are computed, the others are observed. The emission 

of the active corona is shaded. 


appears to be emitted by the limb regions; the computed residual intensity 
during a total eclipse is about equal to the value deduced from E-layer observa¬ 
tions (see Chap. E). 



a b 

Fig. 84 a and b. (a) Intensity distribution of the X-ray radiation over the Sun’s disk. It has been assumed that the optical 
depth in the line centres in the disk centre (r 0 ,o) is equal to unity, (b) Residual intensity R computed for total solar eclipses, 
as a function of the projected lunar radius (R^R® ). 1. for r 0f0 = O.2; 2. for t 0j0 = O.5; 3. for r 0>0 = 1.0. G. Elwert: J. 

Atmos. Terr. Phys. 12, 187 (1958). 


1 I.S. Shklovski: Isw. Krymsk. Astrophys. Obs. 4, 80 (1949). 

2 G. Elwert: J. Atmos. Terr. Phys. 12, 187 (1958). 
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b) The structure of the quiet minimum corona; temperatures and densities. 

75. Variation of density with height in the K corona. The problem to deter¬ 
mine electron densities in the corona can only be solved if the relative contri¬ 
bution of the K corona to the total coronal light is known. In Sect. 71 it was 
shown that this problem does not offer fundamental difficulties for the inner 
corona where use is made of the observed depressions of lines in the scattered 
Fraunhofer spectrum. In the outer corona, where use is made of the (faint) 
polarization, not much reliance can be placed on the existing solutions because 
of our insufficient knowledge of the polarization of the dust particles. 

a) After having obtained the surface brightness and its variation with height in 
the K corona, it is necessary to transform these values into electron densities. Fol¬ 
lowing Schwarzschild and Baumbach 1 it is assumed that the emission £ per cm 3 
at a distance d (in solar radii) to the Sun’s centre 
may be written as a polynomial: £ = 2 d~ n . 

n 

The contribution of one of the polynomial 
terms to the surface brightness E(q) at a pro¬ 
jected distance Q( = r/R) to the centre of the 
disk is obtained after integrating along the line 
of sight (cf. Fig. 85): 


— ~ 2 J d~ n dx = 2 J (£ 2 + % 2 )~^ dx 

0 0 

71/2 

= - e ^T J COS” -2 99^9?. 


(75-1) 


Hence, if the observed surface brightness is 
written as E = 2 b n Q~ n , the source function is 


f. =Za n d~”-\ 


(75-2) 



/£?) The next step is the interpretation of £ in terms of electron densities N e . 
The (Thomson) scattering coefficient of free electrons is <r = 6.6xl0 -25 cm 2 
independent of X. Hence 

£=oN e {d) J = oN e (d) J(d ), (75-3) 

where I is the intensity of radiation in a point P at the Sun’s surface. The inte¬ 
gration of I, leading to / is made over the whole disk, assuming that the disk 
intensity is given by the simple formula: 


m= m i±£ff± 


+ P 

with /5 =4.0, a value valid at 4300 A, a wavelength where most observations are 
made. Then 


m 


7(0) 


2 + 2/3 


1 — 1 


1 o 




} (75.4) 


and for q >1.2; after developing (75-4) into powers of d 
1(0) 


/(<*) = 


2 + 2/3 l 2d 2 + 8<f 4 ^ 


/ 1 _l 

1 \] 

\3<Z 2 ^ 

15 d* !\ 


1 S. Baumbach: Astronom. Nachr. 263, 121 (1937). 
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yielding with (75-3): 


W) = 


2.18X 10 8 £(tf) 
1.833 0.392 

+ d* H 


(75.5) 


In this way, the electron densities can be found directly from the observations, 
by meams of Eqs. (75-2) and (75-5). 

y) Van de Hulst 1 introduced a refinement in solving for N e by using Min- 
naert’s expressions 2 for the intensity of radiation E t and E r emitted in the two 
directions of polarization, in which the anisotropy of radiation is taken into ac¬ 
count. In each of the two integral equations thus obtained N e (d) occurs, whereas 
the observations yield E —E r -\-E t . The two integral equations must therefore 
be solved simultaneously in such a way that £, + £) = E, and that both equa¬ 
tions yield the same N e (d) function. The solution was obtained by trial and 
error. In the final N e ( d ) curves distinction is made between the polar and equa¬ 
torial density curves, but as is known these two curves do not give the extremes: 
in the inner corona the intensity and hence the density reaches a minimum 
value for b between 60 ° and 70° (cf. Fig. 75). 

A somewhat other method to determine N e was applied by Blackwell 3 
to his aeroplane observations of the 1954 eclipse, which give the observed polariza¬ 
tion at great distances. At a particular distance to the Sun let the degrees of 
polarization observed of the electron corona and of the F corona be p 0 , p K and p F 
respectively. Assuming p F = 0, then 

PoIP K = KI(K+F), (75.6) 

where K and F denote the intensities of the K and F coronas. The computation 
was made in approximations, (i) Assume plausible values for p K (g), then (ii) K (g) 
can be computed from p 0 with (75.6). (iii) With this derived brightness distri¬ 
bution of the K corona the polarization p K (g) can be computed, (iv) If this one 
and the adopted p K (g) functions differ, a second approximation is attempted etc. 

A difficulty is that at g on 20 about one quarter of the total brightness comes 
from parts of the corona more than 40 R Q distant from the Sun, and at greater 
elongations this distant contribution becomes even more serious. Hence the 
analysis of the observed distribution of brightness and polarization necessitates 
assumptions on the distribution of electron densities up to very great distances 
(<f = 100 to 500) to the Sun; for these values use should be made of zodiacal 
light observations. 

The resulting electron densities are given in the Table 17 on p. 271- Slightly 
greater N e -values were obtained by Elsasser 4 from a discussion of zodiacal 
light observations. The gradient of the (Log N e , Log R ) -curve appears to be 
constant for d< 20 , and is about 0-3 of that value for d > 30 . The zodiacal elec¬ 
tron densities were obtained assuming that the light of the dust component is 
unpolarized. That this assumption need not be true was already indicated 
in Sect. 71. 

Although the F corona is observed even close to the limb, the solid particles 
cannot be expected to occur at so small distances because they would evaporate. 
For one particular case (Si0 2 crystals) it has been shown 5 that they can only 
occur at distances d >4 R @ from the Sun’s centre. 

1 H.C. van de Hulst: Bull, astronom. Inst. Netherl. 11, 135 (1950). 

2 M. Minnaert: Z. Astrophys. 1, 209 (1930). 

3 D.E. Blackwell: Monthly Notices Roy. Astronom. Soc. London 116, 56 (1956). 

4 H. Elsasser: Z. Astrophys. 37, 114 (1955); cf. also footnote 7 , p. 255 . 

5 J. Over: Circ. Amsterd. 12 (1958). 
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76. The structure of the minimum corona in monochromatic light: temperatures. 
Characteristics for the minimum corona of 30 June, 1954 are the extended 
structureless equatorial atmosphere, the polar rays and the intermediate region 
of minimum intensity near b =65°. The distribution of intensity of the emission 
lines during 1954 was described by Waldmeier 1 , on the basis of observations 
made in the first four and the last six months of the year (no observations were 
made during the two months of nearly complete inactivity: May and June). 
Only the red line at 63 74 A appears to be well visible (FeX). The green line 
at 5303 A, which as a rule has an intensity superior to that of the red line, was 
mostly invisible in 1954 and does only appear in disturbed regions, in the two 
sunspot zones, for the old and new cycles 2 . 

So the red line is presumably characteristic of the minimum corona. The 
assumption that the temperature of the minimum corona is such that the ioniza¬ 
tion curve for Fe has its maximum at FeX (Fig. 81), corresponds to an electron 
temperature of about 5 x 10 s °K. In that case the intensity of the line is principally 
determined by f N 2 dy, where the integration is made over the line of sight. 
In the foregoing section it was found that the brightness of the white corona is 
determined by / A 7 dy. The conclusion drawn there, that (A£) pole /(I\Q equator 2 , 
does not wholly agree with the observations, showing for the red (A 63 74) corona 
an intensity ratio of about 2 to 3 . This difference is due 3 to the fact that the 
red line is partly also excited by radiation (ocN e ). 

An attempt to determine T and N e simultaneously in the corona was made 
by Waldmeier 4 and later by Trellis 5 on the basis of the method described 
in Sect. 73- The computations were based on a simultaneous discussion of the 
intensity of the red and the green line; Waldmeier’s data refer to the maximum 
year 1947 and to 1953- Trellis discussed the observations of 1943 to 1955 in¬ 
cluding the minimum year 1954. For 1947 T appears to be nearly constant 
= 73 5 000“±10000° along the whole limb; for the minimum year 1954 Trellis 
found 2 at the equator: 690000° ± 10000°, the poles have 730000°. Waldmeier 3 
finds 680000° and 670000°. The electron densities, found for 1953 at a! = 1.05 
are N e = 1.0X10® at the pole and 2 to 2.5X10 8 at the equator, while van de 
Hulst, from white light studies, found at the same height 1.3 to 1.8 x10 s for 
pole and equator and at a! = 1.15: 7X10 7 (6 = 0), 1X10 7 (b = 70°) and 4xl0 7 
(6=90°). 

The corona before the disk. With the aid of the known density distribution 
in the corona Waldmeier 6 has attempted to deduce the form of the corona in 
front of the disk. The monochromatic emission of the coronal lines is proportional 

OO 

to f N 2 dy, where y is the coordinate along the sightline. Since the corona is 

— OO 

optically thin, the upper limit H of the integral is 00 or is to be found at the photo¬ 
sphere if the sightline passes or does not pass along the disk. The disk values 
of / N 2 were obtained by interpolating between coronal brightness measurements 
at the east and west limbs of the Sun at successive limb passages. The resulting 
intensity distribution greatly resembles that of the radio-brightness distribution 
at 20 cm (cf. Fig. 97). 

1 M. Waldmeier: Z. Astrophys. 37, 233 (1955). 

2 At Pic du Midi the green line, though faint, was visible also during the minimum phase. 

3 M. Waldmeier: Z. Astrophys. 45, 155 (1958). 

4 M. Waldmeier: Z. Astrophys. 35, 95 (1954). 

5 M. Trellis: Ann. d’Astrophys. Suppl. 5 (1957)• 

6 M. Waldmeier: Z. Astrophys. 38, 143 (1955)- 






268 


C. de Jager: Structure and Dynamics of the Solar Atmosphere. 


Sect. 77 . 


As to the transition to the chromosphere coronagraph observations do not 
show any decrease of coronal line intensity towards the disk for q > 1.02 or 1 . 03 , 
that is 14000 to 20000 km above the photosphere. This signifies that the lower 
border of the corona must be below 14000 km, whereas eclipse observations 1 
push this limit still lower; the maximum emission certainly occurs below 10000 km 
and the lines can perhaps still be distinguished as low as 5500 km. 

77. The polar rays. One of the most striking appearances of the minimum 
corona are the two systems of polar rays. They are very clearly visible on white 
light exposures (cf. Fig. 75 a), where they can be followed from the poles down¬ 
ward till they seem to merge into the more amorphous brightness distribution 
of the equatorial zone. Waldmeier 2 , in subtle and patient observing, has succeeded 
in recording them also in monochromatic light of the red line, 63 74 A. He observed 
a mean number of ten (monochromatic) rays over 50 ° of the limb in the polar 
regions. The number of rays depends on the visibility and also on the extension 
of the polar zone, and this latter in turn depends on the occurrence of activity 
centres at high latitudes. Rays are invisible near maximum (Bugoslavskaya 3 ). 
On visual inspection of white light photographs, the rays have widths of the order 
of 7000 km at the basis of the corona; the width increases with increasing distance 
to the limb (van de Hulst 4 ; Bugoslavskaya 3 ). When studying isophotes 
from photographs, the images seem much coarser; the fine details seem to have 
disappeared: the eye is known to be sensitive to small irregularities in the intensity 
distribution. The same somewhat coarser structure appears in Waldmeier’s 
diagrams in which the intensity is plotted against the position angle along the 
limb (measures spaced by 1°). Isophotal studies by van de Hulst showed that 
the average intensity ratio between rays and inter-ray region is 1 . 10 , it may 
amount to 1.20. Since the measured intensities in white light are proportional 
to / AC 1 iy and since the width of one single ray is about ^ times the "thickness” 
of the polar region, the local electron density may be 1 +40 X 0.1 =5 times greater 
in the rays than in between. A more detailed determination by Dzubenko 5 
(eclipse of 30 June, 1954) yielded a ratio of electron concentrations of 9 , independ¬ 
ent of height. 

The structural variations and the lifetimes of the rays were studied outside 
eclipse (coronagraph) by Waldmeier 2 . No great differences were perceptible 
at two and even more consecutive measurements about one hour apart, but as 
a rule it was not possible to find the rays again after one night. In the stationary 
case the number of rays N = n l, where n is the number of rays originating per 
hour, and l is the mean lifetime. From counts of n and N at four days l was 
determined; it ranged between 12^9 and I 8 l '7 with 15^6 as an average value. 
Even the distribution function of lifetimes could be determined: 


lifetime (hours) . . 

0—6 

7—17 

18—41 

42—65 

Relative number . 

0.05 

0.68 

0.25 

0.02 


The structure and the situation of the rays suggest a magnetic explanation; 
it seems as if the rays have something to do with the Sun’s general magnetic 
field, which is known to have in the polar regions a sightline component of the 

1 R.G. Athay and W.O. Roberts: Astrophys. Journ. 121, 231 (1955)- 

2 M. Waldmeier: Z. Astrophys. 37, 233 (1955)- 

3 E. J. Bugoslavskaya: Astron. Zhurn. 34, 233 (1957)- 

4 H.C. van de Hulst: Bull, astronom. Inst. Netherl. 11, 150 (1950). 

5 N.I. Dzubenko: Astron. Zhurn. 34, 379 (1957). 




Sect. 78. Summary of temperature determinations; line widths; turbulence. 


269 


order of 1 Gauss; the field might be 1.5 to 3 Gauss. Such a field corresponds 
with a magnetic energy density H 1 2 j&n = 0.1 erg cm -3 . On the other hand at 
p = 1.2, the region where the rays can best be seen, = 2 x 10 7 giving a mean 
kinetic energy per cm 3 of fiV kT =0.005, twenty times less tlian the magnetic 
energy (at o ^ 1.03 the magnetic and thermal energies are about equal). So 
in this part of the corona magneto-hydrodynamic laws should be applied. When 
somewhere a density maximum occurs, the magnetic field will prevent its side¬ 
ward diffusion and the electrons will mainly diffuse into the direction of the 
lines of force, hardly at right angles to them. This explains the long extensions of 
the polar rays. The angles between the rays and the normal to the Sun’s limb 
may give information about the direction of the field. Van de Hulst found that 
the rays, when extrapolated backwards, intersect at a point on the solar axis 
at a distance q = 0.5 5 R® to 0.70 R @ from the centre. For a dipole field one would 
expect l/<7 =3 sin b, so for b =80°: q— 0-34. Hence the field displayed by the ray 
system is not a dipole field. Virtually the same result was found for the 1954 
minimum corona 1 - 2 (q = 0.7 R & ), but at o > 1 .3 the directions of the rays ap¬ 
proach those of the dipole field lines 2 . Bachmann 3 showed that the observed 
forms of the polar rays could be described as due to a superposition of such dipole 
fields, either resembling the field of a bar magnet with a length of 1.2 R @ , or 
of two inner solar ring currents, symmetrical around the axis at a mutual distance 
of 1.0 Rq . 

The density gradient in the rays as measured by van de Hulst, Bugos- 
lavskaya and Dzubenko (1. c.) does not differ from the mean density gradient 
in the adjacent parts of the corona. Dzubenko determined the temperature 
of the rays from the density gradient, the values ranged between 0.8 X10 6 and 
1-3 X 10 6 °K. 

78. Summary of temperature determinations; line widths; turbulence. In this 
section a review is given of the various temperature determinations of the mini¬ 
mum corona. 

а) The non-appearance of Fraunhofer lines in the K corona indicates an elec¬ 
tron temperature, in any case greater than 10 5 °K. 

/S) From the ionization of Fe in the quiet minimum corona an electron- [not: 
ionization-) temperature was found of about 600000°; FeX is near maximum 
ionization (Sect. 76). However, higher ionized Fe atoms occur also. Shklovskx 4 
found that the relative abundances of the various Fe ions can be explained by 
introducing an inhomogeneous corona, with T =600000° and 1 200000°. The first 
temperature may apply to the undisturbed parts of the corona, and it is tempting 
to assume that the other applies to the disturbed parts (cf. Sects. 79 and 80). 

yj From the intensities of the red and green Fe lines of the minimum corona 
an electron temperature of 700000° was found in Sect. 76. 

}’o) The measured total intensities in the X-ray spectrum of the Sun correspond 
to an electron temperature of 750000° K (Sect. 74). 

б) Anticipating part II of this chapter we notice that the radioradiation 
of the quiet Sun at metre wavelengths indicates an electron temperature of 
700000° K in the lower part of the corona. 

1 S.K. Vsessviaxsky and G.M. Nikolsky: Astron. Zhurn. 32, 354 (1955)- 

2 M. Waldmeier: Z. Astrophys. 41, 115 (1956). 

3 H. Bachmann: Z. Astrophys. 44, 56 (1957)- 

4 I. S. Shklovski: Isw. Krymsk. Astrophys. Obs. 4, 109 (1950). 
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fij) The density determinations of the K corona (Sects. 71 and 75) yield N e (h), 
which is proportional to the density. This function may be compared to the law 
of hydrostatic equilibrium. For an isothermal gas the generalized barometric 
formula is N, oc exp (GM @ fj,m H jpR @ kl) (G = gravitational constant; m H = proton 
mass; = molecular weight; q = r/R @ ). For o < 3 Log N e appears to depend linearly 

on p” 1 . So up to that distance the corona is practically isothermal. Van de Hulst 
obtained for the minimum equator and pole respectively: T kin = 1.6X 10° and 
1.1 5 X10 8 °K. 

e 2 ) Similarly, intensity gradients in the monochromatic corona 1 yield kinetic 
temperatures of 1.8xl0 6 °K (A 5303) to 2X10 6 °K (16374) with a considerable 
scatter, especially in greatly disturbed regions (displaying 1 5694 emission). 

C) The widths of the emission lines indicate similar kinetic temperatures. 
Neglecting for the moment the widths determined in condensations, coronal 
knots, etc. and the various width determinations in the quiet corona with low 
resolving power-spectrographs, there remain Lyot’s and Dollfus’s determina¬ 
tions of the width of the red coronal line in slightly excited coronal regions 2 
(resolving power: 20000). Between 1 .04 < o < 1.24 the line has a Gaussian profile 
described by a kinetic temperature of (2.0 ± 0.3) X10 6 °K or by 77=25 km/sec. 
This value seems independent of the phase of the solar cycle. 

77 ) Jarrett and von Kluber 3 , from Fabry-Perot interference fringes of the 
5303 A line (resolving power 2600 ) at the eclipse of 30 June, 1954, found 7 km 
between 2.2 X 10® and 5 X 10® °K in the range 1.05 <Q< 1-3 (neglecting turbulence). 
Most values scatter around 2.5xlO®°K. Billings 4 , Hirsch and Varsavsky 5 
from coronagraph observations at the Climax Observatory found kinetic temper¬ 
atures of about 2 . 0 x 10 ® °K. 

Hence, there seems to be some disagreement between the electron temper¬ 
ature of the corona, yielding values between 6 and 8 xi 0 5 °K and the kinetic 
temperatures determined from line widths and density gradients. A part or 
perhaps the whole of this difference might be ascribed to the fact that the meas¬ 
urements referred to in points ft, y, 8 and refer to the quiet minimum corona, 
whereas the measurements of e 2 , £ and 77 refer to more excited parts of the corona. 
It should further be borne in mind that the temperatures, deduced from relative 
and absolute line strengths are still somewhat uncertain because they are in¬ 
fluenced by the inaccurate present knowledge of the collisional cross sections 
involved. However, Werner’s result®, based on new collisional cross sections, 
yielding 7' = 2 X 10 ® °K from the equal intensities of the red and the green lines 
is not confirmed by Elwert, who finds r = 7 Xl 0 5 °K. So we are inclined to 
accept lor the quiet parts of the minimum corona an electron temperature of 
about (7±1)X10 5 °K. 

The question might be posed whether a part of the difference between the two 
groups of temperatures could be ascribed to a certain amount of microturbulence 
in undisturbed parts of the corona. Large-scale mass motions have only been 
observed in excited coronal regions (values up to 15 and 20 km/sec, cf. Sects. 79 
to 81 below) whereas the undisturbed corona does not show velocities greater 

1 D.E. Billings and R.H. Cooper: Z. Astrophys. 43, 278 (1957). 

2 A. Dollfus: Convegno Volta 1952, 184 (1953). — C. R. Acad. Sci., Paris 236, 996 
(1953). 

3 A.H. Jarrett and H. von Kluber: Monthly Notices Roy. Astronom. Soc. London 
115, 343 (1955)- 

4 D.E. Billings: Astrophys. Journ. 125, 817 ( 1957 ). 

0 D.E. Billings, S. Hirsch and C. Varsavsky: Astrophys. Journ. 123. 532 (1956). 

6 A. Werner: Austral. J. Phys. 7, 25 (1954). 
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than 5 km/sec 1 . Very high microturbulent velocities would be needed to explain 
the observed kinetic temperatures of s«2xl0 6 °K in terms of thermal velocities 
corresponding to 0.7 X10 6 °K plus turbulence. 

Reference is further made to the correlation found by Billings 2 between the 
local kinetic temperature of excited regions and the ionization temperature 
(determined from line strength ratios); this may be explained by a true increase 
of the local kinetic temperature in “hot regions” rather than by an increase of 
the local microturbulence. 


Table 17 . The structure of the quiet corona. 


r 

h 

km 

Log N e (cm -8 ) and plasm 

min (equator) 

a frequency f 0 (MHz) 

min (pole) 

log N e (cm 8 ) 
maximum 


MHz 


MHz 

equator 

pole 

1.011 

7500 

9-05 

280 

8.95 

235 

_ 

_ . 

1.014 

10000 

8.6 

180 

8.45 

150 

8.9 

8.6 

1.022 

15000 

8.3 

125 

8.1 

100 

— 

— 

1.03 

21000 

8.2 

no 

8.0 

90 

8.8 

8.5 

1.06 

42000 

8.1 

100 

7-85 

75 

8.7 

8.4 

1.1 

70000 

7-9 

so 

7-6 

56 

8.55 

8.25 

1.2 

140000 

76 

56 

7-1 

30 

8.2 

7-9 

1.4 

280000 

71 

30 

6.4 

14 

7-7 

7-4 

1.6 

420000 

6.75 

21 

59 


7-3 

7-0 

2.0 

700000 

6.25 

12 

5-3 


6.8 

6.45 

3.0 

1.4 X 10® 

5.6 


4.2 


5-6 

1 

5-0 

2.8 X10 6 

4.8 


3-4 


4-6 


10 

6.2 X10 6 

4.0 






20 

13 X10 6 

3.4 






65 

44 X 10 6 

3.0 






215 

1 A.U. 

2.8 







Sources. g<1.03: C. de Jager: Paris symposium 1958 on Radio Astronomy, (1959). 
1-03<g< 3 (min .): H.C. van de Hulst: Bull, astronom. Inst. Netherl. 11, 135 ( 1950 ), 
slightly changed in accordance with Fig. 76 . 

1.01<e<2 (max.): G. Newkirk: I.A.U. 1958 Radiosymposium at Paris (1959). 
q > 3 : D.E. Blackwell: Monthly Notices Roy. Astronom. Soc. London 116, 56 (1956), 
and H. Elsasser: Mitt. Astr. Ges. 1957, II, 61. 


c) The active parts of the corona and the “maximum corona”. 

As in the other parts of the Sun coronal activity is displayed mainly in the 
centres of activity (CA). It was noted (Sect. 47) that the first (spot) phases 
of a CA correspond with the active coronal regions which show short coronal 
rays, arches and condensations, whereas the end phase of a CA is rather correlated 
with the long and broad coronal rays. At the top of coronal activity (the “maxi¬ 
mum corona”), the number of CA’s is so great that the corona is nearly circular 
and the position of its axis can not or hardly be determined from photographs. 
The polar rays are invisible, perhaps occulted by the numerous other rays. The 
shape and extension of the maximum corona varies from case to case, depending 
on the intensity of the maximum. We are not justified to speak of the maximum 
corona, whereas the notion "minimum corona” has a well defined significance. 
Van de Hulst (footnote 1, p. 253 ) found that the equatorial brightness distri¬ 
bution of the average quiet maximum corona exceeds that of the minimum corona 


1 A. Dollfus: C. R. Acad. Sci., Paris 244, 1880 (1957). 

2 See footnotes 4 and 5, p. 270. 
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by the factor 1.8 for q < 3 . For greater p values the intensity seems to be independ¬ 
ent of the solar activity, showing the preponderant contribution of the F corona 



Fig. 86 . Schematic drawing of the corona of 25 February, 1952 showing rays, polar plumes and arches. G. M. Nikolskij : 

Astron. Zhurn. 30, 286 (1953). 




Fig. 87. Coronal line intensities on two successive days. At each position angle the distance of the curves to the limb is 
proportional to the intensities measured at a limb distance of t'; a distance of one radius corresponds with 50 x 10 -8 the 
intensity of 1 A of the continuous spectrum of the disk’s centre. The brightness maxima are often called “jets” (“Korona- 
strahl”) by coronagraph observers. Observer M. Trellis. Courtesy J. ROsch, Pic du Midi. 


at great distances. For a description of the coronal structures observed during 
eclipses between 1887 and 1950 reference is made to Bugoslavskaia’s paper 
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(see general list of references), where the relation between the coronal structures 
and the surface phenomena is also shown. The relative intensities of coronal 
formations at various limb distances are given by Bugoslavskaia for two eclipses 1 
(1914 and 1941). 

79. The coronal activity regions and the coronal condensations. Fig. 88 shows 
the relations between, on the one hand, the photospheric and chromospheric 
phenomena and, on the other the monochromatic (L) corona 2 . Figs. 88 a and b 
give the photospheric and chromospheric phenomena (faculae, filaments, spot- 
groups), Figs. 88c to e the intensity of the lines 7A 6374, 5303 and 5694. As 
Lyot found, the line 7 5694 shows the best correlation with active spot areas; 
Waldmeier 3 and Dolder et al.* noticed the close correlation between the emission 
of this line and flares. Also the line 5303 is intensified above CA’s. At latitudes 
below 40° each CA is correlated with a brightening of the line, at higher latitudes 
the line can also be strong above quiet chromospheric regions and above some 
filaments, though sometimes its intensity—like that of the other coronal lines— 
is slightly decreased above quiescent filaments 6 . The line is faint or invisible 
during sunspot minimum. The red line 7 63 74 is visible over a greater part 
of the solar surface, mainly in the spot belts. The intensity changes only little 
during the sunspot cycle. The line is sometimes strong on the sides of the 
regions where the green line is abnormally enhanced, especially on the equatorial 
side 6 . Its intensity is decreased near quiescent filaments. Above filaments the 
ionization temperature seems to be enhanced, but the electron density tends 
to decrease. The greatest densities occur in regions where the yellow line is 
enhanced, that is above CA’s at the top of their development. 

The monochromatic corona above CA’s is characterized by relatively stable 
ray and arch structures, well known from eclipse observations. The rays are 
relatively short, about 150000 km long, often curved and radiate from the CA’s. 
According to J.W. Evans’ description 7 of motion picture films taken by Dunn 
in 5303 A, “arches often occur in the form of several concentric parabolic or 
semicircular filaments, rather sharply outlined, usually decreasing in brightness 
from the inner to the outer filaments. They tend to expand gradually over 
periods of hours”. Short-periodic fluctuations were first described by Lyot 8 9 . 
In one case 7 an arched streamer was observed which was initially strongly curved, 
then stretched within 5 minutes, to become nearly vertical simultaneous with 
the appearance of a flare. The velocity at the end of this “whip" was (=»600 km 
per sec. 

However, “most of the dynamic activity consist of rapid brightness varia¬ 
tions, rather than of motions of material... A common feature is the sudden 
development of a sharply outlined dark area, which may be a roughly circular 
spot perhaps 3 X 10 4 5 km in diameter” 7 . Also Dollfus 9 remarks that the observed 
motions reflect variations in the excitation conditions, rather than mass dis¬ 
placements. Often a disturbed structure re-originates the next day. The forms 
suggest an electromagnetic explanation. 

1 E. J. Bugoslavskaia: Astr. Circ. SSSR. 157, 8 (1955)- 

2 M. Waldmeier: Z. Astrophys. 38, 219 (1956). 

3 M. Waldmeier: Astr. Mitt. Zurich 146 (1946). 

4 W.O. Roberts, D.E. Billings and F.D. Dolder: Astrophys. Journ. 119, 120 (1954). 

5 M. Waldmeier: Experienta 2, 220 (1946). 

6 W. Petri: Naturwiss. 42, 119 (1955). 

7 J.W. Evans: Publ. Astronom. Soc. Pacific 69, 421 (1957)- 

8 B. Lyot: Ann. d'Astrophys. 7, 31 (1944). 

9 A. Dollfus: C. R. Acad. Sci. Paris 244, 1880 (1957). 

Handbuch der Physik, Bd. LII. 
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Fig. 88 a—e. Relation between photospheric, chromospheric and coronal phenomena derived from observations from 5 to 
19March, 1950 . (a) Photospheric phenomena: black: spots; shaded: faculae. (b) Chromospheric phenomena:black:filaments. 

Gentili and Trellis 1 have reported rapid intensity variations of the green 
line (5303 A) : hourly measurements show that the intensity in a bright coronal 
region may change by a factor 2 in two hours, or even less. White light observations 

1 M. Gentili di Giuseppe and M. Trellis: C. R. Acad. Sci., Paris 243, 1/24 (1956)- 
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360 


Fig. 88 c and d. (c) Intensity of the 6374 line, (d) Intensity of the 5303 line 


of the regions above faculae and CA’s show complex systems of short thin rays, 
widths f^O.03 R or more. These rays sometimes take arch-like forms in the 
neighbourhood of spots. Motions of 10 km/sec may occur in these “bushes”, 
helmet-like structures, especially studied by Bugoslavskaya 1 . Newkirk, from 
1 E. J. Bugoslavskaya: Comm. Sternberg State Astr. Inst. 96 (1954). 
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K coronameter observations finds that the average active region condensation 
has (for q< 2) about twice the electron density of the quiet corona. The diameter 
of the condensation is 25° at the basis; a pinching in at p f«2 is evident from the 
records. 

It is clear that we may schematize: the coronal active regions are characterized 
by motions and magnetic fields and by enhanced 5303 A intensity; moreover 
the most 'active centres show the 5694 A line. There are, however, grades in 
the activity of the coronal active regions, grades that may be best characterized 
by the intensity and the frequency of occurrence of the yellow line 5694 A. 



For the solar cycle 1944 to 1954, the table below gives the probability of observ¬ 
ing the line X 5694 in connection with spot-groups (WaldmeIer 1 ) : 


Type of spot. . 

no spots 

A 

B 

C 

D 

E 

F 

G 

H 

I 

Probability . . 

0.04 

0.02 ; 

0.03 

0.12 

0.21 

0.37 

1.00 

0.32 

0.17 

0.07 


This again shows the correlation with flare activity. The temperatures derived 
for yellow active regions are usually determined from line widths 2 ; they range 
between 10 6 and 6xl0 6 °K. The high values can only be reduced to 10® or 
2X10® °K by introducing a very intense microturbulence, of the order of 100 to 
200 km/sec. 

The highest temperatures occur in the permanent coronal condensations. They 
are (Waldmeier 3 ) the coronal CA’s at the top of their development; mainly 
characterized by great densities (a bright continuous spectrum 1 ■ 5 indicates electron 
densities of the order of 0,5 to 2X10 10 cm" 3 ), by the occurrence of the 5694 A line 

1 M. Waldmeier: Z. Astrophys. 39, 219 (1956). 

2 Ch. Pecker, D.F. Billings and W.O. Roberts: Astrophys. Journ. 120, 509 (1954). 

3 M. Waldmeier: Z. Astrophys. 40, 221 (1956). 

4 M. Waldmeier: Z. Astrophys. 20, 172 (1940). 

5 D. E. Billings: Astrophs. Journ. 125, 817 (1857). 





Fig. 89. Short-periodic fluctuations of the coronal structure. Observations of the 5303 A line, made 22 November, 1956, at Sacramento Peak Observatory with a 15 an coronagraph. Note 
the sudden changes between 16.44, 16.48 and 16.53 ITT. The lowest part of the 16.44 observation contains the spectrum of the line obtained through a circular slit. Courtesy R. B. Dunn, 

Sacramento Peak Observatory. 
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and the (rare) occurrence of the 5445 A line with half the intensity 1 of A 5694. 
They have semispherical or elliptical forms without much internal structures and 
with lifetimes of the order of several days; they often accompany the F spot- 
groups. 

A schematized model of a coronal condensation, mainly derived from radio¬ 
observations, was given by Waldmeier and Muller 2 (Fig. 90). It was supposed 
that the kinetic temperature is of the order of 5xl0 6 °K; later Waldmeier 3 
found an ionization temperature of 2X 10® °K. With the aid of high dispersion 
spectra of permanent condensations Billings 4 found a kinetic temperature of 
4.2X10*°K. The profiles of the line 5303 A often show very broad wings, in¬ 
dicating that a part of the FeXIV emission from along the line of sight comes 
from a very high temperature region. 






Fig. 90. Sketch, of a “permanent coronnl condensation". The diameter is 125 000 km. M. Waldmeier and H. MOi.ler. 

Z. Astrophys. 27, 58 (1950). 

The brightening up of the yellow line occurs often together with flares but 
the increased emission decays more slowly than the flare emission. A sharp 
decline of the 5684 A emission rarely occurs 5 . The maximum intensity is generally 
reached about half an hour after the flare’s beginning when the Ha emission 
has vanished®. Also the line 5445 A may appear for a short moment, when 5694 A 
is at maximum intensity. Asymmetric coronal line profiles resulting from sight¬ 
line motions of coronal clouds have rarely been observed and only in the vicinity 
of limb flares 7 . So, flares tend to increase both the motions and the intensities 
of neighbouring coronal regions. 

The difficulty that spectra of the condensations may present at the same 
time the red, the green and the yellow coronal lines, lines with enormously differ¬ 
ing ionization potentials, can be solved in two ways 8 : 

1. It is possible that the condensations are surrounded by cool regions which 
emit the red and the green lines. 

2. By the strong X-ray radiation emitted by the condensation in wavelength 
regions smaller than 15 A the M shell of Ca is ionized thus enabling the formation 
of CaXV ions. Since at the same time the intensity is insufficient to ionize the 

1 M.C. Kretz and D.E. Billings: Astronom. J. 62, 138 (1957). 

2 M. Waldmeier and H. MCller: Z. Astrophys. 27, 58 (1950). 

* Cf. footnote 3. p. 276. 

4 D.E. Billings: Astrophys. Journ. 125, 817 (1957). 

s W. Petri: Z. Astrophys. 34, 68 (1954). 

0 M. Waldmeier: Transact. Internat. Astronom. Union 9, 672 (1957). 

7 W.O. Roberts: Transact. Internat. Astronom Union 9, 659 (1957). 

8 G. Elwert: Z. Astrophys. 44, 112 (1958). 
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L shell of iron atoms (%, > 1300 eV) the ionization of Fe is not fundamentally 
changed. 

The X-ray emission of the coronal condensations, assumed to be built up 
according to the Waldmeier-Muller model with adopted temperatures of 3 x 10 6 
and 6x10 6 °K was calculated by Elwert 1 (cf. Sects. 54 and 74 ). 



Fig. 91. Sporadic coronal condensations and their correlation with loop prominences (22 September, 1955). Simultaneous 
pictures obtained in H a (left) and the coronal line 5305 A. From above to below: 16.33: 16.44 and 16.54 UT. The H a pic¬ 
tures arc overexposed, and show only a general loop structure; on a lighter exposure they show multiple loops. Courtesy 
R. B. Dunn, Sacramento Peak Observatory. 


The sporadic condensations occur in the permanent ones, arc short lived, and 
coincide with the Ha prominences observed as knots, loops and funnels. They 
are observed mainly in the lines 5303 A (see Fig. 91) and 6374 A. They are 
obviously caused by a local decrease of the electron temperature in the permanent 
condensations: in the prominences this temperature decreases to below 10 5 °K 
(cf. also Sect. 68). 

Coronal Doppler motions have been observed in those sporadic condensations 
that contain active loop prominences 2 . The velocities are generally smaller than 
those observed at the same place in the prominences, but they have the same 
signs. It is suggested that the expansion or contraction of the magnetic field 
defining the loop gives rise to the Doppler motions. 

1 G. Elwert: Z. Astrophys. 41. 67 (1956). 

2 G. Newkirk: Ann. d' Astrophys. 20, 127 (1957). 
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80. The coronal streamers. A beautiful specimen of a streamer (fan; ray) 
was shown by the 1952 corona (Fig. 75 c). The long streamer at position angle 
70° could be traced out to a distance of at least 12 solar radii. 

Michard et al. 1 , and Hephurn 2 , investigating the correspondence between 
the “white” coronal structures and the brightness variation of the green line 
(5303 A) in the L corona, found a good correlation as far as the inner white corona 
is concerned, but von KlOber* found that the maxima of the green line did not 
coincide with the positions of the long streamers of the outer corona. There were 
indications rather of shifts between them, showing that the streamers have not 



Fig. 92. A small prominence (invisible on the picture) occured in the dark hole in the middle of the photograph; it was 
accompanied by a coronal arch and by short rays; eclipse of 30 June, 1954. In the reproduction the Sun’s disk has been 

masked. Courtesy A. Wali.knquist, Uppsala. 


to do with regions of enhanced line emission. Mention has been made of Allen's 
suggestion that the coronal rays are correlated with the quiescent prominences 
(p. 190). The other suggestion, that they are also correlated with the M and C 
regions is not confirmed 4 . There is no indication that the streamers represent 
outstreaming motions. Appreciable velocities have not been observed in them. 

The streamers of the maximum corona are only slightly inclined to the normal, 
the inclinations go to + 20 ° and — 20 °. Those of the corona near minimum have 
an average inclination of 30 ° towards the equator with a scatter of 10 to 15 ° 
(Bugoslavskaya*). 

The bases of the fans may have diameters up to one solar radius and are often 
composed of a system of concentric more or less elliptical arches with tops reach¬ 
ing to 0 = 1.5 to 1 . 8 . There is a peculiar relation with the prominences: the 
brighter arches often border a dark region around the prominences. The filaments 

1 Cf. footnote i, p. 255 . 

3 N. Hkphijhn: Astrophys. Journ. 122, 445 (1955). 

3 H. von KlObep. : Observatory 72. 207 (1952). 

4 C.W. Allen, in: 9 i 6 me Kapport Commission Relations Solaires Terrestres, p. 79 , 1957 

5 E.Y. Bugoslavskaya: Astron. Zhurn. 34, 233 (1957). 
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occur in these arches, but not necessarily exactly in the centre (Fig. 92). The 
arch-structures might reflect the decreased coronal density near filaments, as 
if the corona is locally rarified by the condensation of matter into the prominence. 
The ratio of densities in this dark “dome” and in the “normal” corona is not 
known. Slow upward rising motions of 2 km/sec may occur in the arches. 

Often, instead of one big arch system, the basis of the fans may contain a 
greater number of smaller arches. They consist of one or more concentric arches; 
their base width may amount to 20° and their top height to q = 1.25- The ratio 
between the height a and the half-width b at the basis is: 


a/R 

0.2 

0.4 

! 

0.6—0.8 

ajb 

1-5 

2 

2.5 


Hence, the smallest arches are nearly circular; greater ones are more elliptic. 
Small prominences may occur in the central parts of these arches. Sometimes 
such arches are located above sunspots; these obviously form a transition structure 
between the quiet-region fans and the arches above active regions. 

The intensity decreases less quickly in the streamers than in the surrounding 
coronal regions, but the decrease of N e with distance is equal 1 - 2 . The polarization 
is greater than in the surroundings, which is due to the greater electron density 
which exceeds that in the streamers by a factor 7. Here we are up against an 
analogous case as was met in the polar rays: a high density region extends over 
a great distance with the same density gradient as the surrounding less dense 
parts, and it seems tempting to ascribe the streamers also to the influence of a 
magnetic field. Some cases were reported in which the polarization angles in 
rays were not perpendicular to the limb 1 - 3 . Deviations up to 35° were measured, 
but von Kluber 4 (1952 eclipse) did not find deviations exceeding 10°. 

81. Coronal theories. In this section a short review of coronal theories is given. 
For further details the reader is referred to Unsold, Physik der Sternatmospha- 
ren, pp. 666seq. where the thermal equilibrium of the corona is dealt with, and 
to van de Hulst’s contribution in Kuiper, The Sun, pp. 302 seq., where especially 
the mass balance is treated in detail. 

The heating of the low corona. In Sect. 29 it was shown that the flow of me¬ 
chanical energy coming from the photosphere, though dissipating partly in the 
chromosphere, is still important enough when arriving in the regions where N e 
4 X 10 9 cm -3 . At that level the dissipated mechanical energy is gf 3 /H erg cm’ 3 sec’ 1 
(since f v s ) and the radiation per cm 3 and sec (the total of bound-free and bound- 
bound emissions) is 1.8 X 1 O ’ 21 T~l N e 2 erg cm -3 sec’ 1 . With £ = 15 km/sec, 
// = 1000km, q'=\. 6 m u N e , T = 6000° equality between dissipation and radia¬ 
tion occurs for N e = 4X 10 9 cm’ 3 . Higher up, the temperature increases because 
the emission of radiation becomes relatively less important. The radiation of 
the corona is of the order 5 X 10 3 erg cm’ 2 sec, whereas the inflow of mechanical 
energy is about a factor 10 2 greater. 

A part of the mechanical energy absorbed by the low corona is transported 
back downward to be re-radiated in the chromosphere (the upper chromosphere 
and corona are good heat-conductors). This flow of energy determines the tem¬ 
perature gradient of the transition zone chromosphere-corona 5 . The conduction 

1 M. Schmidt: Bull, astronom. Inst. Netherl. 12, 59 ("1953)■ 

2 See footnote 2, p. 280. 

3 G. Newkirk, G. Wlerick and J. Axtell: Astronom. J. 62, 95 (1957). 

4 H. von Kluber: Monthly Notices Roy. Astronom. Soc. London 118, 201 (1958). 

5 A. Unsold: Physik der Sternatmospharen, 2. Aufl., p. 672. 1955- 
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equation is W = — K dtjdh, with K = C v at d/4 Q ; C vat is the specific heat per 
constant volume per particle, and Q is the average collision cross section for ions 
and electrons with velocity v. Unsold estimated K = 1.65 X 10 6 TK (For more 
detailed calculations cf. Oster 1 .) Hence 

7r -^cond= d-65 X 10 - ® T~idTjdh. 

By integrating this expression, and taking jr i^ ond = 10 6 erg cm -2 sec -1 , and 
assuming an “observed scale height” for T of 4000 km, we find a coronal tem¬ 
perature of 0.96x10® °K, quite an acceptable value. 

An other part of the mechanical energy absorbed by the corona is lost by 
evaporation 2 . That evaporation must certainly be important is clear from the 
observations (1) that the thermal velocity of the coronal gas is close to the velocity 
of escape (the maximum possible coronal temperature, 1.5x10® °K, is determined 
by the condition that the thermal energy of the protons should be about 2 to 3 times 
less than the gravitational energy if the electrostatic field is taken into account — 
this field reduces the parabolic energy to half its value), and (2) that the size of 
the corona is compatible with the Sun’s radius. This evaporation mechanism 
explains the coronal cooling (mainly the fastest particles disappear) and it shows 
also that hot coronal regions must necessarily be a source of particle emission. 

Biermann and ten Bruggencate 3 have suggested that the energy necessary 
to maintain the high temperature of the outer parts of the corona comes from the 
gravitational energy of accreted interstellar matter. This suggestion has been 
elaborated by Bondi, Hoyle and Lyttleton 4 , but it appears that the theory 
requires too great a density (45 atoms cm -3 ) of the interstellar medium to ex¬ 
plain the observed coronal temperature and density. Blackwell and Dewhirst 6 
showed moreover that the interplanetary density distribution predicted on the 
basis of the accretion mechanism differs from the observed distribution. So the 
theory of accretion of interstellar matter fails to explain the principal features 
of the corona. However, an effect that has been neglected hitherto is that of the 
accretion of the interplanetary dust, which drifts towards the Sun under the 
influence of the Poynting-Robertson effect, (cf. ®). 

The problem of the mass balance, already touched here, was discussed by 
van de Hulst 7 , partly on the basis of Pickelner’s 2 discussion of the evapora¬ 
tion of the corona. The quantities of evaporated and accreted matter are of the 
same order and are too small to have any influence both on the evolution of the 
Sun and on its energy balance, as far as the undisturbed Sun is concerned. Never¬ 
theless the Sun practically continuously emits corpuscular radiation, and the 
observations of comets show that this radiation produces a mean acceleration 
of the tail ions of about 1 00 g® , the values ranging between 20 g@ and \ 000 g® . 
Biermann 8 estimated that the active Sun emits more than 10 3 ® particles per 
second (mostly protons and electrons). The quiet Sun seems to emit 10 33 protons 

1 L. Oster: Z. Astrophys. 42, 228 (1957). 

2 S.B. Pickelner: Isw. Krymsk. Astrophys. Obs. 5, 34 (1950). 

3 L. Biermann and P. ten Bruggencate: Veroff. Gottingen 83 (1946). 

4 H. Bondi, F. Hoyle and R. A. Lyttleton : Monthly Notices Roy. Astronom. Soc. 
London 107. 184 (1947). 

5 D.E. Blackwell and D.W. Dewhirst: Monthly Notices Roy. Astronom. Soc. London 
116, 637 (1956). 

6 M. Minnaert, in: Les Particules solides dans les Astres, Liege colloquium 1954, p. 15, 
1955- 

7 H.C. van de Hulst, in: The Sun (ed. G.P. Kuiper), p. 302f. 1953- 

8 L. Biermann: Z. Astrophys. 29, 274 (1951). — Z. Naturforsch. 7a, 127 (1952). — Ob¬ 
servatory 77, 109 (1957). 
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per second 1 ’ 2 . Alfven 3 concluded from this fact that owing to the existence 
of large-scale solar magnetic fields not only the inner corona must rotate with 
the Sun, as is observed, but also an appreciable part of the emitted particle stream, 
perhaps to near Mercury’s orbit (cf. also 4 }. Shimooda 5 has attempted to describe 
the interplanetary field as it would have been built up by the material ejected 
from the Sun. Mention should also be made of Chapman’s finding 6 that a steady 
conductive heat flow from the coronal gas would make the corona extend far 
beyond the Earth, the coronal temperature near the Earth being 2 X 10 5 °K. 

II. Radio emission from the Sun. 

The solar radio emission is composed of a semi-permanent part referring 
to thermal radiation by the quiet Sun (it varies only slowly and slightly in the 
course of the solar cycle), and a superimposed variable part, mainly emitted by 
centres of activity. The latter consists partly of radiation of thermal origin, 
partly of non-thermal radiation. 

First the quiet Sun will be discussed, next the disturbed one, starting with 
the thermal radiation from centres of activity. After that the various kinds of 
non-thermal radiation are considered. 

References (see also the general references on p. 362): 

Daily flux measurements are published in the Quarterly Bulletin on Solar Activity, ed. 

Sternwarte, Zurich. 

Hulst, H.C. van de: A Course in Radio Astronomy. Mimiographed, Leiden 1951. 

Lovell, A.C.B., and J.A. Clegg: Radio Astronomy. London: Chapman & Hall 1952. 
Pawsey, J.L., and R.N. Bracewell: Radio-Astronomy. London: Oxford University Press 

1955- 

Coutrez, R.: Radio Astronomie. Monographic No. 5, Obs. Roy. Belgique, 1956. 

Many authors: Radio Astronomy. I.A.U. symposium No. 4. Ed. H.C. van de Hulst, Cam¬ 
bridge University Press 1957; I.A.U. symposium at Paris. Ed. R.N. Bracewell, Stan¬ 
ford Univ. Press 1959. 

a) The quiet Sun. 

82. Theory of the emission of thermal radio-radiation by a plasma. In this 
section we summarize the formulae, relevant to the absorption and emission of 
radiation in a highly ionized gas such as the corona. For more detailed dis¬ 
cussions see the references listed above and at the end of this contribution. 

a) The emission of thermal radio-radiation in the corona is caused by free- 
free transitions of electrons in the field of ions, mainly protons. It is easy to 
ascertain that other radiation mechanisms play no role. The computation of the 
emission is based on the evaluation of the radiation emitted by an electron 
moving in the a direction and passing an ion (charge Ze) at a minimum distance p. 
The electron is accelerated and this leads to isotropic emission of radiation, the 
intensity integrated over the spectrum being Q =2e 2 (x) 2 j'}c s . The further com¬ 
putation involves the finding of the spectral distribution of the emitted radiation 
first for one single collision and next by performing the integration over all 
possible collision parameters p. If this latter problem is treated classically diver¬ 
gences would occur if p would be permitted to take all values between 0 and 00 , 

1 S. Pickelner: Dokl. Akad. Nauk. SSSR. 72, 255 (1950). — Isw. Krymsk. Astrophys. 
Obs. 7, 87 (1951). 

2 Cf. footnote 7, p. 282. 

3 H. Alfven: Ark. Mat. Astronom. Fys. A 28, No. 6 (1942). 

4 Cf. footnote 8, p. 282. 

5 H. Shimooda: Publ. Astr. Soc. Japan 8, 95 (1957)- 

6 S. Chapman: Smithson. Contrib. Astrophys. 2 (1), 1 (1957). 
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but these can be avoided by considering that deflections greater than—say— nj2 
do hardly occur. This is in fact the point where approximations are introduced; 
the lower limit of p has been defined differently by different authors. From a 
detailed quantum mechanical discussion, in which this cut-off problem is treated 
more precisely, Elwert 1 derived the following expression 


4n£ 


= NM 


32 ]/27ie*Z 2 
3 c 3 m S (kT)i 


In 


k T 

1.44 Z e 2 Nk 


£ is the emitted radiation per unit solid angle, Z is the nuclear charge, the other 
symbols have their usual meaning. The logarithmic term varies only slightly with 
temperature and density. 

The absorption coefficient y. x is then found with Kirchhoff’s law, £ ; = B (T) 
where B can be replaced by the asymptotic Rayleigh-Jeans law, which is a 
good approximation in the range of radio wavelengths: 

B(T)=^-fT. (82.1) 

Here / is the frequency in Hz 2 ; / = c/2. In local thermodynamic equilibrium 

*x = £i V (2kT)~i. (82.2) 


Since, roughly, the corona consists of 80% H, 20% He and is wholly ionized; 

N,N e Z 2 = 1.6 A] 2 

(cm- 1 ) (82.3) 

C = 1.32 X 10“ 2 In (367 TN-i) 

is a slowly varying function of N e and T and, hence of 7. Average ^-values, 
sometimes useful, are found by inserting in this expression the T and Af-values 
at the depth where the emitted radiation mainly comes from: 

l 1 3 10 30 100 300 600 cm 

C 0.085 0.097 0.124 0.15 0.17 0.18 0.18 


and hence 


where 


The above theory holds no longer when the gas has a refractive index n< Cl, 
as occurs in the corona (region of metre waves). In that case one has to consider 
the anomalous dispersion of the radiation near the “resonance frequency”, /„, 
being the natural oscillation frequency of the plasma: 

/o = (e 2 NJn m)i = 8.98 X 10~ 3 | A) [MHz] 

(cf. also Sect. 91 and the Table 17 on p. 271). The theory (Martin; Shklovski; 
Smerd and Westfold) shows that in that case the absorption coefficient y. x 
becomes nearly identical to the expression ( 82 . 3 ) but for a factor 1 jn. So in the 
general case one may assume 

= -,f4 ( cm x ) (82.4) 

«/ 2 V 

1 G. Elwert: Z. Naturforsch. 3a, 477 (1948). 

2 Instead of the somewhat cumbersome notations c/s and Mc/s, generally used in the 

English literature, we will use throughout Hz and MHz. 
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ft) The intensity of the emergent radiation is 


<50 


■MO) = / 5 a (t a ) e x Ux x 
0 


where S is the source function, and 

Tt = / x x ds. 
0 


(82.5) 


Often S is identified with the black-body function B [expression (82.1)1. 


y) If n -b 1 the ray paths are curved 
and the optical depth has to be com¬ 
puted along these curved rays, with the 
usual Snellius equation: 

n r sin i = a , 

where i and the constant a are defined 
in Fig. 93 a ; the expression transforms 
for a spherically symmetric corona to: 


<50 



0 


The index of refraction n in the absence 
of a magnetic field is 

« = (1 -/o// 2 ) 4 (82.7) 



where / and / 0 are the frequency and the plasma frequency. The ray trajectories 
thus computed assuming a model of the corona in which N e decreases outward 



Fig. 93b. Ray paths in the corona at IS MHz. R. N. Bracewell and G. W. Preston: Astrophys. Journ. 123, 14 (1956). 


(and, hence, n decreases inward) all show a turning point (Fig. 93 b). So in 
principle a signal from a source somewhere in the corona may reach the Earth 
along two paths, the direct and the reflected one; we say in principle, because 
the reflected signal will be heavily absorbed, especially at cm and dm waves. 
For f<f Q , n is imaginary; radio-waves originating in a layer below the layer 
with n = 0 are strongly damped and cannot escape outward. 
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d) In the presence of a magnetic field H the electrons, vibrating under the 
influence of an electromagnetic radiation field, are influenced by a force per¬ 
pendicular to the direction of motion. In that case the emitted radiation becomes 
elliptically polarized; it is circularly polarized for the gyro-frequency: 

= 2-807/(MHz). 


Moreover, in an oscillating plasma the phase velocity of the waves will be 
modified, due to the combination of the incident radiation field and that re¬ 
emitted by the electrons. In the presence of a magnetic field two modes of propa¬ 
gation will occur: along the paths of the ordinary and of the extraordinary ray, 
with converse polarization, and with different absorption coefficients 1 . Each of 
these has its own refractive index n 0 and n e : for the ordinary ray the refractive 
index n 0 is determined by (82.7); for the extraordinary ray 



/ 


2 

0 


t(t-fu )' 


s) The state of polarization of an electromagnetic wave received at the Earth 
need not be equal to the state of polarization in the region where the radiation 
is mainly emitted, it can be considerably changed on the ray-path, even in the 
ionosphere (for metre waves). 

C) Finally some definitions. It is customary to express the solar flux density, 
usually measured in watt per m 2 per Hz, into the apparent disk temperature T d . 
This is the temperature of a black body with the same angular diameter as the 
optical Sun, which emits in the same wavelength region the observed amount 
of radiation. This definition is the more easy to handle since for these long wave¬ 
lengths Planck’s law reduces to that of Rayleigh-Jeans (82.1), making T d 
proportional to the emitted radiation. 

Analogously the brightness temperature T b represents the surface brightness 
in a point of the disk. It is connected to the local kinetic temperature T k by: 

OO 

T b =S T k (T)e~'dT. 

o 

The integration is made along the ray trajectory. 


83. The radio-spectrum of the quiet Sun. Records of the solar radioemission 
show various components (Fig. 94): the background radiation, constant for years 
and showing only a small variation with the solar cycle, and a transient compo¬ 
nent consisting of 

(i) a slowly varying component, period about 27 d (= synodical rotation period), 
discovered on decimetre waves, but also faintly visible on short metre waves; 

(ii) isolated bursts, with an average duration of one second or less, mainly 
on metre waves but also on decimetre waves; 

(iii) outbursts, on all frequencies, but mainly on metre waves, duration of 
minutes to some tens of minutes; 

(iv) noise storms (restricted to metre waves) consisting of numerous short¬ 
lived bursts (^0*5), and lasting for hours or days; 

(v) an enhancement of the base level often occurs shortly after an outburst 
or together with a noise storm. 


1 See e.g. T. Takakura: Publ. Astr. Soc. Japan 8, 204 (1957). 
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The intensity of the quiet Sun is obtained by eliminating the transient com¬ 
ponents, presumably due to the centres of activity. In the region of the deci¬ 
metre wavelengths the elimination of the slowly varying component due to thermal 
emission of facular centres may present difficulties when there are many sources. 
The difficulties are overcome by plotting (Dodson j ) the intensity of the Sun’s 

Wavelength 
__ region 


outOurst 




months 


Fig. 94. Idealized types of solar radio transients at centimetre, decimetre and metre waves. J. L. Pavvsey and S. F. 
Smerd: in: The Sun (ed. G. P. Kuiper), p. 479- Chicago 1953. 


radiation at decimetre wavelengths against the area of the K(Csl + ) faculae insofar 
as these are brighter than a certain, arbitrarily fixed limit (1.5 times the radiation 
of the undisturbed Sun in the centre of the K line). The curve thus obtained is 
extrapolated to zero facular area. The good correlation, so far found for radiation 
at X 10.7 cm (Fig. 95 a) indicates that the enhanced radiation at decimetre wave¬ 
lengths is emitted by regions having the same disk distribution as the bright 
faculae. The same good correlation was found earlier by Christiansen and 

1 H.W. Dodson: McMath-Hulburt Obs. Reprint 41 (1955). 
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Warburton 1 (21 cm) and confirmed later by Christiansen et al . 2 in a detailed 
investigation of the distribution of radiosources on the disk at 21 cm. Denisse 



Area of calcium faculoe (Hem)*iO' s 



Sun spofarea(Hem)*K )~ 6 

Fig. 95 a and b. 2800 MHz flux versus area of calcium plages (above) and versus sunspot area (below) for 1947 (o) 
and 1952 (•) H. W. Dodson: McMath-Hulbert Observatory. Reprint 41 ( 1956 ). 

1 W.N. Christiansen and J. A. Warburton: Austral. J. Phys. 6, 190 (1953). 

2 W.N. Christiansen, J. A. Warburton and R.D. Davies: Austral. J. Phys. 10, 491 
(1957). 
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and Kundu 1 found a good correlation between the 10.7 cm radiation and the 
E layer ionizing flux; this relation permits to define a quiet Sun. 

Earlier it had been tried to find the background component by correlating 
the radio radiation and the visible sunspot area, but this correlation was less 
good. It could, however, be improved 2 ’ 3 by correlating the radio radiation with 
the spot area observed two rotations earlier. This result again suggests the 
primary correlation with faculae (longer lifetime of faculae). 

In the region of metre waves the correlation with spots is still worse. There 
are active and inactive spot-groups. An often used way to find the intensity 
of the undisturbed Sun is by making a histogram of measured intensities and to 
look for the lowest intensities, or—perhaps better—for the lowest maximum 
in the histogram. 

Thus the radio-spectrum of the quiet 
Sun may be obtained as shown in Fig. 96 
(after Allen 4 , with additions 5 6 ' 7 8 9 10 ). It then 
appears that the quiet Sun intensity 
still differs for the sunspot maximum 
and minimum, at least at wavelengths 
greater than about 1 cm, notwithstand¬ 
ing the reduction to activity level zero 
(cf. also 8_1 °). This result is compatible 
with that found from optical coronal 
observations: the electron density of the 
quiet corona differs in minimum and 
maximum. 


to ' 


§•/<?* 
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Fig. 96 . Radiospectrum of the Sun for spot maximum 
and minimum. C. W. Allen : Monthly Notices Roy. 
Astronom. Soc. London 117, 174 (1957). 


Also the brightness temperature T b of the Sun’s centre, as deduced from 
high-resolution observations (Figs. 96 and 97) increases with increasing wave¬ 
length; this is due to the increase of x A with A: the corona is transparent for 
small wavelengths and absorbing for longer ones. 

The spectrum described here is the continuous spectrum of the Sun. The 
problem whether the spectrum might also contain absorption or emission lines 
has been discussed by various authors. The 21 cm line of ground-state neutral 
hydrogen does not seem to occur in the solar spectrum because the number N x 
of ground-state neutral H atoms is too small in the transparent parts of the upper 
chromosphere and corona. 

In Sect. 27 mention has been made of the probability to find the line at 3.03 cm 
{2P->2S transition of H). 


84. The disk distribution of the quiet Sun’s radio radiation. The expression 
“ disk distribution ” is not wholly correct since at metre wavelengths an appreciable 


1 J.F. Denisse and M.R. Kundu: C. R. Acad. Sci., Paris 244, 45 (1957)- 

2 J.H. Piddington and R.D. Davies: Monthly Notices Roy. Astronom. Soc. London 
113, 582 (1953). 

3 C.W. Allen, in: Radio Astronomy I.A.U. symposium No. 4, p. 253, 1957- 

4 C.W. Allen: Monthly Notices Roy. Astronom. Soc. London 117, 174 (1957)- 

5 R. J. Coates: Astrophys. Journ. 128, 83 (1958) (at 8.6 and 4 . 3 mm: T b = 8500° and 7000°). 

6 R.N. Whitehurst and F. H. Mitchell: Astronom. J. 61, 192 (1956) (at 7.5 mm: 
2), = 6000° ± 500°). 

7 R.N. Whitehurst, F.H. Mitchell and J. Copeland: Astronom. J. 62, 38 (1957) 
(at 6 mm: T b = 4500° ± 400°). 

8 Cf. footnote 2 , p. 288 . 

9 H. Tanaka: Proc. Res. Inst. Atmosph. 3, 117 (1955)- 

10 A.D. Fokker and L. D. db Feiter: Ionosphere and Radio Astron. Section, Netherl. 
P.T.T. rep. No. 4 (1954). 

Handbuch der Physik, Bd. LII. 
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intensity is still observable beyond the position of the optical limb. Another 
characteristic is that the quiet radio Sun is not spherically symmetric; at least 
for wavelengths greater than 10 cm the isophotes show a polar flattening. 

The variation of the radiation intensity across the disk can be determined by 
interferometric and by eclipse observations. Such observations permit (a) to 
discover localized regions of enhanced intensity, (b) to determine the distribution 
of undisturbed radiation. Especially on metre waves, where the Sun is virtually 
never calm, the eclipse observations may often be useful for the first purpose, 
not so for the latter. 

a.) Eclipse observations. When the various parts of the Sun are covered by 
the Moon this enables one to discriminate between the contribution from different 
parts of the disk. The limit of resolution is imposed by diffraction; it is of the 
order of |'{Xfd where d is the distance of the Moon to the Earth: at A = 10 cm 
it is 3". For the scanning of the Sun’s disk partial eclipses are just as useful as 
total ones (except for A;S3 cm )> but observations from one site alone are as a 
rule insufficient to determine the whole two-dimensional intensity pattern of 
the Sun. More complete results may be obtained from simultaneous observations 
from two or more stations, but in no case can eclipse observations give unam¬ 
biguous data on the total solar brightness distribution. Moreover, never has one 
surveying discussion been given of all radio observations of the same eclipse. 

Nevertheless, some of the fundamental discoveries were made during eclipses: 
on 23 November, 1946 Covington found that centres of activity may emit 
an enhanced radiation at decimetre waves (cf. Sect. 87). That the radio corona 
at 178 cm is elliptical appears from the work of Blum, Denisse and Steinberg 1 , 
who could show that their eclipse observations at 178 cm of 1 September 1951 
and 25 February 1952 were incompatible with a spherical symmetric corona. 
Their derived axis ratio was 0.65 to 1. 

A complete list of all eclipse observations up to 14 February 1953 is given 
by Hey 2 . Later observations, especially referring to the eclipse of 1954 are found 
in the report of the 1955 Jodrell Bank symposium. 

fl) Interferometric observations. High resolution aerials are gradually coming 
into regular use at various observing stations. Four types are used: 

(a) At cm wavelengths a sufficiently large receiver yields a fairly high resolu¬ 
tion, e.g. at 1 cm the diameter of a paraboloid should be 10 metres to yield a 
resolving power of y (Hagen’s parabolic receiver at 8.5 mm has a resolving 
power of 4'). 

(b) The cliff interferometer, mainly of historical interest, consists of an aerial 
mounted on a cliff and makes use of the interference between the direct signals 
and those reflected against the sea surface. 

(c) The spaced-aerial interferometer makes use of two or 2" separate aerials 
connected on the same receiver [e.g. at Nancay (France) a resolving power of 
3(8 at 177 cm is obtained by means of 16 5-metre paraboloids over a base length 
of 1550 metres). At Mitaka (Tokyo) a half-power width of 4^5 at 7-5 cm is ob¬ 
tained with an interferometer consisting of 8 parabolic reflectors of 1.5 m diameter. 

By means of phase-shifting devices the pattern of an interferometer aerial 
may be swept over the Sun, thus permitting rapid scanning, and this procedure 
may be repeated for various mutual distances of the aerials (Cambridge, England), 
thus enabling the observer to find the centre-limb distribution of the brightness 
temperature T b (r). 

1 E. J. Blum, J.F. Denisse and J.L. Steinberg: C. R. Acad. Sci., Paris 234, 1597 
(1952). — Ann. d'Astrophys. 15, 184 (1952). 

2 J.S. Hey: Vistas in Astronomy 1, 526 (1956). 
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Let n be the distance between the two antennas, expressed in units of 7, then in the 
process of phase shifting the amplitude A is: 

OO 

A(n) = 2 n f T b (r ) r J 0 (2n nr) dr, 
o 

i.e. the Fourier-Bessel transformed of T b . Hence, 

OO 

T b (r) — 2 ji J A (n) n J 0 (2n n r) d n. 

0 

(d) Finally there are systems making use of two such aerials, perpendicular 
to each other, permitting two-dimensional interferometry. A first version was 
Christiansen and Warburton’s system consisting of a 32 paraboloid aerial 
and one of 16 perpendicular to it. The most elaborate specimen is Christiansen’s 
new system 1 consisting of two 32 aerial interferometers arranged in cross forma¬ 
tion (64 aerials each 6 metres in diameter; length of each arm )8() metres; fre¬ 
quency 1430 MHz). These interferometers can be used separately or else coupled 
together in “Mills Cross” fashion to produce pencil beams 3 ' in diametre and 
spaced 1° apart. The fringes may be moved by means of phase shifters and the 
Sun can therefore be scanned line by line analogous to the formation of a television 
picture. 

The interpretation of interferometric observations in which a good resolving 
power is obtained in one direction only, offers an interesting obliteration problem 
which has been discussed by various authors, cf. 2 5 . As in all such kinds of prob¬ 
lems one has to reach a very high degree of observational accuracy in order to 
infer with reasonable accuracy the energy distribution of the Sun. The accuracy 
attained with interferometric observations is often overestimated; for a detailed 
discussion of the uncertainty caused by the finite distance of the elements, cf. 5 . 

The accompanying Fig. 97 shows for wavelengths between 0.85 and 790 cm 
the Sun’s intensity profile for the quiet minimum Sun (years around 1954) as 
derived by various methods. When a two-dimensional intensity distribution is 
known, both the polar (dashed) and equatorial (solid) profiles are given. The 
interesting form of the system of isophotes is shown in detail for 21 cm and 
60 cm in Fig. 98 . Notable is the bright (equatorial) ring (segments), perceptible 
at 1 cm but impressively strong near 10 cm, broadening and shifting towards 
the disk centre at wavelengths around 50 cm and, finally, disappearing at metre 
waves. This shows how the optical thickness of the corona, being very small 
at 1 cm, becomes greater for longer wavelengths, finally turning into complete 
opacity for metre waves. The shift of limb maximum towards the disk centre 
for increasing wavelengths may partly be of instrumental origin but shows also 
the increasing importance of the ray curvature. Also the increasing flattening 
of the corona for increasing wavelength is an interesting phenomenon. 

A slight polarization of the quiet Sun’s thermal radiation, due to the poloidal 
magnetic field is predicted (Smerd 6 ), with a differential polarization of 0.2% 
for an assumed magnetic field of 2 Gauss. The existing observations 7 are not 
accurate enough to detect this polarization 8 . 

1 Footnote 3, p. 250. 

2 S.F. Smerd and J.P. Wild: Radio astronomy. I.A.U. colloquium No. 4, p. 290, 
1957- 

3 J. Arsac: Austral. J. Phys. 10, 16 (1957). 

1 S.F. Smerd and J.P. Wild: Phil. Mag. 2, 119 (1957). 

5 G. Elwert and H. Siedentopf: Z. Naturforsch. 11a, 769, 961 (1956). 

6 S.F. Smerd: Austral. J. Sci. Res. 3, 265 (1950). 

7 P.A. O’Brien and E. Tandberg Hanssen: Observatory 75, 11 (1955)- 

8 R. G. Conway: Observatory 76, 106 (1956). 
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Fig. 97 . Brightness distribution of the quiet minimum Sun at radio wavelengths. The wavelengths (cm) are labeled to 
each curve. Solid lines: equatorial; dashed: polar curve. If the Sun has been assumed circularly symmetric in deriving 
the curves only a solid line has been given. All central disk intensities have been put equal to unity. References: 0.85 cm: 
R. J. Coates, J. E. Gibson and J. P. Hagen: Naval Res. Lab. Report 5114 (1958); 3.2 cm: I. Alon, J. Arsac and 
J.L. Steinberg: C. R. Acad. Sci. Paris 237, 300(1953); 7.5 cm: T. Kakinuma, Proc. Res. Inst. Atm. Japan 3, 96 (1955); 
9.4 cm: F. T. Haddock, I.A.U. symposium No. 4, p. 276 , 1957; 10.0 cm: K. Aoki, Tokyo Astr. Obs. Reprint 106, 112 
(1953); 10.3 cm: A. E. Covington, W. J. Medd, C. A. Harvey, and N. W. Broten, J. R. Astr. Soc. Canada 49, 235 
(1955); 20 cm: O. Hachenberg, F. Furstenberg, H. Prinzler, Z. Astrophys. 39, 232 (1956); 21 cm: W. N. Christian¬ 
sen, J. A. Warburton, Austr J. Phys. 8 , 484 (1955); 50 cm: M. A. Owciankin and B. N. Panowkin, Radiotechnika 
e Elektronika 1,6 (1956); 60 cm: P. A. O’Brien and E. Tandberg Hanssen, Observatory 75, 13 (1955); 60 cm, 140 cm, 
370 cm and 790 cm: A. Hewish, I.A.U. symposium No. 4, p. 300, 1957. 











294 


C. de Jager: Structure and Dynamics of the Solar Atmosphere. 


Sect. 85- 


85. Absorption and scattering of point source radiation by the corona. Eclipse 
and interferometric observations show that the corona extends much further 
than is generally assumed on the basis of current coronal models. Also, less 
limb brightening at metre wavelengths is observed than is computed. These 
two effects indicate that the corona may scatter the radio-radiation. This con¬ 
clusion is supported by the observation of the scattering of the radiation from 
a point source when being occulted by the corona 1 - 2 . The radio-source Taurus A 
(the Crab nebula) is occulted each year by the corona near the 14th or 15 th 
of June. The outer parts of the corona at q >4.7 pass over the point source, 
the influence of the eclipse is visible from about 9 to 22 June. Observations 
are made at metre wavelengths where the intensity of the Crab nebula is compar¬ 
able to that of the Sun. The diameter of Taurus A is smaller than that of the 
Sun, but its radiation can be isolated from the solar background by arranging 
an interferometer of considerable spacing in such a way that the maxima of the 
interference pattern subtend an angle small as compared to the solar diameter. 

On the basis of the refraction mechanism, applied to a spherical homogeneous 
coronal model in which N e decreases outward monotonously, one would expect 
(Machin 1 , Link 3 ) that the rays of the radiosource would be refracted side¬ 
wards so that during the eclipse an initial increase of the intensity of the radio¬ 
star would be followed by a reduction at mid-eclipse. Computations based on 
N e values deduced from optical estimates of the coronal brightness 4 predicted 
a rather weak effect at ]*8m and no effect at Xxe 4m. Observations from 
1950 onward had at first no success because the Sun was too disturbed but 
later observations, since 1952 showed 

(i) a considerable decrease of source brightness at 3-5 and 7-9 metre. In 
1952 the intensity went down to 0.25 at mid-eclipse; in 1953 it was even zero 5 . 
The observations 1 - 4 showed the influence of the corona up to 15 Rq and even 
to 20 R @ 5 . An increase of intensity did not occur at long metre-waves. 

This result is incompatible with the homogeneous refraction theory, but 
suggests scattering due to refraction by coronal density irregularities. However 
at 178 cm an increase of intensity has been observed 6 in 1957 and 1958; this 
again would plea for the homogeneous refraction theory. 

(ii) The position of the source does not change systematically within a range 
of 0)5 (argument against refraction). 

(iii) Some interferometric observations showed that the apparent angular 
diameter of the source, being about 4', increases during the occultation to 12' 
at 1.78 m 6 , to 18' at 3.5 m and to 27' at 5-8 m 5 . Other observers find no or smaller 
effects 7 . The increase of the diameter indicates the influence of scattering ele¬ 
ments in the corona. Hewish 8 - 5 assuming scattering elements of various dia¬ 
meters, found 6N e za\N e for an assumed element diameter of 10 5 km; bN e ss 0.1 A) 
for elements of 10 4 km. Similar results were obtained by Vitkevitch 4 and 
Scheffler 9 ; there is no unique solution. From the centre-limb variation at 

1 K.E. Machin and F. G. Smith: Nature, Lond. 168, 599 (1951). 

2 V.V. Vitkevitch: Dokl. Akad. Nauk SSSR. 11, 585 (1951). 

3 F. Link: Bull. Astr. Inst. Czech. 3, 6 (1952). 

4 V.V. Vitkevitch: Radio astronomy. I.A.U. symposium No. 4, p. 313, 1957- — Astron. 
Zhurn. 32, 150 (1955) and 35, 52 (1958). 

5 A. Hewish: Proc. Roy. Soc. Lond., Ser. A 228, 238 (1955); comm, at 1958 (Paris) 
Symposium on Radio astronomy (1959) - 

8 E. J. Blum and A. Boischot: Observatory 77, 205 (1957); comm, at 1958 (Paris) 
Symposium on Radioastronomy (1959). 

7 O.B. Slee: Observatory 76, 228 (1956). 

8 A. Hewish: Vistas in Astronomy 1, 603 (1956). 

9 H. Scheffler: Mitt. Astr. Ges. 1956, 22 (1957). — Z. Astrophys. 45, 113 (1958). 
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metre waves, and assuming L 0 -----100 km for the diameter of the scattering 
elements, Scheffler found [(dN e ) 2 j(N e ) 2 ]i = 0.15 at p = 5. Assuming that the 
inhomogeneities are related to the coronal rays, thus taking L 0 ?»10 5 km, this 
value is 5 at q = 5. In this latter case the far corona would consist of dense 
regions sourrounded by almost empty ones. Hewish (footnote 5, p. 294) found 
that the scattering is greater in directions parallel to the Sun’s axis than per¬ 
pendicular to it. This result could be interpreted assuming that the inhomogene¬ 
ities have a ray-structure 

similar to the sol ar magnetic 7 v 

lines of force. The scattering 

is smallest near sunspot g __ 

minimum (1953 to 1954). __o — Smerd 

We finally note that 
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Fig. 99. Comparison of observed and computed parameters of the solar 
intensity distribution. Upper graph: TifT b (0); lower graph: T b (0)/Td. C.W. 
Allen: in: jRadio astronomy (ed. H. C. van de Hulst). I.A.U. symposium 
No. 4, Cambridge 1957. 


chromosphere and an isothermal corona with a discontinuous intensity jump 
in between, (ii) The earlier computations even neglected the curvature of the 
rays 2 , which is only permissible in the range of cm and short dm waves, (iii) Since 
moreover the scattering of radio-waves was neglected throughout and (iv) spherical 
symmetry of the Sun was assumed, it is clear that these early computations 
could only lead to a rough survey; the refined sets of two-dimensional centre 
limb observations, now available, should be interpreted in terms of an axial 
symmetric corona and chromosphere, the latter being non-isothermal, in which 
the density- and temperature-fluctuations are fully incorporated. This has not 
yet been done. 


1 V.V. Vitkevitch: Astron. Zhurn. 34, 217 (1957). 

2 The ray curvature was perhaps considered for the first time by G. Burkhardt and 

A. Schluter: Z. Astrophys. 26, 295 (1949)- 
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In this section we confine ourselves, following Allen 1 to a comparison of 
some of the main particularities of the observed radiation with those computed 
for various coronal models. 

Allen 1 has compared the observed and computed values of the function 
T b (0)/T d (Fig. 99 ), provisionally assuming that this function does not depend 
on the solar cycle. Where the observations show a polar flattening, an average 
of polar and equatorial values has been taken. The observations and the com¬ 
putations apparently have the same trend, but the calculated curve generally 
is somewhat lower than the observed one, especially near X =30 cm, indicat¬ 
ing that the calculated limb brightening is greater than the observed one. 

In the same way T,JT b { 0 ) was plotted, 1} being the brightness temperature 
of the intensity maximum at the limb, or, if there is no evidence of limb brighten¬ 
ing, T, being equal to T b at the limb. Especially near X = 30 cm: 


T b ( 0 )), 


) 


> 


T b ( 0 ) 


Generally, the calculated limb brightening is more pronounced than the observed 
one. 

b) Thermal radiation from centres of activity. 

At centimetre and short decimetre waves the solar enhanced radiation con¬ 
sists of short lived bursts and a slowly fluctuating component which appears 
roughly to have a period equal to the synodic rotation period of the Sun. Both 
are correlated with the occurrence of activity centres on the disk. These variable 
components are caused by thermal radiation of centres of activity. First we 
discuss the slowly varying component. The bursts shall be dealt with in Sect. 89- 

87. Investigation of individual activity centres. Eclipse observations were the 
first to give the clue that centres of activity, usually recognized by their sun¬ 
spots, emit an enhanced background radiation, especially at decimetre wave¬ 
lengths. A classical example is Covington’s observation 2 made at the eclipse of 
23 November 1946 at 2800 MHz = 10.7 cm. At the moment that a large spot- 
group was eclipsed or uncovered by the Moon, the solar radiation decreased or 
increased abruptly. Similar observations have been made later at nearly each 
eclipse. A year later, Covington 3 reported to have found a close correlation 
between his daily measurements of the solar radiation at 10.7 cm and the total 
visible sunspot area. 

The forms and sizes of the emission regions can only be studied well when 
many observations are combined, made at the same wavelengths by various 
observers at different sites; such observations sometimes permit to trace the 
isophotes of a centre of activity with a refinement that cannot always be reached 
by interferometric observations. Some cases are mentioned below. 

a) The partial solar eclipse of 20 June 1955 was observed in Japan at 10 cm 
wavelength from three sites differing by four degrees in latitude 4 . There was 
one strong emission centre, the profile of which could be defined fairly accurately 
due to the circumstance that at the three observing stations the Moon either 
wholly covered the emission centre, or let it just free, or again eclipsed it only 

1 Cf. footnote 3, P- 289 . 

2 A.E. Covington: Nature, Lond. 159, 405 (1947)- 

3 A.E. Covington: Proc. Inst. Radio Engrs. 36, 454 (1948). 

4 T. Hatanaka, K. Akabane, F. Moriyama, H. Tanaka and T. Kakinuma: Publ. Astr. 
Soc. Japan 7, 161 (1955). 
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partly. The contours of the emission centre closely agreed with that of a Ca + 
facular field. The top brightness of the field had a radiation temperature of 
3 X fO 6 °K, the outer contours of the Ca + faculae corresponded with T b = 10® °K. 

ft) Sometimes an emission centre emitting at decimetre waves may be located 
high in the corona. Christiansen, Yabsley and Mills 1 (1 November, 1948; 
600 MHz 50 cm), found eight sources of which seven corresponded with facular 
areas; three of them contained spots. The eighth source was in the corona above 
a prominence. This shows also that radiation from disturbed regions may originate 
from fairly high coronal regions although for this radiation the level for = 1 
or the plasma frequency level are chromospheric. The mean brightness temper¬ 
ature of these areas was 5x10®°K, the average area was 4X1CT 3 of the solar 
disk. 

y) As a rule the position and the contours of the emission fields are found by 
trial and error, but a more straightforward mathematical method was twice 
applied by Coutrez et al. 2 ' 3 who represented the solar intensity distribution 
by an arbitrary function B(x,y), of m parameters with f B(x, y) dx dy = 1. 
When the Moon covers the area L(t), the residual flux is <p(t). The system of 
n (;> m) equations: 

/ B dx dy = 1 — <p(t) 

L(t) 

can be solved. 

All eclipse observations suffer from the drawback that eclipses are rare and 
that they are insufficient for a general insight into the intensities and areas of 
the disturbed regions at decimeter wavelengths. Interferometer observations 4 
obtained at 1 = 21 cm with a 32 + 16 element interferometer (resolving power 
of 3' in east-west direction) and later with a 64-elements cross (cf. Sect. 84 ftd) 
permitted not only to detect the individual sources but also to trace their 
shape (for the largest) and their variations across the disk and during their 
life. The results are: 

1. The positions and the shapes of the radio-sources agree with the associated 
faculae, not with the associated sunspot-groups. 

2. The flux varies from small values up to 1CT 21 Watt m -2 Hz -1 . Assuming 
that in the latter case the emitting region has an area of 10 square minutes of 
arc, and that the emitting region is homogeneous and does not consist of smaller 
brighter dots, the average brightness temperature is 0.6x10® °K. The maximum 
value is 1.5 x 10® °K. 

3 . It seems that the radio-sources move slightly more rapidly over the disk 
than the corresponding faculae; the interpretation is that the sources are in the 
average case 40000 km higher than the faculae (maximum height: 10 5 km). 
Furthermore the centre-limb variation follows a cosine law, indicating that the 
emitting source must be rather flat for this wavelength. 

4. After two rotations the radio emission has in the average reduced to 1 / 6 
of its maximum value, whereas the spot area decreases much faster. So the 
sources, as the faculae, are more persistent than the spots. The average life time 
is four months. 


1 W.N. Christiansen, D.E. Yabsley and B.Y. Mills: Austral. J. Sci. Res. A 2, 506 
(1949). 

2 R. Coutrez, A. Koekelenbergh and E. Pourbaix: Observatory 73, 239 (1953). 

3 R. Coutrez: Ann. d'Astrophys. 20, 23 (1957). 

4 W.N. Christiansen, J.A. Warburton and R.D. Davies: Austral. J. Rhys. 10, 491 

(1957); and 1958 (Paris) Symposium on Radio astronomy ( 1959 ). 
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88. The spectrum and centre-limb variation of the enhanced radiation of activity 
centres. Polarization. For those cases in which the radiation of the individual 
activity centres cannot be determined (e.g. by lack of resolving power) the centre- 
limb variation of the enhanced radiation has been studied statistically 1 ^ 3 by 
measuring the intensity when the source—assumed characterized by spot-groups— 
drifts over the disk. 

The results are not very reliable but they suggest that the “limb darkening” 
of the enhanced thermal radiation decreases with increasing wavelength. At 



Fig. 100a. Radiobrightness distribution over the Sun at 21 cm (1423 MHz) obtained 14 October. 1957; 02tl5 UT, 
by Christiansen et al. The brightness temperature is specified by the number on each contour times 10' K. Courtesy 

W. N. Christiansen, Sydney. 

metre waves (e.g. A = 150 cm) the intensity of the sources seems to be reduced 
to 0-3 or 0.2 of its central disk value two days after central meridian passage. 

For shorter wavelengths the limb darkening is weaker: the intensity decreases 
to 0.5 at r/R =0.57 for A = 50 cm and at r/R =0.75 at A =25 cm. This agrees with 
Christiansen’s finding (Sect. 86) that at 21 cm the centre-limb variation follows 
a cosine law. Similar results were found at 7-5 cm 4 and at 3-2 cm 5 . Also at 
these wavelengths the radio-spots appear one to two days before the sunspots 
and disappear later, indicating that the radio-spots are located at about 3 5 000 km 
above the photosphere for A = 7-5 cm. 
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1 M. Waldmeier: Z. Astrophys. 32, 116 (1953) - 

2 H. Muller: Z. Astrophys. 39, 160 (1956). 

3 K.E. Machin and P.A. O’Brien: Phil. Mag. 45, 973 (1954). 

4 T. Kakinuma: Proc. Res. Inst. Atmos. 4, 78 (1956). 

5 M. Gutman: In Paris Radio-Astronomy Symposium (1959). 


Sect. 88. 


The spectrum and centre-limb variation of the enhanced radiation. 


299 


In order to determine the spectrum of an activity centre the observations 
should first be reduced to the same size of the emitting region. The subsequent table 
(Allen 1 , Katayama 2 with some values added by us from other sources) gives 
for five wavelengths the flux of the 27-day component, respectively for a sunspot 



Fig. 100 b. Corresponding daily map of the Sun based on optical observations, issued by the Fraunhofer institute (Freiburg, 
Germany). Black dots: sunspots shaded areas: faculae; black ribbons: filaments and prominences. The coronal intensities 
(5303 A) are indicated by the radial lines outside the Sun’s limb. 


number R=\ 00, a sunspot area A= 2xl0 -3 visible hemisphere and an equal 
(photospheric) facular area F. The flux data are expressed in 1CT 22 W rrr 2 Hz -1 . 
Between brackets the table gives in the 2nd, 3rd and 4th columns the correspond¬ 
ing increases of the apparent disk temperature (xl0“ 3 ) T d . It further gives the 
effective heights and brightness temperatures of activity centres belonging to 
E and F type spots. 

Fig. 101 shows the spectrum of the long-lived spot component, thus determined 
for a projected spot area of 0.002 of the Sun’s disk. This kind of radiation has its 

1 C.W. Allen: Monthly Notices Roy. Astronom. Soc. London 117, 174 (4957). 

2 A. Katayama: Paper at meeting Astr. Soc. Japan, 1954, quoted by T. Takakura: 

Publ. Astr. Soc. Japan 8, 491 (1956). 
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greatest importance for wavelengths between 10 and 75 cm, the effect is small 
outside this region. At the shortest wavelength (0.43 cm ) Coates 1 who scanned 
the Sun with a 3 m paraboloid found that spot areas contributed only a few 
percent to the total radio emission. At short metre waves a weak and only 
shortlived thermal radiation is found in activity centres, bright centres at 178 cm 
only sometimes emit a continuous radiation, which however seems not to be 
related to CA’s. 

Covington 2 and Piddington and Minnett 3 have found a small and variable 
circular polarization up to 15% at A = 10 cm. At 7.5 cm the value usually does 
not exceed 10% 4 ; at 20 cm no polarization was found (footnote 4, p. 297). The 
observations for June to August 1948 are to be interpreted as follows: Sunspots in 

the NE-SW quadrants show an excess of 
left-handed circular polarization (the reverse 
in the NW-SE quadrants), but for the cycle 
starting in 1954 , the polarization turned to 
right-handed in these quadrants (A = 7- 5 cm; 
Tanaka and Kakinuma 5 ). So the sense of 
this (small) circular polarization generally re¬ 
verses when the source passes the central 
meridian. (The sense of rotation of a cir¬ 
cularly or elliptically polarized wave is de¬ 
fined as right-handed if the electric vector 
in a fixed plane in the wave front rotates 
clockwise when viewed into the direction of 
propagation; the source being behind the ob¬ 
server 6 ). These observations suggest a rela¬ 
tionship with the magnetic fields of the spots 
or faculae. 

89. The sources of the enhanced thermal radio-radiation; the cm-bursts. The 
interpretation of the slowly varying component, as being due to the thermal 
radiation of centres of activity, is quite natural because the radiation temper¬ 
atures of these emission sources never exceed values of 10 7 °K, and because of 
the rather long lifetimes of these sources. The relation with the regions of enhanced 
activity of the A 5303 line was noted by Laffineur et al. 1 . Earlier, Waldmeier 
and Muller 8 already suggested that “permanent coronal condensations” are 
the source of the slowly varying component. Computations based on a detailed 
model of such a condensation 8 - 9 (cf. also Fig. 91 in Sect. 79) showed the best 
agreement with the observed spectrum, (Fig. 101), for T el = 6 X 10 6 °K, higher 
than is found from the photometry of the coronal lines. A similar result was 
found by Piddington and Minnett 3 , who used a homogeneous model of a con¬ 
densation (T = 10 7 K; AT= 10 9 cm -3 ). 

However, also in this connection a clear distinction should be made between 
a coronal condensation and a simple active coronal region. A-coronameter 

1 R. J. Coates: Proc. Inst. Radio Engrs. January 1958. 

2 A.E. Covington: Proc. Inst. Radio Engrs. 37, 407 (1949). 

3 J.H. Piddington and H.C. Minnett: Austral. J. Sci. Res. 4, 131 (1951). 

4 See footnote 4, p. 298. 

5 H. Tanaka and T. Kakinuma: Proc. Res. Inst. Atmos. 3, 102 (1955)- 

6 Cf. Trans. Internat. Astronom. Union 9, 576 (1957). 

7 M. Laffineur, R. Michard, J.C. Pecker and B. Vauquois: Ann. d'Astrophys. 17, 
358 (1954). 

8 M. Waldmeier and H. Muller : Z. Astrophys. 27, 58 (1950). 

9 M. Waldmeier: Z. Astrophys. 32, 116 (1953). 
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Fig. 101. Solid line: Tentative spectrum of the 
27 days component, for a sunspot area A = 

2 X 10~* visible hemisphere. For comparison the 
quiet Sun spectrum is given by a dotted line. 
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observations 1 showed that the average density in the latter regions is only twice 
that of the quiet corona, and that the temperature is near to 8 °K. With such a 
model Newkirk 1 could quantitatively explain the radiobrightness of active 
regions at the limb and their radiospectrum. So, the coronal activity regions 
have to be considered as the sources of the slowly varying component. Often the 
statement is read that the sources should be flat (St 00 000 km) since they are 
not observed at metre wavelengths. This conclusion is not correct: a local density 
increase over the whole range of heights of an isothermal corona will not result 
in a local increase of the brightness temperature, but a temperature increase does. 
So the only conclusion can be that the coronal activity regions do not differ much 
in temperature from the quiet corona. 

The centre-limb observations (Sect. 88) reveal that the directivity of the radia¬ 
tion increases with increasing wavelength. At decimeter waves the observations 
show a cosine curve and can be explained by the effect of perspective. At longer 
waves the lower parts of a condensation at the limb are obscured by the low corona: 
the reflection level is not spherical, and its distance to the photosphere is greater 
for greater A-values (see also Fig. 93). If a source, situated relatively close to the 
layer n= 0, moves over the disk by the solar rotation, it might become invisible 
from a certain value of / upward, because of its disappearance behind the reflec¬ 
tion layer. A complicating factor is that the ray paths are curved at metre 
wavelengths, thus apparently shifting the limb condensation towards the disk 
centre. 

In these model considerations the influence of the magnetic field is not yet 
incorporated; its role might be important in a final solution. The observations 
at 10 cm exhibit some circular polarization, indicating the influence of the magnetic 
fields of the BM regions. So in this case the influence of the splitting of the rays 
into an ordinary and an extraordinary component has to be taken into account 
(cf. Sect. 82(5). Because of the magnetic fields the layer n e = 0 is higher than the 
layer n = 0 in the field-free case. The extraordinary ray follows a shorter path 
and is at the same time more heavily absorbed at the same height than the ordinary 
ray, so that the resulting radiation is polarized (Piddington and Minnett 2 ). 

Finally a short note on the bursts at centimetre-wavelengths. The observa¬ 
tions 3 - 4 show the greater part (90%) of the centimetre burst, for A<20 cm, 
to be rather smooth, in great contrast to the bursts observed at metre waves. 
Often the tail part seems to decay exponentially with a decay time of 10 to 
20 min 4 . Their top intensities are of the same order of magnitude as the quiet 
Sun’s level. About half of them show circular polarization. The hypothesis that 
most of these bursts are caused by thermal radation emitted by flare regions is 
supported by (1) the decay time, being of the same order as that of the flares; 
(2) the relatively low top intensities; (3) their diameters, being small (;S1'); 
(4) the observation that many centimetre bursts correspond with a flare (cf. 
footnote 4, p. 308), and (5) the fact that the solar centimetre radiation is emitted 
by the same height levels where the flares tend to occur. 

c) Non-thermal radiation: type III and type U bursts. 

The type III and U type bursts are discussed in this subdivision before we 
shall treat the more complicated burst phenomena in subdivision d, since the 

1 G. Newkirk: In I.A.U. Radio-Symposium at Paris (1959)- 

2 J.H. Piddington and H.C. Minnett: Austral. J. Sci. Res. 4, 131 (1951). 

3 O. Hachenberg: Z. Astrophys. 46, 67 (1958). 

4 A.E. Covington, M.R. Kundu and H. Tanaka and T. Kakinuma: papers presented at 
1958 I.A.U. Radio-Symposium at Paris (1959). 
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Table 18. Classification of non-thermal radio- 


Class 

Duration 

Polarization 

Associated 
optical feature 


Type III burst 

Some seconds or less 

Mainly polarized 

Often first phase of 
a flare 

Flare-puff 


U type burst 

Between 3 and 10 seconds 


Flare ( 80 %) 


Type II or outburst 
(generally very 
complex in char¬ 
acter) 

Minutes or tens of mi¬ 
nutes (individual life¬ 
times of components: 
from some tenths of a 
second to some seconds) 

Variable 

Flare 

Ejections at limb 


Type I or storm- 
burst (occurring 
in noisestorm) 

Individual lifetime: one 
second or less. Life¬ 
time of noisestorm: 
hour or days 

Mainly polarized 

Emitted in "if cen¬ 
tres”, not clearly 
correlated with 
CA’s 


Type IV phenome¬ 
non 

Order of one hour 

100 % polarized 

Preceded by flare 
( 0 U 0 to 1 ? 5 ) 


Type V phenome¬ 
non 

Some minutes 


Often flare 



latter can hardly be understood without an understanding of the burst pheno¬ 
menon in its uncomplicated form. For a classification of the non-thermal radio¬ 
phenomena reference is made to the accompanying table; cf. also the review by 
Denisse 1 . 

90. Spectra and polarization, time profiles. The type III burst may occur 
at random intervals as well as in groups at decimetre and metre wavelengths. 
Originally they have also been called isolated or unpolarised bursts, denoting 
that they do not occur in groups and are not circularly polarized in contrast 
to the other (storm-) bursts. Later investigations showed that the type III bursts 
are as a rule strongly polarized 2 . Moreover, although the type III bursts may 
occur sporadically, they often cluster together, at a rate of 10 to 100 per hour 
(type III storm), and they sometimes occur in groups in the first phase of an outburst. 

The spectra of type III bursts were described for the first time by Wild 
and McCready 3 (Fig. 102) and later by Wild et al 4-7 ; they are characterized by 
a very fast frequency drift. 

The spectrum, if extended over a sufficient frequency range, sometimes shows 
the second harmonic (Fig. 102a—c) 5 > 6 . The rate of frequency drift decreases con- 

1 J.F. Denisse: In 1958 (Paris) symposium on Radio astronomy (1959). 

2 M. Komesaroff: Austral. J. Phys. 11, 338 (1958). 

3 J.P. Wild and L.L. McCready: Austral. J. Sci. Res. 3, 387 (1950). 

4 J.P. Wild: Austral. J. Sci. Res. 3, 541 ( 1950 ). 

5 J.P. Wild, J. A. Roberts and J.D. Murray: Nature, Lond. 173, 532 (1954). 

6 J.P. Wild, J.D. Murray and W.C. Rowe: Austral. J. Sci. Res. 7, 439 (1954). 

7 J.P. Wild: Radio Astronomy. I.A.U. symposium No. 4, p. 321 , 1957. 
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phenomena (mainly observed in the metre range). 



Dynamic spectrum 

Bandwidth 

Spectral classification 
and description 

Corresponding speed 
through corona 

- 

Overall spectrum broad 
(some tens of MHz (out¬ 
burst) and some tens to 
some hundreds of MHz 
(type III bursts) but 
sometimes composed of 
narrow individual 
peaks; Fig. 102d). Out¬ 
bursts are composed of 
many narrow indivi¬ 
dual peaks 

Rapid frequency-drift, as a rule towards 
the lower frequencies; 
rate: (//4-5) MHz/sec 

About 10 5 km/sec 

Initial frequency drift towards low fre¬ 
quencies followed by drift towards 
high frequencies. Turning point most¬ 
ly between 100 and 150 MHz. De¬ 
tailed microstructure 

As type III bursts 

Type II: frequency-drift towards the 
lower frequencies; rate 0.2 MHz per 
sec. Fairly sharp cut-off at lower fre¬ 
quencies 

About 10 3 km/sec 

Some MHz. Spectrum of 
noise storm: some tens 
of MHz 

Type I: nearly stationary spectrum but 
centre-of-gravity of the storm may 
drift slowly; rate 0.1 MHz/sec 


Hundreds of MHz 

Very strong enhancement of base level 
cut-off at /< 500—1000 MHz 

Standstill after 
type II motion 

Some tens of MHz 

/< 100 MHz 

v sk 3000 km/sec, 
after type III 
motion 


tinuously with time 1 , approximately according to djjdt = — //4 .5 sec 1 . At low 
frequencies the drift decreases so rapidly that one or both bands can, in some 
cases, become almost stopped at a fixed frequency. The curves for the first and 
second harmonics are similar in shape but the relative band-width of the former 
tends to be narrower. The ratio of peak frequencies is not exactly equal to 2 
but somewhat less: in the majority of cases it is between 1.85 and 2.00. 

Roughly one in ten type III bursts shows the first and the second harmonics; 
the third harmonic has once been observed (Haddock). It is not known whether, 
in the cases in which only one component appears, one is dealing with the first 
or the second harmonic. 

Interferometric 2 and optical 3 observations show that the source of the 
radiation moves upward through the corona with speeds sometimes exceeding 
10 5 km/sec. The positions at which the individual frequencies are emitted do 
not change during the burst. 

These observations suggest that the radiation is emitted by periodic oscilla¬ 
tions of the coronal plasma. To produce an overtone the oscillations must be 
non-linear. The observations that the frequency shifts towards lower frequencies 
with time is in agreement with the observed displacement of the sources, but the 
velocity deduced from the frequency shift on the basis of the model of the quiet 
corona is smaller than the observed velocities. This suggests that the high parts 
of the coronal activity regions have a greater density than the quiet corona. 

1 See footnote 6, p. 302. 

2 J.P. Wild, K.V. Sheridan and G.H. Trent: In 1958 (Paris) Symposium on Radio 
astronomy (1959). 

3 R.G. Giovanelli: Austral. J. Phys. 11, 350 (1958). 
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Sometimes the spectrum is complex. The 
individual bursts have band widths of 5 to 10 MHz 
(Fig. 102 d). 

The precise time profiles of these rapid 
phenomena cannot be read from the common 
slow intensity records, but should be studied by 
means of fast recording instruments. At long 
metre waves (50 to 100 MHz; 6 to 3 m) each 
individual type III burst has a half-width of 
about 2 to 5 seconds at any one frequency and 
no fine structure is evident within each burst 
(Wild). At 200 MHz (1 50 cm) monochromatic 
observations 1 showed that the singly occurring 
bursts are often asymmetric, having a steep 
ascending and a less steep descending part. 
The longest lived ones (half-width & 1.5 sec) are 
perhaps to be identified with type III bursts. 

At 75 cm the type III bursts have a half¬ 
width of 0.2 sec 2 3 . 

A type of bursts, possibly related to the 
type III bursts, are the so-called U-type bursts 8 . 
Their spectrum is l/-shaped, with the opening 
towards high frequencies. So it consists of a 
fast burst which first decreases in frequency, 
then increases again, after a turning point. The 
turning point is mainly between 100 and 150 MHz, 
in some cases at greater frequencies. The greater 
part (75%) of the bursts coincided with flares. 
They last for some seconds. 


80 90 100 H0 !Z0 



d 


Fig. 102a—d. Spectra of type III bursts. Abscissa: frequency in MHz; ordinate: time in seconds. Fig. 102d shows, on a 
narrower frequency scale, the fine structure of a type III burst. J. P. Wild, J. D. Murray and W. C. Rowe; Austral. 
J. Phys. 7, 439 (1954). J. P. Wild: Austral. J. Sci. Res. 3, 541 (1950). 


1 C. de Jager, F. van’t Veer and Ch.L. Seeger: Rech. Obs. Astr. Utrecht 14 (1) (1958). 

2 T. de Groot: Nature, Lond. 180, 382 (1957); 181,1676 (1958), and priv. comm. 

3 A. Maxwell and G. Swarup: Nature, Lond. 181, 36 (1958). 
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There seems to be no essential difference between U type and type III bursts, 
but for the inversion; also the value of \ djjdt\ is of the same order. The inversion 
might be due to an exciting agent moving along a curved path in the corona, 
e.g. along magnetic lines of force, which are known to be curved in active regions. 

Also the “herring-bone structures", fine structures, sometimes observed in 
type II bursts (Roberts) are perhaps type III phenomena: the type III bursts 
originate from a type II band (cf. Sect. 92) and go towards low and high fre¬ 
quencies. 

Another type of burst, related to the type III burst, but only observed at 
the longer metre waves was described by J. A. Roberts 1 : the frequency increases 
with time (2 to 8 MHz/sec), the bursts are of short duration and contain two 
elements; the second being a repetition of the first after a delay of 1 .5 to 2 seconds. 
Occasionally they occur within and form part of the structure of a type III 
burst. It is suggested that the second elements of the bursts are echoes of the first, 
reflected from lower levels of the corona. The bursts are assumed to occur at the 
second harmonic of the coronal plasma frequency (in that case they are emitted 
above the reflex frequency). 

91. Theories of type III bursts. The observation that type III spectra may 
show both the fundamental frequency and the second harmonic, is an indication 
that the emission may be caused by macroscopic oscillations of the coronal gas, 
and suggests (Shklovski 1946) that certain radio-bursts are due to plasma oscil¬ 
lations. Since the ascending parts of the bursts near X = 100 cm last only between 
0.1 and 0.3 sec the time of excitation must be short. It seems reasonable to assume 
that the emission decays by collisions in the corona. 

The observations also show that in the whole wavelength range the wavelength 
of emission of a particular burst increases with time, thus suggesting an exciting 
agent moving through the corona, in the direction of a decreasing density gra¬ 
dient and exciting its consecutive parts. 

A plasma is a quasi-neutral (partly or totally) ionized gas. In a plasma high 
frequency oscillations can occur with the natural frequency of the gas which is 2 

or “"“I 4 ”!’) (91.1) 

/ 0 = (e 2 N e /7im)l =8.98 x 10 3 ]/N e MHz. J 

The problems arising next are ( 1 ) how these oscillations are excited and (2) how 
they can lead to the emission of radiation. The answer to the first problem is 
involved in the observation that at least a number of bursts and all type III 
and type II bursts seem to be excited by systematic gas motions. It is felt almost 
intuitively that longitudinal plasma oscillations can easily be excited by gas 
motions. Longitudinal oscillations, in contrast to transverse ones, are always 
connected with space-charge separation (it can be shown that space-charge 
separation is essential for the emission of radiation): Larenz 3 showed that high- 
frequency plasma oscillations connected with a nearly complete space-charge 
separation occur when the systematic gas motions are equal to or greater than the 
“electron-sound-velocity” a e = (5 kT /3 (of the order of 10 3 km/sec), where m e 
is the electron mass. The corresponding electrostatic potential differences are 
of the order of 10 4 or 10 5 eV, thus producing intense oscillations. It is true that 
space-charge separation occurs already at the “ion-sound-velocity a, = (5 fcT/3 rn t ) 2 

1 J.A. Roberts: Austral. J. Phys. 11, 215 (1958). 

2 Cf. e.g. G. Joos: Lehrbuch der theoretischen Physik, 9 . Aufl., S. 716. Leipzig: Aka- 
demische Verlagsgesellschaft 1956. 

3 R.W. Larenz: Z. Naturforsch. 10a, 766 (1955)- 

Handbuch der Physik, Bd. LII. 
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(w, is the ion mass) but the corresponding ion oscillations do not occur at the 
high radio-frequencies. 

Velocities of the order of the electron-sound-velocity described above can 
occur in the corona in the form of shockwaves 1 (expansion of dense matter into 
a less dense medium). A detailed discussion of magnetohydrodynamic shock 
waves in the corona in connection with type II and type III bursts, was pub¬ 
lished by Westfold 2 . 

The second problem is how the excited plasma oscillations can lead to the 
emission of radiation, and this problem again consists of two parts: 

(a) The longitudinal plasma oscillations should be coupled with simultaneous 
transverse oscillations since for longitudinal oscillations of density and space 
charge the sum of the current density and of the displacement current, and hence, 

the Poynting vector is zero. Other¬ 
wise stated: the curl-free longitudi¬ 
nal plasma waves and the divergence- 
free transverse radiation waves are 
not coupled. 

(b) Even if the Poynting vector is 
not zero, radiation can only propagate 
if the local refraction index is posi¬ 
tive (for pure longitudinal or trans¬ 
verse plasma waves, n — 0). How¬ 
ever, in the absence of a magnetic 
field, n = 0 for / = /„. Thus, electro¬ 
magnetic radiation cannot propa¬ 
gate. These difficulties disappear in 
a magnetic field when the waves pro¬ 
gress perpendicular to the field, like 
in ionospheric reflections (cf. also Lust 3 ). Then two wave components originate, 
parallel and perpendicular to the direction of motion, hence giving rise to a trans¬ 
verse component of the electrical field. Thus the current density is no longer 
compensated by the displacement current, leading to a non-zero Poynting vector. 
(The Appleton-Hartree dispersion formula shows that n =(=0 in a narrow fre¬ 
quency region around the plasma-frequency.) 

But, also in absence of a field, the difficulty can be solved in various ways, 
e.g. (i) in the case that fast systematic motions occur (Larenz 4 ). Suppose e.g. 
a space-charge wave expanding into the a direction and superimposed by a 
general plasma motion into another direction (angle § with the a direction). 
Then the following will happen (Fig. 103): At one point—not moving with the 
gas—the successive positive and negative space charges produce an alternating 
current containing, because of the systematic plasma drift, only a transverse 
component 7 ,, proportional to \v D \ sin &. This transverse component is connected 
with a transverse magnetic field H y , perpendicular to the x-z plane, defined by 
the drift vector and the wave vector. This variable magnetic field in turn influences 
the transverse current, yielding a coupled electromagnetic longitudinal and trans¬ 
verse wave; a further coupling between the two directions of motion is effectuated 
by the Lorentz force. Since the magnetic field and the divergence-free com- 

1 R.W. Larenz, in: Tagung iiber Plasmaphysik, 1956 , Leipzig: Akademie-Verlag p. 16, 
195S. 

2 K.C. Westfold : Phil. Mag. 2, 1287 (1957). 

3 R. Lust: Z. Astrophys. 37, 67 (1955). 

4 R.W. Larenz: Z. Naturforsch. 10a, 901 (1955). 



Fig. 103. Emission of electromagnetic radiation by coronal 
plasma oscillations after Larenz (for details see text). 
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ponent of the electric field are perpendicular to the direction of motion of the 
space-charge waves, the resulting Poynting vector of the electromagnetic radia¬ 
tion is parallel to the direction of the density waves. 

The calculations were extended by Larenz 1 to the case that a field of com¬ 
pressible turbulent motions is superimposed on the general motion field. In 
both cases the dispersion formula n=n(f) appears to consist of two branches; 
for one of them n = 0 for / = /„ as usual, but for the other, for which the longi¬ 
tudinal oscillations are more important than the transverse ones, n > 0 for 
/ = /„; hence plasma radiation originates and it can be emitted. 

(ii) Another successful attempt to explain how plasma oscillations in the 
absence of a magnetic field may lead to the emission of radiation is due to Field 2 . 
In an inhomogeneous medium plasma waves and radiation waves may be coupled 



Fig. 104. Observed profiles of radiopips at 150 cm (dots) compared with profiles computed on the basis of a type III 
mechanism (lines). The profile parameters a (MHz/sec) and T (10® °K) are specified by the numbers on each profile. 


because the longitudinal plasma waves are refracted by the density gradient, 
producing a bending of the lines of force and thus a curl. The amount of radia¬ 
tion thus emitted is sufficient to account for the observed intensities. Taka- 
kura 3 , discussing the case of inhomogeneities in a magnetic field showed that an 
extraordinary wave, emitted below the region n e = 0 is split at a discontinuity 
into an ordinary and an extraordinary ray (analogous to optical double refrac¬ 
tion). The ordinary ray component may subsequently be emitted. 

The next problem is that of the size l 0 of the oscillating gas masses: 

Upper limit. The bursts are excited in 0.1 sec; the excitation moves at a speed 
of 10 4 to 10 5 km/sec; then Z 0 sk 10 3 or 10 2 km. In that case the oscillation energy 
of the electrons must be small (?»10~ 6 ) as compared with the kinetic energy of 
the electrons, since otherwise the emitted energy of the bursts would be much 
greater than the observed values 4 . 

Lower limit. Assume that the electron cloud vibrates in a strictly ordered 
way 3 , then it must contain about 10 11 electrons in a sphere with a diameter of 
the order of 10 cm. 

If one assumes that Z 0 ^>10cm, then the kinetic energy of the electrons is 
greater than the oscillation energy. In that case (i) the emission pattern shows 
a Doppler widening along the frequency axis 4 . Assume further (ii) that the coronal 
density decreases monotonically outward; let (iii) the plasma be excited by an 
exciting front moving upward such that df 0 !dt=a (constant); / 0 is the plasma 

1 See footnote 1, p. 306. 

2 G.B. Field: Astrophys. Journ. 124, 555 (1956). 

3 T. Takakura: Publ. Astronom. Soc. Japan 8, 182 (1957). 

4 Cf. footnote 1, p. 304 . 
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frequency; assume (iv) that the excited elements decay according to exp (— Xt) 
where X is defined by the collision frequency of the gas: X = 4.2 X 10 3 N e TA 
cf. 1 ). Then the time profile is (cf. Fig. 104) 

I fe (t) = const e -;u [l ± 0{\ Y|)] (91-2) 

where 0 is the error function, Y= ~ and A is the Doppler width: 2.26 X 

10 5 /]/7\ The comparison of the observed profiles at 200 MHz with those cal¬ 
culated with (91-2) shows the best agreement for a values between 18 and 27 MHz 
per sec and for temperatures ranging from 2.6 x 10 6 °K to 7 0xl0 6 °K. The 
broadest and rare pips are emitted before flares and occur in regions with the 
highest temperatures; the a values are of the order 20 MHz/sec, of the same order 
as the value found observationally for type III bursts. 

d) Other non-thermal radiophenomena, often connected with flares. 

92. Description of radio-phenomena, connected with flares. There is a bewilder¬ 
ing diversity in the phenomena that may occur at the moment of flare-outbreak. 
At first sight the only possible inference seems to be that strong flares are often 
associated with the emission of radio-radiation; the observed intensities are as 
a rule greater when the flare is more important 2 . There seems to be only moderate 
correlation between radiobursts and flares if the time over which the statistics 
are taken is restricted to a few minutes around the beginning of the flare. 
However, Dodson, Hedeman and Owren 3 , discussing 200 MHz events occurring 
within half an hour of a flare’s commencement, found more correlation: at 
X = 150 cm, 78% of the flares correspond with radio-phenomena. At X = 10.7 cm 
distinctive events are associated with 57% of the observed flares and 19% of 
the subflares; each outstanding radio-event at 10.7 cm corresponds with a flare 4 . 
The radio-phenomena may differ from one case to another. At first Dodson 
et al. distinguished eleven different cases, but it appeared possible, as a working 
scheme, to draw a schematized picture of what an "ideal” flare would, or 
should do: 

On a slow record at metre waves, e.g. at 200 MHz (pen deflection time of about 
1 second), one would observe first a short but intense burst of radiation, lasting 
one to five minutes (Fig. 105). (Actually this happens in about one case in twenty.) 
After a. short decrease the radiation increases again, and often reaches a higher 
and longer lasting intensity. These two events are the first two phases of the 
outburst. The start of the first phase may coincide with the onset of the optical 
flare, the second phase may occur during the decreasing part of the light curve. 
When the optical flare has nearly ended, it may be followed by a noise storm 
consisting of a great number of storm bursts, and/or by an enhancement of the 
base level. (This latter event can sometimes be classified as a “type IV burst”.) 
Both may last for hours and sometimes for days, but in the latter case it seems 
uncertain whether the whole storm is still the consequence of the same flare. 

This is the ideal case, but it rarely occurs in this standard form. Actually 
one, two, or three of the described radio-phenomena may remain absent and 
sometimes even nothing happens, especially during the occurrence of weak 

1 J.C. Jaeger and K.C. Westfold: Austral. J. Sci. Res. A 2, 322 (1949). 

2 E.V. Appleton and J.S. Hey: Phil. Mag. 37, 73 (1946). 

3 H.W. Dodson, E.R. Hedeman and L. Owren: Astrophys. Jonrn. 118, 169 (1953). 

4 H.W. Dodson, E.R. Hedeman and A.E. Covington : Astrophys. Journ. 119, 541 

(1954). 
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flares. In a period when the Sun is rather flare-active, it often happens that the 
noise storms from various flares overlap, so that a flare may originate while a 
noise storm is in progress. 

Conversely, some of the radio-phenomena described above may occur, with¬ 
out flares being observed optically, but one is of course never wholly certain 
that flares did not actually occur. 

This complicated picture becomes simpler if one regards the radiospectrum 1 2 * 
at metre wavelengths at the moment of a flare (Fig. 106 ). This spectrum is 
obtained with a receiver which sweeps through the frequency range 100 to 600 MHz 



12.30 I2Ml 12.50 13.00 13.10 1320 

U.T. -- 

Fig. 105. Record of the outburst of August 31, 1956. The curves are labeled with the frequency (MHz). (Compilation 
made by A. D. Fokker, based mainly on observations at Nera, Holland and Humain, Belgium.) 

every half a second. Each spectrum consists of an intensity-modulated line. 
The successive spectra are photographed on a continuously moving film, showing 
the "dynamic spectra”. 

Such spectrographs are now (1958) in use at Sydney, Freiburg observatory (Germany), 
the Naval Research Laboratory (Washington), the Harvard Radio Astronomical Station 
(Fort Davies, Texas), the University of Michigan, the Crimean Observatory, the Tokyo 
Observatory. A "microspectrograph" is in use at the Dwingeloo Observatory (Holland) 
which obtains spectra in a narrow band (12 MHz around 330 MHz) but with a high time 
resolution ( 0.01 sec). 

Spectrographic observations of this kind show that the first part of an out¬ 
burst like the one shown in Fig. 105 often consists of a cluster of type III bursts; 
the second part consists of type II bursts (cf. Fig. 106). 

In Wild’s description 4 : "In its most complete form the outbursts in this 
frequency range (38 to 240 MHz) appear to consist of two discrete phases followed 
by prolonged storminess. The first phase starts near the very beginning of the 

1 Cf. J.P.Whd: Trans. Intemat. Astronom. Union 9, 661 (1957)- 

2 Cf. footnote 7 , p. 302 . 

Handbueh der Physik, Bd. LII. 
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optical flare and lasts for about one minute ... The onset of the second phase is 
heralded by the sudden appearance of one or more intense emission bands at a 
frequency of the order of lOOMc/s. These bands, which are sometimes super¬ 
posed on a diffuse background continuum, may be accompanied by their harmonics 
at double the frequency. With the passage of time they gradually drift in emission 
towards the lower frequencies—the ‘type II’ dynamic spectrum.” 



Fig. 106. The dynamic spectrum of the completely developed outburst of 9December, 1957. observed at frequencies between 
100 and 600 MHz, showing (a) at 15.15 UT a cluster of type 111 bursts; (b) between 15.16 and 15.20 UT two complex 
type II bands at the fundamental and second harmonic frequencies (e.g. at 15.17 A UT the maximum intensities are at 
210 and 420 MHz); the bands show a detailed microstnicture; (c) a type IV burs't starting at 15.18 UT. Its intensity 
increased in the following part of the spectrum (not shown here) and it lasted for 2$ hours. The cut-off of the type IV 
burst was between 330 and 370 MHz (not shown). The horizontal lines between 170 and 200 MHz and the short bars near 
120 MHz are caused by interference. Courtesy F. T. Haddock, University of Michigan. 


Of 308 flares, mostly microflares, observed 1 between November 1955 and 
July 1956, 71 (23%) were accompanied by type III events (within ±2 min of 
flare time) and two were accompanied by type 11 events. Reversely, during 
periods of optical observations, 204 type III events were recorded of w'hich 133 
(65%) occurred during flares (±2 min) and 3 type II events were observed, of 
which 2 accompanied flares. Furthermore, there are indications that the be¬ 
haviour of flares occurring within a particular centre of activity may depend 
on the activity centre itself. Some centres of activity appear to produce flares 
associated in all cases with type III events, and conversely. Flares occurring in 
other centres of activity show little or no correlation with radio-bursts. 

So, "nearly all activity on radio waves associated with flares large and small, 
consists, apart from subsequent storminess, either of a group of type III bursts 

1 R. E. Loughhead, J. A. Roberts and M.K. McCabe: Austral. J. Sci. Res. 10, 483 
(1957). 
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(common), or a type II burst (much rarer), or a compound burst in which the 
type II follows a type III group. That spaced single-frequency records often 
show effective simultaneity in the starts at different frequencies is readily under¬ 
stood because (1) type III groups can start simultaneously within a second or 
less over widely spaced frequencies, and (2) type II bursts frequently have com¬ 
plex spectra in which the drift can only be recognized when continuous spectra 
data are available” (Wild, private communication). 

The flares with associated outbursts on A =410 cm are asymmetrically distri¬ 
buted over the disk 1 , more occur at the east-half. This asymmetry is assumed 
to be due to particles expelled by the flare and absorbing non-isotropically 
because of the curved particle trajectories, due to the solar rotation. The differ¬ 
ence in optical depth, west compared with east, is of the order of 0.5 at A =4-1 m. 

A flare is a short-lived event in a Centre of Activity. Another category of 
short-lived transients in a CA are the active prominences, but except for the very 
high-velocity ejections, observed in the early stages of some limb flares, there 
is only in some cases (spot-groups with looped prominences and downward 
streaming) a correlation between prominence activity and radio-events (cf. 2 7 ). 

93. Spectra and polarization of outbursts and type II bursts. Outbursts were 
discovered on monochromatic records as occasional and sudden large increases 
of the solar radio flux. The radiation may increase a thousandfold (depending 
on the wavelength), the period of enhancement may last for some to tens of 
minutes, or more. The radiation of an outburst has been claimed to be unpolarized, 
but this is certainly not always so. As a rule, the first part of an outburst (type II 
burst) may show only slight or random polarization, but the storm part is often 
wholly (circularly) polarized in one sense (Fig. 107). 

Outbursts have been reported at frequencies as low as 9-2 MHz (Shain) 
and as high as 35000 MHz (Hagen and Hepburn 8 ), hence at wavelengths from 
0.85 cm to 33 m, but they do not always occur at all frequencies. They occur 
more often, are intenser and last longer at metre wavelengths than at shorter 
wavelengths. In the centimetre wave region they are virtually only observed 
when a flare or subflare is in progress®. Fig. 108 shows the peak intensities of 
the largest outbursts on record. This curve should not be confused with the 
"spectrum” of an outburst. Unsold 10 has drawn attention to the similarity 
between this curve and that of the radiospectrum of the bright radiopoint sources 
and has suggested that both kinds of radiation might have a similar origin. 
Near 10 m, equivalent disk temperatures of 10 12 °K may be reached, and since 
the radiating area is surely smaller than 0.01 of the disk, the radiation tempera¬ 
ture must in that case be higher than 10 14 °K. Hence the radiation cannot be of 
thermal origin. 

Slow records show big intensity fluctuations (Fig. 105) and a comparison of 
records, made on neighbouring frequencies, shows how the detailed aspect rapidly 
changes with frequency. 

1 J.S. Hey and V.A. Hughes: Monthly Notices Roy. Astronom. Soc. London 115, 605 
(1956). 

2 A. K. Das and K. Sethumadhavan: Nature, Lond. 172, 446 (1953)- 

3 H.W. Dodson and R. Donselman: Astrophys. Joum. 113. 519 (1951)- 

4 O. E.H. Rydbeck: Convcgno Volta 11, 290 (1953) - 

5 J.P. Wild and H. Zirin: Austral. J. Phys. 9, 315 (1956). 

* S. Rosseland and E. Tandberg-Hansen: Astrophys. Norv. 5, 279 (1957)- 

7 Cf. footnote 5 , p. 212 . 

8 Cf. J.P. Wild: Vistas in Astronomy 1. 573 (1957)- With list of references. 

8 Cf. footnote 4, p. 308. 

10 A. Unsold: Z. Astrophys. 26, 176 (1949). 
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In Sect. 92 it was shown that fully developed outbursts start with type III 
bursts which precede the (rare) type II bursts. The type III bursts were de¬ 
scribed in subdivision c. The spectra of type II bursts show three characteristic 
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features: (1) the wavelength drift, (2) the occurrence of the fundamental mode 
(frequency /) together with the first overtone (frequency 2 /), (3) the cut-off at 
lower frequencies. 

(1): The wavelength drift has been studied for a small number of outbursts 
leading to dfjdt = — 0.22 MHz/sec, with relatively small scatter. The correspond¬ 
ing velocities are in the range 300 to 
700 km/sec (cf. Fig. 102, Sect. 89). In one 
well-studied case the velocity remained 
virtually constant, equal to 475 km/sec be¬ 
tween heights of 0.5 X10® and 5 x 10® km 1 . 

These velocities were computed assuming 
the density distribution of the quiet corona. 

The active corona, however, has about twice 
or more that density (Sect. 79) so that the 
true velocities are also greater than the 
initially given values. This could be confir¬ 
med both by direct optical observations 
(cf. footnote 5, p. 212) and by interfero¬ 
metry (footnote 2, p. 303). thus confirm¬ 
ing Wild’s 2 suggestion to associate this 
velocity with that of the particles produc¬ 
ing intense magnetic storms 3 . 

When the first and second phases of 
the outburst are present (Fig. 109). the 
phenomenon can be explained fairly simply 
(Wild 2 ) in terms of the ejection of mat¬ 
ter at two different velocities from a 
common explosion near the transition region chromosphere-corona. In an alter¬ 
native explanation (Takakura 4 ) the frequency drift is attributed to the de¬ 
crease of density at the front of an expanding gas cloud. 



Fig. 109 . Explanation of the two phases of an outburst in terms of an outbreak from one common height. In each case 
the black dot indicates the time and height of a hypothetical initiating "explosion*’. Courtesy R. P. Wild, Sydney. 
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Fig. 108 . Tentative spectra of the peak intensities 
of outburst (type II burst ) and of stormbursts 
(type I bursts) as compared with the spectrum 
of the quiet Sun. Slightly changed, after a com¬ 
pilation by R. Coutrez (Radio astronomie). 


(2) and (3): Approximately 60% of the type II bursts show the two har¬ 
monics 3 . The first overtone has about the same intensity as the fundamental 
mode, and has about the same relative spectral intensity distribution (the 

1 Cf. footnote 6 . p. 302. 

3 Cf. footnote 7 , p. 302 . 

3 J.A. Roberts: In 1958 (Paris) Symposium on Radio astronomy (1959). 

4 T. Takakura: Proc. Astr. Soc. Japan 6, 185 (1954). 
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wavelength scale being of course twice that of the fundamental mode). The 
frequency ratio is not exactly equal to 2 but somewhat smaller (1.90 to 1.99). 
This can be explained, in a similar manner as for the type III bursts, by the 
assumption that the amount of transmitted radiation is much greater at the 
frequency 2/ than at /. 

The remarkable splitting of each of the two outburst components, which is 
sometimes observed (see Fig. 109) has tentatively been ascribed by Wild 1 to 
the influence of the spiral motion of the electrons in a magnetic field. The 
distance between the two components might be put equal to 2/#, where /// 


no member 21.1952 november 22,1952 



is the gyro frequency 2.80 H (MHz) (see definition in Sect. 82). The observed 
splitting distances would thus be due to a field of 2 to 6 Gauss, a reasonable 
value for an average type of activity centre. 

The dynamic spectra show what happens in the metre range. In the decimetre 
range our information still only relies on observations at discrete frequencies. 
Dodson et al . 2 found that in some particular cases the fully developed two-branch 
type II burst, when combined with observations at other frequencies, indicates 
that the first radio-emission takes place at frequencies near 500 to 1000 MHz, 
followed by emissions at shorter and longer wavelengths (Fig. 110). This observa¬ 
tion qualitatively agrees with a finding of Davies 3 who, from a statistical investi¬ 
gation of observations made at seven frequencies between 60 and 10000 MHz, 
concluded that in an average case—there are many exceptions, and the con¬ 
clusion is only statistically correct—bursts come first at 3000 MHz, A = 10 cm, 
leading to the postulate of a simultaneous up and downward motion of the excita¬ 
tion, starting from a region somewhere in the top part of the chromosphere. This 

1 J.P. Wild : Austral. J. Sci. Res. A 3, 399 (1950). 

2 H.W. Dodson: In Radio astronomy. I.A.U. symposium No. 4, 327. 1957- 

3 R.D. Davies: Monthly Notices Roy. Astronom. Soc. London 114, 74 (1954). 





Sect. 94. 


The noise storms; type I (or polarized) bursts. 


315 


result should be compared with what is known about flares; these too are upper 
chromospheric phenomena, often occurring in the low corona, leaving unaffected 
the lower lying photospheric layers (the weak and medium strong photospheric 
lines are not influenced by flares). 

94. The noise storms ; type I (or polarized) bursts. A noise storm occurs 
mainly in the range of metre waves. It may last for hours or even for days and it 
consists of numerous stormbursts of spectral type I, of greatly varying intensity 
and all of short duration (< 1 sec), often occurring in so great a number that they 
overlap, thereby producing an extremely complicated intensity pattern, in which 
an enhancement of the base level is often suggested by the accumulation of bursts. 
On the other hand there is a loose correlation between noise storms and enhance¬ 
ments of the base level. Both may occur during the second phase of a flare or 
after its disappearance, but correlation with flares or outbursts is not clear in 
all cases. This is partly due to the fact that the noise storms may last for so long 
a time that the connection with one particular flare is difficult to trace when more 
than one flare originates during the lifetime of a noise storm. 

A peculiar type of "noise storm” was observed 1 on 4 November 1957; at 
200 MHz it consisted of an enhancement of the base level up to 900 times the 
quiet Sun level showing short periodic intensity fluctuations, period 0.2 to 0-3 sec, 
somewhat resembling ionospheric scintillation of point sources. 

In this section we discuss; (a) the duration and intensities of the bursts, 
(l3) the relation between noise storms and enhanced radiation, (y) the structure 
of the storms, (<5) the spectra, (e) the polarization, (£) the correlation with sun¬ 
spots and other disk phenomena and (rj) the centre-limb variation. 

cl) Duration and intensity of bursts. The duration of the stormbursts, as deter¬ 
mined with the aid of high speed recorder pens (deflection time smaller than 
0.05 sec) is short. At 164 MHz their lifetime is of the order of 0.2 sec 2 . At 200MHz 
(150 cm) they have a half-width of 0.4 3 to 0-3 sec 4 . There does not seem to be 
an appreciable difference in form between the stormbursts and the other bursts 
observed at that wavelength (cf. Sect. 89), yet the stormbursts may have the 
shortest lifetimes. At 400 MHz (75 cm) the half-width of the (rare) stormbursts 
is of the order of 0.2 sec 5 . 

The distribution of top intensities of the bursts is roughly exponential 8 with 


at 200 MHz 


N = Const x exp (a A?) 


(94.1) 


where N is the number of pips with fluxes between A and A +0.25 X10 -22 W m -2 
Hz -1 . The constant C is a measure for the “activity” of the noise storm. The 
values of a range between 0.8 and 0.9; those of fi between 0.75 and O. 85 . 

P) Relation between noise storms and enhanced radiation. Whether or not the 
enhanced radiation is due to accumulation of many stormbursts has been a matter 
of controversy since the first years of solar radio astronomy, but high speed records 
show that, as a rule, the enhanced radiation (the so-called “type I continuum”) 
is not due to an accumulation of individual pips (Fig. 111). That the reverse 
case can also occur, was claimed by Blum 2 et al. ; Fokker and Roosen 7 , investigat- 


1 Staff of I.R.A. section of the Neth. Telecommunications Services. Nature, Lond. 
181, 542 (1958). 

2 E. J. Blum, J.F. Denisse and J.L. Steinberg: C. R. Acad. Sci., Paris 232, 387 (1951). 

3 Cf. footnote 1 , p. 304. 

4 O. Elgaroy: Nature, Lond. 180, 862 (1957). 

5 T. de Groot: Nature, Lond. 180, 382 (1957). 

6 O. Hauge: Astrophys. Norv. 5, 227 (1956). 

7 A.D. Fokker and J. Roosen: Ionosphere and Radio Astr. Section Netherl. P.T.T. 
report 12 ( 1957 ). 
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ing high-speed records (1 = 150 cm}, found that the pip density during noise 
storms is so high that the observed intensity fluctuations are superpositions of 
a great number of elementary pips. (The term “pip” introduced by Reber is 
used to denote the short-lived peaks that form the fundamental emission event 
in solar radioastronomy; the bursts are often complexes of pips.) Similar results 
were obtained by Vitkevitch 1 . 

Spectral observations often show the (true) continuum to extend over a fairly 
broad band (several tens of MHz), often providing the background for the storm- 
bursts. 



Fig. Ilia and b. Two cases of an enhancement of the base level, most probably not being due to accumulation of many 
small bursts. The quiet Sun level (dashed) is far below the actual intensity level. Wavelength 150 cm; the pen deflection 
time was 0*02. (a) 10 November, 1956; 10.55 UT; also showing a group of “isolated” bursts, (b) 3 August, 1956; 11.51 UT; 
showing variability of the base level. Courtesy A. D. Fokker; Nera Observatory Holland. 


These results all refer to well developed noise storms. For the weak storms, 
being a transition phenomenon between the quiet Sun and the developed noise 
storms, there seems to be hardly any correlation between the activity constant C 
of formula (94.1) and the mean height B of the base level 2 if the base level intensity 
B is smaller than 10 21 W m~ 2 Hz 1 ; above that value C seems to increase but 
slightly with increasing B. Also Fokker 3 has found only a slight correlation 
between the background level and the stormburst intensity. 

y) The structure of a noise storm is by no means homogeneous. Weak or mode¬ 
rate storms consist of short-lived groups (lifetimes of the order of five to ten 
seconds at 200 MHz 2 ; 6 sec at 169 MHz 4 ). In turn these groups are not wholly 
independent of each other but cluster together into groups with a lifetime of the 
order of 10 or 20 minutes 2 . The detailed structure of intense storms is much more 
difficult to investigate, also because the individual pips cannot be distinguished. 

d) The spectra. The overall spectrum of noise storms and enhanced radiation 
was determined by Denisse 5 from a preliminary compilation of storm observa- 

1 V.V. Vitkevitch: Radio astronomy. I.A.U. symposium No. 4, p. 363, 1957. — Dokl. 
Akad. Nauk. SSSR. 101, 229 (1955). 

2 Cf. footnote 1 , p. 304. 

3 A.D. Fokker: Ionosphere and Radio Astr. Section Netherl. P.T.T. report 5 (1954). 

4 Cf. footnote 2 , p. 315 . 

5 J.F. Denisse: Ann. d’Astrophys. 13, 181 (1950). 







Sect. 94. 


The noise storms; type I (or polarized) bursts. 


317 


tions at various wavelengths. The ob¬ 
servations can be represented by 

(/in MHz). (94.2) 

Another, more modem spectrum, com¬ 
posed by Coutrez 1 , is represented in 
Fig. 108. 

The detailed analysis of the metre 
wave spectrum, by the Australian dy¬ 
namic spectrograph, has revealed that 
the individual bursts are nearly mono¬ 
chromatic; their halfwidth Af, meas¬ 
ured at about 100 MHz is 4 MHz. At 
160 MHz, Af fa 5 MHz 2 . At 200 MHz 
V itkevitch 2 found a spectral band¬ 
width of 6 and 11 MHz for peaks of 
small and great amplitude respectively. 
Other observations by the same author 
yielded 4 to 7 MHz. At the same fre¬ 
quency de Jager and van’t Veer 3 
found Af=6 MHz. Fokker (private 
comm.) found at 200 MHz: Af = 
4 to 6 MHz. At 400 MHz, Af as measured 
by de Groot 4 is 7 MHz. If this widen¬ 
ing is interpreted as due to Doppler 
widening 3 , these observations yield 
electron temperatures of 1.7xl0 6 °K 
(100 MHz), 1.05X10® °K (160 MHz), 
0.43X10® to 3.2X10® °K (200 MHz), 
and 3.4X10 5 °K (400 MHz), all reason¬ 
able values for the corona. 

The Australian spectra show that big 
stormbursts are as a rule stationary (no 
frequency shift). This was confirmed 
for weak bursts by de Jager and 
van ’t Veer 3 , who could not find a 
systematic time difference between 
peaks recorded simultaneously at 200 
and 205 MHz and by de Groot 4 (394 
to 406 MHz). 

It often appears that the stormbursts 
cluster in a restricted but variable spec¬ 
tral frequency range 5 . This effect may 
sometimes be so pronounced that a 
noise storm is observed at one frequen¬ 
cy, whereas at a neighbouring frequency, 

1 R. Coutrez: Radio Astronomie 1957 . 

2 Cf. footnote 1 , p. 316. 

3 Cf. footnote 1 , p. 304. 

4 T. de Groot: In 1958 (Paris) Sym¬ 
posium on Radio astronomy (1959). 

5 J.P. Wild: Trans. Internal. Astronom. 
Union 9, 661 (1957)- 



Fig. 112. Noise storm at 200 MHz showing nearly completely righthanded circular polarization. Courtesy A. D. Fokker Nera, Observatory, Holland. 
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differing by 20 MHz or so, one does not observe any appreciable storm'. In 
the dynamic spectra one observes how the stormbursts fill up small bands in 
the spectrum which, however, may drift with a rate of 0.1 to 0.2 MHz sec -1 , 
corresponding with an upward velocity of 100 km/sec. Occasionally also down¬ 
ward movements are observed. 

s) The polarization. The stormbursts and the enhanced continuum are often 
elliptically or circularly polarized. As a rule the sense of polarization of bursts 
and continuum is equal, but the often quoted statement that both are 100% 
x/0 " 22 0/55 0155 0157 U.7. 



100% right handed circular 

Fig. 113. Polarization of stormbursts measured June 29, 1957 at 200 MHz at Tokyo Observatory. From top to bottom 
records (1), (2), (5) and (6) show the intensities of four linear components, (1) in the direction NS, (2) in the direction EW, 
(6) between them at 45°, and (5) perpendicular to (6). The records (3) and (4) show the intensities of the R and L circular 
components. Cf. T. Hatanaka, S. Suzuki and A. Tsuchiya: Publ. Astr. Soc. Japan 7, 114 (1955). 


polarized, is not always confirmed. In broad lines stormbursts, produced by a 
spot-group with a preceding N polarity spot, are left-handed polarized, reversely 
for a S polarity preceding spot-group. So the polarization seems connected with 
the magnetic field of the spots, or of the BM regions, of which it is known that 
they follow the same polarity rules as the spots. As a rule, therefore, the sense of 
polarization of a noise storm does not change during the passage of the storm 
over the disk. (According to the usual radio-astronomical definition, a ray is 
right-handed circularly polarized when the electric vector turns clockwise for 
an observer looking into the direction of propagation. The above conclusion 
shows that we are generally dealing with the ordinary ray.) 

The above rule, however, is valid only in broad lines; many exceptions occur. 
It may happen that the sense of polarization of a source suddenly changes 2 . 
A possible interpretation is that the major region of emission of the stormbursts 
migrates from above the leading spot to above the following spot. 

1 E. J. Blum and J.F. Denisse: C. R. Acad. Sci., Paris 231, 1214 (1950). 

2 A. D. I'okker: Paper at Symposion on Radionavigation, Ionospheric Research, Radio 
astronomy, Essen 1957 . 
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A very detailed analysis of the polarization of stormbursts was made by 
Hatanaka, Suzuki and Tsuchiya 1 , who measured six components of the polari¬ 
zation-two circular and four linear (Fig. 113)- Four components are sufficient 
for a complete determination of the sense and direction of the polarization. 
[Similar equipments were developed at Cornell (USA) 2 and at Nera observatory 
(Holland).] ft was found that type I bursts are partly elliptically, partly random¬ 
ly polarized. On most days the degree of polarization exceeds 90%, but the ellip- 
ticity may vary from about 100% (i.e. circular polarization) when the emitting 
source is near the disk centre, to 10% (nearly linear polarization) when the source 
is close to the limb. 

The ellipticity, the degree of polarization and the tilt angle usually do not 
change considerably on the same day. The tilt angle changes from day to day, 
but this effect may be due to the Faraday effect of the Earth’s ionosphere. Also 
the corona produces a certain Faraday rotation, dependent on the frequency. 
Furthermore, an instrumental depolarization is caused by the dispersion of ellipse 
orientation angles due to differential Faraday rotation within the pass band of 
the receiver. Hence the ellipticity and the tilt of the polarization ellipse cannot 
give direct information on the solar emission mechanism. 

£) Correlation with sunspots and. other disk phenomena. The noise storm emis¬ 
sion comes from the neighbourhood of large sunspot groups 3 , hence from centres 
of activity in their first (active) phase, the height of the source being 0.3 to 1.0 Rq 
above the photosphere. 

Statistically, noise storms at metre wavelengths are not so much associated 
with the total area of the spot group, but rather with the area of the largest 
spot of the group: if the latter is of the order of 300 X 10” 6 of the Sun’s disk 
(H 0 1 500 Gauss) short-lived storms occur at 200 MHz. At 97 MHz the treshold 
value is about 2800 Gauss 3 and 400XlCT 6 visible disk. During the minimum 
year 1954 —when the mutual relations were easy to trace—enhanced 200 MHz 
radiation was emitted from all regions in which flares occurred and from all 
regions with spot areas S: 170x10” 6 of the visible hemisphere and magnetic 
fields 22 1300 Gauss. On the other hand there were relatively large, bright faculae 
and regions with relatively strong 5303 A coronal emission which produced no 
noise storms when passing over the disk 4 . Great noise storms occur only if 
the largest spot has an area exceeding 400 to 500X10” 6 of the disk. Fokker 5 
found that the noise storms are mainly emitted by D, E, F and G spots. Accord¬ 
ing to Simon 6 the F spots have the greatest probability to emit noise storms, 
although the spots with the most important flares or those with many flares are 
not necessarily those producing the strongest noise. Denisse 7 and Barabashev 
and Gordon 8 showed that the greatest number of bursts at metre waves occurs 
at moments of maximum variation of the spot areas, just as for the flares. It 
is important in this connection, that all storms seem to be preceded by an out¬ 
burst (Hatanaka and Moriyama 9 ; Owren 10 ). Hence both storms and flares 
may be connected with induction phenomena in the field of the spots. This is 

1 T. Hatanaka, S. Suzuki and A. Tsuchiya: Publ. Astr. Soc. Japan 7, 114 (1955)- 

2 M.H. Cohen: Cornell research report E E 278, 1957- 

3 R. Payne-Scott and A. G. Little: Austral. J. Phys. A 4 , 508 (1951)- 

4 H.W. Dodson and F.R. Hedeman: Astrophys. Journ. 125 , 827 (1957)- 

5 A.D. Fokker: Document for comm. 5. URSI meeting Boulder 1957. 

6 P. Simon, in: Radio Astronomy. I.A.U. colloquium No. 4, p. 334, 1957- 

7 J.F. Denisse: C. R. Acad. Sci., Paris 228 , 1571 (1949)• 

8 N. P. Barabashev and I. M. Gordon: Dokl. Akad. Nauk Ukraina 1, 6 (1954). 

9 T. Hatanaka and F. Moriyama: Tokyo Astr. Obs. Reprint 99 (1952). 

10 L. Owren: Radioastr. Report Cornell 15 (1954). 
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confirmed by Severny 1 , who finds that radiobursts at 50 cm not only cor¬ 
respond with flares but also with rapid motions of prominences in the fields of 
spots and with other rapid processes in active regions. Wild and Zirin 2 found 
that radio-noise is mainly emitted by activity centres containing looped and 
downward streaming prominences, whereas Dodson 3 once noticed the relation 
between a 200 MHz burst and the appearance of an active dark flocculus. The 
source of a noise storm can be small, but it is enlarged by coronal scattering 4 . 

7 ]) The center-limb variation of the enhanced radiation or of the noise storms 
has been investigated by various authors. Statistical methods yielded conflict¬ 
ing results. The initial opinion that the emission cone of the radiation is sharp 
and increases for increasing frequencies has not been confirmed by later investiga¬ 
tions. Indeed, interferometric observations have shown that noise-active centres 
may also occur close to the Sun’s limb; an interferometric investigation of the 
distribution of radio-noise active spots 5 (255 MHz) shows that there is hardly 
any pronounced centre-limb effect, although in some cases the noise storm 
emission ceases before the corresponding activity centre has reached the Sun’s 
limb (disappearance of the source behind the plane of total reflex). 

Other interferometric observations 6 ’ B ’ 7 showed that low-frequency stormbursts 
originate from higher levels than high-frequency radiation. 

95. The type IV and type V phenomena; tangential motions of sources. In a 
number of cases outbursts are accompanied or followed by an enhancement 
of the base level at metre waves; sometimes this enhancement may attain 
considerable values, with apparent temperatures up to 10 10 and 10 12 °K. Boischot 8 
has shown that some of these enhancements have particular properties. They 
were called type IV bursts: 

(a) Type IV bursts always occur after a flare; the intensity increases during 
20 to 40 min, it decreases slower (one or some hours); there is no clear correlation 
with the flare intensity. 

(b) The radiation is circularly polarized. 

(c) Spectrographic observations show that the enhanced emission is remark¬ 
ably stable and does not present type I bursts. The spectra are continuous and 
occur in the frequency range 100 to 600 MHz, with a cut-off at the side of lower 
frequencies (cf. Fig. 106). 

(d) Source diameters up to 150000 and 350000 km have been measured. 

(e) The emission centres often show tangential motions. Observations of 
type IV bursts emitted after limb flares show that these extended sources attain 
maximum heights ranging between 0.3 and 4 or S H above the photosphere. 

Tangential motions of sources have been measured soon after the introduction 
of the interferometer technique. Since most interferometers consist of a one- 
dinfiensional aerial, only one of the motion components is traced. Moreover 
outbursts may last shorter than the time necessary to pass through one fringe 
of the interferometer pattern. This difficulty was overcome by Little and 

1 A.B. Severny: Isw. Krymsk. Astrophys. Obs. 15, 111 (1955)- 

2 J.P. Wild and H. Zirin: Austral. J. Phys. 9, 315 (1956). 

3 H.W. Dodson: McMath-Hulburt Obs. reprint 41 (1955)- 

4 J.A. Hogbom: In 1958 (Paris) Symposium on Radio-Astronomy (1959). 

5 A. D. Fokker: Ionosphere and Radio Astron. Section, Netherl. P.T.T. report 12 (1957). 

6 Cf. footnote 10, p. 319- 

7 Y. Avignon, E. J. Blum, A. Boischot, R. Charvin, M. Ginat and P. Simon: C. R. 
Acad. Sci., Paris 244, 1460 (1957)- 

8 A. Boischot: C. R. Acad. Sci., Paris 244, 1326 (1957)- 
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Payne-Scott 1 with an interferometer at 97 MHz of which the fringe pattern 
was artificially swept over the Sun’s disk at a rate of 15 times per second (the 
“swept lobe” interferometer). 

The tangential displacements, if assumed to be due to radially ejected matter, 
usually 2 lead to outward velocities between 400 and 7000 km/sec (normal range 
500 to 3000 km/sec). The sources start at or above the zero refractive index 
level and, when moving upward, may eventually reach a height of 2 R Q . 

Greater velocities are sometimes reported. Interferometric observations of 
a source at 26 July 1956 by Fokker 3 , showed how a source initially situated near 
the disk’s centre, displaced over the disk to close to the limb in three minutes 
time. If this is the projection of a radial motion, the upward velocity would be 
8500 km/sec, but also in this case the source stopped abruptly at the end of its 
activity. Some other cases of source mo¬ 
tions have been listed by Boischot 4 . 

In some cases drifts are reported that 
apparently cannot be reconciled with radial 
motion, e.g. a source moving from the limb 
towards the disk centre 3 . Wild 5 suggested 
that in such a case one is observing the 
image of the source, reflected against the 
nearly globular Sun, which acts like a con¬ 
vex mirror. By some reason the source itself 
should not be observed (anisotropic emission 
towards the Sun?). In another case 3 a sour¬ 
ce appeared to move at nearly constant 
height above the photosphere, travelling 
over an angle of 40° in 2.5 minutes. 

Boischop and Denisse 6 have shown 
that the emission of the type IV bursts 
cannot be explained by plasma oscillations (at the coronal heights of several solar 
radii plasma oscillations would correspond with frequencies much lower than 
169 MHz), but the energy 

P = 6 X 10 -27 H 2 (Gauss) £ 2 (eV) 

emitted by synchotron radiation of relativistic electrons with energy E at the 
frequency f — i.6xi0~ s HE 2 , can explain the observed emission (P 1 O ' 19 W mr 2 
Hz 4 ) by taking N e = 4xl0 32 , E ~3 MeV, H = 1 Gauss. Also the observed dura¬ 
tion of the type IV bursts (ssl h ) is of the same order as the mean free lifetime 
(3 X 10 4 sec) of electrons of 3 MeV in a region with an electron density of 2 X 10 8 cnr 3 . 
Takakura 7 advocates a field of the order of 200 Gauss; his argument being that 
the sharp cut-off at low frequencies should occur at the gyrofrequency, where 
resonance absorption is very strong. 

Therefore, the type IV bursts show, consistently with optical coronal observa¬ 
tions, that some time after flares a higher lying coronal region can be excited to 
high temperatures. It is most probably these regions that are responsible for the 

1 A. G. Little and R. Payne-Scott: Austral. J. Sci. Res. A 4, 489 (1951)- 

2 R. Payne-Scott and A. G. Little: Austral. J. Sci. Res. A 5, 32 (1952). 

3 A.D. Fokker: Ionosphere and Radio Astron. Section, Netherl. P.T.T. report 12 (1957)- 

4 H. Boischot: C. R. Acad. Sci., Paris 244, 1326 (1957)- 

5 Cf. footnote 8, p. 311. 

6 A. Boischot and J.F. Denisse: C. R. Acad. Sci., Paris 245, 2194 (1957)- 

7 T. Takakura: Comm, at Paris 1 958 Radio astronomy symposium (1959)- 

Handbuch der Physik, Bd. LII. 21 



Fig. 114. Suggested relation between a flare 
and the corresponding type II and type IV 
radiobursts, after Boischot and Denisse. 
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emission of the type IV bursts, and perhaps also of the cosmic ray particles 
which (as is known) also reach the Earth some 15 min to 1.5 hour after a flare. 

Finally a remark on the type V phenomena : these show some similarity to 
type IV bursts. Type V bursts occur together with or shortly after type III 
bursts; they last for 0.5 to 3 minutes and reach great intensities, up to 10“ 18 
watt, m -2 Hz -1 . The bandwidth is some tens of MHz, with /< 100 MHz. Inter¬ 
ferometric observations show type V bursts to have a proper motion of about 
3000 km/sec (Wild et al., footnote 2, p. 303 ). 

D. Solar rotation and the solar cycle, 

a) The solar cycle. 

96. The Wolf number and the 11-year period. The numbers and areas of the 
spots and the spot groups vary from day to day. A useful quantity to measure 
the sunspot activity is the Wolf number (sunspot number): 

R=K{\0g+f), 

where / is the number of spots on the visible hemisphere, and g is the number of 
spot groups. K is an adaptation coefficient to reduce the A values to those derived 
for the Fraunhofer refractor with 8 cm aperture and magnification 64 X with 
which Wolf’s original countings were made in 1849- For this instrument, still 
in use at the Eidgenossische Sternwarte in Zurich, K = 1 . If there is only one 
spot on the Sun, then R = 11 K. Since all efforts should be made to keep the 
long series of observations as homogeneous as possible, K is determined for each 
observer by comparing a long series of observations with the standard observa¬ 
tions made in Zurich. Great variations may occur when comparing simultaneous 
observations made at various observatories; the seeing is an important factor. 
The probable error of one R determination is about 15%; that of a monthly 
mean is 3 to 5 % • 

The sunspot numbers R are published among others in the " Astronomische 
Mitteilungen der Eidgenossischen Sternwarte Zurich” and in the "Quarterly 
Bulletin on Solar Activity”. Independent R determinations by the Solar Divi¬ 
sion of the A.A.V.S.O. (U.S.A.), published in “ Sky and Telescope" and in “ Solar- 
Geophysical Data” initially disagreed with the Zurich determinations for great 
R values. Presently the agreement seems to be better. Since 1950 the U.S. 
Naval Observatory publishes in its Circulars daily position areas, counts of spots 
and sunspot numbers R, as determined at this observatory. For 1956 e.g. the 
American mean monthly I?-values are by about 6 ±4% greater than the Zurich 
values, the largest differences occurring for the smallest A-values. For that year 
the annual mean values were 152 (U.S.) and 142 (Zurich). 

At some observatories spot areas are measured (Greenwich since-1874, colla¬ 
borating with Kodaikanal and Cape Town). It is true that the area might be 
in some respects a better measure for the solar activity than the Wolf number 
in which small and large spots are counted in the same way, but the area deter¬ 
mination requires a great amount of labour. Statistically there appears to be a 
correlation between the spot area A (in 10 -6 of the visible hemisphere) and the 
spot number A; for 1878 to 1953: A = 16.1 A; there is a great scatter in the 
values of A/A 1 . 


1 W. Gleissberg: Naturwiss. 43, 196 (1955)- 



Sect. 96. 


The Wolf number and the 11-year period. 


323 



Fig. 115. Daily sunspot numbers for the maximum years 1946 to 1948 and the minimum years 1953 to 1955, taken from 
Waldmeier’s annual reports on the solar activity (Astron. Mitt. Eidgen. Stemwarte Zurich). Each tenth solar rotation 
number is indicated along the upper side of the diagrams. The ordinates give the sunspot numbers. 


21* 
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There are some defects to the Wolf number as it is defined and used: 

(1) It does not measure the activity of the whole Sun, since it does not account 
for the spots at the invisible hemisphere, and in this way the 27-day period 
(= the average synodic rotation period), important to geophysicists but less to 
astrophysicists is introduced (Fig. 115). This effect can be eliminated by deter¬ 
mining R for the whole Sun by extrapolating the development of spot groups 
to the invisible side 1 . 



Fig. 116. The visibility of sunspots. Abscissa: the heliocentric angle Ordinate: the numbers of spots in groups which 
at central disk passage contained the numbers of spots found at the intersection of the solid lines with the ordinate axis. 
M. Roggenhausen: Z. Astrophys. 30, 249 (1952). 


(2) In determining the Wolf number the counting results are not corrected for 
the difference in visibility of spots near the centre and limb of the Sun. The 
visibility of a spot should be proportional to cos & if the spots were flat structures 
on the disk {& is the heliocentric angle), but, as it appears from a statistical ana¬ 
lysis, it is proportional to cos ■& (1 — /x tan d) where /x depends on the size of the 
spot; the average value is 0.075 (see also Fig. 116). The specific form of these 
visibility curves was suggested to be due to a ring of (elevated) faculae surround¬ 
ing the spot 2 3 . 

(3) The areas of chromospheric faculae correlate better with other signs of 
solar activity (coronal line emission; radio-radiation at decimetre waves; iono¬ 
spheric observations) than sunspots do. 

1 U. Becker and K. O. Kiepenheuer: Z. Astrophys. 33, 132 ( 1953 ). 

2 M. Hotinli: Publ. Istanbul Univ. Obs. 42 (1951); 56 (1955). — Ann. d’Astrophys. 20, 
45 (1957)- 
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The periodicity in the number of spots on the disk was discovered in 1843 
by Schwabe after 20 years of observations. The period, 11.0 years, was later 
determined by Wolf, who started systematic sunspot observations. With the 
aid of scattered observations since the discovery of the telescope, the sunspot 
activity can be traced back till 1610 (see Fig. 117). The sunspot curve is by no 
means a regular, strictly periodic curve. High and low maxima occur, often 
alternately, and also the time intervals from minimum to minimum or from 
maximum to maximum spread around 11 years. 

Superimposed on the slow changes, the spot number may vary enormously 
in the course of only two weeks (Fig. 115)- In this short-periodic variation the 
27-day average synodic period of solar rotation can often be found back over a 
longer interval of time than the average lifetime of the spots, indicating that 



Fig. 117. Annual mean sunspot numbers for 1749 to 1957; for 1609 to 1749 only the epochs of maxima and minima and 
the approximate maximum sunspot numbers are known. The highest maximum since 1610 occurred in 1957* (See M. 
Waldmeier: Ergebnisse und Probleme der Sonnenforschung, 2nd ed., p. 1 51. Leipzig 1955. Additional i?-values for 
1954 onward are taken from the annual Zurich reports.) 


spots and centres of activity seem preferentially to be formed at certain disk 
regions. Wolfer 1 found two such longitudes in the Sun from 1887 until the 
sunspot minimum of 1889, but the imperfect knowledge of the solar rotation 
period (already mentioned by Wolfer) makes it questionable whether these 
seats of spot formation were real: an error of O'M per day makes 75° in the two 
years lifetime of Wolfer’s seat. Indeed, U. Becker 2 , studying the spot-groups 
occurring between 1880 and 1940 found 46 seats of spot formation with life¬ 
times up to 21 rotations with an average value of perhaps ten rotations. The 
solar rotational velocity deduced from these seats turns out to be 0?1 per day 
faster (for 0°< | b\ <25°) than the velocity deduced from long lived sunspots. 

The prediction of the future development of the /^-function has often been 
attempted, but extrapolations by means of a Fourier analysis of the A-curve 
failed, probably because the curve cannot be considered as a superposition of 
strictly periodic functions. Progress was made when Waldmeier introduced 
his “eruption hypothesis” (1935) 3 , according to which the length and character 
of each cycle from minimum to minimum is independent of the others. A new 
cycle starts already when the old cycle is still decaying, a fact that is clear from 
the laws on the latitude variation of the spots (Fig. 119 in Sect. 97 ). So, each 
cycle, defined by its number in the Zurich standard numbering (cf. Fig. 117) 
must be treated separately; it has its own character, defined by parameters such as: 


1 A. Wolfer: Mem. Soc. Spettr. Ital. 29, 152 (1901). 

2 U. Becker: Z. Astrophys. 37, 47 (1955). 

3 M. Waldmeier: Astr. Mitt. Zurich 133 (1935). 
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R M : the maximum sunspot number (smoothed monthly mean); 

T : the time to rise from minimum to maximum (years); 

0: the fall time, from maximum to R = 7- 5, etc. 

The parameters T, 0 and the other cycle parameters all depend on R u (Wald¬ 
meier 3 ), proving that the spot curves R(t) form a one-dimensional set of curves 
with parameters R M . 

Essential features of the sunspot curves are (see Fig. 118): 

(1) The time, necessary to reach maximum intensity decreases with increasing 

R m , so that approximately / R dt is the same for each cycle. 

(2) After maximum the 
R (t) curves all have a similar, 
more or less exponential form. 

Property (1) advocates for 
the eruptive character of the 
sunspot cycles, whereas (2) 
suggests the exponential de¬ 
crease of the solar activity 
after maximum. 

Ksantakis 1 drew atten¬ 
tion to the secondary fluc¬ 
tuations in the sunspot num¬ 
bers. For cycles with equal 
T -values these fluctuations 
appear at the same moment, 
if reckoned from the time of 
maximum activity. 

97. The butterfly diagram 
of sunspots. Spots occur in 
two zones parallel to the 
equator at about equal but opposite latitudes; during each solar cycle the 
mean latitude of the spots decreases continuously. This law was discovered 
by Carrington (1858) and put in a precise form by Sporer. The mean latitude 
is 3 5 0 in the very first part of the cycle, although occasionally greater values are 
reported. Short-lived faculae occur sometimes in high latitudes without being 
able to develop spots. Spots occur rarely above 45° and have short lifetimes; 
pores, living only for some hours are sometimes reported up to latitudes of 75 °. 
In 1915 a well developed spot was observed at 60°; in August 1953 a short-lived 
spot-group consisting of two small spots occurred at 58°. In August 1956 a single 
spot at 6 — 48° was observed during 1 7 consecutive days. The more active a 
cycle is, the higher the latitude at which spots and faculae can occur. A list 
of high latitude spots and spot-groups (6=41 to 43°) with lifetimes greater than 
2 days was given by Waldmeier 2 . 

At the end of each cycle the mean latitude of the spots has decreased unto 
about 8°. Then the new cycle has already started with small short-lived spots 
at high latitudes. This is illustrated by the “butterfly” diagram, made for the 
first time by Maunder (cf. Fig. 119). The law of zones can be traced back to 
1621 (Sporer). 

1 Z. Ksantakis: Astron. Zhurn. 34, 391 (1957). 

2 M. Waldmeier: Z. Astrophys. 43, 29 (1957). 
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Fig. 118. Characteristic sunspot curves with respectively low, mean and 
high maxima. The curves b, and b v show the variation of the mean 
latitude of the sunspot rone and of the polar prominence zone. 

M. Waldmeier: Z. Astrophys. 42, 34 (1957). 
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So, in fact, a spot cycle lasts longer than If .0 years, the average time from 
minimum to minimum (or maximum to maximum). The true duration of a cycle, 
determined as the whole time inter- , 


val during which spots of a certain 
cycle are visible on the Sun, ranges 
between 11.8 and 14.4 years; mean 
value 13.2 years. Even this is not yet — 
the "true” period of solar activity, 
since high latitude coronal activity 
starts still earlier: the coronal acti¬ 
vity of the 1957 cycle is thought 
to have started in 1951 at ben 70° 
for A = 5303 A 1 . A similar result 
is shown by the prominence activity 2 
(Fig. 121): both the prominences and 
the corona present a high latitude 
activity zone beside the main equa¬ 
torial zone. The former starts be¬ 
fore sunspot minimum. The pic¬ 
ture is completed by a finding of U. 
Becker 2 that also sunspot have a ~ 
high latitude zone, starting near spot 
minimum a b en 28° and lasting, with 
increasing latitude till spot maxi¬ 
mum (the beginning part of this 
branch is faintly visible in some of 
the "butterflies” of Fig. 119). 

Waldmeier 3 found that the - 

mean latitude of the sunspot-zone 
during the cycle depends on R M . In 
an active cycle the mean latitudes 
are greater than in an inactive one. 

Fig. 120 shows for five different R M 
values the mean migration of the 
spot zones. The abscissa gives the 
time, reckoned from the sunspot 2 

maximum, measured in years; the 
ordinate gives the mean latitude. 

It appears that this set of curves 
can be combined into one if the 
time is counted from the beginning 
of the sunspot cycle 3 . At the time of a 
high maximum, which comes early in ^ 
the sunspot cycle, the latitude of the ~ 
spot belt is higher than at the time of 
a low, and hence late maximum. 

There is a certain north-south 
asymmetry of solar activity; the 



1 M. Trellis: Suppl. Ann. d’Astrophys. 5 (1957). 

2 U. Bf.cker: Priv. comm. 1958. 

3 M. Waldmeier: Astr. Mitt. Zurich 138, 470 (1939). 
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activity in the northern cycle tends to develop somewhat earlier than in the 
southern cycle. Sometimes also the southern spot activity extends somewhat 
beyond the equator. The spottedness is not always equal in the northern and 
southern hemispheres 1 . In very active cycles (high R M ) the southern hemisphere 
is the more spotted at the beginning of the cycle, and the northern at the end, 
and conversely for very inactive cycles (low R M ). 

In Sect. 36 it was remarked that the polarity of the spot-groups changes with 
the solar cycle. The sunspot curve of Fig. 117 shows further that in many cases 

the maxima of the If-curves are 



t --► 


Fig. 120. Dependence of the latitude motion of the sunspot zone on the 
maximum R -value for each cycle. Abscissa: time difference from the 


alternately high or low. These 
are reasons why it seems physi¬ 
cally more appropriate not to 
speak of an 11-year but of a 
22-year cycle. Thus, two suc¬ 
cessive cycles belong to each 
other, and there still remains 
the problem which two of the 
successive spot cycles form 
a pair. To investigate this, 
Gnevishev and Olj 2 plotted 
UR for the even cycles against 
(a) UR for the following odd 
cycle and (b) against UR for 
the preceding odd one. The 
first diagram gave a good cor¬ 
relation (correlation coefficient 
0.91 ±0.11), whereas the lat¬ 
ter’s correlation was bad (corre¬ 
lation coefficient 0.50 ±0.24). 
Hence every even cycle (cf. 


epoch of spot maximum, measured in rotation periods. Ordinate: mean 
heliographic latitude. The curves are labeled with the i?max-value of 
the cycle. M. Waldmeier: Astr. Mitt. Zurich 138, 470 (1939)- 


numbering in Fig. 117) forms 
a pair with the following odd 


one. 


98. Long scale fluctuations of the solar activity. As early as 1862 Wolf 
suggested a long cycle superposed on the 11 -year solar activity. This long period 
of about 80 years has proved to be real. Gleissberg 3 - 4 could trace it back in 
the sunspot observations to 1610 and in Schove’s 5 list of aurorae to A.D. 300. 
Maxima of the long wave occurred in 1639 , 1719, 1778, i860 and 1957- Evidently 
the N-S asymmetry® found in Sect. 97 is thus a property of the long cycle, as 
was stressed by Waldmeier 7 : very active cycles occur when the southern hemi¬ 
sphere is the more spotted at the beginning, very inactive cycles occur in the 
reverse case. However, the average N-S asymmetry, integrated over one cycle 
is zero for very active and very inactive cycles, whereas U (N-S) >0 or <0 

1 H. W Newton and A. S. Milson: Monthly Notices Roy. Astronom. Soc. London 115, 
398 (1955). 

2 M.N. Gnevishev and A.I. Olj: Astron. Zhurn. 25, 18 (1948). 

3 W. Gleissberg: Publ. Istanbul Univ. Obs. 27 (1944). 

4 W. Gleissberg: Naturwiss. 42, 410 (1955). — Reviews in Sterne 34, 117 (1958), and 
J. Brit. Astr. Ass. 68, 148 (1958). 

5 D. J. Schove: J. Geophys. Res. 60, 127 (1955). 

6 H.W. Newton and A.S. Milson: Monthly Notices Roy. Astronom. Soc. London 115, 
398 (1955). 

7 M. Waldmeier: Z. Astrophys. 43, 149 (1957)- 
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during the ascending or descending parts of the long cycle. Gleissberg 1 could 
find the 80-year period in the relative geomagnetic effects produced by the 
northern and southern solar hemispheres. 

Attempts have been made to find still longer periodicities, but these can no 
longer be based on sunspot records but only on recordings in old chronicles 
of visual observations of big sunspots, the observations of aurorae (these are 
more frequent during sunspot maxima), the detection of comets 2 (the sky is 
thought to be more transparent at sunspot minimum). With such very unreliable 
data Link 2 believes it possible to detect a 410-year period which he traces back 
till the year 2000 B.C. A longer period, of 600 to 700 years, is suggested by the 
asymmetry in the sunspot curves 3 and by tree-rings in Californean Sequoia 
gigantea 4 5 . 

99. The prominences during the solar cycle. Also the distribution of filaments 
and prominences on the disk reflects the 11-year cycle, but the Maunder diagram 
for the prominences and filaments is more complicated than that for the sunspots 
and does not show the typical butterfly structure. Fig. 121 demonstrates the 
latitude distribution of prominences between 1905 and 1952 s ; confirming and 
extending smilar investigations by D. and M. d’Azambuja 6 . In each hemisphere 
there are at least two zones where prominences are frequent, but the zone of high 
latitude is less important. The major zone in turn sometimes shows two peaks, 
one corresponding to the mean latitude of the spots (the active spot filaments). 
The other, at a slightly greater latitude, corresponds with the stable quiescent 
filaments, which often occur at the high latitude side of activity centres. The 
mean latitude of the major zone which is about 30 ° at the beginning of the sunspot 
cycle, decreases to about 17° at the end, thus being higher than that of the 
spot zone. Shortly before sunspot minimum the high “polar” prominence zone 
becomes visible (latitude between 40 and 50°); it remains visible till the next 
sunspot maximum. The poleward drift of this prominence belt ends near sunspot 
maximum when b p «= 90°. The b p (t) curves have the same forms in different cycles, 
and they can be made coinciding if the time t is counted from the beginning of 
each cycle 7 . The latitude is low at the time of a high sunspot maximum; it is 
high at the time of a low maximum; this is a reflection of the fact that a high 
maximum occurs earlier than a low one. At the time of a high maximum ( R M — 
140) (bp )max ^65°; for R m =80 (4 f )maj 90° and for lower maxima the polar pro¬ 
minence zone has disappeared at the time of maximum activity (see also Fig. 118, 
Sect. 96 ). 

Another aspect of the distribution of filaments with latitude is their orienta¬ 
tion 8 . The high filaments are orientated nearly parallel to the equator; those at 
lower latitudes have greater inclinations. 

Fig. 121 already made clear that the number of prominences depends on the 
solar cycle, but upon closer examination this appears to apply mainly to the high 
prominences 9 , those exceeding the “natural platform height”, 30000 km. Just 

1 W. Gleissberg: Z. Astrophys. 43, 144 (1957). 

2 F. Link: Bull. Astr. Inst. Czech. 6, 122 (1955). 

3 W. Gleissberg: Publ. Istanbul Univ. Obs. 51 (1954). 

4 I.W. Maximow: Dokl. Akad. Nauk SSSR. 92, 1149 (1953)- 

5 R. Ananthakrisnan : Nature, Lond. 170, 156 (1952). — Proc. Indian Acad. Sci. 40, 
72 (1954). 

6 L. and M. d’Azambuja: Ann. Obs. Meudon 6, 52 (1948). 

7 M. Waldmeier: Z. Astrophys. 42, 34 (1957). 

8 See e.g. D.H. Menzel and B. Bell: Convegno Volta 11, 143 (1953)- 

9 D.E. Billings and C. Kober: Astronom. J. 62, 242 (1957). 
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like the spicules the number of low prominences changes only slightly during the 
solar cycle. 
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100. Variation of the chromosphere and corona during the solar cycle. The 

chromosphere changes only slightly during the solar cycle. The daily Hoc ob¬ 
servations at Arcetri show a variation of the mean height with the solar cycle 
(Fig. 122). From a discussion of chromospheric emission gradients (flash spectra) 


area. Remarkable are the equatorial motion of the major prominence zone and the poleward motion of the polar prominence zone. R. Ananthakrishnan : 

Proc. Indian Acad. Sci. 40, 72 (1954). 
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Athay et al . 1 found that the average emission gradient does not show any signi¬ 
ficant dependence upon the solar cycle. 

The corona. We have already referred to the brightness variation of the 
white corona (Sect. 71); at sunspot minimum the integrated brightness between 
p = 1.03 and 6 is half the sunspot maximum value. The variation of the sur¬ 
face brightness for different limb distances was investigated by W. N. Abbott 2 , 
the variation is greatest at p^l to 1.5. The 11-year variation of the height 
of the emission at 5303 A is demonstrated in Fig. 123 a (Waldmeier 3 ). The 
variation of the coronal temperature during the sunspot cycle was deduced by 
Waldmeier 4 from the average intensity ratio of the coronal lines 5303 and 
6374 A, with the aid of formulae (73-1); cf. Fig. 123 b. Similar results were 
found by Trellis 5 . 



Fig. 122. The height variation of the Ha chromosphere (C), defined as the sum, in absolute units of the four differences: 
north pole minus equator, equator minus south pole, south pole minus equator, equator minus north pole, in seconds 
of arc the frequency of prominences (P) and the sunspot number (R). M. G. Fracastoro: Oss. e Mem. Arcetri 64, 

33 (1947). 

The latitude of the monochromatic coronal “rays” (intensity maxima of the 
monochromatic corona) changes during the cycle. Coronal activity, measured 
with the 5303 A line, starts at 6 = ±50 to 70° one to four years before sunspot 
minimum 5 . The activity zone then splits into a major zone having the same 
latitude of the spot-zone and a polar zone moving rapidly polewards to reach 
b— 90° at the maximum of solar activity and to disappear afterwards 6 . 

Radio observations made during solar eclipses show that from 1947 to 1954 
the residual intensity measured at mid-eclipse decreased at all wavelengths, 
indicating a greater contraction of the coronal isophotes 7 . 

The most striking aspect of the white corona is its ellipticity. At sunspot 
minimum the corona is flattened (example: the minimum corona of 1954) and 
at sunspot maximum if has a more circular shape. In order to define the ellip¬ 
ticity by one single parameter, Ludendorff introduced the parameter (a +5), 

1 R. G. Athay, D.H. Menzel and F. Q. Orrall: Smithson. Contrib. Astrophys. 2 (4), 
35 (1957). 

2 W.N. Abbott: Ann. d* Astrophys. 18, 81 (1955)- 

3 M. Waldmeier: Sonnenkorona 2, 142 (1957). 

4 M. Waldmeier: Z. Astrophys. 30, 137 (1952). 

5 M. Trellis: Ann. d’Astrophys. Suppl. 5 (1957)- 

6 R. Muller: Z. Astrophys. 38, 212 (1955). 

7 B.M. Tchikhatev, in: Radio astronomy. I.A.U. symposium No. 4, p. 311, 1957. 
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being the ellipticity at g = 2.0 (the ellipticity e is written as E=a +b{o— 1)). 
Van de Hulst 1 plotted (a -j-b) against the phase <p of solar activity (cf. also 
Saito 2 , Fig. 6). Here (p is —1, and + 1 at two consecutive maxima; it is 0 at 



Fig. 123a and b. (a) Isohypses of the corona in 5303 A light from 1939 to 1950. The lines correspond with distances of 
0'5. Shaded are heights above 2'0, black those above 4'0. M. Waldmeier: Die Sonnenkorona, II, p. 142. 1957. (b) Iso¬ 
therms of the corona from 1940 to 1950; temperatures are given in units of 10 5 °K. M. Waldmeier: Z. Astrophys. 30, 

137 (1952). 

the minimum between, and proportional to the time, according to Ludendorff’s 
definition. However, the form of the solar corona is greatly defined by the 
long rays 3 , which, in turn, are related to the quiescent filaments. So the flatten- 

1 H.C. van de Hulst: Bull, astronom. Inst. Netherl. 11, 135 ( 1950 ). 

2 K. Saito: Publ. Astr. Soc. Japan 8 , 126 (1956). 

3 M. Waldmeier, H. Arber and H. Bachmann: Z. Astrophys. 42, 204 (1957). 
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ing of the corona will depend on the number of polar prominences, and therefore 
it seems more appropriate to define a phase q> x in such a way that equal phases 
correspond to equal positions of the prominence zones (see Sect. 99 ); 

T — m , 

= - - 

T 1 m 2 — m 1 

where m 1 and m 2 are the epochs of the preceding and following minima; T is 
the time of observation. The variation of (a+ 6 ) with is shown in Fig. 124. 
It appears that the corona has its greatest flattening at minimum. It is nearly 
spherical at cp l = 0 - 32 , when the polar prominence zone at b~70° has its maxi¬ 
mum development. 



Fig. 124. Coronal ellipticity during the solar cycle. The points are labeled with the number of the year, omitting the 
century number. M. Waldmeier, H. Arber and H. Bachmann: Z. Astrophys. 42, 156 (1957). 


101. Other parameters measuring the solar activity. The main parameters 
measuring the solar activity are the sunspots (numbers and areas), the areas and 
the numbers of faculae, the numbers of prominences and filaments, the numbers 
of flares, the height of the Ha-chromosphere, the form of the corona, the intensity 
of the coronal lines, the radio radiation of the Sun. Most of these quantities 
are measured daily at various observing stations. 

1 . Daily maps of the Sun are made at the observatory of Meudon, based on 
spectroheliographic disk observations made at Meudon and coronal observations 
at the Pic du Midi. The maps contain the spots, faculae, coronal line intensities 
and data on flares if observed on one of these observatories. The maps are weekly 
dispatched. 

2 . The Fraunhofer Institut prepares daily maps of the Sun from observations 
of a dozen institutes covering the whole Earth. The maps contain essentially 
the same data as the Meudon Map, but as a matter of course, they are more 
complete. The maps are bimonthly dispatched. 

3 . The Poulkovo Observatory and the Commission for solar phenomena of 
the Astronomical Council of the Sovjet Union publish daily maps of the Sun 1 , 
containing faculae, spots, filaments, prominences and coronal intensities, as well 
as the H, D and Z components of the geomagnetic field. 


1 Solnetchnye Dannve, Bull. 1 (1956). 
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Fig. 125 shows for the same day the solar maps published by these three 
institutes. The comparison shows the relatively good agreement, the minor 
differences, the relative accuracy and completeness of each of the maps. 



4. The Boulder Solar Activity Maps, published quarterly, contain for each 
solar rotation data on the various centres of activity as measured by means of 
spots, faculae, coronal line intensities and flares, with additional data on the 
prominence activity at the limb. 

5 • The Quarterly Bulletin on Solar Activity, edited by the Zurich observatory 
with financial help of the International Astronomical Union, contains daily data 
on most kinds of solar activity (spots, faculae, prominences, flares, radio-noise, 
corona). The work is published quarterly but with a considerable delay. 
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6. The Solar-Geophysical data issued quarterly by the U.S. National Bureau 
of Standards contain R numbers, and data on faculae, coronal intensities, flares, 
radio-intensities, and geomagnetic activity indices. 



7. Finally mention should be made of the Cartes Heliographiques de la photo¬ 
sphere (Zurich), the Synoptic Maps of the chromosphere (Meudon observatory), 
and summarizing maps on chromospheric phenomena published monthly like 
those of Mrs. M. d’Azambuja (l’Astronomie; Bulletin de la Societe Astronomique 
de France), those of the Kanzelhohe Obervatory (published in the Documenta- 
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tion des Observateurs; Observatoire de Haute Provence), those of the Tokyo 
Observatory, published in the Japanese Bulletin of Solar Phenomena, etc. 


S; 



8. Ursigrammes containing informations on solar activity are daily trans¬ 
mitted from the Bureau Ionospherique Frangais (Pontoise), the All India 
Meteorological Broadcasting Centre (New Delhi), from Darmstadt and from 
Tokyo. 


Fig. 125 c. Meudon, France. The distance of the solid line to the limb is proportional to the intensity of the 5303 A line. 
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Fig. 126 (partly after Allen 1 ) shows the variation of the monthly mean 
values of the sunspot number R, the sunspot area A, the facular area F, the 
prominence area P, the coronal 5303 A intensity, the E layer ionizing flux I, 
and the radio-radiation at 50, 25 and 10.7 cm, from 1947 to 1954. Some of these 
phenomena show a time lag behind the sunspot number variations, presumably 



F’g’ 126. Solar variability between 1947 and 1954. 50, 25 and 10.7: radioradiation at 50, 25 and 10.7 cm. F: facular area 
(unit: ICr® of the visible hemisphere). A : sunspot area (same unit). P: prominence area (same unit). JR: Zurich sunspot 
numbers. C: integrated intensity along the limb of the 5303 A coronal line (arbitrary unit). I = ( f 0 E) 4 (cos z)~ 1 : proportional 
to the (X-ray) radiation flux ionizing the ionospheric .E-layer. All curves are based on monthly mean values except C. 
Noteworthy are the correspondences in time of the various maxima and the (small) time lag exhibited by the C and P 
curves. References: 50... R: compilation by C. W. Allen: Monthly Notices Roy. Astronom. Soc. London 117, 177 
(1957). P: M. Waldmeier: Astron. Mitt. Zurich, for consecutive years. C: M. Waldmeier: Die Sonnenkorona II, table 9. 

Basel: Birkhauser 1957- I- J. F. Denisse and M. R. Kundu: C. R. Acad. Sci., Paris 244, 45 (1957). 


due to differences in their development curves. We may summarize the follow¬ 
ing delay times 1 ’ 2 : 


radioemission at 10.7 cm: 
bright H flocculi: 

Ca + flocculi: 
faculae: 

5303 A corona line: 


1 to 2 days 2 
5 days 
10 days 
20 days 
26 days. 


b) Solar rotation and the Sun’s general magnetic field. 

102. The law of solar rotation. The westward drift of spotgroups over the 
disk shows the-solar rotation, the average synodic period being about 27 days. 
The rotation period further depends on the latitude: the equatorial region rotating 

1 C.W. Allen: Terr. Magn. Atm. Electr. 53, 433 (1948). 

2 M. Waldmeier: Astron. Mitt. Zurich 215 (1958). 
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fastest (Carrington 1858). Observations of one single object may, however, 
be influenced by longitude drift of that object, and have to be verified by statistical 
studies on many kinds of solar phenomena. 

The most extended series of observations refer to sunspots; other observations 
refer to the photospheric faculae, the chromospheric Ca + faculae, the filaments 
and prominences and even to coronal activity centres. All observations refer to 

medium latitudes (0 to 60°), only some fila¬ 
ments and the polar faculae reach greater 
latitudes. A number of objects can be fol¬ 
lowed during one disk passage or longer, 
others can only be observed for a short 
time, like the polar faculae. The latter are 
known to have short lifetimes, and only eight 
of the most persistent ones, with lifetimes of 
40 to 50 hours, could be used for the deter¬ 
mination of the rotation velocity of the Sun. 
These latter determinations made it possible 
to extend the rotational velocity curve to 
80° latitude; before that time it was only 
known up to 65°. 

Fig. 127 assembles rotation velocity meas¬ 
urements, determined by means of the five 
kinds of objects mentioned above. The de¬ 
crease of velocity with increasing latitude 
is clear. It is often tried to represent the 
observed daily displacement £ (degrees per 
80° 90 ° day) by a polynomial in sin b or/and cos b 
(b is the latitude), like 1 : 

| = 14?38 - 2?77sin 2 b. (102.1) 

It is clear that such interpolation formu¬ 
lae have only a formal meaning. 

The various layers and objects all seem to 
have the same angular velocity at the same lati¬ 
tude. The small systematic residuals between 
the various objects, previously ascribed to an 
increase of rotational velocity with height, 
might rather be ascribed to the imperfectly 
eliminated influence of proper motions of the 
various structures. The rotational velocity 
determined by means of spots, is somewhat 
below the mean curve (but the most pronounced difference, near 6=45° is the 
effect of two well-studied spots only), and thus is perhaps due to such an effect. 
U. Becker 2 has shown that long-lived seats of spot formation have a rotational 
velocity greater by 0?1 per day than that of the spots. A similar result was found 
from the study of long-lived facular fields (M. d’Azambuja, unpublished). 

The rotational velocity can also be determined by means of radial velocity 
observations of Fraunhofer lines or emission lines. These measurements show a 
considerable scatter. At b = 0 the ^-determinations by means of metal absorption 

1 H.W. Newton and M.L. Nunn: Monthly Notices Roy. Astronom. Soc. London 111, 
413 (1952). 

2 U. Becker: Z. Astrophys. 37, 47 (1955)- 
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Fig. 127. Rotational velocity of the Sun in de¬ 
pendence of beliographic latitude b. The sources 
are: Sunspots: mean values are taken from a com¬ 
pilation of spot data given in M. Waldmeier: 
Ergebnisse ... der Sonnenphysik, 2nd ed., p. 52, 
1955. The & = 45°-value is a mean value from 
the observation of two high-latitude spots by 
M. Waldmeier: Z. Astrophys. 43, 29 (1957) and 
M. Kopecky, J. Kvicala and J. Placek: Bull. 
Astr. Inst. Czech. 8, 106 (1957). Faculae: M. Wald¬ 
meier: Mitt. Zurich 147 (1946); Z. Astrophys. 
27, 24 (19.50). Polar faculae: M. Waldmeier; 
Z. Astrophys. 38, 37 (1955). Prominences: L. and 
M. d’Azamhuja: Ann. Obs. Meudon 6, 7 (1948); 
U. Becker: Z, Astrophys. 42, 1 (1957). Corona: 
W. Petri: Z. Astrophys. 34, 68 (1954); M. Wald¬ 
meier: Z. Astrophys. 27, 24 (1950). The data of 
M. Trellis [Ann. d’Astrophs. Suppl. 5 (1957)] 
have not been included in this survey. 
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lines of the photosphere range between 13?2 and 14?8. The mean scatter is 
0?35, hence 2.5%, whereas the mean scatter derived from the observed motions 
of various objects (Fig. 127) is about 0.4%, nearly one order smaller. At b = 40° 
the scatter is still greater, nearly twice that at b = 0. This can easily be explained: 
the mean equatorial velocity is 2 km/sec; an error of 2.5% corresponds to an 
error in the measured velocity of 0.05 km/sec, hence with A X = ±0.0008 A. 
This is about the limit of accuracy of wavelength measurements. Another reason 
for this great scatter is the inhomogeneity of the photospheric velocity field 
(cf. also Hart 1 ). The internal motions in prominences and the spicular mo¬ 
tions in the chromosphere reach values even ten to forty times greater than 
in the photosphere; there is no good 
reason to expect to obtain the rota¬ 
tional velocity with some precision from 
radial velocity measurements of these 
objects. 

It should, finally, be noted that no 
measurable variation of the Sun’s ro¬ 
tation period could be detected, at 
least not between 1878 and 1944 
(Newton and Nunn, 1. c.). 

103. The latitude drift of sunspots 
and its variation in the solar cycle. The 
fore-going section dealt with the mo¬ 
tion component parallel to the equator 
and its differential effects. Besides, the 
latitude drift of spots indicates the 
occurrence of a motion component per¬ 
pendicular to the equator. The proper 
motion in latitude is always much 
smaller than the motion in longitude 
so that the effect is only observable 
for long-lived spots. 

Such investigations have first been made in 1941 by Tuominen 2 and later by 
Richardson and Schwarzschild 3 . Tuominen’s discussion is based on the Green¬ 
wich sunspot observations 1874 to 1941 and 1945- All groups with lifetimes longer 
than one rotation have been investigated. The total number of spot-groups 
was divided into subgroups, according to their latitude (zones of 1° width), and 
mean latitude drifts were determined. 

In Richardson and Schwarzschild’s investigation about 1800 spots have 
been used, occurring in the Greenwich material from 1874 to 1938 and the Mount 
Wilson material from 1939 to 1950. The total material was divided into six groups, 
according to the absolute value of the latitude (there are no systematic differences 
between the two hemispheres). The main conclusion emerging from Fig. 128 
is that spots with | b \ < 16° have an equatorward motion, whereas spots at greater 
latitudes have a poleward motion, increasing with increasing latitude. The small 
oscillatory character of the curve, initially found by Tuominen, was smoothed 
out in a later analysis. U. Becker’s 4 investigation throws doubt to the reality 
of these small deviations from the mean curve. 

1 A.B. Hart: Monthly Notices Roy. Astronom. Soc. London 114, 17 (1954). 

2 Cf. J. Tuominen: Z. Astrophys. 37, 145 (1955)- 

3 R. S. Richardson and-M. Schwarzschild: Convegno Volta 11, 228 (1953)- 

4 U. Becker: Z. Astrophys. 34, 129 (1954). 



Fig. 128. Average daily latitude drift of sunspots, with 
periodicities in time and latitude eliminate d. Solid line; 
J. Tuominen. Z. Astrophys. 37, 145 (1956); Dots; R. S. 
Richardson and M. Schwarzschild: Convegno Volta 11, 
228 (1953). 
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Tuominen 1 , Richardson and Schwarzschild 2 further found that the lati¬ 
tude drift depends on the phase in the 22 -year solar cycle. If the mean latitude 
drift (Fig. 128) is subtracted from the observed motions, there remain small 
residuals, depending on the phase of the 22 -year cycle: In odd cycles, the spot- 
groups show a preference for moving equatorward (apart, of course, from the 
general latitude motion of Fig. 128 which remains valid throughout the whole 
solar cycle). The average amplitude of this new 22 -year superimposed latitude 
drift curve is 0.005 degrees/day according to Richardson and Schwarzschild. 
It depends on the latitude b according to Tuominen, with an average daily dis¬ 
placement of 0 d 0005 X b. The mean value is of the same order as the former one. 
For suggested explanations of the effect, cf. Richardson and Schwarzschild 2 , 
and Plumpton and Ferraro 3 . 

U. Becker 4 found indications that the 22-year effect is not physically real 
but is produced by variations in the sunspot frequency curve from cycle to cycle. 

104, The Sun’s general magnetic field. After many previous attempts to 
measure the Sun’s general magnetic field, yielding values up to 50 Gauss, a 
decisive determination of its value has only been made after 1948 , when the visual 
and photographic methods used up to that time were generally replaced by photo¬ 
electric methods (cf. Sect. 32 ), which make use of the fact that a small line shift 
produces great intensity variations at the steep parts of the line profiles. The 
effect can be doubled by using two slits, at the wings of the profile. (Hale, in 
1930 , was the first to apply the photoelectric method.) 

In this way Thiessen 5 , observing at 45° latitude, found in 1949 a field which, 
assuming a dipole field, would yield a pole field strength of + (1-5 ±0.75) Gauss. 
In 1951 the pole field strength H, found in the same way, was +(2.4±0.5) Gauss 6 . 
The positive sign signifies that the direction of the field relative to that of the 
solar rotation is opposite to that of the Earth. 

The definition of positive magnetic polarity as used generally for the Sun and stars is 
that a magnetic vector pointing towards the observer is positive in sign. Hence the north 
geographic pole would have a negative magnetic polarity; the Sun's north pole has a positive 
magnetic polarity. As seen from the north pole of rotation, a spin in the positive direction 
of a sphere, having a positive electric charge, will induce a field of positive magnetic polarity. 

On the other hand, Kiepenheuer, measuring in 1950 and 1951 with an 
apparatus having a sensibility limit of 1 Gauss, could not detect a field com¬ 
ponent above 1 Gauss. 

Technical innovations introduced by the Babcocks 7 permitted the recording 
of fields as weak as 0.3 Gauss. They detected the weak poloidal “general” 
field, restricted to latitudes within about 30° from the poles (Fig. 46b). The 
poloidal or “general” field during 1953 to 1956 has been consistently positive in 
the north, negative in the south. Its intensity varies from place to place, and 
its boundaries are irregular. If allowance is made for limb-darkening, the mean 
field component in the line of sight is about 1 Gauss in very high latitudes. These 
results are inconsistent with Thiessen’s observations, in which it was assumed 
that the field extends at least down to 45°. Thiessen’s results are attributed by 
the Babcocks to the influence of the so-called BM regions. 


1 J. Tuominen: Z. Astrophys. 30, 26l (1952). 

2 Cf. footnote 3 , p. 339 . 

3 C. Plumpton and V.C.A. Ferraro: Astrophys. Journ. 121, 168 (1955). 

4 Cf. footnote 4, p. 339- 

5 G. Thiessen: Observatory 69, 228 (1949). 

6 G. Thiessen: Z. Astrophys. 30, 185 (1952). 

7 H.W. and H.D. Babcock: Astrophys. Journ. 121, 349 (1955). 
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Assuming that the magnetic field at the surface is H = H p (b — 46°)/4n, where 
H p is the polar field strength, and that the direction of the lines of force is as if 
diverging from a point at the Sun’s axis, 0.6 of the radius out of the centre, one 
finds H p = +2.6 Gauss, in accordance with Thiessen’s result. 

The angle between the rotational and the magnetic axes of the Sun (as deter¬ 
mined from the directions of the polar rays) 1 is smaller than 0?7- The field does 
not seem to change in the eleven-year cycle. 

No features on spectroheliograms appear to be related to this weak field. Re¬ 
gions of polar faculae do not show any observable enhancement of the field. 
In any case the observations support the suggested relation (Schuster, Report 
B.A.A.S. 1892) between the polar rays and the general magnetic field. Van de 
Hulst 2 showed that the polar rays can easily be explained by a field smaller than 
0.2 Gauss. 

The total magnetic flux F t of the poloidal field (above 46°) is 

90° 

F t = f H cos (b — ip) ds = 8 X 10 21 Maxwell, 

6 = 4fi° 


where ip is the projection angle in the meridional plane. As to the order of magni¬ 
tude this field is five times as great as the magnetic flux of an average bipolar 
magnetic region or of a strong unipolar magnetic region. 

We should further remark that the total mean magnetic flux of the Sun 
obtained by summing up with their proper signs all magnetic fluxes of the sun¬ 
spots, ranges between values of 0.5 XlO 21 to 8 X to 21 Maxwell 3 . (If, however, 
various BM regions are caused by the same poloidal field looping up through 
the surface and back, this value should be reduced by an unknown factor of the 
order 2 to 8.) 


Time of decay of the general field. Cowling 4 has shown that the decay time 
of the general solar magnetic field is very long. In matter at rest, the variation 
of the magnetic field with time is slowed down by induction leading to the equa¬ 
tion 


which is approximated to 


4710 


8H 

8 t 


- 7 IP, 


4 na 


H 


H 

7 2 


(cf. also Sect. 39), where t 0 is the time of decay and l is a characteristic "scale 
length” of the field; a is the conductivity. For high temperature T 

Ti 

a = 2 X 10 -14 £ 


where Z is the mean charge of the particles. Assuming l = 2 XlO 10 cm; 0 = 
1CT 4 e.m.u. we obtain t 0 = 1C) 10 years. Thus, variations in the field seem to occur 
extremely slowly, and the presently existing field might be of the same order as 
that occurring when the Sun was just formed. 

105. The internal rotation and circulation of the Sun. The information col¬ 
lected in Sects. 102 and 103 on the rotation and latitude motion of the solar 
surface layers, suggest that the latitude drift of the sunspots may be interpreted 

1 M. Waldmeier: Z. Astrophys. 41, 115 (1956). 

2 H.C. van de Hulst: Bull. Astronom. Inst. Netherl. 11, 410 (1950). 

3 W. Grotrian and H. Kunzel: Z. Astrophys. 28, 28 (1950). 

4 T. G. Cowling: Monthly Notices Roy. Astronom. Soc. London 105, 166 (1945). 
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as real large-scale mass motions. The sunspot drift suggest the occurrence of 
meridional currents, a schematic representation of which can easily be made, 
being given that matter streams towards the equator for | 6 |<l 6 °, and that it 
streams poleward for | b\ > 16 °. 

A theorem derived by von Zeipel and elaborated by Vogt and Eddington 
predicts the occurrence of meridional currents: a star in radiative equilibrium 
does not rotate uniformly. Vogt 1 and Eddington 2 suggested that with an accept¬ 
able law for the energy generation the poles would become hotter than the equa¬ 
torial regions, leading to meridian circulation. At the surface A T would be < 1 

In these considerations the influence of the magnetic field is neglected. The 
influence of the magnetic field, if sufficiently great, would be to change the rota¬ 
tion pattern in that of isorotation 3 - 4 . In that case the angular velocity is constant 
along C 3 /linders formed by the rotation of lines of force around the rotation axis 
(because otherwise the lines of force would be continuously wound round the axis 
of rotation). 

From the observational side, internal circulation is suggested by the observed 
relative abundance deficiencies of light atomic nuclei like H 2 and Li, as compared 
to their terrestrial and meteoritic relative abundances. Assuming that the latter 
abundances are still of the same order of magnitude as the abundances in the 
solar system at the time of its origin, a great part of the photospheric light nuclei 
seem to have been destroyed since, e.g. by a slow internal circulation. The ratio 
between the solar and the terrestrial relative abundances of lithium (both abund¬ 
ances compared with those of elements like Si or Fe) is about 0.01. Further it 
is known that the lifetime of lithium is short for T :=»3xl0 6 °K. Hence 99% 
of the initially occurring photospheric lithium has at least once been brought 
to the level with T ss 3 x 10 6 °K. Assuming a total solar lifetime of 5 X 10 9 years, 
we obtain for this part of the Sun a circulation time roughly of the order of 
10 9 years. 

This circulation refers to rather deep layers: the region with T = 3 X 10 6 °K 
is about halfway the Sun’s centre. For still deeper layers the rotation time is 
much longer, because the viscosity of the solar matter increases quickly with 
depth. Sweet 6 found that the time to be taken for material carried by meridional 
currents, to go from the centre to the surface of the Sun, is 8x 10 12 years. Quali¬ 
tatively this result is confirmed by Mestel 6 . It is natural that the circulation 
time becomes much shorter toward less deep layers and takes values of the order 
of one or several months in the solar convection zone, a layer with a depth 7 of 
about 100000 km. At a depth of 10 5 km the temperature is nearly 10 6 °K; there 
nuclear reactions are still unimportant. The upward velocity of the convection 
elements is 1 km/sec in the upper part of the convection zone, whereas it is ex¬ 
tremely small at its very basis. The time, necessary to traverse the main part of 
the convection zone may be of the same order as the lifetime of the spots. 

This discussion makes it clear that the solar interior up to the lower limit of the 
convection zone should be regarded as a perfectly rigid body, as far as transient 
phenomena are considered with a life time shorter than a year. Important mass 
displacements occur only in the regions above that limit. 

1 H. Vogt: Astronom. Nachr. 223, 229 (1925). 

2 A.S. Eddington: Monthly Notices Roy. Astronom. Soc. London 90. 54 (1930). 

3 V.C.A. Ferraro: Monthly Notices Roy. Astronom. Soc. London 97, 458 (1937). 

4 H. Alfven: Ark. Mat. Astronom. Fys. 29a, 11 (1943)- 

5 P. A. Sweet: Monthly Notices Roy. Astronom. Soc. London 110, 548 (1950). 

6 L. Mestel, in: Les Processus Nucleaires dans les Astres. Liege colloquium 1953, 
p.213, 1954- 

7 E. Bohm-Vitense: Z. As trophy s. 46, 108 (1958). 
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The problem whether meridional currents might occur in the convection zone, 
i.e. the analogue of the von Zeipel-theorem for a convective region in a star, has 
been discussed by Biermann 1 . Taking into account the non-isotropic form of 
turbulent exchange of energy and by considering the momentum balance in a 
meridional plane, it could be shown that the theorem applies also to the con¬ 
vection zone: a state of pure rotation without meridional currents is impossible 
for the convection zones of stars. 

It seems quite natural that this outer convection zone is the very basis of the 
long-scale transient phenomena : the solar cycle, the sunspots. The core of the Sun 
has a rigidity, many orders greater than that of the more viscous outer convection 
zone. (The central convection zone, originally assumed, and connected with the 
carbon cycle, seems hardly to be developed in the Sun.) So it seems that the 
sunspots, their latitude drift, the migration of the activity zones, the differ¬ 
ential rotation of the Sun—all transient phenomena with a relatively great time 
scale—should be explained by the dynamics or perhaps the magneto-hydro¬ 
dynamics of this zone, treated in connection with the solar rotation and the 
Sun’s general magnetic field. Only quite recently has the close connection been 
stressed between the various aspects of solar activity and the convection zone 
(Biermann 1 ). 

Since the Sun’s general magnetic field is small, its influence will be neglected 
in a first survey. The state of motions will be discussed by means of consider¬ 
ations given in basical form already by Jeans 2 , and adapted to modern ideas. 

Let the inner, nonconvective part of the Sun rotate with a constant angular 
velocity co 0 and let it have the shape of a rotational ellipsoid, characterized by the 
meridional equations 

o _ « 2 ( 1 - e =) 

0 1 — « 2 cos 2 b ’ 

a, e, r 0 and b respectively being the semi major axis, excentricity, radius vector 
and heliographic latitude. Convection tends to transport momentum into a 
radial direction. Since the angular momentum of rotation w 2 r of any volume of 
unit mass should remain constant, a> has to decrease outward as r' 2 . Hence for 
r = R the angular velocity is 

r o a 2 ( e 2 i 

OJ = O ) 0 - 2 - = cu 0 jl - sin 2 b + • • • j . 

A comparison of this expression with the observational formula (102.1) yields: 
e =0.40, hence bfa =0.92 and assuming a thickness of 10 5 km for the convection 
zone, so with a/R = f: cu=0.74co 0 so that the uniform angular rotational velocity 
of the viscous inner part should be about 19°/day. This value will decrease by 
viscosity, but this happens extremely slowly. Cowling 3 estimates an equalizing 
time of 1.5 X 10 13 q years; hence the effect is only appreciable in the very outer 
part of the convection zone, where q takes sufficiently small values. So the actual 
rotational velocity of the Sun’s central part should still be about equal to its 
original value existing when the Sun came into being. 

A consequence is that the non-uniform solar rotation cannot supply the 

H 2 

magnetic energy of the sunspots 4 . The latter is W = —— ■ V, where V is the volume 

8 71 

of a bipolar spot-group, tentatively put equal to the product of spot-area (adopt 

1 L. Biermann: I.A.TJ. symposium 6, 248 (1958). With further references. 

2 J. Jeans: Monthly Notices Roy. Astronom. Soc. London 86, 328 (1926). 

3 T. G. Cowling, in: The Sun (ed. G.P. Kuiper), p. 532. 1953. 

* H. Alfv£n: Tellus 8, 274 (1956). 
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3 xlO 10 cm 2 ) and the distance between the two spots (say 10 10 cm). With H~ 
3000 Gauss, one obtains W = 10 35 erg, an energy that is perhaps acquired in 
10 3 years (Sect. 39). Assume that there are 100 new spots per year, then a com¬ 
parison with the kinetic energy of differential rotation (10 39 to 10 4 ° erg) shows the 
insufficiency of explaining the spots as originating from the non-uniform rotation 
(lifetime of the Sun ^ 10 10 years). Biermann 1 , however, was able to show that 
the magnetic flux created by impressed electro-motive forces has roughly the 
order of magnitude observed in big spots and BM regions. 

E. Solar and terrestrial relationships. 

The Sun enables and regulates life on Earth; its influence on human behaviour, 
on biological, meteorological and other geophysical processes is enormous. Never¬ 
theless, the astrophysical notion of solar and terrestrial relationships does not 
refer to this influence but rather to the much fainter and for human life much less 
important effects produced by the solar high energy wave and particle radiation. 
Because these waves and particles are absorbed in the upper terrestrial atmosphere, 
this chapter deals mainly with the high atmosphere. An extensive treatment of 
the upper atmosphere appears in the geophysical part of this Encyclopedia 
(Vol. XLIX); for that reason the present chapter is restricted to the solar aspect 
of the problem. The Earth’s atmosphere is used here as a spectrum analyser, 
both for the wave-radiation frequency spectrum and for the particle velocity 
spectrum. The relation between solar activity and chemical and biological pro¬ 
cesses 2 is not discussed here. 

We first discuss the "normal” solar ultraviolet and X-ray electromagnetic 
radiation; next the wave-radiation emitted together with flares. There are 
four types of particle emission: (1) the cosmic ray particles emitted by great 
flares, (2) the "slower” particles emitted together with or after flares (and from 
regions near certain types of sunspots), (3) the recurrent particle streams emitted 
by M regions, (4) the continuous emission of the Sun. The cosmic ray particles 
were treated in Sect. 72, the particles of headings (2) to (4) will be discussed in 
Sect. 110 and 111. 

106. Solar ultraviolet and X-ray radiation and the ionosphere. Fig. 84 in 
Sect. 74 shows the energy distribution in the solar ultraviolet and X-ray spectrum 
for X< 3000 A. Fig. 129 gives a schematic review of the absorption by the Earth’s 
atmosphere. These two figures provide two of the basic data for the computation 
of the ionization in the Earth’s atmosphere. 

For a thorough description of the theory of the formation of the ionospheric layers (Chap¬ 
man 1931) the reader is referred to Vol. XLIX of this Encyclopedia or to modern mono¬ 
graphs on the ionosphere 3 . 4 . In this section only the aspects will be discussed which are of 
direct heliophysical importance. 

Assume ionization by the process: 

X -f- it v —>- X + -f- e~. (106.1) 

Assume further that the ionization is due to a monochromatic radiation with 
density Q (quanta cm -2 sec' 1 ) and Q outside the atmosphere. The probability 
for the process (106.1) is given by the cross section a of the molecule X. The 

1 L. Biermann: Z. Naturforsch. 5a, 65 (1950). 

2 G. Piccardi: Geophys. e Meteorol. 6 (1958); and U. Becker: Ark. Meteorol., Geophys. 
u. Bioklim., Ser. B 6 , 511 (1955). 

3 K. Rawer: Die Ionosphare. Groningen: Noordhoff 1953. 

4 S. K. Mitra: The Upper Atmosphere. Asiatic Society, Calcutta, 2 nd ed. 1953- 
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density is N (cm' 3 ). Hence the electron production is 

P = N a Q. (106.2) 


Since N usually increases with depth and Q decreases, there will be an optimum 
electron production at a certain height. The number of quanta absorbed along 


the path ds is 


dQjds = —NoQ and dQ/dz = — N osec%Q 



Fig. 129. Transmission of the Earth’s atmosphere at various heights. The six graphs are logarithmic. The approximate 
wavelength regions of the molecular absorptions are indicated along the lower abscissa. 


where z is the height measured in vertical direction, and % is the zenith-angle of 
the incident radiation. Hence 

Q = (?«>exp |— a sec % J N(z) dz)^ . (106.3) 

To evaluate the integral the validity of the barometric formula is assumed; this 
assumption is roughly correct. Hence 

N = N 0 ex p (— zjH), H is the scale height. 


\ 


(106.4) 
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Combination of ( 106 . 2 ) to (106.4) yields 


P = aQ co N 0 exp - 


H 


oN 0 H sec x e 


-*/«: 


(106.5) 
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This expression shows that one well-defined layer is formed when one ionizing 
reaction occurs throughout the upper terrestrial atmosphere. The height of this 
layer increases with increasing solar zenith angle. Since different reactions would 
produce different layers, the ionosphere has often been pictured as consisting of 

various more or less parabolic layers of elec¬ 
tron densities. The precise values of the final 
electron densities still depend on the values of 
the recombination coefficient; recombination 
counteracts ion formation. 

Ionospheric research with radio-sounding 
at vertical incidence did at first suggest the 
existence of various “layers” each with its 
own maximum density (Al) max , determined 
by the (plasma) frequency of total reflection. 
The heights of the various layers, 1 \, F t and E 
were determined by means of the group time 
of flight of the transmitted waves. 

Rocket observations (N.R.L. firings made 
after 1949) 1 permitted to determine N e by 
measuring the phase shift Af=fvne~ 1 of a 
constant frequency signal (/ = 4MHz), where 
v is the known velocity of the rocket, usually 
fired almost vertically, and n is the refractive 
index of the medium, directly related to the 
electron density. The observations demon¬ 
strated that in fact there is only one ionized 
region, above 90 to 100 km (Fig. 130 ); the 
various “layers” correspond with slight ir¬ 
regularities in the N e (h ) profile. Moreover it 
appeared that the F 2 region is much more con¬ 
stant in altitude and substantially lower than is commonly believed on the basis of 
ground observations. The best average heights and maximum l\f-values seem to be 
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Fig. 130 . Observed and computed electron den¬ 
sities in the upper atmosphere. Observations: 
cf. J. E. Jackson and J. C. Seddon: Refer¬ 
ences in Naval Res. Rep. 5087 (1958); Com¬ 
putations: H. K. Kallmann: footnote 1, p. 347. 


for the F-region: h = 100 to 110 km; 
F r 160 km 

F 2 260 km 


TOmax = 1.5Xl0 6 cm -3 
2 X 10 6 cm' 3 
2 to 5 X 10 5 cm' 3 . 


The height of the Fj-layer determined by ionospheric sounding varies between 
250 and 400 km. The "virtual height” is still about 100 km higher. These differ¬ 
ences are due to the considerable group-velocity retardation experienced by the 
radiosignals in the continuously dense ionosphere where over a great range of 
altitudes the density differs only slightly from the density of the reflection layer. 
The conclusion from this paragraph is that if in the following part of this section 
the classical layer concept will be used, this is only to roughly indicate an iono¬ 
spheric height level. 

1 Cf. J.W. Townsend, H. Friedman and R. Tousey: Naval Research Lab. report 5087, 
11 (1958) contains complete list of references. Further: J.C. Seddon and J.E. Jackson: 
I.G.Y. Rocket Report Series 1, 149 (1958). 
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The “D” region is not observable by means of rockets. It was discovered by 
its absorption effects at very long (20 km) radiowaves. There is as yet no wholly 
satisfactory evidence for a separate existence of this "region”, although reflec¬ 
tions at 1 to 5 MHz from a height of about 80 km are regularly observed at 
stations like De Bilt and Slough. The most important property of the D-region 
is that in it the product N e v (v is the electron collision frequency) reaches a maxi¬ 
mum, and this causes the (often observed) high absorption of radiowaves in this 
region. 

It seems that the observed N e ( h ) profiles can be explained by theoretical cal¬ 
culations. However, there are great uncertainties in the cross sections (as a func¬ 
tion of the wavelength) of the individual air particles, as well as in the solar 
Qoo {A) curve. So the same observed N e ( h ) profile might be explained by different 
combinations of (7) and of the cross sections. The dotted lines in Fig. 130 
shows the N e (h) curve calculated 1 on the basis of an extension of the Chapman 
theory, with (i) a continuous spectrum of solar radiation entering into the Earth’s 
atmosphere, (ii) molecular and atomic densities varying with altitude, (iii) ab¬ 
sorption cross sections, continuously varying with wavelength, (iv) recombination 
constants continuously varying with height and wavelength. The calculations, 
obviously much more complicated than for the simple Chapman theory, confirm 
the observations. 

In the calculations described here the absorption cross sections assumed for 
the X-ray region were such that the solar X-rays hardly contribute to ionosphere 
formation. Other authors 2 " 4 , however, adopting other cross sections, found that 
the E and F l layer ionization can be due to X-rays. It is one of the chief problems 
of ionospheric research to solve for this ambiguity; a better knowledge of absorp¬ 
tion cross sections is of primordial importance. A decision to which A region the 
ionizing radiation is due, should now be taken with the help of other observations 
(e.g. centre-limb variation of ionizing radiation, cf. Sect. 107). 

Thus, the conclusion to be drawn from this section may be summarized in 
the following Table 19 . The attachment of one ionization reaction to one "layer” 
is too schematic but serves only to roughly indicate the various ionization reac¬ 
tions and the approximate regions where these occur. 


Table 19. 


A(ktn) 

Region 

Principal 
ionization due to 

Suggested main wavelength 
region of ionizing radiation 

Alternative 

possibility 

80 

D 

NO 

Lya (1215 A); < 20 A during flares 

110 

E 

o 2 , O, (N 2 ) 

l<, 80 A 

I ^1000 A 

160 

>\ 

n 2 , 0 

A ^ 200 A 

PK 800 A 

260 


N 2 

200 to 900 

.A 


The recombination coefficient varies with height 3 . The calculated radiative 
recombination coefficient is small, of the order of 1CT 12 cm 3 sec " 1 [if a is the re¬ 
combination coefficient, the number of recombinations (cm ' 3 sec -1 ) is a N e A[ OI1 ], 
but this value seems to occur only in the high ionosphere (above 300 km), whereas 

1 H.K. Kallmann: In “Les molecules dans les astres”, Liege Colloque 1956, p. 31 
(1957) and Ann. de G6ophys. 14 , 140 (1958). 

2 R. J. Havens, H. Friedman and E.O. Hulburt: Physics of the Ionosphere, Cambridge 
1954, p. 237, 1955- 

3 Review by D. R. Bates, in: Solar Eclipses and the Ionosphere, ed. by W. J. G. Beynon 
and G.M. Brown, p. 191. London: Pergamon 1956. 

4 G. Elwert: J. Atmos. Terr. Phys. 4 , 68 (1953). 
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in the lower and denser regions the effective recombination coefficient a' is 
greater, to reach values of the order of 2X 10” 8 in the E region. Various processes 
have been suggested (cf. 1_5 ) to explain these high values. 

In the classical layer theory a very simple approximation for {N e ) max may be 
obtained from the equation expressing that the electrons are formed by radiative 
ionization and disappear by recombination (rate oc'lV J, where a' is the effective 
recombination constant): 

dNjdt = jP 0 cos % — a'A(, 1 2 3 4 5 6 ( 106 . 6 ) 

P 0 is the rate of maximum electron production for the Sun in the zenith. Hence: 

Amax= (P 0 cos */«')* and (P 0 /«') = N*Jcos x ■ (106.7) 

This relation can be used to interpret the observed eleven-year variation of the 
ionospheric reflection frequencies. Ionospheric sounding yields the following 
values 8 for the quantity PJol' (see confirmation by 7 8 9 10 11 12 ): 


Layer 

Sunspot max 

Sunspot min 

Ratio 

Dependence on yearly 
mean solar R value 8 

F 

17 X 10 10 

6.9 x 10 10 

2.4 

1 + 0.0124-R 

E 

4.9 x 10 10 

2.15 x 10 10 

2.25 

1 + 0.0097 R 


(For the extremely low and high sunspot minima and maxima of June 1954 and 
October 1957 this ratio reached the record values 3.4 and 4.7 for the E and the 
F y layers 9 respectively.) So, if a' remains constant, the radiation flux in the wave¬ 
lengths responsible for the ionospheric ionization varies by a factor greater than 
two between sunspot maximum and minimum. The intensity of the A-layer 
ionizing radiation is very closely correlated with that of the 10 cm radio-radia¬ 
tion 10 , suggesting the same region of origin for the two radiations (cfalso Sect. 107). 
This is perhaps one of the closest daily solar-terrestrial relations. 

107. The ionosphere during solar eclipses 11 . Additional information about the 
origin and the wavelength of the ionizing radiation is obtained from eclipses. 
The effect of an eclipse on a Chapman layer has been summarized by Ratcliffe 12 . 
During an eclipse the quantity Q in formula (106.5) becomes time-dependent, 
hence (106.5) becomes 

P(t,h) = N 0 Q(t) exp [-^-oN 0 He-°l« sec X (t)\. (107.1) 


1 Cf. footnote 3, p. 347. 

2 D.R. Bates and H. S.W. Massey: Proc. Roy. Soc. Lond., Ser. A 192, 1 (1947)- 

3 R. J. Havens, H. Friedman and E.O. Hulburt, in: Physics of the Ionosphere, Cam¬ 
bridge Conference, p. 237, 1954. 

4 J.A. Ratcliffe: Phil. Trans. Roy. Soc. Lond. 248, 621 (1956). 

5 R. Michard, in: yidme Rapport commission Relations Phenomenes Solaires Terrestres, 
p. 64, 1957- 

6 E. Appleton and W.R. Piggot: J. Atm. and Terr. Phys. 5, 141 (1954). 

7 D.H. Menzel, J.G. Wolbach and H. Glazer, in: Solar Eclipses and the Ionosphere, 
p. 279. London: Pergamon Press 1956. 

8 C.W. Allen: Terr. Magn. Atm. Electr. S3, 433 (1948). 

9 C.M. Minnis: Nature, Lond. 181, 543 (1958). 

10 J.F. Denisse and M.R. Kundu: C. R. Acad. Sci., Paris 244, 45 (1957)• 

11 Cf. Solar eclipses and the Ionosphere (ed. W. G. J. Beyon and G.M. Brown). London: 
Pergamcn Press 1956. With complete list of references. 

12 J.A. Ratcliffe, in: Solar Eclipses and the Ionosphere, p. 1. London: Pergamon Press 
1956. 
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The electrons may disappear by a recombination-like process (rate a' Nf) or by 
an attachment-like process (rate y N e ). So the number N e (t, h) at any given 
time or height will be determined by 

dN e ((, h)/dt = P{t, h) - a' [N e {t, A)] 2 (107-2) 

or 

dN e (t, h)/dt = P(i, h) — yN e (t, h). (107-3) 

There are two ways of determining a' or y from the observations, (i) With 
Eqs. (107.2) and (107.3) in combination with (107-1) and assuming a certain 
disk distribution of the ionizing radiation, the variation of N e can be computed 
for any adopted value of a' or y; the results may be compared with the observa¬ 
tions. Reversely, with an assumed value of a'(or y) the disk distribution of the 
ionizing radiation can be derived. Another, more direct but less precise way is 
by making use of the fact that the time of minimum electron density depends on 
the value of a' or y: for very small a' or y values (i^)min occurs a considerable 
time after totality (see e.g. Fig. 131). Clearly, the great difficulty in interpreting 
eclipse results is that both a' and the disk distribution of ionizing radiation are 
unknown and can vary during the eclipse. A short review of eclipse results is 
given below. 

E region. Observations of the minimum eclipse of 1932 suggested 1 that in the 
E region roughly (IV.) max oc (luminous area)!, corresponding with the recombina¬ 
tion mechanism. Here, a uniform disk distribution of the ionizing radiation was 
assumed. Observations at later eclipses permitted to derive quantitative infor¬ 
mation on the value of a' or y and on the brightness distribution on the disk. Dur¬ 
ing the 195-2 eclipse it was found 2 that activity centres can emit enhanced ionizing 
radiation. A narrow strip at the western limb had a surface brightness at least 
30 times that of the disk centre. That a part of the ionizing radiation comes from 
activity centres was also proved from outside eclipse observations (footnote 10, 
p. 348). Further 2 cl' e = 1.2X 10~ 8 . Also at the 1955 eclipse 2 a centre of activity 
emitted 20% of the ionizing flux. 

The distribution of the sources of ionizing radiation over the quiet Sun’s 
disk could be nicely investigated during the eclipse of 30 June, 1954 when the 
Sun was unusually inactive. There was an intensification near the east and west 
limbs (I ^1.5 I c ), whereas the poles showed a weakening (I & 0.8 to 0.9 I c ), a 
result that resembles the radio-intensity distribution at decimetre waves and the 
distribution of X-rays over the disk 3 (cf. Figs. 85 and 98). About 10 to 15% 
of the ionizing radiation seems to remain uncovered during totality 4 , whereas 
at the 1952 eclipse the residual intensity at totality was virtually zero 2 . 

Whether the .E-region ionizing radiation is due to X-rays (salOOA) or to 
radiation of the order of 800 to 1000 A cannot yet be decided: the former radia¬ 
tion has a residual intensity at totality of the order of 15 %, the latter of the order 
of some percents. 

F layers. For the F 1 layer a' is about half of that of the E layer 2 , but things 
are less simple for the F 2 layer because of the occurrence of polarization fields 
and since violent horizontal and vertical movements prevent the development 
of the ideal Chapman layer, as described by Eqs. (106.1) to (106.5). 

1 S. S. Kirby, L. V. Berkner, T.R. Gilliland and K. A. Norton: J. Res. Nat. Bur. 
Stand. 11, 829 (1933). 

2 C.M. Minnis: J. Atmos. Terr. Phys. 6, 91 (1955); 9, 36, 201 (1956); 10, 229 (1957). 

3 C.M. Minnis: Observatory 77, 94 (1957)■ 

4 See footnote 12, p. 348. 
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Fxi layer. In sites near the geomagnetic equator with dip angles less than 20° 
a new critical frequency, the Fn" layer” is sometimes formed, especially during 
eclipses. In general, the tendency to form stratifications is enhanced during eclipses 
(during the eclipse of 25 February, 1952 the h\ critical frequency was observled 
very clearly in Djibouti—as a rule it is there hardly visible in that time of the 
year 1 ). Also the E layer sometimes shows a splitting resembling the formation 
of the Fjj critical reflex. The explanation of the critical frequency was sug¬ 
gested by Ratcliffe. Let, before the eclipse, N e (h) be linear and let during the 
eclipse P(t) be constant for all heights and have the form as described in Fig. 131 a. 
Then, at different heights, the variation N e (t) of electron density will be as shown 

in Fig. 131b (slow recombination at 
great altitudes produces a retarda¬ 
tion of the ionospheric eclipse in the 
F 2 region). The cross sections at con¬ 
stant t indicate the occurrence of a 
steeper N e (h) gradient at moments 
1 and 2, thus suggesting the forma¬ 
tion of a new “layer”. 

D layer. The existing eclipse ob¬ 
servations are difficult to interpret 
since they only rely on intensity 
measurements of long and medium 
waves obliquely reflected or on meas¬ 
urements of the ionospheric absorp¬ 
tion of the field intensities of remote 
transmitters. (Vertical D layer sound¬ 
ing has not yet been made during 
eclipses.) There is some evidence 
that the sources of D and E ioniza¬ 
tion are located in the same regions 
of the Sun 2 - 3 . 

108. Radiation effects of flares; the problem of the D layer. Flares are asso¬ 
ciated with an increase of the Sun’s ultraviolet, X-ray, and corpuscular radiation. 
The ultraviolet wave radiation acts at the very moment of visibility of the optical 
flare; the influence of the corpuscular radiation is perceptible only after the 
travel time of the particles. The precise moment of X-ray emission is not yet 
certainly known. 

In this section the influence of the wave radiation is treated; if manifests itself 
on the sunlit side of the Earth by various kinds of “ Sudden Ionospheric Disturb¬ 
ances” (S.I.D.’s): 

(a) the Mogel-Dellinger effect (Short Wave radio Fade-out; S.W.F.); 

(b) the disappearance (Fade Out) of ionospheric reflections from all layers 
{E.F^FJ I 

(c) the increase of absorption of cosmic radio-noise at X ne 10 to 15 m (Sudden 
Cosmic Noise Absorption; S.C.N.A.); 

(d) the magnetic crochets; 
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Fig. 131. Explanation of the extra critical frequency f 0 F^ ^ 
during eclipses. J. A. Ratcliffe: in: Solar exlipses and the 
ionosphere, p. 1, 1956 . 


1 K. Rawer: Personal communication. 

2 Cf. footnote 12, p. 348. 

3 W.R. Piggot, in: Solar Eclipses and the Ionosphere, p. 106. London: Pergamon 1956. 
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(e) the increase of intensity of atmospheric noise, or of signals from remote 
stations, at very long wavelengths >10 km (Sudden Enhancement of Atmospher¬ 
ics; S.E.A.); 

(f) the phase change of signals at very long wavelength (Sudden Phase 
Anomalies; S.P.A.) and 

(g) the Sudden Fieldstrength Anomalies (S.F.A.) of distant transmitters 
(ss 15 kHz) recorded on radio-circuits. 

These effects, which usually start together with the onset of the optical 
flare and of the radio-noise at decimetre waves, or some minutes later, can be 
explained by an increase of ionization in the regions below 80 km. 

a) The short wave radio fade-outs (S.W.F.) are absorption effects', they consist, 
as a rule, of a sudden cease of the radiosignals observed at frequencies of 5 to 
20 MHz (15 to 60 metre) and over long distances (>1000 km) along the sunlit 
hemisphere, but some of the disturbances may start more gradually than the 
common “sudden fade-outs”, and are less easily recognized as flare associated 
phenomena. The onset of the fade-out is virtually simultaneous with the onset of 
strong flares—weak flares do not cause appreciable effects. In strong “ Dellingers ” 
the fade-out may be complete for five or ten minutes, then a gradual recovery 
sets in. 

In 1936 fade-outs occurred for 2.6, 14 and 43-4% of the flares of importance 
1, 2 and 3 respectively. Normally the short radio-waves travel by reflecting 
against the E and P layer, but at the time of a flare the reflecting ceiling decreases 
(by 15 km at the time of strong flares) to a region where the gas density and, 
therefore, the collision frequency are much higher. So radio-waves (but for those 
with X >10 km) loose their energy by damping; they are not reflected but ab¬ 
sorbed in the low ionosphere. 

b) and c) The ionospheric fade-outs and the S.C.N.A. (Figs. 132a and d) are 
explained in the same way as the Dellinger effect, by increase of the damping 
in the regions below the E layer. The higher ionospheric layers seem hardly 
influenced by the effects, so the origin of the ionization has to be looked for in 
a kind of penetrating radiation, mainly influencing the region below 90 or 80 km. 

d) Crochets are displacements of small amplitude in the continuous records of 
the H, D and V components of the Earth’s magnetic field. A sudden onset and 
a rapid rise is followed by a gradual return to normal (Fig. 132b). The crochets 
are generally small and only well observable when the magnetogram is for the 
rest fairly undisturbed. Their magnitude is very small when the Sun’s zenith 
angle exceeds 75 The increase of ionization causes an increase of the conductivity, 
principally in the lowest ionospheric layers. The corresponding increase of the 
ionospheric dynamo current system influences the Earth’s magnetic field. The 
sudden impuls of the crochets is correlated in time with the flash phase of the 
flare. 

The dynamo current referred to was initially proposed by Stewart (1882), the theory 
is developed by Chapman et at. It occurs in normal days mainly in the E layer, and is caused 
by the daily periodical motions of the ionized regions of the Earth under the influence of 
the Sun’s heat radiation and of the atmospheric tides. By the influence of these motions 
Foucault currents are induced in the ionosphere by the Earth’s permanent magnetic field. 
These currents are naturally accompanied by magnetic fields, which become superimposed 
on the permanent geomagnetic field. They could also be detected 1 (from a statistical study 
of E layer sounding observations) by the distortion of the E layer produced by their effect. 

e) Sudden enhancements of atmospherics (S.E.A., Fig. 132c). While at short 
wavelengths radio-waves are absorbed during a solar flare, and at medium 


1 E.V. Appleton, A. J. Lyon and A. G. Turnbull: Nature, Lond. 176, 897 (1955). 




352 


C. de Jager: Structure and Dynamics of the Solar Atmpsphere. 


Sect. 108. 


wavelengths nothing happens, at very long wavelengths the signals obtained 
from remote stations are strengthened during a flare. The increase of the noise 
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Fig. 132a— cl. Some types of S.I.D.’s (sudden ionospheric disturbances) mainly observed during the great flare of 23 Feb., 
1956 (03.32 to 04.15). (a) Disappearance of ionospheric reflexes (ionospheric Fade Out) on 23Feb., 1956. Upper figure: 
03^00 UT. Lower figure: 04^00 UT. Courtesy K. R. Ramanathan, Ahmedabad, India, (b) A magnetic crochet in a H 
magnetogram at 03^35 UT on 23 Feb., 1956. Scale: 29.5 y/division. Courtesy A. K. Das, Kodaikanal, India, (c) A Sudden 
Enhancement of Atmospherics, on 24 March, 195L Observations at 27 kHz; S-S mark the times of local sunrise and sunset 
at ground level. M. A. Ellison: J. Atmos. Terr. Phys. 6, 226 (1953). (d) A Sudden Cosmic Noise Absorption at O3.35 UT 
on 23 Feb., 1956, frequency 25 MHz. Courtesy K. R. Ramanathan, Ahmedabad, India. 


at long wavelengths (>10km), principally emitted by distant tropical thunder¬ 
storms, can be used as a flare indicator. At a long-wave receiver this noise, summed 
up over the whole tropical zone, is rather constant and shows only a regular daily 
variation. Its enhancement during flares is due to the improved reflectivity 
for long waves, at oblique incidence against the basis of the D layer during a 
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flare. As a rule, all flares of importance classes 2 and 3 and 50% of the importance 1 
type flares produce S.E.A.'s 1 . 

f) The sudden phase anomalies (S.P.A.) have been measured in a wide fre¬ 
quency range (16 kHz to 2.5 MHz) 2 . Normally, when the sky wave and the ground 
wave are received from a nearby long-wave transmitter, there will be a certain 
phase difference between the two waves. When, during a flare, the reflecting 
ceiling falls, there occurs a relative phase shift. The S.P.A. offers a fairly direct 
method to measure the lowering of the reflection height during flares. 

g) The sudden field strength anomalies (S.F.A.) are due to interference between 
the ground wave and the sky wave from the D layer. 

There is some controversy whether the onsets of the S.I.D.’s occur at the same 
moment as the optical flare. In any case Ellison 3 has made the following list: 

No. of cases 


Flare starts 

— 10 m 

SPA 

SEA start 



— 6 m 

Crochet 

start 



_oin 

SWF 

start 


Maximum of flare 

0 





+ 2?S 

Crochet 

maximum 

13 


+ 5 m 

SPA 

maximum 

8 


+ 5 m 

SFA 

maximum 

21 


+ 7 m 

SEA 

maximum 

8 


According to Dodson 4 the S.I.D. starts as a rule during the ascending branch 
of the flare light curve and before maximum. Very many exceptions occur. 
After very intense flares (3 or 3 + ) the D layer ionization may not return to its 
pre-flare value for a period of the order of l h after all visible radiation has ceased. 

The above features refer rather to "normal” flares, but a unique feature 
displayed by the great flare of 23 February, 1956 was that it also produced 
pronounced ionospheric effects on the night side. The onset of these effects 
was at 03.45 ±0.01 UT, later than that of the optical flare but simultaneously 
with the onset of the cosmic ray burst; it is obviously due to the influence of 
the cosmic ray burst associated with the flare (cf. Sect. 109). 

The problem how to explain the increase of ionization in the lowest ionospheric 
layers was already touched in Sect. 54. The normal "D layer” is produced by 
the ionizing influence of Lya, which penetrates to about 80 km through the 
accidental occurrence of a sharp (1 A wide) absorption window at 1215 A, but 
no flare can produce a Lya radiation sufficiently intensive to reduce the D layer 
ceiling by as much as 15 km, as was observed during strong flares. Since further¬ 
more there is an imperfect correlation between the time duration of the Ha 
emission of flares (supposed to go more or less parallel to the Lya emission) 
and the duration of the anomalous D layer ionization, Siedentopf 5 and later 
Friedman and Chubb (see Sect. 54) assumed that the lowering of the reflecting 
layer was due to hard X-rays of wavelengths near 2 A. The X-rays are so much 
more efficient in producing the D layer ionization, because they ionize all consti¬ 
tuents of the ionosphere, whereas Lya ionizes only NO molecules, present as a 
trace constituent in the upper atmosphere. The prediction was beautifully con¬ 
firmed by the rocket observations during flares when X-ray radiation in a suffi¬ 
cient quantity was observed above 2 A (cf. Sect. 54). However, not all flares 

1 M.A. Ellison: J. Atmos. Terr. Phys. 4, 226 (1953). — Comm. Obs. Edinburgh 6 (1953). 

2 K. Weekes: Observatory 75, 65 (1955). 

3 M.A. Ellison: Vistas in Astronomy 2, 799 (1957). 

4 H.W. Dodson: Trans. Internal. Astronom. Union 9, 650 {1957)■ 

5 H. Siedentopf: Arch, elektr. Ubertragung 4, 97 (1950). 

Hand bitch der Physik, Bd. LI I. 
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that emit X-rays produce S.I.D.’s (Warwick and Zirin 1 ). This is due (Chubb 
et al . 4 ) to the steep increase of the atmospheric absorption with depth: the 
amount of ionizing radiation should greatly increase to produce an appreciable 
lowering of the “D layer” ionization. The observations of limb flares 2 show that 
no S.I.D.’s are produced by flares with heights lower than 15000 km, thus sug¬ 
gesting that the ionizing radiation comes mainly from regions above that height. 

109. Corpuscular effects associated with flares or “active sunspots”. Although 
flares themselves have little to do with high velocity particle emission, par¬ 
ticles may be emitted by other mechanisms, associated with flares. The solar 
evidences for the emission of particles of various energies have been summarized 
in Sect. 59- The arrival of the solar particles near the Earth is shown by a magnetic 
storm, especially manifest in the H component of the magnetic field. As a rule, 
the storm starts with an onset, followed first by a positive deflection, remaining 
positive during about 3 to 6 hours (average deflection 10 y), and then by a nega¬ 
tive deflection (—20 to — 30 y) with a very slow recovery, sometimes taking 
more than 2 or 3 days. Rapid fluctuations up to + 500 y and —1000 y are super¬ 
imposed over this mean curve (Fig. 133) 3 - This figure shows a “sudden com¬ 
mencement storm” (s.s.c.); besides, there occur also non-s.s.c. (cf. Sect. 110 ). 

Observations show that 80, 30 and 20% of the flares in the disk centre of 
importance 3 + , 3 and 2 are followed by a geomagnetic storm within about two 
days 4 . The average flare storm interval is 34 h for relatively “small” flares 
(imp. 3 ); it is 22 h for the most important ones ( 3 + ), the shortest interval on 
record 5 is 17 h - These travel times correspond with mean velocities of 1200, 
1900 and 2400 km/sec, respectively. With the exception of great flares, it is 
jften difficult to find out to what flare a certain storm is due. This causes an 
uncertainty in the determination of travel times. The early determinations might 
give incorrect travel times due to the incompleteness of the early flare statistics. 
Furthermore, the restriction to the disk centre was not justified: geomagnetic 
storms can be emitted from flares all over the disk. Finally a distinction should 
be made between geomagnetically active and inactive flares (see below). 

It was noticed by Becker and Denisse 6 that the activity centres emitting 
magnetic storm particles often also emit radio-noise storms. In connection with 
the foregoing this might be said in another way: flares followed by a radio-noise 
storm tend to emit particles. This suggests that the radio-noise storms bear some 
connection with disturbances moving through the Sun. A similar result was fo und 
by Simon 7 : the geomagnetic activity is more closely correlated with radio features 
than with optical features, and in this respect a distinction should further be 
made between “active” and “inactive” sunspots. 

The geomagnetic activity tends to increase 8 > 9 one to four days after the passage 
of a radio-noise active spot-group (the so-called “R spots”); in the same time 
interval the critical F 2 frequency decreased at night. The central meridian passage 

1 J.W. Warwick, H. Zirin, T. A. Chubb, H. Friedman, R. A. Kreplin and J.E. 
Kupperian: Nature, Lond. 180, 500 (1957). 

2 C.S. Warwick: Astrophys. Journ. 121, 385 (1955). 

3 Chapman: Mixed Commission of the Ionosphere; 3rd meeting, p. 84, 1953- 

4 H.W. Newton: Vistas in Astronomy 1, 666 (1956). 

5 H.W. Newton and W. Jackson: 7 ieme Rapport Commission Relations Phenomenes 
Solaires-Terrestres, p. 107, Paris 1951. 

0 U. Becker and J.F. Denisse: J. Amer. Terr. Phys. 5, 70 (1954). 

7 P. Simon: Radio Astronomy. I.A.U. symposium No. 4 , p. 334 , 1957 . 

8 J.F. Denisse: Ann. Geophys. 8, 55 (1952). — C. R. Acad. Sci., Paris 236, 1856 (1953). 

9 P. Simon: Ann. d’Astrophys. 19, 122 (1956). — Ann. Geophys. 12, 167 (1956); 9 ieme 
Rapport Commission Relations Phenom&nes. Solaires Terrestres, p. 69 , 1957- 
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of activity centres that do not emit radio-radiation (" Q spots”) correspond with 
a decrease of geomagnetic activity at about the same time interval. Even if the 
centre contains many flares, which, however, do not emit radio-radiation, the geo¬ 
magnetic activity does not increase. The first observation suggests a relation 
between the radio-noise emitted by some spots and the emission of fast par¬ 
ticles. 

Dodson and Hedeman 1 looking for a correlation, not with noise storms but 
with outbursts found a close association between flares with major early bursts 
on 200 MHz (example: Fig. 105; flare of 31 August, 1956) and magnetic storms 
with sudden commencements. The average time interval is 56 to 60 h , longer 
than assumed in Newton’s statistics (but the new results also apply to weaker 
flares); the extreme values are I8 h and 4 to 5 days (upper limit uncertain). The 
particle emission can be produced from all points on the disk but seems strongest 
close to the central meridian. On the basis of these statistics one calculates an 
average velocity of 700 km/sec for the "flare storms”. The geomagnetic storm 
may last for many hours, it is strongest in the polar region, weaker near the geo¬ 
magnetic equator. Roberts (footnote 3, p. 313) found strong correlation between 
flares producing type II bursts and geomagnetic storms. 

Sinno 2 (cf. also 3 ) found that the probability of a geomagnetic storm depends 
on the importance of a flare and the intensity of the radionoise (200 MHz), 
and also on the position of the source on the disk (more storms are produced 
by important flares, emitting strong radionoise, in the disk centre). 

In conclusion sudden-commencement geomagnetic storms (s.s.c.) may be 
related to the c.m.p. of radio-noise active sunspots or be emitted together with 
flares with major premaximum bursts or with type II bursts; about 25% of 
the s.s.c.’s remain unexplained 4 . The non-s.c. storms which seem mainly to be 
emitted by M regions are treated in Sect. 110. 

If the observed average particle velocity (found from the travel time) is 
smaller than 10 3 km/sec it can no longer be put equal to the velocity of ejection. 
Olj b , taking the Sun’s gravitational field, and the Sun’s and the Earth’s rotation 
into account computed that average travel velocities ol 750, 500 and 250 km/sec 
correspond to velocities of ejection of 870, 770 and 670 km/sec. Hence the "flare 
storm particles” seem to be ejected with ws»850 km/sec. 

The theory of the phenomena occurring around the Earth during and after 
the approach of the interplanetary particle-cloud (cf. Fig. 134) is mainly due to 
Chapman and Ferraro 6 ’ 7 . (For a summary of other theories cf. 8 .) The cloud of 
charged particles emitted by the Sun, being ionized but neutral, behaves as if 
it were perfectly conducting; it carries with it a part of the solar magnetic field. 
This field will be unobservable when it arrives near the Earth because of the 
geometrical broadening during the travel-time Sun-Earth, but its effect is that 
the cloud acts as a diamagnetic body, impermeable to the Earth’s magnetic 
field. So, upon approach to the Earth the terrestrial magnetic field is pushed 
back, causing surface currents to be induced in the cloud’s front part at 

1 H.W. Dodson and E.R. Hedeman: In the press. 

2 K. Sinno: Rep. Ion. Res. Japan 11, 195 (1957). 

3 Y. Hakura: J. Radio Res. Japan 5, 57 (1958). 

4 J. Roosen: Ionosphere and Radio Astr. Section, Netherl. P.T.T., report 14 (1957)- 

5 A.I. Olj: Solnetshnye Dannye 1, 79 (1955)- 

6 S. Chapman and V.C. A. Ferraro: Papers in Terr. Magn. 36 (1931); 37 (1932); 38 
(1933); 45 (1940). 

7 V.C. A. Ferraro: Ann. Geophys. 11, 284 (1955)- 

8 V. C. A. Ferraro : 9ieme Rapport Commission Relations Phenomenes Solaires Terrestres, 
p. 91, 1957; also: E.N. Parker: J. Geophys. Res. 61, 625 (1956). 
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the expense of the kinetic energy of the cloud. This front part is extremely 
thin, having a thickness of the order of Vrja, where r is the time to increase the 
field by a factor e and a is the electric conductivity of the matter. For a particle 
density 1 cmr 3 the front has a thickness of 5 km; if N = 10 3 cm -3 it is f 60 metres. 

Because of this shielding effect, protons and electrons at the other side of 
the cloud are not deflected; they overtake the braked front part, thus enabling 
the cloud particles to penetrate somewhat further into the Earth’s magnetic 
field, each time again forming a new front until the cloud is finally stopped. 

The initial compression of the magnetic lines of force of the Earth’s field 
causes a sudden increase of this field, thus producing the observed sudden onset 
of the storm. This is the first phase of the storm, starting already when the cloud 
is at an average distance of 5 X10 5 km. 



Fig. 134 a and b. (a) Illustration of the counteraction between a particle stream coming from the Sun and the Earth’s 
magnetic field, (b) Unstable surface charges are supposed to be formed on the wails of the curved hollow space. The 
arrows indicato the paths described by the escaping charges. These might form a ring current around the Earth. V. C. A. 

Ferraro: Ann. de G6oph. 11, 284 (1955). 


The second, main phase of the storm appears to be associated with the forma¬ 
tion of a ring current around the Earth. The Earth’s magnetic field produces a 
hollow cavity in the approaching cloud, open to the side of the Earth, away from 
the Sun (Fig. 134). The opposite deflecting forces of the magnetic field will 
produce a charge separation on the inner side of the hollow: it becomes positively 
charged on the side facing the morning side of the Earth. The origin of the ring 
current, for which the evidences mainly rely on observational data, not so much 
on theory, can be explained qualitatively with Fig. 134. 

The inner radius of the ring is differently estimated by different authors; 
an average value is 40000 km; the outer radius might be about 65000 km. Once 
this ring having been set up, it will be very stable due to its electromagnetic 
inertia. Its slow decay, estimated to take some days, agrees well with the slow 
recovery of the geomagnetic field during and after the storm. Some of the par¬ 
ticles may obtain a subsequent acceleration in this ring current; they may reach 
the Earth and produce the aurorae. 

A detailed discussion of the auroral -problem is far outside the scope of this 
section 1 . Important for the understanding of the aurorae is the occurrence in 
their spectra of the H a and H„ lines, which are moreover Doppler displaced. 
This shows that protons coming from outside the Earth play a role in the formation 
of the aurorae. 

1 Summary of auroral observations and theories: J.W. Chamberlain, in Vol. 4 of 
Advances in Geophysics (ed. H.E. Landsberg and J. van Mieghem). New York: Acad. 
Press 1958. 
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The radial velocities of the incoming particles have been determined with 
auroral spectra of H a and H 3 . The profiles of the lines due to the incoming 
particles (spectrograph pointed at magnetic zenith) are displaced and asymmetric, 
the broadening and displacement (up to 10 A) shows a mean velocity of approach 
of 350 to 450 km/sec; the maximum velocities range between 1400 and 3000 km 
per sec. The velocities outside the Earth’s atmosphere are certainly much greater 
than the above quoted values since the incoming particles are slowed down in 
the atmosphere. 

The essential auroral problem is to explain the observed intensity /h« and 
the observed distribution of velocities v by one and the same distribution of 
initial velocities v Moreover these initial velocities should not be in disagree¬ 
ment with the observed travel times of the particles. The problem has not com¬ 
pletely been solved (see Bates’ paper 4 ): A beam of incident protons is mainly 
stopped near the 100 km level: a proton of 5 keV penetrates down to h = 135 km; 
one of 25 keV comes to 120 km, one of 200 keV to 105 km, protons of 1000 and 
4000 keV come to 90 respectively 75 km. The main auroral region is between 90 
and 120 km. The computation of the rate of recombination in a beam of incident 
protons shows that Ha emission virtually only takes place when the proton 
energy has been reduced to about 100 keV, and that more than half of the emission 
occurs at energies less than 50keV. The Ha emission is naturally followed by 
a Lya emission with estimated intensities 16 to 1600 erg cm~ 2 sec -1 . (In an aver¬ 
age case the Lya emission following the Ha emission might double the “D layer” 
ionization® by ionization of NO.) 

The range in which emission would take place if a mono-energetic beam of 
particles would enter the atmosphere is small, of the order of 3 km, in contra¬ 
diction with the observations. The contradiction could be solved by the hypo¬ 
thesis that there is a great spread in the velocities of the incoming protons, or 
that the mono-energetic protons have a certain dispersion in direction®. Chamber- 
lain 3 found the best agreement between observed and calculated luminosity 
curves and line profiles by assuming a velocity spread in the incident flux of 
particles varying as tr 2 ; the angular dispersion is probably proportional to cos 2 D 
(§ is the angle with the normal). 

However, a velocity spread cannot be reconciled with the long travel times: 
there would be an observable time difference between the arrival of slow and 
fast particles. This suggests the existence of an acceleration mechanism close to 
the Earth. 

Another, stronger argument for the existence of such an accelerating mechan¬ 
ism is based on the inference that to be able to penetrate down to 100 km, the 
initial velocity Voo of the protons must have been as great as 10 4 km/sec. This 
great velocity cannot be reconciled with the travel times (1 day corresponds with 
1750 km/sec). 

Martyn 7 showed that a potential difference of 10® to 10® eV, set up in the ring 
current, might initiate a discharge, giving such velocities that the accelerated 
particles may reach the polar zone down to 100 km. 

1 A.B. Meinel: Astrophys. Journ. 113, SO (1951). 

2 J.X. Galperin: Astr. Zhurn. 34, 131 (1957); 35, 382 (1958). 

3 L. Vegard: G 6 ophys. Publ. Oslo 18, No. 5 (1952); 19, No. 9 (1956). — J.W. Cham¬ 
berlain: Astrophys. Journ. 120, 360 (1954). 

4 D.R. Bates: Ann. Geophys. 11, 253 (1955). 

5 A. Omholt: J. Atmos. Terr. Phys. 9, 28 (1956); 10, 320 (1957). 

s A. Omholt: J. Atmos. Terr. Phys. 9, 18 (1956). 

7 D.F. Martyn: Nature, Lond. 167, 92 (1951). 
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An effect, accompanying magnetic storms, has been mentioned earlier, that 
of the decrease of the general cosmic ray intensities. The explanation of this 
modulation effect has not yet been given. 

I he ionospheric effects of solar cosmic rays have been remarked only in the 
case of the flare of 23 February, 1956 by the influence exerted on the night side of 
the Earth. The various kinds of then observed Sudden Ionospheric Disturbances 1 - 2 
are explained by a sudden decrease by about 8 km of the low ionosphere. The 
onset of these phenomena was at 03-45 ;t 0.02 UT, still somewhat depending 
on the place on Earth, and are obviously caused by the increased ionization 
produced by the cosmic ray particles. The effects were greater at higher latitudes, 
and reached a maximum at geomagnetic latitudes near 60°; no effects were 
observed below 30°, corresponding with a spectral distribution ~ exp (— jE) 
above £ = 10 9 eV. It was suggested that the increased ionization is produced 
by singly ionized He atoms with energies of some GeV; protons cannot produce 
the effect, their minimum energy should be 2 GeV to produce the observed lati¬ 
tude distribution, but in that case they would penetrate too deeply. 

110. Corpuscular effects of M-regions; continuous corpuscular radiation. The 

preceding section described the strong magnetic storms. These occur only 
in connection with flares (hence “sporadically") and usually start suddenly. 
Many of the moderate and weak magnetic storms are not related to flares, and 
they show a strong tendency to recur with a period of 27 days. Such a periodicity 
has been determined by the daily magnetic character figures in which a distinc¬ 
tion is made between days of different grades of disturbedness. In Fig. 135 (left) 
the white squares represent the quietest days 3 . The days are arranged in 27-day 
periods. The tendency for the same region to remain active during many solar 
rotations is clear. The years preceding sunspot minimum are most favourable, 
for the appearance of long recurrencies of M storms because of the occurrence 
of old activity centres, which are not destroyed by the formation of new centres. 
Another way to trace the 27-day recurrence period is to select a great number of 
“zero dates”, being days of high character figures, and to determine the mean 
character figures for 30 or more following or preceding days. It then, of course, 
appears that the column for day zero has a high mean, but another top occurs 
after 27 or 28 days. Naturally autocorrelation or similar techniques could also 
be applied. That the recurrency is better developed near minimum than near 
sunspot maximum is also shown by Fig. 136 (Fokker 4 ). 

The recurrence tendency is a property of moderate and weak magnetic storms. 
The relation between the recurrence tendency of the magnetic storms and their 
intensities is given by the Table 20 below: 


Table 20. 


Intensities of storms 

Number 
of storms 

Number 
of recurrences 

Ratio 

< 130y. 

73 

18 

0.25 

130 to 149 y . 

91 

1 24 

0.26 

150 to 179 y . 

91 

19 

0.21 

>1S0y. 

88 

11 

0.12 

Very intense storms . 

60 

3 

0.05 


1 M.A. Ellison and J.H. Reid: J. Atmos. Terr. Phys. 8, 291 (1956). — Comm. Obs. 
Edinburgh 11 (1956). 

2 A. Ehmert and K. Revellio: Z. Geophys. 23, 113 (1957). 

3 J. Bartels: Terr. Magn. 39, 201 (1934). 

4 A.D. Fokker, in: Commission Mixte Phenomenes Solaires Terrestres, Reunion Dublin 
p. 17, 1956. 
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Fig. 135. Twenty-seven-day recurrence time-patterns for geomagnetic activity (left) and sunspot numbers R (right). 
The diagram covers one solar cycle (1923 to 1933) and shows the occurrence of long lived M regions, especially after 
sunsopt maximum. S. Chapman and J. Bartels: Geomagnetism, I, p. 411. Oxford: Clarendon Press 1940. 


















































Sect. 110. Corpuscular effects of iW-regions; continuous corpuscular radiation. 56 1 


That very intense storms recur only rarely confirms the knowledge that they 
are produced simultaneously with flares. 

The fact that no definite solar source could be detected, responsible for these 
particle beams, has led Bartels to the introduction of the Af-regions, hypothetical 
regions assumed responsible for the emission of particles during periods, sometimes 
lasting for several solar rotations. In Sect. 47 reference was made to the relation 
between the M-regions, Babcock’s UM --regions and Wai.dmeier’s C-regions: 
the particles are mainly emitted by regions where the coronal 5 3 03 A intensity 
and also the number of prominences 
may be small but still greater than 
one would expect on the basis of the 
local number of sunspots or faculae. 

There is a negative correlation with 
bright areas of 5303 A emission 
( ae centres of activity and facular 
fields). No M region does extend 
over the equator: there is a rela¬ 
tively sharp equatorial cut-off of the 
emitted particles. 

Although the general corpuscular 
activity follows the same trend as 
the sunspot activity, reaching high 
maxima during active cycles and 
even showing the same N-S asym¬ 
metry as the spots 4 , the average geo¬ 
magnetic character figures show bet¬ 
ter correlation with the prominence 
areas 2 : the years 1945 to 1949 had 
very high sunspot numbers R but a 
relatively low total prominence area; 
accordingly the geomagnetic activity 
was less in that cycle than in the 

three preceding ones in which i? max days —*- 




was less than in 1947. This would 
support the assumption that M 
regions have some relation to coro¬ 
nal rays: these too are related to 


Fig. 136 . Recurrency of magnetic activity for two years near 
sunspot maximum and two years shortly before minimum. 
The graphs are derived by a modified method of superimposed 
27-day rows. The recurrence tendency is greatest near the 
minimum of solar activity. A. D. Fokker: Comm. Mixte 
Ph6n. Solaires Terrestres, Reunion Dublin p. 17, 1956. 


(quiescent) prominences. 


Mustel 3 suggested the non-s.c. storms to be connected with the central 
meridian passage of faculae. His explanation for the difference between s.s.c. 
and non-s.c. storms is that the first are emitted by activity centres, carrying 
with them a “frozen” magnetic field. The entrance of this field into that of the 
Earth would produce the sudden commencement (see also Sect. 47). 


As a rule the passage of an M region over the disk does not produce important 
or even notable disturbances on a radio-record, but in three cases relating to the 
same disk passage a pronounced synchronism and similarity in form was observed 4 
between intense deflections on a magnetogram and radiobursts at 300 cm; dura- 


1 W. Gleissberg: Z. Astrophys. 43, 144 (1957). 

2 R. Ananthakrishman: Nature, Lond. 172, 854 (1953). 

3 E.R. Mustel: Astron. Zhurn. 34, 120 (1957); 35, 351 (1958). — Isw. Krymsk. Astro¬ 
phys. Obs. 18, 162 (195S). — E. R. Mustel and A. S. Dvoriashin : Astron. Zhurn. 35, 3 (1958). 

4 A.K. Das and B.N. Bhargava: Nature, Lond. 172, 855 (1953). 
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tion 5 to 10 min. No optical phenomena were recorded, but the crochetlike 
magnetic disturbance is likely to be due to a flash of ultraviolet or X-ray emission 
whereas the radiobursts indicate a simultaneous coronal disturbance. 

The travel times of the M type disturbances are longer than those of the great 
storms; they range between one and four days. Still longer travel times may 
perhaps also occur, but they are very difficult to trace. 

An important property of the radiation producing the weak magnetic storms 
is their sharp directivity in contrast to the flare-storms: the weak storms seem 
to occur only when the source is close to the central meridian of the Sun. The 
emission is confined within an angle of 10 to 15°. The short duration of the 
storms (^one day) is assumed to be due to the fact that the corpuscular fan 
sweeps over the Earth in this time interval. 

Apart from the discrete emissions of solar particles the existence of comets’ 
tails indicates the occurrence of a continuous stream of particles streaming radially 
from the Sun (Biermann 1 ). The estimates 2 yield a solar loss of mass of 3 X 10 10 
to 3 x 10 12 g sec -1 ; the resulting streamer density near the Earth may range be¬ 
tween 0.1 and 100 atoms/cm 3 . Biermann 3 estimates a loss of 7X 10 10 g sec -1 ; 
the energy loss of the quiet Sun is 10 6 ergs cm -2 sec -1 , hence about 2X10 -5 of 
the solar constant. With an assumed particle velocity of 500 km/sec, and as¬ 
suming an anisotropic particle radiation the two latter values yield a particle 
density at the Earth’s distance of 150 and 2 cm -3 , respectively. 

General references. 

The three books [7], [2], [3] listed below appeared in 1953 and 1955- They deal exten¬ 
sively with the subject of this article. For that reason it has not been tried to reach complet- 
ness as to the literature before 1953; only some of the most important papers are mentioned. 
It was attempted to make the later references more complete. 

[7] Various authors: The Sun. Vol. I of “The Solar System”; ed. G. P. Kuiper. Chicago, 
Ill.: Chicago University Press 1953- 

[2] Unsold, A.: Physik der Sternatmospharen, 2. Aufl. Berlin: Springer 1955. 

[3] Waldmeier, M.: Ergebnisse und Probleme der Sonnenforschung, 2. Aufl. Leipzig: 
Akademische Verlagsgesellschaft 1955. 

Some further references: 

[4] Abetti, G.: The Sun. London: Faber & Faber 1956. 

[5] Alfven, H.: Cosmical electrodynamics. Oxford: Clarendon Press 1950. 

[6] Bruhat, G., and L. d’Azambuja: Le Soleil, 2nd ed. Paris: Presses Univ 1951. 

[7] Cowling, T. G.: Magnetohydrodynamics. New York: Interscience Tracs on Physics 
and Astronomy 1957- 

[S] Ellison, M. A. : The Sun and its influence. London: Routledge & Kegan Paul Ltd. 1955- 

[9] Kiepenheuer, K. O.: Die Sonne. Berlin: Springer 1957. 

[79] Mustel, E.: Chapter III of “Theoretische Astrophysik”, von V. A. Ambarzumjan, 
E. Mustel u. a. Berlin: VEB Deutscher Verlag der Wissenschaften 1957. 

[77] Many authors: Convegno Volta 11, 1952. Roma: Accad. Naz. d. Lincei 1953- 
[72] Many authors: Chapters 4, 6. 7 and 8 of “Vistas in Astronomy”, ed. A. Beer. London & 
New York: Pergamon Press 1955/56. 

1 L. Biermann: Z. Astrophys. 29, 274 (1951). 

2 S. K. Vsekhsvjatsky et at.: Astron. Zhurn. 32, 165 (1955). — E.R. Mustel: Astron. 
Zhurn. 32, 177 (1955). — G.M. Nikolskij : Astron. Zhurn. 33, 588 (1956). 

3 L. Biermann: Observatory 77, 109 (1957). 






The Atmospheres of the Planets. 

By 

Harold C. Urey. 

With 3 Figures. 


I. Introduction. 

1. General introduction. The atmospheres of the planets have markedly 
different compositions from that of the Sun, and the origin of these differences 
is a fascinating study of the chemistry and physics of the elements which has 
been pursued by many scholars. The planetary atmospheres consist of hydrogen, 
helium and the other inert gases and compounds of hydrogen, carbon, nitrogen 
and oxygen to the exclusion in a high degree of any other elements. Moreover, 
these atmospheres in some cases have surely changed their chemical composition 
during the time since the solar system can be said with some precision to have 
originated. These chemical changes depend upon the chemical properties of 
the compounds of these elements, the electromagnetic and particle radiation 
from the Sun, the relative proportions of the elements, the temperatures of the 
planets and other factors. The terrestrial planets have atmospheres which are 
very thin, while the atmospheres of the major planets are very deep and hence 
the two groups present quite different problems. Because of our better under¬ 
standing of the Earth’s atmosphere it will be discussed in detail first and then 
other atmospheres will be compared with that of the Earth. 

It is immediately evident that much of the gaseous compounds of the atmo¬ 
spheric elements were lost from the terrestrial planets early in their history and 
there are important lines of evidence indicating that such loss also occurred in 
the case of the major planets. This loss must have occurred while the mass of 
the planet was distributed within a much larger volume than is the case at the 
present time (Urey 1951, 1952a). Once an abject as large as Mars accumulated 
within a gas mass of solar composition, no rapid loss of gas could be expected 
and it would be difficult to believe that the Earth would be left with a very thin 
atmosphere and, in particular, such gases as krypton and xenon could not have 
escaped so completely as they have. The fractionation was not determined by 
atomic and molecular weights, but by chemical properties, i.e. by the different 
volatilities of their compounds or by the formation or non-formation of stable 
non-volatile compounds. Thus in the case of the Earth water and nitrogen were 
retained, while neon, having a similar atomic weight, was lost in a high degress 
[Aston (1924); Jeffreys (1924); Russell and Menzel (1933); Suess (1949); 
Brown ( 1949 )]. 

In order to discuss the early histories of the atmospheres some conclusions 
in regard to the temperatures at which the planets were formed are desirable. 
It is well to look for evidence in regard to this matter rather than to trust hypo¬ 
theses. As mentioned above, a certain fractionation of the elements has occurred 
in the case of the terrestrial planets and the meteorites and the character of 
this fractionation puts limitations on the processes to which they have been 
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subjected. Briefly, the terrestrial planets have lost those elements which are 
volatile at present terrestrial temperatures. The meteorites have not lost the 
elements which are next to these in volatility, naively, arsenic, cadmium, and 
zinc, and the Earth has not lost these, and mercury as well, in any important 
degree (Urey 1954). Other elements may have high volatilities under similar 
conditions, but no great loss of volatile elements of this class has occurred. We, 
of course, know nothing about this question for any other planetary body. Also, 
these elements are not concentrated noticeably in the Earth’s surface as might 
be expected if the Earth had been formed in a molten condition. (The possibility 
that the Earth’s surface, after the origin, was completely mixed with the Earth’s 
interior is not excluded.) The substances concentrated at the Earth’s surface 
are those which are volatile at low temperatures, namely, water, nitrogen, carbon 
dioxide, the inert gases, and those which are soluble in water at low temperatures, 
namely, chlorides, bromides, iodides and borates 1 (Urey 1953 b). The evidence 
favors moderate temperatures for the formation of the meteorites and the Earth 
except for local and temporary high temperatures which produced no fractiona¬ 
tion of the elements. In this chapter we shall assume generally low temperatures 
for the formation of the terrestrial planets. 

Atmospheres have developed with time since the formation of the planets 
through three well recognized possible processes as observed on the Earth, the 
gravitational escape of gases into interplanetary space, the escape of constituents 
from the planet’s interior into the atmosphere and chemical reactions of planetary 
gases with the solid materials of the planet. Also the capture of gaseous con¬ 
stituents has been considered from time to time, and limited amounts of certain 
constituents are produced by radioactive processes. These possibilities will be 
discussed in the case of each of the planets, but at this point a brief summary 
can be given. The major planets at present will lose no gases to space, not even 
atomic hydrogen. The Earth loses hydrogen and helium but no other constituents 
so far as we know. This is probably true of Venus as well. Mars surely loses 
hydrogen and helium and may even lose molecules in the molecular weight range 
of 16 to 20. The Moon and Mercury have lost their atmospheres completely or 
nearly so, in so far as our observations can determine, and this is expected on 
theoretical grounds. The satellites of the major planets and Pluto, with the 
exception of Titan, have no observable atmospheres and presumably they have 
been lost or condensed on their surfaces. 

Since hydrogen will always escape from planets more readily than any other 
atom or molecule, and since the loss of hydrogen is always equivalent to an 
oxidation process, the escape of atmospheres produces a more oxidized condition 
of the planet. Given a mixture of reduced gases such as CH 4 , NH 3 , H 2 0, etc., 
the escape of hydrogen causes the appearance of more highly oxidized substances 
such as C, CO, C0 2 and N 2 , the many carbon compounds which are all more 
oxidized than the initial molecules, and even free molecular oxygen, 0 2 (Poole 
1941). Thus, the atmospheres of the Earth, Venus and Mars are all highly oxidized 
and undoubtedly owe this character to the more rapid escape of hydrogen. 

It is a well observed fact that certain atmospheric constituents are coming 
to the surface of the Earth from its interior, and it is a plausible idea that the 
oceans and atmosphere of the Earth have originated in this way. Rubey (1955) 
has advanced many arguments for this point of view. Hence, it is possible that 
similar processes have occurred on other planets. 

1 The halogens are often referred to as volatiles following Goldschmidt, but this is in 
error. Halogen salts are only slightly hydrolized to the hydrogen halide at high temperatures 
and halogen salts are not markedly volatile. 
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Two important chemical reactions may remove constituents from atmospheres. 
Free oxygen reacts with ferrous iron of silicates to produce ferric iron and thus 
free oxygen would be removed from the atmosphere. The ferric iron of the 
Earth may have been produced in this way, but oxidation by water may have 
produced much of it without the necessity of contact with the atmosphere. 
Chemical reactions between gases and solids are usually slow and often imper¬ 
ceptible because of lack of contact between the gas and the interior of the solid 
particles. On Earth the oxidation of ferrous iron by oxygen has been promoted 
by the disintegration of rocks by water as well as by the diverse activities of 
living organisms. 

Carbon dioxide reacts with magnesium, calcium and ferrous silicates to form 
carbonates and silicon dioxide. The equilibrium pressure of carbon dioxide is 
very low at terrestrial surface temperatures, e.g. 1CT 8 atmospheres for the reac¬ 
tion, 

CaSi0 3 + C0 2 = CaC0 3 -j- Si0 2 . 

Perhaps the thermodynamic properties of CaSi0 3 are not representative of 
igneous rocks, but there is no doubt that the absorption of C0 2 by silicate rocks 
is a favored reaction and that it will proceed, if effective contact is made in the 
presence of water and active erosion. No high pressure of carbon dioxide could 
be expected to remain for millions of years on the surface of the Earth under 
conditions of erosion such as those that obtain at the present time (Urey 1952a, 
p. 148 ff). Thus the presence of large amounts of carbon dioxide on Venus re¬ 
quire the absence of such erosion as will be discussed later. 

2. Table of planetary constants. Certain planetary constants are necessary 
for numerical calculations and these constants are summarized in Table 1 with 


Table 1. Summary of planetary constants. 


Planet 

Distance 
from Sun 
r 4 = i 

Mass 
m 4 = i 

Radius 

Density 

Albedo 

Color 

index 

s 

Tm 

Ta 

Mercury . . 

0.3871 

0.0543 

0.39 

5-05 

0.063 

1.00 

350 

626 

443 

Venus . . . 

0.7233 

0.8136 

0.973 

4.88 

0.59 

1.00 

842 

370 

262 

Earth . . . 

1. 

1. 

1. 

5-52 

0.36 

0.37 

980 

354 

250 

Mars . . . 

1.5237 

0.1080 

0.520 

4.24 

0.15 

1.30 

391 

308 

218 

Jupiter . . 

5.2028 

318.35 

10.97 

1.33 

0.47 

0.88 

2592 

148 

105 

Saturn. . . 

9.5388 

95-3 

9-03 

0.714 

0.46 

1.07 

1145 

110 

78 

Uranus . . 

19.19 

14.54 

3-72 

1.56 

0.45 

0.50 

1070 

78 

55 

Neptune . . 

30.07 

17.26 

3-50 

2.22 

0.49 

0.36 

1381 

61 

43. 

Pluto . . . 

39-52 

0.033 (?) 

0.45 (?) 

2.0 (?) 

0.16 (?) 

0.63 

160 (?) 

60 

42 

Moon . . . 

1. 

0.012304 

0.2727 

3-35 

0.073 

1.10 

162 

389 

275 

Io. 

5-2028 

0.0122 

0.275 

3-24 

0.50 

1.06 

158 

146 

103 

Europa . . 

5-2028 

0.0079 

0.241 

3-12 

0.56 

0.77 

133 

141 

100 

Ganymede . 

5.2028 

0.0260 

0.435 

1.74 

0-35 

0.64 

135 

156 

110 

Callisto . . 

5.2028 

0.0162 

0.392 

1.48 

0.15 

0.68 

103 

167 

118 

Titan . . . 

9-5388 

0.0236 

0.384 

2.30 

0.30 

1.17 

15 7 

117 

83 

Triton . . . 

30.07 

0.022 (?) 

0.35(1) 

2.8(?) 

? 

O.72 

176 (?) 

? 

? 


Distance of Earth from the Sun = 1.4968 x 10 13 cm 

Mass of the Earth = 5-9 7 5 X 10 27 g 

Mean radius of the Earth = 6370.97 km 

Solar constant = 1-395 X 10® ergs cm -2 sec -1 . 

References: Russell, Dugan and Stewart (1945); G. P. Kuiper (1952); H. Camichel 
(1944); K. Stumpff (1948); A. Danjon (1948); A. Dollfus (1954); G. P. Kuiper (1950); 
A. Danjon (1954). Relative to the radius of Mars, see H. C. Urey (1952a), p. 61, and this 
paper. — The solar constant is that given by F. S. Johnson (1954). 
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references to sources. In general, data which has been published in the literature 
have been selected, rather than summarized tables with no supporting details. 
One is usually prejudiced in favor of more recent data, but in some cases these 
are presented without any arguments indicating the reasons for the discrepancy 
between the new and older data, even when substantial differences exist. No 
difference in conclusions would result from other choices of data except that 
Kuiper’s value for the albedo of Venus, i.e. 0 .76, would make a marked dif¬ 
ference in the energy received by Venus. 

3. Definition of symbols used. 

a Planetary radius. 

a c Planetary radius at critical escape level. 

AE Aeon equal to 10 9 years. 
c z Mole fraction of i-th constituent. 

C Heat: capactiy per gram molecule at constant pressure. 

D, D 0 Diffusion coefficient. 
g Gravitational acceleration. 

G Constant of gravitation = 6.670 X 10 -8 erg cm g -2 . 
h Vertical altitude in the atmosphere. 

( D J'\ 

=-j . 

AH Change of heat content per gram molecule at constant pressure, heats of vaporization 
and of chemical reactions. 

K Equilibrium constant. 

M Planetary mass. 

n Number of molecules or atoms per cm 3 . 

n 0 Number of molecules of atoms per cm 3 at some specified level. 

p Polarization of light. 

pi Partial pressure of i-th constituent. 

P Total pressure. 

P 0 Pressure at some specified level. 
r Variable for distance from planet’s center. 

R Gas constant per gram molecule. 

1 dT 

t Variable time, or —-— . 

J-q d h 

T Absolute temperature. 

T a Average temperature of planet (calculated for black body). 

T c Absolute temperature at the critical escape level. 

T m Temperature of mid-solar point of planet (calculated). 
x Variable. 

A'j The escape constant (= . 

T Adiabatic lapse rate, a positive quantity. 
ft Molecular or atomic weight. 

Ji Mean molecular weight. 
q Density. 

£> 0 Density at some specified level. 


II. The Earth’s atmosphere \ 

4. Composition. The chemical composition of the Earth’s atmosphere is given 
in Tables 2 and 3 prepared from Glauckauf’s discussion (1951). Some consti¬ 
tuents are labelled stable and others unstable on the basis of readily available 
spontaneous reactions which may destroy the constituent. All except the inert 
gases take part in rapid or slow chemical cycles involving the energetic processes 

1 The Earth’s atmosphere is reviewed here only very briefly since it is discussed in great 
detail in Vols. XLVIII and XLIX of this Encyclopedia. The objective here is to call atten¬ 
tion to points which are more pertinent to a discussion of the atmospheres of the other planets. 
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Table 2. Non-variable constituents of atmospheric air 1 . 


Constituent 

Content 

Stability 

Spontaneous reactions 

n 3 .... 

78.084% 

Stable 


o 2 .... 

20.946% 

Unstable 

Reacts slowly with FeO and carbon compounds 

co 2 .... 

0.033% 

Unstable 

Reacts slowly with silicates 

A. 

0.934% 

Stable 


Ne .... 

18.18 X 10~ 6 

Stable 


He 4 ... . 

5-24 X 10' 6 

Stable 


He 3 ... . 

6.55 X 10“ 12 

Stable 


Kr .... 

1.14 X 10' 6 

Stable 


Xe .... 

0.087 X 10~ 6 

Stable 


H 2 . . . . 

0.5 X 10~ 6 

Unstable 

2H 2 + 0 2 = 2H 2 0 

CH 4 . . . . 

2 X 10~ 6 

Unstable 

CH 4 +20 2 = C0 2 +2H 2 0 

n 2 o .... 

0.5 X 10' 6 

Unstable 

2N 2 0 = 2N 2 + 0 2 


Table 3. Variable constituents of dry air. 


Constituent 

Content 

Origin 

Probable destructive reaction 

o 3 . 

0 to 0.07 ppm (summer) 

0 to 0.02 ppm (winter) 

Radiation 

20 3 = 30 2 

so 2 . . . . 

0 to 1 ppm 

Industrial 

so 2 +h 2 o+|o 2 =h 2 so 4 

NOj . . . . 

0 to 0.02 ppm 

Industrial 

To nitrates or oxygen and 
nitrogen 

ch 2 o . . . 

Uncertain 

Biological or 
oxidation of CH 4 

Oxidation to C0 2 and H 2 0 

h . 

0 to 10* 10 g cm" 1 

Industrial 

Many reactions 

NaCl . . . 

Order of lo -10 g cm' 3 

Sea spray 

Solution in water 

NH,. • ■ . 

0 to trace 

Industrial 

2 NH 3 + f 0 2 = N a + 3 H 2 0 
Solution in water 

CO ... . 

0 to trace 
(0.8 cm atm) 2 

Industrial 

co+ |o 2 =co 2 


initiated by the Sun’s light, the activities of living organisms or the heating 
processes taking place within the Earth, and the inert gases escape from the 
Earth’s interior and may be accumulated from space and lost from the Earth. 
It would not be possible to determine from any fundamental principles what 
constituents would be present in the Earth’s atmosphere. Given water and 
oxygen on the surface of the Earth, nitrogen should certainly be a constituent. 
Oxygen owes its presence to the slowness of its reaction with ferrous iron of the 
rocks especially and to some process or processes which have produced it in the 
past and which continue to produce it. Carbon dioxide reacts with the silicate 
rocks to form limestone and dolomites and it must be continuously supplied 
either from new sources or by reversal of the reactions to form carbonates by 
heating processes in the Earth’s crust. All the minor constituents except the 
inert gases are highly unstable under terrestrial conditions. The table indicates 
some important destructive reactions for these constituents. It is to be expected 
that all unstable and highly reactive constituents of all atmospheres will be rare. 

Chackett, Paneth and Wilson (1950) found only slight variations in the 
concentrations of helium, neon and argon in samples collected by a V-2 rocket 
at altitudes of 50 to 70 km. This indicates no diffusive separation of these alti¬ 
tudes. Townsend, Meadows and Pressly (1954) have found no diffusive 
separation of argon and nitrogen up to 140 km. 


1 The classification of H 2 , CH 4 and N 2 0 as non-variable constituents is uncertain. 

2 See Migeoxte and Neven (1950). 















368 


Harold C. Urey: The Atmospheres of the Planets. 


Sects. 5, 6. 


Particles are suspended in the atmosphere. The most numerous of these are 
liquid and solid water particles of clouds. Dust particles from the Earth’s sea 
and land surfaces and from the disintegration of meteors are present in detect¬ 
able amounts. Such particles are confined mostly to the low regions of the 
atmosphere and because of their efficient removal by rain and other precipi¬ 
tation of water are very rare. 

5. Temperature, pressure and density. An exponential variation of pressure 
and density following the equations. 

_ a s l1 _ fieh 

P = P 0 e RT and q = p 0 e RT , (5.1) 

are very often used because of their simplicity and approximate validity. The 
quantity RTjfig is called the scale height and will be indicated by the symbol H. 
However, observations made in recent years show that the Earth’s atmosphere 
deviates markedly from these laws, principally because both the temperature, T, 
and the mean molecular weight, fi, are not constant. Since World War II much 
observational data has been secured by the use of rockets, particularly by groups 
working for the U.S. Army. These results have been summarized by “The 
Rocket Panel” (1952) and will be taken as the basis of discussion in this chapter. 
Up to 30 km the data have been secured by balloons and the temperatures are 
measured directly. Above 30 km the basic data give a determination of pressure 
and density and the temperature must then be derived from these data which 
requires a knowledge of the mean molecular weight to be derived from other 
considerations. Up to 80 km height, the molecular weight can be taken as that 
of surface dry air with confidence. Above this altitude the evidence on this 
point is indirect and uncertain. Table 4 gives a combination of data due to the 
Rocket Panel and a revision of such data by Johnson (1956) on the basis of 
X-ray observations and calculations based on them. Oxygen becomes dissociated 
between 80 and 120 km, but nitrogen remains mostly in the molecular state to 
the top of the atmosphere. 

Nicolet (1954) for purposes of calculation assumes that there is a constant 
rate of change of scale height, H, with altitude. He extends his table to 500 km 
and a temperature of 2080° K. He considers the effects of diffusive separation 
of molecular nitrogen and atomic oxygen. Since this is the most detailed considera¬ 
tion at present, his table is reproduced in Table 5. As altitudes increase, the 
tabulated values become very uncertain and above 120 km they depend entirely 
on a few rocket data secured by the Naval Research Laboratory and on only 
one observation at 220 km. 

6. The absorption and loss of energy by the atmosphere. The spectrum of the 
Sun approximates that of a black body with a mean temperature near 5800° K. 
The intensity in the far ultraviolet is but poorly known, though there may well 
be a considerable intensity at very short wavelengths (Nicolet 1952). 

In the region between 2200 to 3400 A the intensity is distinctly less than 
that corresponding to a black body at 5800° K (Hulburt 1947) and at lower 
wavelengths the deviation may be greater. Considerable fluctuations in intensity 
in the ionizing radiation below 1000 A are shown by the density of ionization 
in the high atmosphere. Also very considerable variation in intensity occurs 
in the radio wavelength region. These variations are important in considerations 
of the high atmosphere of the Earth but the effects will not be discussed in detail 
in this chapter. 
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Table 4. Properties of the terrestrial atmosphere. 

The data of the Rocket panel are used in the first part of the table and the revisions 
due to Johnson are used for the second part. Some interpolations have been made and 
the data recast to make entries uniform and comparable. 


Height h 

km 

Mol. wt. ji 

Temperature T 

°K 

Scale height H 

km 

Pressure log 10 P 
dynes cm -2 

n 

cm - * 



Rocket panel 



0 

28.97 




2.55 xio 19 

5 

28.97 

276.8 

7.83 

5-743 

1.51 x io 19 

10 

28.97 

230.8 

6.78 

5-446 

8.77 x 10 18 

15 

28.97 

209-1 

6.16 

5-107 

4.42 X 10 18 

17 

28.97 

208.5 

6.14 

4.966 

3.21 X 10 18 

20 

28.97 

212.8 

6.28 

4-755 

1.94 X 10 18 

25 

28.97 

223.0 

6.59 

4.418 

8.51 x 10 17 

30 

28.97 

231-7 

6.85 

4.095 

3.89 x 10 17 

35 

28.97 

244.5 

7-24 

3786 

1.81 X 10 17 

40 

28.97 

262.6 

7-79 

3-497 

8.67 x 10 16 

45 

28.97 

271.3 

8.06 

3-224 

4.48 X 10 16 

50 

28.97 

270.8 

8.06 

2.955 

2.41 X 10 16 



Johnson 



50 

28.97 

271 

8.1 

2.955 

2.4 X 10 16 

60 

28.97 

245 

7-3 

2.400 

7-4 X 10 15 

70 

28.97 

210 

6.3 

1.760 

2.0 X 10 15 

80 

28.97 

185 

5-7 

1.020 

4.1 XIO 11 

90 

28.97 

183 

5-6 

0.220 

6.6 XIO 13 

100 

28.97 

200 

6.1 

0.465-1 

1.06 X 10 13 

110 

27-0 

230 

7-4 

0.801-2 

2.0 XIO 12 

120 

25.3 

280 

9-8 

0.296-2 

51 XIO 11 

130 

25.3 

423 

14 

0.918-3 

2.1 XIO 11 

140 

25.O 

594 

20 

0.674-3 

5-8 XIO 10 

150 

24.5 

737 

26 

0.493-3 

30 XIO 10 

160 

23-7 

846 

32 

0.345-3 

1.9 XIO 10 

180 

22.3 

979 

39 

0.101-3 

9-3 XIO 9 

200 

21.1 

1043 

44 

0.893-4 

5-4 XIO 9 

220 

20.0 

1074 

48 

0.618-4 

3-4 XIO 9 

240 

19-2 

1088 

52 

0.451-4 

2.3 XIO 9 

260 

18.2 

1095 

55 

0.371-4 

1.6 XIO 9 

280 

17-5 

1098 

58 

0.217-4 

1.1 XIO 9 

300 

16.8 

1100 

61 

0.070-4 

7.7 XIO 9 

310 

16.5 

1100 

62 

0.999-5 

6.5 xio 8 


Table 5- Atmospheric model with diffusion beginning at 160 km. 


Altitude 

Temperature 

Scale height 
H 

Pressure 
logic P 

Scale height 
for 0 

n(0) 

Scale height 
for N a 

»(N.) 

km 

°K 

km 

dynes cm - * 

km 

(cm -3 ) 

km 

cm -3 

160 

482 

18.0 

0 . 38-3 

27 

1.24 X 10 10 

15-4 

2.47 x 10'° 

180 

586 

23.4 

0.95-4 

33 

5.21 x 10 9 

18.9 

6.17 x 10 9 

200 

688 

29-3 

0.63-4 

39 

2.54 X 10 9 

22.3 

2.03 x 10 9 

220 

789 

35-5 

0.36-4 

45 

1.38 x 10 9 

25-7 

7.68 x 10 8 

240 

888 

41.9 

0.13-4 

51 

8.05 x 10 8 

29-1 

3.28 x 10 8 

260 

987 

48.4 

0.94-5 

57 

5.00 x 10 8 

32.6 

1.54 x 10 s 

280 

1085 

550 

0.77-5 

63 

3.26 X 10 s 

36.0 

7 85 X 10 7 

300 

1181 

61.6 

0.62-5 

69 

2.21 X 10 8 

394 

4.24 x 10 7 

350 

1416 

77-9 

0.31-5 

84 

9-48 X 10 7 

48.0 

1.12 x 10 7 

400 

1645 

939 

0.06-5 

99 

4.77 x 10 7 

56.6 

3.70 x 10 6 

450 

1866 

109-7 

0.83-6 

114 

2.52 x 10 7 

65-1 

1.43 x 10 6 

500 

2080 

125.3 

0.65-6 

129 

1.54 x 10 7 

73.6 

6.14 x 10 5 


Handbuch der Physik, Bd. LI I. 24 
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The energy below 1000 A is absorbed strongly by O, 0 2 , C0 2 , N 2 and N in 
the high atmosphere. This produces ionization of these molecules and produces 
the ionosphere at high altitudes. The height at which this absorption occurs 
extends from 100 km to the top of the atmosphere. Two regions of intense ioni¬ 
zation occur at 200 to 300 km (F layer) and at 90 to 110 km (E layer). Each of 
these la3^ers breaks up into two during the day time. Ionization below 80 km 
also occurs during the day time and is due to Lyman a. These layers are due to 
the ionization of the molecules present in this region and the heights must be 
determined by the concentrations of these molecules at the various heights, the 
intensity distribution in the Sun’s spectrum and the absorption coefficients of 
the molecules. All these effects are interrelated and no general agreement in 
regard to details has been secured. The subject has been discussed by Bhar 
(1938), Mitra, Bhar and Ghosh (1938), Mohler (1940), Nicolet (1945, 1949), 
Mitra (1952), Bates and Massey (1946, 1947) and Bates (1954). The densities 
of ions in the E and F regions are of the order of 10 s and 10 6 and the number 
of molecules per cm 3 are 4X10 13 and 10 9 respectively. 

The total solar radiation below 1000 A is very uncertain because it is probable 
that a very high excess radiation over that expected for a black body is present, 
at least for brief periods of time. A black Sun at 6000° should give 0.4 erg cm" 2 
sec" 1 below 1000 A. Much of the energy in this region may come from the corona 
(see Byram, Chubb, and Friedman 1956). 

The dissociation energy for N 2 is 9-76 ev and thus radiation lying below 
Il60 A is required to produce dissociation. Absorption coefficients for nitrogen 
in this region are very small and no continuum has been observed. Predissocia¬ 
tion from the Birge-Hopfield bands occurs, as Herzberg and Herzberg (1948) 
have pointed out. Since the radiation in this region has small intensity, the rate 
of production of nitrogen atoms is low (Watanabe, Zelikoff and Inn 1953). 
It is most probable that little dissociation of nitrogen occurs. Byram, Chub, 
Friedman and Kupperian (1956) have estimated the energy of the Lyman a 
(A 1215) line alone as ~6 ergs cm" 2 sec" 1 . 

If high temperatures are characteristic of the high atmosphere, it is of interest 
to consider the thermodynamic equilibria for the dissociation of nitrogen and 
oxygen. The equilibrium constants can be calculated from available thermo¬ 
chemical data 1 (Rossini et al. 1952; Kelley 1949)- Some equilibrium constants 
so calculated are: 

O a = 20; K 1000 = 10 19 ' 85 , iC 15 Q0 = lO 11 , K 2000 = lO 65 ; 

N 2 = 2N; K 2000 = 10- 18 - 25 , K 2500 = 10- 13 ' 25 . 

x 2 K 

Use of these constants in the equation - - — = —, where x is the faction of 

the partial pressure of oxygen (or nitrogen) due to dissociated atoms and P is 
the total pressure in atmospheres due to molecular and atomic oxygen (or nitrogen), 
shows that even at the pressures characteristic of the escape layer nitrogen is 
not appreciably'dissociated at 2000° K under equilibrium conditions, while oxygen 
is almost completely dissociated. At temperatures above 3000° K, nitrogen will 
be dissociated at pressures obtaining at the escape layer. Since the atmospheric 
conditions at the outer surface of the atmosphere are determined by diffusion 
from lower levels, we may conclude that nitrogen would be in atomic form only 


1 The dissociation energy of nitrogen is taken as 9-76 ev and not from the reference cited. 
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if absorption of dissociating radiation occurs, but at high levels oxygen would 
be highly dissociated, if in any way a temperature of 1500° K or above is main¬ 
tained. Rapid diffusion of oxygen atoms to lower levels should result in recom¬ 
bination and hence a lower dissociation than calculated. 

Particle radiation from the Sun is recognized as important in understanding 
the dissipation of comet tails. Biermann (1951) estimates the intensity as 10 11 
to 10 12 ions and an equal number of electrons cm -2 sec -1 at the distance of the 
Earth, and estimates the velocities as 3 X 10 8 cm sec -1 . This energy amounts to 
10 4 to 10 5 ergs cm -2 sec -1 , assuming that the particles are hydrogen atoms. If 
these particles can reach the Earth through its magnetic field at least near the 
magnetic poles, this energy must be absorbed at the escape layer, namely, within 
one or two free paths from the surface of the atmosphere. Such amounts of 
energy would raise the temperature of this layer to millions of degrees in a day 
if it were not lost. Much of this energy is converted most probably to radiation 
which is lost rapidly to space or to lower layers of the atmosphere. However, 
if such large amounts of energy are available, it is not surprising that the surface 
of the terrestrial atmosphere is at a high temperature. If such particles reach 
the Earth, they must not have solar composition, for in this case neon would 
be accumulated by the Earth in much larger quantities than are observed. It 
is likely that much of this particle radiation does not reach the Earth. Chapman 
(1956) has suggested that the corona of the Sun envelops the Earth and other 
terrestrial planets and heats their high atmospheres. 

Absorption by molecular oxygen in the Schumann-Runge continuum from 
1300 to 1760 A is very intense (Watanabe, Zelikoff and Inn, 1953), and leads 
to oxygen atoms in the 1 D and 3 P levels, and possibly also to some atoms in the 
4 S level. (The maximum absorption is at 1420 A, where k is 38O cm -1 N.'f.P.) 
This absorption occurs strongly in the region between 80 and 120 km and causes 
the region of transition in which oxygen becomes dissociated. Bates and Wither¬ 
spoon (1952) have made estimates of this dissociation, but rate constants are 
not sufficiently well known to make final calculations possible. The total energy 
absorbed in this process is 100 ergs cm -2 sec -1 , if the effective solar temperature 
is 5000° K. Since the thermal conductivity of the gas is only some 2X 10 3 in cgs 
units, this energy cannot be conducted from this region and must be radiated away 
(Spitzer 1952). A black body at the temperature of this region, about 250° K, 
would radiate 2X 10 5 ergs cm -2 sec -1 , but the gas is far from being a black body 
radiator. The only infrared radiator is carbon dioxide and this should be present 
in this altitude, since no important separation of atmospheric gases has occurred 
up to these levels. According to Nicolet’s estimates on diffusive separation, 
it would be greatly decreased in quantity at the 200 to 300 km level. Radiation 
by radiative combination of ions is not probable. Carbon dioxide absorbs strongly 
in the region below 1600A (Watanabe, Zelikoff and Inn 1953), and this 
must result in dissociation. Carbon monoxide will radiate in the far infrared 
due to a rotation spectrum and this may be an effective cooling agent in this 
region. Curtis and Goody (1956) have shown that carbon dioxide would be a 
very efficient radiator in the 80 to 120 km region were it not for the long relaxa¬ 
tion time for the vibrational degrees of freedom which prevent the molecule 
from accepting thermal translational energy into its vibrational degrees of freedom 
during molecular collisions. 

Oxygen absorbs the Schumann-Runge bands from 1760 to 1925 A much less 
strongly than it does the continuum and this absorption occurs mostly in the 
ozone region between 17 and 50km. Secondary reactions produce ozone which 

24* 
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then absorbs all wavelengths between 3000 and 2100 A. The processes are, 

0 2 + h v = O, 

O* + O2 = O3 + d) > 

O -f- O a -j - M = 0 3 T" M, 

where M indicates any molecule. Also oxygen absorbs the weak Herzberg con¬ 
tinuum at the same level 

0 2 + hv = 20(*P), 

and again the secondary reactions produce ozone. The ozone is destroyed by 
photochemical reactions or by reaction with atomic oxygen. The concentration 
of ozone is determined by the steady state of these opposing reactions. Its distri¬ 
bution in the -atmosphere was first determined by Dobson (1930) and his co¬ 
workers. Chapman (1931) first explained the distribution of ozone in the atmo¬ 
sphere as the result of these photochemical reactions. More recent calculations 
were made by Wulf and Deming (1938). Observations show that there is more 
ozone at high latitudes than at low latitudes and more in winter than in summer. 
Schroer (1949), Dutsch (1946) and Craig (1950) all conclude that theory and 
observation do not agree. A slow circulation of the atmosphere from equator 
towards the pole is indicated by the studies on ozone concentrations (see also 
Paetzold’s article in Vol. XLVIII of this Encyclopedia). 

Such a circulation is also indicated by the great dryness of the stratosphere 
and the mixed character of the atmosphere relative to the permanent gases, as 
has been shown by Brewer (1949). The water content above the tropopause 
falls rapidly to a value corresponding to a frost point of about 190° K within 
a few kilometers above the tropopause in southern England. Brewer accounts 
for this by postulating a slowly rising current at the equator from which water 
snows out at about 190° K or less. This requires heating at the equator due to 
sunlight and cooling at the latitudes at which sinking occurs. This cooling must 
occur by radiation. It should be noted that this process provides a fairly sharp 
boundary with respect to water concentration with very little above the tropo¬ 
pause and much below. It was recognized by Brewer that this current cannot 
be a simple one because of the Coriolis forces due to the Earth’s rotation. El- 
sasser (1942) finds that a cooling of 1.1° C per day is possible and this would 
permit a sinking of 100 meters per day. 

The energy absorbed in the ozone region amounts to 10 4 ergs cm -2 sec -1 and 
this energy, as well as energy received from deeper layers of the atmosphere, 
is lost by the radiation of ozone and carbon dioxide in the infrared, as has been 
shown by Gowan (1947) and by Goody (1949)- Their calculations made arbitrary 
assumptions in regard to water content above the tropopause but, nevertheless, 
are essentially correct within the probable limits of error in such complicated 
problems. 

Visible and near ultraviolet light to 3 000 A is not absorbed by any strong 
bands by the terrestrial atmosphere. There are weak oxygen bands in the red 
which remove little energy from the solar radiation. This is also true of near 
infrared bands of carbon dioxide and water. Clouds reflect much light and have 
albedos ranging from 50 to 70%, and they diffuse sunlight, but absorb little, 
so that most of the unreflected light reaches the Earth’s surface. The albedo of 
the Earth’s surface lies in the range of 15 % and, naturally, varies greatly. About 
64% of the solar radiation in the visible is absorbed by the Earth’s surface. About 
86% of the solar energy lies in this spectrum and hence 7-7X 10 5 ergs cm -2 sec -1 
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reach the surface of the Earth and are absorbed as heat energy and ultimately 
must be radiated from the Earth as infrared heat radiation. When clouds are 
not present, radiation between 8 to 14 p. is transmitted by the atmosphere and 
on the average some 10% of the radiation may be lost directly from the surface. 
Radiation in limited bands from the ozone layer at a temperature from 210 to 
270° K contributes to the loss and the radiation by water in the far infrared 
at the tropopause at 190 to 220° K must make another important contribution. 
The temperature of a black body radiating the total energy from the entire surface 
and receiving the total energy given in Table 6 only over \ of its surface would 
be 250° K, which is not an unlikely average over the sources mentioned. 

The absorption in the infrared extends throughout the atmosphere, but must 
be most important at the tropopause because of the strong absorption of water. 
Only through a window between 8 and 14 p does infrared reach the Earth and 
there is an ozone band at 9-65 p which absorbs considerable energy within this 
window. The total energy absorbed in the infrared is small and of the order of 
1.74X 10 5 ergs cm -2 sec' 1 . 

Table 6 summarizes the amounts of energy absorbed, the altitude at which 
it occurs and the important absorber at each region. 


Table 6. 


Energy source 

Energy absorption 
erg cm~ 8 sec” 1 

Altitude 

km 

Absorbing mechanism 

Particle radiation . 

10 4 to 10 5 (?) 

300 to OO 

Collisions 

<1000 k ... . 

0.4 

200 to 300 

Ionization of molecules 

1000 to 1760 A . . 

10 2 

80 to 120 

0 2 + hv — 20 

1760 to 3000 A . . 

10 4 

1 7 to 50 

O 2 Og -j - hv = 0*> T O 

3000 to 8000 A . . 

7.7 X10 5 

0 

Black body absorption 

Infrared . 

1.74 X 10 5 

0 to 350 

Absorption by C0 3 , 0 3 , H 2 0, OH, CO, 
etc. but mainly by H a O between 0 to 
1S km 


7. The transfer of energy within the atmosphere. The most striking method of 
energy transfer is by convection in the troposphere. To a close approximation 
the troposphere is adiabatic in temperature distribution and this is maintained 
by convection. Energy reaches the Earth’s surface and is transferred to the air 
and throughout the troposphere energy is radiated to space and partly to the 
overlying layers. This constitutes a thermodynamic engine operating between 
different temperatures, and it supplies the mechanical energy for the movement 
of the atmosphere in the troposphere. The tropopause may be a very effective 
radiator if condensation of water occurs, as is apparently true for the Earth, 
since a sharp radiating boundary can be produced in this way. The adiabatic 
temperature, pressure and density gradients can be calculated for the dry and 
moist atmosphere by usual thermodynamic methods. For cloudless air the adia¬ 
batic temperature lapse rate, J 1 , is , where /j is the molecular weight, g the 

acceleration of gravity which is constant for all problems considered here, and C 
is the heat capacity per gram molecule at constant pressure. (All constants will 
refer to molar quantities and not to grams and the gas constant is the usual 
physical constant and not that per gram of dry air as commonly used in meteoro¬ 
logical publications.) The pressure and density are then 





(7.1) 









374 


Harold C. Urey: The Atmospheres of the Planets. 


Sect. 7 . 


where T 0 is the surface temperature and h the height above the surface. Follow¬ 
ing Brunt’s discussion (1944) for the moist atmosphere we find that 


dT 

dh 
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where p 1 and p 2 are the partial pressures, and /q and fi 2 the molecular weights 
of the permanent and condensible gases respectively, and AH is the heat of vapori¬ 
zation of the condensible gas per gram molecule. £ is the molar ratio of the total 
amount of condensible gas in the condensed and gas phases to the permanent gas. 
If the condensed phase is removed as condensation occurs, £ equals p^py. In 
this equation all heat capacity terms are neglected in comparison with the AHjRT 
terms, since they are always negligible. AH for sublimation of ice is nearly con¬ 
stant with temperature and is 1 2 200 cal/mole. Its value for vaporization of 
liquid water varies slightly, but for present purposes can be taken as 10640 cal per 
mole. The heat capacity per gram molecule of dry air is 6.957 calories per mole- 
degree. The dry lapse rate is 9 . 9 0 C per km. The calculated lapse rates for satu¬ 
rated air at a total pressure of 1 atmosphere and at 245, 273-2 and 3 00 ° K are 
9-2, 6.6 and 3.9 deg./km respectively 1 . Near the surface the observed lapse 
rates are larger, due to the air not being saturated, but at higher altitudes they 
are smaller than calculated values. In fact the atmosphere is intermediate be¬ 
tween an adiabatic one and an isothermal one. This is due partly to the air 
currents not rising vertically because of the rotation of the Earth, so that the 
local ground temperature is not the proper zero temperature for the adiabatic 
process, but this does not explain the lapse rate at the equator. The effect is 
caused by an involved combination of causes, i.e. radiative cooling, convection 
and advection of air. 

Molecular conduction is not an important mechanism for the transport of 
heat because of the low conductivity of gases. Energy may be transferred in 
the high atmosphere by the diffusion of atoms which are produced in one level 
to other levels where recombination is more rapid. 

The tropopause height varies with latitude. Goody (1949) for purposes of 
calculation has summarized data and calculates the temperature of the tropo¬ 
pause assuming an average lapse rate of 6.5 deg./km (Table 7). 


Table 7- Estimated temperatures at the tropopause and surface of the Earth (Goody). 


Latitude 

Height 

km 

Ground 

temperature 

°K 

Tropopause 

temperature 

°K 

Tropopause 

pressure 

atm 

0 

17.8 

302 

186 

0.079 

10 

16.5 

300 

193 

0.098 

20 

14.8 

296 

200 

0.127 

30 

12.9 

291 

207 

0.167 

40 

11.2 

284 

21 1 

0.210 

50 

9-7 

278 

215 

0.260 

60 

8.5 

272 

218 

0.307 

70 

7-6 

267 

219 

0.339 

80 

7-0 

264 

220 

0-375 


1 Extensive tables calculated by more exact formulae are given in the Smithsonian Me¬ 
teorological Tables, Smithsonial Miscellaneous Collections, Pub. 4014 (1951)- See Tables 79 
and 80 . They are not easily converted to calculations for other atmospheres. 
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Such variations may be expected in the case of other planets. It is interesting 
to note that the tropopause at the equator has a lower temperature than it has 
at high latitudes. The solar energy at the equator is partly converted to heat 
and partly to the potential energy of the rising atmosphere. This energy is partly 
radiated at the equatorial tropopause and partly carried to the high latitudes, 
where it is radiated at the warmer tropopause as the air sinks. A similar effect 
is observed on Venus in that the day side is cooler than the night side of the planet 
(see below). 

8. The escape of hydrogen and helium. Jeans (1916) gave a derivation for the 
rate of escape of planetary atmospheres and the analysis was extended by Jones 
(1923)- The escape layer can be defined as that level above which there is only 
one free path for a very fast molecule moving vertically away from the planet, 
i.e. 


1 

n t n cr 2 


= i, 


( 8 . 1 ) 


where a equals the molecular diameter. Using or equal to 3-15 X 1CT 8 cm, this gives 
n t equal to 3-2 X 10 14 molecules cur 2 , as the total number of molecules above the 
escape layer. Since the total number of molecules above such a layer is the number 

R T 

per cm 3 multiplied by the scale height, H, equal to — the number of molecules 
per cm 3 at the escape layer is 1 , 

« c = 3.2Xl0 14 /tf. (8.2) 


The rate of escape in molecules per sec and cm 2 , L, is equal to the number of 
molecules per cm 3 at the escape layer multiplied by one-fourth the velocity and 
the Maxwell distribution factor integrated over all velocities greater than the 
escape velocity, namely, 


that is, 


1 / 2 GM 
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( 8 - 3 ) 

(8.4) 


where T c is the temperature of the escape layer, n c is the total number of mole¬ 
cules per cm 3 , c f is the fraction of molecules of the i-th kind at the escape layer 
and u t is the corresponding molecular weight. Integration gives, 


L = n c c { 



X; : 


gm m 

RT r aZ 


(8-5) 


If the value of T c is known, or is estimated, the scale height can be estimated 
and the total number of molecules per cm 3 at the escape layer can be calculated. 
An approximate value for a c can be estimated. However, the value of c { depends 
on the level above which diffusive equilibrium exists and usually this is assumed 
to be above about 150 or 160 km (Spitzer 1952, Nicolet 1954). Spitzer has 
pointed out that a large correction must be made to these formulae, if the escape 
layer is at a markedly higher temperature than that of the lower atmosphere. 
His calculations show that the escape of He 4 from the Earth cannot be expected 
to occur in the proper amounts unless the temperature of the escape layer is 
1500 or 2000° K for 2% of the time. 


1 This is true exactly for an isothermal atmosphere and one for which the scale height 
varies linearly with temperature (Nicolet 19 54, p. 650). 
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Hydrogen will not be lost at impossibly high rates because of the Brewer 
effect (see p. 372). Using Goody’s estimate of 186° K for the temperature of the 
equatorial tropopause, the vapor pressure of water at this point is 0.16 dynes per 
cm -2 and the total pressure is 0.079 atmosphere, which gives 2 X 10 -6 for the ratio 
of water to dry air. Bates and Nicolet (1950) have discussed the dissociation 
of water vapor using about ten times the concentration used above, and they 
show that only atomic hydrogen should be present at high altitudes. Nico- 
let’s estimate (Table5) of 2.47 XlO 10 molecules of N 2 per cm 3 then requires 
that there be 1.23 XlO 5 atoms per cm 3 of hydrogen at this level 1 . 

Harteck and Jensen (1948) have given a discussion of diffusion in the 
Earth’s atmosphere and have argued that diffusion in the stratosphere is the 
slow mechanism for the loss of water to the high atmosphere. Though the evidence 
for mixing to higher levels has invalidaded their conclusions, it is desirable to 
apply their calculations to the region above the 160 km level. The diffusion 
equation is, 


J = nD t ( 


1 

H 



dcj 

dh * 


( 8 . 6 ) 


where J is the current in atoms per cm 2 and sec, D { is the coefficient of dif¬ 
fusion of the i-th kind of molecule in the mean gas, H and H t are the mean scale 

RT RT 

height and the scale height for the i-th gas, i.e.,-and-, and h is the distance 

above the 160 km level measured vertically. (Thermal diffusion is neglected, 
since it is a small effect for observed temperature gradients.) nD i is approximately 
a constant with respect to pressure variations. H and ju depend on the temperature 
and on the mean molecular weight which varies because of the diffusive separa¬ 
tion of N 2 and 0 in the high atmosphere. H l is linear in the temperature and D 
varies as its square root. Using Table 5 we can estimate these variations and 
they are important in the high atmosphere. The mean molecular weight varies 
from 16 to 24 and the temperature from 482 at 160 km to 1416 at 350 km, which 
is the altitude of the escape layer. Nicolet (1957) has shown that even higher 
temperatures must be assumed in order to account for the observed rates of 
escape of He 4 and He 3 . We therefore assume a linear variation of the temperature 
with altitude and that this variation is more important than the variation in 
atomic weight. Accordingly the diffusion equation is 


WqDq 

[7i i \ c t l 

dci 

(1 +th) h 
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dh 



dT 

dh 
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The quantity, i, has a value between 1 x 10“ 7 from temperature and 1.75 X 10” 7 deg. 
per cm -1 from the scale heights from the data of Nicolet’s table and the values 
will be larger, if the top of the atmosphere is 3000 or 4000° K, and the escape 
layer will be higher also. For these higher temperatures we use t as 2 X1Cr 7 cm' 1 . 

The integral of this equation, setting [\ + -~j equal to a constant mean value, is, 


where 


J = n 0 D 0 t[— c iY + c,- 0 Y(l +th) B ], 
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_ B -1 
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( 8 . 8 ) 
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1 J. H. Houghton (private communication) on the basis of new observations estimates 
the amount of water at high altitudes as about double that used here. 
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and h is the height of the escape layer above the 160 km level where diffusion 
begins. In a steady state this diffusion current, /, must equal the escape current, L. 
Combining these equations, c l can be calculated in terms of its value, c i0 , at the 
160 km level and then the escape current becomes 1 


/ RT 

n 0 D 0 lYc i0 (l + th) B n c - -(1 + X { ) e~ x i 

J = L = --. (8.11) 

1 / RT ' 

n 0 D 0 tY + n c \ - - X^~x t 

\ 2 nj.n 

For the Earth the mean value of ^1 -(- Tj can j> e taken as unity, but allowance 
must be made for this factor when escape from Mars is considered. 

If the first of the two terms in the denominator is much larger than the 
second, the escape rate is determined by the molecular escape and if the reverse 
is true, the escape is controlled by diffusion. At lower temperatures the former 
condition obtains and at very high temperatures the latter is the case. The 
coefficients of diffusion of H, He 3 and He 4 in air are 1, 0.68 and 0.59 cm 2 sec -1 
at N.T.P. and the escape radius of the Earth can be taken as about 6.8 X 10 8 cm 
in all cases. The rates of escape calculated for these molecules are given in Table 8. 


Table 8. Escape of hydrogen and helium from the Earth's atmosphere. 



T °K 

1500 

1500+oo 

2500 

3000 

4000 

t cm -1 . . . 

1.5 x 10“ 7 

1.5 X 10- 7 

1.75 x 10~ 7 

2X 10" 7 

2 X 10~ 7 

1 60 + h c . . 

300 km 

300 km 

400 km 

420 km 

525 km 



Escape rates 



H. 

1.1 X 10 7 

1.37 X 10 7 

1.1 X10 7 

9X 10 6 

9X 10 s 

He 3 ... . 

0.028 

27-2 

9 

13 

19 

He 4 ... . 

166 

1.8 X 10 7 

6.63 X10 5 

2.3 X 10 6 

9-75 x 10 6 



Time of 

escape (years) 



He 3 . . . . 

1.6 X10 8 

i.6x io 5 

5 -oxio 5 

3-4 x 10 5 

2.3 X 10 5 

He 1 ... . 

2.16X 10 11 

2.0 X 10 5 

5.4 x 10 8 

1-5 x 10 6 

3-7 x 10 5 

„ . / He 3 \ 






Ratl0 (H^j 

8 X 10“ 4 

0.8 

0.09 

0.23 

0.62 


The first three lines give the assumed values for the temperatures at the escape 
layer, t, and the heights of the escape layer. The ratios of He 3 and He 4 to air 

1 As t approaches zero this reduces to a similar formula derived by using Harteck and 
Jensen’s formula, namely 

*o Do Ci „ (e*~ ^T) - 1 )' 1 e"- ^7) n c \[^~ (i + X { ) e~ x ‘ 
j = L = _ \ 2 ™Ei _ 

n 0 D 0 {e h (n tfJ-l) + ”c j/ a^ T t 1 + X * 

Substituting approximate mean values for the variable quantities in this equation, approxi¬ 
mately the same numerical values for the rate of escape as those given in Table 8 are secured. 
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are the observed values 6.55 X10 -12 and 5-24xltr 6 respectively. The hydrogen 
ratio is taken as 2X lO -6 assuming that air at the equatorial tropopause is dried 
by cooling to 186° K. The times of escape for He 3 and He 4 are the total numbers 
of these atoms in the atmosphere per cm 2 divided by the calculated rates of 
escape. The second column gives the rates of escape for essentially the atmo¬ 
sphere given in Table 4. The third column contains rates of escape calculated 
on the assumption that diffusion is rate-controlling and that a very high temper¬ 
ature exists in the escape layer only but that otherwise the atmosphere is again 
that of Table 4. This temperature distribution is labelled as 1500 + °°- The last 
three columns assume a linear increase in temperature and scale height from 
the 160 km level at 482° K to escape layers at the temperature indicated. The 
use of another temperature for the top of the mixing level such as that given 
in Table 5 would make little difference in the results. The rates of escape may 
not be uniform over the Earth’s surface and hence exact agreement between 
estimated rates of production of He 3 and He 4 and calculated rates of loss cannot 
be expected. It is interesting that only some 10 6 to 10 7 atoms of He 4 and some 
10 or 20 atoms of He 3 can be lost per cm 2 sec regardless of how high the temper¬ 
ature of the high atmosphere may be. 

The calculated escape rates may be correct to better than a factor of 10. 
As Nicolet concludes, only at high temperatures for the escape layer do the 
rates of escape of He 3 and He 4 and their ratios become comparable to the estimated 
rates of production, which he estimates as 2 and 2X 10 6 atoms cm -2 sec -1 . These 
estimates may be in error by small factors. When the rate is diffusion-controlled, 
as it is at the higher temperatures, it is not necessary that the atmosphere be con¬ 
tinuously at the high temperature, because an increase in concentration could 
occur which could then be "flashed off’’ quickly by a temporary high temper¬ 
ature. The high temperature periods need last only some 0.01 to 0.001 of the 
total time. Since at equilibrium about 2X10 11 atoms of He 4 will be above the 
escape layer, and since the mean rate of escape must be some 2 to 5 X 10 6 atoms 
per second, these high temperature flashes must be spaced less than one day 
apart. As Spitzer suggests, these high temperatures require a very considerable 
excess in the Sun’s light in the region below 1000 A or the high temperatures 
are due to an intense particle radiation as discussed by Biermann. 

The loss of hydrogen is equivalent to ~20 g of water per cm 2 during 4.5 X 
10 9 years and this is equivalent to only one-tenth of the atmospheric oxygen. 
However, the atmospheric methane of 2 ppm. supplies twice as much hydrogen 
to the high atmosphere as has been assumed, and the uncertainty in the temper¬ 
ature of the tropical tropopause and its efficiency as a drying mechanism is 
somewhat uncertain. Again, there is probably a considerable production of 
reduced gases, i.e. H 2 , CH„, and H 2 S, and ammonia salts from the Earth’s interior 
and these can only become oxidized without diminishing the atmospheric oxygen 
by an escape of hydrogen from the Earth or an increase of reduced substances, 
i.e. carbon compounds, etc. in the Earth’s surface regions. Also the arrival of 
some 10 n to 10 12 atoms of hydrogen and ~0.1 as many helium atoms cm 2 sec^ 1 
means that these atoms must escape immediately from an intensely high tem¬ 
perature atmosphere, for otherwise hydrogen and helium should accumulate 
on the Earth and the oxygen in the atmosphere would disappear 1 . These make 

1 It should be noted that these particles cannot have the mean solar composition and hence 
the accelerating mechanism must favor low mass atoms and ions. For example, solar pro¬ 
portions would lead to an estimated arrival of 10 s to 10 9 neon atoms cm -2 sec -1 and in geo¬ 
logic time this would supply 10 25 to 10 26 cm -2 , while the number in the atmosphere is only 
4 X 10 20 cm -2 . 
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any quantitative comparison of calculated rates of escape meaningless. We can 
conclude that the rate of escape need not be excessive in any way, because of the 
effectiveness of the Brewer effect at the tropical tropopause and the slow diffu¬ 
sion rate above the 160 km level. 

9. Probable history of the atmosphere 1 . The most remarkable feature of the 
terrestrial atmosphere as compared to that of other planets is the presence of 
elementary oxygen which is not present in detectable amounts, in other atmosphere. 
It was early suggested by Koene that this was due to photosynthesis of plants. 
Also it has been recognized ever since Jeans derived formulae for the escape of 
hydrogen from atmospheres that the escape of hydrogen from atmospheres leads 
to an increase in the oxidized character and probably to free oxygen, though this 
latter point is not certain (Arrhenius 1910, Poole 1941). Many details of the 
history of the atmosphere have been presented, most of which are erroneous, 
chiefly on the basis of elementary chemical and physical principles, though in 
other cases because the great complexity of atmospheric problems cannot be 
unravelled without extensive observational results on the present atmosphere 
which have been obtained only during this century. Balloons, aeroplanes and 
rockets have proved to be the indispensable tools for this investigation and they 
cannot be applied to the historical problems. 

In order to discuss the development of the atmosphere, it is necessary to secure 
a correct beginning, and this is difficult. We do not know whether the earth 
was formed at high or low temperatures, but certain limitations can be placed 
on this problem 2 . Unless other sources of energy are discovered, it can be stated 
firmly that the only source of heat for producing a melted primitive Earth was 
its own gravitational energy of accumulation. If the earth accumulated sufficiently 
rapidly so that this energy could not be radiated into space, it could have been 
melted. On the other hand, accumulation during some tens or hundreds of 
millions of years would surely have produced an Earth at low temperatures. 
With the iron of its present core distributed more or less uniformly throughout 
its mass, a very considerable amount of potential energy over that of an earth 
with a core existed, and this energy, together with the greatly increased radio¬ 
active heating some 4.5 X 10 9 years ago may have caused an active reorganization 

1 The literature on the origin of the atmosphere contains several erroneous concepts 
which are referred to and discussed repeatedly, and which we wish to eliminate from the 
discussion immediately. (1) It is not necessary for free oxygen to be present in order that 
life shall exist. Vast amounts of living substance exist now under anaerobic conditions. 
(2) Ozone absorbs actinic rays fatal to present terrestrial organisms, but such rays do not 
penetrate deeply into natural water so that living organisms would be protected even if the 
actinic rays reached the Earth's surface. In the absence of oxygen volatile carbon com¬ 
pounds would be common and these would surely absorb the rays. On many grounds, the 
ozone blanket is not necessary to preserve life. (3) Carbon dioxide will not remain in any 
atmosphere for a long period of time providing erosion of land surfaces is possible, since it 
will react with the silicates of calcium, magnesium and ferrous iron to form carbonates of these 
elements and silicon dioxide. The equilibrium pressure of carbon dioxide is very low ~ 1 o -8 atm, 
even lower than the partial pressure now in the atmosphere, and hence this gas would be 
rapidly removed from the atmosphere, rapidly, that is, in terms of geologic time. ( 4 ) The 
oceans and surface of the Earth could not have been noticeably at higher temperature because 
of the primitive heat of the Earth for more than thousands of years. We cannot define our 
meaning of the termination of the Earth’s origin within such a small time interval. It is 
probable that the accumulation of the Earth required tens or hundreds of millions of years 
during which time the composition of the Earth's atmosphere was determined by the process 
of accumulation. Such accumulation must have been accompanied by such violent processes 
that it is meaningless to refer to a mean temperature of the oceans or the atmosphere in 
describing them. 

2 H.C. Urey (1956b) has reviewed the evidence on this problem which will not be repeated 
here. 
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and considerable heat generation. Plutonic activity may have been much greater 
than now. It is interesting that the oldest known uranium minerals are only 
2.6XlO® years old, while the oldest meteorites are 4.4 to 4-55 X 10 s years old by 
the uranium, Rb 87 —Sr 87 and K 40 —A 40 dating methods. Complete melting 
(Jacobs and Allan 1956) and a complete convectional reorganization (Urey 
1956a, b) during this period have been suggested. Such processes occurring 
during 1.5X10 9 years would not have changed the general climatic and atmo¬ 
spheric conditions. 

We picture the Earth as having been formed by the accumulation of meteorite¬ 
like bodies or bodies such as the Imbrian planetessimal which fell on the Moon 
(Gilbert 1893) 1 . Such objects contained metallic iron and some water. These 
substances, which would be heated during their fall on the Earth, react to produce 
hydrogen at high temperatures. Also carbon and iron oxides will produce carbon 
monoxide and carbon dioxide. These oxides of carbon would react with hydrogen 
at lower temperatures to produce methane and other carbon-hydrogen compounds. 
Nitrogen would react less readily to form ammonia which would dissolve in the 
oceans. 

Hydrogen would escape readily from an atmosphere containing large amounts 
of hydrogen. Above some high level, corresponding to the present 160 km level, 
diffusive equilibrium would occur and the high atmosphere would be nearly pure 
hydrogen. Simple calculations show that the time of escape would be some 10000 
to 100000 years if present temperature conditions of the high atmosphere obtained. 
Such high temperatures depend on the luminosity of the Sun, its effective tem¬ 
perature for ultraviolet light emission, and the intensity of particle radiation. 
The primitive Sun at the time being considered may have been quite different 
from what it is now. However, hydrogen probably escaped so rapidly that this 
occurred during what can be designated as the time of formation. Thus immedia¬ 
tely we must consider an atmosphere containing some amounts of methane, other 
hydrocarbons, carbon-hydrogen-nitrogen-oxygen compounds in small amounts, 
nitrogen and water vapor. As long as methane, ethane, ethylene, acetylene, or 
other such gaseous compounds were present, they would carry hydrogen to the 
high atmosphere, would be decomposed by ultraviolet light and hydrogen would 
escape at a rate determined by the amounts of such gases in the atmosphere and 
the temperature of the high atmosphere. However, a time would come when 
the rate became small. Long before oxidation of carbon to its maximum valence 
state in carbon dioxide had occurred, carbon would have remained dissolved 
in the oceans as well-known soluble compounds to a great extent, and its abund¬ 
ance in the high atmosphere would have been low. 

The calculated rate of escape of hydrogen at the present time equivalent to 
20 g cm - 2 of water during 4-5x10® years is quite obviously insufficient to account 
for the oxidation of carbon, nitrogen, sulphur, and ferrous iron from their low 
value states, as they are observed in meteorites, to the oxidized states observed 
in the surface regions of the Earth. If such oxidation was supplied by the escape 
of hydrogen—and it is difficult to find other sources of oxidation—large amounts 
of water must have been decomposed. Urey (1953 a ) has argued for a maximum 
value of 3.8 X 10 4 g cm -2 . The low rate of escape of hydrogen at the present time 
is due not only to the arrival of only small amounts of water in the high atmo¬ 
sphere, where it is photochemically dissociated, but also to the fact that oxygen 
absorbs the light which dissociates water, namely, in the Schumann region, so 
that it does not penetrate below the tropopause. This occurs in the 80 to 120 km 


1 See R. Baldwin (1949) and H.C. Urey (1956a) for more recent discussions. 
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level where dissociation of oxygen takes place. In the absence of atmospheric 
oxygen, only carbon dioxide will absorb this radiation and its coefficient of 
absorption is only about that of molecular oxygen though the absorption 
curves have very similar trends with wavelength (Watanabe, Zelikoff and Inn 
1953)- Above the 80 km level of the Earth there are about 2 cm atmospheres 
of oxygen calculated as though it were not dissociated. It is partly dissociated, 
of course, but possibly 1 cm atmosphere is a reasonable estimate for undissociated 
oxygen. In order for carbon dioxide to produce a similar absorption in this 
region of the spectrum, there must be some 30 cm atmospheres. However, above 
the tropical tropopause there are only 20 cm atmospheres at the present time 
and in the absence of oxygen it would also be partly dissociated and ineffective. 
The calculation is approximate, but it shows that, in the absence of oxygen in 
the Earth’s atmosphere, decomposition of water below the tropopause would 
probably occur and thus hydrogen would escape to the high atmosphere in large 
quantities and would escape from the Earth at a very greatly increased rate. 
The Earth appears to be much more oxidized than Venus, as will be evident from 
the discussion of that planet, and this absence of the absorbing layer due to an 
inadequate amount of carbon dioxide probably accounts for this circumstance. 

Evidence in regard to the time of the appearance of an oxidizing atmosphere 
is obscure. The oldest rocks appear to be as oxidized as the more recent ones. 
Even now under an oxidizing atmosphere the sediments are highly reduced due 
to the activity of living organisms. Also ferrous iron can be oxidized by water 
to the ferric state under appropriate conditions and thus elementary oxygen is 
not a necessary condition for the production of some oxidation. Two pieces of 
evidence exist. ( 1 ) Thode, MacNamara and Fleming (1953) have observed 
that S 34 is concentrated in the sulphate relative to the sulphides and they have 
given evidence that this has occurred by the repeated oxidation of sulphides 
by elementary oxygen, and repeated reduction by bacteria. They find that this 
concentration process began about 10 9 years ago with a very considerable un¬ 
certainty in the date. This may mark the period at which atmospheric oxygen 
appeared. (2) The great deposits of ferric oxide belong to geologic formations 
of about 2 X 10 9 years ago. MacGregor (1927) suggested that these were deposited 
under a non-oxidizing atmosphere before free oxygen appeared. This is a most 
remarkable geologic period. For example, the original iron ore deposit of Vene¬ 
zuela, of which only Cerro Bolivar and a few other smaller deposits remain, is 
estimated to have been some 100 meters thick and to have extended some 200 km 
or more in linear dimensions. Iron ore deposits of other geologic periods exist, 
but not on the scale of these Pre-Cambrian deposits. Under a non-oxidizing 
atmosphere ferrous bicarbonate would be more soluble than calcium bicarbonate 
and iron could be weathered from the igneous rocks just as calcium is now. 
If primitive algae were able to oxidize ferrous iron, ferric oxide could have been 
precipitated in bogs or lakes and in this way formed these deposits. In order 
for this process to be feasible, it is necessary that the plants oxidized the iron, 
but did not produce free oxygen, for free oxygen would interfere with the solution 
of ferrous bicarbonate and thus this method of erosion would not be possible. 
It is not improbable that such plants may have evolved at an early period. 

It may well be that the photodecomposition of water and methane is only 
able to remove hydrogen as fast as it or other reducing substances are removed 
from the Earth’s interior due to a decrease in the rate of loss of hydrogen when 
the atmosphere becomes oxidized to a state in which carbon dioxide is abundant 
and oxygen is not, and that the existence of elementary oxygen is due to photo¬ 
synthetic activity of present day plants which maintain a non-equilibrium steady 
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state between the elementary oxygen, the reduced carbon compounds and the 
carbon dioxide of the Earth’s surface. We do not have sufficient information 
to decide this question, but neither Mars nor Venus has any observable free 
oxygen. If plants exist on these planets, they must be similar to those which 
were assumed above to have deposited the Pre-Cambrian iron ores. 

10. The origin of life. Life, as we know it, is a complex set of chemical and physical 
processes characteristic of the element carbon and the complex chemical com¬ 
pounds that it forms with hydrogen, nitrogen, oxygen, sulphur and a great 
many other elements in small but essential amounts. Two types of metabolism 
occur, the fermentative or anaerobic and the respirative or aerobic. Biochemists 
recognize that the former is the more fundamental and that it was probably the 
primitive one. Thus the observation of Oparin (1938) that life originated under 
reducing conditions agrees with the outline of events presented above. Bernal 
(1949, 1951) has recognized that such a history is consistent with Oparin’s ideas, 
and Urey (1952) showed that appreciable amounts of free energy could have 
been available under conditions of a reducing atmosphere. Miller (1953. 1955) 
in a brilliant chemical investigation showed that amino acids and other carbon 
compounds could have been produced under conditions which can reasonably 
be postulated to have existed during the non-oxidizing atmosphere of the primitive 
Earth. Chemical investigations designed to produce complex carbon compounds 
such as are found in living organisms from carbon dioxide have been uniformly 
unsuccessful and unconvincing. We can conclude that life evolved under an¬ 
aerobic conditions and that it would probably evolve whenever conditions closely 
approximating those on the Earth have occurred anywhere in the universe. 

It is of interest to specify what the properties of a planet must be in order 
that life could thrive on it. If the planet were so large that it retained hydrogen, 
the intermediate state of oxidation characteristic of living organisms would be 
maintained only with great difficulty for then CH 4 , NH 3 , H 2 0 and H 2 S would 
be the abundant compounds. (The mean states of oxidation of carbon and 
nitrogen in living organisms are about 0 and — 2 respectively.) Thus many reac¬ 
tions of carbon and nitrogen are probably taking place within the atmospheres 
of the major planets, but it is doubtful if anything remotely resembling living 
organisms exists on these planets. Again, the planet must not be much smaller 
than the Earth, for in this case the atmosphere would be lost completely at the 
required temperatures. Thus Mars has closely the minimum mass required. The 
temperature must lie within narrow limits. Life always exists in liquid water 
on Earth. Substances which lower the melting point of water are synthesized 
and utilized by plants and these are important in their ability to withstand low 
temperatures. However, reactions of carbon compounds become imperceptible 
at temperatures below 0° C, and at —100° C and below they would be imper¬ 
ceptible even during geological times. Algae thrive in hot springs at 70° C and 
if such springs existed for long periods of time, complex forms of both animals 
and plants capable of living at such a temperature would probably evolve. Yet 
above 100° C reactions of carbon become very rapid and this slow mild series 
of reactions, so characteristic of living things, could hardly be maintained. The 
extreme temperature limits for active living processes probably lie between —10 
and 100° C, with the certainty that dormant forms could exist for limited times 
outside these limits. Living organisms are able to adapt themselves to quite 
remarkable variations in their chemical environment. Thus some bacteria grow 
in sulphuric acid, e.g., Thiobacillus thio-oxidans, in the presence of high concen¬ 
trations of carbon dioxide and alcohol, e.g., yeast, in the absence of oxygen, i.e.. 
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the anaerobic bacteria, some worms and molluscs, or in the presence of greatly 
increased concentrations of oxygen, e.g., man and other mammals. In fact, 
many chemical substances which are violent poisons for some forms of life are 
tolerated, or even utilized, by others. It would be difficult to conclude that the 
presence of any chemical compound would definitely prevent the evolution of 
a form of life; some living organism would probably evolve which would tolerate 
it or even use it in its metabolic processes. It is evident that both Mars and 
Venus conform to these broad requirements and that no other planet does so. 

III. The atmosphere of Venus. 

11. Chemical composition. The surface of Venus is covered by white clouds 
which prevent any clear observation of its surface. These clouds are responsible 
for the high albedo of the plante. The horns of the planet near inferior conjunc¬ 
tion are often extended and broadened and, in fact, may form a faint, but distinct 
complete ring about the planet. (For example, see Slipher 1939 and Whipple 
1946.) 

The first constituent of the atmosphere to be detected was carbon dioxide, 
which was first observed by Adams and Dunham (1932). They observed bands 
at 7820 . 2 , 7882.9 and 8688.7 A. These are the 5 v s , 2v 2 + 5v 3 and the $v 3 
bands as designated by Herzberg and Herzberg (1953). vvh° give their relative 
intensities as 0-3, 0.1 and 1.0 respectively. The moment of inertia of the absorb¬ 
ing molecule calculated from the bands is 70.4 X 10 -40 g cm 2 in close agreement 
with the accepted moment of intertia of the C0 2 molecule (see Herzberg 1945). 
Using the same spectrograph as that used for the observations on Venus, Dunham 
found that a 42.6 meter path through carbon dioxide at 10 atmospheres pressure 
produced a faint absorption of the + 5 v 3 band. The band in the Venus spectrum 
is stronger and in view of the pressure effect which would increase the absorption 
in the laboratory observation, and recognizing the double path in the Venus 
atmosphere, Dunham estimated the amount of C0 2 above the cloud layer of 
Venus as 400 meter atmospheres. Since the 2v 2 + 5v 3 band is well observed in 
the Venus spectra, and since the intensity of this band is only that of the 
v i + 5 v 3 , it seems probable that the correct amount is three times that given by 
Dunham, or 1 . 2 km atmospheres. Adel and Slipher (1934 ) 1 estimated the carbon 
dioxide as 3.2 km atmospheres (2 mile atmospheres) from experiments made 
with a Hilger E -1 glass prism spectrograph which would be likely to give less 
reliable results than the method used by Dunham. Kuiper (1950) from his 
infrared observations gives 1 km atmosphere, an estimate very close to the 
Dunham value as corrected by the subsequent work of the Herzbergs. 

Herzberg (1949) has devised very long paths and has photographed the 
bands at 8689 , 7883 and 7820 A with carbon dioxide pressures of one atmosphere 
and less and concludes “that the amount of carbon dioxide above the cloud 
layer is of the order of 1000 meter-atmospheres”. We shall adopt this value 
for this quantity. 

Kozyrev (1954a) has detected many bands in the night sky of Venus and 
finds evidence for the second positive and the Vegard-Kaplan bands of nitrogen 
and for the B Z Z-^X 2 A bands of NJ. The evidence for the second positive band 
is particularly good. Urey and Brewer (1957) point out that a number of the 
bands observed by Kozyrev can be assigned to the comet tail bands of CCT 
and that the absorption bands observed by Kozyrev (1954b) may be due to 

1 Pressure broadening may be larger than estimated by Dunham and possibly this is 
the minimum value as he infers in his reference to Adel and Slipher’s previous work. 
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CO + and C0,J. They observe that the general color of Venus can reasonably be 
explained as due to the general absorption of these ions or other gaseous constitu¬ 
ents to be expected in an atmosphere which contains little or no oxygen. Kuiper 
(1952, p. 374) was unable to detect carbon monoxide in the infrared spectrum 
of Venus and placed its abundance as less than 100 cm atmospheres. These 
observations are not necessarily in contradiction since Urey and Brewer only 
maintain the presence of fluorescing molecules in the high atmosphere and, as 
will be shown subsequently, only some 60 cm atmospheres of CO can be expected. 

St.John and Nicholson (1922 a) attempted the detection of water and oxygen 
with a dispersion of 3 A per mm at Mt. Wilson with negative results. Observations 
on these two constituents are difficult because of their presence in the terrestrial 
atmosphere. The atmospheric oxygen bands ( 1 A ! ,->- 3 A’ g transition) are due to a 
forbidden transition and hence are very weak and unsuitable for a sensitive test 
in another atmosphere and so small amounts of oxygen would not be detected. 
In order to avoid the difficulty of the Earth’s atmospheric absorption, it is neces¬ 
sary to use high dispersion and observe at such times that the Doppler shift due 
to relative motion of the Earth and planet displaces the lines. Adams and Dun¬ 
ham (1934) conclude that not more than 2 tt as much either oxygen or water vapor 
is present in the Venus atmosphere as is present on Earth. However, only 8 % 
of the Earth’s oxygen is above the tropical tropopause and their estimate applies 
only to the Venus atmosphere above its clouds; hence, if the clouds are near 
the tropopause, it is possible that Venus has one-half as much oxygen in this 
region as does the Earth in its atmosphere above the tropopause. 

Since the tropopause is probably at about 233° K (see below) the partial 
pressure of water in the upper atmosphere must be very low and hence any 
absorption bands could be detected only with difficulty and none have been 
observed. (In fact, water has never been detected in any extra-terrestrial spectrum 
because of these difficulties.) 

The large amounts of carbon dioxide indicate that the conditions on Venus 
are fairly far toward the oxidized condition, though the apparent absence of free 
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oxygen shows that it is not as oxidized as the Earth. It is of interest to eliminate 
certain gaseous compounds as possible major constituents of the Venus atmo¬ 
sphere. The reactions of Table 9 are spontaneous in the direction as written at 
25° C, as shown by the standard free energies, AF\ 9S . The conclusions would not 
be changed if temperatures somewhat above or below 298 ° K prevail on the planet. 
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C is taken as graphite and all other substances are in the gaseous state. Thus 
the molecules CH 4 , N 2 0, NH 3 and H 2 cannot be expected to be important con¬ 
stituents of the atmosphere of Venus once we know that large amounts of carbon 
dioxide are present and since nitrous oxide and, in fact, all the oxides of nitrogen 
are unstable with respect to oxygen and nitrogen, they cannot be expected to 
be present in large quantities in any atmosphere. The oxides of sulphur are very 
acidic and will react with basic oxides always present in the solid substances 
expected in terrestrial planets and thus they would be most surprising constituents 
of atmospheres. No spectra of any of these molecules have been observed on 
any terrestrial planet except the Earth, and they are present in this case only 
as very minor constituents and owe their presence to some special photochemical 
and kinetic chemical process or to industrial sources in each case. Yet both 
oxygen and carbon monoxide must be minor constituents in the Venus atmo¬ 
sphere, since carbon dioxide absorbs light in the Schumann region with dissocia¬ 
tion into atomic oxygen and carbon monoxide. Recombination will take place, 
but a steady state must be reached with some amounts of 0 2 , CO, and indeed 
both O and 0 3 in the atmosphere. At high temperatures CO becomes stable 
and hence no precipitation of carbon in the high atmosphere can be expected. 

The clouds of Venus are and have been a source of much speculation and argu¬ 
ment. If our estimates of the amounts of carbon dioxide above the cloud layer 
and the temperature of the clouds are approximately correct, these clouds cannot 
be condensed carbon dioxide. The condensation temperature for 0.165 bar of 
C0 2 is 175° K and for 1 bar pressure it is 194-7° K. 

Lyot (1929) has studied the polarization of the clouds. If we let 7 ± and 1^ 
be the intensities of light polarized perpendicular and parallel respectively to 
the plane through the Sun, Earth and the planet, Lyot defines the polarization as 


P = 


Ll-L 
Ll + C 


( 11 . 1 ) 


Observation shows that this varies with the angle between the Sun and the 
Earth, but not markedly with the orientation of the scattering surface. Lyot 
explained this as due to the fact that nearly all polarization occurs at single 
scattering by small particles and that multiple scattering increases the total 
light, but not the polarization. Hence the observed polarization is smaller than 
expected from the theory of single scattering. Lyot’s curve for the polarization 
of light from Venus is reproduced in Fig. 1, together with his experimental curve 
for water droplets of diameter 2.5 pt- decreased by a factor of 3-5- The agreement 
is fair for large values of cp but not for small values. Considering that the tops 
of the clouds of Venus are probably solid water rather than liquid water, the 
agreement is probably as good as could be expected. The polarization character¬ 
istics of carbon dioxide clouds are unknown. 

Menzel and Whipple (1955) have presented effective arguments for the view 
that the clouds are due to water 1 . They point out that Lyot’s polarization meas¬ 
urements are in reasonable agreement with the water hypothesis, that these 
measurements require uniform droplets of large size, i.e. 2 jl, and that these are 
not likely to be dust and that no likely substance other than water has been 
suggested. On the Earth only very limited quantities of white solids are known, 
e.g., chalk or silica, and these owe their presence to the leaching action of water. 
They estimate the amount of water in the terrestrial atmosphere above Mt. Wilson 
as 0.85 g cnr 2 of precipitable water, and that above the cloud layers of Venus 

1 The arguments for and against the water hypothesis were presented many years ago 
by St. John and Nicholson ( 1922 b). 
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as as much, so that failure to detect water is understandable. Their estimate 
of water above the cloud layer may be too low since they assume an adiabatic 
non-mixing atmosphere. The vapor pressure of water at — 38 ° C, which is a 
possible, though uncertain, value for the temperature at the cloud layer (see 
below), is 0.158 millibars. If the atmosphere above the clouds is mixed at least 
for some distance comparable to the 160 km level of the Earth, there are 100 cm 
atmospheres of water vapor above the clouds or 0.08 g cm' 2 of water, or about 
t l of that above Mt. Wilson. As will be shown later, the amount above the 
Venus clouds may be less than this, and hence probably cannot be detected. 



Fig. 1. Polarization of the planet Venus as a function of phase angle (Lyot 1929). The solid curve is the observational 
curve with the observed points. The broken curve is the observed curve for liquid water droplets of 2.5 p diameter with 

the values of the polarization divided by 3.5. 


Dunham’s estimate is that not more than ^ as much water is present above 
the Venus clouds as that of the Earth’s atmosphere. 

Kuiper (1952, p. 308 ) gives the color index of Venus as 0.8 magnitude and 
Danjon (1948) reported 1.0 magnitude. Since water clouds are whiter than this, 
some doubt is cast on Menzel and Whipple’s conclusion. Kozyrev ( 1954 b) 
has measured the reflecting power of Venus at different wavelengths and finds 
that it increased from 0.15 at 3800 A to 0.94 at 6500 A. He also finds some 
indication for absorption bands at (4120 ±4) A and (4372 ±3) A. The decrease 
in reflection is especially marked at wavelengths below 4500 A. Opik ( 1956 ) 
has discussed this problem and favors the view that the clouds of Venus cannot 
be due to water because of the distinctly yellow color of the clouds as compared 
with water clouds of the Earth which are white. However, the Earth’s atmosphere 
contains large amounts of elementary oxygen and even ozone and these rapidly 
destroy any carbon compounds. In the absence of free oxygen, or even in the 
presence of small amounts of oxygen, carbon compounds would surely be much 
more abundant in the Earth’s atmosphere. Such compounds would contaminate 
the clouds and would probably produce absorption in the near ultraviolet and 
blue just as is observed in the clouds of Venus. 

Urey and Brewer (1957) have called attention to the absorption of light by 
CO + and COJ in the high atmosphere of Venus. In the highest regions any absorp- 
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tion by these ions would be radiated and hence would be part of the scattered 
light. The radiated light would be redder than that absorbed since the emitting 
transitions would leave the molecule in higher vibrational levels and this energy 
would be radiated in the red. The absorption bands of CO + and COJ lie in the 
absorption region observed by Kozyrev and the 4120 A band is at least close 
to the wavelength of a group of emission bands of COJ and both the 4120 and 
4372 A absorptions lie close to the (3, 1) and (4, 1) bands for the A 2 IJ-^X 2 S 
transition of COT The presence of absorption from the p" = l level indicates 
a high temperature in the high atmosphere of Venus. Only some 10 13 or 10 14 mole¬ 
cules cm -2 are required for an observable absorption of light if the transition is 
a permitted one. Urey and Brewer present strong arguments in favor of this 
interpretation of Kozyrev’s data. In the absence of oxygen, a number of mole¬ 
cules such as CN, CH, CH + , C 2 , NJ, OH and OH + and many compounds of carbon 
may be present and many of these absorb in the blue and near ultraviolet. These 
many possibilities make it impossible to exclude the possibility that the clouds 
of Venus are water on the grounds of the yellowish color of Venus. 

Urey (1952a) has shown that in the presence of water, carbon dioxide would 
react with silicates to form limestone or dolomite and sand, but Menzel and 
Whipple point out that this objection would be met if the planet were completely 
covered by oceans so that effective contact through erosion were prevented. 
Other possibilities exist. If the initial amount of carbon dioxide were very large, 
all surface rocks may have reacted and still a surplus could exist. Or mountain 
building may have ceased and all land areas may be awash so that erosion has 
ceased. Danjon (1943) made drawings of the dark areas of Venus as observed 
at slightly different times. He superimposed these drawings and found that a 
regular pattern appeared. He showed that successive studies of this kind produced 
the same pattern. He concluded that these are due to permanent surface markings 
and he found that these markings keep a constant orientation toward the Sun 
so that the planet rotates only once in its orbital period. These observations have 
been confirmed and greatly extended by Dollfus (1956). We conclude that 
oceans can hardly cover the entire surface and that either an excess of carbon 
dioxide exists or that the continents are awash with some coloring material, 
plants perhaps, in these regions. Menzel and Whipple’s suggestion of water 
clouds is probably correct. 

Alternatives to water as the cloud-forming substance have been proposed, 
such as quartz particles. But such a substance does not exist in pure form in 
available quantities on the Earth, and no feasible process for its formation on 
Venus is evident, either in the absence of water or its presence. It can be stated 
with confidence that, in the absence of water, dust clouds would be of some very 
dark brown color such as those of the Sahara dessert or the western United States 
under “dust bowl” conditions or of the yellow clouds of Mars. The postulate of 
dust in the atmosphere implies strong convection below the tropopause and 
this in turn requires that light energy penetrates well below the tropopause and 
that effective cooling occurs at the tropopause. Light of all wavelengths would 
be absorbed by finely divided material if it had the composition of igneous rocks 
or the meteorites, and no great penetration of light into such a layer would occur 
and hence the whole condition for establishing a dusty atmosphere could not 
exist. No suitable substance other than water or carbon dioxide can be expected 
to exist in large quantities on a planet having an oxidation state corresponding 
to carbon dioxide. 

Kuiper (1956) has called attention to the wmrk of Harteck (1955) on the 
production of suboxides of carbon ionizing radiation and its possible application 
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to the color of Venus. Harteck finds that high energy radiations acting on 
carbon dioxide produce suboxides of carbon and since such radiations reach the 
high atmosphere of Venus, it can be expected that some amounts of these 
suboxides may be present in the atmosphere 1 . It is very difficult to estimate 
the kinetic processes of the high atmosphere of a planet and this has not been 
done for this problem up to the present time. Because of the well-known instability 
of these suboxides and because of the high temperature to be expected in the high 
atmosphere of Venus, it is doubtful if more than small amounts of these substances 
are present in the atmosphere of Venus. Still only very small amounts of colored 
substances are required to produce the color of Venus and these compounds may 
well be the source of the yellowish color. It is very doubtful whether these com¬ 
pounds could constitute the clouds of Venus as Kuiper suggests. Indeed the 
slight clearing noted by various observers indicates that the clouds precipitate 
as rain or evaporate, and neither could be expected if they consisted of these 
resinous suboxides. The clouds of Venus are most probably water with some 
carbon compounds present and absorption by CO£ and CO + must be present to 
some extent and probably contributes to the color. 

12. The temperature and structure of the atmosphere. Early measurements 
of temperatures show that there is little difference between the day and night 
sides of the planet (Pettit and Nicholson 1924, Coblentz and Lampland 1924). 
Pettit and Nicholson found 241° K for both the bright and dark hemispheres 2 * . 
Recently, Strong and Sinton (1956) from the infrared radiation between 8 and 
14 p. estimate the temperature of both hemispheres as about — 40° C in very 
close agreement with the observation of Pettit and Nicholson. Recent data 
of Pettit and Nicholson (1955) indicate 233 and 238 0 K for the light and dark 
hemispheres respectively. As Adel (1941) has shown, this radiation is partly 
due to carbon dioxide bands in the 10 and 14 p. regions arising from transitions 
from the (iq, 2v 2 ) resonance levels and the v 3 level at 9.16 and 10.4 [a, and from 
the (pj, 2v 2 ) resonance level and the {v 1 +v 2 j level at'12.66 and 13.50 (a. Such 
radiation could hardly originate at the cloud level, for it would be absorbed 
by the 10 5 cm atmosphere of carbon dioxide above that level since these bands 
are absorbed by about 500 and 25 cm atmospheres respectively. This suggests 
that this radiation originates partly high in the atmosphere and gives an indica¬ 
tion of temperatures in this region, and possibly only partly at the clouds. From 
the maximum of intensity P and R branches of the 7820 and 7883 A bands of 
C0 2 , Adel (1937a) estimated the temperature as greater than 50° C, and this 
should be an average temperature for the region above the cloud layer. Cham¬ 
berlain and Kuiper (1956) have measured the intensities of these bands more 
precisely and from the distribution of intensities in the rotational transitions, 
they find a temperature of (286 ± I3) 0 K from the 8689 A band and (292 ± 16)° K 
and (277±15)° K from the 7820 A band, using two sets of plates. These bands 
are comparable in intensity and arise by absorption from the lowest vibrational 
level and should indicate temperatures at comparable levels of the atmosphere. 
A mean temperature of (285 ±12)° K is thus indicated. The Chamberlain-Kuiper 
higher temperature is characteristic of the average temperature above the clouds. 
Their plates were taken at a phase angle of 75 to 80°, and hence the temperatures 
refer to regions at a considerable angle from the mid solar point. 


1 C 3 0 2 is a gas but at moderate temperatures it polymerizes to non-volatile brown higher 
molecular weight suboxides containing less oxygen. 

2 Menzel, Coblentz and Lampland (1926) reported 330° K but regarded the measure¬ 

ment as doubtful. 
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Mayer, Stoanaker and McCollough (1956) have reported a temperature 
greater than 350° K by the observations on the 3-15 cm radiation. This radia¬ 
tion presumably comes from the surface of the planet, though this is not cer¬ 
tain. 

The existence of the cloud layer and evidence for considerable movement 
of the clouds indicate that the atmosphere is adiabatic below this layer with a 
tropopause at the top or above the clouds. Since the planet rotates only slowly, 
a slowly rising current at the mid-solar point similar to the Brewer equatorial 
rising current in the Earth’s atmosphere should exist and we can expect that the 
temperature of the tropopause at this point is lower than it is at any other point 
(see p. 372). With an albedo of 0.59, the radiation absorbed from the Sun is 1.3 times 
that absorbed by the Earth. It must radiate all this energy above the tropopause 
since the surface of the planet is completely covered by clouds, in contrast to the 
Earth where radiation from the surface through the window from 8 to 14 p. is 
possible and effective. We do not understand atmospheric circulations sufficiently 
to be able to estimate the tropopause temperature but it is probable that a Brewer 
drying effect would exist and that the tropopause temperatures may be similar 
to those of the Earth’s atmosphere. An albedo of 0.59 requires that the effective 
radiating temperature is 262° K if the entire surface of the planet had the tem¬ 
perature of a black body 1 . The observed temperatures of 233 al 'd 238° K for 
the sunlit and dark hemisphere respectively are not inconsistent with this very 
approximate estimate. If intense drying of the high atmosphere occurs and the 
clouds are indeed water, as seems very probable, radiation in the far infrared 
from the cloud layer to space must occur. This radiation will be absorbed only 
partly by the carbon dioxide above, which is radiating its characteristic bands 
at 285° K according to Chamberlain and Kuiper. 

Weather bands have been photographed by Ross (1928) in the ultraviolet. 
More recently these have been observed by Richardson (1955) and Kuiper 
(1954), These bands are approximately perpendicular to the terminator. The 
latter authors disagree on the direction of the pole, Kuiper securing an inclina¬ 
tion of the pole by 3 2° to the orbital plane and Richardson giving 14° for the 
same datum. Slipher (1903) could find no Doppler effect indicating no rotation. 
This was confirmed by Hamy and Millochau (1913)- The Doppler effect is 
less sensitive than the method of Danjon and Dollfus (see p. 387). At least 
the weather bands indicating rotation are so faint that agreement in regard to 
the position of the pole has not been secured. 

The absorption of energy in the atmosphere must follow a pattern similar, 
but not identical, to that in the terrestrial atmosphere. At the top of the atmo¬ 
sphere intense particle radiation must be present and probably produces a very 
high temperature. The transitions of the second positive bands of nitrogen 
observed by Kozyrev (1954a) and those of the comet tail bands (Urey and 
Brewer 1957) indicate that molecules are present in high vibrational levels. 
The presence of such excited molecules probably does not indicate a true temper¬ 
ature corresponding to the excitation energies, but only that very energetic 
processes are taking place. Light in the region below 1000 A will also ionize 
molecules as occurs on Earth. The Schumann region of the spectrum will be 
absorbed by carbon dioxide on Venus. This radiation is absorbed by oxygen 
and penetrates to the 80 km level approximately on Earth, above which level 


1 G.P. Kuiper (1952, p. 304) gives O .76 for the albedo, but presents no details of measure¬ 
ments nor any explanation of the disagreement with previous observations. This higher 
albedo would lead to a lower temperature of 234° K. 
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there are some 4-7 X 10 19 oxygen molecules per cm 2 . The coefficients of absorption 
by carbon dioxide follow a similar curve with wavelengths as do those for oxygen 
but are about as large. Hence this radiation should penetrate through 1.4 X 
10 21 molecules of carbon dioxide in the case of Venus, and with a scale height of 
6.6 X10 5 cm the number of molecules at this level would be 2.6 X10 15 cm -3 . (The 
scale height is calculated for a temperature of 285° K and a molecular weight of 
42.4.) If carbon dioxide were all dissociated into carbon monoxide and atomic 
oxygen, there would be 62 cm atmospheres of carbon monoxide in the atmosphere. 
All the carbon dioxide above the level is not dissociated and, in fact, is probably 
less dissociated than oxygen is in the Earth’s atmosphere since the higher total 
pressure at the dissociation layer causes more rapid recombination. The bands 
of CO + are the only evidence for its existence. A small amount of molecular 
oxygen should result from this absorption. These problems have not been studied 
n detail as have similar terrestrial problems. 

There is no known absorber for the region between 2000 A and the infrared 
except carbon dioxide in its overtone bands at 7820.2, 7882.9 and 8688.7 A, 
where the solar radiation has high intensity. However, the absorption noted by 
Kozyrev (1954b) in the violet and near ultraviolet shows that absorption does 
occur and the discussion of Urey and Brewer (1957) shows that a number of 
molecules may well be present which would absorb through much of the region 
between 2000 and 4500 A. The presence of small amounts of carbon suboxides 
would produce intense absorption as well. 

The particle radiation must be about twice as intense at Venus as it is at the 
Earth, and high temperatures at the escape layer are most probable. 

13. Models of the Venus atmosphere. The lower atmosphere of Venus can 
be constructed on the assumption of the presence of water vapor, but definite 
conclusions cannot be drawn without more knowledge than we possess. Thus 
we know the following constants: the pressure of C0 2 at the top of the clouds 
is 0.170 bars at unknown temperature; the temperature at the surface is possibly 
~350° K at an unknown pressure. The lapse rate for a saturated atmosphere 
is given by Eq. (7.2). The total pressure gradient is 


dP 

dh 


gPiPi (. , 

rt r p x 


(13.1) 


These equations can be solved by successive numerical approximations. The 
Earth’s atmosphere is not saturated with water at any level for most of the time. 
Venus, with a thicker cloud layer, may be more nearly saturated. Houghton 
and Radford (1938) show that a visibility of 10 5 cm exists when there is only 
10^ 8 gcnu 3 of condensed water. Since the vapor pressure of water at 230° K 
corresponds to about 6 times this amount of water, it is evident that the top 
of- the cloud layer of Venus may be at some very low temperature and in fact 
may extend completely to the tropopause. It is evident that we are unable 
to construct any model of the atmosphere with confidence. For illustration 
only and as a guide to thinking about the conditions which may exist below the 
cloud level of Venus, we assume a temperature of — 48° C or 225.2° K at the 
mid-solar tropopause and that the atmosphere is saturated. Also we assume 
an atmosphere containing 10 mole percent of nitrogen, i.e., an amount of nitro¬ 
gen approximately the same as that on earth, since this gas should be pre¬ 
sent to some extent and a mean molecular weight of 42.4. An atmosphere of 
"Ml XlG 5 cm atmospheres (N.T.P.) exerts a pressure of 0.176 bars at the cloud 




Sect. 13. 


Models of the Venus atmosphere. 


391 


level 1 . Fig. 2 shows a plot of the calculated temperatures vs. altitude. The 
pressures at h equal to f 7 and 20 km below the tropopause, which is assumed 
to be the cloud level approximately, are 2.66 and 4.10 bars and the temperatures 
are 326 and 3 3 8° K respectively. These temperatures are not unreasonable for 
a planet receiving 1.3 times as much energy from the Sun as the Earth. The 
masses of the atmosphere in the two cases are 316O and 4870 g cm -2 . From the 
solubility of carbon dioxide in water we can conclude that only a few hundred grams 
cm 2 would dissolve in oceans 4 to 5 km 
deep. The calculations indicate that the 
total carbon dioxide per cm 2 is comparable 
to the amount in the sediments of the 
Earth, estimated as 8300 g cm -2 . 

The calculated curve (Fig. 2) is for the 
mid-solar point. For points nearer to 
the edge of the illuminated hemisphere 
the tropopause may be at a higher temper¬ 
ature, as is true for the Earth at higher 
latitudes. At higher levels the curves are 
drawn so that the temperatures observed 
in the 8 to 14 o window are reached at 
higher altitudes. At still higher altitude 
the temperature rises to some thousands 
of degrees as shown by the CO + bands 
indicated by the observations of Kozyrev 
and their interpretation by Urey and 
Brewer. It should be noted that a Brewer 
current rising at the mid-solar point would 
dry the atmosphere and though higher 
temperatures as observed by Chamber- 
lain and Kuiper would be observed, the 
moisture content of the high atmosphere 
would be low. An entirely analogous situ¬ 
ation exists in the Earth's atmosphere. 

A surface temperature much higher 
than 350° K makes great difficulty in 
constructing a model for the lower atmo¬ 
sphere, especially if liquid water exists 
on the planet, because of the very low lapse rate of a moist atmosphere at higher 
temperatures. Much higher temperatures would require a very deep atmosphere, 
if it is moist. If the oceans are completely evaporated, which seems improbable, 
the lapse rate will be higher, i.e., 4.2° km -1 for water vapor and higher than this 
for mixtures of water and carbon dioxide, and hence the atmosphere need not 
be quite so deep. Lower surface temperature would decrease the height to the 
tropopause and the total amount of carbon dioxide on the planet. 

Due to the opacity of water and carbon dioxide to infrared light, the surface 
of the dark hemisphere is highly insulated. The heat capacity of the model at¬ 
mosphere is 8 X10 10 erg cm -2 degree -1 . The thermal radiation of a black body 

1 For numerical calculation purposes Eq. (13.1) can be put in a more convenient form 
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The second term on the right is small as compared to the first. 



Fig. 2. The temperature-altitude curve for Venus. The 
heavy curve is that calculated as mentioned in the text. 
The lighter curves are estimated. 
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at 235 ° K is 1.7X tO 3 ergs sec -1 cm" 2 and thus a fall of one degree in temperature 
would supply the radiation for the dark hemisphere for 5-5 days. The higher 
temperature of this hemisphere is due to the fall of the atmosphere. A mean 
fall of 20 meters per day would supply the energy radiated. It is quite reasonable 
that a moderate circulation of the atmosphere between the two hemispheres would 
maintain them at nearly the same temperature as Pettit and Nicholson (1955) 
have observed. The higher temperature of the dark hemisphere is also to be 
expected, and is similar to the higher temperature of the terrestrial tropopause 
at high latitudes. 

Curtis and Goody (1956) have shown that carbon dioxide will not radiate 
effectively below a total pressure of about 40 dynes cm" 2 because the relaxation 
time for the transfer of energy from the translational to the vibration degrees 
of freedom is too low. Hence, we conclude that far below the escape layer the 
cooling due to radiation by carbon dioxide will become ineffective and that the 
high atmosphere of Venus can acquire a very high temperature, quite sufficient 
to permit the escape of hydrogen. The bands at XX 43 72 and 4120 A observed 
by Kozyrev, if due to the (3. 1) and (4, 1) transitions of CO + , indicate high tem¬ 
peratures in the high atmosphere. 

14. The escape of gases from Venus. Since Venus is nearer the Sun and has 
a smaller mass than the Earth, we expect that the escape of gases will be much 
more rapid from Venus than from the Earth. Since carbon dioxide is dissociated 
into carbon monoxide and atomic oxygen by radiation in the Schuman region, 
we must expect that at least carbon monoxide, atomic and molecular oxygen 
exist in the atmosphere. It is of particular interest to estimate the velocity of 
escape of hydrogen, for if hydrogen escapes rapidly and the clouds are water, 
then oxygen should be abundant on the planet. It should be noted that no 
photodecomposition of water in the lower atmosphere will occur, since the large 
amount of carbon dioxide will absorb the light of the Schumann region com¬ 
pletely and hence no production of hydrogen will occur except in the high atmo¬ 
sphere. Hence, only the transport of water through the tropopause to the high 
atmosphere and its diffusion to the escape layer need be considered. 

As concluded above, the high atmosphere of Venus is probably at 1500° K 
or higher and again the rate of loss of hydrogen must be determined by the rate 
of transfer of water through the tropopause and the diffusion of hydrogen to 
the escape layer. The temperature of the mid-solar tropopause is probably lower 
than the mean value, just as the terrestrial tropical tropopause has a lower 
temperature than it has at high latitudes. We shall take this temperature as before 
to be —48° C or 225-2° K. The vapor pressure of water at this temperature is 
0.0498 mb and taking the pressure of carbon dioxide and nitrogen as 178 mb 
at the same level, we have a mixing ratio of water to the other constituents of 
2.9 X10" 4 , which is 145 times that used for the Earth. Obviously, this estimate 
may be considerably in error. Calculations on rates of diffusion of hydrogen in 
the atmosphere of Venus are highly uncertain, but the rate should be of similar 
magnitude to that for the Earth, which was 1 X 10 7 atoms cm -2 sec' 1 and hence we 
expect a loss of 1.45 X 10 9 atoms cm -2 sec' 1 from Venus. This is equivalent to 
3000 g of water per cm 2 during 4.5 X 10 9 years or it is sufficient to have oxidized 
1000 g of carbon per cm 2 from the zero oxidation state to carbon dioxide. We 
have assumed an atmosphere containing ~1100g of carbon per cm 2 and easily 
within the limits of the calculations these two quantities could be the same. 

The rate of oxidation of carbon on Venus appears to be lower than that for 
the Earth since some 3 000 g of carbon per cm 2 have been oxidised to carbon 
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dioxide on Earth, and this appears to have been substantially complete 2 or 
3 X10 9 years ago. As mentioned previously, the water of Venus below the tropo- 
pause has been protected by its carbon dioxide atmosphere ever since some 
100 cm atmospheres of this gas appeared above the tropopause. In the case 
of the Earth this protection was absent until the elementary oxygen appeared 
in its atmosphere, since carbon dioxide was removed from its atmosphere by 
reaction with silicate rocks, a process not possible on Venus due probably to 
oceans covering the entire surface of the planet or to other causes. Hence, the 
more rapid oxidation of the Earth’s atmosphere is understandable. 

When the chemical behavior of carbon dioxide relative to silicate rocks, 
the effect of no erotion on Venus, the absorption of light by oxygen, carbon 
dioxide and water, and the drying of the upper atmosphere due to the Brewer 
effect are all considered, there is no difficulty in understanding the differences 
in the atmospheres of the two planets. 

15. Evolution of the atmosphere and life on Venus. The evolution of the Venus 
atmosphere should follow the general course of events as outlined for the terrestrial 
atmosphere except for those circumstances which have caused the retention of 
the large quantity of carbon dioxide in the atmosphere. As long as any hydrogen 
compounds of great volatility, such as methane, remained in the atmosphere, 
they would provide a method for the transport of hydrogen to the high atmosphere. 
The concentration of atomic hydrogen at the escape layer would be increased 
greatly and the rate of escape would be increased in proportion, if the temper¬ 
ature were the same. Following such escape of hydrogen the oceans should have 
contained large quantities of carbon compounds. Oxidation of these compounds 
has proceeded during all geologic time and is probably still proceeding. 

No positive evidence for the existence of life on Venus is known, though the 
conditions postulated for the planet would not make it impossible (see discussion 
for Earth, Sect. 10). 


IV. The atmosphere of Mars. 

16. Total pressure. The determination of the Martian surface pressure has 
been attempted by numerous investigations. The numerical values reported 
are remarkably concordant in spite of the many doubtful assumptions introduced. 
The problem is to distinguish between the amounts of light scattered by the 
Martian surface and the atmosphere. The latter is far smaller than the former 
and hence only a very small effect must be separated from a much larger one. 
Menzel (1926) attempted to distinguish between the total amounts of light 
reflected. Lyot (1929) tried to distinguish between the polarization of light 
from the atmosphere and that from the solid surface. He assumed Rayleigh’s 
formula for the polarization of the light from the atmosphere and used the ex¬ 
perimentally determined polarization of volcanic ash for the surface of Mars. 
Other studies have been made by Barabascheff and Semejkin (1934), Bara- 
bascheff and Timoshenko (1940), Scharonow (1941), Sytinskaya (1944), 
Fessenkoff (1944), Hess (1948) and de Vaucouleurs (1945). These are re¬ 
viewed by de Vaucouleurs (1954), who concludes that all are doubtful and 
that his own determination is approximate only. Only the very recent work of 
Dollfus (1951), which has not yet been published in detail, appears to be physic¬ 
ally reliable. 

Dollfus bases his measurement on the following argument. If B a and B s 
are the surface brightness of the atmosphere and surface at the mid-point at 
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opposition respectively, then at the visual angle, F, and angle, ft, from the center 
of the disk these are 

where 95 (F) and ip [ft) are unknown functions. The polarizations of the light are 
sin 2 V 

T+cosAF anc ^ -Pj {V)-\-A(ft) respectively, where P S (F) and A (ft) are unknown 

functions again. The total polarization is secured by taking the sum of the 
products of intensities and polarizations and dividing by the total intensity 
(the intensity of the atmosphere can be neglected in comparison with that of the 
surface). Then 

P(V, U|.f,in+1M +if (x)'!£v wrmr (,<u) 

He has used this formula in four ways to deduce the value of BJB S . (1) The 
values of ft and F were varied for one value of X. In this it is assumed that P S (V) 
is constant. (2) With constant F and ft and two values of X (~5100 and 6200 A) 
he secured another value of BJB S . (3) The polarization of surface markings 
were compared in green and red light for F = 26° for which the polarization of 
atmospheric clouds is small. (4) The fourth determination was made by making 
measurements in seven wavelengths of light at constant visual angle. All these 
measurements gave nearly the same value of BJB S with an average of 0.037. 
From this Dollfus concludes that the reduced thickness will be 0.22 times that 
of the Earth or 227 g cm -2 . He gives the surface pressure as 83 millibar 1 . Using 
the somewhat higher value for g (Table 1) the surface pressure becomes 89 mb. 
In this calculation it is assumed that the scattering properties of the Martian 
atmosphere are the same as those of the terrestrial atmosphere per gram of mass. 

17. Chemical composition. Only carbon dioxide has been definitely identified 
as present in the Martian atmosphere. Kuiper (1952) has identified its bands 
in the Martian spectrum and compared their intensity to the absorption in the 
terrestrial atmosphere. He constructed a curve of growth by plotting absorption 
in the terrestrial atmosphere against the path length which was varied by observ¬ 
ing with the Sun at varying angles above the horizon. He reports that the observed 
absorption in light reflected from Mars is the same as that through 8.9 Earth 
atmospheric masses above McDonald Observatory, and since the path in the 
atmosphere of Mars averaged over the disk is two times the vertical thickness 
and the light traverses the atmosphere twice, this gives a factor of 4. He divides 
the 8.9 by this factor to secure 2.2 times as much carbon dioxide on Mars as on 
Earth which, corrected to sea level, gives 1.8 times the absorption in a vertical 
atmosphere of the Earth. Kuiper makes only a very small correction for pressure 
broadening. Grand jean and Goody (1955) have made a theoretical correction 
for the pressure effect and estimate the C0 2 content per cm 2 as 13 times that of 
the terrestrial atmosphere and this is the more reliable estimate. 

1 Dollfus’ value of BJB S = 0.037 and the albedo can be used to estimate the mass of 
the atmosphere. Thus, ^ 2 (i_ B J * 

~B^ '3 2 1033 ’ 

where A is the albedo at the center of the disk at opposition, and y (1 — ls light scat¬ 
tered vertically by the Earth's atmosphere. The factor on the left corrects for the increased 
Rayleigh scattering of the atmosphere in the backward direction. The value of A is greater 
than the mean albedo. Values of can be calculated from Rayleigh’s law (see Smithsonian 
Meteorological Tables, Vol. 114, Smithsonian Miscellaneous Collections, 1951, P- 431). Using 
Woolley's ( 1953 ) value for the albedo at 5980 A, i.e. 0.21, gives l60gcm -2 . The correct 
value should be larger than this. 
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The composition of the remaining gas is unknown, but it is probably mostly 
nitrogen with some radiogenic argon 1 . The atmospheric mass is 227gem -2 , 
and assuming nitrogen as the only constituent this is 1.8 X10 5 cm atmospheres 

N. T.P. The carbon dioxide is 1.9% by volume, and assuming a mixed atmosphere 
the surface partial pressure is 1.5 mb or 1.1 mm of mercury. The higher pres¬ 
sure does not invalidate Kuiper's conclusion that the polar caps of Mars cannot be 
carbon dioxide since the carbon dioxide frost point for this pressure is —135° C. 

Kuiper (1952) reports that he has identified the polar caps as ice by a com¬ 
parison of the reflection spectrum of frost at low temperatures and that of the 
polar caps, though no report of the quantitative measurements has been published. 
Dollfus (1951) reports that the polarization from the caps is the same as that of 
frost at liquid air temperatures. The quantity of water can be estimated from 
the observation that the temperature of the dark side of the planet is — 60 to 
— 70° C, together with the observation of a morning haze, presumably water, 
which clears during the forenoon (Menzel 1926, Coblentz and Lampland 1926, 
Pettit and Nicholson 1924b, 1925 a, 1930, Strong and Sinton 1956). This 
requires that the surface frost point is greater than — 70° C, and thus the surface 
partial pressure of water is 0.00194 mm of mercury or 2.6 dynes cm -2 or greater. 
The fraction of water in the atmosphere is thus 2.9 X10 -5 by volume and 1.8 X 
10 -5 by mass, and the total water is 4.2 X 10 -3 g cm -2 . Comparison with terrestrial 
fogs shows that a fog containing this amount of water in the line of sight would 
give an easily detectable haze (George 1950). The amount of water is certainly 
somewhat higher than that calculated, since the calculation refers only to the 
uncondensed water vapor. The haze is suspended in the atmosphere above the 
surface to which the temperature refers and the atmosphere has been cooled 
at least partly by the surface. It is probable that the actual amount of water 
may be higher by a factor of 10, namely 0.043 S cm -2 . This amount is not markedly 
different from other estimates that have been made by Dunham (1949), who 
estimated water as less than 5 cm atm. N.T.P., which is equivalent to 0.004 g cm -2 . 

Early observations to detect oxygen in the Mars spectrum were inconclusive 
(Very 1908, Campbell and Albrecht 1910, Adams and St. John 1926). Adams 
and Dunham (1934) photographed the oxygen spectrum at two times at which 
the relative velocities of Mars and the Earth were — 13.8 and +12.6 km sec -1 
and looked for an assymmetry of the lines due to the Doppler effect. From a 
study of the displacements of the lines they concluded that the upper limit for 
the ratio of Martian to telluric oxygen in the atmospheres is not greater than 

O. 0015, that is, the total thickness is less than 240 cm atm. N.T.P. It will be 
concluded below that atomic oxygen can escape from Mars and in this case the 
amounts of molecular oxygen must be very low. Photochemical decomposition 
of C0 2 must produce unknown amounts of carbon monoxide. 

The presence of other components can only be inferred from the total atmo¬ 
spheric pressure and these are generally assumed to be nitrogen and argon, and 
calculations will be based on the assumption that the important constituent 
is nitrogen with a molecular weight of 28. The carbon dioxide raises the mean 
molecular weight to 28.3. 

18 . Temperature. The temperature of Mars has been studied for many years 
without much improvement in precision. All measurements agree as to the 

1 The total amount of radiogenic argon generated by Mars during 4.5 X 10 9 years, assum- 
ing that the amount of potassium is the average of the chondritic meteorites, is 50 g cmr 2 . 
Thus the atmosphere cannot be more than 20% A 40 even if complete degassing has occurred 
and this is most improbable. 
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approximate value of the surface temperatures. Also they agree that the dark 
areas have temperatures some 8 to 10° C higher than those of the light areas. 
This shows that the temperatures are those of the surface and not of the at¬ 
mosphere, or at least that the surface radiation is an important fraction of that 
observed. As Adel (1952) emphasizes, the presence of carbon dioxide makes 
all measurements of temperatures, and especially those near the limb of the planet, 
doubtful. The effect of some radiation from the atmospheric carbon dioxide 
will make the observed radiation less since the atmosphere is surely colder than 
the surface. 

De Vaucouleurs (1954) has summarized the very extensive measurements 
of Coblentz (1925a, b, c, 1927), Coblentz and Lampland (1925), Pettit and 
Nicholson (1924a, b, 1925b) and Coblentz, Lampland and Menzel (1927). 
These data were secured during the 1924 and 1926 oppositions. They show con¬ 
siderable variation, and it is difficult to distinguish between observational error, 
and true variations in temperature. Recently Strong and Sinton (1956) have 
reported briefly new measurements which do not disagree with previous estimates. 

The temperature of the equatorial region reaches a maximum of about 30 ° C, 
and some measurements indicate slightly higher temperatures. The dark regions 
have higher temperatures than the light regions by some 8° C. The maximum 
temperature occurs slightly after local noon, but the data on this point are not 
conclusive. The temperature of the morning limb may be — 20° C and of the 
evening limb 5° C, both at the equator. These values are very uncertain as this 
is written. The night temperature as reported by Menzel, Coblentz and Lamp- 
land is — 85°C, and by Strong and Sinton is — 70° C. This latter temper¬ 
ature has been used above to estimate the amount of water in the atmosphere. 
The variation of temperature with latitude is very marked. The polar caps in 
winter may have temperatures of —100° C, but in summer their temperatures 
may be in the neighbourhood of 0° C. The permanent snow cap at the north 
pole indicates that the general polar temperatures must remain at very low values, 
i.e. — 70° C. All statements in regard to temperatures are subject to considerable 
probable error, but the temperatures mentioned here give a fair approximation 
to the temperatures of the planet. It is most likely that these are the surface 
or near-surface temperatures of the planet and that no observations of temper¬ 
atures in the higher parts of the atmosphere have been recorded. Thus, there is 
very little temperature data to use in constructing models of the atmosphere. 

19. Clouds and the violet layer. Photographs of Mars in blue, violet and ultra¬ 
violet light show less detail than those taken in yellow, red or infrared light, 
and during a large fraction of the time the surface markings are very obscure 
when viewed by the shorter wavelengths. At certain periods this violet or blue 
layer clears and the surface becomes visible. The scattering of light by this layer 
does not follow Rayleigh’s law, i.e. it is not proportional to A" 4 . The structure 
of this layer has been discussed by Wright (1925), Slipher (1937), Menzel 
(1926), and Fessenkoff (1926). Certain facts are well established. The violet 
layer clears occasionally over the entire planet. Slipher and Wilson (1954) 
note that the periods of clearing coincide with times of opposition when the Sun, 
the Earth and Mars are closely in line and, when clearing at opposition has not 
occurred, Mars has been markedly out of the plane of the ecliptic. The time 
required for clearing and reappearance of the violet layer is a few days and a 
patchy appearance occurs during these times 1 . 

1 However, Slipher ( 1954 ) records a period of two months during which time the blue 
haze was somewhat transparent. 
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Wright (1925) found that photographs of Mars in ultraviolet light show 
about 3 % larger radii than those in infrared light. This indicated an atmospheric 
thickness of 100 km, assuming that the ultraviolet light was scattered by the 
atmosphere and infrared light was not. Menzel, Fessenkoff and others pointed 
out that the atmosphere was too tenuous to account for the facts in this way. 
Ross (1926) investigated this and confirmed Wright’s results, though he found 
an even larger difference. Scharonow (1941) and Barabascheff and Timo¬ 
shenko (1940) showed that the difference is at least partly due to the limb darken¬ 
ing in the red and infrared and thus that photographs in these wavelengths are 
in error on the low side. The theory of the increase in apparent diameter due to 
scattering by the gaseous atmosphere was investigated by Fessenkoff, who 
found that such scattering could not account for the effect. Kuiper (1952) 
reports that he was unable to detect any difference in the diameter when he viewed 
the planet through different color filters. He estimates that the violet layer is 
at an altitude of 10 km. Dollfus (1952) reports a height of 60 km for the violet 
layer 1 . 

Two types of clouds are observed visually on Mars which can be designated 
as white and yellow. The former are easily photographed and the latter not. 
Wright (1927) classified the clouds as types I and II respectively. Type I is 
visible in shorter wavelengths and becomes invisible as the wavelength increases 
and thus may be called blue clouds; Type II is readily visible in light of long 
wavelength but fades as the wavelength of the viewing light is decreased and 
hence these are yellow. Dollfus (1956) classifies these effects as white clouds, 
blue mists, yellow fogs and the ultraviolet veil 2 . 

Dollfus (1948, 1951) has studied the polarization of the white clouds which 
he finds to be identical with that of clouds of ice crystals. These clouds are 
observed at various levels. They are sometimes observed on successive days 
and even for weeks and in the same location. They move with velocities up 
to 3 5 km hr" 1 . He concludes that local circumstances must be responsible for 
their formation even in lower latitudes. The white polar winter haze belongs 
to this class of cloud. McLaughlin (1954) has pointed out that the surface 
markings of the planet appear to follow the wind pattern to be expected and 
he suggests that volcanoes are expelling volcanic ash which is carried by the 
winds and distributed over the surface. Other possibilities for producing the 
surface colors exist, as he points out, but he makes a strong case for the winds 
being effective in establishing the surface pattern in some way. The wind pattern 
has been estimated by Hess (1950) and reference should be made to his paper. 
He finds a system of trade winds very analogous to those on Earth. The surface 
temperatures are not uniform but exhibit warmer and colder regions 

The polarization of these clouds decreases with visual angle until V is about 
10° and then increases. The shape of the curve is very similar to that of ice 
crystals and they must be similar to cirrus clouds. The polar winter cloud shows 
a slightly different polarization curve with a minimum near 16“ indicating the 
presence of larger ice crystals. Whitish mists are observed repeatedly at the same 
localities indicating that some relief of the surface exists. 


1 Such, great differences as this made by skilled observers are disturbing. It seems likely 
that Kuiper and Dollfus were not observing the same phenomenon and that subjective 
effects may be important. 

2 Many colors of clouds are mentioned in the literature and it is difficult to decide whether 
continuous shading of colors occurs or whether the differences reported in some cases are 
not due to the inexactness of descriptive words. 
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The blue mists are observed near the morning and evening limbs. Their 
polarization increases with visual angle to a maximum at F = 14° and then 
decreases. They are probably composed of water particles of small dimensions. 

The yellow clouds are probably due to dust raised by the surface winds of 
an arid planet. They are sometimes reported as low-level phenomena, i.e., a few 
kilometers in height, and at other times as high-level phenomena rising to alti¬ 
tudes estimated up to 30 km. They are more often seen at perihelion at which 
time storms should be more violent. 

Goody (1957) argues that the violet layer is due to solid particles of small 
size of the same composition as the dust particles which are responsible for the 
yellow clouds. In this way he accounts for the absorption of light and hence the 
obscuration of the surface. The sudden disappearance of the blue haze over the 
entire planet is not plausibly explained by non-volatile solid particles of any 
kind. Hess (1950) proposed that the haze was due to solid carbon dioxide, but 
more recently (Hess 1957) he revised these views and suggested that it is due to 
crystals of ice. However, ice clouds on Earth are very wliite with little indica¬ 
tion of blue color. Kuiper (1952, pp. 387—396) has emphasized this point of 
view and by applying the Mie theory of scattering to the polarization measure¬ 
ments of Dollfus (1948) he finds that the particles must be 0.15 to 0.20 p. radius. 
Hess (1957) found that ice clouds could cause the blue haze only if the surface 
frost point lies near — 90° C. This is considerably lower than has been estimated 
by other methods. Such a low frost point allows very little water for the forma¬ 
tion of the polar caps. Goody’s non-volatile particles do not permit a ready 
explanation of the clearing. Hess’ condensation of water makes it difficult to 
understand the uniform character of the blue haze over the planet. One would 
surely expect it to exhibit latitudinal weather bands, and a nearly uniform tem¬ 
perature in the high atmosphere over the entire planet is most improbable, 
as is a uniform change in temperature by some 10° C within a few days. Urey 
and Brewer (1957) point out that the CO + ion absorbs in the blue and ultra¬ 
violet and fluorescences in longer wavelengths and also that some fluorescence 
of NJ and COJ may be expected and that the violet haze may be partly due to 
these effects. They suggest that the ions are produced by particle radiation 
from the Sun and that the disappearance of the haze at opposition is due to the 
deflection of these particles by the Earth’s magnetic field. They have not con¬ 
sidered the problem of the polarization of the blue light. 

20. Structure of the atmosphere. The existence of an adiabatic region in an 
atmosphere such as the troposphere of the Earth requires that heating shall 
occur at the lower layer and that cooling shall occur at the top. This produces 
a thermodynamic engine in which heat is converted to the mechanical energy 
of the winds and storms. Heating at the surface of Mars cannot be as effective 
as at the Earth’s surface since there is little water to absorb the infrared radiations. 
Brewer and Houghton (1956) have shown that cooling due to radiation from 
water vapor occurs at the terrestrial tropopause and this shows that similar 
cooling will occur on Mars, if similar conditions obtain. The preservation of 
water vapor on the Earth and Venus and also on Mars requires that a cold region 
occurs, where water is condensed from the atmosphere. We can be confident 
that a tropopause which is colder at the equator and warmer at high latitudes 
exists and that the Brewer effect (cf. p. 312) preserves the water. We do not 
know the temperature of this tropopause, but it is probably at a lower temper¬ 
ature than that of the Earth, since it must radiate less energy. With an albedo 
of 0.15, Mars receives only 61% as much energy as the Earth and does radiate 
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a substantial amount of energy directly from its surface. If the equatorial tropo- 
pause is less than 186° K, namely the temperature of that of the Earth, the 
loss of hydrogen will be less than that of the Earth at the present time, i.e., 
10 7 atoms cm -2 sec -1 , and this is not so large that it could not be produced con¬ 
tinuously from the planet’s interior. Goody (1957) reports the results of cal¬ 
culations using the amounts of carbon dioxide given above and a water content 
of 10 cm of precipitable water, slightly more than estimated above. He concludes 
that, including the effects of radiation by carbon dioxide alone, the tropopause 
would be at 8.5 km but the temperature would fall above this to a minimum 
of 13 4° K at 90 km. Including water vapor alone, the tropopause would be at 
25 km and the stratosphere would reach a minimum temperature of 153° K. 
It is to be expected that the inclusion of both would raise the tropopause con¬ 
siderably and might lower the minimum temperature somewhat. However, a 
minimum of il}°K as required by Hess (1950) for the condensation of C0 2 
seems to be impossible. For purposes of calculation we assume a minimum 
temperature of 130° K at 90 km 1 . The maximum altitude estimated for clouds 
is near 30 km, and this seems to be a likely altitude for the equatorial tropopause. 
With a surface temperature of 3OO 0 K as a maximum and a lapse rate of 3-75° K, 
this gives 187° K for the temperature at the equatorial tropopause. A smaller 
rate above the tropopause probably exists for some distance, but there appears 
to be no evidence for convection in this region and hence no evidence for another 
tropopause as suggested by Menzel (1950). It is likely that a Brewer effect occurs 
with a slowly rising equatorial current with water falling out, as in the case of 
the Earth. The calculations of Urey and Brewer indicate that the fluorescing 
layer shall be at about 80 to 100 km above the surface. In order that ions shall 
be produced, the total mass above the layer must not be too large. Since Mars 
can hardly have an appreciable magnetic field, the softer and more intense com¬ 
ponents of particle radiation should reach the surface and penetrate deeper 
into its atmosphere and hence produce directly or by secondary radiation a more 
intense ionization. The most probable ion is C0 2 , but NJ, CO + and C0 2 all 
absorb in the violet and near ultraviolet and at sufficiently low pressures should 
fluoresce. 

The great height of the predicted effect would be in accord with the great 
variation in the radius of Mars as reported in the literature. De Vaucouleur 
(1954) has summarized the data which justifies his conclusion that the optically 
measured diameter of the planet is generally observed to be 9”4 at unit distance 
or 0.534 Earth radii. Much lower values have been reported by Trumpler 
(1927), Kuiper (1952) andDoLLFUS (1952), i.e., 0.520, 0.523 and 0.530 respectively. 
Camichel (1954) has made studies of the Martian radius extending over the years 
from 1941 to 1950 using both the microphotometer method and the movement 
of surface markings with rotation (Trumpler’s method) and finds considerable 
variation in his observations at successive oppositions with minimum values 
for the equatorial radius near 0.525 and a mean value of 0.53 Earth radii. Urey 
(195U 1952) pointed out that this difference might be due to some atmospheric 
phenomenon and that the smaller values should represent the radius of the 
planetary surface and that the smaller radius, together with the oblateness 
calculated from the precession of the satellites, namely 0.0052 , requires that 
Mars contain appreciable amounts of metallic iron and yet has nearly a uniform 
density. This is a most interesting point and a decision as to its validity depends 

1 In a private communication Goody expresses the view that the altitude of the minimum 
may be about 130 km. No important change in the conclusions given here would result from 
this change in attitude. 
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on an understanding of the atmospheric phenomena as well as the observational 
data on the diameter of the planet. 

The directly observed oblateness of Mars due to several observers and sum¬ 
marized by de Vaucouleurs (1954) is about 0.013 in definite disagreement with 
that calculated from the precession of the satellites. It seems likely that the 
discrepancy is due to some atmospheric phenomenon at a lower level over the 

poles than over the equator by 26 km. 
This may be a lower tropopause or a 
lower fluorescent layer, but no definite 
quantitative theory for the effect has 
been propsed. Kuiper (1952, p. 389) ex¬ 
plains the discrepancy as due to different 
altitudes of the tropopause, but his very 
low tropopause (17 km) is unable to ex¬ 
plain the difference. The large value 
favors the view that the atmospheric 
effect is a high level one. However, 
Camichel (1954) secured 0.012 from 
observations on the movements of surface 
markings with rotation and this indicates 
that the effect may be due to the solid 
surface. 

Is it possible that great masses of ice 
mixed with glacial debris or glacial debris 
alone form this very large elevated re¬ 
gion at the equator? In this case the 
atmospheric pressures at the poles are 
very much higher than at the equator. 
This raises questions in regard to the cir¬ 
culation of the atmosphere and the sur¬ 
face temperature distributions and also 
the difficult question as to how the mate¬ 
rial became distributed in this way. 

Fig. 3 is a diagram of the possible 
structure of the atmosphere of Mars. 

21. The escape of gases from Mars. 
Because of the small mass of Mars the 
escape problems are markedly different 
from those of the Earth and Venus. 
It is possible that not only hydrogen and 
helium escape from this planet, but also 
that oxygen and nitrogen atoms escape as well. It is probable that a high tem¬ 
perature exists at the escape layer of Mars. The intensity of particle radiation 
should be half as great at Mars as on the Earth. Conduction to lower layers should 
be less effective than in the terrestrial case because of the greater height of the 
escape layer. For the purposes of this discussion we assume a temperature of 
2000° K at the escape level and conclude that carbon dioxide and nitrogen can 
remain on the planet and that water, i.e., hydrogen and oxygen, may have 
been removed in large quantities during past times. 

If hydrogen is produced in the Martian atmosphere, it will escape with a ve¬ 
locity that is determined by diffusion only. This will be approximately the 
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Fig. 3. The temperature-altitude curve for Mars. 
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same as it is for the terrestrial atmosphere. The presence of carbon dioxide in 
the high atmosphere prevents the dissociation of water below the tropopause 
by light in the Schumann region and hence water is preserved on Mars. With 
a tropopause temperature of 186° K or lower, water will not escape to the high 
atmosphere any more rapidly than it does on Earth, and with a very low tem¬ 
perature at some higher level the escape will be orders of magnitude less. 

Carbon dioxide will be dissociated by light below XX 2000 A into carbon 
monoxide and atomic oxygen and no other gas is present to protect it against 
dissociation by this radiation. The rate of escape of atomic oxygen depends on 
the temperature of the escape layer, the rate of diffusion to this layer, and also 
on the structure of the atmosphere in detail, particularly on the temperature 
of the lower atmosphere and the height to which it is mixed. Low temperatures 
in the lower atmosphere lower the escape layer and decrease the rate of escape 
and mixing to higher altitudes decreases the accumulation of atomic oxygen at 
the escape layer. Table 10 gives the results of calculations on the rate of escape, 
for different models of the atmosphere. In making the calculations the following 
temperatures are assumed: (1) a temperature gradient of —3-75° km -1 from a 
surface at 300° K to 30 km and temperature 186.5° K; (2) a gradient of —0.96°K 
from 30 to 90 km at a temperature of 130 0 K; (3) different gradients to the escape 
layers. We have no proof that these temperatures are correct, but it is evident 
after some experience that no important modification of the results will arise 
from other temperature distributions or other estimates of the height of the dif¬ 
fusion layer. The mixing ratio, c, 0 of Eq. (8.11) has been taken as 0.0196, i.e., 


Table 10. Escape of elements from Mars. 


Maximum mixing level 

Escape level 

Loss of O 
atoms 

cm -1 sec -1 

Time (years) to lose 
observed 

Loss of O in 

4.5 X t0 8 years 

g era' 1 

Altitude 

km 

Temperature 

°K 

Altitude 

km 

1 Temperature 
°K 

CO* | 

h 2 o 

90 

130 

1400 

1500 

6.5 X 10 9 

I 

4.7 X10 5; 

7000 

2.4 X 10 4 

300 

350 

1400 

1500 

6.1 X 10 7 

5.0 X10 7 l 

7-5 X 10 5 

2.3 x 10 2 

90 

130 

1800 

2000 

2.0 X 10 10 

i. 53 xio 5 i 

2300 

7.5 xio 4 

300 

360 

1800 

j 2000 

2.0 X 10 9 

1.53 xio 6 

2300 

7-5 x 10 3 


The minimum temperature was taken as 130° K at 90 km. It was assumed that a uniform 
temperature gradient from this point to the escape level exists in each case. 

The calculations were made as follows: we have T C = T 0 (\ +th c ) where T 0 is the tem¬ 
perature at the bottom of the diffusion layer where h equals 0. For an atmosphere having 
a linear temperature gradient we have 

d\n P fiGM 1 

dh = RT 0 (1 +th)(r 0 + h)* 

Integrating and substituting n for P from the gas equation gives 


ln^ = 


n 


2 


h c 1 

^0 r o f f 


1 




(‘r 0 ) 2 
{t> 0 — 1) 



ln(1 + th 0 ) -j- 


1 ( tr of 
H 0 t (tr 0 - 1) a 


In 



We estimate n 0 as 3.2 X 10 16 cm -3 at the 90 km level. Assuming a value for T c , we calculate 
by trial consistent values of h c and n c such that H c n c equals 3-2 X 10 14 cm -2 . Escape is now 

/ h \ 2 

calculated from equation ( 8 . 11 ), using an arithmetic mean for (l-j -in the value for 

the constant B. \ r o / 

The assumption of a linear temperature is arbitrary, but a few calculations show that 
the results are dependent mostly on the mixing height and the temperature assumed for 
the escape layer. 
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the fraction of C0 2 in the atmosphere. This means that all C0 2 above the mixing 
layer is assumed to be dissociated. Two effects are important: namely, increased 
height of mixing and decreased temperature of the escape layer. Both decrease 
the loss of oxygen atoms. Only if the escape layer is lower than about 1500° K 
will the escape of oxygen be prevented. 

The loss of atomic oxygen would leave carbon monoxide in the atmosphere. 
This gas is unstable with respect to graphite and carbon dioxide at low temper¬ 
atures, but stable at high temperatures, i.e., 

2CO = C0 2 + C, f 2 ° 98 = — 28430 cal, K ws = 10 20 - 8 , 

•^2000 = 3 2850 cal, f^2000 = 10 3 ' 59 . 

The reaction at low temperature is slow by usual time scales, but probably not 
by a geologic time scale. However, the surface of Mars is not noticeably dark 
as would be expected if graphite were present. Another possible reaction is 

CO -j- H 2 0 = C0 2 -f- H 2 , ^298 == — 3990 cal. 

The decrease in standard free energy is not large, but the reaction should proceed. 
In this case, hydrogen is lost and the net effect is the loss of water. Since water 
has a very small abundance on Mars, this would be even more catastrophic, as 
shown in the table. If the high atmosphere is at a temperature of 1500 or 2000 °K, 
water must be escaping from the rocks of Mars or the present water is the last 
trace of water from previous oceans and it will be gone in some 10 6 years. This 
latter conclusion is most improbable. It is interesting to note that CO will be 
stable at the escape layer and no graphite smoke at a high temperature escape 
layer should be observed. 

The most reasonable interpretation at the present time seems to be as follows: 
(1) the high atmosphere is at a high temperature somewhat lower than that of 
the Earth; (2) escape of oxygen occurs at significant rates; and (3) water is escap¬ 
ing from the surface rocks of Mars. A more quantitative statement is not possible. 

Nitrogen does dissociate to some extent and hence may also escape from 
a high temperature atmosphere. At 2000° K the equilibrium constant for the 
reaction 

N 2 = 2N 

is 5 X 1CT 19 , with concentrations in atmospheres. The total pressure at the escape 
layer is 2.45 X 10 -12 atmosphere. Hence from the equation 

——— = -^j- = 2X1CT 7 , (21.1) 

where x is the fraction of the total pressure due to nitrogen atoms, x equals 
4-5 X1CT 4 , and this is the mixing ratio, c, as used above. The concentration of 
atomic nitrogen is probably higher than this. Diffusion of atomic nitrogen from 
some lower level probably occurs and nitrogen is dissociated by light in the 
Lyman region and recombination at low pressures is slow. We use this calculated 
equilibrium value, but recognize that a lower limit for the escape is secured in 
this way. The escape is not diffusion limited and hence the gravitational escape 
formula can be used. Using T C =2000°K, and an escape layer at 1800 km, 
the rate of escape of nitrogen is 1.2X10 6 atoms cm -2 sec -1 , equivalent to 4 g cm -2 
in 4.5 X 10 9 years. Thus the rate of escape of nitrogen from Mars can hardly be 
excessively large even if the escape layer is at 2000° K. 
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The escape of hydrogen is prevented by the low temperature of the tropo- 
pause, and by the absorption of light in the Schumann region by carbon dioxide. 
Carbon dioxide will be decomposed into carbon monoxide and atomic oxygen, 
and the atomic oxygen will be lost at a high rate unless mixing to high levels 
occurs, or unless the temperature of the escape layer is lower than 1500° K. 
Probably some water is supplied from the surface rocks of the planet. Nitrogen 
will be preserved due to the great stability of the nitrogen molecule relative to 
atomic nitrogen even if the escape layer is at 2000° K. 

22. The possibility of life and the history of the atmosphere. The positive 
proof that life in any form depending on the remarkable chemistry of carbon 
compounds exists on Mars would give us one of the most fascinating facts of 
all science.' Life has appeared on Earth through some process of evolution from 
inanimate matter and, given similar conditions, we can confidently expect that 
life bearing considerable similarity to that on Earth would evolve. Proof of life 
on Mars would confirm this most reasonable postulate. 

The most definite evidence for the presence of some plant life is that derived 
from the greyish or greenish darker areas in the equatorial regions of the planet 
(Slipher 1927). These dark areas change with the seasons, becoming darker 
in the spring and lighter in the autumn, and Antoniadi (1930) reports the presence 
of brown and red colors in different areas in the autumn. V. M. Slipher (1924) 
showed that this green color did not have the reflection spectrum of chlorophyl. 
Scharonow (1941) observed the reflection spectrum of the dark areas of Mars 
and found only a very slight maximum in intensity near 6400 A between 38 OO and 
8000 A. Kuiper studied the infra-red spectrum of Mars between 0.6 and 1.6 p. 
and found no evidence for any variation in reflectivity through this region. He 
concludes that chlorophyll is absent and also that water is practically absent. 
He suggests that lichen-like or moss-like plants may be present since the reflec¬ 
tion spectra of these plants are similar to those observed in the dark areas of Mars. 
Also these plants often grow in comparatively cold and arid regions on Earth. 
The very great capacity of living organisms to adapt themselves to very diverse 
conditions suggests that similar organisms on Mars may have adapted them¬ 
selves to the rigorous conditions of that planet. No suggestion has ever been 
made of any inorganic substance likely to be present on an arid and lifeless 
planet that would supply the observed colors and their seasonal variations. Also 
Opik (1950 ) has pointed out that drifting dust should have covered these areas, 
if they had no regenerative powers such as those possessed by living organisms. 
Many arguments in regard to this question have been presented (Troitsskaya 
1952, Tikhoff 1952). 

It is possible to give some rather definite conclusions in regard to the past 
history of the Martian atmosphere if it is to be consistent with the existence of 
life on the planet. No dry chemistry is known which might imitate the very 
complex chemistry of living organisms and we can definitely conclude that life 
approximating that we know on Earth is only possible in the presence of water, 
and it is very difficult to believe that life could have evolved on Mars without 
considerable liquid water being present. If water was once present, a much more 
extensive cloud cover could be expected, the albedo would have been higher, 
and glaciers would have covered both poles continuously. The glaciers must 
have flowed toward the equator and left extensive glacial drift and it can be 
expected that substantial amounts of undersurface water is now present in such 
deposits. Our present knowledge of meteorology is insufficient to conclude that 
unfrozen oceans in the tropics could not exist. Quite independently of the possi¬ 
bilities of life, it is interesting to consider the possibility of such primitive oceans. 

26* 
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If water once existed in great quantities, it must have been lost in some way, 
for no great quantities are present now. From the discussion on the escape of 
oxygen above, it is evident that the crucial questions are the mechanisms of 
transport of oxygen and hydrogen to the upper atmosphere and whether the 
escape layer is in fact at a high temperature. If this latter condition did not 
obtain in the past, only reaction of oxygen with the ferrous iron of the surface 
rocks could dispose of the oxygen while hydrogen escaped. This reaction probably 
produced the red coloration of the surface rocks as has often been suggested, 
but extensive reaction of a gas and solid does not occur readily because of the 
lack of contact between the gas and the interior of solid particles and not much 
loss of oxygen by this process can be postulated. 

A planet covered by ice would present little surface for the reaction of carbon 
dioxide with silicate rocks and hence a high concentration of carbon dioxide could 
be expected on such a planet. In the case of Mars this would result in a greatly 
increased loss of atomic oxygen, since this would increase the fraction of atomic 
oxygen in the high atmosphere. Such loss would result in the production of 
hydrogen by the reaction of carbon monoxide and water and the hydrogen 
would be lost. This net loss of water would continue until erosion became effective 
and carbon dioxide reacted to form calcium and magnesium carbonate. The 
rate of loss of water during this initial period could be very high and as the 
planet became arid the present situation could develop. Also, the source of the 
present water maj£ be the glacial debris expected in the equatorial regions on 
the basis of this postulated history. It can confidently be said that the presence 
of an oxygen atmosphere at any time is not consistent with the destruction of 
extensive oceans by the escape of oxygen from the planet since oxygen would 
move to the high atmosphere, would be photochemically decomposed and hence 
would escape rapidly, and the total pressure of oxygen would be low. The very 
low estimate of the maximum amount of oxygen on Mars by Adams and Dun¬ 
ham (1934) is in accord with this conclusion. 

The possibility that Mars once had oceans cannot be excluded. The presence 
of oceans and glaciers would account partly for the absence of mountains on 
the planet, for they would have eroded them to low levels. Still, plutonic activity 
must have been low at least since the disappearance of the water for no high 
mountains are reported. 

V. The atmospheres of Mercury and the Moon. 

23. Observational data. The albedo of Mercury and the Moon are very nearly 
the same, namely, O.O63 and 0.073 respectively, as observed by Danjon (1948). ( 
He also finds their color indices to be nearly the same, i.e. +1.00 and +1.1Q 
respectively. No extension of the horns of mercury near inferior conjunction 
have ever been observed nor is there a luminous ring around the planet at this 
time. Also, no evidence for the refraction of light at the limb of either the Moon 
or Mercury has been observed (Lyot 1937, 1938). Dollfus (1950, 1952) from 
polarization measurements concludes that the surface density of the lunar at¬ 
mosphere is not greater than 10 9 that of the Earth’s atmosphere, and that that 
of Mercury is about 3 X10 -3 of that of the Earth. 

Antoniadi (1934) observed a transient haze on Mercury. This haze is reported 
as being more intense than that on Mars though he notes that it is more difficult 
to observe at the center of the disk than at the limb, probably due to the greater 
thickness in the line of sight. It is often sufficiently dense to obscure the dark 
markings and may appear or disappear within one day, or may remain for many 
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days. These observations indicate that some very tenuous atmosphere exists. 
The descriptions immediately remind one of the auroral displays on Earth and 
suggest the presence of fluorescing and absorbing gases such as those present 
in the terrestrial atmosphere, suggested by Urey and Brewer (1957). Pettit 
and Nicholson (1936) have determined the temperature of the mid-solar point 
of Mercury to be 610° K from the infra-red radiations. No observation of the 
temperature of the dark hemisphere has ever been made. 

Pettit and Nicholson (1930) found that the temperature of the mid-solar 
point of the full Moon to be 134° C. The temperature at the limb was found 
to be 67° C. However at the greater phase the temperature observed at the 
subsolar point was found to be 81° C. Thus no true temperature exists. We use 
100° C for purposes of the approximate calculations given below. 

24. The escape of gases from Mercury and the Moon. Xenon has the highest 
molecular weight of any likely atmospheric substance and it will remain on 
Mercury and the Moon more readily than any other. There are 1.8 XlO 18 atoms 
of xenon per cm 2 of the Earth’s surface and this is considerably greater than the 
number of molecules above the escape layer. For purposes of discussion we 
assume this number of atoms of xenon to be present on Mercury. The scale 
height for the mid-solar point temperature and for xenon (^ = 131.3) is 1.1 x 
10 6 cm. It is evident that the escape layer would be 200 to 3 00 kilometers or 
more above the surface and that it would be at some high temperature. For 
discussion purposes we assume 5000° K, that is, somewhat higher than that of 
the Earth. For this temperature the escape formula indicates a half time of 
escape of 0.5 XlO 9 years. Under these conditions xenon would have escaped to 
a large extent during geologic time as would all other atmospheric constituents. 
The escape layer would be lowered as the atmosphere was lost until the escape 
layer came sufficiently near to the surface so that the high temperature could not 
be maintained and the rate of loss would become very low. A residual atmosphere 
would remain, consisting of more atoms per cm 2 than there are above the escape 
layer, which we have taken as 3.2 X 10 14 cm -2 . The atmosphere would be very 
tenuous indeed. 

Because of the possibility that mercury is immersed in a very tenuous gas 
at high temperature, it is necessary to consider the equilibrium gas concentrations 
at the planetary surface and in the surrounding space. Urey and Brewer 
(1957) assume that the heat conductivity of the surrounding gas is proportional 
to n and that the flow of heat across each spherical surface is constant and thus 

that An r 2 j j T is constant and proportional to the total flow of heat. They 
derive the following equation for the density of a gas at the surface of the planet, 
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(24.1) 


Substituting numerical values, we find that this function has a flat minimum 
value of 200 for qJq^ near T^/Tq equal to 64 for atomic oxygen and that it varies 
only by a factor ~10 between 7' oo /7' 0 equal to 10 and 1000. If there are x atoms 
of oxygen per cm 3 in the neighborhood of Mercury there will be more than 
200 x atoms cm -3 of atomic oxygen at the surface at the mid-solar point. The scale 
height is 9 X10 7 and hence the atmosphere may be said to contain 1.8 X10 10 x atoms. 
At the surface atoms will combine to give simple molecules, e.g. CO, 0 2 , N a , 
etc., and because of the higher molecular weights their concentrations will be 
somewhat higher than calculated for oxygen atoms. Also higher concentrations 



406 


Harold C. Urey: The Atmospheres of the Planets. 


Sect. 25. 


will be expected on the dark side. Whether condensation would occur here is 
difficult to say because of the probability that the surface would be continuously 
bombarded by high velocity particles, at least to some extent. Also, the chemical 
situation cannot be estimated. In spite of the very slight concentration of hydrogen 
expected, some hydrogen compounds of oxygen, carbon and nitrogen may be 
present. A flow of gas to the dark surface, thence to the illuminated surface 
and out to space, can be expected. 

It is evident that a very tenuous atmosphere can exist and that fluorescence 
of the neutral and ionized molecules of this atmosphere could produce the haze 
observed on the planet provided x, the number of atoms of C, N, and 0 per cm 3 , 
is some reasonable number, say, ^100. It is clear that molecules of C, N, 0, 
and H and their ions may be present in the atmosphere of Mercury. We conclude 
that the haze of Mercury is most probably due to the fluorescence of CO + and Nj 
and other molecules and is thus similar to the terrestrial aurora, the radiation 
from the dark side of Venus and the blue haze of Mars. 

The value of the escape constants, for the Moon is less than that for 

Mercury by a factor of about 2 and the application of all escape calculations 
show that it will lose atmosphere more readily than Mercury. The equilibrium 
concentration of atomic oxygen and other molecules will be much less and the 
concentration of atoms in the neighborhood of the Moon is probably less than 
that near Mercury. (A reasonable numerical calculation is instructive. For 
molecular oxygen, with 7 ^ = 373 ° K and 7 ^/ 7 ), = 10, the value of qJqoo is 5000 
and since not more than 1 atom of oxygen per cm® in the neighborhood of the 
Moon can be expected, the concentration of molecules with molecular weight 
near 32 at the Moon’s surface must be negligible.) Since the haze of Mercury 
is just observable, it is not surprising that none can be seen on the Moon. The 
lack of fluorescence on the Moon places the limit of the number of molecules 
capable of fluorescence per cm 2 at less than about 1 0 13 or 10 14 . With a scale height 
of 10 7 cm, we find that only some 10 6 or fO 7 of fluorescing molecules per cm 3 
may be present at the lunar surface and hence the pressure will be less than 
lCT 13 or 10“ 12 atmosphere. This argument does not exclude the possibility that 
a tenuous atmosphere of high molecular weight substances, such as Kr and Xe, 
exists. 

VI. The atmospheres of the major planets and their satellites. 

25. General introduction. The mean densities of the major planets and their 
masses show that their mean chemical compositions are not identical. Jupiter 
and Saturn may have approximately the same composition and this may be 
true for Uranus and Neptune, but it can be concluded that Jupiter and Saturn 
differ markedly in composition from Uranus and Neptune. De Marcus (this 
volume, p. 432 seq.) reviews the evidence for the structure of these planets. The 
extensive studies on Jupiter indicate that it has a composition near that of the 
Sun with respect to the ratio of hydrogen to the other elements. In particular 
it should be emphasized that there is no likely process by which hydrogen, helium 
and neon could become separated from each other since they are so very volatile. 
Since de Marcus’ discussion indicates little deviation from solar composition in 
the case of Jupiter, it can be assumed reasonably that methane, which is very 
volatile, also has not been fractionated relative to these gases. We cannot be 
so certain in regard to water, ammonia and the non-volatile fraction, i.e., sili¬ 
cates and other phases. As indicated above, it is reasonable to assume the same 
composition for Saturn as the best working hypothesis at present. 
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Uranus and Neptune must have lost large amounts of their hydrogen, helium 
and neon. Only in this way can we understand their high densities. Without 
an exact study of their structure no reliable, or even approximate, estimate of 
their composition can be made. The presence of absorption bands in their atmo¬ 
sphere, tentatively assigned to HNO, indicates a very high state of oxidation 
relative to solar matter, as will be discussed later. This is consistent with a 
considerable loss of hydrogen, helium and neon during the formation of these 
planets. The intense bands of methane observed indicate little loss of methane 
or the preservation of carbon in the form of non-volatile compounds during their 
formation. Thus there is evidence for the loss of gases during the formation 
process in the case of these two planets, similar to that which occurred when the 
terrestrial planets were formed. 

The spectra of these four planets contain many absorption bands. The first 
important photograph of these bands is due to V.M. Slipher (1905, 1906, 1909, 
1929, 1933)- Wildt (1931. 1932) pointed out that certain of these bands fell 
in the region of the ammonia and methane bands, as observed in the laboratory, 
thus discovering the presence of these substances in the atmospheres of these 
planets. Dunham (1933) photographed the spectra of Jupiter and Saturn and 
made exact comparisons with laboratory spectra. He estimated the amount of 
ammonia in Jupiter’s atmosphere as 5 to IOmeter atmospheres, and that in 
the Saturn atmosphere as 2 meter atmospheres. The investigation of the spectra 
has been continued by Adel (1937, 1938, 1947), Adel and Lampland (1941), 
Adel and Slipher (1934) and Kuiper (1947). The results of the last author 
have been reported as tentative tables without the discussion of the details of 
the measurements, but they appear to be more extensive than other published 
data (Kuiper 1952). No indication of correction for possible pressure and tem¬ 
perature effects is given, and reported data must be regarded as very approxi¬ 
mate. 

26. The atmosphere of Jupiter. Kuiper gives 15000 and 700 cm atmospheres 
(N.T.P.) as the amounts of methane and ammonia respectively, above the cloud 
surface. No other gaseous constituents have been reported. If the solar ratio 
of hydrogen, helium and carbon (Suess and Urey, Vol. LI of this Encyclopedia) 
are assumed, the amounts of hydrogen (H 2 ) and helium in the atmosphere are 
2.7X10 7 and 5-6X10 6 cm atmospheres respectively. Neon and nitrogen must be 
present also and in solar proportions if our assumptions are to be consist¬ 
ent. At the low temperatures prevailing, ammonia is stable with respect to the 
elements and will be formed at least at a slow rate in the high atmosphere under 
the excitation conditions existing there. Consistent with these assumptions the 
mean molecular weight is 2-35 and the pressure at the cloud layer is 8.1 bars. 
This is a very tentative pressure because Kuiper’s data and the cosmic abundance 
ratios are approximate and because the assumption of no fractionation during 
planetary formation is uncertain. (Relative to pressure induced vibrational ab¬ 
sorption by H 2 , see the discussion under the atmosphere of Uranus below.) 

Menzel, Coblentz and Lampland (1926) reported two temperatures for 
Jupiter, i.e., 120 and 140° K, from the intensity of radiation in the 8 to 14 p. 
region. Jupiter rotates rapidly and has a massive atmosphere and hence must 
radiate from its entire surface. The mean radiation temperature expected in 
this case for a body of albedo 0.47 is 105° K and a maximum of 148° K for the 
mid-solar point. This measurement was approximate and cannot be used with 
confidence. Since ammonia at low temperatures can radiate only in the region 
of 100 to 200 cm 4 and near 1000 cm -1 , while the maximum of the black body 
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radiator at 105° K is at 370 cm' 1 , and since methane radiates only at higher 
frequencies than ammonia, no very effective infra-red radiator is present in the 
high atmosphere, except that unknown rare molecules may be present. Therefore, 
it is likely that the radiation from this planet originates at deeper layers and is 
only partly absorbed by overlying colder layers 1 . 

Hess (1952, 1953) has found that the amounts of ammonia and methane 
above the clouds of Jupiter decrease with increasing latitude as determined by the 
absorption of the 6190 A methane band and the 6474 A ammonia band. He 
finds that the height of the cloud layer increases by 10 km between the equator 
and 60° latitude. Using 2.35 for the mean molecular weight alters the change 
in height to 17 km. On the assumption that the clouds are solid ammonia, and 
using the vapor pressure curve for ammonia, he concludes that the temperature 
at the cloud level decreases by 6° K between 0° and 60° latitude. He also finds 
that the morning limb at 60° longitude is 7-6 to 9.7° K lower and that the evening 
limb at 60° longitude is 3.9 to 4.8° K lower in temperature than the central 
meridian, all at the equator. Hess assumes a well-mixed atmosphere which means 
that the tropopause is at the cloud level, for otherwise the partial pressure of 
ammonia would change much more rapidly with height. The partial pressure 
of ammonia at the cloud level in this case is -4 X h, T/T'd,, where the A ’s are the 
cm atmospheres of the constituents. This gives 1.7X 1(T 4 atmospheres of NH 3 , 
which is the vapor pressure at 150° K. Kuiper (1952) assumes an adiabatic 
atmosphere saturated with ammonia at the cloud level and above, and estimates 
the temperature of the cloud layer as 165° K. It is difficult to understand the 
large changes in temperature deduced by Hess because of the great heat capacity 
of the atmosphere. The upper part of the cloud level probably consists of a 
tenuous fog. As a result, the thickness through which the light penetrates is 
limited by this circumstance and Hess’ observations may indicate a lower pene¬ 
tration nearer the limbs of the planet and thus he does not demonstrate a dif¬ 
ference in temperature or cloud level. 

Dollfus (1957) has been unable to confirm Hess’ results and finds that his 
polarization measurements can be explained by a tenuous fog. He also reports 
that the polar regions appear to be free of clouds in that the light scattered is 
polarized as expected for a pure gas. This indicates that the atmosphere is 
sinking at the poles and again we find evidence for a Brewer current (p.372). 
In this atmosphere ammonia probably "snows out” in the low latitudes. 

Shapiro (1953) has shown that the brightness of Jupiter is related to the 
mean annual and monthly relative sunspot numbers and has suggested that 
this is due to some secondary effect of the increased ultraviolet light of the Sun 
during high sunspot activity. Urey and Brewer (1957) point out that ultra¬ 
violet light of the Sun should produce ions and free radicals, e.g. NH 2 , NJ, CN, 
CH 2 , CH + , CH, and C 2 , and that these undoubtedly fluoresce in the visible light 
of the Sun and that variations in the number of free radicals may be produced 
during the Sun spot cycle and thus account for the effects observed. We have 
no evidence in regard to the temperatures in the high atmosphere. 

The atmosphere of Jupiter exhibits many colors from time to time. These 
range through various shades of yellow and red and even distinctly blue regions 
are observed. It has been suggested that metallic sodium is dissolved in liquid 
ammonia to produce the blue color. In view of the well-known instability of 

1 Prof. G. Herzberg has called the author’s attention to the v 4 to v 2 transition in methane 
at 230 cm" 1 . The excitation of the v 4 level is at 1306 cm -1 and thus very few molecules can 
be effected in this level. However, the layer of methane is very thick and some radiation 
way arise in this way. 
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such solutions and that metallic sodium is produced only by the activity of 
intelligent living organisms, this is a most improbable suggestion. Wildt (1937) 
gave a brilliant discussion of the role expected for the free radicals produced 
from methane and ammonia in the atmosphere of the major planets. These free 
radicals, e.g. CH 3 , CH 2 , NH 2 , and NH, molecules derived from them such as 
C 2 H 6 , C 2 H 4 , N 2 H 4 and free radicals of these in turn must be produced in the 
high atmosphere and must react with molecular and atomic hydrogen. He 
concludes that predominantly methane, ammonia and molecular hydrogen must 
be present. Rice (1955) has suggested that the free radical, NH, is formed in 
the high atmosphere. This condenses at low temperatures to produce a blue 
solid. He also suggested that condensed NH 2 NH may account for the yellow 
colors. However, the transport of a free radical through a very thick atmosphere 
to the cloud surface presents very great difficulties. Though his suggestions may 
not be completely acceptable, he has called attention in this way to the import¬ 
ance of many possible compounds of carbon, nitrogen and hydrogen which could 
be produced in the high atmosphere from NH 3 and CH 4 and their free radicals. 
It is not possible to predict the results of the chemical reactions of the high 
atmosphere of Jupiter, but compounds of this kind appear to be possible and, 
in fact, probable 1 . 

The great Red Spot to the south of and near the equator is the only permanent 
feature of the surface of Jupiter. It has been observed for some 300 years. It 
is not rigidly attached since it has been observed to oscillate by 850° with respect 
to its mean period (Peek 1939). It is usually suggested that it is due to some solid 
island floating on liquid, but no plausible suggestion has ever been put forward 
for the substances composing the solid and liquid. At present no satisfactory 
explanation can be given. It should be noted that the amout of radioactive heat 
generated is very small. If Jupiter has the mean solar composition, the amount 
of silicate materials present is only equivalent to one Earth mass. The Earth 
is now generating about 50 ergs cm' 2 and thus only 0.4 erg cm -2 would be expected 
from Jupiter. Of course, the assumption on which this is based is arbitrary and 
the amount of silicate and hence of radioactive substances may be larger, say, 
by an order of magnitude. The radioactive substances must be deep in the interior 
of Jupiter and they may produce a convection at some point in order to dissipate 
this heat. The red spot is probably associated with some deep-seated activity 
of this kind. If so, the red color is probable due to compounds of carbon with 
other elements which cannot be predicted without far more data than are avail¬ 
able. 

A marked feature of the atmosphere is the presence of latitudinal cloud bands 
which change their appearance markedly even during periods of a few days. 
The light bands are clouds and indicate regions of rising atmosphere. The dark 
bands mark regions of descending currents and “clear skies”. The edges of these 
bands are often irregular and sometimes quite regularly crenulated. Also dark 
and light spots are a common feature. The dark spots are generally regarded as 
regions of descending currents, and hence clear skies and the light spots as regions 
of rising currents and cloudy skies. In fact these are regions of cyclonic and 
anticyclonic storms (Shapiro 1952). These features indicate that the atmosphere 
is stormy and that it has an adiabatic temperature gradient for some region 
below the surface of the clouds. This gradient for the composition assumed for 

1 A few compounds selected at random are: diazomethane, CH 2 N 2 , yellow; tetrazine, 
C 2 H 2 N 4 , red; azomethane, (CH 3 ) 2 N 2 , yellow; cuprene, (C 2 11 2 )^, yellow. If aromatic deriva¬ 
tions are assumed, a very great variety of colored compounds become possible. Cuprene is 
perhaps the most probable substance. 
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the atmosphere is 2.44 deg/km. At some level below the clouds sunlight is com¬ 
pletely absorbed, an effective warm surface is established and the thermodynamic 
conditions for mechanical motion of the atmosphere exist. We do not know how 
deep this level is below the visible surface. 

Jupiter does not rotate with uniform velocity, but has an equatorial band 
about 15 0 in width which rotates eastward with a velocity of 100 m/sec greater 
than the velocity of neighboring parts of the planet, while the remainder of the 
surface rotates as a solid body. Schoenberg (1949) has presented a tentative 
explanation of this phenomenon. 


27. The atmosphere of Saturn. The problems of the atmosphere of Saturn 
are similar to those of Jupiter and only a brief summary of the Saturn atmo¬ 
sphere is given here. 

KuJpER (1952) estimates methane as 3 5 000 cm atmospheres above the cloud 
layer and Dunham (1952) estimates ammonia as 200 cm atmospheres. No other 
gas has been identified. Assuming solar composition as in the case of Jupiter, 
we secure 6.3 X10 7 and 1 .3 X10 7 cm atmospheres of H 2 and He respectively. 
Also neon and molecular nitrogen are expected to be important constituents 
and ammonia should be synthesized to some extent in the high atmosphere. 
The pressure at the cloud level is then 8.3 bars. (Relative to pressure induced 
vibrational absorption by H 2 , see the discussion under the atmosphere of Uranus 
below.) 

Menzel, Coblentz and Lampland (1926) report a temperature of 128° K 
from measurements in the 8 to 14 p. region. This temperature is very closely 
the same as that observed for Jupiter, and is much higher than expected for 
Saturn, namely, 78° K for a planet radiating over its entire surface and 110° K 
for a black body at the mid-solar point. Just as in the case of Jupiter, the radia¬ 
tion must originate to some extent in the deep layers of the atmosphere and be 
partly absorbed by the overlying colder layers. Hess (1952) finds a nearly uniform 
distribution of methane over the surface, while Dollfus (1957) observes an 


increased thickness of methane near the limbs of the planet. 

If the atmosphere above the clouds is a mixed atmosphere, and if the cloud 
layer is at the tropopause, we can calculate the temperature of the cloud layer. 


The pressure of ammonia is 



as mentioned above. Using the above values, we secure 3-4X10’ 5 atmospheres, 
which is the vapor pressure of ammonia at 140° K. Kuiper (1950) assumes an 
adiabatic atmosphere with saturated ammonia vapor above the clouds and 
secures 152° K. These estimates are very doubtful because of the uncertain 
value for the ammonia abundance and because of our lack of knowledge in 
regard to the admixture of the atmosphere. 

Saturn’s atmosphere has weather bands of less distinct character than those 
of Jupiter and thus they indicate a less energetic atmosphere, as would be expec¬ 
ted. The colors of its atmospheres are less marked than those of Jupiter (Wright 
1927). They are doubtless due to similar but equally unknown compounds of 
carbon, hydrogen and nitrogen. White spots are occasionally observed (Danjon 
1946; Wright 1933; Peek 1934; E. C. Slipher 1938), and are probably due to 
rising currents of gas. Dark spots are not reported. 


28. The atmospheres of Uranus and Neptune. As mentioned above, the higher 
densities of these planets, as compared to those of Jupiter and Saturn and their 
lower masses, require that their composition must be different and that they 
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contain a much smaller proportion of hydrogen and helium, and no reasonable 
assumption in regard to the proportions of these two gases relative to others 
can be made. Dollfus and Camichel (1953) report very faint markings on the 
disk of Neptune. 

Kuiper (1952) gives 220000 and 370000 cm atmospheres of methane on 
Uranus and Neptune respectively. Ammonia has not been observed. Kuiper 
(1949) observed a diffuse band at 8270 A and a series of diffuse lines near 7500 A. 
Herzberg (1952) has identified the diffuse bands as due to the (v', v") =(}, 0) 
pressure-induced rotation vibration band of the H 2 molecule. He estimates that 
there are 4 X10 6 cm atmospheres of H a and three times as much He in the atmo¬ 
sphere. He found that the double transition (2, 0) (1,0) was more intense relative 
to the (3, 0) transition in pure hydrogen as compared to the planetary spectrum 
and attributed this to an excess of helium in the atmosphere. Since it is difficult 
to understand how helium could have been concentrated markedly relative to 
hydrogen, because both are very volatile, nitrogen may be a more likely second 
gas. According to Chisholm and Welsh (1954) nitrogen is more effective than 
helium in inducing the fundamental band of hydrogen by a factor of 1.85 at 
200° K. By a comparison of Herzberg’s observations with an atmosphere 
containing equal amounts of hydrogen and nitrogen, we find that his observations 
are consistent with an atmospheric pressure of 6 bars at the cloud level and 4.2 x 
10 6 cm atmospheres N.T.P. of H 2 and N 2 1 . Since diffusive separation should occur, 
the total amounts of hydrogen relative to both helium and nitrogen in the whole 
atmosphere should be larger than estimated. The induced transitions may be 
produced by methane, but calculations cannot be made without observational 
data. (It should be noted that the pressure required for producing these transitions 

* The value of a for the integrated absorption defined by the equation, = — a Q, 

where q is the density of hydrogen, is proportional to the density of the perturbing gas. Thus 
the laboratory observations give 

In = Kx (t + a He 7? He ), 


where p is the pressure of hydrogen, i? He is the ratio of He to H 2 and a He is the ratio of the 
coefficients of helium and hydrogen for inducing the transition. For the fundamental at 
298° K, a He = 0.6. The constant K increases with the temperature approximately as the 
first power. For the planetary atmosphere 

\n^ = K^^(\+aR)(-^~) X 2. 

I 2 T 2 \ cos ft / 


For the helium hydrogen atmosphere, assuming the same value of In — y- for the laboratory 


and the planetary atmosphere gives xp 2 = 


The mean of - 


- over the disk is 2, 


and H ~ 1.73 x 10 6 for 78° K, g= 1070 and a mean molecular weight of 3.5, i.e. R = 3. Using 
x — 1.2 x 10 4 and p — 0.2$ x 10 8 dynes cm -2 from Herzberg’s experiment gives p 0 — 1.5 atm 
and the amount of H 2 is 9 x 10 6 cm atm N.T.P. The amounts of helium are three times as 
great (Herzberg’s values are % greater). 

If nitrogen is assumed, the value of is about 1.85 and we secure 

**•(1 + «He*He) = 2H' , 


where H' is the scale height for an atmosphere of pure H 2 . Without further information we 
cannot solve for p Q . With = 1» Pq is 3 bars and this is the pressure of both hydrogen and 
nitrogen. Throughout we use Herzberg’s estimate of 78° K for the temperature and at 
this temperature the vapor pressure of N 2 is 1 atm and nitrogen would condense. We do not 
know the temperature of the cloud level of Uranus or Neptune and they may be higher than 
assumed. All results are uncertain because of the approximate character of the observations, 
the assumption that the ratios of the as for the (3, 0) and (2, 1) (1, 0) transitions are the 
same as those for the fundamental, etc. 
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in the case of Jupiter would be about twice that calculated here because of 
the higher temperatures expected to prevail at the cloud level.) 

At 100° K the vapor pressure of NH 3 is 3X1CT 10 atm and this pressure is 
evidently too low to supply effective clouds. The clouds of Uranus and Neptune 
must be either methane or nitrogen. From the amounts of the gases and pressures 
estimated above, it is possible to calculate the partial pressure of methane in 
the Uranus atmosphere, namely (Ach./AHJ P, where the A’s are the abundances. 
We secnre 0.037 and 0.16 atm for the two atmospheres considered. The vapor 
pressure of methane is equal to these pressures at 84 and 93° K, respectively. 
At the latter temperature the vapor pressure of nitrogen is 6 atm, and in the case 
of this model atmosphere the clouds may be either liquid nitrogen or solid methane. 
It is obvious that the uncertainties of the observed and calculated quantities 
make a decision in regard to this question impossible. 

Similar calculations can be made for Neptune, but the data are still more 
uncertain and the numerical results are of little interest. The greater amount 
of methane above the clouds would indicate still higher temperatures at the 
cloud level. Since the calculated temperature for these planets, assuming radia¬ 
tion from the entire surface, are only 55 and 43° K for Uranus and Saturn respec¬ 
tively, it is evident that the cloud levels are not the effective radiating surfaces. 
Since H 2 , He, N 2 , Ne and CH 4 all do not radiate in the far infrared at low pres¬ 
sures, it is evident that high pressures must exist at the radiating layer in order 
that pressure-induced transitions shall be possible. Hence high pressures at the 
cloud level and above are required. Also some low temperature levels above the 
cloud levels must exist which are the effective radiating levels. 

Kijiper (1949a) has observed bands in the spectrum of Uranus and Neptune, 
which cannot be due to methane, and he found no other absorber of these bands. 
The observed Uranus bands are at 7500, 7524 and 7471 A. In the Neptune spec¬ 
trum he found these and another at 7546 A and a doubtful one at 7570 A. Ramsey 
(1953) observed bands near these in laboratory spectra which were thought to 
be due to HCO, and Herzberg tentatively proposed that the bands in Neptune 
and Uranus are due to this molecule. Exact agreement was not secured. More 
recently, Ramsey (1957) has found that the laboratory bands are due to HNO. 
If the planetary bands are due to this molecule, a most surprising chemical 
composition is indicated since all oxides of nitrogen and all oxygen-hydrogen- 
nitrogen compounds are thermodynamically unstable with respect to the elements 
or elements and water, and hence it is very difficult to account for their presence 
in these atmospheres. However, only some 10 15 or 10 16 molecules per cm 2 are 
required in order to secure absorption and hence only a very small fraction of 
the atmosphere need consist of the absorbing molecule, if the transition is an 
electronic one. 

29. The atmosphere of the Satellites and Pluto. The four Galilean satellites of 
Jupiter, Titan of Saturn and Triton of Neptune have masses comparable to the 
terrestrial moon and might retain atmospheres. Of these, only Titan has a detect¬ 
able atmosphere of 20000 cm atm of methane (Kuiper 1944). (This datum has 
not been corrected for temperature and pressure effects.) All these satellites are 
slightly yellow in color. The presence of methane on Titan supports the view 
that all primitive atmospheres were highly reduced. 

It is of interest to explore the reasons for the presence of methane on Titan 
and the absence of atmospheres on the other satellites. It is evident that both 
methane and nitrogen and all other gases than H 2 , He and Ne would be condensed 
on Triton and Pluto, and these gases would not show their presence either by 
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Table 11. 


Planet 

Sub¬ 

stance 

Detect¬ 

ed 

Amount 
cm atm (NTP) 

Basis of estimate 

Remarks 

Mercury 





Probably fluorescing free radicals 
and ions produce haze 

Venus 

co 2 

h 2 o 

N 2 

CO 

yes 

yes 

yes 

yes 

10 5 

oceans 

? 

<100 

Spectroscopic 
Polarization 
of clouds 
Spectroscopic 
Spectroscopic 

Much below the cloud layer 

Vast oceans are assumed to exist be¬ 
low the clouds 

N 2 and N 2 bands in the night sky 
CO + bands in night sky and absorp¬ 
tion bands in day sky. Limit fixed 
by near infra-red bands 

Earth 

Many constituents, see Tables 2 and 3 

Mars 

co 2 

H 2 o 

n 2 

yes 

yes 

no 

3600 

? 

1.8 xlO 5 

Spectroscopic 
Polarization 
of clouds 

Total pressure 
measurement 

Polar caps consist of ice. Some 
clouds have the polarization of ice 
crystals 

N 2 is accepted as the most likely non¬ 
condensable constituent 

J upiter 

ch 4 

nh 3 

h 2 

He 

N 2 

Ne 

yes 

yes 

no 

no 

no 

no 

1.5 xlO 4 
700 

2.7 X 10 7 

5.6 XlO 6 
4X 10 3 

1.7 x 10 4 

Spectroscopic 

Spectroscopic 

1 Density of 
| the planet 

Assumed to be present in solar pro¬ 
portions relative to methane on 
the basis of the Marcus’ calcula¬ 
tions 

Saturn 

ch 4 

NH, 

H„ 

He 

n 2 

Ne 

yes 

yes 

no 

no 

no 

no 

35000 

200 

6.3 x 10 7 

1.3 X 10 7 
9.5 x 10 3 
2.7 X 10 1 

Spectroscopic 

Spectroscopic 

1 Density of 
| planet 

Assumed to be present in solar pro¬ 
portions relative to methane 

Uranus 1 

ch 4 

h 2 

He 

h 2 

He 

n 2 

yes 

yes 

no 

yes 

no 

no 

2.2 XlO 5 

9X 10 6 
• 2.7 X 10 7 

4.2 X 10 6 
8.6 X 10 5 
4.2 X 10 s 

Spectroscopic 

1 Calculated 
/on Herzberg's 
assumption 

1 Calculated on 
> assumptions 

J made in this 
paper 

He and H 2 are assumed to be effec¬ 
tive molecules in producing transi¬ 
tions of H 2 

N 2 and H 2 are assumed to be effec¬ 
tive molecules in producing transi¬ 
tions of H 2 . Solar proportions of 
He and H 2 are assumed 

Neptune 1 

ch 4 

h 2 

n 2 

He 

yes 

yes 

no 

no 

3.7 x 10 5 

I Larger 
> than in 

J uranus 

Spectroscopic 

Spectroscopic 

Assumed to be effective molecules in 
producing transitions of H 2 

Solar proportions of H 2 and He as¬ 
sumed 

Titan 

ch 4 

He 

yes 

no 

2 XlO 4 

Spectroscopic 

Assumed high diffusion layer for the 
preservation of H 2 


Kuiper ( 1952 ) has been unable to detect N 2 0, CH 4 , C 2 H 4 , C 2 H 6 and NH :t on Venus; 
S0 2 , 0 3 , N 2 0, CH 4 , C 2 H 4 , C 2 H 6 and NH 3 on Mars; O s and S0 2 on Saturn and Uranus, CH 4 
and NHj on the satellites of Jupiter, and NH, on Titan. In most cases, the substances could 
not be expected to be present because of thermodynamic instability under the known con¬ 
ditions of the planet involved. . 

1 Methane has not been considered as the molecule inducing the hydrogen transitions, 
but it should contribute to this effect. 
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absorption or fluorescence. We therefore discuss the escape of atmospheres from 
the most massive satellite of Jupiter, i.e. J III or Ganymede, and from Titan, 
with 0.0260 and O.O236 Earth masses and 0.435 and 0.384 Earth radii respectively. 

Except for their distance from the Sun, these two objects are very similar. 
The loss of atmosphere from the one and not from the other may be explained 
in a number of ways. If the temperatures of the high atmospheres were compar¬ 
able to those existing in the terrestrial atmosphere, the absence of atmospheres 
would rest on arguments similar to those applied to the Moon. We shall not 
assume such temperatures. Then, the loss of methane and ammonia is due to 
the loss of hydrogen and the condensation of non-volatile compounds of carbon, 
nitrogen, oxygen and hydrogen. The escape problem is then limited to the 
escape of hydrogen and helium. A pure hydrogen atmosphere of one gram mole¬ 
cule per cm 3 , i.e. 22400 cm atm N.T.P., would be lost from Ganymede or Titan 
in about 10 7 years, if the escape temperatures are 156 and 117 respectively. 
Lower temperatures by a factor of ]j2 would preserve hydrogen by a significant 
degree in the case of Titan. The amounts of radiation in the Schumann region 
are quite adequate to decompose the methane of Titan during 4-5 X10 9 years. 
Hence recombination of the products of photodecomposition must occur and 
this requires the presence of hydrogen. As was evident from the study of the 
escape problem for the terrestrial planets, the presence of the diffusion layer 
will greatly decrease the rate of loss and this could be supplied by a high level 
helium aitmosphere. Helium will escape quite rapidly from Ganymede, i.e. 2 X 10 5 cm 
atm in 4.5 x10 s years at 156°, while the escape from Titan would be only ^ 
as rapid. If some particle radiation of high energy penetrates occasionally to 
the region of Jupiter, as indicated by the occasional flaring of the Schassmann- 
Wachmann Comet, the loss of helium from Ganymede would be greatly acceler¬ 
ated. Hence, the presence of methane on Titan is possibly due to a high-helium 
atmosphere, which retains hydrogen by the Harteck-Jensen diffusion mechanism. 

No atmospheric constituent has been observed on Pluto, which is probably 
an escaped satellite of Neptune, as suggested by Lyttleton (1936). 

The colors of these satellites are probably due to various compounds of 
carbon, nitrogen, oxygen and hydrogen. It will be impossible to specify the 
likely compounds producing the slightly yellowish color and the low albedos of 
these objects in the foreseeable future. 

VII. Conclusions. 

Table 11 summarizes the constituents of the planetary atmospheres as discus¬ 
sed in this chapter. In this table are included constituents definitely proven 
to be present and those inferred as being present on various grounds, with the 
reasons given briefly in the last column. All amounts given in column 4 are 
very uncertain. Those for which at least semi-quantitative data are available 
are recorded in bold face type. It is to be hoped that these will be improved in 
the future. Especially needed are laboratory data on the absorption bands at 
pressures and temperatures and in mixtures that may exist in planetary atmo¬ 
spheres. If such observations are to be made effectively, students of the subject 
must have some estimates of what these conditions may be. It cannot be expected 
that the conclusions reached here are more than tentative, and it is hoped that 
the present discussion may suggest valuable lines of effort in the future. 
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Planetary Interiors. 


By 

Wendell C. DeMarcus. 


With 3 Figures. 


1. Introduction. During the past several decades enormous progress has been 
made toward understanding the physics of the stars. As is well known, a large 
amount of this progress is due to the fact that the properties of matter at high 
temperatures are relatively simple. This relative simplicity can be attributed 
to the fact that the macroscopic properties of matter at high temperatures can 
be deduced from the properties of individual atoms, or ions, etc. by means which 
are in principle (though not always in practice) quite straightforward. As a 
result, many properties of matter under physical conditions appropriate to the 
interiors of stars can be predicted with confidence from atomic data which can 
be measured in the laboratory. The physics of planetary interiors is, in this 
respect, quite different from stellar physics for in the case of planetary interiors 
one has to deal with the properties of matter at low temperatures where condensed 
phases occur. 

In the condensed phases, nature exhibits an often embarrassing diversity of 
phenomena. Many of these phenomena can be readily classified a posteriori 
according to the general principles of chemical thermodynamics but the theoretical 
anticipation of experimental results is notoriously difficult whenever condensed 
phases are involved. However, at sufficiently high pressures the physical pro¬ 
perties of cold matter presumably become amenable to quantitative theoretical 
treatment. This happens when the number of electrons per unit volume becomes 
so large that on the average the electrons are in states of sufficiently high kinetic 
energy (on account of the Pauli Principle) that the electrical contributions to 
the energy may be neglected. In this case, one describes the matter as a Fermi 
gas. For a given substance, the lower limit of pressure necessary for the appli¬ 
cability of the Fermi gas equation of state is generally too great to have any 
direct bearing on planetary interiors. However, there are "cold” bodies for 
which the relativistic Fermi gas equation of state holds throughout most of 
their volume. These are the white dwarf stars 1 whose mean densities are enormous 
(6x 10 6 gm/cm 3 for van Maanen’s star). It may seem somewhat paradoxical to 
refer to these stars as "cold” since some have surface temperatures two or three 
times that of the Sun. Nonetheless, the term "cold” is appropriate 2 since the 
pressure can be shown to increase with depth sufficiently rapidly to override 
the effects of the accompanying increase of temperature. 

1 For details on the white dwarfs cf. Greenstein’s article in Vol. L, and Schatzman’s 
contribution to Vol. LI of this Encyclopedia. 

2 S. Chandrasekhar: An Introduction to the Study of Stellar Structure, Chap.XI. 

Chicago 1939- 
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I. The mass-radius relation of cold bodies. 


2. The conjecture of Henry Norris Russell. At the 1935 meeting of the 
International Astronomical Union, H. N. Russell pointed out that among the 
planets the radius increases with the mass while the opposite trend is exhibited 
by the white dwarf stars. The planets and the white dwarfs are cold in the 
sense that densities throughout most of their bulk are essentially determined by 
pressure alone. Russell concluded, therefore, that somewhere between the masses 
of the white dwarfs and of the planets there ought to be a maximum radius for 
bodies consisting of cold matter. Theoretical calculations substantiating Russell’s 
prediction were soon published by D. S. Kothari 1 who found the maximum 

radius of a cold body to be 
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depending on composition. 
A number of calculations 
aimed at improving Kot¬ 
hari’ s first analysis have 
since been published 2-8 . Fig.l 
shows a Log M — Log R 
plot of the masses and radii 
of the planets, certain of 
their satellites (for which 
these two parameters ap¬ 
pear to be reasonably well 
established) and three white 
dwarf stars. The continuous 
curve represents a theoreti¬ 
cal LogM — Log 2? relation 
for configurations of pure 
cold hydrogen 7 . 

Although there are no data available for use in the LogM — Log R diagram, 
it is worthy of mention that such astronomical objects as the faint companion 
of 6l Cygni may qualify as cold bodies and perhaps be appropriately classified 
as planets 9 . 
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Fig. 1. Mass radius diagram of “cold” bodies. 


3. Theoretical considerations regarding cold bodies in general. In calculating 
the internal properties of cosmic bodies it is necessary to assume that the interiors 
are in hydrostatic equilibrium. This procedure appears to be sufficiently accurate 
for the larger astronomical objects, but its applicability to cold bodies with 
masses comparable to Mars is subject to some reservations. It is grossly er¬ 
roneous for bodies of asteroidal size. For spherical configurations, the assumption 
of hydrostatic equilibrium! eads immediately to the differential equation 


dp 

d v=~ee- 


( 3 - 1 ) 


1 D. S. Kothari: Monthly Notices Roy. Astronom. Soc. London 96, 833 ( 1936 ). 

2 F. C. Auluck: Monthly Notices Roy. Astronom. Soc. London 99, 239 (1939). 

3 D. S. Kothari: Proc. Roy. Soc. Lond., Ser. A 165, 486 (1938). 

4 P. Sen: Z. Astrophys. 16, 297 ( 1938 ). 

5 A. Sommerfeld: Nuovo Cim. 15, No. 1 (1938). 

6 W. H. Ramsey: Monthly Notices Roy. Astronom. Soc. London 110, 444 (1950). 

7 W. C, DeMarcus: Ph. D. Thesis, Yale Univ. 1951. 

8 A. A. Abrikosov: Problems of Cosmogony, Vol. Ill, p. 11 — 19 . Moscow: Academy of 
Sciences USSR. 1954. 

9 P. van deKamp: Vistas in Astronomy, Vol. II, p. 1040; A. Beer edit. London and 

New York 1956. 
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Here p is the local pressure at distance r from the center of mass of the body, 
g is the local acceleration of gravity and q the local density. If M(r) denotes the 
mass within the sphere whose radius is r and G is the constant of gravitation, the 
acceleration of gravity is given by 

g(r) = GM J r) - ( 3 - 2 ) 

In case the body is rotating it will no longer assume a spherical shape and it is 
incorrect to employ a single independent variable. However, it will be shown 
below that the equation of hydrostatic equilibrium, in the case of sufficiently 
slowly rotating bodies, can still be written to sufficient accuracy in terms of a 
single independent variable s. For each surface of constant density the value 
of s is assigned which is numerically the radius of a sphere whose volume would 
coincide with the volume contained within the surface. The equation 


dp 

ds 


GM(s) 

s 2 


2 

3 


p(s), 


(3-3) 


where m is the magnitude of the angular velocity and M (s) is the mass contained 
within the surface of constant density q(s), correctly defines the condition of 
hydrostatic equilibrium if terms involving co 4 may be neglected. The differential 
equation (3.3) cannot be integrated without further information. For cold bodies 
this information takes the form of a pressure-density relation 1 , 


or its inverse, 


Q = <PiP)> 
P =/(?)• 


( 3 - 4 ) 

(3-5) 


The pressure or the density can be eliminated from (3.3) and a second-order, 
but generally non-linear, differential equation for the remaining variable results. 
Explicitly these are 


d2 Q . 2 dg 

ds 2 s ds ' 

d 2 p 2 dp 
ds 2 ' s ds 


/"(£») 

1 

. f'ie ) 

Q 

<p"(P) 

(dp \ 2 

<p'(P) 

[ds) 


+ 


AnGq 2 2c o 2 q 


/'(£>) 


f'(Q) 


(3-6) 

( 3 - 7 ) 


where primes denote differentiation with respect to 0 and p, respectively. There 
is also an integral form of the equation of hydrostatic equilibrium. Namely, if 
we set „ 

C * = /f 0 8) 

where p 0 is the density of the external surface of the body (zero pressure) then 
the integral form of the equation of hydrostatic equilibrium is the Bernoullian 
integral 

6 *-/^-/[ £ ¥ L - IH'*- 0.9) 

Qo s 

For a homogeneous isothermal planet G* is the difference between the free 
enthalpy per gram at the pressure p (q) and the free enthalpy at zero pressure. 

- f) 

1 If temperature effects are to be considered, one must know the equation of state Q = 
(f(p, T) and, in addition, be supplied with the means of obtaining the course of the tempera¬ 
tures throughout the body. 
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A large amount of past speculations have been based on the heuristic assumption 
that the march of density with radius conformed to the Laplace Law, viz., 


Q=Qc 


sin nr 
xr 


( 3 . 10 ) 


The assumption of Laplace’s law implicitly is an assumption regarding the 
compressibility of the matter, namely, that pressure and density are connected by 

P=A{q ! ‘~qI), ( 3 - 11 ) 


with A and q 0 constants. Using Laplace’s law for the variation of density within 
the planet it is also possible to integrate Clairaut’s equation for the ellipticity 
of the internal strata in closed form. In the absence of any conflicting evidence, 
this pleasant circumstance made the Laplace law quite popular. 

The equation of path (3-11) is a special case of the poly tropic equation of 
path introduced into astronomy by R. Emden 1 . Emden considered equations 
of path which, slightly generalized, are of the form 




( 3 - 12 ) 


k 0 and Qq are the incompressibility and density at zero pressure. The exponent y 
is related to the polytropic index n via y = I + —-. In case the density at zero 

pressure vanishes, as would occur for an ideal adiabate or polytrope, k 0 must 
also be considered to vanish in such fashion that k 0 Q 0 ~ y remains finite. The 
“Free Enthalpy’’ corresponding to the equation of state (3-12) is 


IK 

\Qo 


Q_) Vn _ 1 

So / 


For (x> ~ 0, the Bernoullian integral becomes 


So 


V» 


— 1 




M(s) 


ds. 


(3.13) 


(3-14) 


For a central density 0 , put y 
equation to obtain 

»<**(«)*'£ = 


—) 1 and differentiate both sides of the preceding 

Sc) 


A second differentiation then leads directly to the dimensional form of the 
Emden equation, 

1 d ! g dy \ I \ tiGq c q I 
s 2 ds \ ds ) \ ngl ln k 0 


( 3 - 15 ) 


Introduction of the unit of length l E defined by 


11 = 


a ‘A " K 

4 nGscSl 


(3-16) 


and a change to the dimensionless variable x with s— l E x yields the Emden 
equation 

_L J— ( x z Al. 

x 2 dx \ dx 


) +y n - 


0 . 


( 3 - 17 ) 


1 R. Emden: Gaskugeln. Leipzig und Berlin 1907- 
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The complete mass-radius diagram of all substances obeying the equation of 
state (3-12) with fixed polytropic index n can then be obtained from a single 
integration of the Emden equation with the boundary conditions y ( 0 ) = f, 
y'(0) =0 the integration being carried to the point where y first vanishes. For 
a configuration with central density q c the radius of the configuration in units 
of l E is determined by the root x n of 



The mass of the configuration is then 

0 - 18 ) 

The form of the mass-radius diagram for very small masses, if o 0 >0, can then 
be inferred from the fact that for small x, y (x) = 1 ■-— x 2 -\ -, whence 

M=~ Qo llxl = ^- eo R\ (3.19) 

as was to be expected. This result, of course, holds for any matter forming a 
condensed phase stable at zero pressure. On the other hand, for central densities 
large compared to o 0 , x 0 tends to the root of y(x) =0 and 

l~n 

R -> constant M 3 ~ n . 

If n is less than 1 the radius always increases with mass; for n = 1 the radius 
tends to a constant value independent of the mass. For n greater than 1 but 
less than 3 the radius increases to a maximum value and then decreases or, in 
case o 0 --= 0, the radius always decreases with increasing mass. The Fermi gas 
equation of state has n = 1.5 in the non-relativistic case but for very high density 
behaves more like n = 3. Chandrasekhar 1 has shown that in this case there 
is a limiting finite mass of zero radius, but nuclear effects preclude the attain¬ 
ment of this interesting limiting case. The existence of a maximum radius for 
cold bodies is thus seen to be mathematically a consequence of the facts that 
cold matter has non-vanishing incompressibility at zero pressure and that asymp¬ 
totically p~q m with m< 2. 

4. The instability of small cores. The mass-radius relation of chemically 
homogeneous bodies in general can exhibit some rather intriguing details. For 
example, it can happen that there is not a single maximum in the values of R 
as a function of M . The example in mind is the mass-radius relation for chemically 
homogeneous bodies made up of a substance whose pressure-density relation 
has discontinuities in density (phase changes). If the density saltus exceeds 
50% 2 ’ 3 or somewhat less for rotating planets 4 , there will be a range of mass 
values in which the radius is a triple-valued function. The three configurations 
corresponding to a given mass have respectively a sizeable core of the dense 
phase, a small core of the dense phase, and no dense phase present. As a general 
rule, the configuration with the smaller core is unstable. This phenomenon was 
first noticed by Ramsey 2 . Ramsey suggested that the old idea of an exploding 
planet giving rise to the meteorites can be justified by invocation of this principle. 

1 S. Chandrasekhar: Monthly Notices Roy. Astronom. Soc. London 91, 446 (1930). 

2 W. H. Ramsey: Monthly Notices Roy. Astronom. Soc. London 110, 325 ( 1950 ). 

3 M. J. Lighthill: Monthly Notices Roy. Astronom. Soc. London 110, 342 (1950). 

4 W. C. DbMarcus: Astronom. J. 59, 116 (1954). 
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Bullen has pointed out also that the existence of this phenomenon might re¬ 
suscitate Darwin’s theory of a tidal origin of the Moon, the tides serving merely 
to trigger a transition from one stable configuration to the other rather than 
being called upon to effect the actual ejection of the Moon. Bullen’s suggestion 
has been followed up by Datta 1 who has considered the question of the amount 
of energy which might be released by such transitions. 

5. The figure of rotating planets. The interiors of the planets are not open to 
inspection so that all information regarding their interiors must be inferred from 
their external features. The most important of the external features are the 
masses, principal radii and the form of the external gravitational potentials of 
the planets. To a certain extent the composition of the atmospheres of the 
planets can be added to the relevant external features. But an extraterrestrial 
observer would be rather wide of the mark if he concluded that the chemical 
composition of the Earth was 80% nitrogen and 20% oxygen. The form of the 
external potential can only be inferred in detail when a planet possesses satellites 
whose motions can be followed with sufficient accuracy. When such a satellite 
is lacking, one is forced, by and large, to base all conclusions about the planetary 
interiors on the radius and mean density. 

For the purposes at hand, the term orbit when applied to a planetary satellite 
will be used to denote a fictitious motion governed solely by the form of the 
conservative external gravitational potential of the planet; more particularly, 
that ideal motion which when augmented by the effects of the various relevant 
perturbing influences, reproduces the observed satellite motions. Except for 
the possible effects of tidal friction, the orbit in the sense stated can be regarded 
as well-defined. The conservative external potential of a planet whose internal 
mass distribution has axial symmetry can always be expanded as a series of 
Legendre polynomials of argument cos <p where <p is the angle between the axis 
of rotation of the planet and the radius vector, r, from the center of mass of the 
planet. The conventional representation of the potential is 


V 


CM 1 

r 


2 _ T „ 2 -P 2 (cosy) 
3 J r* 



P 4 (cos 95 ) — • • • 


(5-1) 


where a is the equatorial radius of the planet. M x is the total mass of the planet 
and in general in the sequel the subscript 1 implies evaluation at the planetary 
surface. This will cause no confusion with the Legendre functions since only 
even orders of the latter appear. The coefficient J can be expressed explicitly by 


3 C —A 
2 ~ 


(5-2) 


where C is the moment of inertia about the axis of rotation and A is the amount 
of inertia about any axis perpendicular to the axis of rotation. An expression 
can also be given for the evaluation of K but the results cannot be expressed 
in terms of familiar concepts such as the principal moments of inertia. The effects 
of the terms / and K on the ideal motion of the satellite 2 is to change the period 
from the Kepler value, and give rise to a secular advance of the line of apsides 
and a secular regression of the line of nodes. In first approximation the last 
two effects are of equal magnitudes but in second approximation this is no longer 
the case, the apse advances at a different rate from that at which the node regresses. 
Thus, observations of a close satellite in principle yields not only the mass of 


1 A. N. Datta: Monthly Notices Roy. Astronom. Soc. London, Geophys. Suppl. 6 , 535 
(1954). 

2 D. Brouwer: Astronom. J. 51, 223 (1946). 
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the primary, but in addition the information embodied in the coefficients / 
and K. This last information is of little value unless hydrostatic equilibrium 
is assumed to hold in the interior of the primary 1 . 

The theory of the figure of a rotating planet with internal hydrostatic equili¬ 
brium has been the subject of serveral investigations 2-7 . However, for the most 
part the emphasis has been on the problem of determining the figure from the 
density distribution along some radius vector of the planet. One avenue of 
approach toward the elucidation of the interiors of the planets proceeds by the 
construction of model planets whose properties are computed from assumed 
pressure-density relations. Accordingly, a sketch of the theory of the equilibrium 
of rotating bodies recast into a form suitable for deriving model planets of fixed 
rotation period solely from a pressure-density relation is given here. 

In the following, the theory is carried only through terms of the order co 4 , 
where o) is the angular speed of rotation. The expansion is basically in powers 
of centrifugal force, so terms of the order co 2 will be said to be of the first order, 
a> 4 of the second order and so forth. 

A surface of equal density will be assumed to be approximately an ellipsoid 
of revolution about the axis of rotation, the equation to the surface being explicitly 

r = s [ 1_ if- “ y ( £ + TJ ® 2 + 7*) P 2( cos <P) + -jjr (|-8 2 +4x) P 4 (cos9?)j. (5.3) 


Here r is the radius vector from the center of the planet, (p is the colatitude, 
i.e., the angle between the radius vector and the axis of rotation, the P n are 
Legendre polynomials normalized according to the customary convention which 
takes P n ( 1) =1, e and x are parameters giving respectively the ellipticity of the 
surface and the departure of the surface from the true ellipsoidal shape, e is of 
the order co 2 and x is of the order o> 4 . The potential at any point (r, <p) within 
the planet is then given by 


V= — 


4ji G 
3 


So 


2_ S 2 P 2 i2 S 4 P 4 
5 r 3 ' 35 r 5 6 ' 


+ y r o - y 1-2 r 2 P 2 + Pf- P r 4 P 4 


4nG 


(1—P.) 


(5-4) 


in which the centrifugal potential has been included and 

Ri 


So = J e(s)d(s 3 ) 

0 

s 

s a = / e(s)<f [s 5 (e + -^-e 2 + y«)| 

0 

s 

= f ? ( S )^[s 7 ( e 2 +|«) 


r 0 =/£?(s)tf[s 2 (i-7r8 2 )] 

s 

Ri 

T 2= f e( s ) d [ £ + Tr^+y*] 


Rx 


T<=fe(s)*&). 


1 In a sense, hydrostatic equilibrium may be said to be already assumed when the axial 
symmetry is assumed. However, one can partially defend the axial symmetry assumption 
on the basis of visual observations. 

2 G. B. Airy: Phil. Trans. Roy. Soc. Lond., Ser. A 1826, Part III, 548. 

3 O. Callandreau: Ann. Obs. Paris 19 , E i (1889). 

4 G. H. Darwin: Monthly Notices Roy. Astronom. Soc. London 60, 82 ( 1899 ). 

5 W. de Sitter: Bull. Astronom. Inst. Netherl. 2, 97 ( 1924 ). 

6 H. Jeffreys: Monthly Notices Roy. Astronom. Soc. London 113, 97 (1953)- 

7 W. C. DeMarcus: Astronom. J. 63, 2 (1958). 
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The form of the potential (5-4) is due to Darwin 1 except for the term T 0 which 
he did not carry because it plays no role when the density distribution is assumed 
to be given a priori. Inserting the expression (5-3) for r in the expression (5-4) 
for the potential and using the fact that the Legendre polynomials are linearly 
independent leads, after some manipulation, to the three equations, 


_ 3^( 5) = So (, , If 2 
AnG s \ 45 

S 0 (2 .31 - , 8 

~(y e +63 E 


25 s a 


+ ■ 


75 


£ s 2 T„ 


+ o-» 


2 jS 2 

5 s 3 


1+-S ---rS 2 r 2 l 


8 \ ou‘s‘ 

e 


21 


4nG 


J± {}e *-8x)-6e A + 3 A + | S 4 7 4 == o. 


\+~e),(5-6) 


(5-7) 


These equations may be solved by successive approximations. In Eq. (5-5) the 
second order terms are dropped giving 


V(s)- 


4n G 


Ri 


7 f e( s M( s3 ) +yJ Q ( s ) d (* 2 ) + 


, 2 S 2 

G 


(5-8) 


dp 


const 


The Bernoullian integral of the equation of hydrostatic equilibrium is 

F(s) + f 

and when differentiated becomes 

r GM(s) 


dp 

ds 


-— ar S 


q(s). 


(5-9) 


Before taking up the solution for the parameters e and x it is convenient to 
follow de Sitter 2 and introduce dimensionless quantities. These are 


— 

M(R 1 ) 

Q — 

- 471 R\ 
3 


3 co 2 

fK = 

4 tiGq 

i? = 

s 

A 


D 


j, i Ht)d(P) 

0 

0 

= j>f d ® d [ fi [ e + T* + T x ) 


p =jrf 6(f)cf[F(e 2 + 


T = f & (0 d |> + t 9 5 e 2 + * «] 

1 

Q=pfd{t)d[^. 


qS(s) = g (s) 


In terms of the dimensionless variables the Eqs. (5-6) and (5-7) become 

D[e +||e 2 + ye] — fS(l + fe) -f I(i-| T s) =/ T w(l + | 1 e) (5.10) 

D[3e 2 -8x] ~6eS + 3-P+f(? =0. (5-11) 


and 


1 See footnote 4, p. 425- 

2 W. de Sitter: Bull. Astronom. Inst. Netherl. 2, 97 (1924). 
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By comparing (5-1) and (5.4) it is found that 

Si=\ 7(1 + 1%) (5.12) 

and 

Pi = lK. (5-13) 

When (5-10) and (5-11) are evaluated at /3 = 1, a slight rearrangement yields 

«i— J=i4 — — (5.14) 

K =“7 4 ^i + 3«i~ (5.15) 

Hence, if the mass, equatorial radius and rotational period of a planet are known 
anf if it has satellites from whose motions the coefficients / and K can be deduced, 
it is possible to determine the ellipticity of the external surface and the departure 
of the surface from true ellipticity correct through the fourth power of o>. Values 
of the ellipticity derived in this way are usually called dynamical ellipticities 
to distinguish them from ellipticities obtained telescopically as, for example, 
by a filar micrometer. Generally, the dynamical ellipticities are the more reliable. 

A certain amount of simplification results if de Sitter’s variable s' is used 
instead of s. s’ is defined by the expression 

e' = e —^s 2 + fx. 

By differentiating (5.10) with respect to [i and introducing the variable 

, d In e' 

t] ~ d InjS 

there results, after some rearrangement, 

V’ + y e) - ~ m + y T = (l + y|e - A- (5.16) 

and differentiating again 


wherein 

and 


P % + A + W - 2C(1 +*/') ~~Ci= o 

^ d In £ > l 1 D I 

f = Ai ( 1+ y) _3 e{i+v ')2-4e. 


(5-17) 


Following a procedure due originally to Radau 1 the Eq. (5.17) can also be written 
in the form 

~(Dpi/7+^) = 5D(P)pF(? 1 ') ( 5 . 18 ) 

with 


FW) = 


i+ -n 


~n' 2 + — 

10 ' 105 


Radau’s transformation is quite remarkable in that the function F(rj') varies 
very slowly with r\ . Neglecting the small term in the following table exhibits 


1 R. Radau: C. R. Acad. Sci., Paris 100, 972 (1885). 
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the behavior of F(r)'). 

rft 0 0.2 0.4 0.6 0.8 1.0 2.0 3.0 

F(rj') 1.00000 1.00051 1.00066 0.99928 0.99580 0.98995 0.92376 0.80000 

F(rj') has a maximum at rj' at which point its value is 1.00074. Hence, if 
it appears certain that rf 0.6 throughout a planet we may set F =1 with an 
error certainly less than 0.1% and integrate Eq. (5-18) to obtain 

0 

which on partial integration becomes the Radau-Darwin approximation 

]/l + Yji = — 1 — — MR j (5-19) 

where I is an average moment of inertia defined by 

R, 

i = S M S ) ds - 

0 

The ellipticity can be computed from the value of rf at the surface, r\ x , for eliminat¬ 
ing J from (5-14) by (5-12) and (5.16) one obtains 

si (2 + 7] 1 ) = ■§ tn -)- f- ef -f- wi 2 f- w. (5.20) 

In general, the Eq. (5-18) must be solved by successive approximation. 
Eq. (5.18) is integrated numerically with £ set equal to zero. This procedure 
yields an approximate value for e x and s'(ft) is calculated to the same degree of 
approximation from 

uf - e * p |“/f‘ v 

The approximate values for s'(ft) are then used to evaluate the term in £ and rft 
recalculated. The acumen displayed by de Sitter in transforming the dependent 
variable to s' is demonstrated in practice by the minuteness of the corrections 
necessitated by the second approximation. 

After the ellipticity is known the solution for y, can be reduced to the solution 
of a non-homogeneous second order differential equation, but there are many 
advantages to solutions based on the integral equation directly. Integration by 
parts can be employed to bring (5-11) to the form 

xW=m+f*V)*T(M (5-21) 

0 

with 

P 

m=- jokr I [/?2 e (/S) - * s w]a ta ' id ' [t) + f ~Jw (5 - 22) 

0 

and 

drift, t) = 





Sect. 6. 


Integral theorems and inequalities. 


429 


The contribution of the integral to the surface value of k is slight for the integrand 
is largest near t = 1 so that when f} = 1 the integral can be estimated roughly as 

i ii 

fy. (t) — J - t - pq 

u 0 0 

which adequately demonstrates the assertion made. It is therefore to be expected 
that an iterative solution of the integral equation (5.21) will converge rapidly 
and this expectation has been confirmed in practice 1 . 

6. Integral theorems and inequalities. There are a number of instructive 
bounds which can be placed on various physical features of planets which are 
based on the assumptions of hydrostatic equilibrium and of monotonic density 
decrease with radius. Referring to the equation of hydrostatic equilibrium it is 
clear that the pressure at the center will be smallest for planets of given mass 
and mean radius if the planet is of uniform density throughout. Thus, P c , the 
pressure at the center satisfies the inequality 

( 6 , 1 ) 


A less useful upper bound for the density at the center follows from the remark 
that the pressure at the center will be less than it would be if the density were 
equal to the central density q c out to the value s' of the mean radius and vanished 
otherwise. The value of s' is given by the condition that 


Consequently, 


£> c s a = 


gRl 


a 2 e 

1-— m 

3 6o 


( 6 . 2 ) 


These two inequalities may be combined and given a more symmetrical form 


± oi(\-\m)<P c ^\{gt (i - \ 


3 Qc 


(6-3) 


For example, the central pressures of Jupiter and Saturn are bounded below 
by 11 and 2.1 millions of atmospheres, respectively. Another instructive limit 
regarding pressures inside the planet refers to the mass weighted average pressure, 
P- i.e., , m, m, 

PtM=--l r fM4? r dM. ( 6 . 4 ) 




The equation of hydrostatic equilibrium may be written with M (s) as independent 
variable 


dP 

Hm 


GM 

4Jts 4 
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whence, 


Mi 

p 1 f G^dM ( 

AnMj s* V 


3 GM(s) \- 


(6-5) 


If the density never increases with s the following inequality holds 

s 3 ^ R\ 

M(s) = M 1 ' 


1 H. Jeffreys: Monthly Notices Roy. Astronom. Soc. London 114, 433 (1954). 
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Consequently, 


or 


p > (i-f«J 

= 4^, 


/ 


GAfj) 

"rT 


MUM 


0 


3 GMj 
20tiR\ 



P^\(^f'jGMlp[\- j-mj. 


( 6 . 6 ) 


(6-7) 


The average pressure in Jupiter must therefore exceed 4.6 million atmospheres 
if its density increases monotonically toward the center. 

On the assumption that the density does not increase with radius, Jeffreys 1 
has given an upper limit to the surface density of a planet whose average moment 
of inertia is known, 

QillM.Rl). ( 6 . 8 ) 


Except for the case of the Earth, the moment of inertia of planets has to be 
obtained from the Radau-Darwin approximation. For the major planets Jef¬ 
freys’ inequality implies surprisingly low surface densities. However, DeMarcus 2 
has shown that Jeffreys’ inequality can be sharpened considerably. From 
(5-12) there results 

(1 +l e i) 7=1/<5(0 ^lJ 5 ( e +i fi2 + f *)]■ 

o 

Integrating the right hand side by parts this becomes 

(1 + \ ®x) /= f <5i (^i + e Ci + y ^i) f / (® + ¥ + fx) t 5 d d {t). 

o 


Hence, under the same assumption made by Jeffreys, 

£ <- 3 (1 + t gj) ] _ 

1 — (ex + e e i + Y x i) 


(6.9) 


On dropping the second order term and using (5-14) this last result takes the 
form 


<5iS£ 


/+1 


( 6 . 10 ) 


In case the second order coefficient K is also known an even sharper inequality 
can be obtained. For 


K = $fd(fld[P’{e*+%x)] 


f <5, (e\ + f xj - f / (e 2 + f x) fSU d 08). 
0 


Table 1. Superior limits to surface densities (gm/cm 3 ). 



Jeffrey's 
j inequality 

Eq, (6.10) 

Eq. (6.11) 

Mars.. . 

1 4.01 

4.00 


Earth.1 

4.60 

4.48 

4-10 

Jupiter. 

0.86 

0.76 

0-57 

Saturn. i 

0.37 

0.31 

0.20 

Neptune.! 

1-85 

1-78 



1 H. Jeffreys: Monthly Notices Roy. Astronom. Soc. London 84, 534 (1924). 

2 W. C. DeMarcus: Astronom. J. 63, 2 (1958). 
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Hence, as before, 

9 el + fx, {2j+m)(J+3m) + iK ' 1 ' 

In Table 1 the limiting surface densities are calculated from the various inequali¬ 
ties for which sufficient data are available. 

It may be argued that these limits are of no importance for the major planets 
whose outer shells are probably composed of super-critical fluids, but it is possible 
to obtain inequalities 1 of similar nature for distances beneath the surface corres¬ 
ponding to many tens of scale heights for gaseous hydrogen and a fortiori all 
other gases. 

II. Empirical features of the planets. 

7. Classification of the planets. The planets fall naturally into three different 
groupings. These are the Jovian planets comprising Jupiter, Saturn, Uranus 
and Neptune; the minor planets, the asteroids, meteorites and zodiacal light; 
and the terrestrial planets, Earth, Venus, Mars and Mercury. The Earth and 
its satellite, the Moon, are frequently considered as a double planet in which 
case the Moon should be included among the terrestrial planets. The planet 
Pluto is not listed above. Its mass is as yet unknown and there are intimations 
that it is an escaped satellite of Neptune 2 3 ' 4 . 

The Jovian planets are characterized by their large masses and radii, low 
values of mean density and the fact that the semi-major axes of their orbits are 
all greater than five astronomical units from the Sun. The terrestrial planets, 
on the other hand, are opposite to the Jovian planets in all respects, i.e., they 
have small masses, small radii, but large mean densities and they are all (unless 
Pluto should eventually be classified as terrestrial) within or at 1.52 astronomical 
units from the Sun. 


Table 2 . Mechanical data of the planets. 


Planet 

Mass 

(10 27 gm) 

Mean 

Radius 

(km) 

Mean 

density 

(gm/cm 8 ) 

m 

j 

K 

1/e 

(dynamic) 

tjm 

m,R\ 

Mercury . 

0.325 

2420 

5-46 







Venus . . 

4.867 

6123 

5.06 







Earth . . 

5-977 

6371 

5-52 

0.0034498 

0.0016370 

0.000011 38 

297.13 

0.9756 

0.3335 

Mars . . 

0.639 

3332 

4.12 

0.004 321 

0.003017 


192.6 

1.199 

0.389 

Jupiter . 

1902 

69860 

1.33 

0.084 3 

0.02206 

0.002 53 

15.3 

0.773 

0.26 

Saturn. . 

569-4 

57 630 

0.71 

0.142 1 

0.02501 

0.00386 

10.2 

0.688 

0.21 

Uranus . 

86.9 

23 700 

1.56 







Neptune . 

102.8 

21 500 

2.47 

0.0194 

0.007 4 


58.5 

0.88 

0.30 


Sources. Masses and radii except Jupiter and Saturn; (a) all other data except last column; 
(b) IjM x R\ for Earth; (c) J/M^f for Jupiter and Saturn; (d) I/M^l for Mars and Neptune 
estimated from Radau-Darwin approximation. 

(a) G. P. Kuiper: The Atmospheres of the Earth and Planets. Revised Edition. Chicago 
1952. 

(b) D. Brouwer and G. M. Clemekce: The Solar System, G. P. Kuiper, Editor. Chicago 
(to be published 1958); Vol. 3 , Chap. 2 . 

(c) H. Jeffreys: The Earth. 3 rd edit., p. 145. Cambridge 1952. 

(d) W. C. DeMarcos: Astronom. J. 63, 2 (1958). 

1 W. C. DeMarcos: See footnote 2 , p. 430. 

2 R. A. Lyttleton: Monthly Notices Roy. Astronom. Soc. London 97, 108 (1946). 

3 G. P. Kuiper: Astrophys. Journ. 125, 287 (1957). 

4 E. Rabe: Astrophys. Journ 125, 290 (1957). 
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The asteroidal members of the minor planets have their mean distances from 
the Sun scattered over a rather wide range but seven-eighths (of the first thousand) 
lie between 2 .} and 3.3 astronomical units from the Sun. It is an extremely 
interesting fact that the average mean distance of the brighter asteroids is 2.9 
astronomical units, a number which is close to the "missing” member, 2 . 8 , of 
the Titius-Bode sequence. To this interesting fact can be attributed the pre¬ 
valence of the ideas that the asteroids are the fragments of an exploded planet 
or else are the building material for a planet the formation of which was never 
completed. 

Some mechanical data concerning the planets are collected in Table 2 . 

III. Structure and composition of the planets, 

a j) The constitution of the terrestrial planets. 

The similarities of the mean densities displayed by the terrestrial planets leads 
to the natural assumption that they are similarly constituted. This assumption 
is seldom, if ever, questioned and the chief point at issue between various authori¬ 
ties seems to be the degree to which the assumed similarities of constitution 
prevail. 

8 . Wiechert models. The first model of the Earth which was motivated by 
physical considerations was given by Wiechert 1 in 1897. Wiechert modeled 
the Earth as having a core of uniform density overlaid by a mantle of constant 
density. Such a model can nowadays be completely determined from known 
data. Let be the radius of the Earth, xR 1 the boundary of the core, o m , o c , 
and q the mean densities of the mantle, core and the entire Earth. Introduce 
further the ratios 

^_ Qm g _ Qc Qm 

~~ Q ~ Q 

Then a, fl and x must satisfy 

oc + fix 3 = 1 ( 8 . 1 ) 

in order that the mass of the Earth will be reproduced by the model and 

«+^ s =l«(*r (8 - 2) 

where I is the average moment of inertia and M 1 is the Earth’s mass. The value 
of % is given by seismology 2 as 0.545 and //M, R\ is obtainable from the preces¬ 
sion of the equinoxes and is numerically 3 0-3335- The Eqs. ( 8 . 1 ) and ( 8 . 2 ) may 
then be solved for oc and /3. Using 5-53 gm/cm 3 for the mean density of the Earth, 

Q m = 4.22 gm/cm 3 , q c = 12-33 gm/cm 3 . 

These densities which were derived in this way by Jeffreys 4 are somewhat 
higher than the ones found by Wiechert who assumed a larger value of *. None¬ 
theless, Wiechert’s value for the density of the core, namely 8.2 gm/cm 3 , when 
combined with other suggestions such as meteoritic compositions led him to the 
view that the core was iron. This suggestion has held the field without serious 
challenge until comparatively recently when it has been questioned by Kuhn 

1 E. Wiechert: Nachr. Ges. Wiss. Gottingen 1897, 221. 

2 K. E. Buli.en : This Encyclopedia, Vol. XLVII, p. 103. 

3 H. Jeffreys: The Earth, 3 rd edit, p. 145- Cambridge 1952. 

4 H. Jeffreys: The Earth, 3 rd edit., p. 146. Cambridge 1952. 
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and Rittmann 1 and by Ramsey 2 . It cannot be said, however, that Wiechert’s 
iron core has been abandoned and a lively controversy is presently centered on 
this point. 

9. Earth models based on the Adams-Williamson equation. The most recent 
work on the density distribution of the Earth’s interior is that of Bullen 3 
who has made consistent use of a method due originally to Adams and Wil¬ 
liamson 4 . The method makes use of the distribution of the velocities of the two 
types of bodily earthquake waves, longitudinal and transverse, in order to obtain 
a first order differential equation for the variation of density with depth. If 
V f and V s are the local velocities of the longitudinal and shear waves at some 
point within the Earth and if k and ft are the adiabatic incompressibility and 
adiabatic shear modulus for the local matter whose undisturbed density is q, then 

(9 .i) 

K 2 = f. (9.2) 

The quantity <p, which is by definition 

<P^ V p~% K 2 , ( 9 - 3 ) 

gives directly the ratio of the adiabatic incompressibility to the density, i.e., 
(p=kjo (adiabatic). Now quite generally we may assume the density to be a 
function of pressure ft, entropy s and the molar numbers «, of the components 
of the local material so that 


do _ / Sg \ d'P 1 / 2?) , y/Ss\i»i 

dh \8p ) s dh \8sjpdh ' \8njj dh ’ 


(9.4) 


h being the depth measured from the surface of the Earth. The equation of hydro¬ 
static equilibrium can also be written (ignoring the centrifugal effects) as 



where g is the local gravitational acceleration and, hence, 

_ ge_ , ( 2g\ ds_ , y ( 8q \ dnj 
dh (p \ds /pdh dh 


(9.5) 


(9.6) 


In regions where the composition does not change and the temperature gradient 
is the adiabatic one, the Adams and Williamson equation is valid 


dh cp 


(9-7) 


The magnitude of the errors arising from use of the Adams and Williamson equa¬ 
tion in regions where the temperature gradient is not the adiabatic one has been 
examined, most thoroughly by Birch 5 . He concluded that a departure from the 


1 W. Kuhn and A. Rittmann: Geol. Rdsch. 32, 215 (1941). 

2 H. W. Ramsey: Monthly Notices Roy. Astronom. Soc. London 108, 406 (1948). 

3 K. E. Bullen: Trans. Roy. Soc, New Zealand 67, 122 (1937). — Bull. Seism. Soc. Amer. 
30, 235 (1940); 32, 19 (1942). — Monthly Notices Roy. Astronom. Soc. London, Geophys. Suppl. 
0/ 50 (1950). — Cf. also Bullen s contribution to Yol. LXVII of this Encyclopedia. 

4 E. D. Williamson and L. H. Adams: J. Washington Acad. Sci. 13, 413 ( 1923 ). 

5 F. Birch: J. Geophys. Res. 57, 22 7 (1952). 

Handbuch der Physik, Bd. LI I, 
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adiabatic gradient of 1° per kilometer would render the Adams and Williamson 
equation inaccurate by about 10 to 20%. To put it somewhat differently, Eq.(9.7) 
will be inaccurate to the extent of 10% if the total change in temperature down 
to the core boundary differs from the adiabatic one by an amount of order 2000°K. 
It may be concluded from this that temperature gradients departing from the 
adiabatic one by amounts large enough to seriously impair the usefulness of 
the Adams-Williamson equation in chemically homogeneous regions are unlikely. 

Birch has also put forth an ingenious method for testing the assumption 
of homogeneity within the Earth. On the basis of Birch’s homogeneity test 
and other evidence it appears reasonably certain that the Earth is homogeneous 
or nearly so for 1000 km h 57 2900 km and for 2900 km < h < 5 000 km, the core 
intervening at 2900 km depth. It appears also reasonably certain that the Earth 
is definitely inhomogeneous in the range of depths between 400 and 600 km and 
most certainly heterogeneous from the surface down to depths of 30 km or so. 
The status of the layer between 30 and 400 km appears uncertain. 

To obtain a definite model, Bullen assumed that the Adams-Williamson 
equation is valid from 33 to 413 km, from 984 to 2900 km and from 2900 to 
5371 km. The crust may be treated in a schematic fashion for it is of little con¬ 
sequence as regards its contribution to the mass and moment of inertia of the 
planet as a whole. The transition region between 413 and 984 km was joined 
smoothly onto the solutions for the density of the neighboring regions. The para¬ 
meters of the inner core of the Earth given in the accompanying table are the 
result of a compromise between two solutions considered as extreme cases by 
Bullen. In any event, its importance for the overall density pattern is not of 
great moment. The relevant features of Bullen’s model are displayed in Table 3- 


Table 3 . Interior of Earth according to Bullen. 


h 



h 



depth 

Density 

Pressure 

depth 

Density 

Pressure 

(km) 

| (gm/cm 1 ) 

( 10 1 * dynes/cm*) 

(km) 

(gm/cm 1 ) 

1 (10 lz dynes/cm 2 ) 

33 

3-32 

0.009 

3000 

9-57 

1.47 

100 

3-38 

0.031 

3200 

9-85 

1.67 

200 

3-47 

0.065 

3400 

10.11 

1.85 

300 

3-55 

0.100 




400 

3-63 

0.136 

3600 

10.35 

2.04 

413 

3-64 

0.141 

3800 

10.56 

2.22 

500 

3-89 

0.174 

4000 

10.76 

2.40 

600 

4.13 

0.213 

4200 

10.94 

2.57 

700 

4.33 

0.256 

4400 

11.11 

2.73 

800 

4.49 

0.30 

4600 

11.27 

2.88 

900 

4.60 

0.35 

4800 

11.41 

3.03 

1000 

4.68 

0.39 

4982 

11.54 

3.17 

1200 

4.80 

0.49 

5121 

14.20 

3.27 

1400 

4.91 

0.58 




moo 

5-03 

0.68 

5121 

16.80 

3.27 

1800 

5-13 

O .78 

5200 

16.85 

3.32 




5400 

16.96 

3.42 

2000 

5-24 

0.88 

5600 

17-05 

3.50 

2200 

5-34 

0.99 

5800 

17.12 ] 

3.56 

2400 

5-44 

1.09 




2600 

5-54 

1.20 

6000 

17-16 

3.61 

2800 

5-63 

1.32 

6200 

17.19 

3-63 

f 

5-68 

1.37 

6371 

17.20 

3.64 

2898 1 

Boundary of core | 




l 

9.43 1 

1-37 | 
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Bullen has constructed other models of the Earth and a number of important 
general conclusions can be inferred from his results. Two of these are: 

1. The local gravitational acceleration is approximately constant down to the 
core boundary 1 . 

2. Pressure as function of depth, down to the core boundary, is insensitive 
to the model adopted. 

A model of the Earth determines a pressure-density relation but it must not 
be forgotten that the pressure-density relation is not necessarily an isothermal 
or an adiabatic nor even one of constant composition. By assuming that the 
model accurately reflects the internal physical features of the Earth one can 
build model planets of different masses. It must be understood that in so doing 
one is tacitly, or otherwise, assuming that the temperatures and compositions 
of the other model planets are the same at corresponding pressures as is the case 
for the Earth. 

There is much to be said for this point of view. For example, the sharp changes 
in composition presently indicated by essentially all lines of evidence at depths 
between 400 and 600 km can be attributed to a change of crystal structure of 
olivine rock as has been pointed out by Jeffreys and Bernal 2 3 . Bernal's 
argument was based on the known 8 change in crystal structure of magnesium 
germanate, Mg 2 Ge0 4 , which is isomorphous with forsterite, Mg 2 Si0 4 . Ramsey 
has gone a great deal further than Jeffreys and Bernal and asserted that 
the large change in density at the core boundary is a further transformation of 
olivine to a metallic phase. Ramsey’s advocacy of this idea, which is a special 
case of his assertion that all matter will exhibit large discontinuous changes in 
density before the limiting Fermi-gas status is reached, has such far reaching 
significance that it seems necessary to give here a brief resume of the evidence 
which can be brought to bear on this question. 

10. Transitions to metallic phases. In discussing the plausibility of Ramsey’s 
metallic transition, it is important that the mechanism by which Ramsey sup¬ 
poses these transitions to occur be clearly delineated. If this is not done there 
is danger of confusion, for experimental results may be held to support or deny 
Ramsey’s hypothesis when actually other mechanisms are at work. As the 
writer understands it, Ramsey’s process is solely a supposed “ripping off” of 
outer electrons, the necessary work being balanced by the product of pressure 
and volume change. Any change in the lattice structure accompanying the phase 
change must be viewed as a separate mechanism. Consequently, a catalogue of 
phase changes known to take place at atmospheric or very modest pressures 
and the amount of the attendant density changes does not serve to justify 
Ramsey’s hypothesis. Rather large changes in density are known to occur during 
which the lattice type changes and there is definitely no “bursting free” of the 
electrons. The diamond-graphite transition is one example where this is clearly 
shown. The example also quoted by Ramsey of the large density difference be¬ 
tween the metallic and non-metallic forms of arsenic clearly is not relevant to 
his mechanism either. It merely shows that for uncompressed solids, a change 
in lattice type can give rather large changes in density and that at atmospheric 
pressure metals are usually more dense than non-metals. It would be rather 
far-fetched to picture this transition as one during which atmospheric pressure 
rips the valence electrons free. 

1 This fact has been noticed by others, apparently first by A. E. Benfield. 

2 J. D. Bernal: Observatory 59, 268 (1936). 

3 V. M. Goldschmidt: Nachr. Ges. Wiss. Gottingen 1931, 184. 
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Numerous polymorphic transitions have been found by Bridgman in his 
comprehensive work in the field of high pressures. Undoubtedly, many of these 
are attributable solely to electronic rearrangements. Generally, the density changes 
involved are quite small. One rather famous exception is the transition of 
cesium which occurs at 45000 atmospheres pressure. There is good reason for 
discounting the possibility of a change in lattice type here and a theoretical 
study specifies the nature of this transition 1 . Even this case exhibits a change 
in density (13%) which must be considered small by Ramsey’s standards. 

The final bit of evidence usually quoted in favor of Ramsey’s hypothesis 
is the presumed phase transition of solid molecular hydrogen to a monatomic 
metallic phase. (This transition will be more thoroughly discussed below in the 
section on the Jovian Planets.) Some calculations by Kronig, de Boer and 
Korringa 2 have indicated that this transition takes place at 700000 atmospheres 
and that the density of the metal exceeds that of the molecular phase by a factor 
of two. More recently, DeMarcus 3 and Abrikosov 4 have raised grave doubts 
as to the reliability of the calculations of Kronig, de Boer and Korringa and 
find the change in density to be substantially smaller. Moreover, they find that 
the phase transition occurs at a considerably higher pressure. Here again, the 
comparison with Ramsey’s mechanism is hindered by the fact that the presumed 
transition involves a rather thorough going rearrangement of the atomic nuclei. 
It is also to be noted that Elsasser 5 6 7 has expressed a considered opinion that 
the change of olivine to a metallic modification, as postulated specifically by 
Ramsey to account for the large density change at the boundary of the Earth’s 
core, involves unreasonable changes in the Helmholtz free energy of olivine. 

There is now reason to hope that the question may be experimentally decided 
in the near future. A new technique has recently been reported 8-8 for the meas¬ 
urement of pressure-density relations of solids along the Hugoniot curves which 
is capable of yielding data at very much higher pressures than the usual techni¬ 
ques. When such measurements are published, current speculations about the 
interiors of the Earth and the remaining terrestrial planets can be subjected to 
more meaningful tests than can presently be made. 

To sum up: There is no reason to doubt that solids will in general exhibit 
numerous phase changes in the range of pressures below 10 8 atmospheres. Many 
of these changes will be attributable solely to the electronic rearrangements 
without the simultaneous occurrence of a change in the lattice type. The density 
saltus accompanying the electronic rearrangements may or may not be as large 
as Ramsey would have it. The arguments which have been put forth in favor 
of the large changes in density cannot be regarded as convincing. 

11. Models of the terrestrial planets. The assumption that the pressure-density 
relation of the Earth also holds good in the remaining terrestrial planets is very 

1 R. Sternheimer: Phys. Rev. 78, 238 (1950). But see also F. S. Ham: Advances in 
Solid State Physics, Vol. I. New York 1955. F. Seitz and D. Turnbull Editors, p. 141 
where some doubts are expressed regarding the accuracy of Sternheimer’s calculations. 

2 R. Kronig, J. de Boer and J. Korringa: Physica, Haag 12, 245 (1946). 

3 W. C. DeMarcus: Astronom. J. 63, 2 (1958). 

4 A. A. Abrikosov: Problems of Cosmogony, Vol. Ill, pp. 11 — 19 . Moscow: Academy 

of Sciences, USSR. 1954. 

6 W. M. Elsasser: Science, Lancaster, Pa. 113, 105 (1951). 

c J. M. Walsh and R. H. Christian: Phys. Rev. 97, 1544 (1955). 

7 R. W, Goranson, D. Bancroft, B. L. Burton, T. Blechar, E. E. Houston, E. F. Git- 
tings and S. A. Landeen: J. Appl. Phys. 26, 1472 (1955). 

8 B. J. Alder and R. H. Christian: Phys. Rev. 104, 550 (1956). 
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intriguing 1 , for it implies that the seismological properties of the Earth’s interior 
can be used to calculate the internal physical features of all the terrestrial planets. 
Ramsey 2 has carried through such calculations. He took the masses of the 
planets as known data and the pressure-density relation of Bullen’s Model A 
(Table 3 ) and computed the radius and mean density of model planets for com¬ 
parison with observation. His results are given in Table 4. For consistency the 


Table 4 . 



Relative mass 

Observation 

Computed 

mean diameter 

km 

mean density 
gm/cm 3 

mean diameter 

km 

mean density 
gm/cm 3 

Earth . . 

i 

12742 

5.52 

12742 

5.52 

Venus . . 

0.817 ±0.005 

12400±100 

4.89± 0.12 

12570 

4.70 

Mars . . 

0.1078 ±0.0002 

6793 ± 16 

3.93 ±0.03 

7020 

3-56 

Mercury . 

0.044 ±0.008 

5 000 ±250 

4.0 ±0.9 

5285 

3-41 

Moon . . 

0.01230 

3476 

3-34 ±0.01 

3 480 

3-334 


observational data used by him are also given although these numbers are no 
longer up-to-date. 

On the basis of the observational material available at the time Ramsey per¬ 
formed these calculations, the extent of the agreement is quite remarkable. 
However, the agreement for the case of the Moon was inevitable since the density 
of the Moon was a datum used by Bullen to fix the density in the Earth at 
33 km depth. It should also be mentioned that the computations were made 
under the assumption that the crust of the terrestrial planets is in all cases the 
same fraction of the total mass. This is a departure from the general spirit of 
the calculation. If this assumption were changed so that the crusts extended 
in depth to the same pressure level, the agreement for the case of the Moon 
would be seriously impaired. Ramsey then shows that better agreement would 
be secured if Bullen’s densities were subjected to an ad hoc modification in¬ 
tended to reflect the concentration of heavier elements toward the center. 

More recently, Bullen 3 - 4 has taken up the suggestion of Ramsey from a 
somewhat different viewpoint. Bullen has shown by calculation that the follow¬ 
ing set of postulates is sufficient to fit the observed masses and diameters of 
Mars and Venus within the probable errors of the data. 

1 . The Earth, Venus, and Mars have a common primitive composition. 

2. The density distribution of the Earth conforms to Bullen’s Model B 5 . 

3 . The outer core of the Earth is a high pressure modification of the material 
of the lower mantle. 

4 . The inner core is chemically distinct from the outer core and mantle. 

Fig. 2 shows the mass as function of radius for Earth-like planets as calcu¬ 
lated by Bullen. The empirical points for the terrestrial planets are also 

1 H. Jeffreys: Monthly Notices Roy. Astronom. Soc. London, Geophys. Suppl. 4, 62 
(1937). 

2 W. H. Ramsey: Monthly Notices Roy. Astronom. Soc. London 108, 406 (1948). 

3 K. E. Bullen: Monthly Notices Roy. Astronom. Soc. London 109, 457 (1949); HO, 
256 (1950). 

4 K. E. Bullen and A. H. Low: Monthly Notices Roy. Astronom. Soc. London 112, 
637 (1952). 

5 K. E. Bullen: Monthly Notices Roy. Astronom. Soc. London, Geophys. Suppl. 6, 
50 (1950). 
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included. Bullen has also calculated the ellipticity of his Martian model and 
found it to agree satisfactorily with the empirical value. 

Rabe’s 1 revision of the mass of Mercury has definitely precluded its inclusion 
among the planets conforming to Bullen’s hypothesis. The mean density of 
Mercury is now believed to be in excess of 5 gm/cm 3 . Since its mass is about half 
that of Mars it is obvious that Mars and Mercury cannot be precisely similarly 
constituted. Bullen 2 has argued, however, that Mercury’s orbit in the past 
may have been more eccentric and, hence, that temperatures on its surface might 
have been high enough to volatilize a significant fraction of its mantle. Bullen 
points out that on Ramsey’s hypothesis, namely that the internal densities are 
determined solely by pressure, the evaporation would lower the mean density 
of Mercury. As a consequence, there would be even more glaring disagreement 
with the postulate of a common primitive composition. On the other hand, 

Bullen remarks that the inclusion of his pos¬ 
tulate 4 entails that the evaporation of mate¬ 
rial would raise the mean density. Bullen 
concludes that improved observation of Mer¬ 
cury would appear to be almost an experi- 
mentum crucis for the presence, in terrestrial 
planets, of a quantity of material chemically 
distinct from that in the Earth’s mantle, the 
proportion being at least equal to the propor¬ 
tion of the mass of the Earth’s inner core 
to the mass of the Earth. 

It is not clear, however, to what extent 
the force of Bullen’s argument might be 
impaired by consideration of preferential eva¬ 
poration of light materials. 

It is possible to utilize the pressure-den¬ 
sity relation of the Earth to assess the com¬ 
position of the terrestrial planets in a some¬ 
what different fashion. In this case, it is 
assumed that the outer core of the Earth is chemically distinct from the 
mantle. By analogy, it is then argued that all of the terrestrial planets are 
composed of the same materials but not in the same proportions. The terrestrial 
planets then are viewed as if all have a mantle composed of the same material 
as the mantle of the Earth and following the same pressure-density relation. 
Furthermore, they all have a core which is composed of the same material as the 
Earth’s core. The pressures at the core boundaries are now free parameters and 
may be adjusted to give the correct mean densities. In case this latter pressure 
is less than the pressure at the boundary of the Earth’s core, some extrapolation 
of thepressure-density relation has to be made. Calculations were carried through 
along these lines by Jeffreys 3 in 1 937 using a revised version of one of Bullen’ 
earlier models to determine the pressure-density relation of the Earth. The 
details of Jeffrey’s models are shown in Tables 5 and 6 below. The model of 
Mercury derived by him is not displayed since the mass of Mercury has since 
been markedly revised. 

1 E. Rabe: Astronom. J. 55, 112 ( 1 950). 

2 K. E. Bullen: Physics and Chemistry of the Earth, Vol. 1 , L. Ahrens, K. Rankama 
and S. K. Runcorn Editors, p. 90 . London 1956. 

3 H. Jeffreys: Monthly Notices Roy. Astronom. Soc. London, Geophys. Suppl. 4, 62 
(1937). 



Fig. 2 . Mass-radius diagram 'of Earth-like Pla¬ 
nets with distinct inner cores [after K. E. Bul¬ 
len and A. H. Low: Monthly Notices Roy. 
Astronom. Soc. London 112 , 637 ( 1952 )]. 
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Table 5. Jeffreys’ model of Venus. 


r 

(10 3 km) 

p 

(10 l ° dynes/cm*) 

Q 

(gm/cm 3 ) 

M 

(10* 4 gm) 

6.15 

0 

3-29 

4910 

6.0 

4.38 

3-41 

4677 

5.617 

16.22 

3-69 

4101 

5.617 

16.22 

4.23 

4101 

5 

39-38 

4.58 

3138 

4 

78.52 

5-01 

1915 

2.911 

124.4 

5.44 

1057 

2.911 

124.4 

9-64 

1057 

2.0 

1898 

10.41 

360 

1.0 

239 2 

10.97 

47 

0.0 

255-8 

11.15 

0 


Table 6. Jeffreys' model of Mars. 


r 

(10 3 km) 

p 

(10 10 dynes/cm*) 

Q 

(gm/cm 3 ) 

O 

3 

3.385 

0 

3-29 

643 

3.0 

4.70 

3-42 

477-3 

2.5 

10.68 

3-57 

310.9 

2.034 

16.22 

3-69 

201.3 

2.034 

16.22 

4.23 

201.3 

2.0 

16.69 

4.24 

193.9 

1.5 

23.69 

4.35 

1 10.7 

1.424 

24.77 

4.37 

101.8 

1.424 

24.77 

8.28 

101.8 

1.4 

25.43 

8.30 

96.8 

1.0 

34.86 

8.45 

35-7 

o.s : 

42.15 

8.57 

4-5 

0.0 1 

44 45 

8.60 

0 


If we denote the material of the Earth’s mantle by A and that of the core 
by C then the compositions of Earth, Mars, and Venus given by Jeffreys are 
as follows: 



Material A 

Material C 

Earth . . . 

68% 1 

32 % 

Mars . . . 

84% | 

16 % 

Venus . . . 

78% | 

22 % 


Jeffreys also computed a dynamical ellipticity for Mars on the basis of his 
model and found 1/e = 205, whereas H. Struve’s value obtained from the per¬ 
turbation of Phobos was 1/e = 192 . He gives arguments that the disagreement 
is no more than might be expected due to departures from hydrostatic equi¬ 
librium. 

Another approach leading to a determination of the constitution of the terre¬ 
strial planets has been employed by Urey 1 . Urey’s procedure is to estimate 
the density the planets would have if there were no compression resulting from 
the forces of gravitation, i.e., he calculates mean densities at zero pressure. 

To derive the mean density for the Earth at zero pressure, Urey proceeded 
in a fashion which will be illustrated by his treatment of a model derived by 
Bullen in I 937 2 . The pressure-density relation implied by the core of Bullen’s 
model is taken to be applicable to iron. Bullen’s data for the core were accura¬ 
tely reproduced by the second degree formula 

Qpe ~ 7.227 ~f- 2.068 P — 0.188 P 2 (ll.l) 

with g in gm/cm 3 and P in units of 10 12 dynes/cm 2 . Urey assumed that the 
outer mantle is a silicate of about the composition of olivine and that the inner 
mantle is a mixture of the silicate phase of the outer mantle and an iron-nickel 
phase with pressure density relation (11.1). Bullen’s 1937 model has a discon¬ 
tinuous change in density at 481 km depth from the value 3.69 to 4.23 gm/cm 3 . 
By assuming ideal mixing, the weight fraction, w, of iron in the lower mantle 
can be estimated from the relation 

1 1 — W W 

_ Q 0Si Qpe 

1 H. C. Urey: Geochimica et Cosmochimica Acta 1, 209 (1951). 

2 K. E. Bullen: Trans. Roy. Soc. New Zealand 67, 122 (1937). 
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where g is the density just below the discontinuity, o Si is the silicate density 
which by the assumptions is equal to density just above the discontinuity, and 
o Fe is the density of iron at the relevant pressure, p — 7- 561 gm/cm 3 from the 
formula (11.1) above. The result was w= 0.25, i.e., 25% iron phase. Using 

3- 28 gm/cm 3 for the density of the silicate phase (the outer mantle) at zero pressure 
and 7.227 gm/cm 3 for the density of iron at zero pressure the density of the 
inner mantle at zero pressure then followed immediately as 3-80 gm/cm 3 . The 
mean density of the Earth at zero pressure under the assumptions made is then 

4- 33 gm/cm 3 . Urey concluded that on the basis of the model Earth used, the 
Earth was 55% “olivine” by weight and 45% iron nickel. Similar results were 
obtained for models A and B. Urey remarks also that Venus is so similar to 
the Earth that its composition will be the same. 

Mars, Mercury, and the Moon are only very slightly compressed. Conse¬ 
quently, any reasonable assumption as to the compressibility of the material 
can be employed to estimate their density at zero pressure, provided no phase 

changes are involved. Urey’s estimates of composition 
are given in the accompanying table. 

In some cases Urey gave two values based on 
different observational values of the planetary radii 
and the entries in the above table are averages for 
his cases. The total weight fraction of elemental iron 
can only be obtained when the composition of the 
“olivine” is known. 


| % iron phase 

Moon . . . 

0 

Mercury . . 

56% 

Venus . . . 

45% 

Earth . . . 

45% 

Mars . . . 

25% 


Summary: Opinion as to the material forming the Earth’s core is divided. The 
opposing views are basically that the core is a high-pressure silicate phase of high 
density and that the Earth’s core is iron or nickel-iron. Generally, the silicate camp 
favors the view that all the terrestrial planets save Mercury are, for practical purposes, 
chemically identical while the iron camp considers that the terrestrial planets are 
qualitatively similar in constitution but definitely differ quantitatively. 


b) The constitution of the Jovian planets. 

The construction of model planets leads to estimates of the pressure-density 
relations of the materials of which the modeled planets are composed. If it 
could then be asserted that a given chemical substance or mixture of substances 
had the same pressure-density relation and that no other chemical substance 
or mixture could have a pressure-density relation resembling that of the model 
planet, a solution to the composition problem would have been achieved. This 
last statement is subject, of course, to reservations about the degree to which 
the model planets could be safely assumed to reflect the properties of the planet 
under investigation. In the cases of the terrestrial planets this program could 
not be carried out, at least by itself. The densities of the terrestrial planets can 
be matched by a variety of substances when account is taken of the uncertainties 
that are to be associated with the model planets and in our knowledge of pressure- 
density relations under the relevant conditions of pressure and temperature 
In the cases of the two largest planets, the situation is considerably simpler 
for it turns out that the densities, as function of pressure, calculated from any 
reasonable model of these two bodies cannot be matched by any matter which 
is not mainly composed of hydrogen. This is a most fortunate circumstance 
for hydrogen is the only chemical substance whose pressure-density relation is 
sufficiently distinctive with respect to all other substances that its presence 
can be unambiguously detected by the rather broad means at our disposal. 
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12. Physical properties of hydrogen and helium. Ordinary hydrogen solidifies 
at a temperature of 14° K. Its density at 4-2° K is 0.089 gm/cm 3 . Until recently 
the only experimental determination of the compressibility of solid H 2 was the 
determination at 4.2° K for the range of pressures 0 to 100 atmospheres by 
Miss Megaw 1 . Recently, however, J. W. Stewart 2 has extended the experi¬ 
mental determination of the 4.2° K isotherm to 20000 atmospheres and has also 
measured the same isotherm for solid helium. Stewart’s measurements are 
extremely valuable for at the upper limit of his measured pressures the density 
of hydrogen has been more than doubled. His measurements, therefore, con¬ 
stitute a rather severe test to which theoretical calculations of the equation of 
state of solid hydrogen and helium can be subjected. 

It has been suggested by Wigner and Huntington 3 that solid hydrogen 
may eventually undergo a change to a metallic modification. Wigner and 
Huntington made no attempt to evaluate the pressure at which their suggested 
phase transition might occur but did give a lower limit to the transition pressure 
of some 250000 atmospheres. An attempt to derive the complete 0° K isotherm 
of hydrogen for all pressures was made by Kronig, de Boer and Korringa 4 
in 1946. Implicitly, they assumed that hydrogen would have only two allo- 
tropic modifications, the molecular crystal which is the stable phase under con¬ 
ditions accessible to laboratory measurements and the metallic modification. For 
the molecular phase, Kronig, de Boer and Korringa assumed that the inter- 
molecular forces in the compressed solid were of the two-body type and that 
the two-body potential was of the Mie-Lennard-Jones 6—12 form, i.e., that 
the potential energy of a pair of hydrogen molecules with mass centers separated 
by a distance R was expressible in the form 



( 12 . 1 ) 


The adjustable constants s and R 0 measure the strength and range of the inter- 
molecular force and were evaluated by de Boer and Michels 6 from measured 
values of the second virial coefficient of gaseous H 2 . De Boer and Michels’ 
values are 

s/k = 37°K, R 0 = 2.98X 10~ 8 cm, 


wherein k is Boltzmann’s constant. By the use of this interaction potential 
the total potential energy per mole of hydrogen atoms can be evaluated by 
straightforward summation. On identifying the potential energy thus found 
with the internal energy U of the solid, the 0° K isotherm could then be calcu¬ 
lated from the relation 


\ 8V }t= o°k 


( 12 . 2 ) 


This relation is only true at absolute zero, the general equation being 



where F, the Helmholtz free energy, is the sum 


(12.3) 


F = C/-T5 (12.4) 

1 H. D. Megaw: Phil. Mag. 28, 129 (1939). 

2 J. W. Stewart: J. Phys. Chem. Solids 1, 146 (1956). 

3 E. P. Wigner and H. B. Huntington: J. Chem. Phys. 3, 764 (1935). 

4 R. Kronig, J. deBoer and J. Korringa: Physica, Haag 12, 245 (1946). 

5 J. de Boer and A. Michels: Physica, Haag 5, 945 (1938); 6, 409 (1939). 
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with S the entropy. Later workers 1 - 2 have refined these calculations by including 
the zero-point vibrational energy in the calculation of U. It is an interesting fact 
that, using the conventional Debye 3 theory, the zero point energy is imaginary 
at the measured volume of hydrogen at zero pressure for the square of the Debye 
frequency is a negative number 4 . Kronig et al. followed the same general 
method of investigating the metallic phase of hydrogen as used by Wigner 
and Huntington, the Wigner-Seitz method, but they omitted certain refine¬ 
ments. The phase transition was estimated by them as 700000 atmospheres at 
which pressure they found the density would change discontinuously from 
0.40 gm/cm 3 to 0.80 gm/cm 3 . Inclusion of the zero point energy by later investi¬ 
gators did not lead to a significant change in the estimate of the phase transition 
pressure or in the magnitude of the estimated density saltus. The magnitude 
of the density saltus, estimated in the manner sketched by Kronig et al., has 
in large measure influenced the present degree of acceptance of Ramsey’s specu¬ 
lated large changes in density associated with his concept of pressure ionization. 

The calculations of KroNiG et al., particularly that portion of their calcu¬ 
lations dealing with the molecular phase of hydrogen, are open to objections, 
however 8 9 - 6 . They can be criticized on many grounds, but DeMarcus has indi¬ 
cated three which he regards as particularly cogent. First and foremost is the 
fact that the predicted equation of state is “too hard”, i.e., the values of the 
incompressibility are too large as can be seen by direct comparison between the 
careful calculations of de Boer and Blaisse 7 and Stewart’s measures. Such 
a comparison is only fair at the high pressure end of Stewart’s experimental 
range because of the breakdown of the zero point energy calculation at the low 
pressure end. This breakdown would doubtless disappear if anharmonic terms 
were included in the evaluation of the zero-point energy. Secondly, the equation 
of state predicted on the basis of the 6—12 potential crossed the equation of 
state of a perfect Fermi gas of hydrogen for a value of density only slightly 
beyond the predicted value of the density molecular hydrogen would assume when 
in equilibrium with the metallic phase. Thirdly, DeMarcus applies some general 
results of R. A. Buckingham 8 concerning the form of the two-body potentials 
at close distances of approach to show that the correct asymptotic form of the 
equation of state calculated from a hypothetical exact evaluation of the two- 
body forces would be too "soft”. For the asymptotic form of this hypothetical 
calculation would have the form instead of the correct non-relativistic 

value of the Fermi gas, P ~oh The Lennard-Jones 6-to-12 law predicts asymp¬ 
totically P~(ft. Abrikosov 6 has calculated an equation of state of molecular 
H 2 using a two-body potential calculated by him from first principles by the use 
of wave functions of the Wang type 8 for the hydrogen molecules. However, 
his equation of state disagrees so markedly with Stewart’s measures at the 
lower end of the pressure range in which he states his calculations are valid 
that it does not appear prudent to discuss the presumed hydrogen phase transi- 

1 W. H. Ramsey: Monthly Notices Roy. Astronom. Soc. London 111, 427 (1951). 

2 J. de Boer and B. S. Blaisse: Physica, Haag 14, 149 (1948). 

3 F. Seitz: Modern Theory of Solids, Chap. III. New York 1940. 

4 J. de Boer and B. S. Blaisse: Physica, Haag 14, 149 (1948). 

5 W. C. DeMarcus: Astronom. J. 63, 2 (1958). 

e A. A. Abrikosov: Problems of Cosmogony, Vol. Ill, pp. 11 — 19. Moscow: Academy 
of Sciences, USSR. 1954. 

7 J. de Boer and B. S. Blaisse: Physica, Haag 14, 149 (1948). 

8 R. A. Buckingham: Univ. Wisconsin Naval Research. Lab., Report WIS-AEC- 9 , “The 
Repulsive Interaction of Atoms in S States” (Dec. 27, 1956). 

9 Cf. Sect. 5 of Kotani's contribution to Vol. XXXVII, Part 2, of this Encyclopedia. 
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tion on the basis of his calculations. DeMarcus has concluded that a judicious 
extrapolation of Stewart’s measures seems to be indicated until our under¬ 
standing or the quantum theory of molecular crystals is improved and has made 
two such extrapolations. One of these extrapolations joins smoothly with Ste¬ 
wart’s experimental data and one allows for some error in Stewart’s measures 
but the magnitude of the assumed error is well within Stewart’s estimated 
error of 5 % in the relative volume changes. 

There is very substantial agreement on the pressure-density relation of metallic 
hydrogen. However, Wigner and Huntington’s original paper and Kronig 
et al. employ an estimate for the correlation energy which has been revised by 
Wigner 1 , and DeMarcus has repeated and extended Wigner and Hunting- 
ton’s calculations using the revised estimate of the correlation energy. Esti¬ 
mates of the phase transformation pressure range from 0.8 X 10 12 dynes/cm 2 
(Ramsey) through i .93 x 10 12 dynes/cm 2 and 2.46 X 10 12 dynes/cm 2 (DeMarcus) 
to 3 . 6 x 10 12 dynes/cm 2 (Abrikosov). 

It will appear presently that the equation of state of helium is also of import¬ 
ance for our understanding of the constitution of the Jovian planets. Unfortunate¬ 
ly, there are no calculations of accuracy comparable to those on metallic hydrogen 
for the range of pressures applicable to planetary interiors. Ramsey has calculated 
an equation of state from the Lennard-Jones 6 — 12 potential for helium and 
finds that the density of He thus calculated is about four times the density 
values calculated for hydrogen on the same basis. Ramsey also quotes an un¬ 
published calculation due to Baltensperger who found that the helium would 
make a transition to a metallic modification at 16 million atmospheres pressure. 
DeMarcus has obtained an equation of state for cold helium by joining Ste¬ 
wart’s experimental results smoothly onto a theoretical pressure-density rela¬ 
tion which should be valid at high pressures. The theoretical relation was ob¬ 
tained by application of some results of Raimes 2 who applied the Wigner-Seitz- 
Frohlich method to the divalent elements. To adapt Raimes’ results to helium 
DeMarcus dropped a term which accounts for the electrons in the ion core 
since there are no core electrons in helium. The interpolation between the experi¬ 
mental results at low pressures and the theoretical results at high pressures of 
necessity smooths out any phase transition which might occur. The question 
of the transition of helium to a metallic state has recently been discussed by 
ten Seldam 3 who has evaluated the density at which the S and P bands cross. 
He finds that helium should show metallic properties beginning at 190 million 
atmospheres. He also states, however, that it is not clear whether or not the 


Table 7. Experimental data for solid hydrogen and helium 4 at 4.2° K. 


Pressure 

(kg/cm 2 ) 

Molar volume (cm 3 /mole) 

Pressure 

(kg/cm 2 ) 

Molar volume (cm 3 /mole) 

hydrogen 

helium 

hydrogen 

helium 

0 

22.65 

(melted) 

4000 

14.3 

93 

200 

21.0 

15.8 

6000 

132 

8.5 

400 

20.0 

14.5 

8000 

12.4 

8.0 

600 

19-2 

13-5 

10000 

11.8 

7-5 

1 000 

18.0 

12.4 

12000 

11.3 

7-2 

2 043 

16.1 

10.7 

16000 

10.6 

6.7 

3 000 

15-1 

9-9 

20000 

iO.i 

6.4 

1 E. P. Wigner: Trans. Faraday Soc. 34, 678 (193S). 



2 S. Raimes: Phil. Mag. (7) 43, 327 (1952) 





. • ■' " ‘ , X. X. wv. x u y o. vJVC. J-vCOlim , A y / ^ 1 

4 J. W. Stewart: J. Phys. Chem. Solids 1, 146 (1956). 
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Table 8. Estimates of equation of state of hydrogen at 0°K. 


Molecular hydrogen Metallic hydrogen 


p 

(10 12 dynes/cm 2 ) 

Q 

(gm/cm 8 ) 
Ramsey 1 

Q 

DeMarcus 

P 

(10 18 dynes/cm 2 ) 

Q 

(gm/cm 3 ) 

Ramsey 

Q 

(gm/cm 3 ) 

DeMarcus 

Free enthalpy 
(10 12 ergs/mole) 

0 

0.089 

0.089 

0.8 

0.77 

0.78 

0.664 

0.025 

0.167 

0.205 

1.0 

0.81 

0.S2 

0.915 

0.05 

0.195 

0.238 

2.0 1 

0.98 

1.01 

2.01 

0.1 

0.225 

0.274 

3.0 

1.12 

1.16 

2.93 

0.2 

0.261 

0.324 

4.0 

1.25 

1.29 

3.75 

0.3 

0.284 

0.365 

5.0 

1.36 

1.40 

4.51 

0.4 

0.302 

0.399 

10.0 

1.84 

1.87 

7-56 

0.5 

0.316 

0.428 

15.0 

2.21 

2.24 

10.0 

0.6 

0.329 

0.455 

20.0 1 

2.53 

2.55 

12.1 

0.7 

0.340 

0.480 

30.0 

3-07 

3.09 

15-7 

0.8 

0.350 

0.503 





1.0 i 


0.548 





1.5 


0.643 





2.0 


0.732 





2.5 


0.819 





3-0 


0.903 






Table 9. Estimated equation of state of 0° K helium 1 . 


P 

Q 

P 

Q 

P 

e 

(10 12 dynes/cm 2 ) 

(gm/cm 3 ) 

(10 12 dynes/cm 2 ) 

(gm/cm 1 ) 

(10 12 dynes/cm 2 ) 

(gm/cm 3 ) 

0.0002 

0.234 

0.10 

0.936 

8.00 

4.15 

0.0010 

0.323 

0.20 

1.15 

10.00 

4-56 

0.0040 

0.431 

0.40 

1.40 

20.00 

6.21 

0.0100 

0.534 

0.80 

1.77 

30.00 

7-58 

0.0200 

0.626 

1.00 

1.89 

40.00 

8.64 

0.04 

0.742 

2.00 

2.45 

80.00 

11.41 

0.08 

0.884 

4.00 

3.16 





Fig. 3. a Equations of state of solid H a (after DeMarcus). Solid portions cover pressure range of Stewart’s experi¬ 
ments. b Metallic hydrogen (after DeMarcus). c Equation of State of helium (Table 9). Solid portion covers pressure 
range of Stewart’s experiments, d Thomas-Fermi atom model (after Latter), e Fermi gas curve. / Equation of state 
of H 2 based on Lennard-Jones 6-12 potential (after Ramsey), g Equation of state of H 2 (after Abrikosov). 


1 W. C. DeMarcus: Astronom. J. 63, 2 (1958). 
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onset of metallic properties is accompanied by any discontinuity in density. 
Numerical results and estimates of the 0° K isotherm of hydrogen and helium 
are tabulated in Tables 7 to 9. Fig. 3 graphically displays the 0° K isotherms 
for hydrogen and helium which have been proposed along with the perfect Fermi - 
gas isotherm and the Thomas-Fermi isotherm 1 . 

13. Model planets of Jupiter and Saturn. Numerous models of the internal 
density distributions of Jupiter and Saturn have been proposed 2 - 7 . 8 . The idea 
that hydrogen played a dominant role in their make-up seems to have crystallized 
with the publication of Wildt’s 1947 review paper 9 on the constitution of the 
planets. The papers of Ramsey, Fessenkov and Massevic, and DeMarcus 
have followed up the 1947 suggestion of Wildt. The most careful calculations 
of models of Jupiter and Saturn on the basis of the equation of state of Kronig 
et al. was made by Ramsey and his collaborator, Miles, in a noteworthy pair of 
papers 10 - 11 . Ramsey’s models have been built on the assumption that Jupiter 
and Saturn consisted of a uniform mixture of hydrogen and helium surrounding 
a heavy nucleus. Of this models, the ones he has designated as J i and S 2 yield 
resultant external gravitational potentials which come closest to the ones implied 
by the constants derived by Brouwer and Clemence 12 . On the basis of the equa¬ 
tion of state of hydrogen of Kronig et al. and the assumption that helium den¬ 
sities are constant multiples of the hydrogen densities at corresponding pressures, 
these models represent homogeneous mixtures of hydrogen and helium surround¬ 
ing cores of heavy elements in the amounts 



J, 

S„ 

Mantle composition (hydrogen by weight) . . 

Mass of mantle: mass of planet. 

Mass of heavy central particle: mass of planet 

Planetary composition (hydrogen by weight) . 

0.846 

0.948 

0.052 

0.80 

0.818 

0.831 

0.169 

0.68 


The internal physical features of these models as function of the mean radius s 
are given in Tables 10 and 11. 

More recently, DeMarcus 13 has derived new models and abundance estimates 
based on his recalculation of the properties of metallic hydrogen and on his 
interpolatory equation of state for molecular hydrogen and helium. The final 
models used by DeMarcus are detailed in Tables 12 to 14. Elemental abundance 
estimates for these two planets can only be performed if several restrictive assump¬ 
tions are made. For a first estimate DeMarcus assumed: 

1 . The density of hydrogen is less than the density of any other chemical 
substance under the conditions of pressure and temperature existing in the 
interiors of Jup iter and Saturn. 

I R. Latter: J. Chem. Phys. 24, 280 (1956). 

H. Jeffreys: Monthly Notices Roy. Astronom. Soc. Lond. 84, 534 ( 1924 ). 

3 R. Wildt: Veroff. Univ. Sternwarte Gottingen No. 40, 1934 . — Astrophys. Journ. 
87, 508 (1938). — Monthly Notices Roy. Astronom. Soc. London 107, 84 (1947). 

4 H. Brown: Astrophys. Journ 111, 641 (1950). 

5 V. G. Fessenkov and M. Massevic: Russ. Astronom. J. 5, 317 (1951). 

6 W. H. Ramsey: Monthly Notices Roy. Astronom. Soc. London 111, 427 (1951). 

7 W. H. Ramsey and B. Miles: Monthly Notices Roy. Astronom. Soc. London 112 234 
(1952). 

8 See footnote 1 , p. 444 . 

9 R. Wildt: See footnote 3 , p. 445 . 

10 W. H. Ramsey: See footnote 6 , p. 445- 

II W. H. Ramsey and B. Miles: See footnote 7 , p. 445 . 

12 See Table 2 . 

13 W. C. DeMarcus: See footnote 1 , p. 444 , 
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Table 10. Ramsey’s Jovian model Jill. 


s 

(10® cm) 

p 

(10 12 dynes/cm 2 ) 

e 

(gm/cm 3 ) 

M(r) 

(10 27 gm) 

6.99 

0 

0.10 

1902 

6.9 

0.03 

0.20 

1894 

6.7 

0.16 

0.28 

1865 

6.5 

0.32 

0.33 

1832 

6.3 

0.52 

0.36 

1797 

6.1 

0.74 

0.39 

1761 

6.05 

0.80 

0.40 

1752 

6.05 

0.80 

0.85 

1752 

5-5 

2.56 

1.17 

1519 

5-0 

4.74 

1.48 

1291 

4.5 

7-50 

1.79 

1060 

4.0 

10.81 

2.10 

839 

3-5 

14.7 

2.42 

640 

3-0 

19-1 

2.73 

469 

2.5 

24.0 

3-05 

332 

2.0 

29.9 

3-39 

229 

1-5 

37-4 

3-78 

161 

1.0 

49-7 

4.35 

120 

0 


— 

99 


Table 11 . Ramsey’s model of Saturn SII. 


s 

(10® cm) 

p 

(10 12 dynes/cm 2 ) 

Q 

(gm/cm 3 ) 

M(r) 
(10 27 gm) 

5-755 

0 

0.10 j 

569 

5-6 

0.02 

0.19 

560 

5-4 

0.07 

0.24 

544 

5-2 

0.13 

0.28 

526 

5-0 

0.20 

0.30 

507 

4.5 

0.43 

0.35 

460 

4.0 

0.72 

0.40 

418 

3-88 

0.80 

0.40 

409 

3-88 

0.80 

0.86 

409 

3-5 

1.43 

0-99 

349 

3-0 

2.47 

1.17 

277 

2.5 

3-82 

1.38 

217 

2.0 

5-69 

1.61 

169 

1-5 

8.63 

1-93 

134 

1.0 

14.7 

2.46 

113 

0.5 

39-1 

3-90 

102 

0 



96 


Table 12 . Calculated properties of the interior of Jupiter (after DeMarcus). 


0 

(=*/«i) 

6 

(gm/cm 3 ) 

M 

(10 27 gm) 

p 

(10 12 dynes/cm 2 ) 

W H 6 

1.000 

0.00016 

1902.0 

0 

0 

0.994 

0.138 

1900.31 

0.0068 

0 

0.98942 

0.185 

1897.15 

0.0200 

0 

0.98942 

0.197 

1897-15 

0.0200 

0 

0.86 

0.593 

1707.76 

1.06 

0.090 

0.802 

0.777 

1591-13 

1.93 

0.13 

0.802 

1.08 

1591-13 

1.93 

0.13 

0.7 

1.56 

1270.27 

5-07 

0.16 

0.6 

2.12 

940.33 

9.52 

0.23 

0.5 

2.66 

630.96 

15-3 

0.25 

0.4 

3.14 

379-85 

21.9 

0.26 

0-3 

3.58 

203.05 

29.2 

0.26 

0.2 

4.08 

100.37 

37-6 

O.27 

0.15 

4.40 

72.19 

43-2 

0.27 

0.1 

19.09 

33-98 

63-5 

1.0 

0.05 

27.90 

5-19 

96.3 

1.0 

0 

30.84 

0 ! 

110 

1.0 


W Ue is the local weight fraction of “helium” assuming that all matter which is not 
hydrogen is helium. 


2 . The density 1 of helium is less than that of any element save hydrogen 
which is likely to be important to the constitution of Jupiter and Saturn. 

3 . The model planets specified in Tables 12 and 13 are correct in all details. 

4. The pressure-density relations of molecular hydrogen and helium as given 
in Tables 8 (under DeMarcus) and 9 are correct for whatever temperatures 
obtain in the two planets. 


1 To avoid excess verbiage, the term density is used rather loosely in this section. An 
example of amore precise statement is “quotient of molecular weight by partial molar volume”. 
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Table 13- Calculated properties of the interior of Saturn (after DeMarcus). 


P 

( ' 

Q 

(gm/cm 3 ) 

S 

0 

p 

(10 12 dynes/cm 2 ) 

W B <, 

1.00 

0.00016 

569.00 

0.000001 

0 

0.990 

0-092 

568.20 

0.001 86 

0 

0.970 

0.185 

561.44 

0.0200 

0 

0.970 

O.197 

561.44 

0.0200 

0 

0.95 

0.236 

551.86 

0.0478 

0 

0.90 

0.293 

524.45 

0.137 

0 

0.80 

0-397 

464.55 

0.396 

0 

0.70 

0.498 

404.36 

0.775 

0 

0.60 

0.611 

348.36 

1.32 

0 

0.5227 

0.719 

309.78 

1.93 

0 

0.5227 

O.999 

309.78 

1-93 

0 

0.40 

1.289 

238.64 

3-99 

0 

0.30 

4.155 

173.00 

8.74 

0.976 

0.20 

9-445 

75.476 

24.0 

1.0 

0.10 

1392 

11.696 

45.2 

1.0 

0 

15.62 

0 

55-5 

1.0 


Table 14. Coefficients of external potential. 

(The observed values are those deduced from satellite motions.) 



J upiter 

Saturn 


model planet 

observed 

model planet 

observed 

E l 

0.064 5 

0.065 2 

0.0988 

0.0978 


0.00049 

0.00052 

0.001 95 

0.00159 

./ 

0.021 30 

0.02206 

0.02594 

0.02501 

K 

0.002 50 

0.002 53 

0.005 88 

0.003 86 


5 . The pressure-density relation of metallic hydrogen and the values of the 
free enthalpy of Table 8 are correct for whatever temperatures obtain in the two 
planets. 

6 . The partial molar volumes of hydrogen and helium when the two occur 
in mixtures are equal to the molar volumes of pure hydrogen and helium. 

7. The empirical data of the planets of Table 2 (p. 431) are correct. 

Under these assumptions, it was found that the contribution of hydrogen 
to the masses of Jupiter and Saturn must exceed 78 and 63 % by weight. DeMar¬ 
cus then calculates a comprehensive set of “partial derivatives” of the weight 
fractions of hydrogen of Jupiter and Saturn with respect to relaxation of the 
preceding assumptions essentially one at a time. His results showed that the 
lower limits to the abundances are quite insensitive to the relaxation of the 
assumptions 3 through 7 if we exclude the effects of temperature on the equa¬ 
tion of state. The stability of the hydrogen abundances with respect to large 
variations in the equation of state of molecular hydrogen is perhaps the most 
surprising feature of the results. The reason can be traced to the effects of the 
phase transition. If the densities of hydrogen are lowered from the values of 
Table 8 the phase transition pressure will also be lowered. While the regions 
of the planets in which the molecular phase is present have their densities lowered, 
at the same time the volumes of these regions are decreased due to the stability 
of the metallic form at lower pressures. The cancellation of these two effects 
is almost complete. Even as regards the free enthalpy of the metallic phase, 
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errors of a few kilocalories per mole lead to errors in the hydrogen abundances 
of a few percent. 

The effects of temperature are not so easily dismissed. On the basis of the 
experimental data of Michels and Goudeket 1 for gaseous hydrogen supple¬ 
mented by theoretical considerations, DeMarcus concluded that the hydrogen 
abundances require only slight alterations if the temperatures in the deep in¬ 
teriors are only a few thousand degrees. There are good, but by no means con¬ 
clusive, reasons for believing that the internal temperatures of Jupiter and 
Saturn are of this order of magnitude. 

14. Uranus and Neptune. The compositions of Uranus and Neptune are much 
more uncertain than those for Jupiter and Saturn. It is certain that the hydrogen 
abundances of Uranus and Neptune are considerably lower than those appro¬ 
priate to Jupiter and Saturn since their masses are smaller but their mean den¬ 
sities are higher. It seems quite plausible that metallic ammonium may be 
present in substantial amounts in these bodies as has been suggested by Ramsey. 
Rough calculations 2 of the 0° K isotherm of this substance have been made and 
are available for attempts at quantitative models. 

1 A. Michels and M. Goudeket: Physica, Haag 8, 347, 353, 387 (1941). 

2 M. J. M. Bernal and H. S. W. Massey: Monthly Notices Roy. Astronom. Soc. London 
114, 172 (1954). 





Radio Echoes from Sun, Moon and Planets. 

By 

F. J. Kerr. 


With 8 Figures. 

Introduction. Radio astronomy has two main branches. In the one case, 
radiation emitted by celestial bodies is studied; in the other, signals are transmitted 
from the Earth, and echoes received after reflection from celestial bodies. The 
latter, or radar, method has the advantage that the signals are under the control 
of the observer, but it is limited in its application to the nearer bodies in the solar 
system. This restriction is a consequence of the double divergence of the energy 
which occurs in the two-way propagation path; the received intensity falls off 
as the fourth power of the distance, whereas in the direct reception method, as 
in optical astronomy, the second power is involved. 

Echoes have so far been received from meteors and from the Moon. The Sun 
and the nearer planets will probably be reached in the near future, as the problems 
involved are only those of building sufficiently large equipment. Considerable 
advances in technique would be needed before echoes could be detected from the 
outer planets, and it seems unlikely that any of the stars could ever be reached 
by radar. 

The extensive radar investigations of meteors will not be considered in this 
chapter, as they have been dealt with by Lovell in Vol. XLVIII and by 
Whipple and Hawkins in this volume. A general discussion of the radar method 
will be followed by an account of Moon echo studies, and then the possi¬ 
bility of detecting echoes from the Sun and the planets will be considered. A 
brief account is also given of some related phenomena in the immediate neigh¬ 
bourhood of the Earth. 


I. Strength and characteristics of echoes. 

1. The radar equation. Consider a transmitter whose power output is P r , 
and an aerial whose power gain relative to an isotropic radiator is G T . The flux 
density (i.e. the power flow per unit area in the transmitted wave) which is 
incident on a reflecting body at distance d is given by 


e _ P r G T 
1 And,' 1 


( 1 . 1 ) 


provided the target subtends an angle smaller than the aerial beam. 
The scattered wave intensity at the receiving aerial is then 




And 2 


( 1 . 2 ) 


where a is the echo cross-section of the reflecting body (the geometric cross-sec¬ 
tion of an isotropic scatterer giving the same echo intensity). 

Handbuch der Physik, Bd. LII. 
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Then, if the receiving aerial has an effective area A R and a gain of G K (com¬ 
monly equal to G r ), and X is the wavelength, the power delivered by the aerial 
to the receiver is 


P R — S R A f 


( 1 - 3 ) 




(1.4) 


Pj" Gy G^A^ 
(4-71:) 3 


a 

~d* 


(1-5) 




An additional factor must be introduced if any deviation, absorption, or depolari¬ 
zation is produced by the medium between the Earth’s surface and the reflect¬ 
ing body. Such effects are most 
likely to occur in the ionosphere, 
and, in the case of the Sun, the solar 
corona. 

The ability to detect an echo is 
limited by the statistical fluctuations 
of the noise in the receiver output. 
This noise can be partly external, and 
partly internal in origin. External 
types of noise include solar noise, 
when the Sun is the target, and 
cosmic noise, when relatively long 
wavelengths are being used. Inter¬ 
nal receiver noise, which is dominant, for example, in short wavelength ob¬ 
servations of the Moon, is given by 



Wavelength (metres) 

Fig. 1. Approximate magnitude of receiver noise and 
cosmic noise combined [14]. 


P N = (N — \) kT 0 B 


( 1 . 6 ) 


where N is the receiver noise factor, k is Boltzmann’s constant, T a the ambient 
temperature, and B the noise bandwidth. Approximate values for the combined 
effects of receiver and cosmic noise are given in Fig. 1. This assumes a receiver 
of good noise factor, and a level of cosmic noise which is representative of the 
main part of the sky. 

The output noise fluctuations can be reduced by integrating after the detector 
over a period of time containing many noise impulses. Integration over n noise 
pulses reduces the minimum detectable echo power by a factor J In. The effective 
number of noise pulses per unit time is proportional to the bandwidth B, so that 
integration for a time t increases the signal-to-noise ratio by a factor ]/Bt. The 
overall dependence on bandwidth is therefore: 



(F7) 


2. Echo characteristics. Besides the very great distances involved, an impor¬ 
tant difference between astronomical and terrestrial radar practice lies in the great 
size of the targets in the line-of-sight direction. To "illuminate” the whole of 
the visible surface of the Moon or the Sun would require a pulse length greater 
than 12 milliseconds or 5 seconds respectively. Experimental results indicate 
that the effective echoing depth of the Moon is only a small fraction of the radius, 
so that, in this case, shorter pulses (<1 msec) would be sufficient. 

For a smooth, perfectly-reflecting sphere, whose radius is large compared 
with the wavelength, the incident energy is scattered uniformly in all directions, 




Sect. 3 . 


Choice of equipment parameters. 


451 


and the echo cross-section is equal to the projected area of the sphere. When 
the sphere is partially absorbing, as would normally be the case, the echo cross- 
section will be nearly equal to the product of the projected area [A) and the reflec¬ 
tion coefficient for normal incidence (q): 

o^Aq. ( 2 . 1 ) 

If the target is partially rough, the scattering is not isotropic, and the echo 
cross-section is given approximately by 

o = A g D (2.2) 

where D is the directivity of the scattered energy in the direction of the receiver. 
To a first approximation, the echo from a large rough body can be taken as made 
up of specularly reflected components from elementary surfaces normal to the 
incident radiation. Thus all back scattering occurs at normal incidence, and the 
normal incidence reflection coefficient can be used. 

Echoes from the Moon are surprisingly similar to those to be expected from 
a smooth reflector, at least at the higher frequencies, with a large proportion 
of the echo energy coming from the central part of the dish. There is evidence 
however that the Moon is intermediate between a smooth and a rough body in 
its echoing behaviour. Other astronomical bodies, in particular the Sun are 
likely to be rougher reflectors. 

An astronomical target will in general have a component of velocity along 
the line of sight, due in part to the orbital motions of the Earth and the target 
object, and in part to the observer’s diurnal rotation about the centre of the 
Earth. In consequence, the returned echo will be displaced in frequency from the 
transmitted pulse, owing to the Doppler effect, and this must be allowed for in 
searching for echoes. Over the two-way path, the frequency shift produced bv 
1 line-of-sight velocity v is: 

^/="/- (2-3) 

If the target is rotating, the frequency shift will vary over its surface. For 
a rough reflector, in which the whole disk contributes to the returned echo, the 
reflected energy will be dispersed over a finite bandwidth; at a frequency of 
30 Mc/s, for example, the solar rotation would produce a dispersion of about lOOOc/s 
in an echo from the Sun. 

The power spectrum of the returned energy, or the manner in which the echo 
fluctuates, will therefore depend on the apparent “brightness” distribution 
across the disk of the target, which in turn depends on the type of scattering 
surface. Information on the reflection process can thus be derived from a study 
of the fading and this method has been employed in the case of the Moon 1 . No 
aerial has yet been used which is sufficiently directive to derive the brightness 
distribution directly. 

3. Choice of equipment parameters. For maximum sensitivity the pulse length 
must exceed twice the propagation time across the line-of-sight extension of the 
echoing region. If the pulse length is greater than this value, integration of 
the returning echo can be usefully employed, until the pulse length approaches 
the travel time of the target and back again. In some cases, a practical limita¬ 
tion may operate, in that high transmitter powers become harder to achieve as 
the pulse length increases. 

1 Rapid fading is also discussed in Sect. 96 of H. Bremmer’s article in VoL XVI of this 
Encyclopedia. 


29* 



452 


F. J. Kerr : Radio Echoes from Sun, Moon and Planets. 


Sect. 4. 


In normal radar operation, the optimum receiver bandwidth is equal to the 
reciprocal of the pulse length. If the bandwidth is smaller than this value, part 
of the band which represents the spectrum of the transmitted pulse will be lost; 
if it is larger, excessive noise will appear at the receiver output, without any 
corresponding increases in the echo. 

In astronomical radar, a similar argument applies, but this time the optimum 
receiver bandwidth is equal to the bandwidth of the echo spectrum, as dispersed 
on reflection 1 . 

The choice of wavelength will depend on the body concerned, and, to some 
extent, on the purpose of the investigation. For the Moon and the planets, a 
short wavelength is to be preferred, so that a high transmitting aerial gain can 
be more easily obtained, provided the wavelength is not below the limit of high- 
power transmitters. A longer wavelength, about 10 metres, is however to be 
preferred for any attempt at Sun echoes, as will be shown in Sect. 10 below. 

The discussion so far has been concerned with obtaining maximum sensitivity 
in echo detection, for which fairly long pulses must be used. Shorter pulses are 
needed for any precise distance measurement by the radar method, or for a study 
of the fine structure of an echo. The technical problems are then greater, 
because the receiver bandwidth must be increased, and also the possibility of 
integration over the whole reflecting region is lost when excessively short pulses 
are used; the radio equipment must therefore be correspondingly more powerful. 
Accurate distance measurement could be carried out with the sharp leading edge 
of a long pulse, but the bandwidth requirement is just as onerous in this case as 
it is with short pulses. 

II. Moon echoes. 

4. Outline of experimental results. Echoes from the Moon were first detected 
by the U.S. Army Signal Corps in 1946 [1], [2 ]; this has historical importance as 
the first astronomical experiment ever carried out. The transmitter operated on 
a frequency of 111.5 Mc/s (2.7 metres), with a power of 3 kW (later increased to 
15 kW), and a pulselength of \ second; the receiver bandwidth was 57 c/s, which 
was much higher than the optimum value, but any further reduction would have 
required too high a frequency stability in the transmitter. The aerial, com¬ 
prising 64 dipoles and a reflecting screen, was directed horizontally, so that 
observations could be made only near moonrise and moonset. A view of the 
station is shown in Fig. 2, and a typical echo trace in Fig. }. 

The calculated echo strength was about 100 times the receiver noise level, 
but it was found that on several days echoes could not be detected at all, while 
only rarely did they approach the theoretical strength. In addition, the echoes 
were subject to rapid fading. 

Almost simultaneously. Moon echoes were detected by Bay [3] in Hungary 
at 120 Mc/s, but in this case the equipment sensitivity was lower, and the echoes 
were only just detectable, even with the aid of a chemical integration system. 
Consequently, nothing could be found out about variations of echo strength. 

The unexpected features in the American results led Kerr and Shain [4], [5] 
in Australia to repeat the experiment at a lower frequency, in order to magnify 
any ionospheric effects which might be responsible. They used a simple arrange¬ 
ment, involving a short-wave broadcast transmitter, operating near 20 Mc/s. 
The transmitter was keyed over a landline from the receiving point, 600 km 

1 A suitable definition of bandwidth will allow for any difference between the two band 
shapes. 
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away. Both aerials were fixed, and their beams directed at low angles of eleva¬ 
tion. The pulse-length was either J or 2\ seconds 1 , and the bandwidth 70 c/s. 
At this lower frequency, the receiver sensitivity was limited by cosmic noise. 


Fig. 2. The aerial array which was used at the Evans Signal Laboratory in the United States to obtain the first echoes 

from the Moon. 

The echo strength was again found to be well below the expected level on most 
occasions, and furthermore the echoes always made their first appearance some¬ 
what later than was expected as the Moon rose through the aerial beam. These 
effects were found to be connected with the F 2 region of the ionosphere. A form 

1 The echo delay-time varies between 2.4 and 2.7 seconds, as the Moon travels round 
its slightly elliptical orbit. 

Handbuch dcr Physik, Bd. LI I. 20a 
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of short-period fading was shown to be due to the Moon’s libration, and it was 
suggested that a longer-period fading might be related to ionospheric refraction. 

Another systematic study of Moon echoes has been carried out by Browne, 
Evans, Hargreaves and Murray [7] in England, working at 120 Mc/s, with 
a pulse-length of 30 milliseconds, and a bandwidth of 26 c/s. A fixed aerial was 
again used, although the beam could be moved in elevation by electrical means; 
in this case the experiments were all carried out around lunar transit. 

The connection between the rapid fading and libration was confirmed, but 
it was possible to show that the slow fading, at least at this frequency, is due 



Fig. 3. A typical cathode rav-tube trace, from the early U.S. Army Signal Corps experiments (/]. The photograph shows 
the direct signal from the transmitter at the left, followed by receiver noise fluctuations, and a Moon echo pulse at the 

right. 


to the rotation of the plane of polarization of the waves by the ionosphere. 
This gives rise to a method by which the total electron content of the iono¬ 
sphere can be measured. 

The suggestion has been made at various times that communication circuits 
could be established between two points on the Earth by reflection from the 
Moon. The first experiments in this direction were carried out in the United 
States by the Collins Radio Company and the National Bureau of Stand¬ 
ards [10], [11]. 

A considerable amount of new work on Moon echoes was reported by various 
groups during 1957 to 1958 1 covering a frequency range from 120 to 3000 Mc/s. 
Over the whole of this range, it was shown that the Moon reflected in a nearly- 
specular manner, although the surface was sufficiently rough to extend the echo 
pulse to some degree and produce the libration-type fading. 

5. Echo intensities. In the original experiments of the U.S. Signal Corps 
at 111.5 Mc/s, the echo strengths were unexpectedly low, and subsequent workers 
also obtained echo strengths well below the expected values. 

In their 20 Mc/s work, Kerr and Shain compared the median intensity level 
for each day’s test with ionospheric data, and found a good correlation with 
the critical frequency of the F 2 region (Fig. 4). A similar relationship was found 
for the altitude at which Moon echoes were first detected in each test. 

1 J.V. Evans: Proc. Phys. Soc. Lond. 70, 1105 — 1112 (1957). — J. II. Trexler: 
Proc. Inst. Radio Engrs. 46. 286—292 (1958). — 13. S. Yaplee. R. H. Bruton, K. J. Craig 
and N. G. Roman: Proc. Inst. Radio Engrs. 46, 293 — 297 (1958). 
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These results show that the anomalies must have arisen in the F 2 region, 
the departure from theoretical predictions indicating that there are shortcomings 
in the present theory relating oblique and normal incidence propagation condi¬ 
tions. Rather better agreement with the 20 Mc/s limiting altitude results 
has been obtained by Chvojkova and Link 1 in a new treatment of the refrac¬ 
tion problem. 

Some evidence was obtained in the 20 Mc/s experiments [5] suggesting that 
vertical deviations of a few degrees occurred during the passage through the 
ionosphere, but no direct measurements of such deviations have yet been reported. 

The earlier comparisons between observed and theoretical echo strengths 
were all made in terms of a rough Moon, but Evans has now shown that the 
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Fig. 4. Relation between median echo intensity and the critical frequency o/ tho F, layer, in the experiments of Kirr and 
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the fading rate. The 
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echo intensities which he observed at 120 Mc/s agree quite well with those cal¬ 
culated for a Moon reflecting in a nearly-specular manner. Agreement between 
theory and observation is good for higher frequencies also, but Trexler reports 
that there is still an unexplained difference in the 30 Mc/s region, where iono¬ 
spheric effects are very important. 

6 . Doppler shifts and rapid fading. The Doppler shift of Moon echoes [Eq. ( 2 . 3 ) | 
arises from the rotation of the Earth, which gives an observer a velocity compo¬ 
nent in the line-of-sight, and also from the ellipticity of the Moon's orbit. This 
frequency displacement, which amounted to about 300 c/s under the circumstances 
of the original Signal Corps experiments, gave additional confirmation in the 
early stages that the echoes were in fact coming from the Moon. 

In addition to these systematic motions of the whole Moon, an observer on 
the Earth sees an apparent oscillation of the Moon at the rate of 1 to 2 °/day 
about some (variable) axis through its centre. This effect, which is known as 
libration, has four main components, associated with the Moon’s orbital motion 
and the Earth’s rotation. 

At any instant one half of the Moon is approaching the observer and the other 
half receding. At the limb, the radial velocity arising from libration amounts 
to about one metre/second, so that components of an echo coming from the 

1 A. Chvojkova and F. Link: Bull. Astr. Inst. Czech. 5, 100 — 103 (1954). 
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limb and from the centre will differ in frequency by about 0.005/c/s, for a fre¬ 
quency of / Mc/s. 

Thus, if the Moon reflects as a partially rough body, with echo components 
coming from a substantial proportion of the disk, the originally monochromatic 
transmitted wave will be Doppler-broadened on reflection. Assuming that the 
receiver bandwidth accepts the whole of the broadened "line”, the instantaneous 
echo intensity will be the resultant of a very large number of components with 
random amplitudes and phases. Libration will vary the phases of these numerous 
components, so that the resultant intensity will vary from instant to instant, 
the rate of intensity variation depending on the rate of libration. 

Studies of the rapid fading [5], [7] have in fact shown that the fading rate 
is proportional to the rate of libration (Fig. 5)- This result demonstrates that 
the Moon is reflecting as a partially rough surface. 

7. The reflection process. The Moon is approximately uniformly bright at 
optical wavelengths' and in the infrared*, indicating that the surface is rough 
in this wavelength range. The early theoretical work on the reflection of radio 
waves from the Moon also treated the surface as rough. Kerr and Shain [5] 
concluded from the connection between the rapid fading and libration that the 
whole of the Moon’s disk was contributing to the echo at 20 Mc/s. They carried 
out some experiments with short pulses in an attempt to confirm this, but the 
results were inconclusive. 

In 1957, Evans showed that the rapid fading at 120 Mc/s was several times 
slower than that calculated for reflection from the whole Moon. It appeared 
that the power was being returned from a region of the Moon’s disk whose 
diameter is only about a third of the full diameter, implying that reflection was 
nearly specular. He then showed that short pulses (2 milliseconds) were not 
noticeably lengthened on reflection, as would have occurred in an echo from the 
whole disk. 

Similar conclusions were reported shortly afterwards by Trexler, by Yaplee 
ct al., and by other workers in England and Canada. Trexler for example found 
that 50% of the echo energy at 198 Mc/s is reflected in the first 50 microseconds 
after the leading edge of a short incident pulse contacts the Moon. This means 
that half the reflected power comes from a circle whose diameter is one-tenth 
that of the Moon. Yaplee el al. found that the echo at 2860 Mc/s consists of a 
number of short spikes which fade individually as libration changes the inter¬ 
ference between contributions from a number of strong scattering centres near 
the front edge of the Moon. They obtained a value of 2500 km* for the echo 
cross-section at 2860 Mc/s with pulses of two microseconds duration. 

The occurrence of quasi-specular reflection has been demonstrated at various 
frequencies in the range 120 to 3000 Mc/s, but the detailed variation of the echo¬ 
ing behaviour with frequency has not yet been worked out. It is clear however 
that over this frequency range the Moon is intermediate between a smooth and 
a rough body. No new information is yet available on the lower frequencies. 

As explained in Sect. 2, it is convenient to split the echo cross-section of a 
large, partially-rough body such as the Moon into three factors, the projected 
area, reflection coefficient and directivity: 

a — A q D. (7-1) 

1 A. V. Markov: Astronom. J. USSR. 25, 172—179 (1948). 

2 E. Pettit and S. B. Nicholson : Astrophys. Journ. 71, 102—135 (1930). 
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The directivity (D) can be derived from the distribution of echo energy 
across the Moon’s disk. Evans obtained a value of 1.8 at 120Mc/s. The corre¬ 
sponding figures for a smooth and a perfectly rough sphere are 1 and 2.7 re¬ 
spectively [9], while the optical directivity of the Moon to sunlight is 5-7 [5]. 

The reflection coefficient ( o ) can only be determined approximately, owing 
to the other uncertainties in echo strength computations, but the results obtained 
are consistent with a value of 0.1 to 0 . 15 , which would be expected by analogy 
with terrestrial materials. 

8. Longer-period fading and the magneto-ionic effect. In addition to the fast 
libration-typc fading, Kerr and Shain [.5] observed a slower fading at 20 Mc/s, 
with a period of the order of several minutes, and suggested that the movement 
of irregularities in the ionosphere might be responsible. This explanation became 
untenable, however, when Murray and Hargreaves [6] found that the longer- 
period fading was slower at 120 Mc/s than at 20 Mc/s, the period now being about 
30 minutes. They were able to show that the fading is caused by a magneto¬ 
ionic effect 1 in the ionosphere, in which the plane of polarization of the radio 
waves is rotated in the presence of the Earth’s magnetic field. 

In the ionosphere, the ray is split into two components, circularly-polarized 
in opposite directions, which travel at different velocities. From the magneto¬ 
ionic theory, it can be shown 2 that the phase difference between the two com¬ 
ponents, which is produced by a double passage through the ionosphere, is given by: 

® = I N Sc °s«?sec^rfA radians (8.1) 

where / is the frequency, N the electron density, B the geomagnetic induction 
(gauss), $ the angle between the ray and the magnetic lines of force, and y the 
angle made by the ray with the zenith at height h. 

I bus a change in the total electron content of the ionosphere along the line 
of sight would produce a slow rotation of the plane of polarization of the returned 
signals (the resultant of the two components), giving rise to fading of echoes 
received on a plane-polarized aerial. 

The effect was confirmed by receiving alternately on two aerials, linearly 
polarized in two direction at right angles [6], [7]; differential fading was observed 
on the two aerials, and the sum of the intensities in the two perpendicular planes 
was approximately constant, as would be expected in polarization fading. These 
results confirmed that the long-period fading is produced, at least in part, by 
changes of polarization in the received echo. The fact that the fading was slower 
at 120 Mc/s than at 20 Mc/s also supports this interpretation. 

During these experiments, it was noticed [7] that the echo strength did not 
fall to zero at the minima, suggesting that the waves were being depolarized 
about 10% in the reflection process at the Moon. 

Measurements at a single frequency cannot give the total rotation of the 
plane of polarization, as there is an ambiguity in Q, equal to an integral number 
of whole revolutions. The ambiguity can however be resolved by observations 
at two frequencies. Evans [8] has carried out such an experiment by switching 
every three quarters of a minute between 119.28 and 120.72 Mc/s. The signal- 
to-noise ratio shows a similar variation on the two frequencies, but the fading 
is more rapid on the lower frequency (Fig. 6). 

1 This effect has often referred to as the Faraday effect in the ionosphere, but this is a 
misnomer, as the classical Faraday effect involves the polarization of molecular dipoles. 

2 The detailed derivation is given by Browne etal. [7], 
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With the fixed aerial system which was used, the Moon could only be observed 
for about an hour each day near transit. In consequence, there was still an un¬ 
certainty in Q of ± f- rotation, but this could be eliminated by observations on 
successive days, assuming that the ionosphere behaved in the same manner from 
day to day. The total electron content in the line of sight, as derived from ob¬ 
servations of this type at Jodrell Bank in October and November 1955, is shown 



Fig. 6. Comparison between the signal-to-noisc ratio of Moon echoes on two adjacent frequencies (Evans [53. November 9, 

1955). 

in Fig. 7. The calculated electron content for a parabolic F 2 region is also given, 
based on critical frequency observations at Slough. The contributions of the 
E and regions, and the Earth-Moon space, to the total electron content are 
believed to be small compared with that of the F 2 region. 



Fig. 7 a and b. Variation of the total electron content of the ionosphere, as determined from Moon echo fading observa¬ 
tions, together with estimates from critical frequency data [#). The ordinates give the number of electrons in the iono¬ 
sphere per cm* along the line of sight, (a) October 1955. (b) November 1955; the early morning period is uncertain. 


In the simple parabolic model it is assumed that there are equal numbers of 
electrons above and below the level of maximum ionization. The Moon echo 
results so far indicate that the electron content of the ionosphere is approximately 
twice that estimated for such a model. Thus about three-quarters of the elec¬ 
trons are above the maximum. A similar result was obtained by Smith 1 from 
measurements of the refraction of radiation from discrete radio sources at 81.5 Mc/s. 

The long-period fading (of the order of an hour) has been satisfactorily 
explained through the magneto-ionic effect, but it does not seem possible to 
account for the day-to-day variations at all frequencies by the same mechanism, 
as the time scales involved are so very different. 

1 X 1 '. G. Smith: J. Atmos, and Terrcst. Phys. 2, 350—355 (1952). 
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9. Applications of Moon-echo studies. The possibility of measuring the inte¬ 
grated electron content right through the ionosphere is the most important result 
so far obtained from Moon-echo experiments. The preliminary work described 
above has been restricted by the use of a fixed aerial, but the method should 
become of considerable importance when measurements can be made with an 
aerial capable of following the Moon. 

A number of other possible applications have been proposed. 

(a) One of the advantages of radar is the ability to measure distances with 
high accuracy. For this purpose a large receiver bandwidth is necessary, which 
means a considerable increase in the power requirements above those derived 
for echo-detection. The most accurate distance measurements made so far 
have been those by Yapi.ee. The accuracy of radar measurements can be ex¬ 
pected to surpass that obtainable by classical methods in due course, subject 
only to the uncertainty in the propagation velocity, which may differ from the 
\ elocity of light if the electron density is sufficiently high. Precise measurements 
of the echo delay-time at two different frequencies should enable the distance 
to the Moon and the electron density in the Earth-Moon space to be determined 
separately. 

(b) It should be possible to measure the Doppler frequency shift very precisely, 
provided echoes could be received over a period of several hours. Thomas* 
made a study of the factors involved, in 1949, following a suggestion that such 
a measurement might lead to a new determination of the velocity of light, or the 
radius of the Earth 2 . He concluded however that ionospheric variations and the 
random changes in the effective centre of reflection at the Moon produce un¬ 
certainties which would prevent a precise determination. A reconsideration of 
the value of such a measurement would be worth while at the present stage. The 
role of the ionosphere is now much better understood, the velocity of light is 
more accurately known, and the effect of the reflection variations could be 
eliminated statistically. 

(c) Some of the major increases of solar radio noise might be detectable by 
reflection from the Moon. This could give the possibility of effectively observing 
some solar phenomena from two different orientations, at the ends of an Earth- 
Moon baseline. This type of reflection is not, strictly speaking, radar, but rather 
similar considerations apply. The flux density received by reflection from the 
Moon would equal that received directly from the Sun, multiplied by a factor 

, where a' is the reflection cross-section of the Moon in the direction concerned, 

and cl is the distance of the Moon from the Earth. This factor is approximately 
equal to 10“®. A large solar burst, attenuated by this factor, should be detectable 
with sensitive equipment, but the observation could only be successful at night 
when the direct signal from the Sun would not interfere. Reflected solar noise 
does not yet appear to have been detected. Steinberg and Zislkk 3 reported 
the observation of some bursts by reflection, but from the quantitative evidence 
presented it appears that some other phenomenon, possibly a terrestrial effect 
must have led to an erroneous interpretation. 

(d) The possibility of communicating between two points on the Earth by 
reflection from the Moon has often been suggested. Such a circuit would be 
free of the normal restriction of very high frequencies to short distances, but 

* A. B. Thomas: Austral. J. Sci. 11, 187—192 (1949). 

Since the major part of the effect, for low-angle observations, comes from the Earth's 
rotation. 

3 J. L. Steinberg and S. Zislf.r: C. R. Acad. Sci. Paris 229, 811 — 812 (1949). 
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would be operable only when the Moon was visible from both ends of the circuit. 
These possibilities were first considered in detail by Grieg, Metzger and Waer [9], 
Because the Moon extends a short pulse to some extent the bandwidth of such 
a circuit is limited to a few kilocycles; also the echo travel-time of 2$• seconds 
slows down the exchange of information. However, the operation of experi¬ 
mental circuits by Sulzer, Montgomery and Gekks [10], [17] and by Trexler 
and others, has shown that, within these limitations, a system of this type is 
feasible. 


III. Future possibilities. 

10. The Sun. Although several of the planets approach more closely to the 
Earth, the Sun presents the best possibility (after the Moon) of returning detect¬ 
able echoes, because of its much greater size. Also it is a more interesting object 
for study than the Moon or the planets. An order of magnitude for the power 
required to produce a detectable echo can be obtained by the following simplified 
argument: 

The angular diameter subtended by the Sun at the Earth is nearly the same 
as that of the Moon (£°), so that it will receive about the same total flux from a 
terrestrial transmitter. Neglecting for the moment the different reflecting 
properties of the two bodies, the decrease in the Sun’s echo relative to that from 
the Moon will be due solely to the greater distance travelled by the diverging 
reflected radiation. Since the Sun is about 400 times as distant as the Moon, 
the Sun’s echo will be smaller by a factor of (400) 2 . 

There are however several additional difficulties. 

(i) The incident energy would be partially absorbed in the solar atmosphere: 
at frequencies much above 100 Mc/s, in fact, the reflection coefficient is likely to 
be vanishingly small. 

(ii) The Sun produces a high and variable output of radio-frequency radiation 
itself and the echo has to exceed this level. 

(iii) The solar rotation would disperse the echo energy over a substantial range 
of frequency, e.g. 500 to 1000 c/s at 30 Mc/s. 

As a partial compensation for these factors, reflection would occur high in 
the solar corona at low frequencies, so that the diameter of the Sun’s radio disk 
would be greater than that of the optical disk. 

There are considerable uncertainties in any calculation of echo strength, 
especially with regard to the reflecting properties of the corona, but it appears [12] 
that the detection of usable echoes from the Sun would be technically possible, 
using currently available techniques, though an engineering project of great 
magnitude would be involved. There is an optimum frequency range, at around 
25 to 30 Mc/s, principally determined by the variation of the Sun’s reflection 
coefficient with frequency. The use of a low frequency is indicated on astronomical 
grounds also, since interest centres largely in obtaining echoes from the outer 
corona and surrounding clouds or streams of charged particles, because of the 
difficulty of optical observation in these regions. 

'l'he radar method is probably the best way in which turbulence in the corona 
can be studied. The frequency dispersion of the echo would give information 
about the internal motions in the scattering region, and different levels in the co¬ 
rona could be picked out by working at different frequencies. 

11. The planets. The possibility of detecting echoes from any of the planets 
can most simply be considered in terms of the requirements for the Moon, as 
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this avoids the necessity of specifying particular values of transmitter power and 
aerial gain. The relevant quantities are listed in Table 1. The Sun, and the closest 
bright star, a Centauri, have been added for comparison. 

As we are interested in orders of magnitude only, we will neglect the differences 
in reflection coefficient and directivity between the various bodies. The Sun and 
some of the planets probably reflect as rough bodies, whereas the Moon appears 
to be fairly smooth, but the effect of this difference is small compared with the 
other factors involved. 

The primary comparison between two targets depends on their projected 
area and distance. The echo strength is proportional to[see Eq. (1.5)],but 

differences in performance will also arise from the different pulse length and 
bandwidth requirements. The table gives in each case the length of a pulse which 
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Bandwidth 
B at tOO 
Mc/s 

(c/») 

Echo strength 

— 1/— 

d • [ B 

relative to Moon 

Moon .... 

4 

X 10 s 

1.7X10* 

100 3 

0.012 

2.5 

1.7 

1 


Sun .... 


5 x io u 

7 X10“ 

27 

5 

1000 

2500 

4 

X 10"* 

Venus . . . 

* 

X to 10 

6.2X 10* 

10 4 

0.04 

270 

60 

2 

X IO -7 

Near asteroid 

2 

x to* 

2 X 10* 

0.2? 

0.00001 

12 5 

1 

2 

X 10 -8 

Mercury . . 

8 

x io 10 

2.5 X 10* 

88 

0.017 

500 

3 

1 

5 X 10"* 

Mars .... 

6 

X 10“ 

3-4X10* 

1 

0.023 

400 

300 

8 

X 10~* 

Jupiter . . . 

6 

X 10 11 

7-0 X 10’ 

0.4 

0-5 

4000 

1700 

4 

X 10"'° 

Saturn . . . 

1 

X 10“ 

5.8 X 10* 

0.4 

0.4 

7000 

1400 

5 

x io~ n 

a Centauri. . 

4 

X10“ 

9 X io* 

27 3 

6 

8| yrs. 

3000 

7 

X 10~ 25 


would completely illuminate the visible hemisphere. (For a rough body this is 
the minimum time to avoid loss of sensitivity.) The echo travel time is also 
quoted, and post-detector integration for the latter period has been assumed. 
The bandwidth given is the minimum value allowed by the target’s velocity of 
rotation: for definiteness, the values listed are for 100 Mc/s in each case. For a 
bandwidth B and integration period*, (1.7) indicates that the echo strength will 
be proportional to 



This quantity is listed in the last column of the table. 

These calculations show the magnitude of the problem involved in extending 
the radar technique beyond the Moon. The possibilities of building sufficiently 
powerful equipment are considered in Refs. [12] and [14], for the Sun and planets 
respectively. These discussions indicate that the detection of echoes from the 
Sun and Venus, and perhaps Mercury and Mars, would be difficult but feasible. 

1 Optical values. The radio disk will be substantially larger for the Sun and a Centauri, 
the effective size depending on the frequency used. Planetary ionospheres might similarly 
increase the values for some of the planets, but the proportional changes would be small. 

2 Sidereal period (except in cases of Sun and Moon). The effective period, as viewed 
from the Earth, must take into account the orbital motions of the Earth and the planet. 
The resultant value is variable. 

3 Effective angular velocity arising from libration (order of magnitude only). 

4 Not known. Order of magnitude only. 

5 Solar value taken. 
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The optimum wavelength for planetary work would depend on technical factors 
at the time such a project was being undertaken, but is likely to be shorter than 
the Optimum for the Sun. Developments in short-wavelength transmitting tubes 
may in fact make the nearer planets easier to reach by radar than the Sun. 

Little would be gained from an experiment in which planetary echoes were 
just detectable. Useful information can only be obtained from the character¬ 
istics of an echo—its strength, spectrum, variations, etc. A substantial margin 
of power is therefore needed over that required for mere detection. 

The most valuable objective would be an accurate measurement of the distance 
to a planet. The relative geometry of the solar system is known to a high degree 
of accuracy from measurements of angular positions of the various bodies, but 
the absolute scale is known much less accurately. The two best optical deter¬ 
minations of the astronomical unit of distance should be correct to one part in 
10000, but they differ by one part in 1000 [73]. A radar measurement would 
be very direct in principle, but to obtain the desired accuracy fairly short pulses 
must be used. 

Other possible future uses of a planetary radar system include: 

(i) A measurement of the period of rotation of Venus from the fading statistics 
of the echo. (The period cannot easily be determined optically.) 

(ii) A search for planetary ionospheres, which might show up through slow 
variations in the echo strength. It has also been suggested 1 that polarization 
Studies might give information on the magnetic field of a planet through the 
magneto-ionic effect in the planetary atmosphere. 

(iii) Echoes might be obtained from some of the smaller bodies in the solar 
system, such as the asteroids which approach most closely to the Earth. New 
bodies in this class might possibly be discovered. A study could also be made 
of the Gcgenschein, a concentration of particles on the side of the Earth opposite 
to the Sun, in the hope of obtaining information about the size of the particles [73]. 

IV. The Earth’s immediate neighbourhood. 

12. Pulse echo techniques have been used for many years in studies of the 
ionosphere up to the level of maximum ionization in the E, region. Extensions of 
these techniques have enabled echoes to be detected from meteor trails 2 and 
from auroral arcs 3 . In all three cases the echo studies yield both geophysical 
information about conditions in the upper atmosphere, and astronomical informa¬ 
tion about the material (meteors and charged particles) incident on the Earth 
from outside. 

It has recently been found that a natural form of radar can be used to study 
the space around the Earth. At very low frequencies (around 10 kc/s) a whistling 
form of atmospheric disturbance is often heard. These "whistlers”, as they are 
called, are sometimes, but not always, associated with “click” type atmospherics, 
and they frequently occur in groups, with a constant spacing of several seconds 
between successive whistlers, and a rate of change of pitch which decreases from 
one whistler to the next. 

Following up a suggestion originally made by Eckersley 4 , Storey [7-5] 
developed a theory to account for the observed characteristics of whistlers. In 

1 ». Burrell: Observatory 77. 118—119 (1952). 

! A. C. B. Lovell: Volume XLVI1I of this Encyclopedia, p. 427. 

3 K. Bulloijok and T. R. Kaiser: J. Atmos, and Terrest. Phys. 5, 189—200 (1954); 6, 
198 — 214 (1955)- — H. G. Booker, C. W. Gartlkin and B. Nichols: J. Geophys. Res. 60, 
1-22(1955). 

♦ T. L. Eckersley: Nature, Lond. 135, 104—105 (1935). 
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this theory, the long time-delays in whistlers are due to propagation along a path 
extending out from the Earth to a distance of several Earth-radii; the radio 
waves are guided by magnetic lines of force, striking the Earth again at a point 
in the opposite hemisphere, where they are reflected back along their original 
path. The characteristic falling tone results from the variation of propagation 
time with frequency. 

One type of whistler is generated by a lightning flash in the vicinity of the 
observing station (see Fig. 8). Successive members of a train of whistlers then 
correspond to repeated trips to the conjugate point in the opposite hemisphere 
and back again. In the other type, the lightning flash is in the opposite hemisphere, 
so that no direct atmospheric click is heard. The whistlers in this case are received 
after 1, 3. 5, 7. ... trips over the 
long path. Storey’s theory has 
been confirmed by simultaneous 
observations in Alaska and New 
Zealand, at geomagnetically con¬ 
jugate points [IS]. Whistler 
trains with delays 1, 3, 5, 7, ... at 
one station were shown to corre¬ 
spond to trains with delays (0), 2, 

4, 6, ... at the other station. 

The frequency dispersion of 
whistlers depends on the electron 
density and magnetic field along 
their path. Observations of whist¬ 
lers can thus provide information 
about conditions in a region 
which can be regarded as well 
out in interplanetary space. 

The two parameters, electron 
by using an extension of the theory, formulated independently by Ellis [7 7 1 
and by Helliwell et al. [7#]. These authors have shown that the variation 
of magnetic-field intensity along a line of force produces an upper frequency 
limit for whistler propagation. This limit can be used to derive the minimum 
value of magnetic field along the path, i.e. the field in a region far above the 
equator. Whistlers with such a frequency limit have been detected [18], but 
estimates of the field strength have not yet been published. 

Whistler observations have indicated that the electron density in the outer 
part of the propagation path is of the order of 400 elcctrons/cm 3 [75]. This 
value was unexpectedly high, but subsequent observations of the zodiacal light 
by Bkhr and Siedentopf 1 have yielded comparable values. 

A related subject, which remains rather a mystery in the literature, is that 
of the "long-delay echoes” at about 10 Mc/s, which were reported by Stormer, 
van der Pol and others around 1928. These echoes had time delays of the 
order of 10 seconds. One suggestion was that they came from a ring current 
around the Earth, produced by charged particles from the Sun, but it is now 
believed that such a ring would be too close to the Earth. Another was that the 
long time delays arose from a long low-velocity path through the upper ionosphere. 
These echoes have never been satisfactorily explained and recent attempts to 
detect them have been unsuccessful 2 . 

1 A. Behr and H. Siedentopf: Astrophys. 32. 19 — 50 (1953). 

2 K. G. Buddkn and G. G. Yates: J. Atmos, and Terrest. Phys. 2, 272—281 (1952). 



Fig. 8. Probable paths of the two types of whistler for an observer in 
the Northern Hemisphere. The forked arrow indicates the position 
of the lightning flash [Hi\. 


density and magnetic field, can be separated 
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Die Kometen. 
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K. WURM. 

Mit 31 Figuren. 


Tabclle l. 

Kometenentdeckungen (nach 
M. F. Baldet, Extrait do 
1'Annua ire du Bureau des 


Longitudes pour l’an 1950) 

Vor Chr. Geb. 

Anzahl 
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I. Einleitung. 

1. Allgemeine Formen und allgemeines Verhalten der Kometen. Im Durch- 
schnitt werden jetzt jahrlich sechs bis sieben Kometen entdeckt. Es sind dies 
groBtenteils Neuentdeckungen, da nur der eine oder 
andere von ihnen zu den schon bekannten periodi- 
schen Objcktcn gchort. Trotz dieser nicht geringen 
Zahl von Kometenerscheinungen hat die Kometen- 
forschung doch ihre Schwierigkeiten, sich das fiir ihre 
Weiterentwicklung geeignete Bcobachtungsmaterial 
zu beschaffen. Die Mehrzahl der Erscheinungen ist 
auBerordcntlich schwach und bringt kaum mehr als 
cinige Positionen fur eine angcnahertc Bahnbestim- 
mung. GroBe Kometen stehen zur Zeit ihrer groBten 
Helligkeit mcist nahe der Sonne, so daB ihre Beob- 
achtung weitgehend auf die Zeit kurz nach bzw. kurz 
vor der Dammerung beschrankt bleibt. 

Der wesentlichste Teil eines Kometen ist sein 
Kern, der nur einigc Kilometer Durchmesser hat und 
im Femrohr mit seiner nachsten Umgebung als ein 
heller, stemformiger Lichtpunkt erscheint (Fig. 1b) 1 . 

In ihm ist die ganze Masse konzentriert, und bei 
groBeren Sonnendistanzen (etwa r >5 Astronomische 
Einheitcn) besteht ein Komet aus nichts andcrem. 

Nahcrt er sich auf seiner Bahn der Sonne, so beginnt 
der Kern Gas und Staub auszuwerfen, und diese 
,,Aktivitat" steigert sich bis zur groBten Sonnennahe, 
dem Perihel. Urn den Kern bildet sich mit dessen Gas- 
und Staubabgabc erst einmal des Kometenkopf (Coma), 
eine rundliche Atmosphare mit einem Durchmesser 
zwischen cinigen zehntausend bis zu einigen hundert- 
tausend Kilometern. Die Flachenhelligkeit in den 
Kopfen fallt vom Kern aus nach auBen ab, die 
Kopfrander sind meist schwer festzulegen. Der Staub 
wird erkenntlich durch ein gcstreutes oder diffus re- 
flektiertes Fraunhofer-Spektrum, die Gase werden nachweisbar durch Banden 
und Atomlin ien. Die relativen Anteile von Gas und Staub wechseln in weiten 

1 Was im Femrohr als Kometenkcrn erscheint ist gewohnlich nicht der Kern allein 
sondern dieser einschlieOlich des ihm dicht anlicgcnden Teiles der Gas-Staubatmosphare 
des Kometenkopfes. Die Atmosphare des Komctenkopfes hat ihre grOBte Dichte in der 
unmittelbaren Umgebung des Kometenkernes. 

Handbuch der Physik, Bd. 1.11. 
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Fig. 2 . Komet Mrkot 1957d, 17- August 1957 (G. Romano, Treviso). Das Original zeigt beide Schweifc in nahezu 
doppelter Lange wie in dieser Reproduktion. 
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Grenzcn, vielfach ist der Staub kaum festzus tcllon, in anderen Fallen fehlt das 
Gasspektrum. 

Die Schweife entwickeln sich gewohnlich erst fur heliozentrische Distanzen 
y< -G5- Die normalen Schweife sind stets von der Sonne abgcwcndet. Sie ver- 
danken ihr Entstehen zum Teil dem solarcn Lichtdruck, zum Teil wahrscheinlich 
der Einwirkung solarer Korpuskelstrome. Die Wirkung der letzteren ist im 



Fig. 3 . Home: Morehouse 1906 . (Aufnahmc Max Wolf Keflektor der Slernwartc Heidelberg.) 


eigentlichen Mechanismus noch ungeklart. Gelegentlicli. aber doch relativ sel- 
ten, wcrden sog. anomale Schweife sichtbar, die in der Projcktion auf den 
Himmelshintergrund mit dem verliingerten Radiusvektor Winkel bis zu 180° 
bilden, also zur Sonne gerichtet sind (s. Fig. 25 u. 26 auf S. 503). 

GrbCte Hclligkeiten und groBtc Schweiflangen werden gewohnlich kurz nach 
dem 1 erihcl crrcicht. Gas-Staubkometen zeigen in der Kegel Doppclschweife 
in Richtung des xT.rlangcrten Radiusvektors, einen wenig oder gar nicht gekriimm- 
ten Gasschweif und einen in der Bewegung dem Kometcn nachfolgenden starker 
gekrtimmten Staubschweif (s. Fig. 2 und 31). Im Kopf flieBen beide ineinander. 
Reidc Schweife schmiegcn sich eng an die Bahnebene an und sind deshalb aus 
perspektivischen Griinden nicht getrennt erkcnntlich, wenn die Erde in oder 
nahe der Bahnebene steht. 


30* 
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Die Gasschweife bestehen fast immer aus einem Biindel von Strahlen (Fig. 3 
und 4), die aus der nachsten Umgebung des Kometenkernes hervorbrechen. 
Ihre Strukturen andern sich von Nacht zu Nacht meist radikal. haufig schon 
innerhalb weniger Stunden. 

Die Gas- und Staubmassen in Kopf und Schweif gehen dem Kometen standig 
verloren und werden vom Kem her erneuert, vielfach in diskontinuierlichen Aus- 



Fig. 4 . Komct Daniel 1907- (Aufnahme Max Wolf, Reflektor der Sternwarte Heidelberg.) 

briichen. Bci den Materie-Ausstromungen, ob diese nun kontinuierlich oder 
stoBartig erfolgen. wird die der Sonne zugewandte Richtung bevorzugt. Dabei 
bilden sich nicht selten parabolische Enveloppcn urn den Kern (Fig. 5). 


Helligkeitsmessungen an Kometen einschliefilich des Schweiflichtes lassen sich 
kaum durchftlhren. Zahlreich vorhanden sind dagegen Helligkeitsmessungen 
fur das Kopf- und Kemlicht. Die in der Literatur publizierten Helligkeiten be- 
ziehen sich gewohnlich, wenn nicht anders vermerkt. auf den ganzen Kometen- 
kopf. Bei der Zusammenfassung und Reduktion der Helligkeiten II fur ein 
Objekt wird von den Beobachtem meist durch Ausgleichung eine Darstellung 
in der Form 

(M) 


versucht, worin II 0 die Helligkeit fiir die heliozentrische Distanz r — 1 und A die 
Distanz von der Erde bedeutet. Der ,,Aktivitats-Exponent" n schwankt — von 
extremen Fallen abgesehen — zwischen 2 und 6 mit einer Haufung um den Wert 4. 
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Die bisher vorliegenden Helligkeitsmessungen sind groBtenteils visueller Art 1 . 
Dem allmahlichen Anstieg der Helligkeit zum Perihel tiberlagern sich fast immer 
unregelrnaBige Huktuationen. Monochromatische Helligkeitsmessungen an ein- 
zelncn Banden oder innerhalb des Kontinuums, die physikalisch bedeutsamer 
waren als die Daten iibcr visuelle oder photographische Totalhelligkeiten, fehlcn 
leider vollstandig. 

Da jeder Komet in Perihelnahe standig Materie verliert, so taucht die Frage 
auf, nach welcher Zeit im Durchschnitt die Fiihigkeit zu eincr Atmospharen- 
Bildung erlischt. Ausreichend priizise Helligkeitsmessungen reichen historisch 



Fig. 5* AusstriWnungsbildor bcim Komcten Donati, September und Oktober 1858. (Zeichnungen nach dein AnbUck im 

Femrohr von C. Papk, Hamburg-Altona.) 


noch nicht weit genug zuriick, um diese Frage bcantworten zu konnen. Fiir den 
Halleyschen Kometen mit ciner mittleren Periode von 77 Jahren liegen Beob- 
achtungsberichtc riickwarts iiber 28 Perihclannaherungen vor. Aus diesen ergibt 
sich der Eindruck, dab innerhalb dieses Zeitabschnittes jedenfalls keine betracht- 
liche Abnahme seiner Perihelhelligkeit eingetreten ist. 

Unter den Astronomen ist die Meinung sehr verbreitet, daB die Helligkeiten 
und insbesondere die Helligkeitsfluktuationen eng mit Vorgangen auf der Sonnen- 
oberflache korreliert sind (Fleckentatigkeit, Eruptionen), und daB dafiir ein- 
deutige Beweise geliefert wurden. Eine eingehende Priifung der diesbeztiglichen 
Publikationen ergibt jedoch, daB es sich dabci vorlaufig noch um Vermutun- 
gen handelt 2 . 

II. Die Kometenbahnen. 

2. Allgemeine Charakteristika der Kometenbahnen. Die Bahn eines Kometen 
um die Sonne wird festgelegt durch sechs Konstante, die sechs Bahndemenle 
(s. Fig. 6): 

i die Neigung der Bahnebene gegen die Ebene der Ekliptik. 

1 Systematische Helligkeitsmessungen an zahlreichen Kometen einschlieUlich vieler 
schwacher Objekte sind innerhalb der lotzten Jahrzehnte insbesondere von M. Bevkr durch- 
gcfiihrt worden. Die Resultate und dcren Diskussion findet man in ciner Reihe fortlaufender 
Publikationen in den Astron. Nachrichten. Oort auch wcitcre l.iteratur. 

a Vgl, dazu L. Houziaux u. L. Batijau: Bull. Acad. Belg. 43, 171 (1957). 

Handbucb dor Physlk, Bd. LII. 30a 
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Ziff. 2. 


U den aufstcigcnden Knoten dcr Bahn; das ist der Punkt, in dem der Komet 
von der siidlichen auf die nordliche Seite der Ekliptik uberwechselt. Das Symbol ii 
wird gewohnlich auch dazu benutzt, urn die Lange dieses Punktes, d. h. den Win- 
kel Y S Q zu kennzeichnen. 

co die Lange des Perihels P, gcrechnct in der Bahnebene vom Knotenpunkt a 
(Winkel USP). 

q die Periheldistanz SP, meist in astronomischen Einheiten (A.E.) ausge- 
driickt. 

e die Exzentrizitiit der Bahnkurve. 

T den Zeitpunkt des Durchgangs durch das Perihel*. 

Die iiberwiegende Mehrzahl dcr Kometen bewegt sich in stark cxzentrischen 
Bahnen mit Exzentrizitaten sehr nahe an 1, ganz im Gegensatz zu den Verhalt- 

nissen bei den Planeten und 
Planetoiden. Neuere Ergebnisse 
exakter Bahnbestimmungen fiih- 
ren mit groBer Wahrscheinlich- 
keit zu dem SchluB, daB alle Ko¬ 
meten urspriinglich periodisch 
sind, also elliptische Bahnen be- 
schreiben. Gleichzeitig muB da- 
bei aber bemerkt werden, daB 
auch alle, soweit sie in das System 
der Planeten eindringen, friiher 
oder spater durch Planeten- 
storungen in hyperbolische Bah¬ 
nen geworfen werden und dem 
Sonnensystem verloren gehen. 

Rig, 6. Klcmente einer Kometenbahn. Ein kleinCr I cil der bekann- 

ten Kometen bewegt sich in 
Ellipsen-Bahnen, die vollstandig innerhalb des Planetensystems liegen. Man be- 
zeichnet sie als die kurzperiodischen Glieder der Gesamtheit der Kometen. Die 
Abgrenzung dicser Gruppe gegen die langperiodischen Objekte ist wegen eines 
kontinuierlichen Oberganges ein wenig willktirlich. Wir werden hier, wie das 
neuerdings geschieht, auch diejenigen Objekte mit in die Gruppe cinbeziehen, 
deren Bahnen nur zum groBten Teil innerhalb der Neptunbahn liegen. Halleys 
Komet mit seiner Periode von 77 Jahren, dessen Aphel mit 35,31 A.E. zwischen 
Neptun und Pluto hegt, gehort also auch in diese Gruppe gleichzeitig mit dem 
Kometen Encke, dessen Periode mit 3,3 Jahren die kiirzeste von alien ist. 

Die Gruppe der kurzperiodischen Kometen enthalt etwa 85 Mitglieder. Inner¬ 
halb dicser existiert cine Untergruppe mit rund 50 Individuen, deren Perioden 
vergleichbar mit der Periode des Planeten Jupiter sind. Die Aphele der Kometen 
dieser Jupitergruppe liegen groBtenteils dicht an der Bahnkurve des Planeten 
und ihre Bahnneigungen i sind ftir Kometenbahnen durchweg klein und bleiben 
unterhalb von 45°- Bemerkenswert ist weiterhin, daB innerhalb der Jupiter- 
familie kleine Exzentrizitaten relativ haufig sind. Fur den Kometen 1942 VII 
(Oterma) ergibt die Bahn eine Exzentrizitiit e - - 0,143 un d fiir den Kometen 
1925 II (SchwaBmann-Wachmann) c =0,136 (Merkur 0,206). Die Bahnneigungen 

1 Es lasscn sich auch andere Satzc von Elcmcntcn wahlcn, die jedoch stets auf obige 
zuriickgefiihrt werden konnen. 



i 
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dcr gerade genannten Objekte sind 4,0° und 9,4° (Merkur 7°). Unter den Plane- 
toiden sind andererseits Exzentrizitiiten e >0,2relativ haufig. Die Bahnneigungen 
bleiben zwar stets unter 90°, gehen in manchen Fallen aber iiber 30° hinaus 
(Hidalgo e=o,65; *=42,5°). 

Die kurzperiodischen Kometen unterlicgen standig in ihrer Bahnbewegung 
storenden EinflQsscn durch die Planeten, insbesondere durch die groBcn Pla- 
neten. Neben langsam verlaufenden Anderungen der Bahnelemente, insbeson¬ 
dere des besonders empfindlichen Elementes e, sind in den letztcn 200 Jahren 
in der Jupitergruppe auch eine Anzahl radikaler Bahnumwandlungen festgestellt 
worden. 

Laplace war der erste, der an eine Entstehung der kurzperiodischen Ko¬ 
meten der Jupitergruppe als Folge naher Passagcn von langperiodischen an den 
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vak Woerkom: Bull. Astronorn. Inst. Netherl. 10, Nr. 399 (1948).j 


[Nach A. J. J. 


1 laneten dachte. Es wird heute auf Grund spaterer Untersuchungen ziemlich 
allgemein angenommen, daB dieser Gedanke zutreffend ist (s. Ziff. 19 ). 

Bci den Langperiodischen Kometen liegt die Bahnkurve zur Hauptsache auBer- 
lialb des Systems der Planeten und die Beobachtungen, die nur selten iiber 5 A.E. 
hinausreichen, bedccken allgemein nur ein winziges Stuck der ganzen Bahn. Im 
Gegensatz zu den kurzperiodischen Objekten findet man hier alle Bahnneigungen 
zwischcn 0 und 180°. Die bisher vorliegenden definitiven Kometenbahnen lan- 
gerer Perioden, etwa 500 an der Zahl, sind mit prozentual geringen Ausnahmen 
sog. oskulierende Bahnen, sie geltcn nur fur die Zeit der Beobachtung. geben 
aber keine ausreichende Auskunft iiber die Bahnelemente vor dem Eintritt des 
Kometen in das System der Planeten oder fur die Zeit nach dem Austritt aus 
demselben. I'iir den Kometen 1914 V (Delavan), der iiber ein besonders langes 
Zeitintervall von 629 l agen beobachtet worden war, bercchnete G. van Bifs- 
broeck 1 zuniichst eine Exzentrizitat e = 1,000161 8 ± 0,000003 5. also eine schwach 
«iber entschieden hyj^erbolische Rahnkur\ r e. Rine ruckwarts bis zum Jalirc 1908 
durchgefiihrte Berechnung der planetarischen Storungen ergab dann aber fiir 
die Zeit vor dem Eintritt in das System der Planeten eine Exzentrizitat e = 
0,9999781 ±0,000003 5 und somit eine Ellipse. Die Bahn hat eine Apheldistanz 
von 170000 A.E. und eine Periode von 24 • 10« Jahren. Um iihnlich exakte 
urspriingliche Bahnen berechnen zu konnen reicht in den meisten Fallen die 
Qualitat der gemessenen Positioncn nicht aus. AuBerdem sind solche Aufgaben 
mit einem groBen Arbeitsaufwand verbunden. 


1 G. van Biesbroeck. Publ. Yerkes Obs. V, Teil II. ty27 
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Ta belle 2. 


Nr. 

Komel 

oskul. 1 la 

urspriinglich \ja j 

A (1/a) 

1 

\ - 

1853 III 

-0.0008193 

4- 0,0000829 

+ 0.0009022 

2 

1863 VI 

— 0,0004949 

-t-0,0000166 

+ 0,000511 5 

3 

1882 II 

+ 0,0118963 

-0,0121488 

+ 0.000252 5 

4 

18861 

— 0,0006944 

— 0,0000071 

+ 0,000687 3 

5 

1886 II 

-0,0004770 

+ 0,0003166 

+ 0,0007936 

6 

1886 IX 

— 0,000 5765 

+ 0,0000630 

+ 0,0006395 

7 

18891 

-0,000691 5 

+ 0,0000420 

+ 0,000733 5 

8 

1890 11 

— 0,0002151 

+ 0,000071 8 

+ 0,0002869 

9 

1897 I 

-0,0008722 

+ 0,0000396 

+ 0,000911 8 

10 

1898 VII 

! -0,0006074 

— 0,0000157 

+ 0,000 591 7 

11 

1902 III 

+ 0,000081 0 

+ 0,0000054 

— 0,0000756 

12 

1904 I 

— 0,0005040 

+ 0,0002165 

+ 0,000720 5 

13 

1905 VI 

— 0.0001424 

— 0.0006210 

+ 0,0007634 

14 

1907 I 

-0,0004991 

+ 0,0000252 

+ 0.000 524 3 

15 

1910 I 

+ 0.0002143 

+ 0,0006921 

+ 0,0004778 

16 

1914 V 

1 -0.0001465 

+ 0,0000119 

+ 0,0001584 

17 

1922 11 

— 0.0003806 

| +0,0000038 

+ 0,0003844 

18 

1925 I 

— 0,000566 5 

+ 0,0000540 

+ 0,000620 5 

19 

1925VII 

— 0,0002730 

+ 0,0001150 

+ 0,0003880 

20 

1932 VI 

1 - 0,000 594 8 

+ 0,0000441 

+ 0,0006389 

21 

1936 I 

— 0,0004870 • 

+ 0,0002050 

+ 0,0006920 


Urspriinglichc Kometenbahnen: nach E. Sinding, Publ. og mindre Meddelelser fra 
Kobenh. Obs. Nr. 146, 1948. 


Hercits vor van Biesbroeck liaben jedoch einige Autoren wie insbesondere 
G. Fa YET 1 und E. Stromgren 2 grtindliche Versuche untemommen, um iiber 
den wahren Charakter der urspriinglichen Kometenbahnen AufschluB zu be- 
kommen, wobei sie verstandlicherweise ilire Aufmerksamkeit vorwiegend den 
Objekten zuwandten, deren oskulierende Bahnen hyperbolische oder parabolische 
Elementc ergeben hatten. Fayets Untersuchung, die ein Material von 150 Ob¬ 
jekten umfaBt, hat mehr statistischen Charakter, wahrend E. Stromgren indi- 
viduelle, exakte Storungsrechnungcn durchgefuhrt hat. Das interessanteste Er- 
gebnis der Stromgrenschen Rechnungen kann der Tabelle 2 entnommen werden, 
in der die bchandelten Kometen (einschlieGlich des van Biesbroeckschcn Objektes) 
aufgeftihrt sind. In den theoretischen Untersuchungen zu den Bahnumwand- 
lungen ist die GroBe 1/a (a groBe Halbachse) ein praktischeres Element als die 
Exzentrizitat e, weshalb dieses in der Tabelle aufgefiihrt ist 2 . Von den behan- 
delten 21 Bahnen besaBen 18 oskulierende Bahnen hyperbolischen Charakter, 
drei waren elliptisch. Die als urspriinglich bezeichneten \Verte von 1/a charakteri- 
sieren die Bahn auBerhalb der Region der Planeten und bezogen auf das Gravi- 
tationszentrum Sonne plus groBe Planeten. Mit einer Ausnahme erfolgt beim 
Obergang zu den urspriinglichen Bahnen cine Verschiebung in Richtung zu 

1 G. Fayet: Recherches concernant les oxcentricit6s des com fetes Paris 1906. — E. 
Stromgren: tibor den Ursprung der Kometen. Publ. og mindre Meddelelser fra Kobcnh. 
Obs. Nr. 19, 1914. 

3 Die reziproke groCe Halbachse 1/a ist ein Mali fur die Energie der Masseneinheit in 
der Bahn. Es folgt dies aus der Energiegleichung der Bahnbewegung im Zweikbrperproblem: 

1 m M C M m G M m 

2 m + M r 2 a 

Der erstc Term links ist die totale kinetische Energie der Korper mit den Massen M und m 
und der rclativen Geschwindigkeit V, der zweite die potentielle Energie der Gravitation. 
G bezeichnct die Gravitationskonstante. 



Ziff. 3. 


Einige besonders bemerkenswerte Kometcn. 
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einer elliptischen bzw. schwacher exzentrischen Bewegung, die Anderung A ( 1 /a) 
ist positiv. A ( 1 /a) ist von der Ordnung +0,0005. Man beachte, daG A ( 1 /a) 
von hoherer Ordnung ist als das Mittel der urspriinglichen 1 /a-Werte. In zwei 
Fallen (18861 und 1898 VII) bleiben die urspriinglichen Elemente schwach 
hyperbolisch. Es ist jedoch durchaus wahrscheinlich, daG in diesen Beispielen 
die Genauigkeit von Beobachtung und Rechnung nicht vollstandig ausreicht, urn 
die aufgefiihrten negativen Werte von 1 /a zu garanticrcn, und daG auch hier 
parabelnahe elliptische Bahnen vorliegen. 

Kataloge der Kometen und deren Bahnelemente: 

1. J. G. Galle: Verzeichnis der Elemente der bisher berechneten Kometen- 
bahnen. Leipzig 1894 . 

2. A.C.D. Crommelin: Comet Catalogue: A Sequal to Galle’s Kometen- 
bahnen. Mem. Brit. Astronom. Assoc. 26 ( 1925 ); 30 ( 1932 ). 

3. A.S. Yamamoto: Preliminary General Catalogue of Comets. Publ. Kwa- 
san Obs. 1, Nr. 4 (1936). 

4. F. Baldet u. G. de Obaldia: Catalogue General des Orbites des Cometes 
de 1 An 466 a 1952. Obs. de Paris. Section d’Astrophysique de Meudon 1952. 

5. S. K. Vsesviatsky: Physikalische Daten der Kometen. Moskau 1958 
(Russisch). 

3. Einige besonders bemerkenswerte Kometen. on) Halleys Komet 1 . Dieser 
Komet ist bekanntlich der erste, fiir den eine Wiederkehr vorausgesagt wurde. 
In der Tabelle 3 stehen die Elemente der drei Kometen der Jahre 1682, 1607 
und 1531 , wie sie von Halley berechnet wurden, und aus deren Ahnlichkeit er 
auf eine Identitat schloG. Die Berechnungen fiir 1607 basierten auf Beobachtungs- 
daten von Kepler, die fiir 1531 nuf solchen von Apian. Die Differenzen in den 
Perioden erklarte sich Hali.ey durch Jupiter- und Satumstorungen, die er jedoch 
nicht berechnen konnte. 


Tabelle 3 . Elemente des Halleyschen Kometen. 


Jahr 

m Li 

* 7 

e T Periode 

1531 

104° 18' 45°30' 

163°0' 0.5800 

0,967391 Aug. 25,799 1 

1607 

106°45' 47°48' 

162°40' 0,5850 

, _ I 76 Jahre plus 62 Tage 

0,967391 Okt. 26,912 y 8 

1682 , 

109° 12' 50°48'; 

162° 18' 0,5825 

0.967 391 Sept. 14.896 75 Jahrc minUS 42 Tage 


l'iir die niichste Wiederkehr 1758—1759 berechnete dann spater Clairaut 
unter Beriicksichtigung der Planetenstorungen den Periheldurchgang auf den 
13 . April 1759, ±30 Tage. Der Durchgang erfolgte am 13 . Marz 1759. Clai- 
ral'Ts Rechnungen litten unter der ungenauen Kenntnis der Massen der Planeten. 

Cowell und Crommelin 2 bestimmten ausgehend von den Erscheinungen von 
1835 und 1910 die Periheldurchgange rtickwarts bis 240v.Chr. Fur jede der 
27 Erscheinungen zwischen 87 v.Chr. und 1910 lassen sich in der astronomischen 
Literatur bzw. in alten Chronikcn Berichte iiber das Auftauchen cines Kometen 
in der richtigen Jahreszeit und im richtigen Sternfeld auffinden. 

Die Perioden von einem Periheldurchgang zum anderen variieren bis zu nahezu 
fiinf Jahren infolge von Planetenstorungen. Die mittlere Periode belauft sich 
auf 77 Jahre. 

1 Altere Litcratur bei J. G. Gallf., loc. cit. 

1 P.H. Cowell u. A.C.D. Crommelin: Investigation of the motion of Halley's Comet 
(Appendix to Greenwich Observations 1909 . Edinburgh: H. M. Stationery Office 1910). 
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ft) Der Septetnberkomet 1882 II. Kometengruppen. Das vorige Jahrhundert 
war reich gesegnet mit hellen Kometenerscheinungen, zu dcncn auch der am 
Tage sichtbare Septemberkomet 1882 II gehorte, dessen Perihel mit 0,0077 A. It. 
Distanz vom Zentrum der Sonne in der Sonnenkorona lag (s. Fig. 8 ). Am 1 . Sep¬ 
tember am Morgenhimmel entdeckt ging er am 17. September 6 h 24 m nachmittags, 
Berliner Zeit, durchs Perihel. In der Korona zerteilte sich der Kern des Kometen 
in vier Teile, die sich allmahlich in der Richtung der Bahn voneinander trennten. 
H. Kreutz 1 berechnete die Bahnen ftir jeden der vier Kerne und land Perioden 


N 



von 664, 769, 875 und 959 Jahren. Diese Bruchstiicke werden also wahrschein- 
lich als vier verschiedene Kometen in einem zeitlichen Abstand von angenahert 
einem Jahrhundert wiederkehren. 


Tabelle 4. 


Komet 

to 4- Q = n 

O 

i 

Q 

t 

1668 

248,8 

358.6 

144.3 

0,0666 

(i) 

1843 I 

278.7 

1.3 

144.3 

0,0055 

0,99991 

1880 I 

279.9 

6.1 

144.7 

0.0055 

(i) 

1882 II 

276,4 

346,0 

142,0 

0,0077 

0,99991 

1887 I 

266,2 

324,6 

128.5 

0,0097 

(i) 

1945 g 

270,7 

321,6 

137.0 

0,0063 

(1) 


Es ist bemerkenswert, daB bereits fiinf Kometen entdeckt wurden, deren 
Bahnelemente mit denen des Septemberkometen angenahert identisch sind 
(s. Tabelle 4 ). Diese Ubereinstimmung in den Elementen kann kaum als zufallig 
angesehen werden, und es erscheint auBerst wahrscheinlich, daB diese ganze 
Kometengruppe durch einen gleichen ProzeB aus einem Mutterkometen ent- 
standen ist, wie die vier von Kreutz behandelten Splitter des Septemberkometen. 
I. G. Porter 2 ftihrt in seiner Monographic ,.Comets and Meteor Streams" nicht 
weniger als 19 verschiedene Kometengruppen auf, deren Daten allerdings nicht 
alle so tiberzeugend erscheinen wie die der hier aufgefiihrten Gruppe, und die 
auBerdem meist nur zwei und drei Mitglieder enthalten. 

y) Der Komet 1889 V (Brooks). Durch einen nahen Vorbeigang an dem 
Planeten Jupiter crlitt der Komet 1889 V im Jahre 1886 eine radikale Bahn- 
umwandlung. Dcr Fall ist von dem amerikanischen Astronomen C.L. Poor 3 
im Jahre 1894 analytisch-numerisch behandelt worden. Die Fig. 9, welche diese 
Bahnumwandlung veranschaulicht, wurde nach den Poorschen Daten ange- 
fertigt. 

1 H. Kreutz: Untersuchungen iiber das Kometensystem 1843 1, 1880 X und 1882 11. 
Publ. Kieler Sternwartc Nr. 3 u. 4, 1888. 

2 X. G. Porter: Comets and Meteor Streams. The International Astrophysics Series. 
Vol. 2. London 1952. 

* C.L. Poor: Astronom. J. 13, 123, 127. 177 (1894). 
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Der Komet lief vor 1886 in einer Bahn mit einer Periode von 27,0 Jahren 
(«=9,0 A.E.), Deren Neigung gegen die Ekliptik war klein und betrug nur 
etwa 7°. Am 24. Marz 1886 trat der Komet in die ,,Aktionszone" des Planeten 
Jupiter ein, d.h., er kam dem Planeten so nahe, daB die Schwereattraktion des 
Planeten die der Sonne iibertraf. Dieser Zustand dauerte mehrere Monate bis 



zum 26. Oktober. Nach dem Austritt aus der Aktionszone (g 0,332 A.E.) 
des Planeten lief der Komet in einer Ellipse mit einer Umlaufzeit von etwa 6,8 Jah¬ 
ren (a =3,6 A.E.). Poor hat auch die durch die Sonne gestorte Hyperbelbahn 


Tabelle 5. 


Komet 

Zeit 

| «<A.B.) 

f(A.E.) 

Pin Jahren 

Lexell. 

vor 1767 

S.06 

2,96 

11,4 


1770 

3.15 

0,67 

5.6 


nach 1779 

6.37 

3,33 

16,2 

Brooks 2 = 1889 V ... . 

vor 1886 

9.00 

5,44 

27.0 


1889—1921 

3.59 

1.95 

6,8 


nach 1921 

3.64 

1,86 

6,95 

Wolf l. 

vor 1875 

4,18 

2,54 ] 

8.54 


1874-1922 

3.59 

1.59 

6,80 


nach 1922 

4,07 

2,36 

2,20 

Comas Sola. 

vor 1912 

4.46 

2.15 

9.43 


nach 1912 

4.17 

1.77 

8.52 

Schwallmann-Wachmann 2 

vor 1921 

4.43 

3,55 

9,30 


nach 1921 

3.46 

2.09 

6,42 

Whipple. 

vor 1922 

4.74 

3,90 

10,30 


nach 1922 

3.83 

2.50 

7.50 


urn Jupiter genauer berechnet. Danach ging der Kometenkem durch das System 
der Jupitermonde und zwar innerhalb der Bahnkurve des Satelliten I, dessen 
mittlere Distanz d vom Zentrum des Planeten nur das 5.9fache des Radius des- 
selben betragt (d =4.2 • 10 s km). Durch den Vorbeigang an Jupiter wurde der 
Kern infolge von Gezeitenkraften in mehrere Stiicke aufgebrochen, die spater 
fur einige Zeit als getrennte Kometen gesehen werden konnten. Neben dem 
Hauptkometen gab es vier schwachere Begleiter. Der Hauptkomet ist bis heute 
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regelmaBig beobachtet vvorden. Er erfuhr iibrigens eine zweite, geringe Bahn- 
anderung im Jahre 1921. 

In Tabelle 5 sind fiinf weitere Kometen aufgefiihrt, die durch nahe Vorbei- 
gange an dem Planeten Jupiter eine starke Anderung der Bahn erfuhren. 
Der Komet Lexell kam noch niiher an den Planeten heran als der Komet 
1889 V. 

d) Der Komet Encke. Dieser periodische Komet hat mit 3,28 Jahren von 
alien bekannten Kometen die kleinste Periode. Er wurde zuerst gesehen im 
Jahre 1786 von den Franzosen Mechain und Messier. Eine Bahn konnte jedoch 
mangels ausreichender Beobachtungen erst im Jahre 1818 durch Encke crrechnet 
vverden. Seit dieser Zeit ist er bei jeder Perihelannaherung beobachtet worden. 
Encke (1791—1865) fand, daB nach Beriicksichtigung aller planetarischer 
Storungen noch ein EinfluB auf die Bewegung des Kometen iibrig blieb, der die 
Periode stetig. wenn auch nur gering, verkiirzte. Durch Backlund u. a. 1 ist dieser 
Effekt spiiter bestatigt worden. Derselbe ist jedoch von variabler GroBe und hat 
sich im Laufc der Zeit etwas vermindert. Fur die Jahrzehnte von 1819—1865 
crgab sich eine Anderung A/i der mittleren taglichen Bewegung pro Umlauf von 
-p O','1044, fur die Zeit von 1871 1894 betrug die Zunahme nur noch + 0','0677- 

Matkievicz gibt fiir 1918 — 1924 A/j. — 4- O','046, fur 1921—1928 A/i = -f O','020, 
und wiederum einen hoheren Wert A/i = J-0','097 fiir 1924—1931. 

Bei der Deutung des Effektes dachte Encke an die Wirkung eines wider- 
stehenden Mittels (Meteorschwarme). Da jedoch bei den anderen Korpern des 
planetarischen Systems solche Anomalien nicht festzustellen waren, so auBerte 
Bessel die Ansicht, daB die Ursache im Kometen selbst lage und mit der Ab- 
stoBung von Materie zusammenhinge 2 . Bei der Beobachtung des Halleyschen 
Kometen hatte Bessel festgestellt, daB der Kometenkern bevorzugt in Richtung 
zur Sonne Materie ausstieB. Er argumentierte, daB dieser Vorgang die Bahn- 

bewegung beeinflussen miisse, und daB 
man nur iiber die GroBe des Effektes 
noch streiten konne. 

Der Enckesche Komet scheint nicht 
dcr einzige zu sein, bei welchem die Bahn- 
bewegung durch die Newtonschen At- 
traktionskrafte im Sonnensystem allein 
nicht eine vollstandige Erkliirung findet. 
A. D. Dubiago 3 gibt in einer Publika- 
tion noch vier weitere Falle an (Tabelle 6). AuBer Dubiago hat sich auch 
F. Whipple 4 mit der Deutung der Erscheinung beschaftigt. Beide Autoren 
akzeptieren den Besselschen Gedanken der MassenabstoBung. Sie versuchen 
eine Abschatzung der notwendigen Massenabgabe AM bzw. des Verhaltnisses 
vAMjM (M gleich der gesamten Kometenmassc, v gleich der AbstoBungsgeschwin- 
digkeit). Es scheint, daB fiir den Kometen Encke die Abgabe von wesentlich 
weniger als einem Prozent der Masse pro Umlauf ausreicht, um das aus der Be¬ 
wegung errcchnete Afi zu erkliiren. Die Verhaltnis.se benotigen jedoch noch 
einer besseren Klilrung. 

1 O. Backlund: Astronom. Nachr. 184, 89 (1910). — A. Matkibvjcz: Bull. Obs. Poul- 
kova 14, Nr. 6 (1935)- — A.D. Dubiago: Russ. Astronom. J. 25, Nr. 6 (1948). 

8 W. Bbssel: Astronom. Nachr. 13, 345 (1836). 

* A.D. Dubiago: Russ. Astronom. J. 25. Nr. 6 (1948). 

4 F. Whipple: Astrophys. Journ. Ill, 375 (1950). Siehe auch Saloh El-Din Hamid 
u. F. Whipple: Astronom. J. 58, 100 (1953). 


Tabelle U. 


Komet 

Zeit 

dju proTatf 

Encke. . 

1819-1865 

-t-43232"lO-° 

Bicla . . 

1806—1832 

+ 7 345 

Brooks II 

1889-1910 

+ 5391 

Winnecke 

1859-1886 

— 212 

Wolf . . 

1884 — 1919 ; 

— 210 



Ziff. 4. 


Vorbemerkungen. 


477 


III. Spektren und Physik der Kometen. 

4. Vorbemerkungen. Kometen erscheinen am Himmel als ausgedehnte, dif¬ 
fuse Objekte, und sie besitzen — abgesehen von der nachsten Umgebung des 
Kometenkemes — nur eine sehr geringe Flachenhelligkeit. Ihre spektroskopische 
Erforschung zwingt zur Benutzung von sehr lichtstarken Spektralanordnungen, 
was die Erreichung groBer Auflosung ausschlieBt 1 . Bevorzugt wurden in der 
Vergangenheit Objektivprismen benutzt, sowohl wegen ihrer hoheren Licht- 
starke wie auch aus dem Grunde, daB diese in einer Aufnahme eine spektrale 
Zerlegung des ganzen Kometenbildes licfern. Ihre schwerwiegenden Nachteile 
bilden natiirlich die geringe Dispersion und die starke Oberlagerung der mono- 
chromatischen Bilder. Aufnahmen mit Spaltspektrographen bci enger Spalt- 
einstellung blieben bisher fast ausschlieBlich auf das hellere Kern-Kopfgebiet 
der Kometen beschrankt. 

Die allgemeinen Hauptmerkmale ihrer Spektren sind folgende: 1. das Vor- 
handensein einer groBeren Anzahl von Emissionsbanden (Molekiilspektren), 
2. ein kontinuierliches Spektrum, welches die Fraunhofcrschen Linien der Sonne 
erkennen laBt, und 3. das gelegentliche Erscheinen von einigen Atomlinien. 

Die relative Starke dieser drei Komponenten schwankt von Komet zu Komet 
in weiten Grenzen und wechselt ebcnfalls haufig fur ein und dasselbe Objekt mit 
der Zeit. Das Erscheinen von Atomlinien ist an kleine heliozentrische Distanzen 
gebunden (etwa r<0,7 A.E.). Das Fraunhofer-Kontinuum ist stets am intensiv- 
sten im Kerngebiet und hicr fast immer zu erkennen. In den librigen Partien 
des Kometenbildes kann das Kontinuum ganzlich verschwinden, insbesondcre 
in den geraden Schweifen. Das Auftreten von Molekulbanden in Emission muB 
als das Haupt-Charakteristikum der Kometenspektren angesehen werden. Bci 
groBen Sonnendistanzen konnen diese allerdings fehlen oder noch unsichtbar 
bleiben und bei sehr kleinen Sonnendistanzen durch das verstarkte Fraunhofer- 
Kontinuum bis zur Unsichtbarkeit iiberstrahlt werden. Das Kontinuum entsteht 
zweifellos durch Streuung des Sonnenlichtes an Staub und freien Elektroncn. 
Ob die Elektronen einen wesentlichen Beitrag liefern ist noch ungeklart. 

Die Banden im Spektrum sind fur Ivopf und Schweif nicht identisch. Die Kopfe 
zeigen Banden-Emissionen von neutralen und ionisierten Verbindungen, im 
eigentlichen Schweif liegen nur ionisierte Molekiile vor. 

Eine Bibliographic der Kometenspektren. beobachtet bis etwa zum Jalire 
1938. findet man in einer Publikation von N.T. Bobrovnikoff 2 . P. Swings 
und L. Haser publizierten kurzlich einen ausgezeichneten Atlas von Kometen¬ 
spektren 3 , der das beste bisher gcwonnene Material aller Sternwarten in sehr 
guten Reproduktionen nun allgemein zugiinglich macht. In dicsem Werk findet 
man auf 23 Bildtafeln iiber 200 Einzelspektren von 66 vcrschiedenen Kometen. 
Von besonderer Qualitat sind die zahlreichen von P. Swings selbst und eini¬ 
gen Mitarbeitem am McDonald Observatorium, USA. hergestellten Spaltauf- 
nahmen einiger Kometen der letzten zwei Jahrzehnte. Neben den Reproduk¬ 
tionen enthiilt die Publikation ebcnfalls Tabellcn zur Identifizierung der 

1 Anmerkung bei der Korrektur. Unter Benutzung des 200 inch-Rcflektors auf dom 
Mt. Palomar hat J.L. Gkeenstein im August 1957 eine Reihe von ausgezeichneten Spektren 
von dem Kometen Mrkos gewonnen. die bei einer Dispersion von 18 A/mm eine bisher nie 
erreichte Aulldsung haben [Astrophys. Joom. 128. 106 (1958)]. Diese wie auch manche 
andere Publikation iiber dicbeiden hellen Kometen des Jahres 1957 konnten in diesem Artikel 
leider keine Bcriicksichtigung mehr finden. 

2 N.T. Bobrovnikoff: Phys. Rev. 14, 172 (1942). 

3 P* .Swings u. L. Haser: Atlas of Representive Cometary Spectra. Astrophysical 
Institute of the University of Lifcge, I.iegc 1955. 
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Kometen-Emissionen sowie eine 
Tabelle der Bahnelemente der 
Objekte. In einem einleitenden 
Text sind die Hauptmerkmale 
der Kometenspektren und die 
wesentlichsten Grundlagen der 
Kometenphysik beschrieben. Die 
Bandenspektren der Kometen 
konnen zum groBten Teil auch 
in Laboratoriums-Lichtquellen 
erzeugt werdcn. Zum Zweckc 
eines Vergleichs sind in dem 
Atlas eine Anzahl von entspre- 
chenden Laboratoriums-Aufnah- 
men aufgenommen worden. 

5. Die Strahlung der Kome- 
tenatmospharen (allgemeine Zu- 
sammensetzung). Die in Fig. 10 
wiedergegebenen Aufnahmen, die 
dem Atlas von Swings und 
Haser entnommen sind, ver- 
mitteln leicht einen Oberblick 
iiber die Hauptmerkmale eines 
vollentwickelten Kometenkopf- 
Spektrums und zwar fur den 
Fall, daB das kontinuierliche 
Licht gegentibcr dem Gasspek- 
trum sehr stark zuriicktritt. Der 
Spalt des Spektrographen (Quarz- 
optik) war bei den Aufnahmen 
a bis c so orienticrt, daB der 
Kometenkern auf der Spaltmitte 
lag, bei der Aufnahme d dagegen 
an einem Ende des Spaltes. Die 
Kernposition ist durch die hoch- 
ste Lichtintensitat im Spcktrum 
und durch ein von Rot nach Ultra- 
violett durchgehendes Konti- 
nuum ausgezeichnet. Fig. 11 
zeigt Spektren desselben Kome¬ 
ten, aufgenommen mit eincr 
Glasoptik. Die Identifizierung 
der kraftigsten Emissionen, wie 
sie hier vorliegen, hat mit einer 
^ Ausnahme (C, X 4050) von vorn- 
§ herein keine besonderen Schwie- 
rigkeiten bereitet, da sie mit 
schon lange wohlbekannten Mole- 
kiil-Emissionen tibereinstimmen. 
Die (0,0)-Bande des CN bei 
X 3883 bildet stets die hervorstechendste Einzelbande im Spektrum. Abweichend 
von den Verhilltnissen in Laboratoriums-Lichtquellen (Kohlebogen in Luft, Ent- 
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Die Strahlung der Kometenatmospharen (allgemeine Zusammensetzung) 


ladungen durch Gemische von Kohlenwasscrstoffen und Stickstoff) haben die ande- 
ren CN-Banden wie CN (1,1).... CN (0, 1) ... und CN (1, 0) ... eine abnorm ge- 
ringe Intensitat. Diese Erscheinung findet in der besonderen Anregungsart der 


Fig. 11 a—g. Spektrum des Kometen Cunningham^ 1940c). Aufnabme P. Swings, s. Allas von Swinos und Haskr.) 
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Kometenspektren (Fluoreszenzanregung durch das Sonnenkontinuum, s. Ziff. 6) 
eine befricdigende Dcutung. Die C 2 -Banden, die insgesamt betrachtet im Ko- 
metenlicht nocli kraftiger erscheinen als die von CN, weisen andcrerseits eine 
melir normale Intensitatsverteilung auf. Die drei Bandengruppen C 2 (0,0), 
C 2 (1, 1) .... C 2 (1, 0), C 2 (2, 1) ... und C 2 (0, 1), C 2 (l, 2) ... sind ahnlich ausgebildet 
wie in Bogen- und Gasentladungen. Nach der Fluorcszenz-Hypothese ist auch dies 
zu erwarten und erkliirt sich zwanglos auf Grund des Fehlens eines permanenten 
Dipolmomentes bei dem symmetrischen C 2 (s. Ziff. 6). 

Die Auflosung der Rotationsstruktur der Banden ist infolge der geringen 
Dispersion der Spektralapparate bei den engen und zahlrcichen Zweigen der C 2 - 
Banden (A 3 If — X 3 fl- System) uberhaupt nicht zu errcichen, fur die CN(0, 0)- 
Bande (B *1 7 X a 27-System) nur ganz mangelhaft 1 . Bemerkenswert ist, daB die 
unsymmetrischen Molekiile wie CN, OH, NH und andcre nur mit den niedrigsten 



Rotationslinien auftauchen; die Bandcnzweige sind sehr kurz. Auch dies wird 
durch die Fluoreszenz-Hypothese verstandlich. Diese Vereinfachung dcr Banden- 
struktur hat zur Folge, daB bei den leichten Hydrid-Verbindungen wie OH und 
NH (s. Fig. 10), bei denen die naturliche Rotationsaufspaltung infolge der klei- 
neren Tragheitsrnomente relativ groB ist 2 , trotz der geringen Dispersion doch 
schon die einzelnen Rotationslinien erkenntlich werden. 

Die in den Fig. 10 und 11 angezeigte, mit G, identifizierte Banden-Emission 
hat lange einer Zuordnung widerstanden und konnte erst neuerdings im T,a- 
boratorium reproduziert werden 3 . Dio Emission besteht aus zahlreichen Linien 
des Bereiches von A 3950 bis A 4140 mit einem Intensitiits-Maximum bei A 4050. 

Das CH-Radikal besitzt in dem Spektralbereich von A 3000 bis A 5000 zwei 
lange bekanntc Bandensysteme, die in Entladungen durch Gase bei der An- 
wesenheit von Kohle und Wasserstoff leicht auftauchen. Beide Systeme treten 

1 Vgl. dazu jcdoch FuUnote 1 auf S. 477. 

2 Die Folge der Rotationsterrac eines zweiatomigen Molekiils ist bekanntlich in erstcr 
Naherung durcti 

F(J) = «/(/+ l) 

gegeben mit der Quantenzalil J = 0, 1, 2, ..., der Rotationskonstantcn 

B “ Tjt j c*T 

und dem Tragheitsmomcnt ! = /i rf } (h Planckscho Konstante, c 1 .ichtgeschwindigkcit, /r redu- 
zierte Molckiilmasse, r 0 Abstand der Atomkerne). IS hat fur CN den Wert 1,89cm -1 , ist jc¬ 
doch fur NH mit 7,82 cm -1 mehr als viermal so groB. 

3 Im Zusammenhang mit dieser Emission ist eine umfangrciche Literatur entstanden, 
die hier nicht aufgefuhrt werden soil. Siehe Atlas von Swings und Haser. 
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auch in den Kometenspektren auf, jedoch nie mit 
hohcr Intensitat. Das eine System (A 2 A — X 2 77, 
das bckannte G-Band der Stemspektren) hat seine 
starkste Bande ( 0 , 0 ) bei X 4315, die ( 0 , 0 )-Bande 
des zweiten Systems B 2 2’— X 2 II liegt auf der 
langwelligen Seite der CN ( 0 , 0 )-Bande bei X 3883 . 
Beide Systeme sind arm an Einzelbanden und 
gewdhnlich werden nur ihre ( 0 , 0 )-Obergange 
erkennbar. 

Im langwelligeren Bereich der Kometen¬ 
spektren (X >5500) existieren eine Keihe von 
Koinzidenzen mit den sog. a-Banden des Am- 
moniaks, die aber sehr wahrscheinlich nicht NH 3 
sondem NH 2 zum Trager haben. Dieses NH.,- 
Spektrum ist jedoch weder in den Kometen 
noch im Laboratorium bisher ausreichend ent- 
wirrt worden, um die Zuordnung iiber jeden 
Zweifel sicher zu stellen. 

Wie schon bemerkt ist das Kometenleuchtcn 
arm an Atomlinien. Fiir kleinere heliozentrische 
Distanzen ist das D-Dublett des Natriums eine 
normale Erscheinung (s. Fig. 13 ). Weitere Atom¬ 
linien tauchcn erst dann auf, wenn ein Komct 
sich der Sonne bis auf Entfemungen von der 
GrbCenordnung des Sonnenradius nahert, was 
sehr selten zu beobachten ist. Von R. Copeland 
und J.G. Lohse 1 wurden Linien von Fe und Ni 
bei dem Kometen 1882 II visuell in cinem Spektro- 
skop gemessen, als dieser sehr nahe an der Sonnen- 
oberflache stand. 

AuCer den bisher aufgczahltcn neutralen Par- 
tikeln findet man in den Kometenkopfen zeit- 
w'eise gleichzeitig cine Keihe von ionisierten 
Molektilen. An erstcr Stelle sind die Molekiilionen 
CO f , N 2 und CO« zu nennen. Obwohl diese drei 
genannten Partikeln charakteristisch fur die Ko- 
metenschweife sind, findet man clieselben docli 
auch in den Kometenkopfen. Andererseits treten 
aber die typischen Partikel der Kometenkopfe, 
die neutralen Molekule CN, C. 2 , OH, NH und 
CH nie in den Kometenschweifen auf, eine Tat- 
sache, die schon lange bekannt ist. Falls kein 
Kontinuum vorliegt, so entfallt mehr als 90 % des 
Schweiflichtes auf das Resonanzbanden-System 
A ~IJ X " 2 , des CO* (sog. Kometenschweif- 
Banden). Die Emissionen von N 2 und COJ sind- 
im Vergleich zu der von CO* schwach. Die 
Dublett-Banden des Komotenschweif-CO*-Spek- 
trums erstrccken sich iiber den gesamten photo- 
graphischen und visuellen Bereich des Spektrums, 

1 K. Copeland u. J.G. Lohse: Copernicus (Dublin) 

2, 225 (1882). 

llandbuch d« Phx’sik, i*d LIT. 
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31 


X-ST6S X=3880 

Fill. 13. Spcktnun des Kometen Mrkos 1957d. (Anfnahine G.Manxino, Sternwarte Asi.igo). 
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sind jedoch besonders kraftig im blau-violctten Gebiet. Bei gemischten 
Schweiftypen (Gas und Staub) kann man haufig beobachten, daB die 
visuellen und photographischen Schweifstrukturen sehr voneinander verschieden 
sind, da im Visuellen mehr das Kontinuum, also die Verteilung des Staubes, 
dagegen im Photographischen mehr die Verteilung des Gases die erfaBte Struk- 

tur bestimmt (s. Fig. 14a 
und b). Die CCD-Kometen- 
schweifbanden bilden einen 
2 /7— 2 2T-0bergang mit einer 
weiten Aufspaltung des 2 /7- 
Terms, so daB jede Einzel- 
bande eine auch bei maBi- 
ger Dispersion erkennbare 
Doppelkante bildet. Fig. 15 
zeigt eine Objektivprismen- 
Aufnahme des Kometen 
Morehouse 1908 III (nach 
F. Baldet, entnommen 
dem Atlas von P. Swings 
und L. Haser), welche die 
CO + -Emission fast voll- 
standig frei von anderen 
Emissionen erkennen laBt. 
Der Komet Morehouse bc- 
saB nur ganz schwache An- 
deutungen der Emissionen 
von CN und C 2 und be- 
stand (sowcit es sich um 
die im Sichtbaren und 
Photographischen emittie- 
renden Partikeln handelt) 
fast nur aus CO 1 mit einer 
Beimengung von NJ. In 
den Spaltaufnahmen des 
Kometenkopfes des Ko¬ 
meten 1911 V (Lick-Auf- 
nahmen) der Fig. 12 las- 
sen sich die vier inten- 
sivsten ,,Dubletts‘‘ der 
Kometenschweifbanden als 
weit getrennte „Linien“ erkennen. Die Rotations-Struktur dieser Banden, die 
stark ausgepragte Kanten bilden, bleibt vollstandig unaufgelost. 

Das Nj-Molektil ist in den Kometenschweifen im wesentlichen nur mit der 
(0, 0)-Bande A 3914 des B 2 E — X 2 2,’-Resonanzsystems vertreten. Swings und 
Page 1 konnten nachweisen, daB auch das COJ-Ion mit einigen schwachcn Banden 
in den Schweifen vorliegt. Fur das CO’-Ion sind auBer den starken Resonanz- 
banden durch Swings ebenfalls Banden des Baldet-Johnson-Systems B 2 E — A 2 II 
nachgewiesen worden. Der untere Elektronenzustand dieses Systems HI ist 
identisch mit dem oberen Elektronenzustand der Resonanzbanden. 

An ionisierten Teilchen sind dann weiterhin die Ionen CH + und OH + nach¬ 
gewiesen. Dcrcn Emissionen zeigen nur eine geringe Ausdehnung in das eigent- 
1 P. Swings u. T.L. Page: Astrophys. Journ. Ill, 530 (1950). 


Fig. 14 a. Komet Mrkos 1957d. 15. August 1957. Aufnahmc im blauviolctten 
Spektralbereich. (Aufnahme von P. Ma»fei, 60 cm*Reflektor, Sternwarte 
Lo jano-Bologna.) 
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liche Schweifgebiet und werden meist nur in den Kopfen im Gebiet um den 
Kern deutlich erkennbar. 

Wahrend bei mittleren Sonnendistanzen (r = 1,5 bis r = 0,5 A.E.) meist das 
Gasspcktrum vorzuherrschcn scheint, findet man fur kleine und ebenso fur groCere 
heliozentrische Distanzen vielfach cinen hohen Anteil an kontinuierlichem I.icht. 
Bei dem Kometen Schwass- 
mann-Wachmann II, der 
eine wenig exzentrische 
Bahn besitzt, und dessen 
Sonnen - Entfernung sich 
bei einer Urnlaufzeit von 
16,41 Jahren nur zwischen 
den Grcnzen r — 5,51 und 
f = 7,43 A.E. iindert, ist 
bisher spektroskopisch aus- 
schlieBlich nur ein Konti- 
nuum beobachtet wordcn 1 . 

Der ausgedehnte, rund- 
liche Kopf dieses Objektes 
besteht anscheinend aus 
Staub. Es ist nicht aus- 
zuschlieBen, daB auch das 
Sonnenlicht streuende Gase 
vorliegen, die jedoch von 
der Art sein miissen, daB 
sie keine sichtbare Fluores- 
zenz crgeben. Die beiden 
hellen Kometen des Jah- 
res 1957 (Arcnd-Rolland, 

Mrkos) die bei heliozentri- 
schen Distanzen zwischen 
r = 0,4 und r = 0,8 A.E. 
beobachtet wurden, zeig- 
ten beide (insbesondere der 
erste) ein bedeutendes kon- 
tinuierliches Spektrum, das 
sich iiber den ganzen Ko¬ 
meten erstreckte, und zeit- 
weise das Gasspcktrum 
nur schwer crkennen lieB. Soweit durch Objektivprismen-Aufnahmen feststellbar, 
besaBen die Kometen 1910a (beobachtet bei r = 0,13 A.E.) und 1941 I (beob’ 
achtet bei r= 0,53 A.E.) ein rein kontinuierliches Schweifspektrum 2 . Beim Ko¬ 
meten Mrkos 1957 lieB sich erkennen, daB dieser zwei Schweife verschicdcner 
Kriimmung ausgcbildet hatte (s. Fig. 2 und 31 ), die in Kopfnahe zusammenflossen. 
Dieses Phanomen der Doppelschweife bei Staub-Gaskometen ist seit langem 
bekannt. Dasselbe entsteht dadurch, daB die festen Staubteilchen, die den 
starker gekrummten Schweif bilden, einer geringeren Sonnenrepulsion unter- 
liegen als die CO + -Ioncn des Gasschweifes (s. Ziff. 16 ). 


1 N.U. Mayall: Publ. Astronom. Soc. Pacific 53. 340 (1941). - G.H. Herbig: Publ. 
Astronora. Soc. Pacific 58, 61 (1«M6). 

2 Siche Atlas von Swings und Haser. 



Fig. 14 b. Wie Fig. 14 a, judoch Aufnahme im roten Spcktralbereich. (Auf- 
nahme von P. Maffei, 60 cm - Reflcktor, Stcrnwarte Lojano - Bologna. 
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6. Entwicklung der Bandenintensitaten mit der heliozentrischen Distanz 1 . 
Die Bandenemission, die bei der Annaherung cines Kometen an die Sonne 
an erster Stelle crscheint, ist die (0, 0)-Bande des CN bei X 3883. Sie hat sofort 
eine Ausdehnung tiber den ganzen Kometcnkopf und behalt diesc auch weiterhin 
bei. Die kritische Distanz fiir das Erscheinen dieser Bande liegt bei etwa 3 A.E. 
An zwciter Stelle folgen die Emissionen von C s und NH 2 (r^2 A.E.). Bei Di- 
stanzen von r as 2 A.E. ist die C 3 -Bandcncmission kraftiger als die dann auch 
meist sichtbare (0, 1)-Bande des CN, das Intensitats-Verhaltnis C 3 :CN(0, 1) 
verkleinert sich mit abnehmendem r. C 3 und NH 2 dchnen sich weniger wcit vom 
Kern in den Kopf hinein aus als CN. 

Die C 2 -S\vanbanden tauchen bei rssl,8A.E. auf. Ihre Ausbreitung in den 
Kopf hinein ist ebenfalls weniger weit als die von CN, iibertrifft aber diejenige 
von C 3 . Die relativ hohenVibrations- und Rotations-Temperaturen des C 2 -Molektils 


M ( 3 . 0 ) _ (Ml _ M CO* (CT) 



I • I o 
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Fig. 15. Komet Morehouse 190S. (Aufnahme F. Baldet, s. Atlas von Swings und Haser.) 


sind vom Beginn ihres Erscheinens an vorhanden. Die anderen neulralen Ver- 
bindungen (OH, CH, NH) lassen sich dann fiir rss1,5 A.E. nachwcisen, womit 
das eigentliche Kopfspektrum voll entwickelt ist. 

Nach dem Periheldurchgang verlaufen die Veranderungen im Spektrum im 
umgekchrten Sinne. 

Die CO + -Schweife sind selten friiher als fiir r = 1,5 A.E. deutlich entwickelt. 

Wenn hier von einer allgemeinen, gleichformigen Entwicklung der Komcten- 
spektren gesprochen worden ist, so darf daraus nicht geschlossen werden, daB 
wir es bei alien Objekten mit einer genau gleichen Entwicklung und einer ein- 
heitlichen chemischen Zusammensetzung zu tun haben. Die Tatsache, daB ihre 
Mchrzahl immer nur fiir kleine Bereiche der heliozentrischen Distanz unter 
Beobachtung bleibt und quantitative Intensitatsmessungcn sehr schwierig sind, 
gestattet kaum quantitative Riickschltisse auf Unterschiede in der chemischen 
Zusammensetzung. Allerdings kennen wir zumindest ein Beispiel, fiir das cine 
ganz auffallende Abweichung von dem normalen Gasspcktrum vorlag. Komet 
Morehouse 1908 hattc bereits bei r = 1,5 A.E. cincn auBerordcntlich stark ent- 
wickclte CO" Nj-Schweif. Die CO t --N 2 -Emission war zudem besonders kriiftig 
in der Umgcbung des Kometenkernes. Im Vcrgleich dazu traten die Molektile 
CN und C 2 nur ganz schwach in Erscheinung. Aus letztem Grunde war ein cigcnt- 
licher Kopf bei diesem Kometen iiberhaupt nicht ausgebildet. 

Swings u. Mitarb. haben weitcr festgestellt, daB auch fiir die neutralen 
Kopfmolekiile die relativen Banden-Intensitaten schwanken konnen. Dies trifft 

1 VgL dazu die Zusammcnfassung der bishcrigen Beobachtungsergebnissc und die Lite- 
raturangaben in dem Atlas von Swings und Haser. 
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Spcktrum und Anregung. 


485 


insbesondere fiir die relative Starke der OH- und NH-Emissionen zu. Von ciner 
einheitliehen chemischen Zusammensetzung kann somit keine Rede scin, da es 
keinesfalls angangig ist, die beobachteten Differcnzen auf Anderungcn in der 
Anregung zurtickzufiihren. 

7. Spektrum und Anregung. Schon von Schwarzschild und Kron 1 wurde 
vermutet, daB die Banden- und Linienemission in den Kometcn ein Fluoreszenz- 
vorgang ist, dcr durcli das Sonnenlicht angeregt wird. H. Zanstra* und K. 
Wurm 3 haben spater die Fluoreszenzhypothese nit her verfolgt und durch iiber- 
zeugende Argumente belegt. Es ist zunachst zu bemerken, daB die kraftigen 
Emissionen, die vorliegen, ausnalimslos den Resonanzsystemen dcr Trager- 
partikel entspringen. Man benotigt, wie sich zeigen laBt, nur sehr geringe Gas- 
massen, um die gemessenen absoluten Helligkeiten auf dcr Basis der Annahmc 
eincr Muoreszenzanregung zu crklaren. Von K. Wurm wurde dann gczeigt, 
daB die Lluoreszenzvorstellung und nur diese in dcrLage ist, die eigentiimlichen 
Intcnsitats-Verhaltnissc inncrhalb dcr Bandensysteme und der Bandenzweige 
zwanglos verstandlich zu machen. 

Wie in Ziff. 6 schon erwahnt wurde, tritt das symmetrische Cj-Molekiil mit 
einer normalen Ausbildung der Banden und Bandenzweige auf (zahlreiche 
Einzelbanden, voile Bandenzweige), wahrend das unsymmetrische CN eine anor- 
mal kraftige ((), 0)-Bandc und nur bruchsttickhaft ausgebildete Zweige aufweist. 
Die I.angc der Bandenzweige ist beim CN mit der Sonncndistanz r veriindcrlich 
und zwar in der Weisc, daB das Intensitatsmaximum in einem Zweig sich mit 
abnehmendem r zu hoheren Rotations- Quantenzahlen verschiebt. 

Verfasser hat diese Besonderheiten wie folgt erklart. Die Fluoreszenzan- 
regung durch das Sonnenkontinuum geht in der Kometcn-Atmosphare ganz 
ungestort vor sich. Anders als bei Laboratoriumsexperimenten erleiden infolge 
der extrem niedrigen Dichten die absorbierenden und emittierenden Molckiile 
keine StoBe durch andere Molcktile, und die optische Dicke der gesamten Atmo- 
spharen-Schicht ist goring. Abgcschen vom Anfangszustand beim Eintritt in die 
Atmosphare wird wegen der Abwesenheit von StoBen die Verteilung der Molc- 
kiile iiber die Quatcnzustande allein durch die Intensitiit und Intensitatsver- 
tcilung dcr anregenden Sonnenstrahlung und durch die Molektilkonstanten 
(Cbergangswahrscheinlichkeiten, Verweilzeiten) bestimmt. Wesentlich ist dann 
weiterhin, daB die Absorptionsprozesse an einem individuellen Molekul im Mittel 
in relativ groBen Zeitabstandcn aufeinandcr folgen, dies um so mehr, je weiter 
der Komet von dcr Sonne stcht. Fiir r — 1 ist beispielswei.se die Zcit zwischen 
zwei sukzcssiven Absorptionsvorgangen von der Ordnung 10 2 sec (s. unten, 
S. 486), ein Zeitintervall, welches bereits groB ist im Verglcich zu den Verweil¬ 
zeiten in den Schwingungsniveaus der Grundzustande von Dipolmolekiilcn und 
vergleichbar mit den Verweilzeiten in den tiefsten Rotationszustandcn. Bei 
einer Beurteilung dcr Emissionsstrukturen der Banden ist es deshalb wichtig, 
zu beachten, daB die unsymmctrischen Molekiile wie CN, CH usw. mit permanen- 
tem Dipolmoment nach jeder Anregung Zeit finden, um in das tiefste Schwingungs- 
niveau v" = Q und in die tieferen Rotationsniveaus zurtickzufallen. Eine ncue 
Anregung kann also immer wieder nur aus diesen tiefliegenden Termcn heraus 
erfolgen. 

l'iir ein symmetrisches Molekiil wie C 2 ohne Dipolmoment liegen nun aber 
die Verhaltniss e insofem anders, als jetzt die Verweilzeiten in den Schwingungs- 

1 H. Schwarzschild u. E. Kron: Astrophys. Journ. 34. 342 (1911). 

2 H Zaxstra: Monthly Notices Roy. Astronoin. Soc. London 89, 178 (1928). 

3 K. Wurm: Z. Astrophys. 5. 10 (1932); 8, 281 (1934); 9, 62 (1934). - Mitt. Hamburger 
Sternwarte 8, Nr. 51 (1943). 
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und Rotationszustanden auBerordentlich lang sind, und mit einer Ausstrahlung 
von reiner Schwingungs- und reiner Rotationsenergie nicht me.hr gerechnet werden 
kann. 

Zur Abschatzung der Hiiufigkeit der Fluoreszenzprozesse in den Resonanz- 
systemen geniigt es, wenn wir die Molckiile durch klassische, raumliche Oszilla- 
toren idealisiercn. Die Anzahl N A der Absorptions- und Recmissionsprozesse zwi- 
schen den Elektronenzustanden eines Molekiils in der Zeitcinheit ist dann ge- 
geben durch 




(7.1) 


mit e gleich der Ladung des Elektrons (in elektrostatischen Einheiten) und m, : 
gleich der Masse des Elektrons. / bezeichnet die Oszillatorenstarke des Systems, 
q' v die Strahlungsdichte (fiir die Absorptionsfrequenz v) am Ort des Kometen 
und h die Plancksche Konstante. Angeniiherte Werte fiir / fiir einige Molekiile 
(CN, C 2 , OH, CN, NH) sind nach einem Verfahren von Mulliken 1 durch Lyd- 
dane, Rogers und Roach 2 bcrcchnet worden. Fiir CN und C 2 sind die / von 
der Ordnung 10~*. Bei Anwendung von Gl. (7.1) auf das C 2 -Molekiil, dessen 
Resonanzfrequenzen auf dem Maximum der Sonnenstrahlung liegen, erhalten 
wir 

(72) 


N A 


und fiir CN einen um einen Faktor 3 bis 5 kleineren Wert. Gl. (7.2) wurde er- 
rechnet mit einer Sonnentemperatur T =6000° und einem Verdiinnungsfaktor 
fiir die Strahlung gleich R%l4nr l (R Q gleich dem Sonnenradius). Fiir die Ent- 
fernung r = 1 A.E. erfolgen somit die Prozesse an einem einzelnen C 2 -Molekiil 
im Durchschnitt in einem zeitlichen Abstand von 10 bis 100 sec, am CN etwa 
alle 100 sec. 

Fur das CN-Molekiil konnen wir bei den Schwingungsniveaus mit Ubergangs- 
wahrscheinlichkeiten der Ordnung /1 OSC = 10 1 bis 10 3 rechnen. Bei den Elektronen- 
spriingen eventuell gewonncnc Schwingungsquanten gehen also selbst bei klei¬ 
neren Sonnendistanzen bis zu r =0,1 und darunter bis zum Einsetzen eines neuen 
Elektronensprunges durch Ultrarot-Ausstrahlung wieder verloren. Jedc Anregung 
in dem B 2 Z — X 2 Z- System trifft danach die Molekiile immer in dem Schwin- 
gungsniveau v" = 0 des Grundzustandes an. Wegen der symmetrischen Lage 
der Potentialkurven in den Elektronenzustanden X 2 27 und B 2 £ wird deshalb 
ein Sprung X 2 2>" = 0)->-B 2 2’(i/ = 0) mit der Reemission B £ 2 (v' = 0)-> 
X 2 £(v" = 0) gegeniiber alien anderen Fluoreszenz-Spriingen stark bevorzugt sein. 

Das C r Molekiil weist fiir die beiden Elektronenzustande des Swansystems 
eine ahnliche symmetrische Lage der Potentialkurven auf wie das CN. Infolge 
der Unfahigkeit des Molekiils zur Ausstrahlung von reiner Schwingungsencrgie 
kann hier aber nicht dcr gleiche Effekt erwartet werden wie bcim CN. Die 
Unkenntnis des Anfangszustandes der Verteilung uber die Quantenzustande 
und die nur mangelhafte Kenntnis der relativen Obergangswahrscheinlichkeiten 
fiir die verschicdenen A 3 IT(v')*+X 2 /7(t;")-Sprunge machen es unmoglich, das 
Zustandekommen der beobachteten relativen Intensitaten der Banden des 
Systems genauer aufzudecken. Die relativen Intensitaten dcr Banden sind in 
etwa dieselben wie man sie in einer Lichtquelle im Temperatur-Gleichgewicht 
bei 2000 bis 3000 ° erwarten kann 3 . 

1 K. Mulliken : J. Chem. Phys. 7. 14 (1939); 8, 382 (1940). 

2 R.H. Lyddane, F.T. Rogers u. F.E. Roach: Phys. Rev. 60. 281 (1941). Vgl. dazu 
auch R.H. Dwyer u. O. Oldenburg: J. Chem. Phys. 12, 361 (1941). 

3 K. Wurm: Handbuch der Astrophysik, Erg.-Bd. VII, S. 305. Berlin 1936 . 
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Spektrum und Anrcgung. 
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Die (O.O)-Bande des CN bestcht bei kleiner Dispersion gewohnlich aus zwei dif- 
fusen ,,Linien" mit etwas Struktur (s. Fig. 11 u. 16). Die eine dieser diffusen Linien 
wird gebildet von den unaufgelosten Rotationslinien des P-Zweiges (langwellig), 
die andere von den P- Linien. V.M. Slipher 1 und spater J. Dufay 2 haben als 
erste darauf aufmerksam gemacht, dab die Aufspaltung dieser ,,Linien" mit der 



heliozentrischen Distanz der Kometen 
veranderlich ist. Dufay bestimmte fur 
neun verschiedene Kometen, beobach- 
tet bei verschiedenen Sonnendistanzen, 



die Laufzahlen K in den Serienlinien, die am nachsten mit den Positionen dcr 
Intensitatsmaxima ubereinstimmen. Das Resultat zeigt Fig. 17 , in wclcher die 
Abszisse die heliozentrische Distanz zur Zeit der Bcobachtung bezeichnct und 
die Ordinate die genannte Laufzahl K (beide 
ergeben sich als gleich fur P- und P-Zweig). 

Mit abnehmcnder Sonnendistanz r verschiebt 
sich also das Intensitatsmaximum in den 
Zweigen zu hoheren Rotations-Quantenzah- 
len K. 

Wie Verfasser gezeigt hat, ist dieser Effekt 
gerade zu erwarten, wenn eine Fluoreszenz- 
anregung vorliegt, und wenn die Verweilzeiten 
in den Rotations-Niveaus von derselben Lange 
werden wie das Zeitintervall zwischcn zwei 
aufeinander folgendcn Absorptionsprozesscn 
am Molekill. Man erkennt dies sofort unter 
Beachtung der relativen Obergangswahrschein- 
lichkeiten in P- und R -Zweig eines 2 1' — 2 1- 
Oberganges (s. Fig. 18). Nacli den quanten- 
theoretischen Intensitatsformcln hat in Ab¬ 
sorption die Linie P(K) (Numerierung nach dem 
Grundniveau) den Intensitatsfaktor i P(K) -2K, die Linie R(K) jedoch den Faktor 
*/«/<■) = 2(-K-)-1). In Emission haben die von einem bestimmten Niveau aus- 
gehenden Linien P(K |-2) und R(K) die Intensitatsfaktoren i nK ^ 2) = 2(K -\-2) 
und »a'(a-) — 2{K -f 1). Bei kleinen K sind also in Absorption die P-Spriinge, in 
Emission die P-Spriinge bevorzugt. Bei einer storungsfreien Fluoreszen/.anregung, 
erzcugt durch ein gleichformiges Kontinuum, werden also die Molekiilc Rota- 
tionsenergie gewinnen, wenn das Zeitintervall zwischen zwei aufeinandcrfolgenden 

1 V.M. Slipher: Bull. Lowell Obs. Nr. 74. 

8 J. Dufay: C. R. Acad. Sci., Paris 206, 1948 (1938). 


-K*t 

-K*t 

-X 

-K-1 


-K*2 
-X.f 
■ K 
■K-1 


K’ 


K" 


1'ig. 18. IntensitiUcn der Obergiingc in einem 
System. 
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Absorptionen klcincr wird als die Verweilzeiten in den Rotationsniveaus. Im 
Prinzip ist damit die Rotationsstruktur beim CX und deren Veriinderlichkeit 
mit r erkliirt. 

P. Swings', A. McKellar* und insbesondere J. Hunakrts 1 * 3 haben spater 
die Verhaltnisse mehr im Detail untersucht und auch andere unsymmetrische 
Molekiile wie CH, NH und OH bearbeitet. Besonders erwahnenswert aus diesen 
Arbeiten ist der einwandfreie Nachweis, dab sich in der Feinstruktur der Ban- 
den auch eindeutig ein EinfluB der UnregelmaBigkeiten im Sonnenspektrum 
(stellenweise Schwachung dcs Kontinuums durch brcitc Absorptionslinien) wider- 
spiegelt. Hunakrts, der die Rotationsstruktur der Hydride CH, XH und OH 
sehr ausfiihrlicli behandelt hat, untemahm den Versuch, die unbekannten Ver¬ 
weilzeiten in den unteren Rotationszustanden aus der aufgefundenen Zweigaus- 
bildung zu berechnen. In Tabelle 7 findet man sein Rcsultat fllr XH. Ftir CH 

und OH kommt der Autor zu denselben GrbCen- 

Tabelle 7 . Verweilzeiten in 0r dnungcn. 

den ersteu lintationsniveaus 8. Photodissoziations- und Photoionisations-Pro- 


/iir den Grundzu.stand 
3 Z>"-0) dcs NH 


Rotations- 

quantvnzahl 

Vorweilxrit 

r 

T rot 

2 

1290 sec 

3 

355 see 

4 

145 sec 

5 

72 sec 


zesse 4 * 6 . Die Gasatmospharc cincs Kometen muB 
sich bestandig emeuern. Ein Teil der Gase wird 
durch starke Repulsionskrafte in der Richtung des 
Schweifes abgetrieben, ein anderer Teil expandiert 
allseitig vom Kern aus in den Raum. Es kann nicht 
bezweifelt werden, daB auBer den Verbindungen, 
die wir durch cine Emission erkennen, auch noch 
zahlreiche andere vorliegen, die durch das Sonncn- 
kontinuum nicht oder nur auBerst schwach angeregt 
werden konnen, die also unsichtbar bleiben. 


Die Chcmic der Atmospharen der Kometen ist sicherlich im Prinzip sehr 
einfach®. Xach einer Abschatzung der Dichten® und nach den schon oben aus- 


cinandergesetzten stark unterscliiedlichen ..Schwingungs-" und ..Rotations- 
temperaturen" der Verbindungen kann man mit Sichcrheit scldicBcn, daB nor- 


malen chemischen Reaktionen, die ja an StoBprozessc gebunden sind, in ihnen 
keine Bedcutung zukoinmt. An chemischen Umwandlungen konnen nur Zer- 
setzungen der Verbindungen durch den photochcmischen PrimarprozeB und 
Photoionisation cintreten 7 . Trotz dieses einfachen Gesichtspunktes bleibt es 
trotzdem auBerst schwierig, fiir irgendeincs der nachgewiesenen Molekiile seine 
..Zerfallsreihe" aufzudcckcn, was scincn wesentliehen Grund in dcr schwaclien 


Anrcgung der Atmosphere hat. Spektroskopisch erfaBbar sind ja nur solche 
Parlikel, deren Resonanzfrequcnzen im astrophysikalisch zugiinglichcn Spektrum 
liegen. Die Schwierigkeiten werden ausreichend bcleuchtet, wenn wir uns einmal 


1 P. Swings: Lick Obs. Hull. 19 (1951). 

4 A. McKkllar: Rev. Mod. Phys. 14. 179 (1943)- — Astropliys. Journ. 98, 1 (1943): 
99, 162 (1944). 

3 J. Hunakrts: Ann. Obs. Roy. Bclg. 5, Nr. 1 . — Symposium I.idgc 1952 ; 1956 , S. 82 
u. 63- — Ann. Obs. Roy. Bclg., Ser. Ill 6 , 97 . 

4 Vgl. da/.u K. Wurm: Z. Astrophys. 9, 62 (1934) und Mitt. Hamburger Sternwartc 8 , 
Nr. 51 (1943). 

1 Die Chcmic dcr Kerne mag dagegen auBerst kompliziert scin. Vgl. dazu weiter unten, 
Ziff. 10 . 

6 Die Dichtcn sind im Zcntrum des Kometenkopfes bei hellercn Kometen von der Ord- 
nung 10 4 bis 10 s Tcilchen pro cm*. Dieses sind Partialdichtcn der Molekule wie CN und C». 
Vgl, dazu K. Wurm, loc. cit. Hamburger Mitt. 

7 Neucrdings ist von cinigcn Autoren ein EinfluB von solarcn KorpuskelslrtSmen auf die 
Komctcnatmospharen crnstlich zur Diskussion gestcllt worden (s. Ziff. 16 ). Wir sehen bier 
zunachst einmal von einem solchen EinfluB ab. 
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Polarisation des Kometenlichtes. 
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eine hypothelische, verzweigte Umwandlungsreihe ansehen, welcher das beob- 
achtete CO + -Ion angchoren konnte, und die durch folgendes Schema zu charak- 
terisieren ware: 

CO, CO + -y CO* ♦ 

^ 0 -> 0 + ... 

Das CO*-Ion gcht durch Photoionisation aus CO hervor, und dieses ist durch eine 
Photodissoziation aus CO, entstanden. Das chemische sehr stabile C0 2 fassen 
wir als ein Entgasungs- oder Verdampfungsprodukt des festen Kometenkemes 
auf. Das CO*-Ion soli dann durch eine weitere Ionisation in CO** iibergehen. 
Die drei Partikel, die mit dem CO + in einer Reihe stehcn, konnten im Kometen- 
spektrum aber nur bei einer intensiven UV-Anregung sichtbar werden, und 
dasselbe gilt ftir das von C0 2 abgespaltene Atom O und dessen Ionen. In Wahr- 
heit konnen wir nicht cinen der angegebenen Schrittc garantieren. Obwohl die 
Umwandlung CO hv = CO* -f Elektr. sehr wahrscheinlich ist, so kann nicht 
ausgeschlossen werden, daB das CO* seine Existenz wesentlich oder doch zum 
Teil dem ProzeB C0 2 + Av->C0 + +0 vcrdankt. Der ProzeB CO* + Av-»-CO* + 
ist ebcnsowenig garantiert und konnte durch den Dissoziationsvorgang C0* + 
hv-> C+0* (oder C* + 0) Ubcrtroffcn werden. 

\ on dem CO -Molektil laBt sich auf jcden Fall sagen, daB es im Strahlungs- 
feld der Sonne einer Dissoziation (und Ionisation) sehr widersteht und deshalb 
eine relativ groBe Existenzdauer besitzt. Offensichtlich ist dadurch erst die 
Moglichkeit der Ausbildung langer und intensiver Gasschweife gegeben. Bei 
mittleren Sonnendistanzen (r =0,5 bis 1,0 A.E.) zahlt die mittlere Existenz¬ 
dauer der CO + -Ionen sicherlich nach Tagen. Es folgt dies cinfach aus der Tat- 
sache, daB man bei diesen heliozentrischen Distanzen schon vielfach isolierte 
CO*-Schweifwolken bis zu sechs Tagen im Auge behaltcn konnte. Ob die anderen 
Schweifmolekiile wie C0 2 und N 2 eine iihnliche Stabilitiit dem Sonnenlicht 
gegenuber aufweisen, hat sich wegen der Schwache der Banden dieser Ionen 
noch nicht entscheiden lassen; es scheint dies aber wahrscheinlich. 

V crfasser hat schon friih darauf liingewicsen*, daB die Verschiedenheit von 
Kopf- und Schweifemission in der verschiedcn langen Existenzdauer der Molekul- 
sortcn (CN, C 2 , OH, NH einerseits und CO*, X 2 , COJ andcrcrseits) eine einfache 
Erklarung findet. Die Molekule der Kopfgruppe erleiden eine Dissoziation (oder 
Ionisation) bevor sie in den eigentlichen Schweif abgetriebcn werden konnen. 
Die mittleren Lebensdauern dcr Molekule CN und C 2 liegen bei mittleren Sonnen¬ 
distanzen in der GroBenordnung von einigen Stundcn und nicht von Tagen. 
Dafur sprechen schon die Beobachtungen, daB merkliche und sogar starke Hellig- 
keitsvemunderungen des Kometenkopfes sich von einer Nacht zur anderen voll- 
ziehen konnen. 

Die Theorie der sukzessiven Umwandlung der Molekule in den Kometen, 
deren Grundlage Verfasser schon vor mchr als eincm Jalrrzehnt entwickelt hat 2 , 
ist in ilirer praktischen Anwendung noch immer ein Problem der Zukunft ge- 
blieben. 

9. Polarisation des Kometenlichtes. Das Vorliegen einer teilweisen Polari¬ 
sation des Kometenlichtes wurde zuerst von Arago an den Objekten 1819 III 
und 1835 III (Halley) festgestellt 3 . Nach Arago stellte dann Wright 4 Po- 
larisations - Beo bachtungen an den groBen Kometen 1881 III (Tebbutt) und 

1 K. Wurm : Z. Astrophys. 8 . 281 (1934). 

* K. Wurj* : Mitt. Hamburger Stemwarte 8 , 51 (1943). Formal hat diese Theorie eine 
groOc Ahnlichkcit mit der Theorie des radioaktiven Gleichgcwichts. 

3 Siehe Bredikhin-Jagehmann : Kometenformen. St. Petersburg 1903. 

4 A. W. Wright: Amcr. J. Sci. 22, 142 ( 1881 ); 22, 372 (1881). 



490 


K. Wurm: Die Komcten. 


Ziff. 9. 


1881 IV (Schaeberle) an. Bei dem ersten fand er eine durchschnittliche Polari¬ 
sation von 23% mit Fluktuation von Nacht zu Nacht, an dem zweiten mab er 
einen Durchschnitt von 13 %. Dcr Phasenwinkel war in beiden Fallen angenahert 
gleich. Danjon 1 berichtet iiber photographische und visuelle Messungen an dem 
Kometen 1927 II (Pons-Winnecke), die Werte von 10 und 12% ergaben. 

Besondere Erwahnung verdienen dann die mehr systematischen Unter- 
suchungen von Ohmann* Bei dem Kometen 1939 III land er bei visueller Mes- 
sung 6 % Polarisation. Wichtigcr sind seine darauf folgenden Beobachtun- 
gen an den Objekten 1940 c (Cunningham) und 1941 c (Paraskevopoulos), bei 

denen er eine spektrale Zer- 
legung vomahm. Diese zeig- 
te, dab im ersten Falle im 
wesentlichen Bandcnlicht 
und im zweiten fast nur 
kontinuierliches Licht vor- 
lag. Die instrumentelle Aus- 
riistung bcstand aus einem 
40 cm - Astrographen mit 
einem Objektivprisma klei- 
ncr Dispersion und einem 
am Ende des Lichtwegcs 
eingebauten Wollaston-Pris- 
ma, mit Kollimator- und 
Kameralinse. Die Eigen- 
polarisation der Optik er- 
wies sich im verwendeten 
zentralen Toil des Bildfeldes 
als vernachlassigbar klein. 

Schon der einfache vi¬ 
suelle Anblick der Doppel- 
spektren des Kometen 1941 I 
(Fig. 19) macht es evident, 

Fig. 19. Polarisations-Aufnahtttfcn im zerlegton Koinetenlicht. daB Samtlichc Handonemis- 

(Nach I. Ohmann.) ' 

sioncn des photographierten 
Bereiches eine Polarisation aufweisen. Der Polarigraph war bei den Aufnahmen 
nach dem Positionswinkel Komet — Sonne orientiert undsenkrecht zur Dispersions- 
richtung. In Tabelle 8 sind die von Ohmann mitgeteilten Ergebnisse fiir die 
Bandengruppen C 2 A 5165; C 2 A 4737 und CN A 388 I aufgefuhrt, die nach einer 
sorgfaltigen Photometrie der Platten gewonnen wurdcn. 

Die Dispersion in den Betragen von p a ist zu einem Teil auf die Andcrung 
des Phasenwinkels zuriickzufiihren. Die Messungen sind allerdings nicht cxakt 
genug, um einen Gang mit dem Phasenwinkel, der iiber die Zeit der Beobachtungen 
von 42 auf 1 56° anstieg, klar erkennen zu konnen. Als wahrscheinlichste Werte 
der Polarisation fiir einen Phasenwinkel a =90° gibt Ohmann die folgenden an: 

/W = 8.3 % ±1.8%; ^ = 10,1 % ± 1.3 % 
p mi = 10,6% ± 0 , 6 % ; = 9,5% ± 1 , 8 %. 

1 A. Danjon: C. R. Acad. Sci., Paris 186. 1427 (1928). 

s I. Ohmann: Monthly Notices Roy. Astronom. Soc. I-ondon 99. 624 (1939). — Stock- 
holms Obs. Ann. 13, Nr. 11 (1941). 

3 Es ist p = -y - y-, 7, 1ntensit.it des ordentlichen, I. t des auOerordentliclien Strahlcs. 

'i ' ■‘2 
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Vorstcllungen uber die Konstitution der Kometenkerne. 
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Die quantentheoretische Interpretation der Polarisations-Vcrhaltnisse eines 
Molekulspektrums sind rccht verwickelt, da der Grad der Polarisation sowohl 
von Zweig zu Zweig wie auch noch mit der Rotations- Quantenzahl variiert 
Eine quantitative Deutung setzt auf jeden Fall eine voile Auflosung der Zweige 
und Intensitiitsmessungen an Einzellinien voraus. Wie Ohmann erlautert ist der 
beobachtete Polarisationsgrad von rund 10% fur die Systeme von C, und CN 
roh qualitativ mit der Theorie in Obereinstimmung. 

Bei dem zweitcn von ihm behandeltcn Spektrum (Komet 1941 IV) findet 
Ohmann hohere Polarisationsgrade. Die Messungen wurden in zwei Bereichen 
lm Spektrum mit den Schwer- 
punkten A 4700 und A 4300 
durchgefdhrt. Die Resultate 
sind in diesem Falle quanti- 
tativ weniger genau als fiir 
den Kometen 1941 I, und 
zwar sowohl wegen einer Ver- 
schleierung der Platten durch 
Mondhcht wie auch wegen 
der geringeren Anzahl der ge- 
wonnenen Aufnahmen. Der 
Autor halt jedoch die hohere 
Polarisation, die sich jetzt auf 
20 bis 27% belauft, durchaus 
fiir gesichcrt. Unterschiede 
fiir die beiden gemessenen 
Wellenlangenbereiche lassen 
sich soweit nicht feststellen. 

Da im Spektrum die CN- und 
Cj-Bandcn nicht klar her- 
vortreten, so ist anzunehmen, 
daB die gemessene Strahlung 
zurHauptsachedem Kometen- 
kontinuum angehort. Ohmann 
deutet die vorliegendc Polari¬ 
sation als durch eine Mischung von Strcuung und diffuser Reflexion hervor- 
gerufen. lm hallo einer reinen Streuung sollte der zu beobachtende Polarisations- 
grad noch wesentlich hbher ausfallen. Der Phasenwinkel lag in den Tagen der 
Hcobachtungen zwischen 58° und 98°. 

10. Vorstellungen uber die Konstitution der Kometenkerne. Obwohl die 
Kometenkerne als recht helle Lichtpunkte leieht erkenntlich sind, so erweisen 
sie sich doch als einer naheren Erforschung sehr schwer zuganglich. Aussagen 
iiber ihre Konstitution sind nach wie vor noch sehr spekulativ. 

Gewohnhch wird gcsagt, daB sie aus einer Ansammlung meteorischen Ma- 
terials bestehen. Lbcr die Dimensionen der Einzelkorper gehen die Meinungen 
sehr auseinander. Sicher ist, daB die Gesamtmasse und die gesamte Ausdehnung 
ernes Kometenkemes — astronomisch geschen — immer sehr klein ist, sehr klein 
sclbst im Vergleich zu den Planetentrabanten. Erste sichere Anhaltspunkte dafiir 
erluelt man auf Grund von Durchgangen von zwei Kometen durch das System 
der Jupitermonde (Lcxell 1770 I 1 ; Brooks 1889 V*). in dem die Durchgange 

\ U- J- Levekriek: Tluiorie de la comete periodique de 1770. Ann. Obs Paris 131 (1857) 

C. L. Poor: Researches upon Comet 1889 V, Part HI. 1889. Astronom. J. 13. 177 (1893)! 


Tabelle 8. 


1 icobach t u ng&Kci t 

Polarisation p (Komet 1941 I) 

C.25165 

C, 24757 CN* 2 3881 Tolales photo- 
Brapbisches Ucht 

Nov. 1940 



26,80 


0,046 

Dez. 1940 



4.70 


0,086 

4,72 


0,070 

13.66 


0,072 

13.68 


0.107 

14.65 


0.105 

14,67 


0,056 

19.66 


0,095 0,113 

19,68 


0,050 

20.73 


0.130 0.091 

22.66 

O.O67 

0.067 

22.68 

0.089 

0,092 

22,69 


0,106 0,125 

23,72 


0,094 

31.67 


0,112 0,052 

Jan. 1941 



2.69 


0,081 0,074 

3.67 


0,083 

3.68 


0,080 
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nicht die geringsten Storungen hinterlieBen. Laplace 1 bereclinetc dann auf 
Grand der Tatsache, daB der Komet Lexell bei einem nahen Vorbeigang an der 
Erde dcren Bahnbewegung nicht beeinfluBte, als oberen Grenzwcrt 0,0002 Erd- 
massen. Eine weitcre Gelegenheit zur Abschatzung einer Kometenmasse auf 
dynamischem Wege ergab sich im AnschluB an die Aufteilung des Kometen 
Bicla (1846) in zwei Komponcnten, die sich getrennt weiter bewegten und un- 
mittelbar nach der Teilung in ihrer Bewegung feststellbare Storungen aufeinander 
ausubten. J. v. Hkpperger 2 errechnete auf dieser Basis Wcrte von der Ord- 
nung 10 7 Erdmassen. 

Zahlreicher sind die Absch&tzungen der Massen und Dimensionen nach photo- 
graphischen Daten. Nach Richter 3 , der 22 vcrschicdcne Kernhelligkeiten nach 
Beobachtungen von Wirtz 4 und Beyer 5 zu diescmZwcckc behandelt hat, schwan- 
ken die Massen zwischcn 10 17 und lO^g (5,0 X10 " 11 und 1 x lO ' 5 Erdmassen). 
Die effektiven photometrischen Durchmesser werden zwischen 40 und 3000 km 
gefunden. Ftir den Halleyschen Kometen, der zu den mittelgroBen Objekten zu 
rechnen ist, errechnete Vorontsov-Velyaminov 8 einen Durchmesser von 30 km 
und eine Masse von 10 19 g. Der Autor benutzte dabei die Kernhelligkeit (15,5’") 
fur den Zeitpunkt, als der Komet bei einer Sonnendistanz von r =3,4 vorwiegend 
in kontinuierlichem Licht stralilte. Unter Annahme des gleichen Albedo-Wertes 
wie fiir den Planetoiden Ceres ( 0 , 028 ) und eines Phasengesetzes wic fiir Merkur 
(m = m n +0,015 - a, a Phasenwinkel) ergab sich, daB der Kern dem Sonnenlicht 
eine reflektierende Flachc von 3 • 10 IS cm 2 darbot. Ober die Bcrechtigung der 
Voraussetzungen in bezug auf Albedo und Phasengesetz laBt sich streiten. 

Nach Richter 7 sind die Albedo-VVcrte der Kometenkeme im Durchschnitt 
auffallend klein, schwanken aber in weiten Grenzen. Einige typischc Beispiele 
aus der Richterschen Untersuchung von 22 Objekten findet man in Tabelle 9- 
Es sind gleichzeitig die vom Autor unter gewissen Annahmen errechneten Durch¬ 
messer der Kerne aufgeschrieben 8 . Allerdings scheinen uns die angenommenen d 
auBerst unsicher, und da diese d immer obere Grenzen darstellen, so haben die 
errechneten A als untere Grenzen zu gelten, die nach unserer Meinung sogar um 
GroBenordnungen zu klein sein konnen. Dem Werte d = 900 km fiir den Hallcy- 
schen Kometen (1909 c) steht der Wert d — 30 km von Vorontsov-Velyaminov 
gegeniiber. Let/.terer ist naturlich ebenfalls unsicher und mag wesentlich zu klein 
sein. Diese Diskrcpanz beleuchtet jedoch die Unsiclierheit der Ergebnissc. 

N. Richter hat ebenfalls versucht, aus den Helligkeits-Bcobachtungen von 
14 Kometenkernen genaueres liber das Phasengesetz der Kernhelligkeiten in 
Erfahrung zu bringen. Aus einer Kombination der Helligkeitsmessungen von 

1 P.S. de Laplace: Mechanique celeste 4, 230 (1805). 

* J. v. Hkpperger: Wien. Ber. Ila, 115 , 785 (1906). 

s N. Richter: Statistik und Physik der Kometen. Leipzig 1954. 

4 V. Wirtz: Astronom. Nachr. 177, 81 (1908); dort auch friihere Literatur. 

6 M. Beyer: Astronom. Nachr. 278. 217 (1950): dort auch friihere Literatur. 

* B. Vorontsov-Velyaminov: Astrophys. Journ. 104, 226 (1946). 

7 N. Richter: Astron. Nachr. 276, 47 (1948). 

8 Die Bercchnung der Albedowerte wurde nach dcr bekannten Lambcrtschcn Pormel 
durchgcfiihrt: 

A - JL w sin * S _ 

2 ‘ 0 sin* S 0 • sin*<7 ‘ 

A! 0 ist das beobachtetc Helligkeitsverhaltnis in der Opposition des Kometenkerns zur Sonne, 
S dcr scheinbarc Halbmcsscr der Sonne von der Erde aus geselien, S 0 der scheinbarc Halb- 
messer der Sonne vom Kometen aus gcschcn, o 0 der scheinbarc Halbmcsscr des Komcten- 
kcrncs von dcr Erde aus gesehen. Da die geringste Anzahl dcr beniitzten Komctenhclligkcitcn 
aus der Opposition stammen, muBtcn diese Hclligkeitcn groBtcnteils mittcls einer Phascn- 
kurve auf die Opposition reduziert werden. 
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Tabelle 9. 


Komet 

Durchmcsser 
in km 

Albedo A 

Komet 

Durchmesser 
in km 

Albedo A 

1882 I 

500 

0,0450 

1937 c 

-r 

130 

0,0773 

1903 c 

150 

0,0320 

1939 c 

40 

0.0449 

1904 a 

480 

0,0005 

1940 c 

180 

0,0296 

1906 b 

700 

0,0002 

1907 d 

3070 

0,0034 

1932 g 

490 

0,2087 

1909 c 

900 

0,0113 

1932 k 

130 

0.3020 

1927 i 

1035 

0,0230 


14 Objekten, die einzeln fur sich genommen nur immer cin kleines Phasenwinkel- 
Intervall iiberdeckcn, Icitet er cine Phasenkurve ab, die anfangs bis zu Winkeln 
von 50 bis 60 ° sehr steil verlauft und bei diesen Winkeln schon Korrckturen 
von 4-3.0” bis +4,0” verlangt 1 , was zwei bis drei GroBenklassen mehr sind als 
fur die Planeten und den Erdmond. Der Autor sieht in dem besonderen Phasen- 
gesetz der Kerne, das dein ahnelt, welches man bei staubformigcn Massen erha.lt 2 , 
einen Beweis fiir cine vorwiegend staubformige Struktur der Kometenkerne.’ 
Es laBt sich nicht bestreiten, daB viele Kometenkerne reich an Staub sind, an 
festen Teilchen von zum Teil so geringer Dimension, daB sie leicht durch den 
Lichtdruck der Sonne in Richtung des Schweifes abgetrieben werden konnen. 
Es ist jedoch schwierig, den Standpunkt zu verteidigen, daB solche Staubwolken 
die permanenten Bestandteile der Kometenkerne sind, die ihnen ihre Existenz 
ftir astronomische Zeiten sichcrn. Fur cine kompaktere Struktur bestehend aus 
nur einigen wenigen groBen Blocken oder nur einem groBen Block sprechen eine 
ganze Reihc von Erfahrungen und Uberlegungen. Die klare Aufspaltung ein- 
zclner Kometen in zwei oder mehrere Komponenten, von denen jede Kompo- 
nente nach zunehmender raumlicher Trennung einen vollstandigen Kometen 
darstellte, laBt sich zwar auf Grund eincr Zerstiickelung groBer Blocke aber 
nicht einer Zerteilung und Aufteilung einer Staubwolke verstehen. Ebenso 
beachtenswert ist die Tatsache, daB nachweislich eine ganze Reihe von Kometen 
eine Passage der Sonncnkorona fiberstanden haben. Die am besten bekannten 
Beispiele sind die groBen Kometen 1843 und 1881 If. Bei starker Aktivitat 
erfolgt die Ausstromung von Materie aus den Kerncn bevorzugt in Richtung 
zur Sonne. Diese Bevorzugung einer Richtung weist auf das Vorliegen eines 
festen, mechanischen Widerstandes. Der Fall des kurzperiodischen Kometen 
Encke zeigt, daB die Kerne eine liohe Anzahl von Sonnen-Umlaufen mit Starker 
Annaherung an die Sonne (q = 0,33^ A.E.) durchftlhren konnen, ohne daB sich 
ihre Fahigkeit zur Gasabgabe erschopft, was wiedcrum schwerlich mit kleincn 
Dimensionen der Kemkorper in Einklang zu bringen ist. 

Die Beantwortung der Frage nach der physikalisch-chemischen Konstitution 
des Kernmaterials, das die Atmosphare mit Gas und Staub versorgt, hat ihre 
ganz besonderen Schwierigkeiten. Wie oben schon bemerkt wurde, lassen die im 
Spektrum erkenntliehen Radikale keine sicheren Schlusse auf die Natur ihrer 
Muttersubstanzcn zu, aus denen sie entstanden sind auBer, daB sie diese Radikale 
enthalten mtissen. Es liegt natilrlich nahe, in erster Linie an die stabilen Ver- 
bindungen H 2 0, NH 3 , C0 2 , CH 4 , C 2 N 2 und N 2 zu denken. Nicht ganz leicht 
ist es, ftir das beobachtete Cj ein plausibles Muttermolekiil zu nennen. Bis vor 
kurzem neigte man allgemein zu der Auffassung, daB die gasformigen Substanzen 
in okkludiertem Zustand an festen, gesteinsartigen Massen haften und durch 

1 N. Richter: Astronom. Nachr. 276, 44 (1948). 

! Vgl. dazu die Experimente von N. Richter, dargelegt in seiner Monographic ..Statistik 
und Physik der Kometen". Leipzig 1954. 
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Ziff. 10. 


Erwarmung nach und nach aus diesen ausgetrieben werden. Gegenwartig wird 
jedoch mehr cin Komctcn-Kcrnmodell diskutiert, das von einer anderen Art 
ist und vor etwa acht Jahren von F. Whippi.e 1 entworfen wurdc. 

Nach Whipple besteht ein Kometenkern aus einem Konglomerat von zu 
,,Eis" erstarrten Gasen und zwar aus solchen, die bei Zimmcrtcmperatur in Vcr- 
bindung mit ihrem Kondensat schon iiber cincn hohen Dampfdruck verfugen, 
und die im Kometenkern durchsctzt und vcrmischt sind mit bei normalcn Tem- 
peraturen festem metcorischcm Material. Diese letzteren Bestandtcile bilden, 
obwohl locker aneinander haftend, das mehr bestandige Geriist des Kerns, das 
seine Quasi-Stabilitat aber einzig dem Umstand verdankt, daB nur eine ver- 
schwindend kleine Gravitationskraft wirksam ist. Bei der Annaherung eines 
Kernes an die Sonne beginnen die Eise an den Oberfliichenteilen, die der Be- 
strahlung ausgesetzt sind, zu verdampfen. Schwacher haftende, kleine meteorischc 
Teilchen werden von den expandierenden Gasen mitgerissen. Aus zwei Grtinden 
ist das Eisreservoir gegen cine raschc Erschopfung geschiitzt. Die auftreffende 
und absorbierte Strahlungsenergic wird zum groBten Teil als Verdampfungs- 
warmc aufgebraucht, so daB — abgesehcn von dcr Erreichung klcinstcr Sonncn- 
distanzen — die Kerne immer nur maBig erwarmt werden. Nachdcm die Eise 
der Oberflachenschichtcn abgedampft sind, bildet sich bald durch die crhaltcn 
gebliebenen Strukturen des festen meteorischen Materials eine Isolationsschicht 
besonders gcringer Warmeleitfahigkeit. Letzterc hat ihren Grund in der Klein- 
heit der Kontaktflachcn innerhalb dcs loekeren Materials. 

Das Modell ist von Whipple nach dem Gesichtspunkt konstruiert, daB es 
in seinen Konsequenzen einigermaBen zwanglos die wesentliehsten, von der 
Beobachtung gestellten Forderungen befriedigt. Ein Kern stellt eine ergiebige 
aber auch glcichzeitig bestandige Quelle fur Gase und Staub dar, die mechani- 
schc Fcstigkeit muB schlieBlich cinen allmahlichen aber vollstandigen Zerfall 
und eine Auflosung in kleinste Meteoriten-Korper gestatten. 

Die bei den Kometen hiiufig auftretenden plotzlichen Helligkeitssteigerungen 
(Gas-Staubausbriichc) konnen nach den Whipplcschen Vorstellungen durch das 
Zusammenbrechen ausgehohlter Gertistteile entstehen, wodurch der Strahlung 
neuc ..Eisflachen" zum Abdampfcn dargeboten werden. Eine andere Moglich- 
keit zu plotzlichen Gas-Staubausbriichen besteht nach Whitney 2 , der diese 
Seite des Komctcnproblcms auf dcr Basis des neuen Modclls diskutiert hat, in 
der Verdampfung und explosionsartigen Bcfreiung von engcr eingeschlossenen, 
starken Konzentrationen der Eise, wobei insbesondcrc an die niedrig siedenden 
Verbindungen CH 4 und C0 2 gedacht ist. 

B. Donn und H.C. Urey 3 haben die Aufmerksamkeit darauf gelenkt, daB 
infolge der tiefen Temperaturen, die das Kemmaterial besitzt, den abgesiittigten 
Molekulen der Eise in beachtlichem Prozentsatz freie Radikalc beigcmischt sein 
konnen. Sie verweisen auf Expcrimente von Rice 4 , Broida® u. a., in denen es 
gelang, freie Radikale wie NH, OH, und Gemischc aus atomarem und mole- 
kularem Sauerstoff und desgleichen Stickstoff und Wasserstoff bei tiefen Tem¬ 
peraturen nahe dem absoluten Nullpunkt zu stabilen Konglomcratcn zu kon- 
densieren. Solche Gemische werden hochcxplosiv bei etwas gesteigerten Tem¬ 
peraturen. Beispielsweise bildet sich bei der Tcmperatur der fltissigcn Luft 

1 F. Whipple: Astrophys. Journ. Ill, 375 (1049). 

2 C. Whitney: Astrophys. Journ. 122, 190 ( 1 950 ) . 

5 N. Donn 11. II.C. Urey: Astrophys. Journ. 123. 339 (1953) Symposium, Li&gc 1956 . 

* F.O. Kick u. M. I'rkamo: J. Araer. Chem. Soc. 73, 5539 ( 1951 ); 75, 548 ( 1953 ). 

5 H. Broida u. I.R. Pellam: Phys. Rev. 95, 845 (1954). — J. Chem. Phys. 23. 407 
(1955). 
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(77° K) aus OH-Radikalcn Wasserstoffperoxyd (H 2 0 2 ). Letztcrcs muB in Vcr- 
bindung mit Kohlcnstoffvcrbindungen wiederum als hochcxplosiv gcltcn. 

Die Autoren lialten cs fur moglich, daB Gas-Staubausbriiche der Kometen¬ 
kerne durch Reaktionen zwischen freien Radikalen und anderen unstabilen 
Verbindungen ausgelost werden. Der Eintritt solcher explosiven Reaktionen kann 
eingeleitet werden durch Erwarmung oder bei groBen Sonnendistanzen auch durch 
das Auftreffen solarer Korpuskeln. Wie weit der Gedanke der Autoren fur die Ko- 
metcnphysik wirklich von Bedeutung ist, laBt sich gegenwartig schwer beurteilen. 

Wir miissen hier noch erwahncn, daB B.U. Levin 1 schon vor langerem eine 
Naherungsformel aufgestellt hat, welche die Ergicbigkcit dcs Kometcnkcrnes an 
Gasen unter der Voraussetzung beschreibt, daB der unterliegende ProzeB cnt- 
weder eine Desorption oder eine Verdampfung darstellt. Dicse Ergicbigkcit 
betragt nach dem Autor 

(10.1) 

worin L entwedcr die Ablosearbeit (Desorption) oder die \ erdampfungswarme 
bezeichnet und zwar pro Mol des Gases, R die Gaskonstante, T die Temperatur 
des Kemkorpers, m das Molekulargewicht und k die Boltzmann-Konstante. 
« 0 bezeichnet die Gesamtzahl der vorliegenden adsorbierten bzw. kondensierten 
Molekiile und schlieBlich n die der pro Zeiteinhcit in den Gasraum eintretenden 
Molektile. 

Gewohnlich wird angenommen, daB die Oberflachentempcratur der Kern- 
korper durch die einfache Formel 

T = T Jy r (10.2) 

darstellbar ist, worin T 0 die Temperatur fiir r = 1 bezeichnet. Die Intensitat 
des Komctcnlcuchtens, soweit es von einer Fluoreszenzanregung herriihrt, sollte 
proportional sein zu n (da die Anzahl der entstchcnden fluoreszenzfahigen Mole- 
kule zu n proportional sein sollte), proportional zur Intensitat des Sonnenlichtes 
(~r 2 ) und proportional zu Existenzdauer r dcr fluoreszierenden Molekiile die 
wiederum proportional zu r 2 ist, falls die Molckulc durch Lichtabsorption ver- 
nichtet werden. Die beiden letzten Faktoren heben sich gegenscitig auf. Man 
erhalt dann fiir die Intensitat I des Kometenleuchtens als Funktion von r den 
Ausdruck 

I=l 0 r~ie-B\r (103) 

mit B = L/R T 0 und 7 0 glcich einer Konstanten, die durch die individucllen Eigen- 
schaften des Kernes bestimmt ist. 

Die I.cvinschc Formel ist mehrfach auf ihre Verwendbarkeit hin von verschie- 
denen Autoren gepruft worden 2 , ohne daB jedoch bisher Klarheit daruber ge- 
wonnen werden konnte, ob sie den wesentliehsten Vorgang der Atmospharen- 
bildung erfaBt und zutreffend darstellt. Es ist durchaus wahrscheinlich, daB in 
ihr ein wahrer Kern stcckt. Die bisher vorliegenden Helligkeitmessungen an 
Kometen beziehen sich fast ausnahmslos auf das gesamte Licht des Kometen- 
kopfes (visuell oder photographisch), und es laBt sich nicht entscheiden, wie weit 
dabei das rcine Fluorcszcnzlicht erfaBt worden ist. Man wird erst dann ein besseres 
I'rteil iiber ihre Bedeutung gewinnen konnen, wenn ausreichende monochroma- 
tische Helligkeitsmessungen vorliegen. 

1 B.U. I.evin: Russ. Astronom. J. 20, 48 (1943). 

2 J.H. Oort u. M. Schmidt: Butt. Astronom. Inst. Netherl. 11. Nr. 419 ( 1951 ). — 

V. Vanyskk : Contrib. Astronom. Inst. Univ. Brno 1. Nr. 9 (1952). — A.H. Delskmmk u 
P. Swings: Ann. d'Astrophys. 15, 1 (1952). 
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IV. Zur Deutung der Kometenformen. 

11. Die mechanische Theorie von Bessel und Bredichin. Die am Kern des 
Kometen Halley 1835 beobachteten Ausstromungserscheinungen von Materie 
und die damit verbundene Schweifentwicklung veranlaBten Bessel 1 zum Ent- 
wurf der Elemente einer Theorie der Kometenformen. Nach den Vorstellungen 
Bessels verlassen die Materieteilchen der Kometenatmospharen den Kometen- 
kern mit einer gewissen Geschwindigkeit g (bevorzugt in der Richtung zur Sonne) 
und stehen von da ab nur noch unter dem EinfluB der Sonne, die auBer mit der 
Schwcreattraktion noch mit einer Repulsionskraft auf die Teilchen wirkt. Bessel 
nimmt der Einfachheit halber und mangels irgendeiner Kenntnis der Natur der 
Repulsionskraft an, daB diese ebenso wie die Schwere proportional r" 2 mit der 
Distanz r von der Sonne variiert. An die Stelle der Sonnenmasse (gleich 1 gesetzt) 
tritt die hypothetische Masse p. = \ — R mit positivem R. JedesTeilchen beschreibt 
also eine selbstandige Bahn um die Sonne, bestimmt durch i—fi, die Anfangs- 
lage und Anfangsgeschwindigkeit. Wir konnen folgende drei Moglichkeiten 
unterscheiden: 

0</i < 1. Das Teilchen bewegt sich unter verminderter Attraktion. Die 
Bahn ist ein Hyperbelast, der konkav zur Sonne ist. 

^=0. Gravitation und Repulsionskraft heben sich gegenseitig auf. Es 
resultiert eine geradlinige Bewegung. 

ju< 0. Die Repulsionskraft tibersteigt die Sonnenattraktion. Es ergibt sich 
als Bahnkurve eine zur Sonne konvexe Hyperbel. 

Bei der Beobachtung eines Kometen wird die Gesamtheit aller lcuchtenden 
Teilchen wahrgenommen, die inncrhalb eines langeren Zci tin ter vails in den ver- 
schiedensten Richtungen vom Kern aus ausgestromt sind. Bescliriinkt man sich 
auf die nahere Umgebung des Kometcnkopfes imd den Anfang des Schvveifcs, 
so ist dieses Zeitintervall von der GroBenordnung von Stundcn. Beim gesamtcn 
Schweif wachst dasselbe auf Tage an. Bessel behandelt die Schweife als flache 
Gebilde, die in der Ebene der Kometenbahn liegen. Wie weit diese Annahme 
bcrechtigt ist, laBt sich bis heute noch nicht sicher entscheiden. Es ist allerdings 
vielfach beobachtet worden, daB bei Annaherung der Erde an die Ebene einer 
Kometenbahn die Breite des Schweifes sich verringert. 

Das wesentlichste Element der Besselschen Theorie ist die analytische Dar- 
stellung der rechtwinkligen kometozentrischen Koordinaten £, r/ fUr ein belie- 
biges Teilchen zu irgendeinem Zeitpunkt t, das zum Zeitpunkt t — x den Ko- 
metenkcm mit der Geschwindigkeit g und unter dem Richtungswinkel G gegen 
die Richtung zur Sonne verlassen hat. f und rj liegen in der Kometenbahnebene, 
die positive f-Achse fallt mit dem verlangerten Radiusvcktor zusammen, die 
positive jj-Achse zeigt enlgegengesetzt zur Bewegungsrichtung des Kernes. Be- 
zeichnet man mit x, y die rechtwinkligen Koordinaten eines heliozentrischen 
Koordinatensystems mit der positiven x-Achse zum Perihel gerichtet und mit 
der positiven y-Achse in Richtung der Bahnbewegung im Perihel, so bestehen 
zwischen den kometozentrischen Koordinaten f, r\ und den heliozentrischen 
Koordinaten x' , y' der Teilchen die Beziehungen: 

rf = x x' + y y'— r 2 , 
rr\ = y x'— xy'. 

x und y bezeichnen die heliozentrischen Koordinaten des Kometenkernes. 

1 F.W. Bessel: Astronom. Nachr. 13, 185 (1836). Bessel zeichnet in seiner Mitteilnng 
ahnliche Bilder des Kometen Halley 1835 auf, wie sie in der Fig. 5 gegeben sind. 


( 11 . 1 ) 




Ziff. 12. 


Form des Kometenkopfes. 
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Die heliozentrischen Koordinaten x', y' des Teilchens werden bei Bessel 
nach dem Zeitintervall r entwickelt: 


* — x o 


dy 0 

dt 


d * x ' 0 r 2 r * 

dt 2 2 + dt 3 6 


>'=yo+;; 


< Py'o t 2 cPy '„ r s 
dt 2 2 + dt 3 6 


( 11 . 2 ) 


a;', y' bezeichnen die Positional des Teilcbens zur Zeit t — r. Die Differential- 
quotienten d n x a jdt n , d n y 0 jdt n ergeben sich aus den Bewegungsgleichungen fiir 
Teilchen und Kern. Als Zciteinheit wird der reziproke Wert dcr GauBschen 
Konstanten \jk = 58,132 Tage beniitzt, als Langeneinheit die astronomische Ein- 
heit 1.494X 10 13 cm. Die Durchfuhrung der Entwicklung fiihrt unter der Voraus- 
setzung, daB zur Zeit l — r die Position des Teilchens mit der Position des Kernes 
ubereinstimmt und bei Abbruch der Entwicklung mit r 3 zu folgenden Ausdrucken: 


f = — g cos G • t T- 

1 — // 4 c sin v 


1 / — 2 g sin G ~ + 


+ 


— g cos G ( -— g sin G ■ 


•* | ip 

r/ ~ + S sin G ■ t — gcos G( 2 i^-j + 

• 2 l/P -gsinG(^ + It} - g cosG 


6esin» I T a 


6 ’ 


6c sin v 


(H.3) 


e, p und v in (11.3) bedeuten die Exzentritat, den Parameter und die wahrc 
Anomalie der Kometenbahn zum Zeitpunkt t. 

Die Gin. ( 11 . 3 ) erlauben die Lage cincs Schweifteilchens relativ zum Kern 
zu bestimmcn, wenn die Anfangsbedingungcn und die Repulsivkraft bekannt 
sind. Gestatten die Be- 
obachtungen die Ermitt- 
lung der Bewegung der 
Schweifteilchen, so fiihren 
die Glcichungcn zur Be- 
stimmung der Repulsiv¬ 
kraft. 

Bredichix hat spater 
die Methode Bessels weiter 
ausgebaut und auch stren- 
gere Formeln der Bewegung 
der Schweifteilchen aufge- 
stellt, auf deren Wieder- 
gabe wir jedoch hier ver- 
zichten. Die Schwierigkeiten der Theorie liegen weniger in der mathematischen 
Formulierung als in der richtigen Deutung der Beobachtungen. 

12 . Form des Kometenkopfes. Bei einer Beschrankung auf den Kometenkopf 
bleibt r eine sehr kleine GroBe, so daB wir in ( 11 . 3 ) die Glieder mit r 3 und 
ebenso die mit g multiplizierten Glieder in t 2 verwerfen konnen. Wir haben 
damit 

t r' , 1 M T 2 

?= — g cos G • T -|-— , 

V = +gsinG • r. 

Handbuch der Physik, Bd. LIT. 
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Pig. 20a—c. Ausbrcitung der Gase voin Kometenkern bei symmetrischer 
Ausstrdinung. Die Keihenfolge a, b, c cnlspricht bei glcJchcr Ausstromungs- 
geschwindigkeit v zimehmcnder Repulsion 1 — pi. 
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1st g fur alle Richtungen gleich groB, so erhalt man durch Elimination von G 
aus (12.1) diejenige Kurve, auf der sich alle jene Teilchen befinden, die in dem- 
selben Augenblick (t — r) vom Kern ausgestromt sind. Die Gleichung dieser 
Kurve ergibt sich so zu 2 , 

+V i = g*r t - (12-2) 


Das ist die Gleichung eines Kreises mit dem zeit- 
lich variablen Radius g ■ x, dessen Mittelpunkt 

sich im Laufe der Zeit um 1 -J^-x 2 auf dem ver- 

r z 

langerten Radiusvektor verschiebt (s. Fig. 20a 
bis c). Die auBcre Begrenzungskurve der Gesamt- 
heit dieser Kreise hat die Gleichung 


Dies ist einc Parabel mit dem Kern als Fokus. 

Die Materie in den vom Kern sich abloscn- 
den Kreisringen wird mit wachsenden Radien 
melir und mehr vcrdiinnt. An den Randern des 
Kopfcs (Umhiillenden) tritt wieder eine Verdich- 
tung infolge der Oberlagerung der Ringe ein. 

Die Entfemung des Scheitels der umhiillen- 
den Parabel vom Kern ist 


welchcr Ausdruck eine einfache Relation zwischcn 
der Ausstromungsgeschwindigkeit, derRepulsions- 
kraft und dem Radiusvektor ergibt. 

Bci den vorwiegend gasformigen Kometen 
werden die rundlichen Kometenkopfe (Fig. 21) 
bis zu den Randern vorwiegend von den leuch- 
tenden CN Molekiilen gebildet. Die monochro- 
matischen Bilder des CN iihneln dor Fig. 20 a. 
Zu einer mcrklichen Vcrlangerung dieser Bilder 
in Richtung des Schweifes kommt es nicht, da 
die CN Molckiile vorzeitig durch Dissoziation 
odcr Ionisation vernichtet werden. Genaucre 
Wertc von g und l — fx konnten bisher noch 
nicht ermittclt werden. Erstere scheinen in der 
Hohc von 1 km/sec zu liegen, die Repulsivkraft 
1 ft ist wahrscheinlich von der Ordnung 1. 

13. Heller Schweifrand. Es ist fast die Regel, 
daB bei den starker gekriimmten, diffusen Schwei- 
fen der im Sinne der Bahnbewegung vordere Schweifrand von erhohter Helhg- 
keit ist (s. Fig. 22 und 23). Bessel gab dafiir im AnschluB an dieFormeln (11-3) 
folgende Erklarung. 

Betrachten wirzunachst die Bewegung der Materie, die den Kometenkern ge- 
nau in Richtung zur Sonne verlaBt. Der Ausstromungswinkel G ist in diesem 


Fig. 21 . Komct WTiipple-Fedtkc (1942g). 
Der nindliche Komcienkopf entsteht im 
wcsontlichen durch die Emission in der 
CN Ilandc (P. Ahnert, Somieberg.) 




Ziff. 13 . 


Heller Schweifrand. 
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Fid-22. Komet Donati, 5 . Oktoter 185*. (Zniclmund von H.A. Pickkkino nach vtsucllera Anblick.) 
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Ziff. 14. 


Falle glcich Null. Wir haben somit fiir die Koordinaten f und rj: 


I = 
r i = 


-g-r + 


i -/* 
r * 


- g 


2 , 
r- 2 ' 



2]/p~g 


6«sinu 

r* 



(13.1) 


Fur nicht /.u kleine Ausstromungsgeschwindigkciten g iiberwiegt in dem Aus- 
druck fiir i] zunachst immer das erste negative died. Alle genau in Richtung 
zur Sonne ausgestromten Teilchen gehen somit dem Kometenkcrn in der Be- 
wegung voran und zwar so lange, bis das zweite died in r 3 das erste zu iiber- 
wiegcn beginnt. Dies wird im allgemeinen bei einem um so groBeren r eintreten 
jc grdBer die Geschwindigkeit g ist. Bei groBeren g erfolgt cine Bewegung zu 
negativem r) auch noch fiir solche Teilchen, deren Ausstromungsrichtungen einen 
gewissen positivcn Winkel G mit der Richtung zur Sonne bilden. Wenn also die 
Matcrie in gleicher Quantitat zu beiden Seiten des Radiusvektors den Kern 
verlaBt, so wird sie sich zum groBeren Teil auf die vordere Seite des Kometen 
ergieBen; der entsprcchende Rand des Schweifes wird aufgehellt erschcinen. 

Damit die in der Bewegung nachfolgende Seite des Schweifes einc Aufhellung 
crfahrt, muB die Achse des Ausstromungskcgels zurvick geneigt, G also starker 
positiv sein. Auch solche Falle sind gclegentlich, wenn auch seltener beobachtet 
worden (Komet 1 i860 III, Juni 25 und 26 ). 


14. Syndynamen. Eliminiert man aus (11-3) die Zeit r, so erhalt man die 
Gleichung der Kurve fiir die Gesamtheit der Teilchen, welche in dem Zeitintervall 
(t t) bis t unter dcmselben Winkel G und mit derselben Geschwindigkeit g 
dem Kern entwichen sind und unter derselben Repulsionskraft 1 — fi standen. 
Um diese Elimination durchzufiihren ist es nach Bessel zweckmaBig, die folgende 
Substitution einzufiihrcn: 


t — t' — 


2 «sint> 

3 >■ \'P~ 


(14.1) 


Verzichtet man auf die Einbeziehung von sehr kleinen Werten der Koordinatef, 
so gelangt man durch die Elimination von x' zu dem Ausdruck: 


n 


= g sin G 


r 12 £ 


4f r sin v J ; 2\2p 

3(1 — /*) IP + 3ryRi 6 ‘ 


(14.2) 


Die durch (14-2) dargestellten Kurven werden nach Bkedichin als Syndy¬ 
namen bezeichnet. 

Wie man leicht erkennt, bilden in dem Falle, daB g fiir alle Richtungen gleich 
und konstant ist, die beiden Schweifrander Syndynamen, namlich fiir die Aus¬ 
stromungsrichtungen G — — 90° (vorderer Rand) und G — + 90° (nachfolgender 
Rand). 

Bei Kenntnis einer Syndyname gestattet deren Gl. (14.2) die Ermittlung 
der Repulsivkraft 1 — fi und des Produktes g sin G. Zur Bestimmung von 1 — /i 
und g sin G wird im allgemeinen folgendermaBen vorgegangen. Dividiert man 
die Koordinatc r/ nach (14.2) durch die zugchorigc Koordinate £, so erhalt man 
die trigonometrische Tangente des Winkels <p, welche die Verbindungslinie vom 
Kern zu dem Punktc £, rj mit dem verlangerten Radiusvektor bildet: 


tan q> = g sin G 


r\2 

r sin v 

■ afop 

Vi -/*VI " 

3(1 -/*) Vp 

3r Vi — /* 


(14.3) 


1 Siclic K. Jacermank: Komotcnformcn, loc. cit., S. 181. 
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Um tan <p zu errechnen hat man natiirlich die an der Sphare beobachteten Schweif- 
punkte auf die Ebene der Kometenbahn zu projizieren. Die Bestimmung von 
tan <p fur zwei ausreichend getrennt liegende Punkte f, rj ergibt 1 — fj, und g sin G. 

Eine der ersten sorgfiiltigen Anwendungen von (14-3) wurde von C. F. Pape 1 
auf den vollcntwickelten Hauptschweif des Kometen Donati 1858 gemacht und 
zwar fur fiinf Nachtc zwischen September 28 und Oktober 8 unter Ausmessung 
der beiden Schweifrander. Die Kurven der Schweifrander ergaben tiberein- 
stimmend fiir die fiinf Nachtc und die beiden Schweifrander 


^ = 0,6 und g sin G = ^ 0,14. 


Tabelle 10 . 


1st g unabhangig von G, wie der Autor annimmt, so erhalten wir g =0,14, 
was 4,2 km/sec entspricht. Die Repulsionskraft R = \—fi betragt also das 
0,4fache der Massenanziehung der Sonne. Es braucht wohl kaum erwahnt zu 
werden, daB Beobachtung und Analyse nicht von einer solchen Genauigkeit 
waren, dafi die Ergebnisse mehr als 
die GroBenordnungen von /x und g 
garantieren. 

Auf der von Bessel vorgezeichneten 
Linie hat in der zweiten Halfte des vori- 
gen Jahrhunderts Bredichin nicht we- 
niger als 50 verschiedene Kometen mit 

dem Ziel einer Bestimmung der Repulsivkraft und der Ausstromungsgeschwindig- 
keiten bearbeitet 2 , wobei die Besselsche Methode, wie schon bemerkt wurde, 
gewisse Erweiterungen gefunden hat, die allerdings im Prinzip nichts Neues 
bieten. Der Vieldeutigkeit, die sich fast immer bei der Darstellung einer Syndy- 
name in bezug auf das Wertsystem (u, G) ergibt, wird soweit wie moglich durch 
cin Studium der Ausstromungsvorgange im Kometenkopf unter Benutzung der 
Formeln der Ziff. 12 zu begegnen versucht. 

Abgesehcn von hin und wieder auftretenden anomalen Schweifformen kam 
Bredichin zu dem allgemeinen Resultat, daB bei den Kometen drei verschie¬ 



I. Typus 

II. Typus 

III. Typus 

1 -n 

18 

2,2 - 0,5 

0,3 - 0,1 

g 

O" 

1 

Tf 

ro 

O* 

0 . 07 - 0,03 

0 , 02 — 0.01 


dene, immer wiederkehrende Haupttypen existieren, die sich sowohl im Betrage 
der Repulsivkrafte 1 — (jl wie auch der Ausstromungsgeschwindigkeit g groBen- 
ordnungsmiiBig unterscheidcn (s. Tabelle 10). Der Typus I wird represent iert 
durch langgestreckte, sehr schwach gekrummte Schweife, die sich eng an den 
verlangerten Radiusvektor anschlieBen. Typus II ist maBig und Typus III sehr 
stark gekriimmt. In viclcn Fallen treten nach Bredichin zwei oder samtliche 
drei Typen gleichzeitig auf. 

Bei den Schweifen vom Typus I laBt sich die Repulsivkraft besser auf Grand 
der Verfolgung der Bewegung isolierter Schweifwolken (Fig. 24) ableitcn als aus 
der Schweifform. Seit der Einflihrung der Photographic hat man reichlich Ge- 
legenheit gehabt, dieses zuverliissigere Verfahren anzuwenden. Es hat sich 
gezeigt, daB die Repulsivkrafte in den Schweifen vom Typus I weit hoher sind 
als es von Bredichin nach seinen Ergebnissen angenommen wurde (s. Ziff. .16). 

Die stark gckriimmten Staubschweife zeigen gelegentlich eine Aufgliederung 
in nahezu parallel verlaufende, gerade Streifen (s. Fig. 31 ). Dieses Phanomen 
bedarf ebenso wie die Strahlenstruktur der Gasschweife noch der Aufklarang. 


1 C.F. Pape: Astronom. Nadir 49, 309 (1859). Als Material dienten nach freiem Auge 
in Sternkartcn cingetragene Zeichnungen. 

2 Eine Zusammenfassung dieser Artieiten mit Literaturangaben findet man bei R. Jager- 
mann: Komctenformen loc. cit. 
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15. Anomale Schweife. Der erste helle Komet des Jahres 1957 Arend-Roland 
zeigtc bci seinem Wiedererscheinen nach der Perihelpassage ein iiberraschendes 
Phanomen: Neben dem von der Sonne abgewandten Hauptschweif bildete sich 
am 21. —22. April ein Gegenschwei/ aus, der in Richtung zur Sonne zeigte (Fig. 25 
und 26). Anfanglich, in der Form iihnlich einem schwacheren, schiefen Spiegelbild 



Fig. 24. Abgcrissencr Schwcif bcitn Kometen Morehouse 1008. (Aufnahme Max Wolf, Heidelberg.) 


des Hauptschweifes, bildete er mit diesem (im Uhrzeigersinn vom Hauptschweif 
zum Gegenschwcif gerechnet) einem Winkol von etwa 165°. In den nachstcn 
drei Tagen wuchs dieser Winkel auf 180° an, wobei der Gegenschweif gleich- 
zeitig an Scharfe und Lange zunalim. In der Nacht vom 25. auf den 26. April 
erschien er wie ein scharfer Lichtstrahl von 15° Lange, der dirckt auf die Posi¬ 
tion der Sonne gerichtet war. Bci weiterem Anwachsen des Drehwinkels nahm 
die Scharfe des anomalen Schweifes wieder rasch ab, bis er Ende April bci einem 
Winkel von 190° kaum noch wahrzunehmen war. Der Komet Arend-Roland 
zeigte im Spektrum ein intensives Kontinuum, dem im Kopfgebiet die bekannten 
Emissionen von C 2 , CN und C 3 iiberlagert waren (s. Fig. 27). 






Ziff. 15. 


Anomale Schweife. 




Fig. 25- Koinct Arend-Roland. (Aufnahme R. Polgelquist, Uppsala, Schwe- 
den.) 22 . bis 23- August 1957, 21 h 30™ U.T. .Entnommcn aus 
Sky and Telescope 16, Nr. 9 (1957).) 


Fig. 26. Komct Arend-Roland (Aufnahme K. Mendoza und M. Krf.iis. 
McDonald Obs. Texas.) 25. 26 . August, 1957 , 3 h 5 »‘ U.T. 

[Entnommcn Sky and Telescope 16, Nr. 9 (1957).] 
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Die Erklarung des beobachteten Gegenschweif-Phanomens erfolgte unmittel- 
bar und unabhangig voneinander durch mehrere Autoren 1 , wobei dann auch 
gleichzeitig darauf aufmerksam gemacht wurde, daB die Astronomen des vorigen 
Jahrhunderts mit einer solchen Erscheinung und deren Deutung schon wohl- 
vertraut waren. 

Es handelt sich'bei diesem Gegenschweif, wie wir noch weiter erlautem werden, 
um feste Teilchen, die vom Kometenkem ausgeschleudert worden sind und sich 
vorwiegertd flach iiber die Kometenbahnebene um den Kometen ausgebreitet 
haben. Um den 25. April, der Zeit der Sichtbarkeit des Gegenschweifes, stand die 
Erde nahe der Bahnebene des Kometen, d.h. die flache, weitverbreitete Teilchen- 
wolke wurde zu dieser Zeit mehr oder weniger von der Kante gesehen. Die hochste 
Sch&rfe und groBte Lange des Gegenschweifes fallt exakt mit dem Durchgang 
der Erde durch die Ebene der Kometenbahn zusammen. 

Olbers 2 erwahnt bereits folgendes in einer kurzen Abhandlung aus dem Jahre 

1830: 

1 . Geschwanzte Kometen zeigen zuweilen auBer ihrem gewohnlichen einen 
schwacheren, gegen die Sonne gerichteten Schweif. 

2 . Diese wunderbare Erscheinung dauert nur einige Tage. 

3 . Bisher hat man sie nur nach dem Perihel und ziemlich lange nach dem 
Perihel gesehen. 

Wie R. Jagermann 3 bemerkt, wurde mit dem Kometen 1862 III, dem Er- 
zeuger des periodischen Meteorstromcs den Perseiden, die letzte Feststellung 
von Olbers ungiiltig. Dieser Komet zeigte einen anomalen Schweif vor dem 
Perihel. Insgesamt werden von Jagermann im Jahre 1903 nicht weniger als 
zehn bekannte Objekte mit anomalen Schweifen aufgefiihrt. Es wird dort nicht 
ausdriicklich erwahnt, daB zu den Zeiten der Sichtbarkeit der anomalen Schweife 


die Erde nahe den Kometenbahnebenen stand. Wie sich leicht nachpriifen laBt, 
trifft dies jedoch zumindest fur sechs der zehn aufgezahlten Falle zu, und zwar 
sind dies gerade die eindrucksvollsten. 

Nach Bredichin entstehen die anomalen Schweife durch vom Kern abge- 
stoBene, feste Partikeln, fiir die infolge ihrcr GroBe die Repulsionskraft 1 —/u 
gleich Null oder doch verschwindend klein ist. Sie unterliegen in ihrer Bewegung 
also nur der gewohnlichen Sonnenattraktion. Der Autor hat die Bewegungs- 
verhaltnisse fiir solche Teilchen, die in irgendeiner beliebigen Richtung und mit 
beliebigen Geschwindigkeiten vom Kern sich trennen, sowohl mit den geniiherten 
Besselschen Formeln (11. 3 ) wie auch mit den strengen Formeln einer Zentral- 
bewegung untersucht. Wir beschriinken uns hier auf einige qualitative Erliiute- 
rungen an Hand der noch weiter vereinfachten Besselschen Formeln. Setzt man 
in (H. 3 ) die GroBe = 1 und vernachlassigt die Glieder mit r" groBer als t 2 , 


so ergibt sich gsinGiyp z 2 

£ = — g cos G ■ x - . 

, . ~ gcosG2\p T 2 05-1) 

V = + g sm G • r — ?- r 

Die vorstehende Koordinatendarstellung gilt nattirhch nur fiir kleine £ und tj. 
Fur Teilchen, die sich direkt zur Sonne bewegen {G = 0) geht (151) fiber in: 



( 15 - 2 ) 


1 Giovanni u. Angelo Bernasconi, dem Verfasser zugesandtes, ausfuhrliches Manuskript. 
Fred I.. Whipple: Sky a. Telescope 16, Nr. 9 , 426 (1957). — G. Larsson-Leanore: Ob¬ 
servatory 77, Nr. S99, 128 (1957). — E.B. Armstrong: Observatory 77, Nr. 899, 135 (1957)' 
8 Astronom. Nachr. 1830, Nr. 192 . 

3 R. Jagermann: Kometenformen, S. 19 . 
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und fiir reilchen mit ciner Anfangsgeschwindigkcit in der genau entgegengc e etzten 
Richtung (G = l80°): 

b , 2 Lt> T 2 

t = +8-V' V = +g- (15-3) 

Im ersten I - alle bleiben also die Roordinaten f, 7 ) aussclilieBlich negativ; das 
entstehcndc Schweifbuschel liegt innerhalb der Kurve der Kometenbahn und 
geht dem Kometenkcm in der Bewegung voraus. Die Schweifkriimmung ist 
konvex zur Sonne. Der zweite Fall liefert ausschlieBlich positive f und rj, das 
Schweifbuschel liegt hinter dem Radiusvektor, seine Kriimmung ist konkav zur 
Sonne. 

Der Gegenschweif des Ko- 
meten Arend-Roland muB vom 
zweiten Typus gewesen sein, er 
erstreckte sich noch im Quadran- 
ten positiver f und positivcr rj. 

Er folgte dem Kern und dem 
Hauptschweif in seiner Bewegung 
nach, und diese relative Position 
blieb auch nach dem Durchgang 
der Erde durch die Bahnebene er- o 
halten. Man beachte, daB der Ko- 
met zur Zeit der Existenz des 
Gegenschweifes zwischen Sonne 
und Erde stand; wie schon be- 
merkt wurde. 

Beispiele fiir den Kometen vor- 
angehende anomale Schweife lie- 
fern die Kometen 1844 III : und 
1862 III. Bei solchcn muB bcim 
Durchgang der Erde durch die 
Kometenbahn-Ebene die Drehung 
um den Kopf entgegengesetzt dem 
Uhrzeigersinn erfolgen. 

Genauere Angaben iiber die Ausbreitung der Materie der anomalen Schweife 
iiber die Bahnebene sind sehr schwierig zu gewinnen, da man dieselben stets 
nur unter starker perspektivischer Verktirzung beobachten kann. 

16. Die Natur der Repulsivkrafte. Die Erklarung der Existenz der stark 
gekrummtcn Schweife (Typus II und III nach Bkkdichin) bietct keinc prinzi- 
picllen Schwierigkeiten. Die Repulsivkrafte sind in diesem Falle von der Ord- 
nung 1 und kleiner und lassen sich als Lichtdruckkrdfte auf kleine Staubteilchen 
erklaren. 

Dagegen ist es nicht moglich, die bcobachteten Beschleunigungen in den 
CO'-Schweifen (lypus I) durch den solaren Lichtdruck zu deuten. In Tabclle 11 
haben wir die bei einer Reihe von Kometen aus der Bewegung von Schweif- 
wolken ermittelten 1 —ft aufgefUhrt 1 . Man sieht einmal, daB sie das mchr als 
Hundertfache der Sonnenattraktion erreichen konnen und weiterhin, daB sie 
betrachtlichcn Schwankungen unterhegen. 

1 Gelegentlich sind auch von einigen Autoren Werte von 1 — /i in der Holie von einigen 
Tausend publiziert wordon. Ob dicscn sehr hohcn Werten cine reelle Bcdcutung zukommt, 
ware noch zu priifen. 



rig. 27. Rcgistricrkurvcn des Spektrums des Kometen 
Arcud-Koland. (J. Mouska, Prag.) 
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Tabelle II. 


Komct 

l-K 

Autor 

Litrratur 

1892 I 

39,3 

Jagermann 

Astronom. Nachr. 171, 1 (1906) 


35.1 

Jagermann 

Astronom. Nachr. 171, 1 (1906) 


71.0 

Kopff 

Publ. Astrophys. Inst. KOnigstuhl-Heidel¬ 
berg, Bd. Ill, Nr. 2. 1907 

1903iv 

89.1 

Jagermann 

Astronom. Nachr. 166, 279 (1904) 


90,8 

Kopff 

Astronom. Nachr. 176, 149 (1907) 

1938 III 

62,0 

A. Orloff 

Publ. Stcrnwarte Jurjew 21, 1 (1910) 


72.0 

S. V. Orlow 

Nachr. russ. astronom. Gcs. 16. 60 (1910) 


162.0 

S.V. Orlow 

Nachr. russ. astronom. Ges. 16. 60 (1910) 


105.3 

Prokowski 

Astronom. Nachr. 184, 3 (1910) 


151.0 

Bobrovnikoff 

Lick Bull. 13, 161 (1928) 


88.0 

Bobrovnikoff 

Lick Bull. 13, 161 (1928) 

1910 X 

70,0 

90.0 

S.V. Orlow 
Gondolatsch 

Publ. Sternwarte Jurjew 21, 43 (1910) 

1942 

bis 

Ahnert u. 

Z. Astrophys. 22, 286 (1943) 


1940 

Hoffmeister 

Z. Astrophys. 23, 1 (1943) 


Das Verhaltnis /.i der Lichtdruckbeschleunigung eines absorbierenden Mole- 
kiils zur Gravitation errechnet sich aus 1 


mit 



Z 


.if 5 / 


( 16 . 1 ) 

( 16 . 2 ) 


Z ist die pro Sekunde vom Molekiil gestreute Knergie [s. GL (7.1)], c die Licht- 
geschwindigkeit, G die Gravitationsbeschleunigung der Sonne und m die Masse 
des Molekiils. Bei Einsetzung numerischer Wcrte in (16.1) erhalt man fQr das 
CO'-Molekiil 

H = 46,9/. (16.3) 

Der /-Wert der Resonanzbanden des CO' ist nicht genauer bekannt, doch 
kann es keinem Zweifel unterliegen, daB ein Wert / = 1(T l eine obere Grcnze ftir 
den moglichen Wert darstellt. Der Lichtdruck auf die Schwcifionen ist also viel 
zu gering um deren hohe Bcschleunigungcn zu erklaren. 

L. Biermann * hat die Idee geauBert und quantitativ crlautert, daB die Be- 
schleunigung der Schwcifionen durch solarc Korpuskelstrome zustande kommt. 
Die Existenz von solchen Stromen ist lange bekannt, insbesondere auf Grund 
des Entstehens von erdmagnetischen Storungen und der damit haufig verbundenen 
Nordlichter. Schwieriger ist es, iiber die Ausbreitung und die Dichten in diesen 
Stromen ein klares Bild zu gewinnen. Bei den von Biermann postulierten 
Ionendichten der Korpuskularstrahlung («, = 10 3 bis 10 4 cm~ 3 ) ergibt sich ziem- 
lich iiberzeugend, daB allein infolge der ,,Reibungskriifte" zwischen den solaren 
und den kometarischen Ionen die beobachteten hohen Werte von // eine Erkliirung 
finden konnen. Im Gegensatz zu Biermann ist H. Alfv£n 3 der Meinung, daB 
die postulierten hohen Ionendichten auBerst unwahrscheinlich sind. Dcr letzte 


1 W. Baade u. W. Pauli: Naturwiss. 15. 49 (1927). Die Baadc-Paulischc Formel ent- 
hait ein Versehcn, vgl. dazu K. Worm, Mitt. Hamburger Stcrnwarte 8. Nr. 51 (1943). 

* L. Biermann: Z. Astrophys. 29, 274 (1951). — Symposium LiCge 1952, S. 255. 
a H. Alfv£n: Tellus 9. 92 (1957). 
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Autor schlagt einen neuen Mechanismus vor. Dieser stiitzt sich zwar auch auf 
solarc Korpuskelstrome als Ursache der Beschleunigung, jedoch abweichend von 
der Biei mannschen Theorie allein auf die mit den Stromen mitwandemden 
magnetischen Felder, d.h. auf einen magneto-hydrodynamischen Mechanismus. 
Die von Ali-ven vorausgesetzten Korpuskeldichten von nur «, = Kr 1 bis 10" 2 cm 3 
sind zweifellos leichter akzcptabel. Wie vom Autor vorher an anderer Stelle 
ausgefiihrt worden ist, fiihren solare Stromc dieser Dichte magnetische Felder 
der Ordnung 10“ 5 GauB mit sich. 

Da beide Theorien gegenwartig zur Diskussion stehen, so sei anschlieBend 
noch ein wenig mehr dazu gesagt. 

Bci der Biermannschen Theorie handelt es sich wesentlich um eine Impuls- 
ubertragung zwischen den solaren Elektronen und den Schweifionen. Wegen der 
hohcrcn Beweglichkeit der Elektronen stoBen diese wesentlich haufiger auf die 
CCF-Ionen als die solaren Ionen. Letztere sind zur Hauptsache Protonen. Die 
Energieverluste der Elektronen werden durch die ZusammenstoBe mit den 
Protonen wiedcr ausgeglichen. Die ungeordnetc mittlere Geschwindigkeit im 
solaren Korpuskelstrom soil einer Temperatur von 10000° entsprcchen. Die 
Dichte der Schweifionen ist groBenordnungsmaBig wesentlich kleiner als die Dichte 
der solaren Ionen. Die gerichtetc Geschwindigkeit der lctztercn ist von der Ord¬ 
nung 10®. 

Der Autor geht aus von den Gleichungen fur den Impulsaustausch in einem 
Plasma, wie sie von A. Schluter 1 aufgestellt wurden, und die fur 3 Partikel- 
sorten wie folgt lauten: 






JT + ^l p r~P m. - + iSrkY.. (*» - 

*U + m m p p ?: : r P AX P -* e 


r , f» p m 
t dt ^ m m -f m 


= +f [**$]• 


m. 


‘ dt m m -f- 

= ~ ® ~ 7 [®* W • 




(16.4) 


Im vorliegenden Falle bezieht sich der Index m auf die kometarischen Ionen 
(CO*), der Index p auf die solaren Ionen (wesentlich Protonen) und der Index e 
auf die freien Elektronen. m„, m p , m c sind die Massen der Tcilchcn, 51^ 

deren makroskopische Geschwindigkeiten, (S die elektrische und $ die magnetische 
Feldst&rke. Die y definieren die StoBwahrscheinlichkeitcn pro Sekunde und pro 
Volumeneinheit, beispielsweise y em die Wahrschcinlichkeit eines StoBes von 
einem Elektron auf ein kometarischcs Ion. 

Da die ungeordneten Geschwindigkeiten der Ionen m und p sehr klein sind 
gegentiber der ungeordneten Geschwindigkeit der freien Elektronen, und m <C»n 
sowie w m <C n,, so gilt y mp Cy mc und y pm Cy pe . Die Glieder mit y mp und y Pm in 
(16.4) konnen deshalb gestrichen werden. Die Tatsache, daB die ungeordnetc 
Geschwindigkeit der Elektronen Grad) von derselben Ordnung ist wie 

die makroskopische Geschwindigkeit der Elektronen und Protonen, erlaubt es 

1 A. SchlUter: Z. Naturforscli. 5a, 72 (1950). 
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nun, y em und y cp mit der normalen Leitfahigkeit a cines Plasmas in Beziehung 
zu setzen. Es gilt genahert 


und, da 
weiterhin 


Yem -\-Vcp — „ n e 


Y t m-Y*p= n m- n P' 


Vcm 


- n m 

a m. m 


V<p 


& ■ 


n P’ 


'/me *** - n e 

‘ mc am. ‘ 


Yte *** - n e ■ 

ami * 


(16.5) 

( 16 . 6 ) 

(16.7) 


Da es sich darum handelt, zunachst einmal einen ungefahren Anhaltspunkt 
betreffs der GroBe der moglichen Bescldeunigungen der CO*-Ionen zu erhalten, 
werden noch weiterliin folgende Vereinfachungen eingefiihrt. Samtliche Ge- 
schwindigkeiten und Dichten sollen nur von einer Koordinate X abhangig sein, 
Magnetfelder im solaren Korpuskelstrom werden ausgeschlossen, und weiterhin 
soli die Dichte der kometarischen Ionen sehr klein sein gegeniiber der Dichte der 
solaren Ionen, w m <C m p . Letzteres w'ird den wahren Verhaltnissen in den Schwei- 
fen entsprechen, falls n p von der Ordnung 10 3 cm -3 oder groCer ist. Fur 1=0 
wird weiterhin v„, — 0 vorausgesetzt, und zusatzlich geltcn die Dichte n p und alle 
Geschwindigkeiten als ortsunabhangig. 

Die Gin. (16.4) gehen damit iiber in 


dv m e 2 . . rr 

{v. — vj =e(i. 

m P + a n ‘ ( V P ~ v ') = e 6 • 

dv t e 2 , . . „ 

dl -- K Vp + V m - n e v t ) = - e Q. 


( 16 . 8 ) 


Beim Obergang von (16.4) auf (16.8) ist noch weiter angenommen, daB die 
durch Ladungstrennungen verursachten clektrischen Strome durch das damit 
entstehende Feld (S so klein gehalten werden, daB kein Magnetfeld entsteht, 
was nachtraglich verifiziert werden kann. 

Die w'eitcre Diskussion der Gin. (16.8), die hier nicht wiedergegeben werden 
soil, wird mit festen, numerischen Werten fiir n p (= 10 1 cm" 3 ), v p (=\0 s cm see -1 ) 
und n m (=10* cm 3 ) durchgeftihrt. Fiir die in erster Linic interessierende Be- 
schleunigung der Ionen m ergibt sich schlieBlich in ausrcichcnder Naherung 


dv m 

dt 


- n e v e 10 3 cm sec' 2 


(o = 10 ,2 ' s , e 2 /o = 10 M,s , m m -10 22,3 > n c — n p ). 


(16.9) 


Eine Beschleunigung von 10 3 cm sec" 2 ist gleich dem 2000fachen der Sonnen- 
atraktion fiir r = 1, letztere liat den Wert 0,56 cm sec 2 . Wie schon bemerkt, sind 
solche Wertc von 1 (i gelegentlich von Autoren genannt worden 1 . Falls sic 
in dieser Hohe uberhaupt wirklich auftreten sollten, so sclieinen sie jedoch Aus- 
nahmefalle darzustellen. Die in Tabclle 11 aufgefiihrten Falle, die uns zuver- 
lassiger erscheinen, gehen nicht iiber 1 — /i =200 hinaus. Sie wiiren nach der 
Bicrmannschen Theorie mit Korpuskeldichten der Ordnung 10 3 zu verstehen. 

1 Vgl. N.T. Boiikovnikoi f, in Astrophysics (Ed. J. A. Hy.nkk). S. 326f. New York: 
McGraw-Hill 1951. 
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Die neuc Theorie von Alfven hat sowcit noch keine mathematische Aus- 
arbeitung erfahren und beschrankt sich bisher darauf, auf einige mogliche Phano- 
mene hinzuweisen. Die Fig. 28a—d, die von Alfven gezeichnet sind, sollen 
veranschaulichen, was sicli moglicherweise ereigncn kann, wenn ein ausgedelinter 
Korpuskelstrom, der ein Magnetfeld H mit sich fUhrt, auf einen Kometen auftrifft. 
Der Emfachheit halber ist das Feld H als homogen angenommen. Beim Auf- 
treffcn des Korpuskelstromes auf den Kometenkopf tritt nach dem Autor eine 
StoBwelle auf, die eine intensive Erhitzung der Kometenkopf-Atmosphare 
und damit eine Steigerung der Ionisation der Gase erzeugt. In dem ionisierten 
Gas des Kopfes wcrden die magnetischen Kraftlinien festgehalten, und da dcr 
breite Strom sich weiterbewegt, er¬ 
fahren die magnetischen Kraftlinien 
hinter dem Kometenkopf eine De¬ 
formation, wie sie in den Fig. 28 dar- 
gestellt ist. Das am Kometenkopf auf- 
gehangte, divergierende und im wei- 
terlaufenden Strom endende Magnet¬ 
feld zwingt die ionisierten Schweif- 
teilchcn zu einer Bewegung entlang 
den magnetischen Kraftlinien. Nach 
Alfvi>n reichcn die in der Schweif- 
richtung auftretenden elektromagne- 
tischen Krafte aus, um die hochsten 
beobachteten Beschleunigungen der 
Schweifionen zu erklaren. Die postu- 
lierten Ioncndichten im solaren Strom 
sind nur von der Ordnungn =0,lcm" 3 , 
deren Geschwindigkeiten von der 
Ordnung 10 a cm sec' 1 . 

fiber dpnWert de« Alfvpnerlipn fte I'K- 2S - Deformation der magnetischen Kralllinicn eines 

, „ VV . , UCS Alivenscnen Lie- Korpuskelstromes.dutch einen Kometen nach H. Ai.pvi<«. 

dankens laut sich gegenwiirtig kaum 



ein sicheres Urteil fallen, und man wird eine prazisere Formulierung desselben 
abzuwarten haben. Beachtenswert an dem Vorschlag ist jedenfalls einmal, dab 
derselbe zum ersten Male eine Moglichkeit des Verstandnisses der strahlenformi- 
gen Schweifstrukturen aufzeigt und weiterhin, daB er keine unplausibcl hohe 
Korpuskeldichten zu verlangen scheint. 


Nach den Vorstellungen des Autors wird nicht nur die Struktur der Schweife, 
sondcrn auch die Schwcifaktivitat (Bildung der Ionen) auf die solaren Korpuskel- 
strome zuriickgefuhrt. Verfasser scheint cs sehr zweifelhaft, ob der letzte Gedanke 
sich akzepticrcn lassen wird. Wenn die Ionisierung beim Auftreffen der solaren 
Korpuskeln den ganzen Kometenkopf ergreift, so rniiBte mit einer Vermehrung 
der ionisierten Teilchen gleichzeitig ein Verschwinden oder eine Verminderung 
der neutralen eintreten, was sicherlich nicht der Wirklichkeit entspricht. Es ist 
auBerdem eine lange bekannte Tatsache, daB die CO’'-Schweifionen durchaus 


nicht aus dem ganzen Kometenkopf abstromen, sondern nur aus einer relativ 


eng begrenzten Zone um den Kometenkern. 


V. Kosmogonie der Kometen. 

17. Bemerkungen zur Herkunft der Kometen. Bei einer Diskussion der Her¬ 
kunft der Kometen ist es nach Oort bei dem gegenwartigen Stand des Pro¬ 
blems zweckmaBig, folgende zwei Fragen auseinander zu halten: 1. Wo haben 
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die Komctcnkerne ihren Ursprung ? 2. Aus welchen Raumen kommen sie heute, 
soweit sie neu auftauchen, zu uns? 

In bczug auf die erste Fragc ist man bis heute noch immer nicht iiber Ver- 
mutungen hinaus. Laplace 1 war der erste, der an einen inter stellar en Ursprung 
dachte, an einen Einfang interstellarcr Materiebrocken durch das Gravitations- 
feld der Sonne. Unter der Annahmc einer bestimmten Verteilungsfunktion y (v) 
der Geschwindigkciten v der Kemkorper versuchte er die Fragc zu beantworten, 
welche Verteilung der Hauptachsen fur die uns sichtbar werdenden Kometen- 
bahnen zu erwarten ist. Laplace fand ftir die von ihm angenommene (aber ganz 
unwahrscheinliche) Verteilungsfunktion y (v) = const fur alle v, dab die Anzahl 
hyperbolischer Rahnen auBerst gering sein mtisse gegenliber den elliptischen und 
parabolischen (Verhaltnis etwa 1:6000). Schiaparelli 2 zeigte spater, daB das 
Resultat sich andert, wenn man die Raumbewegung der Sonne gegen den Ko- 
metenkern-Schwarm beriicksichtigt. Wie ohne weiteres verstandlich, muB die 
relative Zahl der hyperbolischen Rahnen zunehmen, und dies um so mehr, je 
hoher die Raumgeschwindigkeit der Sonne angenomroen wird. Fabry 3 hat 
spater cine andere Verteilungsfunktion behandelt, die den wahren Verhalt- 
nissen schon etwas naher kommen konnte als die von Laplace [y (v) =0 fur v 
groBer ids einc obere Grenze], obwohl auch diese sich nicht begrtinden laBt. 
Fabry findet, daB unter Zugrundelegung seiner Verteilungsfunktion (oder ahn- 
lichcr) die Abwesenheit stark hyperbolischer Bahnen sich nicht in Einklang mit 
dem interstellaren Ursprung bringen laBt. 

Van Woerkom 4 untersuchte die Frage unter der Annahme einer Maxwell- 
Verteilung der Geschwindigkeiten mit einer Streuung von d; 9.4 km/sec und einer 
Asymmetrie der Sonnenbewegung von 20 km/sec. Er kommt damit zu der 
Forderung von 1 % hyperbolischer Bahnen, und zwar mit zum Tcil stark hyper¬ 
bolischer Balinen. DaB solche nie beobachtet worden sind, ware nur verstand¬ 
lich, wenn die Sonne keine Bewegung gegen die Kemwolke hatte, was ganz 
unwahrscheinlich ist. Van Woerkoms Resultat spricht mit groBter Wahrschein- 
lichkeit gegen einen interstellaren Ursprung. 

Von R. A. Lyttleton 5 6 ist neuerdings eine Thcorie vorgetragen worden, nach 
welchcr die Sonne beim Durchqueren interstellarer Materiewolken Verdichtungen 
von Staub erzeugt und diese gleichzeitig in Kometenbahnen zwingt. Solange der 
Ursprung dcr Kometenkerne noch ganz ungeklart bleibt, ware cs unangebracht, 
diese neue Thcorie vollstandig zu iibersehen, in ihrem jetzigen Zustand scheint 
sie uns jedoch wenig anziehend, weshalb wir es bei diesem Hinweis bewenden 
lassen. 

Nach einer zweiten Hypothese, die zuerst von Lagrange* geauBert wurde, 
sind die Kometenkerne Auswurjprodukte eines Planeten oder Splitter eines ehe- 
mals existierenden, zerborstenen Planeten. Die Bruchstiicke eines zerfallenen 
Planeten sollten Bahnen verfolgen, die alle einen gemeinsamen Kreuzungspunkt 
besitzen, namlich den Ort der Katastrophe. Da dies bei den Kometen nicht beob¬ 
achtet wird, so hat man diesen zweiten Gedanken bald wieder fallen gelassen. 
Allerdings muB gesagt werden, daB das Fehlen eines gemeinsamen Bahnpunktes 

1 P. S. du Laplace: Oeuvres Completes 13. 88 (1904). 

2 G.V. Schiaparelli: Entwurf einer astronom ischen Theorie der Sternschnuppen und 
Meteore. Stettin 1871. 

2 L.Fabrv: Etudessur la probability dcs cometes hyperboliques ct l’origine des cometcs. 
These, Marseille 1893. 

4 A. J. J. van Wof.rkom: Bull. Astronom. Inst. Netherl. 10, Nr. 399 (1948). 

5 R. A. Lyttleton: Monthly Notices Roy. Astronom. Soc. London 108, 465 (1948); 
111, 268 (1951). — Symposium, Lifege 1953. 

6 J.L. Lagrange: Add. Com. d. Temps 1814• 
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nicht unbedingt gegen die Explosionshypothese spricht. In einem Zeitabschnitt. 
vergleichbar mit der Existenzzeit des Sonnensystems, konnte durch planetarische 
Storungcn der Bahnen eine solche Bahnverwandtschaft vollkommen beseitigt 
worden sein. 

Die neueren Befiirworter der Auswurfhypothcse stiitzen sich in erster Linie 
auf die Jupitcrfamilie der Kometen 1 . Trotzdem diese Hypothese die auf- 
falligstcn Eigentiimlichkeiten der Jupitergruppe ziemlich zwanglos zu erklaren 
vermag, so crweist sich jedoch, wie van Woerkom 2 gezeigt hat. die Einfang- 
hypothese der Auswurfhypothcse iiberlegen (vgl. weiter unten). Derselbe Autor 
kommt in seinen Untersuchungen auch zu dem Resultat, daB die langperiodischen 
Kometen kcinesfalls durch Eruptionen dcr Planeten entstanden sein konnen. 

Weiterhin ist dann kiirzlich in bezug auf den EntstehungsprozeB der Ko- 
metenkeme der Gedanke geauBert worden, daB derselbe mit der Entstehung 
der Planeten zusammenfallt 3 . Die Bildung des Sonnensystems ist bis heute noch 
keineswegs klar aufgedeckt, vieles spricht jedoch dafiir, daB sich die Planeten 
gleichzeitig mit der Sonne aus einer ausgebreiteten, flachen, rotierenden Gasmasse 
gebildet haben. Im Zentrum formte sich die Sonne, und um diese hcrum konden- 
sierten sich groBere und kleinere Massen. Es ware denkbar, daB im Vcrlaufe 
dieses Prozesses sich an den Randcrn des Nebels zahllose kleinere Korper als selb- 
standige ,,Kometenkerne“ bildeten. 

Zusammenfassend muB leider gesagt werden, daB wir iiber die Entstehung 
der Kometenkerne noch sehr im Ungcwisscn bleiben. In einer kurzen Mono¬ 
graphic scheint es kaum gerechtfertigt, den einzelnen, sich entgegenstehenden 
Hypothesen noch mehr Raum zu widmen. 

In bezug auf die oben aufgeworfene zweite Erage befinden wir uns in einer 
etwas giinstigeren Situation. Hier liefert das bisher gesammelte Material an 
berechneten Kometenbahnen bestimmte Hinweise. Das Studium der Bahnvcr- 
haltnisse, insbesondere der Haufigkeitsvertcilung der halben groBen Bahnachsen a 
fiihrt, wie Oort 4 gezeigt hat, zu dem SchluB, daB die uns sichtbar gewordenen 
und noch neu sichtbar werdenden Kometen aus einem groBen Reservoir von 
Kometenkernen stammen, welches die Sonne in der Distanz von 50000 bis 
150000 A.E. umgibt. Die Bahnen der Kerne dieses Reservoirs bleiben in alien 
Punkten weit auBerhalb des Systems der Planeten. Storungcn der Bahnen 
der Kerne dieser Kemwolke konnen nur durch den Vorbeigang bcnachbarter 
Sterne hervorgerufen werden. Infolge dieser Sternstorungen entstehen zu einem 
kleinen Teil auch stark exzentrischc Bahnen, die im Perihel in die Nahe der 
Sonne bzw. Erde gelangen. Wir kommen in Ziff. 18 hierauf zuriick. 

18. Die langperiodischen Kometen. Es ist seit langerem bekannt, daB unter 
den langperiodischen Kometen die sehr langcn Perioden sehr stark iiberwiegen. 
Ordnet man die rund 220 Objekte aus dieser Gruppe, fur die genauere Bahn- 
elemente vorliegen, nach steigenden Werten der reziproken Halbachsen 1/a mit 
einer Intervallbrcite von 0,002 A.E. -1 , so erhii.lt man das Bild der Tabelle 12. 
t'ber 80% der Gesamtheit fallt in das erste Intervall von 0,00 bis 0,002. 

J. Oort hat gezeigt, daB unter den 220 in der Tabelle 12 bentitzten Kometen¬ 
bahnen 41 vorhanden sind, bei denen die Genauigkeit, mit der das Bahnelement a 
bekannt ist, eine feinere Intervallbildung gestattet. Diese 41 Kometenbahnen 

1 S. Vsessviatsky: Astronom. Nachr. 240. 273 (1930); 243, 281 (1931)- — Russ. Astro- 
nom. J. 10. 18 (1934); 14. 63 (1951). 

2 A. J. j. van Woerkom: loc. cit. 

5 Vgl. dazu G. R Kuiper: Symposium. Liege 1952. 

4 J.Oort: Bull. Astronom. Inst. Netherl. 11, Nr. 408 (1950). Vgl. auch Symposium, 
Liige 1953. 



512 


K. Wurm: Die Kometen. 


Ziff. 18. 


sind bei der Aufstellung der nachsten Tabelle 13 mit den Intervailbreiten von 
5 • 10 5 A E ." 1 bcnutzt worden 1 . Es handelt sich in alien Fallen urn die reziproken 

Halbachsen von urspriinglichen Bahnen, wie sie also 
Tabelle 12. vor dem Eintritt der Kometenkerne in das System 


1,'u 

Anzahl n 

0,000 — 0,002 

177 

0,002-0,004 

10 

0,004-0,006 

8 

0,006-0,008 

7 

0,008-0,010 

2.5 

0,010—0,012 

6,5 

0,012 — 0,014 

1 

0,014 — 0,016 

1.5 

0,016 — 0,018 

1.5 

0,018 — 0,020 

4 

0,020- 0,022 

2 

0,022-0,024 

0 


der Planeten vorlagen. Die n der zweiten Spaltc be- 
zeichnen die Anzahlen zu den links davon aufge- 
fiihrten Intervallen. Die n der Spalte 3 entsprechen 
den Anzahlen der Kometen pro einheitlichem Inter- 
vall 5 • 10 5 A.E. -1 . Die vier am Anfang stehenden 
Objekte mit negativen 1 /a beruhen aller Wahrschein- 
lichkeit nach auf Beobachtungsfehlern, und es ist 
anzunehmen, daB sie in Wahrheit in das dritte Inter- 
vall gehoren. 

Die Tabelle 13 zeigt auf jeden Fall, daB eine aus- 
gesprochene Haufung der Kometen fiir VVcrte 1 /a 
kleiner als 5 • 10 -s existiert. Ein betriichtlicher Bruch- 


Nach van Woerkom teil aller Kometen mit langerer Periodc hat also die 
(FuBnote 4 auf S. 510 ). Aphele bei heliozentrischen Distanzen obcrhalb von 


40000 A.E. Der Komet Delavon 1914 V, der zu den Ob- 
jekten in der dritten Gruppe derTabelle 13 gehort, hat nach van Biksbroeck eine 
Apheldistanz von 170000 A.E. und eine Umlaufperiode von 24 Millionen Jahrcn. 

Oort macht nun darauf auf- 


Tabelle 13. 


merksam, daB die Kometen im 


i>* • 10* 

A.E.-* 

Anzahl 

ft 

Anzahl pro 
Interval > • 10" * 

- 

Mittlcrc 
Peri ode 
Jahre 

-8 


1 

1 


— 3 bis 

0 

3 

3 


0 bis 

+ s 

9 

9 

10’ 

4- 5 bis 

i° 

4 

4 

1,5 • 10® 

10 bis 

15 

2 

2 

7,5 • 10 s 

15 bis 

20 

2 

2 

4,5 • 10“ 

20 bis 

25 

1 

1 

3,0 ■ 10 s 

25 bis 

5° 

3 

0,6 

1,7 • 10® 

50 bis 

75 

2 

0,4 

7.0 • 10* 

75 bis 

100 

1 

0,2 

4,0 • 10 4 

100 bis 

200 

3 

0.15 

2.0 • 10 4 

200 bis 

400 

4 

0.10 

2.0 • 10 3 

400 bis 

600 

1 

0,02 

3.0 • 10 s 

600 bis 

800 

4 

0,10 

1.7 • 10* 

800 bis 1000 

0 

0,00 

1.1 • 10 3 

1000 bis 2000 

1 

0,005 

6,5 • 10 s 

2000 bis 3000 

0 

0,000 

2.5 • 10* 

3000 bis 4000 

0 

0,000 

1.5 • 10 2 

Summe 

41 




Nach J. Oort: Symposium, Liege 1952. 


oberen Teil der Tabelle 13 mit 
Werten von 1 /a kleiner als etwa 
10 - 10 '* bei ihrer Beobachtung 
zum ersten Male in das System 
der Planeten eingedrungen sein 
miissen. Dieser SchluB stiitzt 
sich auf folgenden Umstand. Der 
Durchgang eines Kometen durch 
das System der Planeten ist stets 
mit Bahnstorungen verbunden. 
Fayet 2 und van Woerkom 3 
haben errechnet, daB unter Be- 
riicksichtigung aller moglichen 
Bahnformen bei einer einzelnen 
Passage allein durch Jupiter 4 
im Durchschnitt eine Anderung 
des reziproken Wertcs der Bahn- 
achse um den Bet rag A ( 1 /a) = 
0,0005 A.E . -1 erfolgt. Die Ver- 
teilungder/l ( 1 /a) ist symmetrisch 
zu A(\ja)=0, gleichc positive 


und negative Wcrte sind gleich 
wahrscheinlich. Die GroBe dieser Jupiterstorungen besagt, daB die im Maximum 


der n (oder n) liegenden Kometen groBtenteils „neue" Kometen sein miissen. 


1 Man beachte, daB die GroBen der Intcrvalle der ersten Spalte wechseln und mit wach- 
sendem 1/a grOBer werden. 

2 G. Fayet: Publ. Obs. Paris, M6m. 26, A (1910). 

3 A. J. J. v an Woerkom : loc. cit. 

4 Die Jupiterstorungen sind im allgcmeincn ausschlaggebend. 


I 



Ziff-18- Die langperiodischen Kometcn. 5^ 

Es liegt nahe, anzunehmen, daB aJle Komcten aus dicscn groBen Distanzen 
gekommcn sind und die Einwirkung der Planeten eine stetige Diffusion zu gro- 
Beren 1/a bewerkstelligt hat und noch wciter bevverkstelligt'. 



Fig. 29 . Komet Mrkos (1957d), 28. August 1957. (Aufnahmc G. Maxnixo, Asiago.) 


Das Auftauchen neuer Kometen aus Distanzen von 40000 bis 150000 A.E. 
erklart sich — wiederum nach Oort — in folgender Weise. Es kann keinesfalls 
angenom men w erden, daB sich die Kometenkeme in dicscn Entfcmungen, wo 

1 Die Berechnnngen von Fayet und van Woerkom sind statistischer Art. Dor Mittel- 
wcrt der Storung in i/a kann ebenfalls aus den Storungcn der 21 individucllen Bahncn der 
Tabelle 2 (Ziff. 2) berechnet werden. Nach den Ergebnissen dieser Tabelle erhalt man 
A (1/a) = 0,00048 A.E. -1 . DaB A ( 1 /a) bei den Objckten der Tabelle 2 fast ausschlicBlich positiv 
ausfallt, ist natiirlich darin begriindet, daB die Ausgangsbahnen vorwiegend oskulierendc 
hyperbolische Bahnen sind. 

Handbuch der Physik, Bd. LII. 
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keine anderen Korper vorliegen, stiindig neu bilden. Sie mussen bereits als fertige 
Kerne in diesen entfernten Regionen vorhanden sein und in Bahnen laufen, die 
nicht in das innere des Sonnensystems eindringen. Diese Kometenkem-Wolke 
bleibt vollstandig uribeeinfluBt durch die Planeten. Da jedoch ihre Distanz 



Fig. 30. Kornet Mrkos (1957d), 30. August 1957. (Aufnahme G. Mannino, Asiago.) 


von der Sonne von derselben Ordnung ist wie die Distanzen zwischen benachbarten 
Stemen, so unterliegt sie hin und wieder dem storenden EinfluB vorbeiziehender 
Sterne. Unter den zahlreichen Balinumwandlungen, die ein solcber Vorbeigang 
cines Stcmes liervorruft, entstehen auch einige Bahnen positiver Exz.entrizi- 
taten, deren Perihele nahe der Erdbahn liegen, und deren Kerne also nacli ent- 
sprechenden Zeiten ftir uns sichtbar werden 1 . 

1 Die Gesamtheit der Kerne in der Kernwolke wird auf 10 10 bis 10 11 Einzclkcrne gescliiitzt. 
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Nach van Woerkom 1 , der den EinfluB der Jupiterstorungen auf den nach 
innen gehenden Strom der Kometenkerne untersucht hat, sollte unter quasi- 
stationaren Bedingungen eine solche Verteilung der Hauptachsen sich ergeben. 



Fig. 31 . Komet Mrkos, 13. August 1957. (Aufnahme A. McCluke, Los Angeles.) 


daB gleiche Intervalle 1 /a eine gleiche und konstante Anzahl n von Kometen- 
kemcn enthalten 2 . Ein stationarer Zustand dieser Art ist offensichtlich nach 
den Tabellc n 12 und 13 nicht vorhanden, obwohl doch die Zeit der Existenz 
1 A. J. J. Woerkom : loc. cit. 

8 Man beachte, daB auch ein nach auBen gerichteter Strom hyperbolischer Bahnen exi- 
stiert, dessen Mitglieder dem System vcrloren gehen. 


33 
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des Sonnensystems (3 -10® Jahre) sehr groB ist im Vergleich zu den langsten 
Perioden. Dieser Umstand wird ohne weiteres verstkndlich. Die sich der Sonne 
nahemden Kerne unterliegen einem fortschreitenden Zerfall, der im Durchschnitt 
um so schneller erfolgt, je kiirzer die Periode ist. 

19. Die kurzperiodischen Kometen. Der 1770 von Messier entdeckte Komet 
Lexell lief zur Zeit seiner Entdeckung in einer Bahn mit einer Umlaufsperiode 
von 3,6 Jahren und einem Perihelabstand von 0,67 A.E. Wahrend der nachsten 
Perihelannaherung waren die Beobachtungsbedingungen zu ungiinstig, um ihn 
auffindcn zu konnen. Bei der darauffolgenden Perihclpassage blieb er wiederum 
unauffindbar, trotz sehr gtinstiger Stellungen von Erde und Komet. Laplace 1 2 
zeigte, daB der Komet im Jahre 1779 sich Jupiter auf 0,01 A.E. geniihert hatte 
und in eine Bahn mit einer Periode von 16,2 Jahren und einer Periheldistanz 
von 3,33 A.E. iibergegangen war. Es ergab sich auBerdem, daB die Bahn, in 
welcher er 1770 entdeckt wurde, ebenfalls das Resultat einer kurz vorangcgangenen 
Jupiterannaherung war. Vor 1767 besaB der Komet eine Periode von 11,4 Jahren 
und eine Periheldistanz von 2,96 A.E. Aus dieser Erfahrung schloB Laplace 
auf eine Entstchung der kurzperiodischen Kometen infolge starker Jupiter- 
storungen aus langperiodischen Bahncn. 

Das Problem der Storungen der Kometenbahnen durch nalie Vorbeigange 
an den Planeten ist spater am ausftihrlichsten und erfolgreichsten durch den 
amerikanischen Astronomen H.A. Newton® behandelt worden, neuere Beitrage 
von Wichtigkeit zu diesem Thema stammen von H.N. Russell 3 und A. J. J. 
Woerkom 4 . Newtons Publikation liefert die Grundlagen einer statistischen 
Theorie starker planetarischer Storungen. Die Voraussetzungen der Theorie 
sind die folgenden. Es existiert im Abstand von Sonne gleich dem Bahnradius r 
des betrachteten Planeten ein homogenes Feld parabolischer Kometen. Die 
Bahn des Planeten wird als kreisfdrmig angenommen. Die Geschwindigkeiten 
der Kometenkemc sind also in der Entfernung r uberall dieselben und gleich der 
parabolischen Geschwindigkeit, die Richtungcn der Bewegung der Kerne sind 
nach dem Zufall verteilt. Um den durch das Feld streichenden Planeten gibt es 
im Sinne von Laplace eine Aktionszone, innerhalb welcher die Schwereattrak- 
tion des Planeten die der Sonne so stark uberwiegt, daB letztere vemachlassigt 
vverden kann. AuBerhalb der Aktionszone wird die Attraktion des Planeten ver- 
nachliissigt. Die Bahnkurve innerhalb der Aktionszone ist eine Hyperbel mit dem 
Mittelpunkt des Planeten als Fokus; sie ist bestimmt durch die Geschwindigkeit, 
deren Richtung und den Ort beim Eintritt in die Zone. 

Wir miissen da von absehen, die nicht wenig verwickelte Theorie hier darzu- 
legen und beschninken uns auf die Erwiihnung einiger der wesentlichsten Resul- 
tate 5 . 

Der Autor leitet unter anderem eine Formcl ab, welche die Wahrscheinlich- 
keit zu berechnen gestattet, daB eine einzelne Passage eines Kometenkerns durch 
den Raum innerhalb der Bahn des Planeten mit dem Radius r zur Entstehung 
einer elliptischen Bahn mit einer Halbachse kleiner als ein bestimmter Wert a 
fiihrt. Bezeichnen wir diese Wahrscheinlichkcit mit F, so lautet der entsprechende 

1 P. S. db Laplace: M<ic. C 61 . IV., I.ivrc g, Chap. 3. 1805. 

2 H.A. Newton: Mem. Nat. Acad. Sci. 6 , 7 (1893). 

3 H.N. Russell: Astronom. J. 23, 49 ( 1920 ). 

4 A. J. J. Woerkom: loc. cit. 

5 Die Lekture der Newtonschcn Publikation ist ziemlich schwicrig. Man findet die wesent- 
lichstcn Elcmente der Theorie noch cinmal tind zwar leichter verstandlich dargestellt bei 
M. J. Bosler, J. Obscrvatcurs 14, 117 ( 1931 ). 
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Ausdruck: 


F = 


1 

4 



( 


— r — 


s 



ds. 


( 19 - 1 ) 


In dieser Formel bezeichnet m die Masse des Planeten in der Einheit der Sonnen- 
masse, s ist das Verhaltnis der planetozentrischen Geschwindigkeit des Kometen 
zur heliozentrischen des Planeten. Die Integration ist iiber alle s> j/2 — 1 zu 
erstrecken, die dem Integranden einen positiven Wert lassen. Ausgehend von 
einer Gesamtzahl von 10 9 parabolischen Kometen, welche die Distanz der Jupiter- 
bahn nach innen zur Sonne hin iiberschreiten, findet Newton, daB diese nach 
(19-1) 126 Kometen mit einer Periode kleiner als die halbe Jupiterperiode P, er- 
geben, 839 kleiner als Pj, 1701 kleiner 1,5 Pj und 2670 kleiner als 2 Pj. 

Nach Newton werden die eingefangenen Kometen vorwiegend in direkte 
Bahnen iibergehen, also denselben Umlaufssinn haben wie der Planet. Bezeichnen 


Tabelle 14. 


V (in “) 

n 

V (in “) 

n 

V (in 0 ) 

n 

0 - 15 

6 

60- 75 

124 

120—135 

37 

15- 30 

91 

75- 90 

101 

135-150 

23 

30- 45 

170 

90-105 

67 

150-165 

11 

45- 60 

152 

105-120 

53 

165-180 

4 


wir mit ip den Winkel, welchen die heliozentrische Geschwindigkeit des Planeten 
(Jupiter) mit der heliozentrischen Geschwindigkeit des Kometen in der umge- 
wandelten Bahn bildet, so zeigen beispielsweise die umgewandelten Bahnen von 
839 Kometen mit einer Periode kleiner als zwolf Jahren eine Verteilung iiber 
zwolf gleiche Intervalle von 15°, wie sie in der Tabelle 14 aufgezeigt ist. 

ip< 90° bedeutet direkte, ip > 90° retrograde Bahnen 1 . Aus der Verteilung 
iiber ip kann die Verteilung iiber die Neigungswinkel i gegen die Ekliptik nicht 
ohne weiteres entnommen werden; es ergibt sich jedoch, wie man sich leicht klar 
macht bei der Verteilung iiber i eine starkere Zusammendrangung zu kleineren 
Winkeln hin. Der Autor hat zum Vergleich die Besetzungszahlen i fiir die Winkel 
von 0 bis 30 ° und von 150 bis 180 ° errechnet und findet 257 im ersten Intervall 
gegen nur 51 im Endintervall. 

Die Kometen der Jupitergruppe mit Perioden unter 12 Jahren zeigen aus- 
schlieBlich Bahnneigungen i< 45°; die mittlere Neigung betragt iiberhaupt nur 
14°. Diese extreme Bevorzugung der kleinen Neigungen zeigt, daB die Mitglieder 
dieser Gruppe hochstens zu einem kleinen Teil das Produkt nur einer Jupiter- 
begegnung sein konnen, sie sind vielmehr das Ergebnis einer weiteren Aussonde- 
rung nach der ersten Begegnung. Nach der Newtonschen Theorie ergibt sich 2 , 
daB fiir Bahnen, deren ip nach dem Einfang 45° iibersteigt, bei nachfolgenden 
Begegnungen die Chance fiir eine VergroBerung der Periode groBer ist als fiir eine 
weitere Verkiirzung. 

Das entscheidende Kriterium fiir einen ,,kiirzlich" vor sich gegangenen Ein¬ 
fang eines Kometen durch einen Planeten muB darin gesehen werden, daB die 
Kometenbahn in einem Stuck sehr dicht an die Bahnkurve des Planeten heran- 
fiihrt, der fiir den Einfang verantwortlich gemacht wird. Eine Anwendung dieses 
Kriteriums auf die typischen Mitglieder der Jupitergruppe durch Russell 3 

1 Wir sehen hier von der kleinen Bahnneigung des Planeten ab. 

2 Vgl. dazu A. J. J. van Woerkom : loc. cit., S. 470i. 

3 H.N. Russell: loc. cit., S. 56 . 
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ergab, daB es voll erfiillt wird. Die fraglichen Minimaldistanzen d liegen unter 
0,2 A.E. mit einer Haufung in dem Intervall von 0,00 bis 0,05 '■ 

Van Woerkom hat noch auf eine weitere statistische Relation bei den Jupiter- 
kometen aufmerksam gemacht, die in der Tabelle 15 aufgezeigt wird.. Die be- 
kannten Bahnelemente der Kometen gestatten unter Benutzung des Jacobischen 
Integrals der DreikSrperbewegung (Sonne, Jupiter, Komet) die Beantwortung 
der Frage, mit welchen Geschwindigkeiten s die verschiedenen Kerne nach der 
Jupiterbegegnung das Schwerefeld des Plane ten (Aktionsradius) verlassen haben. 
In Tabelle 15 ist s in der Einheit der Jupiter-Bahngeschwindigkeit ausgedriickt. 
Wir bemerken, daB eine Haufung der Objekte bei der halben Jupitergeschwindig- 
keit existiert, was als ein sehr bemerkenswertes Charakteristikum der Bahnen 
angesehen werden muB. Van Woerkom konnte zeigen, daB die Relation der 
Tabelle 15 automatisch aus der Newtonschen Theorie folgt. Fur i 0,5 besteht 


Tabelle 15. 


s 

Anzahl 

s 

| Anzahl 

s 

| Anzahl 

0,00-0,12 

0 

0,36-0,48 

11 

0 , 73 - 0,80 

3 

0,12 — 0,24 

3 

0,48-0,61 

13 

0 , 80 - 0,97 

3 

0,24-0,36 

9 

0,61 —0,73 

9 




fur einen Kometen die groBte Chance, innerhalb der Jupitergruppe zu bleiben 
die Wahrscheinlichkeit dafiir fallt dann aber sowohl zu kleineren wie zu groBeren s 
allmahlich ab. 


1 Der Komet Encke macht hier eine Ausnahme und nimmt eine Sonderstellung ein, was 
sehr wahrscheinlich auf die schon in Ziff. 3 erwahnten Bewegungsanomalien zuriickzufiihren ist. 



Meteors. 

By 

Fred L. Whipple and Gerald S. Hawkins. 

With 17 Figures. 


1. Introduction. In recent years the subject of meteors and meteoritics has 
emerged from its isolation as a purely academic subject. We now know that 
meteors affect conditions in the lower ionospheric regions by producing columns 
of ionization which have recently found a practical use in the propagation of 
radio waves beyond the optical horizon. Meteoritic dust has even been ascribed 
the property of engendering heavy rainfall on a world-wide scale, while the 
diffusion of the dust before reaching the Earth is largely responsible for the 
zodiacal light or scattered sunlight near the plane of the Earth’s orbit. Further¬ 
more, the microscopic dust particles are a source of considerable concern to the 
engineers who are constructing artificial satellites or man-made vehicles which 
are invading the silent realms of space. The phenomena of the meteoric processes 
represent an ultimate in ultra-sonic projectiles, and meteors provide critical 
data in this area of ballistics. The extreme of terminal ballistic processes is 
represented by the large meteoritic craters that pit the surface of the Earth. 
As our understanding of the Earth’s crust increases, we can recognize more and 
more of these imprints made by great meteoritic bodies in the past. 

As a consequence of the increasing demand for basic knowledge of meteoritic 
phenomena, as it relates both to pure science and to technology, research cover¬ 
ing the entire field, from meteoritic dust to lunar crater formation, has received 
an impetus that few would have predicted a few decades ago, and has greatly 
increased. The study of meteors has passed from the hands of the amateurs 
into those of the professional astronomers, the ballisticians, the electronics experts 
and other groups of scientists and technicians who are interested in various 
phases of the problem. Many of the basic academic questions have now been 
answered, but the new fields of interest that have been opened are presenting, 
in turn, questions of a far-reaching nature and thus continually extend and 
enlarge our original basic concepts. 

A vital question, "What percentages of meteors are of cometary origin, of 
asteroidal origin, and of interstellar origin ? ’’ has now been answered. No real 
evidence exists for hyperbolic meteors with origin outside the gravitational 
limits of the solar system. Ordinary visual meteors and the fainter radio meteors 
appear to be almost entirely of cometary origin, while asteroidal debris must 
certainly account for most of the brighter fireballs and certainly for all of the 
sizeable meteorites recovered on the surface of the Earth. The evidence for 
these conclusions will be presented later in this paper. 

Today we face important problems concerning the detailed physical processes 
of ablation, or loss of matter, as the atmosphere interacts with and destroys the 
surface of a meteoroid (meteoritic body) at velocities from 11 to 72 km/sec. 
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What fraction of this available energy goes into the production of electrons and 
observable photons ? What are the masses and densities of meteoroids ? What 
physical processes affect meteoritic material from the time that it leaves a comet¬ 
ary nucleus until it finally plunges into the Earth’s atmosphere ? 

To answer these and other questions, we must deal with meteors of all sizes, 
with dimensions ranging from less than one micron to many meters. The methods 
of study chosen and the basic nature of the phenomenon depend markedly upon 
the size of the bodies, as indicated in Table \. Here the dimensions given are 
to be considered as only indicative, and not as exact limits. Furthermore, the 
methods of detection listed for each class of meteoroid are limited to those that 
appear to be most useful in each size range. For example, all meteoroids in space 
must contribute to the zodiacal light, but it has become evident that only the 
smaller ones contribute enough scattering to make their study profitable by this 
technique. 


Table 1. Meteoritic phenomena. 


Class of phenomena or bodies 

Rough dimensions 1 

Possible methods of detection 

Micrometeorites. 

< 1 ^ 

Artificial satellites and rockets 

Micrometeorites. 

1 to 100 [A 

Light scattering, in space (zodiacal light) 
Light scattering in atmosphere 

Meteoritic dust collection 



Deep sea sediments 

Artificial satellites 



Rockets 

Faint meteors. 

100 (i to 0.1 cm 

Radio 

Zodiacal light 

Artificial satellites 

Meteors. 

0.1 to 10 cm 

Photographic 

Radio 



Visual 

Fireballs and bolides. . . 

10 to 300 cm 

Visual 

Meteorites 

Radio 

Great fireballs and bolides 

> 300 cm 

Meteorites 

Meteoritic craters and geological structures 
Visual, radio 


In the subsequent sections of this article, we shall deal first with a basic 
theory of the meteoritic processes in the atmosphere and describe the celestial 
mechanics which enables us to compare the orbital characteristics of meteors, 
comets and asteroids. We shall then deal with the various meteoric phenomena 
in the order of the dimensions of the bodies, stressing in each size range the me¬ 
thods of study that have proved most fruitful, and discussing the results of such 
studies as are now available. Although this method of presentation involves 
some overlapping of size range and methods, it seems unavoidable and would 
also occur in any other method of presentation. 

2. Basic theory of the meteoric processes. The basic theory presented here for 
meteoric phenomena was first used practically in the problem by one of the 
authors 1 . It is a modification of a theory presented by Hoppe 2 , and is based 
also on fundamental thinking concerning the problem by a number of authors 

1 F.L. Whipple: Proc. Amer. Philos. Soc. 79, 499 (1938). — Rev. Mod. Phys. 15, 246 
(1943). 

2 J. Hoppe: Astronom. Nachr. 262, 169 (1937). 
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including Maris 1 , Sparrow 2 , and particularly Opik 3 . A general summary of 
this work has been presented by Levin 4 . The equations describe the inter¬ 
action of the meteoroid with the atmosphere and relate the quantities observable 
by visual and photographic techniques,—velocity, deceleration and light emission. 
A modification of these equations for their application in the production of free 
electrons, which produce radio scattering and reflection, is simple and direct 
without change in principle, and was first presented by Herlofson 5 (see A.C.B. 
Lovell, Vol. XLVIII of this Encyclopedia). 

Let us suppose that a meteoroid of mass m, irregular dimensions, and internal 
density g m , enters the upper atmosphere with velocity v and its direction of 
motion inclines at an angle z to the direction of the zenith. In the practical prob¬ 
lem the velocity v is high enough so that the kinetic energy of the incoming body 
greatly exceeds the internal energies necessary to pulverize, melt, or vaporize 
the material. 

Air particles are trapped momentarily on or near the surface of the meteoroid, 
imparting to it some of the energy of collision and decreasing its forward mo¬ 
mentum. The air particles are given a forward velocity, while the meteoroid 
suffers a deceleration dvjdt, so that for the momentum exchange we may write 

m^ = —rSqv‘ l , ( 2 . 1 ) 

where q is the density of the atmosphere, r is the drag coefficient and S is the 
effective cross-sectional area of the meteoroid. It is convenient to eliminate one 
variable from this equation by expressing the cross section as a function of the 
mass m. If, for example, the meteoroid were a sphere of density g m , the cross- 
sectional area S could be written 



In general, the meteoroid will be an irregularly shaped object and we must 
replace the (9 ?t/ 16)« by a general dimensionless shape factor. A, which for bodies 
of ordinary shape, such as cones, ellipsoids and short cylinders, is of the order 
of unity. With the transformation we can establish the first fundamental equation 
in the meteor theory, the drag equation: 

= - T A q-I m-i q v 2 . (2.3) 

From the principle of the conservation of energy, we may equate the energy 
imparted by the colliding particles to the energy required for ablation (vaporiza¬ 
tion, melting or fragmentation) of the meteoroid, since the kinetic energy lost 
by deceleration of the meteoroid is negligible. Thus 

£ d £- = - \ A A eJ Q V s ■ ( 2 - 4 ) 

where £ is the energy required to ablate one gram of the meteoroid and A is the 
efficiency of the energy exchange. The second fundamental equation, the mass 

1 H.B. Maris: J. Terr. Magn. 34, 309 (1929). 

2 C.M. Sparrow: Astrophys. Journ. 63, 90 (1926). 

3 E. Opik: Veroff. Dorpat 25, 1, 32 (1922). 

4 B. I. Levin: The physical theory of meteors and meteoric matter in the solar system. 
This appeared in Dokl. Akad. Nauk SSSR. 1956, 293 pp., and is available in English trans¬ 
lation, ASTIA Document No. AD 110091, published by the American Meteorological Society. 

5 N. Herlofson: Phys. Soc. Rep. Progr. Phys. 11, 444 (1948). 
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equation, is obtained by dividing (2.4) by (2-3), which gives 

1 dm A dv 

m dt 2T£ V dt 


(2-5) 


The material that is ablated from the surface of the meteoroid collides with 
the particles in the atmosphere with a forward velocity v, and hence each meteor 
atom has a kinetic energy of from -100 to 1000 electron volts. This energy is 
sufficient to ionize and excite the air particles with consequent emission of light. 
If the fraction of the kinetic energy converted into light is r, then 


I = 



( 2 . 6 ) 


Similarly, if ft is the probability that an evaporated meteor atom will produce 
an ion pair, then the number of ion pairs, q, per cm of track is given by the ex- 

pression: dm i B 

? = -■£ 44. (2-7) 


/* 


where // is the mean mass of an evaporated atom. 

Thus we have four basic equations in the meteor theory, Eqs. (2-3), (2.5) to 
(2.7), with m, v, and I or q as variables, and six unknown quantities, r, A, Q m , 
£, r and fj, which we hope are approximately constant. Photographically we can 
measure v, height, dv/dt and / as functions of t, and by radio techniques we can 
measure v, height, and q. From four basic equations we can evaluate only three 
quantities; this fact represents the crucial problem facing meteor theory at present. 
We choose to evaluate the following groups of constants: r/p, 2 n (/^ A) 3 , A/2TC, 
r/{3. To evaluate r/gl,(rA) 3 } we make use of the fact that the mass at time t 
is given by integrating Eq. (2.6) from t to t e (the end of the meteor) and, on 
substituting this value of m in the drag equation (2-3), we find 






dv \ 3 r 

a) J 

t 



( 2 . 8 ) 


In practice, v is found to be approximately constant and may be brought 
outside the integral sign. The intensity I is found from the estimated visual 
magnitude M t of the meteor from the expression of Opik : 


IVi — 24.0 


—V ■ — ^ 01U / 

The quantity o=Al2TC is found in a similar way by inserting m and dmjdt 
in the mass equation (2.5): 


2 rc 

~aT 


v* dv 
I dt 


Si 


dt. 


( 2 . 10 ) 


To express t//S in terms of measured quantities, we eliminate the mass between 
Eqs. (2.6) and (2.7) and substitute for I in Eq. (2.9). This yields the radar magni¬ 
tude relationship 1 ’ 2 , 

M„ = 80.35 - 2.5 (3 log, 0 i;4- log 10 j + log 10 q ) (2.11) 

(in c.g.s. units), from which r//S can be found. 


1 J. S. Greenhow and G. S. Hawkins: Nature, Lond. 170, 355 (1952). 

2 G. S. Hawkins: Astrophys. Journ. 124, 311 (1956). 
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For computational work and for theoretical reasons it is useful to develop 
subsidiary equations from the basic theory. For example, we may eliminate 
dmjdt between Eqs. (2.6) and (2.4), thus expressing the intensity of light as a 
function of air density and meteor velocity, as follows : 

T A A mi 

1 = r Q v\ 2.12 


By logarithmic differentiation we may then determine the air density n lmlx , where 
the meteoroid attains its maximum luminosity: 


Pmax — 


SHTA 


I Av 2 , 1 

1 15 rt +1 ( 


(2.13) 


It will be noted that the differential — has been evaluated by assuming 

an isothermal atmosphere with a scale height H, and that the meteor enters the 
atmosphere at an angle Z R to the vertical with negligible deceleration. Since 
Av 2 /i$rC^>i , Eq. (2.13) simplifies to the form 


£max 


sZ R 

AH A v 2 


(2.14) 


We may express the mass of the meteor in terms of its height h in the atmos¬ 
phere and its mass m^ outside the atmosphere by integrating Eq. (2.4); 

h 

AAv 2 


mi = mi + 


6 Ce m ?cosZ 


— / q dh. 

R J 

+ OO 


(2.15) 


Evaluating the integral by assuming an isothermal atmosphere and substitut¬ 
ing for (7 max from Eq. (2.14), we may deduce the simple relationship: 


^max — 27 ^00 • 


( 2 . 16 ) 


The intensity of a meteor is simply formulated if an isothermal atmosphere 
is again assumed and o max is substituted in the intensity equation. It can be 
shown that 

1 ? _ _ 9 Q 

-tmax ^max 1 ^max 


3 <Ju 


(2.17) 


Thus the normalized light curves of all the meteors are identical when plotted as 
a function of height, and are independent of velocity, angle of approach, and any 
physical characteristics of the meteoroid. The integrations involved from 
Eqs. (2.12) to (2.17), of course, are not valid if the meteoroid explodes or produces 
flares of light along its path, which are frequent occurrences in the brighter 
photographic meteors, or where the atmospheric scale height varies with height. 

The light curve of bright meteors is dependent on velocity; this fact was used 
to determine the dependence of atmospheric density on height 1 , a procedure 
that provided an excellent check on the basic principles of the theory. 

The brighter photographic meteors have light curves that agree remarkably 
well with the simplified theory. Fig. 1, from the work of Jacchia 2 , shows typical 
examples of bright meteors for which the measured light curve is compared with 

1 F.L. Whipple: Pop. Astron. 47, 419 (1939)- 

2 L. G. Jacchia: Harvard Coll. Obs. Techn. Rep. 3, 1949- 
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that computed from Eq. (2.17). The phenomenon of flares along the path of the 
meteor is illustrated in the same figure, and it can be seen that the meteor obeys 
the simple theory until the flare occurs. After the flare the meteoroid disinte¬ 
grates rapidly. 

The Super-Schmidt cameras photograph meteors that are some three or four 
magnitudes fainter than the meteors photographed in the earlier programs. Some 
300 meteors have been reduced in the Short Trail Reduction Program 1 ’ 2 , so that 
Eq. (2.17) can be tested statistically. If we substitute for the isothermal atmosphere 

and for the relation between 



Time 

Fig. 1. Light curves of typical bright meteors, observed and theoretical. 


intensity and magnitude from 
Eq. (2.9), we find that 

= log e | + ^pA- + .(2. 

+ 2log e [t-Lex P {" n ^}|. 

Continuous light curves have 
not been measured for these 
meteors, but the magnitude 
has been measured at three 
points: at the position of 
maximum light, at the beginn¬ 
ing, and at the end of the 
trail, when the magnitude of 
the meteor equalled the limit¬ 
ing magnitude of the plate, 
M lim . Thus, 

at the beginning of the trail 

h = , Afjim Afmax = ^ M , 

at the end of the trail 

h —h e , M hm -M ffiax = AM. 


We can therefore test the theory by plotting AM against h milx — h b , and AM 
against A max — h c , as shown in Fig. 2 where the theoretical curve as given by 
Eq. (2.18) has been drawn for comparison. Almost all of the meteor measure¬ 
ments lie within the theoretical light curve, indicating that the observed length 
of meteor trails is considerably shorter than that predicted, and departs from 
the theory in a random fashion. It has been suggested by Jacchia 3 that this 
discrepancy can be accounted for by the phenomenon of fragmentation of the 
meteoroid. It is hoped that the theory may be extended to cover the case of 
fragmentation when this process is more fully understood. It is probably correct 
to state that the above theory applies to each individual fragment and can be 
extended to cover the case of a fragmenting meteor if account can be taken of 
all the individual particles. 


3. Meteor spectra. A spectral analysis of the light emitted by a meteor gives 
an essential clue to the physical processes that occur in the coma and trail of a 


* G. S. Hawkins: Smithson. Contrib. Astrophys. 1, 207 (1957)- 

2 G. S. Hawkins and R.B. Southworth: Smithson. Contrib. Astrophys. 2, 349 (1958). 

3 L. G. Iacchia: Astrophys. Journ. 121, 521 (1955). 
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meteor. Unfortunately it has proved to be extremely difficult to obtain adequate 
numbers of meteor spectra because the sensitivity of a camera is necessarily 
reduced when an objective prism or diffraction grating is placed in front of the 
lens. Early visual work indicated that meteors produced a faint continuum of 
radiation on which was superimposed a line spectrum. Two lines identified with 
reasonable certainty were the D-line of neutral sodium and a line from neutral 
magnesium. Since 1900 the collection of meteor spectra obtained photographic¬ 
ally has been increasing, and the World List of all known photographed spectra 
contained 148 events at the beginning of 195 5 L 

The emission lines of the spectra are usually produced by neutral atoms which 
presumably have been excited by inelastic collision between evaporating meteor 



Fig. 2. Points from the light curves of faint meteors, compared with nonfragmentation theory. 


atoms and atmospheric particles. In some cases, emission from singly ionized 
atoms supplies a great deal of the radiated energy. The neutral atoms which have 
so far been detected are H, N, O, Na, Mg, Al, Si, Ca, Cr, Mn, Fe, and Ni, while 
the ionized atoms are Mg, Si, Ca, Fe. The fact that all of the identified lines are 
produced by radiation from atoms is a confirmation of the hypothesis that the 
meteor is vaporized into single atoms, because the elements listed above, except 
nitrogen and perhaps a small part of the oxygen, are supplied by the meteoroid 
and not by the atmosphere. There is one observation of radiation from a mole¬ 
cule 2 , N 2 , but in this instance the nitrogen molecule was probably supplied by 
the Earth’s atmosphere. It is interesting to note that although the energy of 
the evaporated meteor atom is of the order of 500 ev, the energy levels most 
frequently involved are centered at 4.5 ev with extreme values ranging from 1.9 
to 13.9 ev. Thus the most probable transitions are from upper levels, with energies 
that are about 1 % of the kinetic energy of the evaporated meteor atoms. 

The level of excitation and ionization depends on the velocity of the meteor. 
For example, no emission lines from ionized atoms appear in slow meteors with 
velocities below about 30 km/sec. As the velocity increases, Call is the first 
ionized atom to be detected and occurs in the spectra of Geminid meteors, with 

1 P.M. Millman: J. Roy. Astronom. Soc. Canada 49, 169 (1955)* 

2 A. F. Cook and P.M. Millman: Astrophys. Journ. 121, 250 (1955). 
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a velocity of 35 km/sec. In high-velocity meteors such as the Perseids (velocity 
60 km/sec), the ionized lines become the strongest feature 1 . This is consistent 
with the dependence of ionization on velocity which has been found by radio 
methods, and is described in a later section. 

For bright meteors a progressive change in the character of the spectrum 
has been noted along the path. The neutral atoms and ions are excited to higher 
energy levels as the meteor penetrates the atmosphere and the ratio of positive 
ions to neutral atoms increases. Thus the spectrum of the beginning portion is 
predominantly emission from neutral atoms, while the end portion is from excited 
ions. It has been suggested by Cook 2 that excitation and ionization increase 
with the ratio of meteoroid size to mean free path of evaporated atoms. When 
the meteoroid is relatively small, the atoms are colliding with air particles, but 
as it penetrates a region in which its diameter is large compared with the mean 
free path, collisions between the meteor atoms in the coma become more frequent 
and the transfer of energy more efficient. The light curve of individual spectral 
lines departs considerably from the form of Eq. (2.17), yet the integrated light 
intensity follows the simple theory remarkably well. 

It must be observed that the interpretation of the spectrum given in the pre¬ 
ceding paragraph applies to the coma near the head of the meteoroid, and does 
not necessarily apply to the tail extending well behind. For example, the height 
of maximum ionization determined by radio methods does not occur below the 
position of maximum light (see Sect. 7) and there is no evidence for a progressive 
increase in ionizing efficiency along the meteor path. 

The continuous spectrum noted by early visual observers has not been studied 
adequately by photographic techniques, partly because of the difficulty of cali¬ 
brating the spectral response of the photographic plate. Cook and Millman 3 , 
however, have analyzed the continuous spectrum for a single Perseid meteor 
and have explained the continuum in terms of the first and second positive 
groups of the neutral nitrogen molecule, combined with black body radiation of 
characteristic temperature 7000° K. The latter temperature was adopted to 
account in a formal way for the continuum, but must not be regarded as the 
actual temperature of the meteoroid surface which is probably at about 3000 °K 4 . 

The elements observed in meteor spectra are those expected on the basis of 
general cosmic abundances. Unfortunately, abundance determinations from 
meteor spectra have not yet been attempted because of uncertainties in the theory 
of the state of excitation and the physical circumstances of the meteor phenomena. 

A bright meteor usually leaves a faint column of light, or train, which may 
persist for many seconds. Millman 5 has obtained the only photograph of a 
train spectrum (between rotating shutter breaks) at present available, although 
a considerable number of visual observations exist 6 . The conspicuous character¬ 
istic in both the visual and photographic spectra is the complete absence of lines 
from ionized atoms. Photographically the elements Fe, Mg, Ca and Na are 
identified, all in the neutral state. This is interpreted by Millman as an indica¬ 
tion that the light from the train is produced by a recombination process, but this 
explanation has been shown to be inadequate by Cook and Hawkins 7 . There 
seems to be some mechanism that stores energy for considerable periods of time 

1 P.M. Millman: Astronom. J. 54, 177 (1949). 

2 A.F. Cook: J. Atmos, and Terrest. Phys., Spec. Snppl. 2, 8 (4955)- 

3 See footnote 2, p. 525- 

4 A.F. Cook, H. Eyring and R.N. Thomas: Astrophys. Journ. 113, 475 (1951). 

5 P.M. Millman: J. Roy. Astronom. Soc. Canada 44, 209 (1950). 

8 C.C. Trowbridge: Astrophys. Journ. 26, 95 (1907). 

7 A.F. Cook and G. S. Hawkins: Astrophys. Journ. 124, 605 (1956). 
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in the train; and this energy, on its release, excites the neutral atoms. It should 
be pointed out that the Millman train spectrum may arise largely from light 
emitted only small fraction of a second (< 0.01 sec) after the meteor. Thus this 
spectrum may differ systematically from train spectra observed visually a half 
second or more after the meteor. 

4. Meteor dynamics and orbits of comets, asteroids, and meteors. The velocity 
of escape from the Earth is 11 .3 km/sec, the lowest velocity with which a meteoric 
body from space can strike the upper atmosphere. The Earth’s orbital motion 
about the Sun is approximately 30 km/sec in a nearly circular orbit, while the 
velocity of escape from the solar system at the distance of the Earth corresponds 
to 42 km/sec. Hence the maximum velocity with which a meteoric body can 
strike the Earth occurs when a meteoroid at its perihelion strikes the Earth 
head-on. Under these conditions, the velocity components total about 72 km/sec. 

The vectorial difference v a between the Earth’s velocity and the velocity of 
the body is increased to Voo , the geocentric velocity outside the Earth’s atmosphere, 
because of the attraction of the Earth. These velocities are related as follows: 




+ - 


2 GM e 
R 


(4.1) 


where G is the constant of gravity, R the radius of the Earth, and M c the mass 
of the Earth. More precise equations involving the observed shape and distri¬ 
bution of mass in the Earth are not required in the usual meteor studies. The 
Earth’s attraction adds materially to the atmospheric velocity of slow incoming 
meteors, but contributes little to faster ones. 

Atmospheric resistance, of course, reduces v as the meteoroid is ablated. Only 
among the brightest and the slowest photographed meteors has this reduction 
in velocity ever attained 50% of the initial velocity, before ablation had destroyed 
the meteor. Extremely bright fireballs and detonating bolides undoubtedly 
undergo reductions of velocity to the terminal velocity of free-fall at moderate 
altitudes, a few kilometers, in the atmosphere. These terminal velocities may be 
of the order of i km/sec, while for micrometeorites the velocities are reduced to 
negligible values at altitudes of the order of 100 km above the Earth's surface. 

In determining the nature of interplanetary material, we are limited in our 
sampling procedures by the fact that meteoric bodies must cross the Earth’s 
orbit rather precisely, if we are to observe them. Among visual, photographic, 
and radio meteors, the possible sample is further restricted by the efficiency of 
light production, of electron production, and of atmospheric diffusion in case of 
radio meteors, as well as by the general sensitivity of our observing equipment. 
The sample collected by each observing technique is thus biased in favor of those 
meteors appearing within a particular range of height and velocity. Hence our 
measurements of meteoritic bodies, to be representative of the interplanetary 
content, must be corrected not only for the relative sensitivity of the detection 
equipment, but also for losses of material in the atmosphere, velocity effects, 
atmospheric effects, and the probability that the bodies will physically encounter 
the Earth. 

Opik 1 has formulated the probability for collision with the Earth by a particle 
in an orbit of known a, e and i, as given in the following equation : 


1 n vq sin i 1 

~P - Rtvlc r ~ h 


(4.2) 


1 E. Opik: Proc. Roy. Irish Acad., Sect. A 54, No. 12 (1951). 
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where p —a (1 — e 2 ), the parameter of the orbit, and R is the radius of the Earth 
plus relevant atmosphere. In this equation the unit of length is the astronomical 
unit, and velocities are expressed in terms of the Earth’s orbital velocity. The 
equation includes the effects of perturbative motions in the node and the argument 
of perihelion, as long as the inclination of the orbit remains essentially unchanged. 
The equation fails for very small i or v G . A perusal of Eq. (4.2) shows that our 
observable sample of interplanetary matter favors the selection of particles mov¬ 
ing with inclinations close to the plane of the Earth's orbit, particularly those 
having retrograde motions and orbits with perihelion or aphelion nearly equal 
to one astronomical unit. 

One of the major factors that influence the observation of the interplanetary 
particles is their velocity in the Earth’s atmosphere. If the velocity distribution 
of meteors observed photographically is compared with that observed by radio 
methods, the distribution of radio meteors is found to contain a preponderance 
of high-velocity meteors, with speeds up to about 50 km/sec x . For meteors 
detected at a constant line density of electrons the limiting visual magnitude is 
related to the velocity of the meteor in the manner shown in Table 2 2 . The actual 


Table 2. Limiting magnitude as a function of velocity. 


Limiting visual magnitude of 

Velocity (km/sec) 

20 

30 

40 

50 

60 

Radio equipment . . 
Camera. 

0.0 

0.0 

0.7 

-0.3 

1.2 

-0.8 

(1-6) 

“ 1.0 

(1-9) 

— 1.2 


limiting magnitudes depend, of course, on the sensitivity of the equipment, and 
Table 2 quotes a relative scale on the assumption that mag 0.0 is detected by 
radar at a velocity of 20 km/sec. On the other hand, the photographic intensity 
of the meteor image decreases as the trailing velocity across the plate increases. 
The dependence of limiting visual magnitude on velocity is given in Table 2 
on the assumption that there is no reciprocity failure in the photographic plate. 
Since meteors become more numerous at the fainter magnitudes this difference 
in sensitivity adequately accounts for the different velocity distributions found by 
radio and photographic methods. At v>. 50 km/sec the number of detected radio 
meteors decreases, probably because diffusion of the ion column reduces the echo 
amplitude 3 . The limiting magnitudes of meteors affected by diffusion are indicated 
by parentheses in Table 2. 

A further complication arises if we consider the limiting mass that can be 
detected. It has been shown that the visual brightness is proportional to mv 3 . 
Let us define the sensitivity of the various pieces of equipment to be proportional 
to 1 where m hm is the mass of a meteor at the limit of detection. The sensitiv¬ 
ity of a visual observer is then proportional to i> 3 . Table 2 shows that the cor¬ 
responding sensitivities of a camera and of radio equipment vary as v 2 and f 5 - 5 , 
if we neglect the effect of diffusion for the radio meteors of high velocities. 

Visual and photographic methods are particularly favorable for the detection 
of interstellar meteors whose velocities exceed the elliptical limits of solar-system 
objects. Although the higher velocities augment the opportunity for visual, 
photographic or radio observation of meteors, at the same time they reduce the 

1 F.L. Whipple: Astrophys. Journ. 121, 241 (1955). 

2 G. S. Hawkins: Astrophys. Journ. 124, 311 (1956). 

3 G. S. Hawkins: Proc. Inst. Rad. Engrs. 44, 1192 (1956). 
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probability of recovery on the ground because ablation increases with velocity 
in the atmosphere. 

An asteroidal source for meteors is suggested by the nature of meteorites (see 
Sect. 13 ) but this theory is not supported by the known orbits of the asteroids, 
almost all of which have perihelia placed well beyond the Earth’s orbit. Less 
than 0.5%, 7 in all, have been observed to pass within the Earth’s orbit. These 
are listed in Table 3- All show a second peculiarity, that all of the aphelia are 
beyond Mars’ orbit. Opik 1 has shown that the sweeping effect of the Earth 
on asteroidal material crossing the Earth’s orbit would have been essentially 
complete over a period of a billion years, a period shorter than the time elapsed 
since the origin of the solar system; thus we should expect to find no remnants 
of such initial material. The sweeping effect of Mars, however, would by no 


Table 3 . Orbits of asteroids crossing the Earth’s orbit. 


Object 

Discoverer 

Orbital elements 2 

Cl) 

a 

i 

e 

a 

(a.u.) 

Q 

(a.u.) 

(a.u.) 

1 p 

(yr.) 

Icarus 

Baade 

31 

88 

23 

0.83 

1.08 

0.19 

1.97 

1.1 

Adonis 

Delporte 

39 

353 

2 

0.78 

1.97 

0.44 

3.50 

2.5 

Apollo 

Reinmbth 

285 

36 

6 

0.56 

1.48 

! 0.65 

2.30 

1.8 

Hermes 

Reinmuth 

91 

35 

5 

0.48 

1.29 

0.68 

1-90 

2.1 

1948 OA 

WlRTANEN 

126 

274 

10 

0.44 

1.38 

0.77 

1.98 

1.61 

1951 RA 

Wilson and Minkowski 

276 

337 

13 

0.34 

1.24 

0.83 

1.66 

1.4 

1950 DA 

WlRTANEN 

223 

356 

12 

0.51 

1.69 

0.84 

2.55 

2.1 

1948 EA 

WlRTANEN 

265 

349 

18 

0.69 

2.26 

0.89 

3.63 

3.41 


means be complete, and consequently an appreciable fraction of asteroidal ma¬ 
terial that initially crossed the orbit of Mars might still remain. Those larger 
pieces of asteroidal debris, observable in space, must have been perturbed by 
Mars into orbits that crossed the Earth’s orbit during more recent astronomical 
times. The smaller fragments, on the other hand, may have been broken from 
the asteroids by collisions, some of which may conceivably have caused orbital 
changes of a kind to make the material reach the Earth’s surface, as meteorites. 
Piotrowsky 3 has investigated the production of asteroidal debris by continual 
collisions and suggests the possibility that such material might be adequate for 
the production of meteors. 

The elongated and highly diversified character of comet orbits, and the 
known association between meteoric showers and comets, constitute a strong 
basis for the theory that cometary debris may contribute extensively to meteors 
and micrometeorites. Long-period comets with perihelia less than 1 a.u. show a 
nearly random distribution of orbital inclinations. Comets in short-period 
orbits, whose existence is attributable to the perturbative effects of Jupiter, 
move mostly in orbits inclined less than 30 ° to the plane of the ecliptic with 
aphelion distances not greatly beyond Jupiter’s orbit. Here we have an abund¬ 
ant and continuing source of meteoritic material moving in orbits appropriate 
for encountering the Earth. 

The vicissitudes undergone by cometary particles, after their ejection by 
escaping vapor pressure from the nuclei of comets, have been discussed in some 

1 E. Opik: Proc. Roy. Irish Acad., Sect. A 54, No. 12 (1951). 

2 co, argument perihelion; Q, longitude, ascending node; i, inclination; e, eccentricity; 
a, semi-major axis; q, q', perihelion, aphelion distance; P, period. 

3 S. L. Piotrowsky: Acta Astronomica, Ser. A 5, 115 (1953) 

Handbuch der Physik, Bd. LII. 
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detail by Whipple 1 2 . In comets of extremely long period, some particles will 
be lost immediately by their initial velocity of ejection even though it is very 
small. Others will be blown away from solar system attraction by the inter¬ 
stellar wind, produced by interstellar gas at distances of thousands of astronomical 
units from the Sun. The perturbations by Jupiter will produce a “random walk’’ 
in the changes of extremely elongated orbits in the manner described by J. Oort -. 
Some particles will be lost to the solar system by near encounters with the planets 
(particularly Jupiter) which result in atmospheric capture, ejection from the 
system, or destruction by the Sun. All particles remaining in orbits will have 
their aphelion distances reduced by the Poynting-Robertson effect of momentum 
transfer from sunlight, by a similar but probably more important effect arising 
from corpuscular radiation from the Sun and by the resistance given by the solar 
corona 3 . The corpuscular radiation and the corona, furthermore, will slowly 
etch away the surfaces of the meteoroids while their orbits are being reduced. 
As the aphelion distances of larger particles are contracted to the neighborhood 
of Jupiter’s orbit, the relatively close encounters with Jupiter will produce the 
“Jupiter Barrier”, a reflecting gravitational barrier that greatly retards further 
reduction of orbital size until it has been penetrated. 

When we allow for the various losses and destructive forces that affect the 
meteoritic material, we see that only about 1 % of the debris from comets may 
become effective as particles in the zodiacal cloud. An estimated contribution 
of 100 tons or more per second from comets appears to be adequate to account 
for the intensity of the scattered sunlight in the zodiacal light and Fraunhofer 
corona. Furthermore, some 80% of the injection orbits are probably of low 
inclination, similar to the orbits of the zodiacal particles; hence it is natural to 
visualize a continuous process that dissipates comets and replenishes the zodiacal 
cloud. However, a precise description of the processes and more detailed cal¬ 
culations and estimates of masses will depend upon a better knowledge of the 
amount and nature of solar corpuscular radiation and the extended solar corona, 
which appear to be dominating factors in reducing the orbits of meteoritic material. 
Collisions among the meteoric particles themselves will further reduce the per¬ 
centage of particles greater than about O.f cm in radius. 

A similar phenomenon of dissipation might be expected to occur for asteroidal 
dust produced by collisions among the asteroids. To determine the relative 
contributions made by cometary and asteroidal sources to the meteoric popula¬ 
tion, we must extrapolate from the precise observations which were obtained 
from somewhat larger particles, or we must make direct observations on asteroidal 
dust. 

5. Meteoritic dust. The term micrometeorites is a convenient designation for 
meteorites that are originally so small that they are not markedly altered when 
they strike the Earth’s atmosphere. It is difficult to set exact size limits, but 
micrometeorites are too small to be detected by radio or optical methods. They 
are to be distinguished from other objects included by the broader term, meteoritic 
dust, which also includes fragmentation products from larger meteoroids. The 
presence of meteoritic dust in interplanetary space is indicated by the scattered 
sunlight of the zodiacal light and in the Fraunhofer corona, the part of the coronal 
radiation which consists of scattered sunlight without a great change in the 
energy distribution and without appreciable line broadening. Rockets and 

1 F.L. Whipple: Astrophys. Journ. 121, 750 (1955)- 

2 J. Oort: Bull. Astronom. Inst. Netherl. 11, 91 ( 1950 ). 

3 E. Opik: Irish Astronom. J. 4, 84 (1956). 
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satellites make possible more direct observations: (a) the pitting of polished 
surfaces; (b) acoustic effects on the surface of a rocket nose-cone, which may be 
detected at frequencies of the order of 60000 c/sec 1 ; (c) faint light flashes on a 
surface exposed in a rocket above the atmosphere 2 ; (d) possible puncturing of 
the surface of satellites and rockets exposed a sufficient time above the Earth’s 
atmosphere, and detectable by leaks in a pressurized volume; (e) the etching 
away of thin conducting or radioactive surfaces on satellite skins, which possibly 
could be confused with etching caused by solar corpuscular radiation and the 
solar corona; (f) crater formation on thin, opaque surfaces exposed to space and 
detectable by transmission of light through the resultant holes or by reaction 
on a photographic emulsion; (g) ionization or light produced in rocket-borne gas 
chambers that are sealed with exceedingly thin covers. 

The classic, independent investigations of the zodiacal light in terms of 
meteoritic material in space, by van de Hulst 3 and Allen 4 , demonstrate beyond 
reasonable doubt that diffraction of sunlight by micrometeorites in space between 
us and the Sun, contributes markedly to the Fraunhofer solar corona, while at 
greater angular distances from the Sun ordinary scattering occurs to produce 
the zodiacal light. Relationship with the Gegenschein has not yet been established 
although it has been suspected by numerous investigators. Very probably the 
Gegenschein. arises from high back scatter from rough meteoritic surfaces as in 
the Heiligenschein 6 . The diffraction phenomenon at small angles from the Sun 
proves conclusively that most of the material is rather small, with dimensions 
of the order of 1CT 3 cm according to Allen; it is distributed over a range in par¬ 
ticle radius s following an s 2 - 7 law, according to van de Hulst, with a possible 
cut-off at a dimension of the order of 0.03 cm. 

On the assumption that ordinary meteoritic densities are of the order of 5 gm 
per cmr 3 , mean space densities of meteoritic material at the Earth's distance 
from the Sun are found to be of the order of 10 21 and 10 -23 gm/cm 3 , by van de 
Hulst and Allen, respectively. The unknown density of the particles themselves 
adds to the uncertainty. The total mass of such material encountering the Earth’s 
atmosphere in a unit of time depends not only upon the quantities of the micro¬ 
meteorites in space but also on their orbital characteristics, which are not known 
at present. Van de Hulst assumes that the orbital distribution is comparable 
to that of ordinary meteors, and so estimates a total influx of some 10000 tons 
per day on the entire Earth. We shall see that this volume is large when com¬ 
pared with earlier estimates obtained by extrapolating visual observations to 
smaller meteoritic dimensions. It is important to note that a fair approximation 
to the orbital distribution of these small particles in space might be obtained 
from a careful study of the distribution of light in the zodiacal cloud. A calcula¬ 
tion of this distribution from a theory of the orbital changes and destruction of 
small particles by corpuscular radiation, the solar corona and the Poynting- 
Robertson effect, as mentioned in the previous section, will some day constitute 
an important check on this basic theory. 

The few observations made from rockets are not, so far, conclusive with 
regard to the actual quantity of micrometeorites in space. Satellite observations, 
however, should provide basic and perhaps definite information concerning the 
distribution, both in space and in size, of these particles. 

1 J.L. Bohn and F.H. Nadig: Res. Inst, of Temple Univ., Report No. 18, 1950. 

2 O.E. Berg and I..H. Meredith: J. Geophys. Res. 61, 751 (1956). 

3 H.C. van de Hulst: Astrophys. Journ. 105, 471 (194-7)- 

4 C.W. Allen: Monthly Notices Roy. Astronom. Soc. London 106, 137 (194-7)- 

5 F. L. Whipple: Trans. Internat. Astronom. Union 9, 321 (1955)- 
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The meteoritic process involved when small particles pass through the at¬ 
mosphere differs from that for larger bodies; with sufficiently small particles, 
the heat of interaction with the atmosphere can be radiated away rapidly enough 
to prevent melting or ablation. The upper limit of the radius, s, for a sphere 
of velocity is given by the following formula 1 : 

s = lSeP<jrH(T * - T *) 
a Qm COsZ v%c 

where e is the base of natural logarithm, /? is an emissivity factor, a is the accom¬ 
modation coefficient (/?/a~l), a is the Stefan-Boltzmiann constant, Lis the drag 
coefficient [Eq. (2.1)], T m is the maximum permissible temperature of the me¬ 
teoroid with an initial temperature T 0 , H is the scale height in an isothermal 

atmosphere, Q m is the density of 
the meteoroid, and Z is the zenith 
distance of the radiant. 

Table 4 gives such dimensions 
for various velocities and assumed 
densities of the micrometeorites (L is 
taken as unity). It is improbable, 
according to the work of Wood 2 , 
that the sputtering effect of atmos¬ 
pheric molecules, atoms and ions 
on the surface of the micrometeo¬ 
rites causes appreciable disintegra¬ 
tion while they are being stopped in 
the atmosphere. The velocities are 
reduced to the extremely slow ter¬ 
minal velocities of free fall at altitudes in the neighbor hood of 100 km above 
the Earth’s surface. Unless the micrometeorites are extremely fragile, or some 
basic error exists in the theories presented above, then particles within the di¬ 
mensional ranges indicated in Table 4 should enter the atmosphere without 
being destroyed and probably without much change in shape, except possi¬ 
bly a minor melting down of the sharp corners and projections. Whether any 
glassy film should be formed on the surface is difficult to guess; it seems un¬ 
likely for particles well below the limiting dimensions indicated. 

The most comprehensive discussion of the collection and analysis of meteoritic 
dust is that by Buddhue 3 . A bibliography of the subject to 1952 was compiled 
by Hoffleit 4 . The unavoidable contamination of meteoric dust by terrestrial 
materials presents obvious problems. Since most meteorites contain an appreciable 
percentage of iron, which is accompanied by an unusually high percentage of 
nickel as compared to that in normal terrestrial materials, and since meteor 
spectra show both nickel and iron, investigators of meteoric dust usually solve 
the problem by studying only magnetic material that contains appreciable nickel. 
Thus the value of collections made on sticky surfaces, in basins of liquid, on roofs 
and tree crotches in semiarid regions, and in high-flying aircraft, is limited by 
the inherent difficulty of proving that the small particles not easily identified 
as of terrestrial origin are indeed of interplanetary origin. On sticky surfaces 
the customary procedure is to use a microscope to identify as possible meteoric 

1 F.L. Whipple: Proc. Nat. Acad. Sci. U.S.A. 36, 687 (1950); 37, 19 (1951). 

2 J.A. WoODjr.: Astronom. J. 62, 40 (1957). 

3 J.D. Buddhue: Meteoritic Dust. Albuquerque: Univ. of New Mexico Press 1950. 

4 D. Hoffleit: Harvard Obs. Reprint Ser. II, No. 43, 1952. 


Table 4. Numerical values joy micrometeorites. 


V <X> 

(km/sec) 

Air density at 
1600° K 

Radius in microns 

Qm= 3 

Qm — °-3 

11.3 

5-6 x 10~ 9 

41.4 

414 

15-0 

2.4 X 10^ 9 

19-2 

192 

20.0 

1.0 X10" 9 

8.8 

88 

23.1 

6.5 X 10 _1 " 

6.0 

60 

25-0 

5-2 X 10" 10 

4.8 

48 

30.0 

3-0 x io- 10 

2.94 

29-4 

40.0 

1.3 x nr 1 " 

1.36 

13-6 

50.0 

6.5 x io~ n 

0.74 

7-4 

60.0 

3-7 X 10 -“ 

0.46 

4.6 

70.0 

2.4 X 10~ u 

0.30 

3-0 
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dust the small, shiny spherules that are opaque to visual light. Thus Lands- 
berg 1 , for example, found fairly convincing evidence for the fall of an unusually 
large number of these small spherules, with diameters ranging from a few microns 
to a hundred microns, a few days to a month after the large meteor stream 
of the Giacobini-Zinner comet on October 9, 1946. In more recent studies of 
sticky surfaces exposed at the Table Mountain Observatory of the Smithsonian 
Institution in California, at the University of Alaska at Fairbanks, Alaska, and 
at one or two other sites, Hodge 2 has found that, on the average, an opaque, 
shiny spherule averaging perhaps 4 microns in diameter, is deposited per day 
on a square centimeter surface exposed horizontally. If such particles have 
the density of terrestrial stones, of the order of 3.5 gm/cm 3 , the total fall on the 
Earth of material from this small size range alone would amount to around 
150 tons per day 3 . 

Until we have better methods for determining the chemical Composition of 
particles with dimensions of only a few microns, and can learn more of their 
physical or crystalline structure, it will be difficult to place the study of meteoritic 
dust on a sound observational basis. All possible methods for studying such 
particles should of course be investigated. 

The magnetic spherules detected in deep sea oozes by Pettersson and 
Rotschi 4 are subject to the same difficulty of interpretation as are the meteoritic 
dust collections. The quantity of such particles is appreciable, in terms of the 
van de Hulst estimate of 10000 tons per day falling on the entire Earth. The 
problem is not simplified by the possible effects of disintegration suffered by 
these particles during the long, extremely slow fall through ocean waters to a 
final, sedimentary growth on the ocean bottoms. 

Bowen 5 has introduced a new aspect to the subject, in suggesting that micro¬ 
meteorites may serve as freezing nuclei in clouds, and thus cause a super-cooled 
cloud to precipitate extremely heavy rainfall at various points on the Earth’s 
surface. Bowen has presented evidence that such deluges occur about 30 days 
after recognized meteoritic bombardments. Among calendar dates of exception¬ 
ally heavy rainfall all over the world, the period of January If to 13 is particu¬ 
larly conspicuous, and occurs approximately 30 days after the great Geminid 
meteor shower. The meteorological statistics and physics have been a matter 
of considerable discussion among the experts in these fields; for example, Mar- 
tyn 6 . From the viewpoint of meteoric astronomy, Whipple and Hawkins 7 
have shown that Bowen’s hypothesis requires that meteor streams be accom¬ 
panied by micrometeoritic activity at a level that is not detectable by radio, 
photographic or visual observations; that in some (or possibly all) cases such 
activity must arise from streams that are not recognized in terms of larger par¬ 
ticles by these methods. Although the Bowen hypothesis cannot be disproved 
by the arguments and data presently available, most meteoriticists are reserving 
their opinions; it is extremely important that extended observations of the various 
relevant kinds by made as soon as possible, to clarify the situation. 

1 H.E. Landsberg: Popular Astr. 55, 322 (1947). 

2 P. Hodge: Nature, Lond. 178, 1251 (1956). 

3 See also I. Hasegawa: Collecting Meteoritic Dust in Japan. Oriental Astronomical 
Assn. Memoir No. 378, 1956. 

4 H. Pettersson and H. Rotschi: Nature, Lond. 166, 308 (1950). — Geochim. et Cos- 

mochim. Acta 2, 81 (1952). 

6 E. G. Bowen: Austral. J. Phys. 6, 490 (1953). — J. Meteorology 13, 142 (1956). 

6 D.F. Martyn: Austral. J. Phys. 7, 358 (1954). 

7 F.L. Whipple and G. S. Hawkins: J. Meteorology 13, 236 (1956). 
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At present, actual numbers, orbits, physical structure, chemical structure, 
and current rates of micrometeorites must be considered as at best uncertain if, 
indeed, direct evidence concerning them in the lower atmosphere and on the 
surface of the Earth is available at all. 

6. Visual meteor studies. Until the advent of World War II the most sensitive 
device for detecting meteors was the human eye. Visual observers have been 
invaluable in establishing the science of Meteor Astronomy and have made dis¬ 
coveries that would have been beyond the reach of other methods of observation; 
in many instances, however, the visual technique has been pushed beyond its 
limits of accuracy and has produced some misleading or erroneous results. 

The visual work prior to 1900 established the fact that the light from a meteor 
is caused by the collision of an extraterrestrial particle with the upper atmosphere; 
and the radiant point was correctly interpreted as the perspective vanishing 
point of parallel paths. Furthermore, most of the associations between the orbits 
of comets and those of meteor streams were established through visual observa¬ 
tions; the complete list is presented in Table 7 , Sect. 10. An account of this 
work has recently been given by Porter 1 and Lovell 2 . The discovery of the 
radiant point in the spectacular Leonid meteor shower of 183 3 gave an impetus 
to routine visual observing and a search was made for radiant points throughout 
the year by many noted observers, the culmination of this work being the cata¬ 
logue of 3035 radiants published by Denning 3 . However, a radiant point deter¬ 
mined from the intersection of the tracks made by a group of possibly unrelated 
meteors has been criticized by Maltzev 4 , and the work of Denning and other 
observers is, in this respect, almost worthless. These catalogues are interesting, 
However, because they do indicate in a statistical sense the general distribution 
of sporadic radiants 5 . A concentration of radiant points found towards the plane 
of the ecliptic confirms the results obtained by modern techniques (see Sects. 10 
and 11 ). In addition there is a concentration at the declination corresponding 
to the zenith of the observer, which is a spurious effect arising from the fact 
that most meteors have a downward component in their angular motion across 
the sky. This secondary peak may be used as an index of reliability for a catalogue 
of radiants, and it is interesting to note that it is entirely absent in the work of 
McIntosh 6 and occurs only to a small extent in the catalogue of Opik 7 . 

Opik’s work in the Arizona meteor expedition conducted by Harvard in 
193- 2 was a very thorough and systematic effort to utilize visual observations 
in the determination of radiants and orbits for sporadic meteors. Opik combined 
the parallactic observations made from two stations simultaneously with a method 
for determining angular velocity by means of a rocking mirror. The trail appeared 
as a cycloid and the shape and separation of the individual cycloids enabled the 
velocity of the meteor to be determined. This measurement of angular velocity 
coupled with the parallactic determination of heights and radiants should lead 
theoretically to a determination of the velocity vectors of the meteorite motion, 
which, when coupled with the Earth's motion in space, should lead to a complete 
heliocentric coordinate and velocity vector for the body and, finally, to its helio¬ 
centric orbit. Unfortunately, photographic and radio reflection techniques have 
not verified Opik’s conclusion that a large percentage of the fainter visual meteors 

1 J.G. Porter: Comets and Meteor Streams. London: Chapman & Hall 1952. 

2 A.C.B. Lovell: Meteor Astronomy. Oxford 1954. 

3 W.F. Denning: Monthly Notices Roy. Astronom. Soc. London 47, 38 (1886). 

4 V. A. Maltzev: Astronom. Nachr. 234, 243 (1928). 

5 G. S. Hawkins: Smithson. Contrib. Astrophys. 3, 7 (1958). 

6 R.A. McIntosh: Monthly Notices Roy. Astronom. Soc. London 95, 8 (1935)- 

7 E. Opik: Harvard Coll. Obs. Circ. No. 388, 1934. 
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move in hyperbolic orbits about the Sun and hence originate in interstellar space 
The cause of the discrepancy is still not understood but appears to be due to a 
subjective error in the visual observer. On the other hand, Opik’s careful statistical 
evaluation of a criterion for determining a group radiant, and the analysis of 
the observations in these terms have been highly valuable in furthering our 
knowledge of shower meteors. 

A considerable controversy has arisen concerning the method of reducing 
heights by statistical means, utilized by Opik, which involves the averaging of 
inverse heights instead of linear heights in order to reduce the statistical error 
introduced by gross measuring errors in direction. This type of error, regardless 
of the method of reduction, has seriously weakened the value of the statistical 
information available from visual observations from two or more stations with 
regard to meteor heights, although the general 
conclusions agree qualitatively with those made 
by the more precise photographic and radio 
techniques. 

When the visual observing technique is 
pushed to its limit it is possible to estimate 1 
the direction of flight of a meteor with a twist¬ 
ing error of 1°, and the position of the be¬ 
ginning and end points can be found to within 
± 2°. Two observers separated by about 50 km 
can then determine the beginning and end heights 
with an error of approximately d: 4 km. Por¬ 
ter 2 has analyzed some 770 meteors observed 
in Britain, as shown in Table 5- The mean values of beginning and end heights, 
H 1 , H 2 , are given as a function of observed velocity v. It must be pointed out that 
the observed velocities are subject to considerable error, and there is clear evi¬ 
dence that the velocity is systematically underestimated by a factor of from 10 
to 20%. The mean absolute visual magnitude of these meteors was between 
0 and +0.5- 

A great deal of visual effort has been expended to determine the diurnal 
variation of the occurrence rate of meteors; the most comprehensive of such 
studies is that made by Hoffmeister 3 . The basic object of these studies was to 
determine the percentage of interstellar meteors that were falling on the Earth, 
for by assuming that the distribution of directions of meteors in space was random, 
their mean velocity could be obtained as a function of the number of meteors that 
were approaching from the apex, and the number approaching from the antapex. 
A preliminary determination of the radiant distribution of sporadic meteors by 
Hawkins 4 , has shown that the distribution of directions is not in fact random 
and that there is a preponderance of directly moving meteors. This vitiates the 
determination of meteor velocity from the diurnal-rate curves but, nevertheless, 
the original observations remain a substantial contribution to the subject. 

Early estimates of the total number of meteors falling on the Earth per day 
were obtained by visual telescopic observations 5 ; these established the well- 
known law that between magnitudes -f- 5 and + 9, the number of meteors between 


Table 5 . Beginning and end heights. 


V 

km/sec 

km 

H, 

km 

10.2 

857 

76.4 

14.5 

92.1 

78.7 

17.5 

98.5 

80.4 

20.5 

957 

S3.2 

24.0 

100.6 

84.8 

297 

106.9 

89-4 

36.1 

107-1 

897 

45.0 

112.2 

947 

71.9 

1197 

96.2 


1 J.P.M. Prentice: Rep. Progr. Phys. 11, 389 (1948). 

2 J.G. Porter: Monthly Notices Roy. Astronom. Soc. London 104, 257 (1944). 

3 See A.C.B. Lovell: Meteor Astronomy, Oxford 1954 and C. Hoffmeister: Ergebn. 
exakt. Naturw. 24, 1 (1951). 

4 G. S. Hawkins: Monthly Notices Roy. Astronom. Soc. London 116, 92 (1956). — 
Astronom. J. 61, 386 (1956). 

5 F. G. Watson: Proc. Amer. Phil. Soc. 81, 493 (1939)- See also Sect. 11. 
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magnitudes m and m -\-1 is greater than the number between m and m — 1 by 
the factor 2.5- This work has been extended by Millman 1 who finds that for 
absolute magnitudes between 0 and —6, the factor is 3-7- It is therefore clear 
that the number of meteors incident on the Earth cannot be expressed as a simple 
function of magnitude, as was originally supposed. Systematic visual observa¬ 
tions are now being carried out by amateurs in England, Canada, Czechoslovakia, 
and the United States; in the latter, the work is ably directed by C.P. Olivier. 
Visual observations are also used in conjunction with photographic and radio 
studies, and, at present, there is no technique that can compete with visual 
observations when information is required on the structure of a meteor train 2 ’ 3 , 
or on the rare occassions when meteorites rend the sky and strike the Earth. 

7. Radio meteor techniques. Our knowledge of meteors has been greatly 
extended during the past few years through the techniques of radar, where pulses 
of radio'energy are received after being reflected by a target. A line of q elec¬ 
trons per meter and length L will act as a scattering target of cross section L 2 q 2 a e 
if the electrons scatter in phase. The quantity a e is the back-scattering cross 
section for a single electron and has a value 9.8 XlO" 29 square meters. The 
power p returned to the transmitter at range R is given by the radar equation 


P = 


P G 2 A 2 
64 n 3 R l 


■ L 2 q 2 <j e 


(7.1) 


where the antenna gain is G and the transmitter operates at wavelength X with 
peak power P. Lovell and Clegg 4 have shown that a meteor trail of infinite 


length is reduced to an effective scattering length L of yXR/2 by Fresnel diffrac¬ 
tion. The power reflected from a meteor of line density q is given by the Lovell- 
Clegg formula; . pr2 , s . 

p = 2.54X 1CT 32 - q watts/meter 2 . (7.2) 


It will be recognized that ]j XRj2 is equal to half the length of the first Fresnel 
zone. The beamwidth of the scattered radiation is ~7/L which, for a meteor 
at a range of 200 km observed with a wavelength of 5 m, is equal to 0°4. Thus 
a meteor produces an echo when its trail is perpendicular to the line of sight; 
this property of specular reflection has enabled the direction of meteors to be 
studied and their radiant points deduced. 

The Lovell-Clegg formula holds, provided that the length of the meteor is 
somewhat greater than that of the Fresnel zone, and that the electrons are con¬ 
tained within a cylinder of radius Xj2n. It is further assumed that the electron 
density within the cylinder is not greater than the critical electron density cor¬ 
responding to the wavelength of the radar. In practice, the cylinder of ioniza¬ 
tion diffuses radially and the echo amplitude decays exponentially with time. 
For short wavelength radars the effects of diffusion become serious, and the 
effective scattering length is reduced to vX i j\6n t D. Under these conditions the 
echo power is given by the formula of Hawkins 5 ’ 6 ; 


P 


2.54 X tO” 32 


PG 2 A 3 ? 2 
P 3 


2 v 

Ji6n 2 ZTPlj 2 


(7-3) 


1 P.M. Millman: Sky and Telescope 16, 222 (1957)- 

2 C. Hoffmeister: Astronora. Nachr. 197, 98 (1914). 

3 G. S. Hawkins: Sky and Telescope 16, 168 (1957). 

1 A.C.B. Lovell and J.A. Clegg: Proc. Phys. Soc. Lond. 60, 491 (1948). 

5 G. S. Hawkins: Proc. Inst. Rad. Engrs. 44, 1192 (1956). 

6 Recent work by G. S. Hawkins and D. F. Winter [Proc. Inst. Radio Engrs. 45, 1290 
(1957)] has shown that Eq. (7-3) also applies when the electron density is greater than critical. 
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It can be seen that there is an attenuation term introduced into Eq. (7.2) which 
is a function of the ambipolar diffusion coefficient of the atmosphere D and the 
velocity v of the meteor. When diffusion is severe, m, the effective length 
of the meteor may be as small as 20 m. Consequently, the beamwidth of the scat¬ 
tered radiation is of the order of 5° and echoes are possible for a considerable 
distance on either side of the minimum range position. 

Early methods of radiant determination are now of historic interest only 
Originally, Hey and Stewart 1 used three radar stations at three locations 
in south-eastern England and deduced the direction of a meteor stream from 
the variation in echo rate at each station. McKinley and Millman 2 have 
described a statistical method of determining the radiant point of an isolated 
meteor stream, but this method has not been used extensively as it depends 
on an estimation of the mean height of the meteor trails. They 3 have also 
described a method which is useful for determining the radiant point of an 
individual meteor. A bright meteor does not follow Eq. (7.2) but appears to 
produce a large coma of ionization in the vicinity of the meteoroid, so that it is 
possible to obtain radar reflections when the meteoroid is at great distances 
from the minimum range point. By measuring the range from the three stations 
the trajectory of the meteor can be found and the change of range with time 
enables the velocity to be determined. This method is, however, severely limited 
as it is applicable only to bright meteors that are moving nearly parallel to the 
Earth’s surface. 

Later Clegg 4 used a single antenna that could be pointed at different azimuths, 
and deduced the position of a radiant point from the variation of echo range with 
time on two different azimuths. For survey work in the northern hemisphere 
a system using two fixed antennas was developed by Aspinall, Clegg, and Haw¬ 
kins 5 , and similar equipment has been built in the southern hemisphere 6 . With 
the twin beam antennas, echoes are recorded throughout the 24-hour period by 
photographing an intensity-modulated cathode ray tube with a continuously 
moving film. General surveys of the radiant distributions of stream and sporadic 
meteors were begun in 1949- Recently Gill and Davies 7 described a three- 
station radar system which measured the radiant point of an individual meteor. 
They measured the meteor velocity by the Fresnel technique and also the time 
delay between echoes at three stations. Thus the direction cosines of the meteor 
trajectory could be found from the known lengths of the baselines and their 
projections on the meteor track. 

The range-time method described above was the first radio method used in 
determining meteor velocities, but it has been superseded by amplitude-time 
methods. Davies and Ellyett 8 have shown that the power p received from a 
meteor takes the form 


(7-4) 


1 J.S. Hey and G. S. Stewart: Proc. Phys. Soc. Lond. 59, 858 (1947). 

2 D.W.R. McKinley and P.M. Millman: Proc. Inst. Radio Engrs. 37, 364 ( 1949 ). 

3 D.W.R. McKinley and P.M. Millman: Canad. J. Res. 27, 53 ( 1949 )'. 

4 J. A. Clegg: Phil. Mag. 39, 577 (1948). 

6 A. Aspinall, J.A. Clegg and G. S. Hawkins: Phil. Mag. 42, 504 (1951). 

6 C.D. Ellyett and C.S.L. Keay: Austral. J. Phys. 9, 471 (1956). 

7 J.C. Gill and J.G. Davies: Monthly Notices Roy. Astronom. Soc. London 116 105 
(1956). 

8 J.G. Davies and C.D. Ellyett: Phil. Mag. 40, 614 (1949). 
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when expressed as a function of time t. The asymptotic value p x is the value 
given by the Lovell-Clegg formula. The integrals are the standard "Fresnel 
integrals” encountered in optics, and the radar scattering is analogous to the 
problem of diffraction at a straight edge. As the meteoroid passes the minimum 
range point, zones are added to the electron column which are successively in 
phase and out of phase with the main signal so that the echo amplitude varies 
with time as shown in Fig. 3 . The time interval between maxima and minima in 
the Fresnel pattern gives a measure of the velocity of the meteor. It is possible 
to observe the pattern as the envelope of a pulse train or as the audio component 
of a continuous wave signal which has been reflected from the meteor (see Man¬ 
ning, Villard and Peterson 1 and McKinley 2 ). 

An accuracy approaching 1 % can be attained in measuring meteor velocities 
with the Fresnel technique, the fundamental limit to the accuracy being set 
by atmospheric turbulence which distorts the ion column during the formation 

of the Fresnel zones. When the velocity measures 
are used to compute the orbit of the meteor an 
additional uncertainty is introduced through the 
deceleration of the meteor in the atmosphere. When 
we use velocity measures to compute the orbit of 
a meteor we do not know the exact Correction for 
deceleration in the atmosphere. We measure the 
meteor’s velocity during its passage through the 
Fresnel zones. This represents only a small segment 
of the trail and so deceleration is difficult to measure. 
Nevertheless, the Fresnel technique has been invaluable in the search for in¬ 
terstellar meteors, and in determining approximate orbital elements, as in the 
case of the daytime meteor streams. 

Radio observations are, of course, independent of adverse weather conditions 
and do not appear to be affected by solar radiation during the daytime. The figures 
obtained on the number of meteors striking the Earth are therefore extremely 
accurate, and are affected only by changes in the sensitivity of radar equipment 
which can be calibrated to almost any required degree of accuracy. Some diffi¬ 
culty remains, however, in interpreting the statistics and in relating the radio 
results to the photographic and visual measures, because of the selection effects 
described in Sect. 4. 

8. Photographic meteor techniques. The first systematic attempt to photo¬ 
graph meteors simultaneously from two stations, with a rotating shutter to break 
the photographic trail into measurable segments, was made by Elkin, at Yale 
University, over a period of 16 years from 1893 to 1909 (see summary by Oli¬ 
vier 3 ). This program failed to yield results of great significance because of 
technological difficulties; for example, the slowness of the older photographic 
cameras, and particularly the shortness of the baseline used. 

At the two Massachussetts stations of the Harvard College Observatory, double¬ 
station meteor photography developed further in the period 1936 to 1942 under 
a program directed by Whipple 4 . Using Ross Express Fj4 lenses of wide fields, 
the cameras were separated by 3 7 km and equipped with a rotating shutter pow¬ 
ered by a small synchronous motor. The program yielded one doubly-photographed 

1 L. A. Manning, O. G. Villard and A.M. Peterson: J. Appl. Phys. 20, 475 (1949). 

2 D.W.R. McKinley: Astrophys. Journ. 113, 225 (1951)- 

3 C.P. Olivier: Astronom. J. 46, 41 (1937). 

1 F.L. Whipple: Proc. Amer. Phil. Soc. 79, 499 (1938); 83, 711 (1940). 



Fig. 3 . Radio echo amplitudes from a 
meteor trail. 







Sect. 8. 


Photographic meteor techniques. 


539 


meteor for approximately 100 hours of overall exposure time. The program netted 
four or five photographed meteors per year, and, by the early 1940 ’s, the accumu¬ 
lation of data had become significant, if not extensive. 

By 1948 the program had gained substantial support from the U.S. Naval 
Bureau of Ordnance and later from the U.S. Air Force, Cambridge Research 
Center. The older meteor cameras, supplemented by newer aerial mapping 
cameras, were moved to two isolated stations near Las Cruces in New Mexico 
that provided an optical base-line of 27 km. Here the rate of meteor photography 
was increased markedly by the utilization of newer photographic emulsions with 
increased sensitivity. 

With such equipment, by 1954, the number of doubly photographed meteors 
had been increased by some fifty-two by the Harvard program in Massachusetts, 
ninety-two in New Mexico, and many more by the Russian, Czechoslovakian, 
and Japanese astronomers. 

In 1949 James G. Baker designed a new type of Schmidt optics admirably 
suited for the direct photography of meteors, the Super-Schmidt Meteor Camera 
(Figs. 4 and 5). The chief innovation consists of two spherical shells to correct 
the major portion of the spherical aberration inherent in the Schmidt system. 
A two-element correcting plate aids in the achromatization. The system operates 
at //0.65 with an aperture of 31 cm, a focal length of 20-3 cm, and a field of 54 °. 
Since the field is curved with a radius of curvature equal to the focal length, 
the molding and processing of fast photographic films presented a new problem! 
which was solved at Harvard 1 with the aid of advice from the Eastman Kodak 
Company. 

Six Super-Schmidt meteor cameras were produced by the Perkin-Elmer 
Corporation and two were put into operation in New Mexico in late 1951 , two 
by P. M. Millman in stations north of Edmonton, Canada, and two more, for 
the photography of persistent meteor trains, in New Mexico in 1953 . Fig. 5 
shows the general external character of this revolutionary type of camera. Be¬ 
cause of the small amount of space between the spherical focal surface and the 
inner surface of the middle correcting hemisphere, the rotating shutter is driven 
by a motor located at the base of the spherical mirror. The drive shaft passes 
through the mirror and is supported by a second bearing located in the glass of 
the correcting plate. Of necessity, this shaft, which drives the shutter at 1800 rpm, 
blocks the light from the center of the film and hence produces an unexposed 
circular area as appears in Fig. 6 . 

Because of the enormous speed of the optical system and the time involved 
in loading spherical film, 18 cm in chordal diameter, the two-sectored shutter 
is made to occult the light three quarters of the time, to permit the use of exposure 
times in the range from eight to twelve minutes. Otherwise the exposure time 
of the full system with fast photographic emulsions would be limited by night- 
sky brightness to two to three minutes. 

In operation, both cameras for the direct photography of meteors are directed 
at an identical volume of space centered at a height of approximately 90 km; 
the cameras are exposed simultaneously on a prearranged time schedule. The 
shutters on the two cameras operate independently but with synchronous motors 
controlled in rate to better than one part in a thousand. Observers at both sta¬ 
tions watch the region of the sky at which their camera is directed, and record 
by an automatic printing clock the time that each meteor crosses the field, to 

1 P. Carroll, R.E. McCrosky, R.C. Wells and F.L. Whipple: Harvard Repr. Ser. II 
No. 39. 1951. 
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0.01 min. They record also the general path of the meteor’s motion, its apparent 
brightness, and color. 




Hip. 4. The Super-Schmidt Meteor Camera of J. G. Baker, general design. 



Fig. 5. The Super-Schmidt Meteor Camera of J. G. Baker, external view. 


The Super-Schmidt cameras are most sensitive with fast blue-sensitive emul¬ 
sions. Over three years they averaged 3-4 doubly photographed meteors per 
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hour of exposure time, or one meteor every eighteen minutes. Thus through 
1957, more than 6000 meteors have been doubly photographed from the New 
Mexico pair of stations alone. 

Precision reduction of the longer meteor trails yields velocities with an accuracy 
of the order of 0-3%, significantly accurate decelerations at one or more points 


Fig. 6. Typical meteor photograph by the Super-Schmidt Meteor Camera. 

along the trail, heights accurate to a few meters and apparent radiants accurate 
to about one minute of arc. The curved film is photographed onto a flat glass 
plate by a precise one-to-one copying camera designed by Baker. Measurements 
are made with a precision measuring engine. The final projection of the sky 
is almost perfectly gnomonic 1 . 

The precision reduction technique described by Whipple and Jacchia 2 has 
been carried out for some 500 meteors of the Harvard Program. Since the method 

1 Techniques for reduction were developed by one of the authors and improved by Jacchia, 
who has directed the reduction program for some ten years, first at the Massachusetts Institute 
of Technology, later at Harvard College Observatory and more recently at the Smithsonian 
Astrophysical Observatory. The work has been supported by the U. S. Office of Naval Research, 
the U.S. Army Office of Ordnance Research and the U.S. Air Force. 

2 L. G. Jacchia and F.L. Whipple: Smithson. Contrib. Astrophys. 1, 183 (1957). 
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is time-consuming, an abridged version has been developed by Hawkins 1 in which 
deceleration is not measured. This method is being used on a comparable number 
of trails selected at random. McCrosky 2 has developed a rapid graphical method 
for the approximate reduction of meteor trails and has measured some 2000 
velocities and orbits for statistical studies. A graphical method, utilizing the sky 
charts of the Bonn-Durchmusterung and Cordoba catalogues, has been devised 
for the reduction of singly or doubly photographed meteors for the determination 
of group radiants 2 . 

The rough reduction techniques (which require a total time of less than one 
hour per meteor pair) developed by McCrosky have an accuracy about an order 
of magnitude less than that of the most precise techniques; for meteor velocity, 
the error is roughly 3 %, and for height, of the order of f km. Radiants are deter¬ 
mined to an accuracy of the order of 1 ° when the geometrical circumstances are 
favorable. Perihelion distances and orbital inclinations are quite accurately 
determined by precise reduction methods and by the intermediate techniques. 
In the later methods, of course, a precise correction for atmospheric resistance 
cannot be applied, but it is possible to apply a general correction determined 
statistically from the more accurate data. Aphelion distances by the precise 
techniques are probably accurate to the order of half an astronomical unit at 
Jupiter's orbit, and relatively less precise for longer orbits. The McCrosky method 
yields a fair result on aphelion distances within the orbit of Mars. Reyond Mars, 
the data are useful only in statistical analysis. The graphical method of Whipple 
and Wright 3 for studying meteor radiants allows one to draw the great circle of 
the meteor trail on star charts so that it passes the true radiant with an accuracy 
of the order of six minutes of arc, which is roughly the observed scatter in the 
most closely packed meteor streams of shortest duration. 

In addition to orbital results, the doubly photographed meteors provide 
physical data concerning the upper atmosphere and the meteoric process. Results 
from the photographic meteor studies are presented in various appropriate sec¬ 
tions of this article. 

9. The masses and densities of meteoroids. The most direct method of determin¬ 
ing the masses of meteoroids stems from measures of atmospheric resistance to 
their motion. In the double-station photography of meteors, we observe meteoric 
deceleration directly. A rather satisfactory knowledge of the atmospheric density 
in this region of the atmosphere is now available from high-altitude sounding 
measures such as those by the Rocket Panel 4 . The drag Eq. ( 2 . 3 ) couples the 
observed deceleration, dv/dt, with the atmosphere density, q, as follows: 

* = _ dv l dt (91) 

rA e v* 

where F and A are the dimensionless drag coefficient and the shape factor, respec¬ 
tively. 

At a point in the trajectory where dv/dt is measured, the value of mlpj, for 
the meteoroid can be determined obscrvationally, if a value of FA is assumed. 
Mass and density cannot be separated numerically, however. A more general 
expression relating and luminous efficiency, r, can be derived. For bright 


1 G.S. Hawkins: Smithson. Contrib. Astrophys. 1, 207 (1957). 

2 R.E. McCrosky: Smithson. Contrib. Astrophys. 1, 215 (1957). 

3 F.L. Whipple and F.W. Wright: Smithson. Contrib. Astrophys. 1, 239 (1957)• 

4 Rocket Panel: Phys. Rev. 88, 1027 (1952). 
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photographic meteors Jacchia 1 has shown that r varies linearly with velocity, 
or that 

t = t 0 v, (9-2) 

where r 0 is a constant for »>15 km/sec. 

Thus Eq. (2.8) becomes 




(9-3) 


where all of the quantities on the right-hand side of the equation are directly 
observable. 

Thus in the regime of very bright meteors with v > 15 km/sec, the ratio r n lg% 
is a determinable constant if rA is known. 

For steel pellets moving at velocities up to 2.5 km/sec and aluminum pellets 
up to 5 km/sec, Rinehart, Allen and White 2 at the U.S. Naval Test Station 
at Inyokern have measured both F and A. In the case of the steel pellets they 
find that /'==0.418 and rA = 0.17/p|,. Similar results are found by Hansche 
and Rinehart 3 with steel spheres at velocities up to Mach number 3- For a 
cube the average value of Apf, is 1.50 and for a brick ( 2 x 3 x 6 ), 1.66. At high 
altitudes where the effect of the air cap is reduced we expect r to increase from 
the sea-level value of Rinehart et al . 2 . Hence we adopt as a representative value, 
rA=i. 

For many bright (Af„<0) photographic meteors Jacchia 4 finds that the 
expression 

(rA) * t° = 2.79 X 10 -19 (c.g.s.) (9-4) 

Qm 

is consistent with the known density of the upper atmosphere. Since rA is close 
to unity, the ratio tJqI, equals 2.79 X 10~ 19 (c.g.s.). 

Opik 6 has estimated theoretically that 

“ r 0 ” = 6.452 X 10 -19 c.g.s. units (9.5) 

and this value was assumed by Jacchia in his derivation of mass from the inte¬ 
grated form of (2.6): t 

m °° = T ^r J ~^dt. ( 9 . 6 ) 


We use quotation marks for the symbol “r 0 ” to indicate that it is a tentative 
value. Eq. ( 9 . 6 ) yields a mass of 0.15 gms for a meteor of visual magnitude 0 
and velocity 30 km/sec. 

Fresh, independent data are required to determine unambiguously the mass 
Woo, density g m , and luminous efficiency. It is possible to determine the mass of 
a meteoroid by studying the motion of the glowing column or train. A double¬ 
station photograph has been obtained of a train that peristed for several seconds 
and exhibited a downward velocity component, i.e., the train was “coasting” 
behind the meteoroid. This coasting velocity gives a measure of the momentum 

1 E. G. Jacchia: Harvard Reprint II, 31, 1949- 

2 J. S. Rinehart, W. A. Allen and W. C. White: Techn. Mem. Naval Ordnance Test 
Station, Inyokern, No. 338, 195i - 

3 G. E. Hansche and J. S. Rinehart: J. Aero. Sci. 19, 83 (1952). 

4 L. G. Jacchia: Harvard Coll. Obs. Reprint II, No. 26, 1948- 

5 E. Opik: Harvard Coll. Obs. Reprint I, No. 100, 1933- 
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transferred to the glowing train and hence enables the original mass to be computed 
since the velocity of the meteoroid is known. A preliminary analysis by Cook 
and Whipple 1 shows that the mass scale is a factor of about 200 too low. This 
implies that the value deduced by Opik for “r 0 ” must be decreased by 200 to 
a value of about 3xlO -21 . From Eq. (9.4) we note that rjgl, is an observed 
mean constant. Thus the value of r/ m must be reduced by 200. If 7L4 =1.0, 
Eq. (9.4) yields a density for the meteoroid of 0.12gm/cm 3 . Eq. (9.1) leads to a 
similar result (p OT ~0.1). This low value is not surprising in view of the fragile 
nature of meteoroids as exhibited by the phenomenon of fragmentation. Further¬ 
more, evaporation of ices from the “cosmic mix” that might be expected in 
comets would leave a solid structure of approximately the above density; the 
maximum value is gm/cm 3 . 

10. Shower meteors. Meteor showers and the falling of stones from the sky 
are recorded in the ancient Hebrew, Chinese, Greek, Roman and other litera¬ 
tures. Some of this fascinating history can be found in the books by Olivier 2 
and Watson 3 , while Biot’s Catalogue Generate des Cloiles Filantes has remained, 
since 1841, a standard reference to the ancient records 4 . The periodic nature of 
meteor streams was first noticed by Boguslawski, who attributed the great 
Leonid meteor storms of 1799 and 1833 to the collision of the earth with a cloud 
of debris moving in an elliptical orbit. In some meteor streams the debris is dis¬ 
persed uniformly around the orbit and a meteor shower is observed on the same 
date each year. Extensive and painstaking visual observations, as described in 
Sect. 6, have established the basic facts about the annually recurring streams with 
radiants located in the night-time sky, but the visual measurements have been 
gradually superseded by the results obtained from the photographic and radio 
techniques described in Sects. 7 and 8. The best results obtained from all three 
techniques have been combined in Tables 6 and 7. 

Table 6 gives the basic data relating to the streams. The visual rate refers 
to the number of meteors visible to one observer; the photographic rate, to the 
number of trails recorded by a Baker Super-Schmidt camera; and the radio 
rate, the number of echoes detected by a radar with characteristics as described 
by Aspinall, Clegg and Hawkins 5 . 

Table 7 gives the orbital elements of the streams and indicates the parent 
comet. All major streams are given and minor streams have been included when 
the orbit has been determined by precise photographic or radio techniques. The 
number of minor streams could be increased almost indefinitely if wider selection 
tolerances were allowed in defining a meteor stream. The more precise photo¬ 
graphic information indicates that among the fainter meteors a surprisingly high 
percentage, of the order of 30 to 50%, can still be identified with more and more 
diffuse streams of great duration. The radiants of these streams tend to be con¬ 
centrated towards the ecliptic 6 but the overlap is so great that even the addition 
of another measurable criterion, velocity, does not serve to distinguish member¬ 
ship of an individual meteor in very diffuse streams. At this level of uncertainty 
it is convenient to describe the meteors as “sporadic" (see Sect. 11) and deal 
with the orbital characteristics on a statistical basis. There can be little doubt 
that we observe in this phenomenon the dynamic effects of age on the streams 

1 A. F. Cook and F. L. Whipple: Unpublished. 

2 C. P. Olivier: Meteors. Baltimore: Williams & Wilkins Co. 1925. 

3 F. G. Watson: Between the Planets. Cambridge: Harvard University Press 1956. 

4 See also Imato and Hasegawa: Smithson. Contrib. Astrophys. 2, No. 6 (1958). 

5 A. Aspinall, J. A. Clegg and G. S. Hawkins: Phil. Mag. 42, 504 (1951). 

6 G. S. Hawkins: Monthly Notices Roy. Astronom. Soc. London 116, 92 (1956). 
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Table 6. Meteor streams: observational quantities. 


Stream 

U.T. 

Date 

at maximum 

Extreme 

limits 

Radiant 

1950 

R.A. Dec. 

Vqo 
km /sec 

Hourly rate at maximum 

Radian 

t transit 
time) 
t = oo h 

visual 

| photo 

j radio 

midnigt 

Quadrantids 

Jan. 

3 

Jan. 1 

4 

230 + 48 

42.7 

30 

1.9 

95 

08 h 28 m 

Virginids 

Mar. 

13 

Mar. 5 

183 + 4 

30.8 

1 

_ 

<5 

00 

49 




21 








II (Whipple 1 ) 



Mar. 13 

157 + 56 

15-2 

— 

_ 

_ 

20 

49 




Apr. 21 








Lyrids 

Apr. 

21 

Apr. 20 

270 + 33 

48.4 

5 

— 

11 

03 

59 




23 








r; Aquarids 

May 

4 

May 2 

6 

336 + o 

64 

5 

- 

15 

07 

36 

Daytime 

June 

8 

May 29 

44 +23 

39 

_ 

_ 

66 

09 

51 

Arietids 



June 18 








Daytime 

June 

9 

June 1 

62 +23 

29 

— 

— 

42 

10 

59 

f Perseids 



16 








Daytime 

June 30 

June 24 

86 + 19 

32 

— 

_ 

27 

11 

12 

fj Taurids 



July 6 








Southern 

July 30 

July 21 

339 - 17 

43-0 

— 

— ( 

— 

02 

14 

<5 Aquarids 



Aug. 15 














10 


34 



Northern 



July 14 

339 - 5 

42.3 


— J 


02 

08 

6 Aquarids 



Aug. 19 




( 




Southern 



July 16 

338 - 14 

35-8 

— 

— 

— 

02 

04 

t Aquarids 



Aug. 25 








Northern 



July 16 

331 - 5 

31.2 

— 

— 

— 

01 

36 

i Aquarids 



Aug. 25 








a Capricornids 

Aug. 

1 

July 17 

309 - 10 

25-5 

— 

— 

10 

00 

00 




Aug. 21 








Perseids 

Aug. 

12 

July 29 

46 + 58 

60.4 

37 

2.5 

49 

05 

43 




Aug. 17 








X Cygnids 



Aug. 19 

289 + 56 

26.6 

— 

— 

<5 

21 

25 




22 








Draconids 

Oct. 

10 

Oct. 10 

264 + 54 

23.1 

Period 

c, next 


16 

13 







return 1959 




Orionids 

Oct. 

22 

Oct. 18 

94 + 16 

66.5 

13 

2.9 

18 

04 

12 




26 








Southern 

Nov. 

1 

Sept. 1 5 

51 + 14 

30.2 

5 

- | 

— 

00 

42 

Taurids 



Dec. 1 5 















) 

<15 



Northern 

Nov. 

1 

Oct. 17 

52 +21 

31-3 

5 

- 


00 

46 

Taurids 



Dec. 2 




\ 




Andromedids 

Nov. 

7 

Nov. 7 

22 +27 

21.3 

— 

— 

<5 

22 

23 

Leonids 

Nov. 

17 

Nov. 14 

152+22 

72.0 

6 

— 

< 10 

06 

22 




20 








Geminids 

Dec. 

14 

Dec. 7 

113 +32 

36.5 

55 

5-6 

80 

02 

01 




15 








1 Orionids 



Dec. 9 

87 + 21 

30.6 

— 

— 

— 

00 

25 




14 








Monocerotids 



Dec. 13 

103 + 8 

44.0 

— 

_ 

— 

01 

21 




15 








Ursids 

Dec. 

22 

Dec. 17 

206 + 80 

35-2 

15 

— 

13 

08 

24 




24 









1 F. L. Whipple: Astronom. J. 59, 201 (1954). 
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Table 7 . Meteor streams: orbital elements. 


Stream 

to 

Q 

t 

71 

a (a.u,) 

e 

q (a.u.) 

Parent Comet 

Quadrantids 

167°9 

282?6 

73“S 

90? 1 

3.42 

0.715 

0.974 

_ 

Virginids 

285-8 

353-7 

5-2 

279-5 

2.82 

0.857 

0.403 

— 

II 

187.1 

27-3 

11.0 

214.4 

2.67 

0.626 

0.999 

- 

Lyrids 

2139 

318 

79.9 

245-6 

29-6 

0.969 

0.918 

1861 I 

tj Aquarids 

83-0 

43-1 

160.0 

126.1 

5-0 

0.91 

0.47 

Halley ? 

Daytime 

Arietids 

29 

76.8 

21 

106 

1.6 

0.94 

0.09 

(Second crossing of 
d Aquarids) 

Daytime 

59 

778 

0.4 

137 

1.6 

0.79 

0.34 

— 

f Perseids 









Daytime 

246 

276.4 

6 

162 

2.2 

0.85 

0.34 

Encke 

fi Taurids 









Southern 

154 

302 

29-3 

97-6 

2.60 

0.976 

0.062 

— 

<5 Aquarids 









Northern 

332.6 

138.9 

20.4 

111.4 

2.62 

0-973 

0.070 

— 

6 Aquarids 









Southern 

127.5 

3110 

6.0 

78.5 

2.88 

0.920 

0.230 

— 

1 Aquarids 









Northern 

308.0 

150.9 

4.7 

98.9 

1.75 

0.842 

0.265 

— 

1 Aquarids 









a Capricornids 

270.5 

132.8 

4.0 

43-3 

2.57 

0.779 

0.568 

1948 n 

Perseids 

151-2 

138.1 

1137 

289-3 

20.8 

0.955 

0.936 

1862 III 

* Cygnids 

204.2 

144.3 

37-0 

348.4 

4.09 

0.762 

0.973 

- 

Draconids 

171-8 

196-3 

30.7 

8.1 

3.51 

0.717 

0.996 

Giacobini-Zinner 

Orionids 

86.8 

29-8 

163-2 

116.5 

7-70 

0.930 

0.539 

Halley ? 

Southern 

111.9 

45-1 

5-4 

156.9 

2.30 

0.835 

0.380 

Encke 

Taurids 









Northern 

298.4 

221.8 

3.2 

160.2 

2.14 

0.849 

0.323 

Encke 

Taurids 









Andromedids 

242.4 

224.4 

6.0 

107-8 

3-34 

0.776 

0.74S 

Biela 

Leonids 

173-7 

235-0 

162.5 

48.7 

12.76 

0.924 

0.970 

Temple 

Geminids 

324.3 

261.2 

24.0 

225-6 

139 

0.899 

0.140 

- 

X Orionids 

105-4 

79-8 

0.8 

185-2 

2.92 

0.859 

0.412 

- 

Monocerotid s 

128.2 

81.6 

35-2 

209-9 


1.002 

0.186 

— 

Ursids 

212.2 

264.6 

52.5 

116.8 

5-91 

0.845 

0.916 

Tuttle 


produced largely by the perturbations of the major planets, which act differently 
upon particles having slightly different initial orbits. 

The finest example of a highly perturbed stream that is still clearly distinguish¬ 
able is the Taurid stream complex, whose identity with the comet of shortest 
period. Comet Encke, was proved by one of the authors 1 . The nodes of some of 
these orbits have moved westwardly, under the perturbing effect of Jupiter, for 
some 1700 revolutions or about 5000 years. The inclinations vary over the enor¬ 
mous range from 3 to 17 degrees in half this period. A large toroidal volume of 
space has been populated by these meteoroids from Comet Encke; individual 
members are observed to strike the earth both at the ascending and descending 
nodes in October and November. As a consequence, the stream radiants are 
distributed along two great circles nearly symmetrically placed about the ecliptic, 
and persist for some two months. The simple perturbational theory for this 


1 F. L. Whipple: Proc. Amer. Phil. Soc. 83, 711 (1940). 
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motion has been greatly developed and extended by Brouwer 1 while calculations 
by Whipple and Hamid 2 show details of the motions and history. Debris that 
is being scattered by Comet Encke at the present time cannot strike the earth 
until far in the future; thus we cannot measure the current loss of meteoroids 
by the comet. A striking confirmation of the great volume occupied by the 
Taurid meteorites was afforded through the radio discovery by Clegg, Hughes 
and Lovell 3 of the same stream at a second crossing in July. The existence of 
summer Taurids, in the form of fireballs 
from the general direction of the Sun, had 
earlier been predicted on the basis of the 
dynamical structure of the stream. A second 
stream of this type is quite probably repre¬ 
sented by the night-time d-Aquarid meteors 4 
and the daytime Arietids 5 . 

Hamid 6 has studied the perturbational 
motions of the night-time Perseid stream in 
August, and found that the observed scatter 
in radiants and other elements of these me¬ 
teors is consistent with the original projection 
of these particles from the Comet i862-III 
some 250 revolutions ago when its orbit cros¬ 
sed that of Jupiter. Plavec 7 finds that the 
perturbations of the Geminid stream are so 
rapid that the observable shower should have 
a relatively short life of perhaps the order 
of only a hundred years. Wright, Jacchia 
and Whipple 8 have studied the radiant mo¬ 
tions of a number of major streams from sing¬ 
ly and doubly photographed Super-Schmidt 
meteor trails, and a similar study has been 
made from radio echoes by Hawkins, Bul- 
lough and Davidson 9 . Both groups of in¬ 
vestigators find that the daily motion of the 
radiant is always appreciable and generally 
amounts to the order of 1 degree per day 
eastwardly with a direction not too far from 
parallelism to the plane of the ecliptic. A 
notable exception is the radiant of the daytime Arietids which moves at an 
angle of about 30 ° to the ecliptic. 

A statistical correlation is found between the duration of the stream and the 
diffuseness of the radiant, as shown in Fig. 7- No theoretical explanation for 

1 D. Brouwer: Astronom. J. 52, 190 (1947). 

2 F. L. Whipple and S. E. Hamid: Helwan Obs. Bull. No. 41, 1951. 

3 J. A. Clegg, V. A. Hughes and A. C. B. Lovell: Monthly Notices Roy. Astronom. Soc. 
London 107, 369 (1947)- 

4 F. W. Wright, F. L. Whipple and L. G. Jacchia: Astronom. J. 59, 400 (1954). 

5 A. Aspinall, G. S. Hawkins et al.: Monthly Notices Roy. Astronom. Soc. London 
111 , 18 ( 1951 ). 

6 S. E. Hamid: Formation and Evolution of the Perseid Meteor Stream. Doctoral Thesis, 
Harvard University 1950. 

7 M. Plavec: Nature, Lond. 165, 362 (1950). 

8 F. W. Wright, L. G. Jacchia and F. L. Whipple: Harvard Coll. Obs. Reprints II 

Nos. 16 , 35, 38, 47, 67 , 80, 108 (1947-1957). ' 

9 T. W. Davidson: Jodrell Bank Ann. 1, 116 (1956). 



Stream-Widfh 

Fig. 7. Relation between duration of meteor 
streams and radiant diameter. 
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the relationship has been derived. Nevertheless, it is apparent that as a stream 
ages, it spreads out over a greater volume in space and the individual meteors 
crossing the earth’s orbit at any point move in orbits that diverge increasingly 
in time. Such a phenomenon should of course be expected, because of the effects 
of dynamical aging, although a formulation of the complex perturbational rela¬ 
tionships may present considerable theoretical difficulties. Dispersive effects 
due to physical causes are indicated by the radio results. Hawkins and Almond 1 
have shown that the percentage of bright meteors increases at the maximum of 
the Perseids and Geminids and that these streams contain a "core” of large, 
undisturbed particles. Lindblad 2 has presented evidence indicating that faint 
radio meteors of the 6-Aquarid stream are observed at an earlier date than the 
bright photographic meteors; he suggests that the separation'may be due to 
the Poynting-Robertson effect. 

On the basis of his icy model for comets, Whipple 3 has suggested that several 
causes act to change the orbits of meteoroids in space and also to produce their 
physical deterioration and destruction. The most prominent cause of deteriora¬ 
tion is probably mutual collisions, although atomic sputtering by corpuscular 
radiation from the Sun may play an important role. Other causes of deterioration 
include the photoelectric effect, encounters with ions or electrons in the inter¬ 
planetary medium, and heating by solar radiation which may drive off residual 
gases as well as the primitive ices. Opik 4 has investigated the sweeping effects 
of the planets in removing solid debris from the solar system; he finds that whereas 
insufficient time has elapsed for Mars to eliminate entirely material crossing its 
orbit, the earth would reduce this material by a factor of 1/e in some 10 s years. 
Jupiter, of course, is much more effective in removing meteoric debris from the 
solar system. The gravitational perturbations of this planet are also severe, and 
Jupiter is largely responsible for the spreading of orbits in meteor streams. 

It is possible that the general complex of sporadic orbits may represent the 
final stages of the dissolution of meteor streams. On the other hand, we must 
not neglect the destructive effects described above. For example, the correlation 
of meteor showers with heavy rainfall, as/found by Bowen, implies that small 
meteors are annihilated during the dynamic lifetime of the stream 5 . To under¬ 
stand in detail the relation between stream and sporadic meteors will be a difficult, 
and yet perhaps our most interesting, problem for future research. 

11. Sporadic meteors and the total influx. Visual observations by Opik, 
Hoffmeister, Watson and others (see Millman and Burland 6 ) have established 
that the number of meteors, dN, appearing in the earth’s atmosphere with visual 
magnitudes between M and dM is given by the incremental law 

dN = ar M dM (11.1) 

where a is a constant and r is the ratio of increase in the number of meteors 
between magnitudes M and M + l. In this paper dN will be used to define an 
influx rate of meteors passing through an area of 1 km 2 parallel to the earth’s 
surface during a period of 1 hour, and M is the magnitude at maximum light. 

1 G. S. Hawkins and M. Almond: Monthly Notices Roy. Astronom. Soc. London 112, 
219 (1952). 

2 B. Lindblad: Trans. Chalmers Univ. of Technology, Gothenburg, Sweden, No. 129, 
3, 1952. 

3 F. L. Whipple: Astrophys. Journ. 121, 750 (1955). 

4 E. Opik: Proc. Roy. Irish Acad. 54, 165 (1951). 

5 F. L. Whipple and G. S. Hawkins: Amer. J. Meteorol. 13, 236 (1956). 

6 P. M. Millman and S. Borland: Sky and Telescope 16, 222 (1957). 
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The value of r appears to be constant over a wide range of magnitudes. A similar 
law has been shown to hold for the photographic magnitude scale. The cumula¬ 
tive law, giving the total number of meteors brighter than magnitude M which 
pass through 1 km 2 per hour, is found by integrating Eq. (11.1) between the 
limits of — oo and M : 

N — a r M jloge r (km -2 hour -1 ). (11.2) 

Thus 

lo gio N = log 10 a - log 10 (log,, r) + M log 10 r, 
lo Sl0 N=N 0 + Mlog 10 r. 

N 0 is the logarithm of the influx rate for meteors with M<L 0 and r is the ratio 
of increase given by the incremental law. Eq. (It.3) can be written with the 
variable M replaced by photographic magnitude M p ,, the meteoroid mass m, 
or the electron line density in the meteor trail q. In observational work there 
are two problems; to determine the ratio of increase r, and the absolute rate N 0 . 

There is considerable uncertainty in the ratio r, determined for sporadic 
meteors; published values vary between 2.0 and 4.1 (Millman and Burland) 1 . 
Part of this variation may be attributed to an actual decrease in the ratio for 
faint meteors, and indeed r must finally tend to unity since the number of meteors 
in the solar system is finite. Part of the variation, on the other hand, is due to 
uncertainties in the observations and in the correction factors involved. The 
ratio, r, has been determined from radar observations by McKinley and by 
Browne, Bullough, Evans and Kaiser 2 . Both visual and radar work provide 
evidence that r has different values for sporadic meteors and for meteors belonging 
to well-defined streams. The absolute influx rate, N 0 , has been determined visually 
by Watson 3 who found that 75 X 10 6 meteors with M^ + 5 were incident on 
the earth during a period of 24 hours. Millman and Burland 1 revised the 
number to 200X 10 6 but Hawkins 4 by radar methods finds a value in good agree¬ 
ment with that of Watson. 

The photographic method is not subject to the uncertainties introduced by 
the variation of sensitivity across the observing field, and Hawkins and Upton 5 
have deduced the following influx rates from the Super-Schmidt data of the 
Harvard Meteor Project: 


l°g 10 N = 0.538 M pg — 4.34, 

(11.4) 

log 10 N s* 0.5385-17, 

(11.5) 

logio N = 15 95 — 1-34 log 10 q , 

(11.6) 


with N in km -2 hour -1 , where M p ., is the photographic magnitude, M v is the 
visual magnitude and q is the electron line density (cm -1 ) in the trail. Eqs. (11.4) 
and (11.5) indicate an increase in numbers of 3-44 per magnitude, and the uncer¬ 
tainty in this value is ±0.2. The observations show that 90 million meteors 
brighter than 5th magnitude visual hit the atmosphere of the earth in 24 hours. 

The meteor streams described in Sect. 10 represent only a fraction of the 
meteoric debris falling on the Earth. For example, the percentage of meteors 

1 See footnote 6, p. 548. 

2 I. E. Brownf., K. Bullough, S. Evans and T. R. Kaiser: Proc. Phys. Soc. Bond. B 
69, 83 (1956). 

3 F. G. Watson: Between the Planets. Cambridge: Harvard University Press 1956. 

4 G. S. Hawkins: Astronom. J. 61, 386 (1956). 

5 G. S. Hawkins and E. K. L. Upton: Astrophys. Journ. 128, 727 (1958). 


(11.3) 
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that do not belong to the major streams as determined by various techniques is 
shown in Table 8. Even when the streams are well defined and the meteors 


Table 8. Percentage of meteors not belonging to major streams. 


Technique 

Limiting visual 
magnitude 

Percentage 

Authority 

Visual. 

+ 5.5 

63% 

Denning 1 

Photographic . . . 

+ 0 

58% 

Whipple 2 

Photographic . . . 

+ 4.5 

83% 

Hawkins and Southworth 3 

Radio. 

+ 4.2 

95% 

Hawkins 1 


relatively easy to identify this fraction varies considerably. A possible explana¬ 
tion of the variation is that the distribution of masses is different within the 

streams and that each techni¬ 
que acts selectively on a par¬ 
ticular range of masses. His¬ 
torically, the policy has been 
to classify any meteor that 
could not be identified with 
a stream as “sporadic”, and 
Table 8 gives the percentage 
of sporadic meteors on this 
basis. However, the more 
accurate photographic techni¬ 
que shows that a considerable 
fraction of sporadic meteors 
may be associated in small 
groups which may be conveniently termed minor streams. At the time of writing, 
the unravelling of the minor streams has only just begun, and it is therefore ex¬ 
pedient to classify all meteors outside the major streams as sporadic and adopt a 
statistical approach with the reservation that our studies must inevitably in¬ 
clude many minor streams. 

For many years it was considered that sporadic meteors were interstellar in 
origin and travelled through the solar system in hyperbolic orbits. A simple 
test of this thesis is to measure the velocity of sporadic meteors, since the velocity 
of escape from the Sun at a distance of 1 a.u. is known (42.2 km/sec). Observa¬ 
tions by Whipple 2 of several bright sporadic meteors at the commencement 
of the photographic program showed that these meteors, at least, were moving 
in short-period elliptical orbits. Of some 500 well determined photographic meteor 
orbits none have yet been found to be certainly hyperbolic. A detailed study of 
the velocities of sporadic meteors was made by Almond, Davies and Lovell 6 
using the radio technique in a series of six experiments in which the sensitivity 
of the equipment was successively increased from a limiting magnitude of +6 
to +9- Over 1000 velocities were measured and it was shown that the number of 
hyperbolic meteors must be considerably less than 1 % of the total. In Fig. 8 
the velocity distribution for 11 073 meteors is given, as determined by McKinley 6 

1 W. F. Denning: Obs. Handbook, Brit. Ast. Ass. 1922. 

2 F. L.. Whipple: Astronom. J. 59, 201 (1954). 

3 G. S. Hawkins and R. B. Southworth : Smithson. Contrib. Astrophys. 2, 349 (1958). 

4 G. S. Hawkins: Monthly Notices Roy. Astronom. Soc. London 116, 96 (1956). 

5 M. Almond, J. G. Davies and A. C. B. Lovell: Monthly Notices Roy. Astronom. Soc. 
London 113, 411 (1953). 

6 D. W. R. McKinley: Astrophys. Journ. 113, 255 (1951). 
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who used a cw transmitter in contrast to the pulsed radar of Almond et al. 1 . 
It can be seen that very few meteors were observed with velocities greater than 
72 km/sec, which is the geocentric velocity of a parabolic meteor with radiant 
at the apex. On this evidence we may conclude that interstellar meteors are 


^. 

















! ">s/. / / 

I 

1 


Fig. 9- Contours of equal radiant density for sporadic meteors. Radar observations. 



extremely rare within the present range of detection. There is still the possibility 
of detecting hyperbolic meteors below a magnitude of + 9 where the dimensions 
of the meteor are of the same order as the grains of interstellar dust, and, of 
course, we may expect to find a few larger meteors which have been thrown into 
hyperbolic orbits by planetary perturbations. 

A statistical study of the radiant distribution of sporadic meteors has been 
made by one of the authors 2 using a radar technique. The number of sporadic 

1 See footnote 5, p. 550. 

2 G. S. Hawkins: Monthly Notices Roy. Astronom. Soc. London 116, 92 (1956). — 
Astronom. J. 61, 386 (1956). 
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radiants was determined in a strip lying along the prime meridian of the observing 
station and the distribution of radiants was sampled once during a period of 
24 hours as the earth rotated. An analysis of 240000 echoes showed a concentra¬ 
tion of radiant points towards the plane of the ecliptic, and a marked asymmetry 
in the distribution of meteor orbits. The mean radiant distribution determined 
between the period October 1949 to September 1951 is shown in Fig. 9, where 
contours of equal radiant density are plotted on an equal-area projection of the 
sky centered at the apex of the Earth’s way. The horizontal coordinates are 
circles at ecliptic latitudes 0°, ±30° and ±60°. The vertical circles are drawn 
at 60° intervals in ecliptic longitude with the position of the Sun taken as 0°. 
Thus the radiant pattern is fixed with respect to the Sun and there are three 
concentrations of radiant points, — at the apex, near the Sun and near the 


Antihelion 



•-• Survey 1 


f --- Survey 2 

Sun 

Fig. 11. Distribution of directions of meteors in space, calculated from the results of two radio echo surveys. 


antihelion point. The concentration at the apex corresponds to the one predicted 
by classical theory and is produced by the sweeping action of the Earth as it 
moves round its orbit. The other concentrations correspond to meteors moving 
in short-period direct orbits which are aligned closely to the plane of the ecliptic. 

A similar measurement of the distribution of sporadic radiants has been made 
from visual observations by Hawkins and Prentice 1 , who determined the radiant 
point of a meteor by triangulation with an accuracy of approximately ±1°. 
The results of this analysis are given in Fig. 10 where contours of equal radiant 
density have again been plotted, ft can be seen that the visual results confirm 
the grouping of radiants at the antihelion point and also show a more diffuse 
concentration of radiants at the apex. The observations are incomplete, of course, 
because of the limitations of daylight, the group of radiants near the Sun being 
unobservable, ft must be emphasized that both the radio and visual radiant 
distributions represent an integration taken over a period of one year, and may 
show marked variations from night to night. Such irregularities are undoubtedly 
present and their study will undoubtedly lead into the realm of minor streams. 

It is interesting to deduce the distribution of directions of meteors in space 
from the observed distribution of radiant points. When corrections are applied 
to allow for the velocity of the Earth relative to the Sun, the radio echo results 
produce the distribution shown in Fig. 11. In this figure the Earth is shown at 
the center of a polar diagram and the length of the radius vector is proportional 
to the number of meteors crossing the Earth’s orbit at a given polar angle. Clearly 
there is a preponderance of meteors overtaking the Earth, the ratio being close 


1 G. S. Hawkins and J. P. M. Prentice: Astronom. J. 62, 234 (1957). 
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to 30 : 1 . A similar correction may be applied to the visual data. With these 
data each radiant point can be treated separately and it is permissible to assume 
that the heliocentric velo¬ 
city of the meteor was 
42.2 km/sec. We can then 
construct a direction dia¬ 
gram for meteors with or¬ 
bits at various inclinations 
i to the plane of the eclip¬ 
tic as shown in Fig. 12. 

The visual results confirm 
the preponderance of di¬ 
rectly moving meteors for 
orbital inclinations less 
than 50°, the ratio of di¬ 
rect to retrograde orbits 
being 50:1. Orbits of high 
inclination, on the other 
hand, are uniformly dis¬ 
tributed in direction, the 
cardioid pattern in the po¬ 
lar diagram being due to 
the variation in the area 
of the sampling element. 

The photographic tech¬ 
nique provides us with ac¬ 
curate data that may ena¬ 
ble us to discover the life 
history of many individual 
sporadic meteors. Whipp¬ 
le 1 has published detailed 
orbits for 144 meteors, 
more than half of which 
fall into the category of 
sporadic or minor stream 
meteors, and Whipple and 
Jacchia have obtained 
further data on 308 me¬ 
teors which has not yet 
been published. They find 
that a distinction can be 
drawn between directly 
moving and retrograde or¬ 
bits. The direct orbits tend 
to have short periods, high 
eccentricities and low in¬ 
clinations, resembling very 
closely the orbits of short 
period comets. On the other 

hand, retrograde orbits have a longer period and a more uniform distribution 
of inclinations, resembling the distribution of long period comets. Almost every 

1 F. L. Whipple: Astronom. J. 59, 201 (1954). 
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meteor orbit has a positive K criterion and we may infer from this evidence 
that the bulk of sporadic meteors have a cometary origin. This will be discussed 
at greater length in Sect. 12. 

12. Origin of meteors, fireballs and meteorites. In Sect. 10 and 11 we have 
seen that hyperbolic orbits, if present at all, occur at rates below the 1 % level 
among photographic meteors and perhaps below the 0.5% level among radio 
meteors, the latter extending down to magnitudes of the order of +8. Thus, 
from magnitudes — 3 to +8 the existence of any interstellar meteors requires 
additional proof. In this range our problem is to distinguish, if possible, between 
contributions by cometary debris and those by asteroidal chips. In the latter 
part of this section the general problem will be considered for brighter fireballs. 

Among the shower meteors some twelve streams are definitely associated 
with comets so that their origin is clearly delineated (see Table 7, Sect. 10). A 
question arises as to whether any of the showers, particularly those with asteroidal- 
like orbits, can be of asteroidal origin. This suggestion has been implied by 
Hoffmeister 1 , on the basis of his visual estimates of velocities and orbits for a 
number of such showers. Unfortunately, Hoffmeister’s extremely ingenious 
method of determining velocities by the visual nature of the trails tends to yield 
velocities that are too small, and hence only 3 streams remain within this category 
on the basis of the precise photographic studies: the Geminids, q' =2.6, the 
Virginids, q' = 5.2, and the Taurids, q' =4.0. It seems safe to assume that stream 
orbits with aphelion in the neighborhood of Jupiter’s orbit or beyond it are of 
cometary origin. Hoffmeister’s suggestion might be somewhat more tenable 
were the Taurid meteors not clearly associated with Comet Encke. Meteoroid 
density and physical characteristics in the atmosphere appear to provide the 
best criteria for settling this question. 

If, indeed, meteoroids of cometary origin have densities as low as the results 
of Sect. 9 indicate (~0.1 grn/crrr 3 ), then the densities for asteroidal particles 
(3-5 or 8.0gm/cm 3 ) should produce conspicuous effects in measurements of drag 
and calculated atmospheric densities among the doubly-photographed meteors. 
Only for the Geminids do we have sufficient data to approach this problem with 
confidence. Here we do find that the Geminid meteors deviate significantly 
from the average. Jacchia 2 has shown that their specific densities are roughly 
2.4 g m where q m is the density of average meteors; or alternately, that their lumin¬ 
ous efficiencies are about an order of magnitude greater than those of average 
meteors. We should expect that the density ratio should be greater than 2.4 
were the Geminids asteroidal, but we cannot be certain about luminous effi¬ 
ciency. 

A density of 2.4 Q m and the peculiarly small perihelion distance, 0.14 a.u., 
of the Geminid orbit are not incompatible with the general concept of a cometary 
origin. If the Geminids originated from a comet with an aphelion point which 
has slowly contracted from Jupiter’s orbit, the comet must originally have been 
of relatively great dimensions to have survived. Geminid meteors must then 
represent material from the central nucleus of an unusually large comet, quite 
possibly greater than that of the original Encke comet. We should not be sur¬ 
prised, then, that the fragments should have a density somewhat greater than is 
typical for cometary meteors. In addition, excessive heating by the Sun may 
have compressed the original dust balls, although this effect is not evident for 
the 6 Aquarids, <7=0.06 a.u. 

1 C. Hoffmeister: Meteorstrome. Weimar and Leipzig 194S. 

2 L. Gr. Jacchia: Unpublished. 
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It is interesting to note that Jacchia 1 finds the Taurid meteoroids to be of 
unusually tough, non-fragmentable material although their densities are typical 
of average meteors. Data for the Virginid meteors are not adequate to establish 
the density relationship, although the few available cases show no marked abnor¬ 
malities. We may conclude, therefore, that the evidence strongly indicates, 
although it does not quite prove, the hypothesis that all shower meteors are 
indeed of cometary origin. 

Among the orbits of sporadic photographic meteors 2 some 20% show the 
characteristic of long-period comet orbits, that is, great aphelion distance and 
a random distribution of orbital inclinations. A cometary origin for these orbits 
seems obvious. 



Among the remaining sporadic meteors, the orbits are only moderately inclined 
to the plane of the ecliptic, much like those of short-period comets (f < 30° for 
80%). Some 65%, however, have aphelion distance well within Jupiter’s orbit. 
This makes the hypothesis of cometary origin less certain because only some 5 % 
of short-period comets have such small aphelion distances. It is probably signi¬ 
ficant, however, that only three of the first 308 Super-Schmidt orbits studied 
by Whipple and Jacchia 3 have aphelia within the orbit of Mars and two of 
these practically at the Earth’s orbit. All seven asteroids with perihelion within 
the Earth’s orbit move beyond the orbit of Mars (see Table 3 on p. 529). 

To help solve this problem, Whipple 2 set up an arbitrary K criterion as a 
single quantity to distinguish between asteroidal and cometary orbits. The cri¬ 
terion is defined as follows: 


K = log 10 


a (1 + e) 
1 —e 


— 1 , 


where the bracketed quantity is proportional to the inverse square of aphelion 
velocity. Fig. 13 presents the distribution function of K in the range of interest 
for asteroids, photographic meteors, and the short-period comets with q< 1 a.u. 

It is immediately evident from Fig. 13 that the photographic meteors show 
a distribution of the K criterion that is more characteristic of the periodic comets 
with perihelion distance of q< \ a.u. than of the asteroids. There is, however, 

1 L. G. Jacchia: Astrophys. Journ. 121, 521 (1955)- 

2 F. L. Whipple: Astronom. J. 59, 201 (1954). 

3 F. L. Whipple and L. G. Jacchia: Astronom. J. 62, 37 (1957). 
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a region of overlap, and one must admit that the K criterion has no basic physical 
significance. On the other hand, it is a quantitative statement of the general 
orbital characteristics that are known to distinguish asteroids from comets. 

It may be argued that among the photographic meteors are a great many of 
asteroidal origin whose orbits are so like those of the short-period Comets that 
there is no method of distinguishing them. Jacchia 1 has segregated from the 
Super-Schmidt photographic meteors those whose orbits were of particularly 
asteroidal character. For this class of orbit, the atmospheric densities have been 
calculated from the observed decelerations and light curves and compared with 
the values obtained from the remaining meteors. There is no significant dif¬ 
ference in these values, whereas a difference in density of even 20 or 30%, or a 
similar difference in the luminous efficiency, would have shown up strongly as 
measured by the interaction of the bodies with the upper atmosphere. A thorough 
search of differences between the physical characteristics of meteors in this 
"asteroidal” group as compared to the remaining meteors of more clearly come¬ 
tary origin indicates no difference at the measurable level. If asteroidal meteors 
are in fact present among the sample of photographed meteors, they number at 
most a very few per cent, probably fewer than 3 % • 

It has been shown by Jacchia 2 that significantly different characteristics 
are indicated for the major meteor showers as compared to the average, each 
shower showing a tendency towards a peculiar density (or luminous efficiency) 
or fragmentation index. We must conclude, therefore, that the photographic 
meteors, when separated according to orbital characteristics, form homogeneous 
groups in physical character and, since most of the streams have been identified 
with comets, the remaining streams probably have a similar origin. 

Very bright fireballs and stone-dropping fireballs, on the other hand, show 
no tendency to move with radiants of known showers nor do their occurrence 
frequencies throughout the year tend to show peaks coincident with the known 
showers. Hence, there is no a priori reason to associate extremely bright fireballs 
and meteorites with cometary streams. 

Visual observations of velocities, radiants and orbits, however, have tended 
to indicate that the brighter fireballs and meteorites have heliocentric velocities 
very frequently of hyperbolic character 3 . Von Niessl and Hoffmeister in their 
famous catalog of fireballs, find 79% with hyperbolic heliocentric velocities. 
Other investigators such as Opik 4 and Astapovich 5 have confirmed this conclu¬ 
sion. Of contrary mind has been Wylie 6 , who made an extraordinary effort 
to remove the systematic errors from visual observations of fireball velocities. 
By joining with the observers in reenacting the circumstances of the phenomenon 
and making on-the-spot measurements of angles, trajectories and time intervals, 
he discovered the rather surprising result that angular measurements are grossly 
overestimated while time measurements are fairly reliable when made by un¬ 
prepared observers. As a consequence, he concludes that the orbits of meteorites 
and bright fireballs are essentially asteroidal in character, the atmospheric veloci¬ 
ties lying well below the hyperbolic limit. 

1 L. G. Jacchia: Unpublished. 

2 L. G. Jacchia: Astronom. J. 61 , 6 (1956). 

3 Von Niessl and C. Hoffmeister: Denkschr. Akad. Wiss. Wien, math.-naturwiss. Kl. 

1925, 100. 

4 E. Opik: Harvard Coll. Obs. Circ. No. 389 and 391, 1934. 

5 I. S. Astapovich: Russ. Astronom. J. 16 , 41 (1939)- 

6 C. C. Wylie: Univ. Iowa Obs. Contr. No. 8, 1939. — Science, Lancaster, Pa. 90, 264 
(1939). 
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Long ago, Newton 1 2 studied the radiants and their distribution with respect 
to the apex of the Earth’s motion; he concluded for 116 stone falls that the orbits 
were of solar-system origin, with inclinations less than 90°. 



Fig. 14a—d. Distribution of elongations of geocentric radiant from the Earth’s apex, (a) 70 photographic meteors 
(b) 325 fainter fireballs, (c) 160 great fireballs, (d) 89 detonating bolides. 


Whipple and Hughes 8 reinvestigated the problem with more recent radiant 
data for meteorite falls and found the distribution of elongations from the apex 
as seen in Figs. 14a—d and Fig. 15a and b for the sequence: photographic 



Fig. 15a and b. Same as Fig. 14. (a) 25 meteorites, (after Whipple and Hughes) (b) 66 meteorites (after Astapovich). 


meteors, fainter fireballs, great fireballs, detonating bolides, and meteorite falls. 
The elongations given are from the apex of the Earth’s motion to the apparent 
radiant, without correction for the zenith attraction. By comparison with the 
velocity-elongation diagram (Fig. 16) for photographic meteors, they deduce the 
mode, mean, and root-mean-square velocities for bolides and fireballs as given 
in Table 9- They adopt a mean meteorite velocity of 16.5 km/sec and 17 km/sec 

1 H. A. Newton: Amer. J. Sci. 36, 1 (1888). 

2 F. L. Whipple and R. F. Hughes: J. Atmos. Terr. Phys., Spec. Suppl. 2 (1955). 
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for the root-mean-square velocity in the Earth’s upper atmosphere. Wylie 1 
from his corrected observations for meteorites derived a mean velocity of 
16.0 km/sec, in good agreement. 



Fig. 16. Velocity—elongation diagram for photographic meteors. 


Since the radiants of bolides and meteorites are highly concentrated to the 
plane of the ecliptic as shown by Watson 2 , it is quite impossible to disagree with 
Newton’s early conclusion that meteorites are of solar-system origin. Their 


Table 9. Atmospheric velocities (kmlsec). 


Phenomenon 

Mode 

1 

Mean 

Root-mean- 
square 

89 Bolides. 

18.0 

19-3 

20.3 

25 Meteorite falls .... 

14.8 

16.5 

16.9 

66 Meteorite falls .... 

15-4 

21.3 

24.3 


orbits are distinctly asteroidal in character and hence practically no doubt 
remains that meteorites are samples of asteroidal material; whether they are 
typical or not requires more consideration. 

In arranging the sequence from meteorites to photographic meteors in terms 
of brightness, one asks at what brightness-level occurs the transition from com¬ 
etary meteors to asteroidal fireballs. Probably the transition occurs within 
a few magnitudes of — 8 although the data are inadequate to separate the two 
groups well in magnitude. The ratio, r, has been defined (Sect. 11) as the increase 
in the number of meteors from an increase of 1 magnitude. Thus if the proportion 
of cometary meteors decreases as we proceed to the region of fireballs and meteo- 


1 C. C. Wylie: Unpublished. Private communication. 

2 F. G. Watson: Proc. Amer. Phil. Soc. 81, 473 (1939). 
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rites we would expect the value of r to decrease. Millman and Burland 1 have 
presented evidence to show that 7 is 3 -7 for meteors with visual magnitude .If 
given by the expression 0 <M v < — 6 and for fainter meteors, M v < 5, 7 = 2 . 5 ! 
This evidence is not supported by an analysis of photographic images 2 which 
yields 7 = 3.4 over the range — 0.$<M V <4. Nor is it consistent with the results 
of an analysis of 100000 meteors of the American Meteor Society 3 which gives 
7 = 2.5 for 0<A1< — 6. No data are available to estimate this ratio for the 
bright fireballs and meteorite falls because magnitudes are difficult to determine. 
If the visual 3 and photographic 2 work is correct the ratio 7 changes from 3.4 to 
2.5 between M v = 2 and M v = — 3 . This would indicate that somewhere in the neigh¬ 
borhood of M v = — 3 we are observing a falloff in the percentage of cometary 
meteors in the influx and that relatively few contribute to extremely bright fire¬ 
balls and none to meteorite falls. 

We may conclude, therefore, that radio and visual meteors are almost entirely 
of cometary origin and that detonating bolides and meteorites are perhaps 
entirely of asteroidal origin. We note that the frequency distribution in terms 
of meteoroid radius follows approximately an inverse fourth power for radio, 
photographic and visual meteors (to 3 rd magnitude) while Piotrowsky 4 calcu¬ 
lates an inverse third power law for asteroidal particle production by grinding 
among the asteroids. This law holds for the very brightest asteroids but cannot 
be confirmed observationally over a large range in dimension. If we assume 
that these two relationships are indeed representative over large ranges, we see 
then that the asteroidal source compared to the cometary source should fall off 
with decreasing radius, in keeping with our conclusion above regarding the origin. 
If we extrapolate to the range of micrometeorites or meteoritic dust in inter¬ 
planetary space, we can conclude that for all practical purposes this fine material 
is entirely of cometary origin, in keeping with Whipple’s 5 6 7 hypothesis concerning 
the origin of the zodiacal cloud materials (Sect. 4). This argument for the micro¬ 
meteorites, however, must be taken as only qualitative in character until we have 
more evidence to demonstrate the physical and orbital characteristics of the 
micrometeorites. 

13. Meteorites. Since the year 1 803 , when the French Academy was forced 
to acknowledge the cosmical origin of meteorites by Biot’s study of a fall of 
stones at L’Aigle, France, the subject has been an accredited scientific endeavor. 
The literature is enormous, particularly with regard to detailed descriptions, and 
includes many studies of some 1600 meteorite falls and finds. Of these about 
half were seen to “fall”, and the other half have been “finds” of meteorites whose 
fall was not observed. The meteorites of a fall or find, usually single but frequently 
multiple, are identified by the name of the geographic locality in which they 
were discovered. A symbolic system of identification has been developed by 
Leonard 6 7 . The present account of meteorites will be quite abbreviated, but 
the reader is referred to a few of the major accounts and more recent summaries. 
Meteorites are readily classified into three major groups: irons or siderites ; stony 
irons or siderolites', and stones or aerolites. A fourth group, tektites, glassy in 
structure and frequently button or tearshaped, are found irregularly scattered 

1 P. M. Millman and S. Burland: Sky and Telescope 16, 222 (1957). 

2 G. S. Hawkins and E. K. L, Upton: Astrophys. Journ. 128, 727 (1958). 

3 C. Olivier and G. S. Hawkins: Unpublished. 

4 S. L. Piotrowsky: Acta Astronomica, Ser. A 5, 115 (1953). 

5 F. L. Whipple: Astrophys. Journ. 121, 750 (1955). 

6 F. C, Leonard and R. D. Violini: Univ. Calif. Publ. Astr. 2, No. 1, 1 (1956). 

7 F. C. Leonard and G. L. Rowland: Meteoritics 1, 440 (1956). 
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over the surface of the Earth, and are not certainly of cosmic origin. Suess 1 
has recently shown from the argon content that tektites generally have been 
solid for less than 10 7 years. Since this significant observation still does not 
clarify the problem of cosmic or terrestrial origin for tektites, we shall not discuss 
them further in this article. 

Meteoritic stones weather rapidly and are often indistinguishable superficially 
from terrestrial rocks. Hence among the unobserved meteoritic finds, stones 
are relatively rare but predominate among the observed falls. They are generally 
estimated to constitute some 90% of the meteoritic mass striking the Earth. 
The stony irons are relatively rare, constituting some 2.5% of the total finds 
and falls, and often give the appearance in cross-section of raisin pudding, the 
raisins being stony inclusions in an iron-nickel matrix. The irons are composed 
almost completely of iron-nickel alloy with occasional inclusions of stony material. 
The three major types of meteorites will be discussed briefly from a chemical 
and metallographic point of view in terms of general composition and structure 
in the sequence, irons, stones and stony irons. 

Besides iron and nickel, the average iron meteorite contains about 0.6% co¬ 
balt, 0.2% phosphorus, a few hundredths of a percent of sulphur, carbon, copper 
and chromium with only traces of the other elements which altogether add to 
less than half a percent. When an iron meteorite is sliced, polished and etched, 
it usually shows a fairly coarse and often times artistic surface structure known 
as the Widmanstatten figures. The nature of these figures is highly dependent 
upon the nickel content as noted by Pfann 2 and elaborated by Perry 3 * . The 
different crystalline structures within the pattern differ markedly in composition 
(see Fig. 17). The component of low nickel content, approximately 6%, is com¬ 
monly known as kamacite, a body-centered cubic crystalline structure in the 
alpha phase of the iron-nickel alloy. The high nickel component, taenite, is of 
variable content but averages about 30 % nickel and is a face-centered cubic 
structure in the gamma phase of the alloy. A mixture of finely divided kamacite 
and taenite, called plessite, constitutes a third crystalline structure in iron meteo¬ 
rites. The irons of low nickel content, about 5-5 %, include as a major group the 
relatively uncommon hexahedrites manifesting a hexagonal crystalline structure. 
The most common variety of iron is the octahedrite ranging from 6 to 13 % 
nickel. 

Two other structures frequently observable in the polished and etched surfaces 
of meteorites are the stony inclusions and the Neumann bands or lamellae. 
Frequent inclusions are iron carbide, cohenite, iron sulfide, troilite and iron-nickel 
phosphide, schreibersite. Occasional graphite nodules and rare microscopic dia¬ 
monds are found. The Neumann bands are of an entirely different character; 
they give the appearance of straight lines or parallel scratches over large areas 
of the meteoritic sample. Microscopic examination shows the bands to be twin 
thin lines, which can be formed in body-centered cubic iron crystals as a conse¬ 
quence of severe shock or rapid external stress. The mode of formation by me¬ 
chanical stress is quite temperature sensitive, ranging from relatively slow defor¬ 
mation at liquid air temperatures, to projectile-type shocks at room temperatures, 
to increasingly high shocks at higher temperatures, until finally at sufficiently 
high temperatures the phenomena cannot be produced. In a general account of 


1 H. E. Suess: Geochim. et Cosmochim. Acta 2, 76 (1951). 

2 E. Pfann: Int. Z. Metallogr. 9, No. 2, 65 (1917). 

3 S. H. Perry: The metallography of meteoric iron. Bull. U.S. Nat. Museum, No. 184, 

1, 1944. 
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this phenomenon, Uhlig 1 concludes that the Neumann bands ‘‘were formed 
previous to the time the meteorite entered the Earth’s atmosphere”. 

Since the crystalline structure of the Widmanstatten figures cannot be dupli¬ 
cated by artificial means, or found naturally in the Earth except on a micro¬ 
scopic scale, it is generally concluded that the complex structures found in the 



Fig. 17. Typical surface patterns on meteorites. 


iron-nickel meteorites must have been induced by slow cooling, possibly ac¬ 
companied by extremely great pressure. With prolonged heating at temperatures 
of the order of 900 to 1000° C, the structures disappear in meteoritic irons and 
cannot be restored in the laboratory. The difficulties in the laboratory of repro¬ 
ducing the time scales and pressures likely to have existed when the meteorites 
were formed, and the difficulties of the theory have made reconstruction of the 
circumstances of pressure and cooling extremely uncertain. In the summary of 
the sub ject, Uhlig 1 concludes that the Widmanstatten pattern was perhaps 

1 H. H. Uhlig: Geochim. et Cosmochim. Acta 6, 282 (1954); 7, 34 (1955). 

Handbuch dcr Physik, Bd. LI I. ^ 
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achieved at temperatures as low as 300 to 400° C and that both temperature rises 
and rapid changes of pressure may also play a role in the more detailed structure 
formation. 

The stony meteorites present such a complicated internal structure, both 
chemically and physically, that no detailed description can be given here. A 
minority of about 10%, called achondrites, are silicates not too dissimilar from 
terrestrial basic rocks. Although the chemical composition is complex and varies 
markedly from region to region within an achondrite and from one to another, 
the material is 90 or more percent silicate and more than one half silica (Si0 2 ). 

The chondritic stones are the most prevalent and are characterized by the 
presence of chondrules, inclusions which are somewhat similar in chemical com¬ 
position to the achondritic stones. The chondrites, however, contain varying 
degrees of iron-nickel in the metallic phase up to as much as 35%, and the back¬ 
ground structure of broken irregular crystals is so chaotic and complex that 
detailed mineralogical analysis becomes practically impossible. With regard to 
the systematic composition of stones, Prior 1 found that the percentage of iron 
in the silicates varied in an inverse fashion with the percentage of iron in the 
metallic phase. The metal phase in the stones shows much the same composition 
and range as in the irons. Urey and Craig 2 and Wahl 3 find that although the 
internal structure and composition of chondritic meteorites is extremely hetero¬ 
geneous, the average composition is surprisingly uniform. Table 10 show's the 
atomic abundances of the elements in chondrites as compiled by Urey and Craig 
for two groups, high and low in iron content and the average of all. In view of 
the amazing irregularity in the chondritic structure, the fact that the main 
compositions of extreme groups are so nearly uniform represents a mixing phe¬ 
nomenon of extraordinary power. 


Table 10. Atomic abundances 0 / the elements in chondrites (silicon = 10000). 



Uw iron 

High iron 

A 

% 

Total average 

Oxygen. 

34760 

33882 

- 2.6 

34386 

Sodium. 

509 

490 

- 3.8 

500 

Magnesium .... 

9261 

9444 

+ 2.0 

9335 

Aluminum .... 

778 

769 

- 1.2 

774 

Silicon. 

10000 

10000 


10000 

Phosphorus . . . 

47 

42 

-12.6 

45 

Sulphur. 

1000 

1 100 

+10.0 

1041 

Potassium .... 

58 

59 

+ i-i 

58 

Calcium. 

532 

595 

-F 12.0 

558 

Titanium .... 

21 

23 

+ 8.8 

22 

Chromium .... 

87 

63 

-37-9 

76 

Manganese .... 

57 

54 

— 6.0 

56 

Iron. 

6084 

8498 

+ 39.7 

7091 

Cobalt. 

17 

29 

+ 68.6 

23 

Nickel. 

274 

476 

+ 73-3 

360 

Fe/Ni (weight %) . 

22.07 

17-01 

— 23-9 

18.71 


The stony meteorites are a sample of the solar system which may be more 
representative of the original composition than other available sources; variations, 
however, must have been introduced by chemical and physical circumstances. 
A discussion of such matters is beyond the scope of this article. Those interested 

1 G. T. Prior: Miner. Mag. 18. 26 (1916): 19, 51 (1920). 

2 H. C. Urey and H. Craig: Geochim. et Cosmochim. Acta 4, 36 (1953)- 
s W. Wahl: Geochim. et Cosmochim. Acta 2. 1 (1951). 
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in the abundances of the elements may refer to the discussions, e.g., by Suess 
and Urey 1 , Brown and Patterson 2 , or Gerling 3 . Similarities between the 
abundances in meteorites and in other cosmic sources such as the Sun are striking 
in many cases. 

The analysis of noble gas and radioactive isotopes in meteorites is becoming 
increasingly important. The absence of krypton and xenon supports the assump¬ 
tion that no primordial noble gas occurred in meteorites. The isotope He 4 is 
found in meteorites and can result from the decay of uranium and thorium; 
A 40 can result from potassium decay. In stony meteorites uranium, thorium, 
and potassium are measurable; in iron meteorites they are almost entirely absent. 

Bauer 4 and Huntley 5 suggested that the helium measured in iron meteorites 
by Paneth 6 was produced by cosmic ray spallation interactions and not by 
radioactive decay. The existence of spallation isotopes in meteorites is now 
established by their high He 3 contents 7 - 11 , their high He 3 to He 4 ratios 7 10 , H 3 
in recent meteorite falls 10 - 12 , the proportionality of A 36 , A 38 , Ne 21 , and Ne 22 to 
He 3 9 > 10 - 13 and the lack of proportionality of Li 6 to He 310 ' 12 . The study of spallation 
isotopes in meteorites combined with the companion study of the isotopes pro¬ 
duced in iron targets by high energy protons 14 - 15 has led to the following tentative 
conclusions: The intensity of the cosmic rays striking some meteorites has aver¬ 
aged three times that of the rays striking the Earth 10 , and the exposure time of 
meteorites to cosmic rays varies from O. 3 XIO 9 years to 1.5 xlO 9 years 10 - 12 . The 
results also show that the slow neutron flux in space is less than 1 neutron/cm 2 sec 10 
and the average energy of the bombarding cosmic ray for the meteorites is many 
billion volts. Furthermore the shape of meteorites in space may now be approxi¬ 
mated; for example, the Carbo meteorite was an egg-shaped object in space 16 . 

The number of different spallation isotopes measured is rapidly increasing 
and each isotope adds a new chapter to the history of meteorites and of cosmic 
rays. The isotope A 39 which has a half-life of 265 years is presently being measured. 
A 39 can be detected with a much greater sensitivity than H 3 because there is 
much less argon than hydrogen in meteorites and argon is a better counter fill 
than hydrogen. For dated falls the A 39 combined with the A 38 gives a more 
accurate radiation age than the H 3 —He 3 age, because the relative production 
rates T of A 39 and A 38 are nearly equal and independent of energy while the H 3 
and He 3 production rates are somewhat different and energy dependent. At low 
bombarding energies more He 3 than H 3 is produced. The rate of diffusion loss 
of A 39 and A 38 from materials is also low compared to that of He 3 or H 3 . The 
relative production rate of H 3 to A 39 is six to one. The most recent iron fall is 
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14 E. L. Fireman: Phys. Rev. 97, 1303 (1955). 
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that of Sikhote-Alin, in 1947. Half of the tritium in this meteorite has decayed 
but the A 39 content remains relatively unchanged. The degree of the cosmic 
ray bombardment of the Sikhote-Alin meteorite, as indicated by its He 3 content 
of 3 x 1CT 7 cm 3 /g, is not very great. This content indicates an age of about 6 X 10 8 
years. The A 39 is not limited to recently fallen meteorites since practically all 
known falls have occurred within the past 265 years. The A 39 is not affected by 
terrestrial water which can spoil the H 3 measurements. A further advantage in 
the determination of age by the argon method is that the A 39 can be measured in 
both stone and iron meteorites. Thus by this method an "argon” age can be 
obtained for practically every known fall. Where the date of fall is not known, 
the A 39 content still provides interesting information. For example, the lack of 
detectable A 39 in Carbo indicates that it must have fallen more than 2000 years 
ago 1 . 

In the early determination of ages from the decay products of natural uranium, 
thorium, and potassium we meet difficulties. For iron meteorites the helium 
ages based on uranium and thorium decay 1 are of dubious value because of the 
effect of cosmic ray spallation and because the exact content of uranium and 
thorium is difficult to measure. The diffusion loss of helium from stones is serious. 
A spectacular advance in the technique of measuring potassium and argon by 
neutron activation has just opened the door for the measurement of radiogenic 
ages of iron meteorites 2 3 . With regard to the older measurements of the lead ages 
of stony meteorites, a serious discrepancy exists between the amount of lead in 
the stone and the amount of radiogenic lead expected from its uranium and tho¬ 
rium content. There is only one stone meteorite, Nuevo Laredo, where the dis¬ 
crepancy is small enough to permit a reliable lead age. The uranium and lead 
age of this meteorite is 4.6 X 10 9 years 3 . Nuevo Laredo has the largest uranium 
content of any known meteorite. The argon-potassium ages of six stone meteorites 
have also been determined. These ages are between 1.0 and 4.2 X10 9 years, 
with the chondrites showing a tendency to be older than the achondrites. It 
should be noted that the argon-potassium age refers to the period of time that 
the meteorite has been solid, i.e., it gives the date of solidification. The measure¬ 
ments of the argon-potassium age of iron meteorites 2 indicate very old ages, all 
more than 6xl0 9 years. It therefore appears that the achondrites, chondrites, 
and irons solidified as groups at different times. The analysis of isotopes in 
meteorites will certainly progress greatly during the next decade. 
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Sachverzeichnis. 

(Deutsch-Englisch.) 

Bei gleicher Schreibweise in beiden Sprachen sind die Stichworter nur einmal aufgefiihrt. 


Abmessungen stationarer Protuberanzen, di¬ 
mensions of quiescent prominences 227 bis 
228. 

Abplattung des Mars, oblateness of Mars 400. 

Absorption von Energie durch d ie Erdatmo¬ 
sphare, absorption of energy by the Earth’s 
atmosphere 368—373- 

— — in der Venusatmosphare, in the Venus 
atmosphere 389 , 390 . 

Absorption der Erdatmosphare im Infraroten, 
absorption of the Earth's atomsphere in the 
infrared 372 . 

— und koharente Streuung kombiniert, ab¬ 
sorption and coherent scattering combined 
44—45- 

— von Radiofrequenzstrahlung durch die 
Korona, absorption of radio-radiation by 
the corona 294—295. 

Absorptionskoeffizient der Photosphare, kon- 
tinuierlicher, absorption coefficient of the 
photosphere, continuous 23—26, 42, 47- 

— — fur Linien, for lines 47, 50, 51 . 

Absorptionsquerschnitt der Ionosphare, ab¬ 
sorption cross section of the ionosphere 347. 

Absorptionsspektrum der Erdatmosphare, 
absorption spectrum of the Earth’s atmos¬ 
phere 36, 37- 

Achondrit, achondrite 562 . 

Adams-Williamsonsche Gleichung, Adams- 
Williamson equation 433, 434. 

adiabatischer Temperaturgradient der Erd¬ 
atmosphare, adiabatic temperature gra¬ 
dient of the Earth's atmosphere 373, 374. 

— — der Jupiteratmosphare, of the Jupiter 
atmosphere 409. 

Aerolit (= Meteorstein), aerolite (= stony 
meteorite) 559, 560. 

aquatoriale Tropopause der Erde, equatorial 
tropopause of the Earth 374. 

— — des Mars, of Mars 399- 

Aquivalentbreiten, equivalent widths 61, 62. 

—, Berechnung mit der Gewichtsfunktions- 

methode, calculation by the weighting 
function method 56 , 58. 

— der Fraunhofer-Linien, of Fraunhofer lines 
35- 

— schwacher Linien, of faint lines 62. 

auBere Photosphare, high photosphere 31. 

aktive Flocculi, active dark flocculi 210, 244. 

aktive Korona, active corona 271—283. 

aktive Protuberanzen, active prominences 

225, 237—239. 

Handbuch der Physik, Bd. LII. 


aktive Sonnenflecken, active sunspots 354. 

Aktivierung von Filamenten, activation of 
filaments 210. 

— stationarer Protuberanzen, of quiescent 
prominences 237—239. 

Aktivitatszentren, Spektrum, activity centres, 
spectrum 298—300. 

Aktivitatszentrum, Definition, centre of acti¬ 
vity, definition 183- 

—, Entwicklung eines'typischen, development 
of a typical 184—188. 

—, thermische Radiofrequenzstrahlung, ther¬ 
mal radio radiation 296—301. 

Aktivitatszonen der Korona, activity regions 
of the corona 189, 273—279. 

akustische Wellen in der Chromosphare und 
Korona, acoustic waves in the chromosphere 
and corona 149. 

Albedo von Mond und Merkur, albedo of 
Moon and Mercury 404. 

Alfv&ische Wellen in Protuberanzen, Alfven 
waves in prominences 248. 

Aller-Pierce-Modell, Aller-Pierce model 59. 

allgemeines Magnetfeld der Sonne, general 
magnetic field of the Sun 340—344. 

Altersbestimmungen von Meteoriten, age 
determinations of meteorites 564. 

Ammonium in den Atmospharen der groBen 
Planeten, ammonia in the atmospheres of 
the major planets 407, 410, 411. 

Anisotropie der Konvektionsbewegung, an¬ 
isotropy of convective motion 96. 

— im Turbulenzfeld, in the turbulent field 
116. 

anomale Schweife eines Kometen, sunward 
tails of a comet 467, 502—505. 

Anregung von Kometenspektren, excitation 
of cometary spectra 485—488. 

Anregungstemperatur, Boltzmannsche, Boltz¬ 
mann excitation temperature 47, 74. 

— der Chromosphare, of the chromosphere 141. 

Ansammlung von Meteorstaub, collection of 

meteoritic dust 532—533- 

Arizona-Expedition fiir Meteoruntersuchun- 
gen, Arizona meteor expedition 534. 

asteroidaler Ursprung der Meteore, asteroidal 
origin of meteors 519, 529, 530, 554, 556, 

559- 

Asteroide, asteroids 431, 432. 

—, Radio-Echos, radio echoes 462. 

Atlas von Kometenspektren, A Has of cometary 
spectra 4TJ. 
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Atmosphare der Erde, atmosphere of the Earth 
363, 366—383- 

— des Jupiter, of Jupiter 406—410. 

-— von Kometen, of comets 478—483. 

— des Mars, of Mars, 393—404. 

— des Merkur, of Mercury 404—406. 

— des Mondes, of the Moon 404—406. 

— des Neptun, of Neptune 406, 410—412. 

— des Pluto, of Pluto 412, 414. 

— der Satelliten der groBen Planeten, of the 
Satellites of major planets 412, 414. 

— des Saturn, of Saturn 406, 410. 

— der Sonne s. Chromosphare, Korona, 
Photosphare. 

— des Uranus, of Uranus 406, 410—412. 

— der Venus, of the Venus 383—393- 

atmospharische Storungen, atmospherics 351, 

352, 462. 

Atomniveaus, Besetzung, atomic levels, popu¬ 
lation 109—112. 

Attraktionszentrum in einer Protuberanz, 
centre of attraction in a protuberance 237. 

Auflosung von Filamenten, disappearance of 
filaments 210. 

Aufstiege eruptiver Protuberanzen, upward 
motion of eruptive prominences 240. 

Bahnelemente von Kometen, elements of the 
orbits of comets 469, 470. 

Bahnen von Meteoren, orbits of meteors 527 
bis 530. 

Baily-Perlen, Baily beads 106. 

Balmer-Kontinuum der unteren Chromo¬ 
sphare, Balmer continuum in the low chro¬ 
mosphere 119. 

Balmer-Linien der unteren Chromosphare, 
Balmer lines in the low chromosphere 120, 

121. 

Balmer-Linienprofile chromospharischer 
Eruptionen, Balmer line profiles of flares 
202. 

Balmer-Sprung, Balmer discontinuity 16. 

Bandbreiten von Bursts, band widths of bursts 
304. 

Bandemission von Kometen, band emission 
of comets 484, 487- 

Bandenspektren von Sonnenflecken, band 
spectra of sunspots 160. 

Beitragskurve der Linientiefe, contribution 
curve of the line depth 59—61. 

Beschleunigung der Schweifteilchen von Ko¬ 
meten durch solare Korpuskeln, accelera¬ 
tion of the tail particles of comets by solar 
corpuscles 507. 

Beschleunigungsmechanismus fur die von der 
Sonne emittierten Xeilchen, acceleration 
mechanism for particles emitted from the 
Sun 223. 

Besetzung von Atomniveaus, population of 
atomic levels 109—112. 

Bessel - Bredichin - Theorie der Kometen, 
Bessel-Bredikhin theory of comets 496, 
497- 

Bestandteile der Luft, constituents of the air 
367. 


Beugung von Radiowellen an Meteorkorpern, 
diffraction of radio waves at meteoroids 
536, 538. 

Bewegungen in Sonnenflecken, motions in 
sunspots 162—165 - 

Bewegung der Sonnenflecken innerhalb der 
Fleckengruppen, internal motion of sun¬ 
spots in spot groups 170- 

Bildung erdahnlicher Planeten, formation of 
terrestrial planets 364. 

bipolare Gruppen von Sonnenflecken, bipolar 
groups of sunspots 167- 

bipolare magnetische Zonen der Sonne, bi¬ 
polar magnetic regions of the Sun 181, 
185, 230, 248. 

— -, Bedeutung in der Entwicklung 

eines Aktivitatszentrums, role in the devel¬ 
opment of a centre of activity 184—185- 

Birchscher Homogenitatstest, Birch’s homo¬ 
geneity test 434. 

Bohmsches Modell, Bohm’s model 59. 

Bogen der Korona, arches of the corona 272, 
273, 281. 

Bolide, bolides 520, 527, 556—559. 

Boltzmannsche Anregungstemperatur, Boltz¬ 
mann excitation temperature 47, 74. 

Breitendrift der Sonnenflecken, latitude drift 
of sunspots 339- 

Breiteneffekt der kosmischen Strahlung, 
latitude effect of cosmic radiation 216, 220. 

Bremsgleichung fur Meteorkorper, drag equa¬ 
tion for meteoroids 521, 542. 

Bremskoeffizient eines Meteorkorpers, drag 
coefficient of a meteoroid 521, 542. 

Brewer-Effekt, Brewer effect 372, 376, 379, 
389, 398, 399- 

Bursts bei der solaren Radioemission, bursts 
in the solar radioemission 222, 286, 296, 
301, 302—308, 311—322. 

Cartes Synoptiques 186—187. 

Ca + -Spektroheliogramme, Ca + spectrohelio- 
grams 129—131. 

Centimeter-Bursts der solaren Radio-Emis¬ 
sion, centimetre bursts of the solar radio¬ 
emission 301. 

C-Gebiete der Korona, C regions of the 
corona 189. 

Chandrasekharsche Losung, Chandrasekhar’s 
solution 52. 

chemische Zusammensetzung der Erdatmo- 
sphare, chemical composition of the Earth's 
atmosphere 366—368. 

-— ■— der Marsatmosphare, of the Martian 
atmosphere 394—395- 

-der Sonne, of the Sun 40, 41. 

— — der Venusatmosphare, of the Venus at¬ 
mosphere 383—388. 

chondritische Steine, chondritic stones 562. 

Chromosphare (s. auch untere, mittlere und 
obere Chromosphare), chromosphere (see 
also low, medium, and upper chromosphere) 
106 — 150 . 

—, Emissionslinien, emission lines 106, 107, 
115, 144—148. 
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Chromosphare am Rand, chromosphere at the 
limb 106—124. 

— auf der Scheibe, on the disk 124—135. 

—, Turbulenz, turbulence 112—116. 

—, Veranderung wahrend des Sonnenzyklus, 
variation during the solar cycle 330. 

Chromospharenmodelle, chromosphere models 
139, 140, 142. 

chromospharische Emissionshohen der 

Fraunhofer-Linien, chromospheric heights 
of emission of Fraunhofer lines 124—126. 

chromospharische Eruptionen (flares) s. 
Eruptionen. 

chromospharische Fackeln, GroBe und Le- 
bensdauer, chromospheric faculae, size and 
life time 177—179. 

— —. Spektren und T^mperaturen, spectra 
and temperatures 179—181. 

chromospharische Massenbewegung, chromos¬ 
pheric mass motion 112—116. 

chromospharische Oberf lachenhelligkeit, chro¬ 
mospheric surface brightness 106, 108. 

chromospharische Spiculen, chromospheric 
spicules 108, 109, 112, 113, 114, 123. 

chromospharische Stabilitatszonen, chromos¬ 
pheric stability regions 151. 

Clairautsche Gleichung, Clairaut’s equation 
422. 

CN-Banden in Kometen, CN bands in comets 
487- 

Cohenit, cohenite 560. 

Crochets 350, 351. 

Dampfungseinbruch in kosmischen Radio- 
Wellen, sudden cosmic noise absorption 350. 

Dampfungs- und Doppler-Verbreiterung, 
kombinierte, combined damping and Dopp¬ 
ler broadening 50. 

Dampfungsverbreiterung im Sonnenspek- 
trum, damping broadening in the solar 
spectrum 46, 48, 49. 

Dauer eines Meteorstromes, duration of a 
meteor stream 547. 

detonierende Feuerkugeln s. Bolide, detonat¬ 
ing fire balls see bolides. 

Deuterium in chromospharischen Eruptionen, 
deuterium in flares 208. 

Dichte erdahnlicher Planeten, density of ter¬ 
restrial planets 437. 

— der Erdatmosphare, of the Earth's atmos¬ 
phere 368, 373- 

— des Erdinnern, of the Earth’s interior 432 
434. 

— jupiterahnlicher Planeten, ofjovian planets 
445, 446, 447- 

— meteoritischen Materials im Raume, of 
meteoritic material in space 531. 

— eines Meteorkorpers, of a meteoroid 531, 
542, 544, 554. 

— der mittleren Chromosphare, of the me¬ 
dium chromosphere 122—124, 140. 

— von Planeten beim Druck Null, of planets 
at zero pressure 439, 440. 

— der unteren Chromosphare, of the low 
chromosphere 118—122, 140. 


Dichteschwankungen in der Photosphare, den¬ 
sity fluctuations in the photosphere 86—92. 
Diffusion in der Erdatmosphare, diffusion in 
the Earth’s atmosphere 376. 

Dissoziation von Stickstoff und Sauerstoff 
in der Erdatmosphare, dissociation of 
nitrogen and oxygen in the Earth’s atmos¬ 
phere 370. 

D-Linien von Natrium im Sonnenspektrum, 
D lines of sodium in the solar spectrum 53, 54. 

, Zentralintensitaten, central intensities 75. 
Doppler-Breite metallischer Fraunhofer-Li¬ 
nien, Doppler width of metallic Fraunhofer 
lines 48. 

Doppler-Effekt bei Radio-Echos, Doppler 
effect in radio echoes 451, 455—456, 459. 
Doppler- und Dampfungsverbreiterung, kom¬ 
binierte, combined Doppler and damping 
broadening 50. 

Doppler-Verbreiterung der Fraunhofer-Li¬ 
nien, Doppler broadening of the Fraunhofer 
lines 46, 48, 65. 

— bei Stormbursts, in stormbursts 317. 
Doppler-Verschiebung, lokale, local Doppler 

shifts 67, 71—72. 

Dreistrom-Modell der Photosphare, three- 
stream model of the photosphere 72, 73, 88. 
Druck in den Atmospharen von Uranus und 
Neptun, pressure in the atmospheres of 
Uranus and Neptune 411. 

— in der Erdatmosphare, in the Earth’s 
atmosphere 368, 369, 373. 

— im Erdinneren, in the Earth’s interior 434. 

— auf der Mondoberflache, on the lunar 
surface 406. 

— an der Oberflache des Mars, at the sur¬ 
face of Mars 393—394. 

Druck-Dichte-Beziehung planetarischer Ma- 
terie, pressure-density relation of planet¬ 
ary matter 434, 440, 444, 447. 
Druckgleichheit zwischen Korona und Pro- 
tuberanzen, pressure equality between co¬ 
rona and prominences 244. 
Druckverbreiterung der Fraunhofer-Linien, 
pressure broadening of the Fraunhofer lines 
46, 49- 

D-Schicht der Ionosphare, D layer of the 
ionosphere 347, 350—354. 
dunkle Hemisphare der Venus, dark hemis¬ 
phere of Venus 391. 
dunkle Surges, dark surges 244. 
Durchdringung der Erdatmosphare, trans¬ 
mission of the Earth’s atmosphere 345. 
dynamische Elliptizitat eines Planeten, dy¬ 
namical ellipticity of a planet 427. 
dynamische Spektren, dynamic spectra 309- 
Dynamostrom, dynamo current 351. 

Eddington-Barbiersche Beziehung, Edding- 
ton-Barbier relations 20, 21, 31. 
effektive Temperatur der Sonnenfleckeh, 
effective temperature of sunspots 157. 
effektive Ursprungsschicht photospharischer 
Linien, effective level of origin of photo- 
spheric lines 61. 
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Eigenschaften der Erdatmosphare, proper¬ 
ties of the terrestrial atmosphere 369- 

— von Planeten, Leben ermoglichend, of 
planets, life enabling 382. 

Einsatz der kosmischen Strahlung, onset of 
cosmic radiation 218, 219- 

Einstromen von Meteoren in die Atmo¬ 
sphare, influx of meteors in the atmosphere 
548. 

Eisenkern der Erde, iron core of the Earth 
432, 440. 

Eismodell der Kometenkerne, icy conglome¬ 
rate model of cometary nuclei 494. 

elektrische Leitfahigkeit der solaren Kon- 
vektionszone, electrical conductivity of the 
solar convection zone 103- 

Elektronendichten in der Korona, electron 
densities on the corona 265, 266, 271. 

Elektronenkorona, electron corona 250. 

Elektronentemperatur in der Photosphare, 
electron temperature in the photosphere 22, 
23, 32. 

elementarer Sauerstoff in der Erdatmosphare, 
elementary oxygen in the Earth’s atmos¬ 
phere 379- 

Elementverlust aus den Planetenatmospha- 
ren, element loss from planetary atmosphe¬ 
res 363, 364, 375—379, 392—393, 400 bis 
403, 405—406,-414. 

Ellermansche Bomben, Ellerman bombs 206 
bis 207. 

EUiptizitat der Korona, ellipticity of the 
corona 253, 254. 

— eines Planeten, of a planet 427. 

Emdensche Gleichung, Emden equation 422. 

Emissionshohen der Fraunhofer-Linien, emis¬ 
sion heights of Fraunhofer lines 124—126. 

Emissionskoeffizient der Photosphare, emis¬ 
sion coefficient of the photosphere 43 ■ 

Emissionslinien der Chromosphare, emission 
lines of the chromosphere 106, 107, It5, 
144—148. 

— der Korona, of the corona 256, 259—261. 

Empfangerrauschen bei Radio-Echos, recei¬ 
ver noise in radio echoes 450. 

empirisches Modell der Chromosphare, em¬ 
pirical model of the chromosphere 139—143. 

empirisches Sonnenmodell von Aller und 
Pierce, empirical solar model of A Her and 
Pierce 58. 

Enckescher Komet, Encke’s comet 476, 546 
bis 547, 554. 

Endgeschwindigkeit eines Meteors, terminal 
velocity of a meteor 527, 532. 

Energietransport innerhalb der Erdatmo¬ 
sphare, energy transfer within the Earth’s 
atmosphere 373—375- 

Energieverlust durch die Erdatmosphare, 
energy loss by the Earth's atmosphere 368. 

Energieverteilung im Sonnenspektrum, en¬ 
ergy distribution in the solar spectrum 1, 
13—18. 

Energiezerstreuung in der Chromosphare und 
Korona, energy dissipation in the chro¬ 
mosphere and corona 150. 


Energiezufuhr der Protuberanzen, support 
of prominences 247- 

Entstehung chromospharischer Eruptionen, 
origin of flares 221—222. 

— der Erdatmosphare, of the Earth’s atmos¬ 
phere 379—382. 

.— des Lebens auf der Erde, of life on the 
Earth 382—383- 

— der Marsatmosphare, of the Martian atmos¬ 
phere 403—404- 

— stationarer Protuberanzen, of quiescent 
prominences 228—230, 244—248. 

— der Venusatmosphare, of the Venus atmos¬ 
phere 393. 

Entweichen der Atmosphare der Jupiter- 
trabanten, escape of atmosphere from the 
Satellites of Jupiter 414. 

Entweichen von Gasen aus der Erdatmo¬ 
sphare, escape of gases from the Earth’s 
atmosphere 364, 375—379- 

— — aus der Marsatmosphare, from the Mar¬ 
tian atmosphere 400—403- 

— — von Mond und Merkur, from Moon 
and Mercury 405—406. 

— — aus der Venusatmosphare, from the 
Venus atmosphere 392—393- 

Entweichschicht, Definition, escape layer, 
definition 375- 

Entweichstrom, escape current 377. 

Entwicklung der Erdatmosphare, evolution 
of the Earth's atmosphere 379—382. 

— der Marsatmosphare, of the Martian atmos¬ 
phere 403—404. 

— stationarer Protuberanzen, of quiescent 
prominences 229- 

— der Venusatmosphare, of the Venus atmos¬ 
phere 393. 

Erde, Alter, Earth, age 380. 

—, Dichte und Druck, density and pressure 
432, 434. 

—, Kern, core 432, 440. 

—, Modelle des Erdinnern, models of the 
interior 432—435- 

—, urspriingliche Atmosphare, primitive at¬ 
mosphere 380. 

erdahnliche Planeten, Atmospharen, terre¬ 
strial planets, atmospheres 363, 366—383- 

— —, Inneres, interior 431, 432—440. 

— —, Massen und Durchmesser, masses and 
diameters 437- 

Erdatmosphare, Earth's atmosphere 363, 366 
bis 383- 

-—, chemische Zusammensetzung, chemical 
composition 366—368. 

—, Dichte, Druck, Temperatur, density, 
pressure, temperature 368, 369, 374. 

—, Entstehung, origin 379—382. 

—, Entweichen von Wasserstoff und Helium, 
escape of hydrogen and helium 375 bis 
379- 

erdmagnetische Storungen, Beziehung zu 
Sonnenflecken, geomagnetic disturbances, 
relation to sunspots 190. 

erdmagnetischer Sturm, geomagnetic storm 
354, 355- 
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erdmagnetischer Sturm mit pliitzlichem Aus- 
bruch, geomagnetic sudden commencement 
storm 354- 

Erdradius, Bestimmung aus Echos vom 
Mond, radius of the Earth, determination 
from echoes from the Moon 459- 
erhohte Radiointensitat der Sonne, enhanced 
radio intensity of the Sun 286, 308, 315, 
316, 320. 

Eruptionen, chromospharische, flares 191 bis 
224, 278. 

—, —, Bedeutung in der Entwicklung eines 
Aktivitatszentrums, role in the develop¬ 
ment of a centre of activity 184—185. 

—, —, Beziehung zu Fackeln und Flecken, 
relation to faculae and spots 194. 

—, —, Effekte in der Erdatmosphare, effects 
in the Earth’s atmosphere 350—354. 

—, —, EinfluG auf Filamente und Protu- 
beranzen, influence on filaments and pro¬ 
minences 210. 

—, —, Entstehung, origin 221—222. 

—, —, H a -Profile, H^profiles 200, 202—205. 
—, —, Klassifikation, classification 192. 

—, —, kontinuierliche Spektren, continuous 
spectra 206—208. 

—, —, Modell, model 205. 

—, —, und Teilchenemission, and particle 
emission 354—359. 

—, —, im Zusammenhang mit Radiophano- 
menen, in connection with radiopheno¬ 
mena 308—322. 

Eruptionenindikator, flare indicator 352. 
eruptionsartige Fackeln, flare-like faculae 
210, 211, 240. 

Eruptionseffekt, erdmagnetischer, flare ef¬ 
fect in geomagnetism 350, 351. 
Eruptionsfilamente, flare-filaments 210, 212, 
214. 

Eruptionshypothese des Sonnenzyklus, erup¬ 
tion hypothesis of the solar cycle 325. 
Eruptionsspektren, flare spectra 199—210. 
Eruptionssturm, flare storm 356. 
eruptive Protuberanzen, eruptive prominen¬ 
ces 225, 239—241. 

£-Schicht der Ionosphare, E region of the 
ionosphere 346, 349. 

Evershed-Effekt, Ever shed effect 162—164. 
explodierende Planeten, exploding planets 
423. 

Fackeln (s. auch chromospharische und 
photospharische Fackeln), faculae (see 
also chromospheric and photospheric fa¬ 
culae) 173—190, 287- 

—, Bedeutung bei der Entwicklung eines 
Aktivitatszentrums, rcle in the develop¬ 
ment of a centre of activity 184—185- 
—, H a -Profile, profiles 200. 
Fackelgranulen, facular granules 175- 
Fackelspektren, facular spectra 179—181. 
Fackelzone, Modell, facular region, model 176, 

177. 

Farbe der Jupiteratmosphare, color of the 
Jupiter atmosphere 408. 


Farbe der Venusatmosphare, color of the Venus 
atmosphere 388. 

Farbindex der Venus, color index of Venus 

386. 

,,Fenster“ in der Erdatmosphare, “ win¬ 
dows ” in the Earth's atmosphere 15, 36, 
37. 

Fermi-Gas, Fermi gas 19, 435. 

feste Teilchen in der Korona, solid particles 
in the corona 266. 

fester Wasserstoff und Helium, solid hydro¬ 
gen and helium 441, 443, 444. 

Feuerkugeln, fireballs 519, 520, 527, 556 bis 
557- 

Filamente, filaments 224—248. 

—, Aktivierung durch chromospharische 
Eruptionen, activation by flares 210. 

—, Aufstiege, upward motion 240. 

—, Bedeutung in der Entwicklung eines 
Aktivitatszentrums, r : le in the develop¬ 
ment of a centre of activity 184—185- 

—, Entstehung, origin 229, 230. 

—, H a -Profile, H a profiles 200. 

—, Klassifikation, classification 225- 

—, Polwarts-Bewegungen, poleward motions 
181, 231. 

Filamentauflosung, disappearance of filaments 
210 . 

Filtergramme, filtergrams 134, 140. 

Finsternisbeobachtungen der Scheibenver- 
teilung, eclipse observations of the disk 
distribution 290, 296. 

Fischgraten-Strukturen der solaren Radio- 
frequenzstrahlung, herring-bone structu¬ 
res of the solar radio-radiation 305- 

E-Komponente der Korona, F corona 249, 
250—256. 

flare surges 211—214, 222. 

Flashspektrum der Sonne, flash spectrum of 
the Sun 106, 107, 115, 123. 

Fleckengruppen, magnetische Klassifikation, 
spot groups, magnetic classification 166 bis 
167. 

—, Zerfallszeiten, decay times 167. 

Flecken-Protuberanzen, spot prominences 225, 
241—244, 245. 

Fleckenzonen, Messungen, spot areas, meas¬ 
urements 322. 

Fluoreszenz-Effekte bei Fraunhofer-Linien, 
fluorescence effects in Fraunhofer lines 
75- 

FluB an der Oberflache der Sonne, flux at 
the surface of the Sun 22. 

FluBdichte der Sonne, flux density of the 
Sun 286. 

Fluthypothese der Mondentstehung, tidal 
origin of the Moon 424. 

Formfaktor eines Meteorkorpers, shape factor 
of a meteorid 521, 542. 

Fraktionierung der Elemente durch Ent- 
weichen aus den Planetenatmospharen, 
fractionation of elements by escape from 
planetary atmospheres 363, 364. 

Fraunhofer-Korona, Fraunhofer corona 530, 

531- 
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Fraunhofer-Linien, Beobachtungen, Fraun¬ 
hofer lines, observational 36—42. 

—, Berechnung der Linienprofile, calculation 
of line profiles 51, 56, 58—59. 

—, Identifizierung, identification 40—42. 

—, Umkehrung der Linienmitte, central re¬ 
versals 76 . 

-—, Verbreiterung und Verschiebungen nach 
dem inhomogenen Modell, widening and 
displacements in the inhomogeneous model 
89—92. 

-—, Zentralintensitaten, central intensities 75 
bis 77 . 

Fraunhofer-Spektrum, Benutzung schwacher 
Linien zur Analyse, Fraunhofer spectrum, 
use of faint lines for analyse 55 . 

Fresnelsche Beugungserscheinung an Me- 
teorkorpern, Fresnel diffraction at me¬ 
teoroids 536, 538. 

F-Schicht der Ionosphare, F region of the 
ionosphere 346, 349, 350, 453, 454. 

Gasschweif eines Kometen, gaseous tail of a 
comet 467 . 

GauBsche Verteilung atomarer Geschwindig- 
keiten, Gaussian distribution of atomic 
velocities 48. 

Gefrierpunkt desMars, frost point of Mars 395 . 

Gegenschein 462, 531. 

Geminiden, Dichte der Meteorkorper, Ge¬ 
mini d meteoroid densities 554 . 

Geminiden-Meteorstrom, Geminid meteor 
stream 52 $, 533, 545—547, 554. 

—, Lichtausbeute, luminous efficiency 554. 

Geomagnetismus s. Erdmagnetismus. 

Geschwindigkeiten von Meteoren, velocities 
of meteors 527 —532, 557—558. 

— der von der Sonne emittierten Teilchen, 
of particles emitted from the Sun 222—224. 

gestorte Korona, disturbed corona 271 — 283 . 

Gewichtsfunktionen fiir die Schichtung der 
Sonnenatmosphare, weighting functions 
for the stratification of the solar atmosphere 
55, 56 , 59- 

Gleichgewichtsdruck von Kohlendioxyd, 
equilibrium pressure of carbon dioxide 365 - 

Granula, Durchmesser, granules, diameter 82 , 
85, 98, 99- 

—, Helligkeit, brightness 82, 85- 

—, Lebensdauer, life time 83. 

—, Mitte-Rand-Variation, centre-limb varia¬ 
tion 83, 88 . 

—, Radialgeschwindigkeiten, radial veloci¬ 
ties 83—86. 

— der Umbra und Penumbra, umbral and 
penumbral 151, 153 - 

Granulation der Sonnenoberflache, granula¬ 
tion, solar 13, 19, 30, 31, 67, 80—86- 

Grenzhelligkeit von Meteoren, limiting mag¬ 
nitude of meteors 528 . 

groBe Planeten, Atmosphare, major planets, 
atmosphere 406—414. 

Gruppen von Sonnenflecken, s. Flecken- 
gruppen. 

Gyrofrequenz, gyro frequency 286 , 314. 


Haufigkeit von Meteoren, occurrence rate of 
meteors 535- 

Haufigkeitsbestimmung von Elementen auf 
der Sonne, abundance determination of 
elements in the Sun 61, 64— 65 . 

Haufigkeitsliicken leichter Kerne auf der 
Sonne, abundance deficiencies of light 
nuclei in the Sun 342. 

Halbachsen, groBe, der Kometen, semi-major 
axes of comets 512 . 

Halleyscher Komet, Halley's comet 466, 473- 

H a -Spektren chromospharischer Eruptionen, 
H a spectra of flares 199 —205- 

— von Surges, of surges 212—214. 

H a -Spektroheliogramme, H x spectrohelio- 

grams 131—13 5. 

harte Komponente der kosmischen Strahlung, 
hard component of cosmic radiation 215 - 

Harvard-Programm zur Photographie von 
Meteoren, Harvard Program of meteor 
photography 539. 541. 

Heiligenschein 531. 

heiBe Gebiete in der Korona, hot regions in 
the corona 263- 

Heizungsmechanismus der Chromosphare, 
heating of the chromosphere 149—151- 

— der Korona, heating of the corona 149 to 
151, 281. 

Helium, Entweichen aus der Erdatmosphare, 
helium escape from the Earth's atmosphere 
375—379- 

—-, festes, solid 441, 443, 444. 

—, physikalische Eigenschaften unter hohen 
Drucken, physical properties under high 
pressure 441—445- 

—, Sonnenmodelle mit, solar models with 28. 

Helium-Linien der mittleren Chromosphare, 
helium lines of the medium chromosphere 
123, 129 . 

Heliumniveaus, Besetzung, helium levels, 
population 109—112. 

heller Ring von Sonnenflecken, bright ring 
of sunspots 152 , 158. 

Helligkeit der Granula, brightness of granules 
82, 85- 

— des Jupiter, Beziehung zur Sonnenflek- 
kenzahl, of Jupiter, relation to sunspot 
number 408- 

Helligkeiten von Kometen, brightness of 
comets 468, 469- 

Helligkeitsfluktuationen von Kometen, fluc¬ 
tuation of the brightness of comets 469 . 

Helligkeitsmaxima der Korona, brightness 
maxima of the corona 272. 

Helligkeitstemperatur der Sonne, brightness 
temperature of the Sun 286, 289. 

Helligkeitsverteilung der ruhigen Sonne, 
brightness distribution of the quiet Sun 292 , 
293- 

//-1 .in ien des Call im Sonnenspektrum, 
H lines of Call in the solar spectrum 76 . 

Hohe von Meteoren, heights of meteors 535 . 

Hohenstrahlung s. kosmische Strahlung. 

Holtsmarksche Theorie, Holtsmark theory 49, 
50. 
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hydromagnetische Wellen in Protuberanzen, 
hydromagnetic waves in prominences 248. 

hydrostatisches Gleichgewicht, Anwendung 
auf kalte Korper, hydrostatic equilibrium, 
application to cold bodies 420. 429. 

Hyperbelbahnen von Meteorkorpern, hyper¬ 
bolic meteor orbits 550. 

Identifizierung der Fraunhofer-Linien, iden¬ 
tification of Fraunhofer lines 40—42. 

inhomogene Modelle der Photosphare, in¬ 
homogeneous models of the photosphere 31, 
78, 86, 87—92, 105. 

-—, Vergleich verschiedener Modelle, 

comparison of various models 92. 

Inhomogenitaten in der Photosphare, in¬ 
homogeneities in the photosphere 66—71, 
86—92- 

inkoharente Streuung in der Photosphare, 
non-coherent scattering in the photosphere 
45—47, 53—54, 75- 

-—, Nachpriifungen durch Beobach- 

tungen, observational tests 53—54. 

innere Zirkulation der Sonne, internal circu¬ 
lation of the Sun 342. 

Inneres der Erde, interior of the Earth 434. 

— des Jupiter, of Jupiter 446. 

— des Mars, of Mars 439. 

— des Merkur, of Mercury 438. 

— des Neptun, of Neptune 448. 

— des Saturn, of Saturn 446. 

— des Uranus, of Uranus 448. 

— der Venus, of Venus 439. 

instabile Schicht in der Photosphare, un¬ 
stable layer in the photosphere 30. 

Instabilitat von Planeten, instability of pla¬ 
nets 423- 

Intensitaten der Fraunhofer-Linien, inten¬ 
sities of the Fraunhofer lines 75—77. 

Intensitatsmessungen des Sonnenkontinu- 
ums, intensity measurements of the solar 
continuum 16, 17. 

Intensitatsprofile von Sonnenflecken, in¬ 
tensity profile of sunspots 157. 

Interferometerbeobachtungen der Sonne, in¬ 
terferometer observations of the Sun 290, 
291, 297- 

interstellarer Ursprung der Kometen, inter¬ 
stellar origin of comets 510. 

-der Meteore, of meteors 519, 538, 554. 

Ionisation in der Korona, ionization in the 
corona 257—259- 

Ionisierung der Luft durch Meteorkorper, 
ionization of the air by meteoroids 522, 526. 

— von Wasserstoff in der Sonnenatmospha- 
re, of hydrogen in the solar atmosphere 29. 

Ionisierungsenergie der isoelektronischen Se- 
rien, ionization energy of the isoelectronic 
sequences 258. 

Ionisierungsformel von Woolley und Allen, 
ionization formula by Woolley and Allen 
145. 

Ionisierungstemperatur der Chromosphare, 
ionization temperature of the chromosphere 

141. 


Ionosphare, Absorptionsquerschnitt, ionos¬ 
phere, absorption cross section 347. 

—, F 2 -Schicht, F 2 region 453, 454. 

— wahrend Sonnenfinsternissen, during solar 
eclipses 348—350. 

Ionospharenschichten der Erde, ionospheric 
layers of the Earth 344—348, 453, 454. 

Ionospharenstorungen, ionospheric disturb¬ 
ances 350—362. 

ionospharischer Schwund, ionospheric fade 
outs 351. 

isoelektronische Serien, Ionisierungsenergie, 
isoelectronic sequences, ionization energy 
258. 

Isorotation 342. 

Jeffreysche Ungleichung, Jeffrey’s inequality 
430. 

Jupiter, Atmosphare, Jupiter, atmosphere 
406—410. 

—, EinfluB auf Meteore, effect on meteors 529, 
530, 548. . 

—, Inneres, interior 445—448. 

jupiterahnliche Planeten, Jovian planets 431, 
440—448. 

— —, Druck und Dichte, pressure and densi¬ 
ty 446, 447. 

— —, Modelle, models 445—448. 

kalte Korper, Masse-Radius-Beziehung, cold 
bodies, mass-radius relation 420—431. 

Kataloge der Kometen, catalogues of comets 
473- 

Kern eines Kometen, nucleus of a comet 465, 
491—495- 

— eines Sonnenflecks s. Umbra. 

Kerne von Planeten, Instabilitat, cores of 
planets, instability 423. 

Kirchhoffsches Gesetz, Kirchhoff's law 44, 
284. 

Kirsci\kerntheorie, melon seed theory 223. 

K-Komponente der Korona, K corona 249, 
250—256, 265. 

Af-Kriterium von Whipple, K criterion of 
Whipple 555—556. 

Klassifikation chromospharischer Eruptio- 
nen, classification of flares 192. 

— von Filamenten, of filaments 225. 

— von Fleckengruppen, of spot groups 166 
bis 167. 

— von Planeten, of planets 431- 

— von Protuberanzen, of prominences 225- 

kleine Kerne von Planeten, Instabilitat, small 

cores of planets, instability 423. 

kleine Planeten, minor planets 431, 432. 

K-Linie von Ca + im Sonnenspektrum, K line 
of Ca + in the solar system 53- 

K-Linien des Call im Sonnenspektrum, 
K lines of Call in the solar spectrum 76- 

Knoten-Protuberanzen, knot prominences 
225, 242, 243- 

koharente Streuung in der Photosphare, co¬ 
herent scattering in the photosphere 43, 75- 

— — —, kombiniert mit Absorption, com¬ 
bined with absorption 44—45- 
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Kohlebogenstandard, carbon arc standard 14, 
16 . 

Kohlendioxyd, Gleichgewichtsdruck, carbon 
dioxide, equilibrium pressure 365- 

— in der Marsatmosphare, in the Martian 
atmosphdre 394- 

-— und -monoxyd in der Venusatmosphare, 
and monoxide in the atmosphere of Venus 
383. 

Koma eines Kometen, coma of a comet 465- 

— eines Meteors, of a meteor 526, 537- 
Komet Arend-Roland, Comet Arend-Roland 

503- 

— Brooks 1889 V 474. 

— Cunningham (1940c) 478, 479. 

— Daniel 469 . 

— Delavan 471 . 

— Donati 469 , 499. 

- Encke 476, 546—547, 554. 

— Halley 466, 473. 

— Morehouse 467, 484, 502. 

— Mrkos 467, 481, 482, 483, 513, 514, 515- 

— September 1882 II 474, 499- 
kometarischer Ursprung der Meteore, co¬ 
metary origin of meteors 519 , 529—530, 
554, 559- 

Kometen, Bahnen, comets, orbits 469—476. 
—, Entdeckungen, discoveries 465. 

—, Formen, shapes 465—469, 496—509. 

•—, Helligkeit, brightness 468, 469. 

—, Kosmogonie, cosmogony 509—518. 

—, Perioden, periods 470, 471, 511, 516. 

—, Spektren, spectra 477—495- 
Kometengruppen, comet groups 474. 
Kometenkerne, cometary nuclei 465, 491 bis 
495- 

Kometenkopfe, comet heads 465, 497, 498. 
Kometenschweife, comet tails 467—468, 500 
bis 501, 506, 507. 

Kommunikation zwischen zwei Punkten auf 
der Erde iiber den Mond, communication 
between two points on the Earth via the 
Moon 454, 459. 

Kondensation, koronale, coronal condensa¬ 
tion 189, 209. 

Kondensationsmechanismus der Protuberan- 
zen, condensation mechanism of the pro¬ 
minences 245. 

Konstitution der Kometenkerne, constitution 
of cometary nuclei 491—495- 
kontinuierliche Emission am Sonnenrand, 
continuous emission at the Sun's limb 
117, 119- 

kontinuierliche Korpuskularstrahlung von 
der Sonne, continuous corpuscular radia¬ 
tion from the Sun 362 . 

kontinuierlicher Absorptionskoeffizient der 
Photosphare, continuous absorption coeffi¬ 
cient of the photosphere 23—26, 42, 47. 
kontinuierlicher Emissionskoeffizient der 
Photosphare, continuous emission coeffi¬ 
cient of the photosphere 45- 
kontinuierliches Spektrum chromosphari- 
scher Eruptionen, continuous spectrum of 
flares 206—208. 


kontinuierliches Spektrum der Korona, con¬ 
tinuous spectrum of the corona 250—256. 

— — der Photosphare, of the photosphere 
1 ff. 

— — der Sonnenflecken, of sun spots 157- 

— — stationarer Protuberanzen, of quiescent 
prominences 235—237- 

Kontinuumsquellfunktion, continuum source 
function 47, 51- 

Konvektion, Modellphotosphare mit, model 
photosphere with convection 104—105. 

— in der Sonnenatmosphare, convection in 
the solar atmosphere 98 — 105 - 

— in Sonnenflecken, verhindert durch ein 
Magnetfeld, convection in sunspots, in¬ 
hibited by a magnetic field 172 , 173 . 

Konvektionsbewegung, anisotrope, aniso¬ 
tropic convective motion 96 . 

Konvektionszone der Sonne, obere Grenze, 
convection zone of the Sun, upper limit 
102—103- 

— —, Theorie, theory 98—102. 

Kopf eines Kometen, head of a comet 465, 
497, 498. 

Korona, corona 248—322. 

—, Aktivitatszonen, activity regions 189 , 
273—279, 301. 

—, Bedeutung in der Entwicklung eines Ak- 
tivitatszentrums, role in the development 
of a centre of activity 184—185. 

—, Dichteanderung, density variation 265 bis 
266. 

—, Emissionslinien, emission lines 259—261. 

—, Heizungsmechanismus, heating 1 50 —151. 

—, Ionisation, ionization 257— 259 . 

—, Komponenten, components 249. 

—, Modell, model 271. 

—, Polarisation, polarization 255 . 

—, Reflexion von Radiowellen, reflection of 
radio waves 460 . 

—, Rontgenspektrum, x-ray spectrum 256 , 
261—264, 278. 

—, Temperaturen, temperatures 269—271. 

—, thermische Radiofrequenzstrahlung, ther¬ 
mal radio radiation 283—286. 

—, Veranderung wahrend des Sonnenzyklus, 
variation during the solar cycle 331 , 332 . 

Koronabogen, coronal arches 181, 272, 273, 
281. 

Korona-Elliptizitat wahrend des Sonnen¬ 
zyklus, coronal ellipticity during the solar 
cycle 333- 

Koronastrahlen, coronal rays 251, 272, 273, 
280—283- 

-—, coronal streamers 280—283 • 

Koronawolken, coronal clouds 242, 244. 

koronale Kondensationen, coronal condensa¬ 
tions 189, 209, 243, 257, 273, 276 bis 
279- 

— —, permanente, permanent 278. 

-, sporadische, sporadic 279 . 

Koronograph, coronograph 249. 

Korpuskularstrahlung von der Sonne, cor¬ 
puscular radiation from the Sun 222—224, 
354—362. 
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Korrekturen der beobachteten Randver- 
dunkelungskurven, corrections to observed 
limb darkening curves 6—12. 

Kosmogonie der Kometen, cosmogony of 
comets 509—518. 

kosmische Radio-Wellen, Dampfung, cosmic 
noise absorption 350. 

kosmische Strahlung von der Sonne, cosmic 
radiation from the Sun 215—221, 223, 322. 

Krebsnebel als Radioquelle, crab nebula as 
radio source 294. 

kurzperiodische Kometen, short period comets 
470, 516—518. 

Kurzwellen-Radio-Schwund, short wave radio 
fade-out 350, 351. 

Landdscher g-Faktor, Lande g-factor 154. 

Langleysche Methode zur Bestimmung der 
Solarkonstante, Langley’s method of deter¬ 
mining the solar constant 2. 

langperiodische Kometen, long period comets 
417. 511—516. 

langperiodische Schwankungen der Sonnen- 
aktivitat, long scale fluctuations of the 
solar activity 328—329. 

langperiodisches Fading bei Echos vom Mond, 
long-period fading in echoes from the Moon 
457, 458. 

langsam veranderliche Komponente der so- 
laren Radioemission, slowly varying com¬ 
ponent of the solar radioemission 286, 296 
bis 301. 

Laplacesches Gesetz, Laplace law 422. 

Laufzeiten der Teilchen von der Sonne, travel 
times of particles from the Sun 362. 

Leben auf dem Mars, life on Mars 403—404. 

— auf der Venus, on Venus 393. 

Lebensdauer chromospharischer Fackeln, 

life time of chromospheric faculae 178, 179- 

— von Fackelgranulen, of facular granules 
175- 

— der Granula, of granules 83- 

— der Magnetfelder der Flecken, of the 
magnetic fields of spots 171. 

Leitfahigkeit in der solaren Konvektionszone, 
conductivity in the solar convection zone 
102, 103- 

Lennard-Jones-Potential, Lennard-Jones po¬ 
tential 441. 

Lenzsches Gesetz, Lenz' law 221. 

Leoniden-Meteorschauer, Leonid meteor 
shower 534. 

Leuchtspur eines Meteors, train of a meteor 
526, 536, 539, 543, 544. 

-, Mitfiihrungsgeschwindigkeit, coasting 

velocity 534—544. 

Libration des Mondes, libration of the Moon 
454, 455- 

Lichtausbeute eines Meteors, luminous ef¬ 
ficiency of a meteor 522, 542, 554. 

I.ichtdruck in Kometenschweifen, light pres¬ 
sure in comet tails 506. 

Lichtgeschwindigkeit, Bestimmung aus Echos 
vom Mond, velocity of light, determination 
from echoes from the Moon 459- 


Lichtkurven chromospharischer Eruptionen, 
light curves of flares 198, 199. 

— von Meteoren, of meteors 523—524. 

linearer Stark-Effekt, linear Stark effect 49. 

Linienabsorptionskoeffizient in der Photo¬ 
sphare, line absorption coefficient in the 
photosphere 47, 50, 51- 

Linienemissionskoeffizient der Photosphare, 
line emission coefficient of the photosphere 
44. 

Linienintensivierung in Sonnenflecken-Spek- 
tren, line intensification in sunspot spectra 
159, 160. 

Linienprofile, Berechnung mit der Gewichts- 
funktionsmethode, line profiles, calcula¬ 
tion by the weighting function method 51, 
56, 58—59- 

— von Fackelspektren, of facular spectra 180. 

—, Information iiber Turbulenz, information 

on turbulence 95, 97. 

— nach dem inhomogenen Modell der Photo¬ 
sphare, according to the inhomogeneous 
model of the photosphere 86—89. 

— der Spiculen, of spicules 114. 

Linienspektrum der Chromosphare, line spec¬ 
trum of the chromosphere 106, 107, 115, 
144—148. 

— der Korona, of the corona 256, 259—261. 

— der Photosphare, of the photosphere 31, 33ff. 

— von Sonnenflecken, of sunspots 159. 

— stationiirer Protuberanzen, of quiescent 
prominences 232—235. 

Linienverbreiterung in Eruptionsspektren, 
line broadening in flare spectra 203, 204. 

Linienverbreiterungsmechanismus in der Son- 
nenatmosphare (s. auch Einzelheiten 
unter Doppler-, Druck-, statistische und 
StoBverbreiterung und unter Strahlungs- 
dampfung), line broadening mechanism in 
the solar atmosphere (see also special entries 
under collision, Doppler, pressure, and 
statistical broadening and under radiation 
damping) 48—51, 

L-Komponente der Korona, L corona 249, 
256—259, 273. 

lokale Doppler-Verschiebung, local Doppler 
shift 67, 71—72. 

— —, Asymmetrien, asymmetries 71—72. 

lokales thermodynamisches Gleichgewicht, 

local thermodynamic equilibrium 44, 108. 

— — —, Abweichungen von, deviations 
from 73 —75- 

Luft, Bestandteile, air, constituents 367. 

Ly a -Linie der Chromosphare, Ly a line of the 
chromosphere 146, 147- 

Magnetfeld von Fackeln, magnetic field of 
faculae 181—182. 

—, Konvektion verhinderndes, in Sonnen¬ 
flecken, inhibiting convection in sunspots 
172, 173- 

— der solaren Konvektionselemente, of the 
solar convection elements 103—104. 

— der Sonne, allgemeines, of the Sun, general 
340—344. 
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Magnetfeld in der Nahe der Pole, poloidal 
magnetic field of the Sun 181, 340. 

— der Sonnenflecken, magnetic field of sun¬ 
spots 152—157, 164, 171. 

magnetische Achsen der Sonne, magnetic 

axes of the Sun 341. 

magnetische Energie der Sonnenflecken, 
magnetic energy of sunspots 343- 
magnetische Gebiete der Sonne, magnetic 

regions of the Sun 181, 185, 190, 248. 
magnetische Karten der Sonne, magnetic 

mapping of the Sun 181. 
magnetische Klassifikation von Flecken- 

gruppen, magnetic classification of spot 
groups 166—167. 

magnetische Polaritat, Definition, magnetic 
polarity, definition 340. 
magnetische Stiirme, magnetic storms 190, 
222, 223, 354, 355- 

magnetische Verdampfung von Ionen und 
Elektronen in Sonnenflecken, magnetic 
evaporation of ions and electrons in sunspot 
173- 

magnetische Verkiirzung bei Sonnenflecken, 
magnetic foreshortening in sunspots 154- 
magnetischer FluB von Sonnenflecken, mag¬ 
netic flux of sunspots 167- 
Magnetoheliograph 154. 

magneto-ionischer Effekt in der Ionosphare, 
magneto-ionic effect in the ionosphere 457- 
magnetohydrodynamische StoBwellen in der 
Korona, magnetohydrodynamic shock wa¬ 
ves in the corona 306. 

Makroturbulenz aus den Linienprofilen, 
macroturbulence from line profiles 95. 
97- 

— in der Photosphare, in the photosphere 93 
bis 98. 

Makroturbulenzgeschwindigkeit, macro tur¬ 
bulent velocities 71- 

Mars, EinfluB auf Meteore, Mars, effect on 
meteors 529, 548. 

—, Modell des Inneren, model of interior 439. 
—, Radius, radius 399- 

Marsatmosphare, Martian atmosphere 393 bis 
404. 

—, chemische Zusammensetzung, chemical 
composition 394—395. 

—, Entstehung, origin 403—404. 

—, Entweichen von Gasen, escape of gases 
400—403. 

, Polarisierung, polarization 394, 397- 
—, Struktur, structure 398—400. 

—, Temperaturen, temperatures 395—396. 
Masse der Planeten (Tabelle), mass of the 
planets (table) 431. 

— der Venusatmosphare, of the Venus atmos¬ 
phere 391. 

Masse-Radius-Beziehung kalter Korper, mass- 
radius relation of cold bodies 420—431- 
Masse-Radius-Diagramm fur erdahnliche Pla¬ 
neten, mass-radius diagram for terrestrial 
planets 438. 

Massenaufsammlung durch die Korona, ac¬ 
cretion of matter by the corona 282. 


Massenbewegung in der Chromosphare, mass 
motion in the chromosphere 112—116. 

Massengleichgewicht der Sonne, mass balance 
of the Sun 282. 

Massengleichung fur Meteorkorper, mass equa¬ 
tion for meteoroids 521—522. 

Massenverlust von Meteorkorpern, ablation 
of meteoroids 519, 521, 527, 529, 532. 

maximaler Radius eines kalten Korpers, ma¬ 
ximum radius of a cold body 420. 

Maximalhohen chromospharischer Eruptio- 
nen, top heights of flares 192. 

Maximumkorona, maximum corona 252, 271 
bis 283. 

Meridionalstrome der Sonne, meridional cur¬ 
rents of the Sun 342, 343- 

Merkur, Albedo, Mercury, albedo 404. 

—, Atmosphare, atmosphere 404—406. 

—, Inneres, interior 438. 

metallische Phase von festem Helium, metal¬ 
lic phase of solid helium 443. 

— — von festem Wasserstoff, of solid hy¬ 
drogen 441, 443, 444. 

metallische Obergange fester Korper, metallic 
transitions of solids 435- 

metallisches Ammonium in Jupiter und Sa¬ 
turn, metallic ammonium in Jupiter and 
Saturn 448. 

Metallinien, Spektroheliogramme, metal line 
spectroheliograms 126—129- 

Metallinien der unteren Chromosphare, metal 
lines in the low chromosphere 121, 126 bis 
129- 

Meteorbahnen, meteor orbits 527—530. 

Meteore, Geschwindigkeiten, meteors, velocities 
527, 532, 557—558. 

—, Radianten, radiant points 534—537, 542, 
551—552. 

, Ursprung, origin 519, 529—530, 538, 554 
bis 559- 

meteorische Prozesse, Theorie, meteoric pro¬ 
cesses, theory 520—524. 

Meteorite, meteorites 431, 559, 564. 

—, Alter, age 564. 

—, Definition verschiedener Typen, defini¬ 
tions of different types 520. 

Meteorschauer, meteor showers 544—548. 

Meteorspektren, meteor spectra 524—527, 
537- 

Meteorstaub, meteoric dust 519, 530—534, 
559. 

Meteorsteinfalle, meteorite falls 557, 559. 

MeteorstrOme, meteor streams 544. 

—, Liste, list 545—546. 

Mie-Lennard- Jones-Potential, Mie-Lennard- 
Jones potential 441. 

Mikrometeorite, micrometeorites 520, 527, 

529, 530—533, 559- 

Mikroturbulenz aus den Linienprofilen, mi¬ 
croturbulence from line profiles 95, 97. 

— in der Photosphare, in the photosphere 93 
bis 98 

— in Sonnenflecken, in sun spots 160. 

— aus der Wachstumskurve, from curve of 
growth 95, 97. 
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Mikroturbulenzgeschwindigkeit, microturbu- 
lent velocities 71, 73, 90. 

Mills Cross 291. 

Milne-Eddingtonsches Modell, Milne-Edding- 
ton model 51, 62. 

Minimumkorona, minimum corona 252, 267, 
269- 

Minimumtemperatur des Mars, minimum tem¬ 
perature of Mars 399. 

Mitte-Rand-Untersuchungen der Fraunhofer- 
Linien, centre-limb studies of Fraunhofer 
lines 72—73. 

Mitte-Rand-Variation, centre-limb variation 
143, 147- 

— von Aktivitatszentren, of activity centres 
298—300. 

- der Granula, of the granules 83, 88. 

— bei der lokalen Doppler-Verschiebung, in 
the local Doppler shift 71. 

mittlere Chromosphare, Dichte, Spektrum, 
Temperatur, medium chromosphere, den¬ 
sity, spectrum, temperature 122—124. 

— —, Spektroheliogramme, spectrohelio- 
grams 129—131. 

mittlere Dichte der Erde, mean density of the 
Earth 432. 

-der Planeten (Tabellen), of the planets 

(tables) 431, 437. 

mittlere optische Tiefe, mean optical depth 97. 

Modell einer chromospharischen Eruption, 
model of a flare 205. 

— erdhhnlicher Planeten (Inneres), of ter¬ 
restrial planets (interior) 432, 433, 436 bis 
440. 

— der Erdatmosphare, of the Earth's atmo¬ 
sphere 369. 

— des Erdinnern, of the Earth’s interior 432 
bis 435- 

— jupiterahnlicher Planeten (Inneres), of 
fovian planets (interior) 445—448. 

— der Kometenkerne, of cometary nuclei 494. 

— der Korona, of the corona 271. 

— photospharischer Fackeln, of photospheric 
faculae 176, 177. 

— der Protuberanzen, of prominences 235. 
- eines typischen grolien Sonnenfleckens, 

of a typical large sunspot 164. 

— der Venusatmosphare, of the Venus atmos¬ 
phere 390—392. 

Modell-Chromospharen, model chromospheres 
139, 140, 142. 

Modell-Photospharen, model photospheres 26 
bis 31, 47, 59, 72, 73, 78, 86, 87—92, 104 
bis 105- 

Mogel-Dellinger-Effekt, Mogel-Dellinger ef¬ 
fect 350. 

Molekiilbanden im Sonnenspektrum, mole¬ 
cular bands in the solar spectrum 41, 42. 

Mond, Albedo, Moon, albedo 404. 

—, Atmosphare, atmosphere 404—406. 

, Fluthypothese der Entstehung, tidal 
origin 424. 

—Radio-Echos, radio echoes 452—460. 

monochromatische Randverdunklung, mono¬ 
chromatic limb darkening 1. 


,.moustaches" in Eruptionsspektren, “ mous¬ 
taches” in flare spectra 202, 207, 222, 223. 
M-Regionen der Sonne, M regions of the Sun 
190, 223. 

M-Regionen der Sonne und Teilchenemission, 
M regions of the Sun and particle emission 
359—362. 

.M-Sturme, M storms 359—362. 
multipolare Gruppen von Sonnenflecken, 
multipolar groups of sunspots 167. 
multipolare magnetische Zonen der Sonne, 
multipolar magnetic regions of the Sun 181. 

Nebel auf dem Merkur, haze on Mercury 404. 
Neigung der Achse von Fleckengruppen, in¬ 
clination of the axis of spot groups 169. 
Neptun, Atmosphare, Neptune, atmosphere 
406, 410—412. 

—, Zusammensetzung des Inneren, composi¬ 
tion of interior 448. 

Netzwerk, network 126, 129. 

— von Fackeln, of faculae 174, 178. 
Neumannsche Bander auf Meteoriten, Neu¬ 
mann bands on meteorites 560—561. 

Neuverteilung absorbierter Frequenzen, re¬ 
distribution of absorbed frequencies 46. 
nicht-spharische Symmetrie der Sonne, non- 
spherical symmetry of the Sun 148. 
nicht-thermische Radiofrequenzstrahlung der 
Sonne, non-thermal radio-radiation from 
the Sun 301—308. 

Nordlicht, aurora 357, 358. 
Nord-Siid-Asymmetrie von Fleckengruppen, 
North-South asymmetry of spot groups 166. 

obere Chromosphare, Spektroheliogramme, 
upper chromosphere, spectrohelio grams 131 
bis 135. 

Oberflachendichte eines Planeten, obere 
Grenze, surface density of a planet, upper 
limit 430. 

Oberflachendruck des Mars, surface pressure 
of Mars 393—394. 

Oberflachengefrierpunkt des Mars, surface 
frost point of Mars 395- 
Oberflachenhelligkeit der Chromosphare, sur¬ 
face brightness of the chromosphere 106, 
108. 

Oberflachenstruktur von Meteoriten, surface 
structure of meteorites 560—561. 
Oberflachentemperatur des Mars, surface 
temperature of Mars 395—396, 397. 

— der Venus, of Venus 391- 

optische Dicke der Chromosphare, optical 
thickness of the chromosphere 75. 
optische Tiefe, optical depth 42. 

— —, mittlere, mean 97. 
Ost-West-Asymmetrie von Fleckengruppen, 

East-West asymmetry of spot groups 167 bis 
170. 

Outbursts bei der solaren Radioemission, 
outbursts in the solar radioemission 286, 
302—303, 308, 311—315, 356. 
oxydierende Atmosphare, oxidizing atmos¬ 
phere 381. 
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Oxydierung in Planetenatmospharen, oxida¬ 
tion in planetary atmospheres 364, 365- 
Ozeane of dem Mars, oceans on Mars 404. 

— auf der Venus, on the Venus 387. 
Ozonschicht in der Erdatmosphare, Absorp¬ 
tion von Energie, ozone region in the 
Earth's atmosphere , absorption of energy 
317, 372. 

Pagelsches Modell, Pagel's model 32, 33. 
Penumbra von Sonnenflecken, penumbra of 
sunspots 151. 

Perioden der Kometen, periods of comets 470, 
471, 511, 516. 

permanente koronale Kondensationen, per¬ 
manent coronal condensations 189, 300. 
Perseiden-Meteorstrom, perseid meteor stream 
526, 545—547- 

Phasenanomalie zwischen Boden- und Raum- 
welle, phase anomaly between ground wave 
and sky wave 351, 353- 
Phaseniibergange fester Korper, phase tran¬ 
sitions of solids 435—436. 
Phasenumwandlungsdruck, phase transfor¬ 
mation pressure 443- 
Phasenverschiebungsverbreiterung der 

Fraunhofer-Linien, phase-shift broaden¬ 
ing of the Fraunhofer lines 47, 49. 
Photodissoziation und Photoionisation in 
Kometen, photodissociation and photo¬ 
ionization in comets 488—489. 
photographische Technik der Meteorbeob- 
achtungen, photographic meteor techni¬ 
ques 538—542. 

Photoionisation in der Korona, photo-ioniza¬ 
tion in the corona 257- 
Photorekombination in der Korona, photo 
recombination in the corona 257. 
Photosphare, Dichte, photosphere, density 86 
bis 92. 

—, inkoharente Streuung, incoherent scatter¬ 
ing 45—47, 53—54, 75- 
—, kontinuierlicher Absorptionskoeffizient, 
continuous absorption coefficient 23—26, 
42, 47- 

—, Linienverbreiterungsmechanismus, line 
broadening mechanism 48—51. 

—-, Temperaturen, temperatures 22, 23, 32, 
47, 86—92. 

—, Turbulenz, turbulence 93—98, 102, 103, 

104. 

Photospharenmodelle, photospheric models 26 
bis 31, 47, 59, 72, 78, 86. 87—92. 104 bis 

105. 

photospharische Fackeln, Ausbildung und 
Beziehung zu Sonnenflecken, photosphe¬ 
ric faculae, development and relation to 
sunspots 173 — 175 - 

— —, Modell, model 176, 177. 
photospharische Inhomogenitaten, photosphe¬ 
ric inhomogeneities 86—92. 

Physik der Kometen, physics of comets 477 
bis 495- 
pip 316. 

Plancksches Gesetz, Planck's law 47. 


planetarischer Ursprung der Kometen, pla¬ 
netary origin of comets 510. 

Planeten, Druck-Dichte-Beziehung, planets, 
pressure-density relation 434,440, 444, 447- 
—, Klassifikation, classification 431- 
—, Masse-Radius-Beziehung, mass-radius re¬ 
lation 420—431, 438. 

—, Radio-Echos, radio echoes 449, 460. 
Planetenatmosphare, Bestandteile (Tabelle), 
planetary atmospheres, constituents (table) 

413. 

— (Einzelheiten s. unter Erde, Jupiter, 
Mars, Venus usw.), (for special items see 
Earth, Jupiter, Mars, Venus etc.) 363 ff- 

Planetenkonstanten, planetary constants 365- 
Planetoide, minor planets 431, 432. 
Plaskettsches Modell, Plaskett’s model 30. 
Plasma, Emission thermischer Radiofre- 
quenzstrahlung, plasma, emission of ther¬ 
mal radio-radiation 283—286. 
Plasmafrequenz, plasma frequency 284. 
Plasmaschwingungen in der Korona, plasma 
oscillations in the corona 305- 
plotzliche Auflosungen von Protuberanzen, 
sudden disappearances of prominences 237, 
239- 

plotzlich ausbrechende erdmagnetische Stiir- 
me, sudden commencement storms 354. 
plotzliche Feldstarkenanomalien, sudden 
fieldstrength anomalies 3 51, 353- 
plotzliche Phasenanomalien, sudden phase 
anomalies 351, 353. 

plotzliche Verstarkung atmospharischer Sto- 
rungen, sudden enhancements of atmosphe¬ 
rics 351, 352. 

Pluto, Atmosphare, Pluto, atmosphere 412, 

414. 

polare Fackeln, polar faculae 177. 
polare Protuberanzen, polar prominences 225, 
230—231. 

Polarisation des Kometenlichts, polarization 
of the radiation of comets 489—491- 

— der Korona, of the corona 255- 

— der Marsatmosphare, of the Martian at¬ 
mosphere 394, 397. 

— von Outbursts, of outbursts 311—315- 

•— von Stormbursts, of stormbursts 318, 319. 

— der Venuswolken, of the clouds of Venus 
385, 386. 

Polaritat der Fleckengruppen, polarity of 
spot groups 328. 

Polaritatsgesetz der Sonnenflecken, polarity 
law of sunspots 166. 

Polarstrahlen der Korona, polar rays of the 
corona 177, 268. 

Polfedern der Korona, polar plumes of the 
corona 272. 

Polwarts-Bewegung der Filamente, poleward 
motion of filaments 181. 

— planetarischer Atmospharen, of planetary 
atmospheres 372, 392. 

— stationarer Protuberanzen, of quiescent 
prominences 230—231. 

polymorphe Ubergange fester Korper, poly¬ 
morphic transitions of solids 436. 
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Poynting-Robertson-Effekt, Poynting-Ro- 
bertson effect 530, 531, 548. 

Poynting-Vektor, Poynting vector 306. 

Prandtlsche Mischungslange, Prandtl's mix¬ 
ing length 98. 

Profile von Fackellinien, profiles of facular 
lines 180. 

— der Fraunhofer-Linien, of Fraunhofer 
lines 42—47, 56, 58—59, 75—77- 

— der Randstrahlung, of the limb radiation 
117, 118. 

Protuberanzen, prominences 224—248. 

—, Bedeutung bei der Entwicklung eines 
Aktivitatszentrums, rcle in the develop¬ 
ment of a centre of activity 184—185- 

—, Entstehung, origin 228—230, 244—248. 

—, H a -Profile, H a profiles 200. 

—, Hohen, heights 227. 

—, Klassifikation, classification 225. 

—, Modell, model 235- 

— wahrend des Sonnenzyklus, during the 
solar cycle 329, 330. 

—, Spektren, spectra 226, 232—237- 

—, Temperaturen, temperatures 232, 233. 

Pyrheliometer 2. 

quadratischer Stark-Effekt, quadratic Stark 
effect 49- 

Quellfunktion fur die Sonnenatmosphare, 
source function for the solar atmosphere 5, 
13, 19, 22, 42, 74, 75- 

Radargleichung, radar equation 449—4-50. 

Radar-GrdBenklassen der Meteore, radar 
magnitude of meteors 522. 

Radau-Darwinsche Naherung, Radau-Dar- 
win approximation 428, 430. 

Radausche Transformation, Radau’s trans¬ 
formation 427. 

Radialgeschwindigkeiten der Granula, radial 
velocities of granules 83—86. 

Radiant von Meteoren, radiant point of 
meteors 534, 536—537, 542. 

Radianten von Meteorstromen, Tabelle, ra¬ 
diants of meteor streams, table 545 bis 
546. 

Radianten-Bewegungen, radiant motions 547. 

Radiantenhaufung in der Nahe des Apex, der 
Sonne und des Antihelions, radiant points 
of meteors, concentration near apex, Sun 
and antihelion point 552. 

Radiantenverteilung von Meteorschwarmen, 
radiant distribution of stream meteors 537- 

— sporadischer Meteore, of sporadic meteors 
534—535, 537, 551—552. 

Radiationspunkt s. Radiant. 

radioaktive Isotope in Meteoriten, radioac¬ 
tive isotopes in meteorites 563- 

radioaktive Substanzen auf dem Jupiter, 
radioactive substances on Jupiter 409- 

Radio-Echos, radio echoes 449ff. 

—, Nachweisbedingung fur verschiedene 
Himmelskorper (Tabelle), conditions for 
detection for different astronomical bodies 
(table) 461. 

Handbuch der Physik, Bd. LII. 


Radioemission der Sonne, nicht-thermische, 
non-thermal radio emission from the Sun 
301—308. 

— —, thermische, thermal 283—286, 296 bis 

301 . 

Radiofrequenzstrahlung der Aktivitatszen- 
tren, radio thermal radiation from centres 
of activity 296—301. 

Radiokarten der Sonne, radiomaps of the Sun 

250 . 

Radiometeore, radio meteors 520, 527, 528. 

Radiophanomene, solare, im Zusammenhang 
mit chromospharischen Eruptionen, solar 
radio phenomena connected with flares 
308—322. 

Radiospektrum der Chromosphare, radio 
spectrum of the chromosphere 143—144. 

— der Korona, of the corona 283—286. 

— der ruhigen Sonne, of the quiet Sun 286 
bis 289. 

Radiotechnik der Meteorbeobachtungen, ra¬ 
dio meteor techniques 536—538. 

Radiowellen, Drehung der Polarisationsebene 
in der Ionosphare, radio waves, rotation 
of polarization plane in the ionosphere 457- 

Radius erdahnlicher Planeten, radius of 
terrestrial planets 437. 

— des Mars, of Mars 399. 

— der Planeten (Tabelle), of the planets 
(table) 431- 

Radius-Masse-Beziehung kalter Korper, ra¬ 
dius-mass relation of cold bodies 420-—431. 

Raketen, EinfluB von Meteorstaub, rockets, 
effect of meteoritic dust 531. 

Raketenbeobachtungen des Sonnenspek- 
trums, rocket observation of the solar spec¬ 
trum 118. 

Rand der Sonne, limb of the Sun 117—118. 

Randbeobachtungen der Chromosphare, limb 
observations of the chromosphere 108. 

Rand-Eruptionen, limb flares 193. 

Randverdunklung, Beobachtungen, limb dar¬ 
kening, observations 1, 5—6, 12—13, 18 
bis 22. 

—, Korrektur der beobachteten Kurven, 
correction to observed curves 6—12. 

Raumladungstrennung in der Korona, space 
charge separation in the corona 305- 

Rauschen, stiirmisches, noise storms 286, 302, 
308, 315—320, 354. 

Rayleigh-Jeanssches Gesetz, Rayleigh-Jeans 
law 284. 

reduzierte Korona-Aktivitat, reduced corona 
activity 191. 

reduzierte Protuberanz-Aktivitat, reduced 
prominence activity 191. 

Reemissionsmechanismus in der Sonnen¬ 
atmosphare, re-emission mechanism in the 
solar atmosphere 43—47. 

ReflexionsprozeB bei Echos vom Mond, re¬ 
flection process in echoes from the Moon 456. 

Regen infolge von Meteorstaub, rainfall due 
to meteoric dust 519, 533, 548. 

reine Absorption in der Photosphare, pure 
absorption in the photosphere 44, 75- 
37 
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Rekombinationskoeffizient, recombination 
coefficient 347- 

relativistische Rotverschiebung, relativistic 
red-shift 91. 

Repulsionskrafte in den Kometen, repulsive 
forces in comets 496, 505—509. 
Richtungsverteilung von Meteoren, directio¬ 
nal distribution of meteors 552—553- 
Ringstrom. um die Erde, ring current around 
the Earth 357- 

Rontgenspektrum chromospharischer Erup- 
tionen, X ray spectrum of flares 208, 209- 

— der Korona, of the corona 256, 261—264, 

278 . 

Rontgenstrahlung der Sonne, X ray radia¬ 
tion of the Sun 344, 347, 350, 353- 
Rotation der Erde, rotation of the Earth 455- 

— der Sonne, of the Sun 337—340. 
Rotationsgeschwindigkeit der Sonne, rota¬ 
tional velocity of the Sun 338. 

Rotationsperiode der Venus, rotation period 
of Venus 387, 389- 

Rotations-Schwingungsbande von H 2 in den 
Atmospharen von Uranus und Neptun, 
rotation-vibration bands of H. l in the atmos¬ 
pheres of Uranus and Neptune 411. 
roter Fleck auf dem Jupiter, red spot of Ju¬ 
piter 409. 

rotierende Planeten, Gestalt, rotating planets, 
figure 424—429- 

Rotverschiebung der Fraunhofer-Linien, red 
shift of the Fraunhofer lines 77-—78, 91. 
—.relativistische, relativistic 91. 
Rowlandsche Tafeln der Wellenlangen im 
Sonnenspektrum, Rowland’s tables of solar 
spectrum wavelengths 34, 37, 79. 
ruhige Korona, quiet corona 250—271, 295, 
296 . 

sakulare Anderungen der Kometenbahnen, 
secular changes .of the orbits of comets 476. 
Sattigungsfunktion, saturation function 57- 
Sahasche Ionisierungstemperatur, Saha ioni¬ 
zation temperature 47- 

Satelliten der groBen Planeten, Satellites of 
the major planets 412, 414. 

—, kiinstliche, EinfluB von Meteorstaub, 
artificial satellites, effect of meteoric dust 
531. 

Saturn, Atmosphare, Saturn, atmosphere 406, 
410. 

—, Modell des Inneren, model of interior 
445—448. 

Sauerstoff, Dissoziation in der Erdatmo- 
sphare, oxygen, dissoziation in the Earth's 
atmosphere 370, 371- 

— in der Marsatmosphare, in the Martian 
atmosphere 395, 404. 

— in der Venusatmosphare, in the Venus 
atmosphere 384, 385- 

Schallwellen in der Chromosphare und Ko¬ 
rona, sound waves in the chromosphere and 
corona 149. 

Scheibentemperatur, scheinbare, disk temper¬ 
ature, apparent 286. 


Scheibenverteilung der Radiofrequenzstrah- 
lung, disk distribution of the radio radia¬ 
tion 289—293. 

scheinbare Scheibentemperatur, apparent disk 
temperature 286. 

Schichtung der Sonnenatmosphare, stratifi¬ 
cation of the solar atmosphere 55, 62. 
Schleifen-Protuberanzen, loop prominences 
225, 241, 242. 

Schlitzbreite, und -hohe, EinfluB auf Rand- 
verdunkelung, slit width and height, effect 
on limb darkening 11. 

Schmetterlingsdiagramm der Sonnenflecken, 
butterfly diagram of sunspots 326. 
Schreibersit, schreibersite 560. 

Schuster-Schwarzschildsches Modell, Schu- 
ster-Schwarzschild model 51, 62. 
schwache Stormbursts, weak stormbursts 34 7- 
Schweife von Kometen, tails of comets 467 
bis 468, 500—501, 506, 507- 
Selbstabsorption bei chromospharischen Li- 
nien, self-absorption in chromospheric lines 
115, 116, 121. 

Septemberkomet 1882II, September comet 
1882 II 474, 499- 

Siderit ( = Eisenmeteorit), siderite (= iron 
meteorite) 559, 564. 

Siderolit (= eisenhaltiger Meteorstein), si- 
derolite (= stony iron meteorite) 559, 560- 
Signal-Rausch-Verhaltnis bei Radioechos, 
signal-to-noise ratio in radio echoes 450. 
Solarkonstante, Bestimmung, solar constant, 
determination 2—4. 

—, Veranderlichkeit, variability 4. 
solare Rotverschiebung, solar red shift 78. 
Sonne, Radio-Echos, Sun, radio echoes 449, 
460. 

Sonnenaktivitat, langperiodische Schwan- 
kungen, solar activity, long scale fluctua¬ 
tions 328—329- 

—, Messungen auf verschiedenen Beobach- 
tungsstationen, measurements at various 
observing stations 333—337. 

Sonnenflecke, Bandenspektren, sunspots, 
band spectra 160. 

—, Bedeutung bei der Entwicklung eines 
Aktivitatszentrums, role in the develop¬ 
ment of a centre of activity 184—185- 
—, Bewegung innerhalb der Fleckengruppen, 
internal motion in spot groups 170. 

—, effektive Temperatur, effective tempera¬ 
ture 157- 

—, Intensitatsprofil, intensity profile 157. 

—, kontinuierliche Strahlung, continuous 
radiation 157. 

—, Linienspektren, line spectra 159. 

—, Modell der Umbra, model of the umbra 159, 
161. 

Sonnenflecken, Breitentrift, sunspots, lati¬ 
tude drift 339. 

—, Durchmesser, diameter 151, 154. 

—, Magnetfeld, magnetic field 152—157, 164, 
343- 

—, Periodizitat der Anzahl, periodicity of 
number 325- 
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Sonnenflecken, Schmetterlingsdiagramm, 
sunspots, butterfly diagram 326. 

—, Theorie der, theory of 171—173. 

Sonnenfleckengruppen, s. Fleckengruppen, 
sunspot groups see spot groups. 

Sonnenflecken-Protuberanzen, sunspot pro¬ 
minences 225, 241—244, 245. 

Sonnenfleckenzahl, sunspot number 322—326, 
331- 

Sonnenmagnetismus, solar magnetism 340 
bis 344. 

Sonnenmodelle s. Modelle, solar models see 
models. 

Sonnenrand, Massenbewegung am, mass mo¬ 
tions at the Sun’s limb 96. 

Sonnenrotation, solar rotation 337—340. 

Sonnenzyklus, solar cycle 322—337. 

—, lljahriger Zyklus, 11 year cycle 322—326, 
331- 

—, 22jahriger Zyklus, 22 year cycle 328, 340. 

Spaghetti-ProzeB, spaghetti process 103, 171. 

Spallation in Meteoriten infolge kosmischer 
Strahlen, spallation in meteorites due to 
cosmic rays 563—564. 

spektrale Energieverteilung der Sonnenstrah- 
lung, spectral energy distribution of ra¬ 
diation from the Sun 13—18. 

Spektralfenster in der Erdatmosphare, spec¬ 
tral windows in the Earth's atmosphere 15, 
36, 37. 

Spektren chromospharischer Eruptionen, 
spectra of flares 199—210. 

— chromospharischer Fackeln, of chromo¬ 
spheric faculae 179—181. 

— der Kometen, of comets 477—495. 

— der Korona, of the corona 259—261, 261 
bis 264, 278, 283“—286. 

— von Meteoren, of meteors 524—527, 537. 

— von Outbursts, of outbursts 311—315. 

— von Sonnenflecken, of sunspots 157, 159, 
160. 

— stationarer Protuberanzen, of quiescent 
prominences 232—237. 

— von Surges, of surges 212—214. 

Spektroheliogramme, spectroheliograms 124 

bis 135- 

Spektrum eines Aktivitatszentrums, spec¬ 
trum of an activity centre 298—300. 

— des Kometen Cunningham (1940 c), of 
Comet Cunningham (1940c) 478, 479. 

— des Kometen Mrkos, (1957 d), of Comet 
Mrkos (1957 d) 481. 

— von Neptun und Uranus, of Neptune 
and Uranus 412. 

— der Primarstrahlung, of the primary cos¬ 
mic radiation 220. 

— der unteren Chromosphare, of the low 
chromosphere 118—122, 126. 

— der 27 Tage-Komponente, of the 27 days 
component 300. 

Spiculen, chromospharische, chromospheric 
spicules 108, 109, 112, 113, 114, 123, 
225. 

— —, Durchmesser und Anzahl, diameter 
and number 135—139- 


sporadische koronale Kondensationen, spo¬ 
radic coronal condensations 189. 

sporadische Meteore, sporadic meteors 534 bis 
535, 544, 548—554. 

Spritzprotuberanzen, flare surges 211—214, 
222 . 

Stabilitatszonen der Chromosphare, stability 
regions of the chromosphere 151. 

Standard-Kohlebogen, standard carbon arc 
14, 16. 

Stark-Effekt in Eruptionsspektren, Stark ef¬ 
fect in flare spectra 203, 204. 

Stark-Verbreiterung im Sonnenspektrum, 
Stark broadening in the solar spectrum 
49, 50. 

stationare Protuberanzen, quiescent promi¬ 
nences 225, 226—237, 245. 

statistische Verbreiterung der Fraunhofer- 
Linien, statistical broadening of the Fraun¬ 
hofer lines 46, 49- 

Staub, meteoritischer, meteoritic dust 519, 
530—534, 559- 

Staubschweif eines Kometen, dust-tail of a 
comet 467. 

Staubwolken auf der Venus, dust clouds on 
the Venus 387. 

Steifigkeit, magnetische, vonTeilchenbahnen, 
magnetic rigidity of particle orbits 216, 219- 

Sternschnuppen s. Meteore. 

Stickstoff, Dissoziation in der Erdatmo¬ 
sphare, nitrogen, dissociation in the 
Earth’s atmosphere 370. 

— in der Marsatmosphare, in the Martian 
atmosphere 395, 402. 

— in der Venusatmosphare, in the Venus 
atmosphere 383, 390. 

Stormer-Bahnen, Stormer orbits 217. 

Stormbursts der solaren Radiofrequenzstrah- 
lung, stormbursts of the solar radio-radia¬ 
tion 302—303, 308, 315—320. 

StoBgebiete fur kosmische Strahlung, impact 
regions for cosmic rays 217, 219. 

StoBionisation in der Korona, collisional 
ionization in the corona 257- 

StoBverbreiterung der Fraunhofer-Linien, 
collisional broadening of the Fraunhofer 
lines 46, 49, 65- 

StoBwellen in der Chromosphare, shock waves 
in the chromosphere 150. 

— in der Korona, in the corona 150, 306. 

— in Protuberanzen, in prominences 248. 

Strahlen der Korona, rays of the corona 251, 

272, 273, 280—283- 

Strahlenstruktur von Kometenschweifen, ray 
structure of comet tails 468. 

Strahlungsaustausch in der Photosphare, ra¬ 
diation interchange in the photosphere 52. 

Strahlungsdampfung in Eruptionsspektren, 
radiation damping in flare spectra 203, 
204. 

— der Fraunhoferschen Linien, of the Fraun¬ 
hofer lines 46, 48- 

StrahlungseinfluB auf interplanetare Staub- 
teilchen, radiation effects on interplanetary 
dust particles 530. 
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Strahlungstransport in der Sonnenatmospha- 
re, radiative transfer in the solar atmos¬ 
phere 42—43- 

Strahlungstemperatur der Photosphare, ra¬ 
diation temperature of the photosphere 47- 

— der Scheibenmitte, of the disk centre 143- 

Streulicht, EinfluB auf Randverdunkelung, 

scattered light, effect on limb darkening 
9—11 • 

Streuung, inkoharente, in der Photosphare, 
non-coherent scattering in the photosphere 
45—47„ 53—54, 75- 

—, koharente, in der Photosphare, coherent 
scattering in the photosphere 43, 75- 

— der Radianten von Meteoren, scatter in 
radiants of meteors 547* 

— der Radiofrequenzstrahlung durch die 
Korona, scattering of radio-radiation by the 
corona 294—295- 

Stromgrensche Methode der Modellatmo- 
spharen, Stromgren’s method of model 
atmospheres 27. 

Struktur der CN-Banden in Kometen, struc¬ 
ture of CN bands in comets 487- 

— der Marsatmosphare, of the Martian at¬ 
mosphere 398—400. 

— der Venusatmosphare, of the Venus at¬ 
mosphere 388—390. 

Super-Schmidt Meteor Camera 539—541, 
544. 

Surges 211—214, 223, 225, 242, 244. 

—, Bedeutung in der Entwicklung eines Ak- 
tivitatszentrums, role in the development 
of a centre of activity 184—185- 

stiirmisches Rauschen, noise storms 286, 302, 
308, 315—320, 354. 

— —, Spektren, spectra 316—318. 

Synchrotron-Strahlung, synchrotron radia¬ 
tion 321. 

Syndynamen in Kometenschweifen, syndy- 
names in comet tails 500, 501. 

synoptische Karten, synoptic maps 186, 187- 

Tangentialbewegungen von Radioquellen, 
tangential motions of radio sources 320, 
321 . 

Tauriden-Meteorstrom, Taurid meteor stream 
546—547, 554. 

Taurus A Radioquelle, Taurus A radio source 
294. 

Teilchenemission von der Sonne, particle 
emission from the Sun 222—224, 354 bis 
362 . 

— — ? Wirkung auf Planeten, effect on pla¬ 
nets 371, 390. 

Tektit (=glasiger Meteorit), tektite (= glassy 
meteorite) 559. 

Temperatur bei der Bildung erdahnlicher 
Planeten, temperature for formation of 
terrestrial planets 364- 

—- der hohen Atmosphare der Venus, of 
the high atmosphere of Venus 392. 

Temperaturen chromospharischer Fackeln, 
temperatures of chromospheric faculae 179 
bis 181. 


Temperaturen in der Erdatmosphare, temper¬ 
atures in the Earth's atmosphere 368, 369, 
373- 

— des Jupiter, of Jupiter 407. 

— der Korona, of the corona 269—271. 

— des Mars, of Mars 395—396, 397, 399. 

— der Minimum-Korona, of the minimum 
corona 269—271. 

— der mittleren Chromosphare, of the me¬ 
dium chromosphere 122—124, 140. 

— von Mond und Merkur, of Moon and 
Mercury 405- 

— in der Photosphare, in the photosphere 
22, 23, 32, 47, 86—92. 

— des Saturn, of Saturn 410. 

— der Sonnenflecken, of sunspots 157, 172, 
173- 

— stationarer Protuberanzen, of quiescent 
prominences 232, 233- 

— in der Obergangszone Chromosphare-Ko- 
rona, in the transition region chromosphere- 
corona 146. 

— der unteren Chromosphare, of the low 
chromosphere 118—122, 140. 

— der Venusatmosphare, of the Venus at¬ 
mosphere 388—390, 391- 

Temperaturgradient der Erdatmosphare, tem¬ 
perature gradient of the Earth’s atmosphere 
373, 374. 

Temperatur-Hohen-Kurve fur den Mars, tem¬ 
perature-altitude curve for Mars 400. 

— fur die Venus, for Venus 391. 

Temperaturverteilung in verschiedenen in- 

homogenen Modellen der Photosphare, 
temperature distribution in various in¬ 
homogeneous models of the photosphere 92. 

—, solare, mit der Tiefe, solar temperature 
distribution versus depth 22, 23, 32. 

theoretische Modeile der Sonne, theoretical 
models of the Sun 59- 

thermische Radiofrequenzstrahlung der Ko¬ 
rona, thermal radio radiation from the coro¬ 
na 283—286. 

thermodynamisches Gleichgewicht, thermo¬ 
dynamic equilibrium 32, 33- 

— —•, Abweichung von, departure from 59, 
72, 73- 

Titius-Bode-Reihe, Titius-Bode sequence 432. 

Tornado-Protuberanzen, tornado prominen¬ 
ces 225. 

Transportgleichung, equation of transfer 42 
bis 43, 46, 52. 

—, numerische Integration, numerical inte¬ 
gration 54—58. 

Trichtertyp-Protuberanzen, funnel-type pro¬ 
minences 225, 242, 243- 

Troilit, troilite 560. 

Tropopause der Venus, tropopause of Venus 
389, 390. 

Tropopausenhohe fur die Erde, tropopause 
height for the Earth 374. 

Turbulenz in der Chromosphare, turbulence 
in the chromosphere 112—416. 

— in der Photosphare, turbulence in the 
photosphere 93—98, 102, 103, 104. 
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Turbulenz, Sonnenmodelle mit, solar models 
with turbulence 26, 104—105. 
Turbulenzelement, turbulence element 93- 
Turbulenzgeschwindigkeit, turbulent velocity 
48, 65, 69, 70, 71, 141. 

Typ I-Bursts der solaren Radiofrequenzstrah- 
lung, type I bursts of the solar radio¬ 
radiation 302—303, 315—320. 

Typ II-Bursts der solaren Radiofrequenz- 
strahlung, type II bursts of the solar radio- 
radiation 222, 302—303, 311—31,5 
Typ Ill-Bursts der solaren Radiofrequenz- 
strahlung, type III bursts of the solar 
radio-radiation 222, 302—308, 311- 
Typ I V-Phanomen der solaren Radiofrequenz- 
strahlung, type IV phenomenon of the 
solar radio-radiation 302—303, 320—322. 
Typ V-Phanomen der solaren Radiofrequenz- 
strahlung, type V phenomenon of the solar 
radio-radiation 302—303, 320—322. 

Ubergangszone Chromosphare-Korona, tran¬ 
sition region chromosphere-corona 146 bis 
148. 

Ultrarotstrahlung der Sonne, infrared radia¬ 
tion of the Sun 17. 

Ultraviolettspektrum chromospharischer 
Eruptionen, ultraviolet spectrum of flares 
208 . 

Ultraviolettstrahlung der Sonne, ultraviolet 
radiation of the Sun 14,15, 144—148, 264, 
344, 350. 

Umbra von Sonnenflecken, umbra of sunspots 
151- 

— —, Modell, model 159, 161. 

Umkehrung der Linienmitte bei H a -Spektren 

chromospharischer Eruptionen, central 
reversal in H a spectra of flares 202, 
-bei Fraunhofer-Linien, in the Fraun¬ 
hofer lines 76. 

unipolare Gruppen von Sonnenflecken, uni¬ 
polar groups of sunspots 167- 
unipolare magnetische Zonen der Sonne, 
unipolar magnetic regions of the Sun 181, 
190, 248. 

untere Chromosphare, Dichte, low chromos¬ 
phere, density 118—122. 

— —, Massenbewegung, mass motion 96. 

— —, Spektroheliogramme, spectrohelio- 
grams 126—129. 

Untergrundsstrahlung der solaren Radio¬ 
emission, background radiation of the solar 
radioemission 286. 

Uranus, Atmosphare, Uranus, atmosphere 
406, 410—412. 

—, Zusammensetzung des Inneren, composi¬ 
tion of interior 448. 

Ursprung der Kometen, origin of comets 510. 

— der Meteore, of meteors 519, 529—530, 
538, 554—559- 

urspriingliche Kometenbahnen, original orbits 
of comets 472. 

t'-Typ- Bursts der solaren Radiofrequenz- 
strahlung, U type bursts of the solar radio¬ 
radiation 302—303, 304. 


Venus, Modell des Inneren, Venus, model of 
interior 439- 

—, Radio-Echos, radio echoes 462. 

Venusatmosphare, chemische Zusammen¬ 
setzung, Venus atmosphere, chemical com¬ 
position 383—388. 

—, Entweichen von Gas, escape of gas 392 
bis 393. 

—, Entwicklung, evolution 393. 

—, Modelle, models 390—392. 

—, Temperatur und Struktur, temperature 
and structure 388—390. 

Verbreiterung der Fraunhofer-Linien, widen¬ 
ing of Fraunhofer lines 89—90. 

Verdampfung von Materie aus der Korona, 
evaporation of matter from the corona 
282. 

Verdunkelung der Spiculen, obscuration of 
spicules 136. 

Verhinderung der Konvektion in einem Ma- 
gnetfeld, inhibition of convection in a 
magnetic field 172, 173. 

Verlust von Elementen aus Planetenatmo- 
spharen, loss of elements from planetary 
atmospheres 363, 364, 375—379, 392—393, 
400—403, 405—406, 414. 

Verschiebungen der Fraunhofer-Linien, dis¬ 
placements of Fraunhofer lines 91—92. 

Verteilung der groBen Halbachsen der Ko¬ 
meten, distribution of semi-major axes of 
comets 512. 

Verteilungsfunktionen, partition functions 57. 

Violett-Schicht des Mars, violet layer of Mars 

396— 398. 

Virginiden-Meteorstrom, Virginid meteor 
stream 545—546, 554—555- 

Viskositat der solaren Konvektionszone, vis¬ 
cosity of the solar convection zone 102. 

visuelle Meteoruntersuchungen, visual meteor 
studies 534. 

Vulkane auf dem Mars, volcanoes on the Mars 

397- 

Wachstumskurve, curve of growth 61—64. 

—, Information iiber Mikroturbulenz, infor¬ 
mation on microturbulence 95, 97- 

Warmegleichgewicht in Sonnenflecken, heat 
balance in sunspots 165- 

Warmeleitfahigkeit der solaren Konvektions¬ 
zone, thermal conductivity of the solar con¬ 
vection zone 102. 

Wanderung der Fleckenzonen, migration of 
spot zones 327. 

Wasser in der Marsatmosphare, water in the 
Martian atmosphere 395, 404. 

Wasserdampf in der Venusatmosphare, water 
vapor in the Venus atmosphere 384, 393- 

Wassergehalt der Erdatmosphare, water con¬ 
tent of the Earth's atmosphere 372. 

Wasserstoff, Entweichen aus der Erdatmo¬ 
sphare, hydrogen escape from the Earth’s 
atmosphere 364, 375—379, 380. 

—, Entweichen aus der Venusatmosphare, 
escape from the Venus atmosphere 392. 

—.fester, solid 441, 443, 444. 
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Wasserstoff, physikalische Eigenschaften un- 
ter hohen Drucken, hydrogen, physical 
properties under high pressures 441—445- 
—, 21 cm-Linie, 21 cm line 144. 
Wasserstoffhaufigkeit in Jupiter und Saturn, 
hydrogen abundance in Jupiter and Saturn 
447. 

Wasserstoffionisation in der Sonnenatmo- 
sphare, hydrogen ionization in the solar 
atmosphere 29. 

Wasserstoff-Linien in der oberen Chromo¬ 
sphere, hydrogen lines in the upper chromos¬ 
phere 131—135. 

Wasserstoff-Linienprofile, photospharische, 
photospheric hydrogen line profiles 31, 86, 
87- 

Wasserstoffniveaus, Besetzung, hydrogen le¬ 
vels, population 109—112. 
weiche Komponente der kosmischen Strah- 
lung, soft component of cosmic radiation 

215- 

weiBe Korona, white corona 249- 
weiBe Zwerge, white dwarfs 419- 
Wellenlangen des Sonnenspektrums, wave¬ 
lengths of the solar spectrum 37—39. 
Wellenlangenabhangigkeit des Absorptions- 
koeffizienten, wavelength dependence of the 
absorption coefficient 65, 66. 
Wellenlangenverschiebung der Fraunhofer- 
Linien, wavelength displacements of the 
Fraunhofer lines 77—78. 
whistlers 462. 

Widmannstatten-Figuren auf Meteoriten, 
Widmannstdtten figures on meteorites 560 
bis 561. 

Wiechertsche Modelle, Wiechert models 432. 
Wiederkehr chromospharischer Eruptionen, 
recurrence tendency of flares 197. 

— magnetischer Stiirme, of magnetic storms 
190, 222, 359, 360, 361. 
Wiederkehr-Zeitmuster magnetischer Stiirme, 
recurrence time pattern of magnetic storms 
360. 


Wigner-Seitz-Methode, Wigner-Seitz method 
442. 

Wirbelstruktur der Sonnenflecken, solar vor¬ 
tices 179.- 

Wolfsche Zahl (Sonnenfleckenzahl), Wolf 
number (sunspot number) 322—326, 331. 

Wolken des Mars, clouds of Mars 396—398. 

— der Venus, of Venus 385. 

Wolkenbander auf dem Jupiter, cloud bands 

on Jupiter 409- 

Zeeman-Aufspaltung von Fraunhofer-Linien, 
Zeeman splitting of Fraunhofer lines 
153- 

Zentimeter-Bursts der solaren Radio-Emis¬ 
sion, centimetre bursts of the solar radio¬ 
emission 301. 

Zentralintensitaten starker Fraunhofer-Li¬ 
nien, central intensities of strong Fraun¬ 
hofer lines 75—77. 

Zerfallszeiten chromospharischer Eruptionen, 
decay times of flares 222. 

— von Fleckengruppen, of spot groups 
167- 

— des Sonnen-Magnetfeldes, of the solar 
magnetic field 341. 

Zirkulation, innere, der Sonne, internal cir¬ 
culation of the Sun 342. 

Zirkulation der Planetenatmospharen, Erde, 
circulation of planetary atmospheres, Earth 
372. 

— —, Venus, Venus 392. 

Zodiakallicht, zodiacal light 253, 254, 255, 

431, 520, 530—531- 

Zodiakalwolke zodiacal cloud 530. 

Zustandsgleichung von festem H 2 und He, 
state equation of solid H 2 and He 444. 

Zweistrom-Modell der Photosphare, two- 
stream model of the photosphere 31, 78, 
89- 

zyklonische und antizyklonische Bewegung 
uni Sonnenflecken, cyclonic and anti- 
cyclonic motions around sunspots 163- 



Subject Index. 

(English- German.) 

Where English and German spelling of a word is identical the German version is omitted. 


Ablation of meteoroids, Massenverlust von 
Meteorkorpern 519, 521, 527, 529, 532. 

Absorption coefficient of the photosphere, 
continuous, A bsorptionskoeffizient der Pho¬ 
tosphere, kontinuierlicher 23—26, 42, 47. 

— — —, for lines, fur Linien 47, 50, 51. 

Absorption and coherent scattering combined, 

Absorption und koharente Streuung kom- 
biniert 44—45- 

Absorption cross section of the ionosphere, 
Absorptionsquerschnitt der lonosphdre 347. 

Absorption of the Earth's atmosphere in the 
infrared, Absorption der Erdatmosphare 
im Infraroten 372. 

— of energy by the Earth’s atmosphere. 
Absorption von Energie durch die Erd- 
atmosphdre 368—373. 

— of energy in the Venus atmosphere, von 
Energie in der Venusatmosphdre 389, 390. 

— of radio-radiation by the corona, von 
Radiofrequenzstrahlung durch die Korona 
294—295- 

Absorption spectrum of the Earth's atmos¬ 
phere, Absorptionsspektrum der Erd¬ 
atmosphare 36, 37. 

Abundance deficiencies of light nuclei in the 
Sun, Hdufigkeitsliicken leichter Kerne auf 
der Sonne 342. 

Abundance determination of elements in the 
Sun, Haufigheitsbestimmung von Elemen- 
ten auf der Sonne 61, 64—65- 

Acceleration mechanism for particles emitted 
from the Sun, Beschleunigungsmechanis- 
mus fiir die von der Sonne emittierten 
Teilchen 223. 

Acceleration of the tail particles of comets 
by solar corpuscles, Beschleunigung der 
Schweifteilchen von Kometen durch solare 
Korpuskeln 507. 

Accretion of matter by the corona, Massen- 
aufsammlung durch die Korona 282. 

Achondrite, Achondrit 562. 

Acoustic waves in the chromosphere and co¬ 
rona, akustische Wellen in der Chromo- 
sphare und Korona 149. 

Activation of filaments, A ktivierung von Fila- 
menten 210. 

— of quiescent prominences, stationarer 
Protuberanzen 237—239. 

Active corona, aktive Korona 271—283. 


Active dark flocculi, aktive Flocculi 210, 
244. 

Active prominences, aktive Protuberanzen 
225, 237—239. 

Active sunspots, aktive Sonnenflecken 354. 

Activity centres, Aktivitatszentren 183—188. 

— —, spectrum, Spektrum 298—300. 

— —, thermal radio radiation, thermische 
Radiofrequenzstrahlung 296—301. 

Activity regions of the corona, Aktivit&ts- 
zonen der Korona 189, 273—279. 

Adams-Williamson equation, Adams-Wil- 
liamsonsche Gleichung 433, 434. 

Adiabatic temperature gradient of the 
Earth’s atmosphere, adiabatischer Tem- 
peraturgradient der Erdatmosphare 373, 
374. 

— — of the Jupiter atmosphere, der 
Jupiteratmosphdre 409. 

Aerolite (= stony meteorite), Aerolit (= Me¬ 
teor stein) 559, 56O. 

Age determinations of meteorites. Alters- 
bestimmungen von Meteoriten 564. 

Air, constituents, Luft, Bestandteile 367. 

Albedo of Moon and Mercury, Albedo von 
Mond und Merkur 404. 

Alfv6n waves in prominences, Alfvensche 
Wellen in Protuberanzen 248. 

Aller-Pierce model, Aller-Pierce-Modell 59. 

Ammonia in the atmospheres of the major 
planets, Ammonium in den Atmospharen 
der groflen Planeten 407, 410, 411. 

Anisotropy of convective motion, Aniso- 
tropie der Konvektionsbewegung 96. 

— in the turbulent field, im Turbulenz- 
feld 116. 

Apparent disk temperature, scheinbare Schei- 
bentemperatur 286. 

Arches of the corona, Bogen der Korona 272, 
273, 281. 

Arizona meteor expedition, Arizona-Expedi- 
tion fiir Meteoruntersuchungen 534. 

Ascending filaments, Filamentaufstiege 240. 

Asteroidal origin of meteors, asteroidaler Ur- 
sprung der Meteore 519, 529, 530, 554, 
556, 559- 

Asteroids, Asteroide 431, 432. 

•—, radio echoes, Radio-Echos 462. 

Atlas of cometary spectra. Atlas von Ko- 
metenspektren 477. 
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Atmosphere of comets, Atmosphare von Ko- 
meten 478—483. 

— of the Earth, der Erde 363, 366—383- 

— of Jupiter, des Jupiter 406—410. 

—- of Mars, des Mars 393—404. 

—• of Mercury, des Merkur 404—406. 

— of the Moon, des Mondes 404—406. 

— of Neptune, des Neptun 406, 410—412. 

— of Pluto, des Pluto 412, 414. 

— of the Satellites of major plantes, der 
Satelliten der groften Planeten 412, 414. 

— of Saturn, des Saturn 406, 410. 

— of the Sun see chromosphere, corona, 
photosphere. 

—— of Uranus, des Uranus 406, 410—412. 

— of the Venus, der Venus 383—393- 

Atmospherics, atmospharische Storungen 351, 

352, 462. 

Atomic levels, population, Atomniveaus, Be- 
setzung 109—112. 

Aurora, Nordlicht 357, 358. 

Background radiation of the solar radio¬ 
emission, Untergrundsstrahlung der sola - 
ren Radioemission 286. 

Baily beads, Baily-Perlen 106. 

Balmer continuum in the low chromosphere, 
B aimer-Kontinuum der unteren Chromo- 
sphare 119. 

Balmer discontinuity, Balmer-Sprung 16. 

Balmer line profiles of flares, Balmer-Linien- 
profile chromospharischer Eruptionen 202. 

Balmer lines in the low chromosphere, Bal- 
mer-Linien der unteren Chromosphare 120, 
121. 

Band emission of comets, Bandemission von 
Kometen 484, 487- 

Band spectra of sunspots, Bandenspektren 
von Sonnenflecken 160. 

Band widths of bursts, Bandbreiten von Bursts 
304. 

Bessel-Bredikhin theory of comets, Bessel - 
Bredichin-Theorie der Kometen 496, 
497- 

Bipolar groups of sunspots, bipolare Gruppen 
von Sonnenflecken 167- 

Bipolar magnetic regions of the Sun, bi¬ 
polare magnetische Zonen der Sonne 181, 
185, 230, 248. 

—- — — —, role in the development of 
a centre of activity, Bedeutung in der 
Entwicklung eines A ktivitatszentrums 
184—185- 

Birch’s homogeneity test, Birchscher Ho- 
mogenitatstest 434. 

Bohm’s model, Bohmsches Modell 59. 

Bolides, Bolide 520, 527, 556—559. 

Boltzmann excitation temperature, Boltz- 
mannsche Anregungstemperatur 47, 74- 

Brewer effect, Brewer-Effekt 372, 376, 379, 
389, 398, 399- 

Bright ring of sunspots, heller Ring von Son¬ 
nenflecken 152, 158. 

Brightness of comets, Helligkeiten von Ko¬ 
meten 468, 469. 


Brightness distribution of the quiet Sun, 
Helligkeitsverteilung der ruhigen Sonne 
292, 293- 

Brightness of granules, Helligkeit der Granula 

82 , 85 - 

— of Jupiter, relation to sunspot number, 
Helligkeit des Jupiter, Beziehung zur 
Sonnenfleckenzahl 408. 

Brightness maxima of the corona, Helligkeits- 
maxima der Korona 272. 

Brightness temperature of the Sun, Hellig - 
keitstemperatur der Sonne 286, 289. 

Brooks’ comet 1889 V, Komet 1889 V 
(Brooks) 474. 

Bursts in the solar radioemission, Bursts bei 
der solaren Radioemission 222, 286, 296, 
301, 302—308, 311—322. 

Butterfly diagram of sunspots, Schmetter- 
lingsdiagramm der Sonnenflecken 326. 

CA see centre of activity. 

C regions of the corona, C-Gebiete der Korona 
189. 

Ca + spectroheliograms, Ca + -Spektrohelio- 
gramme 129—131. 

Carbon arc standard, Kohlehogenstandard 14, 
16. 

Carbon dioxide, equilibrium pressure, Koh- 
lendioxyd, Gleichgewichtsdruck 365. 

— — in the Martian atmosphere, in der 
Mars atmosphare 394. 

— — and monoxide in the atmosphere of 
Venus, und -monoxyd in der Venus- 
atmosphare 383- 

Cartes Synoptiques 186—187. 

Catalogues of comets, Kataloge der Kometen 
473. 

Centimetre bursts of the solar radio-emission, 
Zentimeter-Bursts der solaren Radio-Emis¬ 
sion 301. 

Central intensities of strong Fraunhofer lines, 
Zentralintensitaten starker Fraunhofer- 
Linien 75—77- 

Central reversals in the Fraunhofer lines, Um- 
kehrungen der Linienmitte bei Fraunhofer- 
Linien 76. 

— — in H a spectra of flares, Umkehr der 
Linienmitte bei H^-Spektren chromospha- 
rischer Eruptionen 202. 

Centre of activity, definition, A ktivitatszen- 
trum, Definition 183 

— —, development of a typical, Entwick¬ 
lung eines typischen 184—188. 

— —, thermal radio radiation, thermische 
Radiofrequenzstrahlung 296—301. 

Centre of attraction in a protuberance, At- 
traktionszentrum in einer Protuberanz 237. 

Centre-limb studies of Fraunhofer lines, Mitte- 
Rand-Untersuchungen der Fraunhofer- 
Linien 72—73- 

Centre-limb variation, Mitte-Rand- Variation 
143, 147- 

— — of activity centres, von Aktivitatszen- 
tren 298—300. 

— — of the granules, der Granula 83, 88. 
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Centre-limb variation in the local Doppler 
shift, Mitte-Rand-Vaviation bei dev lokalen 
Doppler-Verschiebung 71. 

Chandrasekhar’s solution, Chandrasekhar- 
sche Losung 52. 

Chemical composition of the Earth’s atmo¬ 
sphere, chemische Zusammensetzung dev 
Erdatmosphare 366—368. 

— — of the Martian atmosphere, der Mars- 
atmosphdre 394—395. 

— — of the Sun, der Sonne 40, 41 

— -— of the Venus atmosphere, der Venus- 
atmosphare 383—388. 

Chondritic stones, chondritische Steine 562. 

Chromosphere (see also low, medium and 
upper chromosphere), Chromosphare (s. 
auch untere, mittlere und obere Chromo- 
sphcire) 106—150. 

— on the disk, auf der Scheibe 124—135- 

—, emission lines, Emissionslinien 106, 107, 

115. 144—148. 

— at the limb, am Rand 106—124. 

—, models, Chromospharenmodelle 139, 140, 
142. 

—.turbulence, Turbulenz 112—116. 

—, variation during the solar cycle, Verande- 
rung wahrend des Sonnenzyklus 330. 

Chromospheric faculae, size and life time, 
chromosphdrische Fackeln, Grdpe und 
Lebensdauer 177—179. 

— —, spectra and temperatures, Spektren 
und Temperaturen 179—181. 

Chromospheric heights of emission of Fraun¬ 
hofer lines, chromosphdrische Emissions- 
hohen der Fraunhofer-Linien 124—126. 

Chromosperic mass motion, chromosphdrische 
Massenbewegung 112—116. 

Chromospheric mottling 126, 127, 129, 

133—135- 

Chromospheric spicules, chromosphdrische 
Spiculen 108, 109, 112, 113, 114, 123- 

Chromospheric stability regions, chromosphd¬ 
rische Stabilitatszonen 151. 

Chromospheric surface brightness, chromo¬ 
sphdrische Oberflachenhelligkeit 106, 108. 

Circulation, internal, of the Sun, innere Zir- 
kulation der Sonne 342. 

— of planetary atmospheres, Earth, der 
Planetenatmosphdren, Erde 372. 

— — —, Venus, Venus 392. 

Clairaut’s equation, Clairautsche Gleichung 

422. 

Classification of flares, Klassifikation chromo- 
spharischer Eruptionen 192. 

— of filaments, Klassifikation von Filamen- 
ten 225. 

— of planets, von Planeten 431. 

— of prominences, von Protuberanzen 225. 

— of spot groups, von Fleckengruppen 166 
to 167. 

Cloud bands on Jupiter, Wolkenbdnder auf 
dem Jupiter 409. 

Clouds of Mars, Wolken des Mars 396 to 
398. 

— of Venus, der Venus 385- 


CN bands in comets, CN Banden in Kometen 
487- 

Coarse mottling 126, 127, 129, 133—135, 174, 
178. 

Cohenite, Cohenit 560. 

Coherent scattering in the photosphere, ko- 
hdrente Streuung in der Photosphdre 43, 
75- 

-—, combined with absorption, hom- 

biniert mit Absorption 44—45. 

Cold bodies, mass-radius relation, kalte Kor- 
per, Masse-Radius-Beziehung 420—431. 
Collection of meteoritic dust, Ansammlung 
von Meteorstaub 532—533. 

Collisional broadening of the Fraunhofer lines, 
Stoplverbreiterung dev Fraunhofer-Linien 
46, 49, 65- 

Collisional ionization in the corona, Stofiioni- 
sation in der Korona 257- 
Color index of Venus, Farbindex der Venus 
386. 

Color of the Jupiter atmosphere, Farbe der 
Jupiteratmosphare 408. 

— of the Venus atmosphere, der V enusatmo- 
sphdre 388. 

Coma of a comet, Koma eines Kometen 
465. 

— of a meteor, eines Meteors 526, 537. 
Comet Arend-Roland, Komet Arend-Roland 

503- 

— Brooks 1889 V 474. 

— Cunningham (1940c) 478, 479. 

— Daniel 469. 

— Delavan 471. 

— Donati 469, 499. 

— Encke 476, 546—547, 554. 

— Halley 466, 473- 

— Morehouse 467, 484, 502. 

— Mrkos 467, 481, 482, 483, 513, 514, 515- 

— September 1882 II 474, 499. 

Comet groups, Kometengruppen 474. 

Comet heads, Kometenhopfe 465, 497, 498. 
Comet tails, Kometenschweife 467, 468, 500 to 

501, 506, 507. 

Cometary nuclei, Komelenkerne 465, 491 to 
495- 

Cometary origin of meteors, kometarischer 
Ursprung der Meteore 519, 529—530, 554, 
559- 

Comets, brightness, Kometen, Helligkeiten 
468, 469. 

—, cosmogony, Kosmogonie 509—518. 

—, discoveries, Entdeckungen 465- 
—, orbits, Bahnen 469—476. 

—.periods, Perioden 470, 471, 511, 516. 

—, shapes, Formen 465—469, 496—509. 

—, spectra, Spektren 477—495. 
Communication between two points on the 
Earth via the Moon, Kommunikation 
zwischen zwei Punkten auf der Erde iiber 

den Mond 454, 459- 

Constituents of the air, Bestandteile der Luft 
367. 

Constitution of cometary nuclei, Konstitution 
der Kometenherne 491—495. 
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Condensation, coronal, koronale Kondensation 
189, 209- 

Condensation mechanism of the prominen¬ 
ces, Kondensationsmechanismus der Pro¬ 
tub eranzen 245- 

Conductivity in the solar convection zone, 
Leitfdhigkeit in der solaren Konvektions- 
zone 102, 103- 

Continuous absorption coefficient of the 
photosphere, hontinuierlicher Absorptions- 
koeffizient der Photosphare 23—26, 42, 47- 
Continuous corpuscular radiation from the 
Sun, kontinuierliche Korpuskularstrahlung 
von der Sonne 362. 

Continuous emission coefficient of the photo¬ 
sphere, hontinuierlicher Emissionskoeffi- 
zient der Photosphare 45- 
Continuous emission at the Sun’s limb, kon¬ 
tinuierliche Emission am Sonnenrand 117, 
119- 

Continuous spectrum of the corona, konti- 
nuierliches Spektrum der Korona 250 to 
256. 

-— — of flares, chromospharischer Eruptio- 
nen 206—208. 

— — of quiescent prominences, stationarer 
Protuberanzen 235—237- 

— — of the photosphere, der Photosphare 
1 seqq. 

— — of sunspots, der Sonnenflecken 157- 
Continuum source function, Kontinuums- 

quellfunktion 47, 51- 

Contribution curve of the line depth, Bei- 
tragskurve der Linientieje 59—61. 
Convection, model photosphere with, Mo- 
dellphotosphdre mit Konvektion 104—105- 
Convection in the solar atmosphere, Kon¬ 
vektion in der Sonnenatmosphdre 98—105- 

— in sunspots, inhibited by a magnetic field, 
Konvektion in Sonnenflecken, verhindert 
durch ein Magnetfeld 172, 173- 

Convection zone of the Sun, theory, Kon- 
vektionszone der Sonne, Theorie 98—102. 

— — —, upper limit, obere Grenze 102 to 
103- 

Convective motion, anisotropic, anisotrope 
Konvektionsbewegung 96- 
Cores of planets, instability, Kerne von Pla- 
neten, Instabilitdt 423. 

Corona, Korona 248—322. 

—, activity regions, A ktivitdtszonen 189, 273 
to 279, 301. 

—, components, Komponenten 249- 
—, density variation, Dichteanderung 265 to 
266. 

—, emission lines, Emissionslinien 259—261. 
—, heating, Heizungsmechanismus 150—151, 
—, ionization, Ionisation 257—259. 

—, model, Modell 271. 

—, polarization. Polarisation 255- 
—, reflection of radio waves. Reflexion von 
Radiowellen 460. 

—, role in the development of a centre of 
activity, Bedeutung in der Entwicklung 
eines Aktivitdtszentrums 184—185- 


Corona, temperatures, Korona, Temperaturen 
269—271. 

—, thermal radio radiation, thermische Radio- 
frequenzstrahlung 283—286. 

—, variation during the solar cycle, Verande- 
rung wahrend des Sonnenzyklus 331, 332. 

—, x-ray spectrum, Rontgenspektrum 256, 
261—264, 278. 

Coronal arches, Koronabogen 181,272,273,281. 

Coronal clouds, Koronawolken 242, 244. 

Coronal condensations, koronale Kondensa- 
tionen 189, 209, 243, 257, 273, 276—279- 

— —, permanent, permanente 278. 

— —, sporadic, sporadische 279. 

Coronal ellipticity during the solar cycle, 
Korona-Elliptizitat wahrend des Sonnen¬ 
zyklus 333. 

Coronal rays, Koronastrahlen 251, 272, 273, 
280—283- 

Coronal streamers, Koronastrahlen 280—283- 

Coronograph, Koronograph 249- 

Corpuscular radiation from the Sun, Kor¬ 
puskularstrahlung von der Sonne 222—224, 
354—362. 

Corrections to observed limb darkening cur¬ 
ves, Korrekturen der beobachteten Rand- 
verdunkelungskurven 6—12. 

Cosmic noise absorption, kosmische Radio- 
Wellen, Dampfung 350. 

Cosmic radiation from the Sun, kosmische 
Strahlung von der Sonne 215—221, 223, 
322. 

Cosmogony of comets, Kosmogonie der Ko- 
meten 509—518. 

Crab nebula as radio source, Krebsnebel als 
Radioquelle 294. 

Crochets 350, 351- 

Curve of growth, Wachstumskurve 61—64. 

— —, information on microturbulence, 
Information iiber Mihroturbulenz 95, 97- 

Cyclonic and anticyclonic motions around 
sunspots, zyklonische und antizyklonische 
Bewegung um Sonnenflecken 163. 

D layer of the ionosphere, D-Schicht der 
Ionosphare 347, 350—354. 

D lines, central intensities, D-Linien, Zen- 
tralintensitdten 75- 

— of sodium in the solar spectrum, von 
Natrium im Sonnenspektrum 53, 54- 

Damping broadening in the solar spectrum, 
Ddmpfungsverbreiterung im Sonnenspek¬ 
trum 46, 48, 49- 

Damping and Doppler broadening, combined, 
kombinierte Dampfungs- und Doppler- 
Verbreiterung 50. 

Dark hemisphere of Venus, dunkle Hemi- 
sphare der Venus 391- 

Dark surges, dunkle Surges 244. 

Decay times of flares, Zerfallszeiten chromo¬ 
spharischer Eruptionen 222. 

— — of spot groups, von Flechengruppen 

I67. 

— — of the solar magnetic field, des 
Sonnen-Magnetfeldes 341. 
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Density of the Earth’s atmosphere, Dichte 
der Erdatmosphare 368, 373. ■ 

— of the Earth’s interior, des Erdinnern 
432, 434. 

Density fluctuations in the photosphere, 
Dichteschwankungen in der Photosphare 
86—92. 

Density of jovian planets, Dichte jupiter- 
dhnlicher Planeten 445, 446, 447. 

— of the low chromosphere, der unteren 
Chromosphdre 118—122, 140. 

— of the medium chromosphere, der mitt- 
leren Chromosphdre 122—124, 140. 

— of meteoritic material in space, meteoriti- 
schen Materials im Raume 531. 

— of a meteoroid, eines Meteorkorpers 531, 
542, 544, 554. 

— of planets at zero pressure, von Planeten 
beim Druck Null 439, 440. 

— of terrestrial planets, erdahnlicher Pla¬ 
neten 437- 

Detonating fire balls see bolides, detonierende 
Feuerkugeln s. Bolide. 

Deuterium in flares, Deuterium in chromo- 
spharischen Eruptionen 208. 

Diffraction of radio waves at meteoroids, 
Beugung von Radiowellen an Meteorkor- 
pern 536, 538. 

Diffusion in the Earth’s atmosphere, Diffu¬ 
sion in der Erdatmosphare 376. 

Dimensions of quiescent prominences, Ab- 
messungen stationarer Protuberanzen 227 
to 228. 

Directional distribution of meteors, Rich- 
timgsverieilung von Meteoren 552—553. 

Disappearance of filaments, Auflosung von 
Filamenten 210. 

Discoveries of comets, Kometenentdeckungen 
465- 

Disk distribution of the radio radiation, 
Scheibenverteilung der Radiofrequenzstrah- 
lung 289—293. 

Disk temperature, apparent, scheinbare Schei- 
bentemperatur 286. 

Displacements of Fraunhofer lines, Verschie- 
bungen der Fraunhofer-Linien 91—92. 

Dissociation of nitrogen and oxygen in the 
Earth’s atmosphere, Dissoziation von 
Stickstoff und Sauerstoff in der Erdatmo¬ 
sphare 370. 

Distribution of semi-major axes of comets, 
Verteilung der grofien Halbachsen der Ko- 
meten 512. 

Disturbed corona, gestorte Korona 271 to 
283- 

Doppler broadening of the Fraunhofer lines, 
Doppler-V erbreiierung der Fraunhofer- 
Linien 46, 48, 65. 

-in stormbursts, bei Stormbursts 317. 

Doppler and damping broadening, combined, 
kombinierte Doppler- und Dampfungsver- 
breiterung 50. 

Doppler effect in radio echoes, Doppler- 
Effekt bei Radio-Echos 451, 455—456, 
459- 


Doppler shift, local, lokale Doppler-Verschie- 
bung 67, 71—72. 

Doppler width of metallic Fraunhofer lines, 
Doppler-Breite metallischer Fraunhofer- 
Linien 48. 

Drag coefficient of a meteoroid, Brems- 
koeffizient eines Meteorkorpers 521, 542. 

Drag equation for meteoroids, Bremsglei- 
chung fiir Meteorkorper 521, 542. 

Duration of a meteor stream, Dauer eines 
Meteorstromes 547- 

Dust clouds on the Venus, Staubwolken auf 
der Venus 387. 

—, meteoritic, meteoritischer Staub 519, 
530—534, 559- 

Dust-tail of a comet, Staubschweif eines Ko- 
meten 467. 

Dynamic spectra, dynamische Spektren 
309. 

Dynamical ellipticity of a planet, dynamische 
Elliptizitat eines Planeten 427. 

Dynamo current, Dynamostrom 351. 

E region of the ionosphere, E-Schicht der 
Ionosphare 346, 349- 

Earth, age, Erde, Alter 380. 

—, core, Kern 432, 440. 

—, density and pressure, Dichte und Druck 
432, 434. 

—, models of the interior, Modelle des Erd¬ 
innern 432—435- 

—, primitive atmosphere, urspriingliche Atmo- 
sphare 380. 

Earth’s atmosphere, Erdatmosphare 363 
366—383. 

-, chemical composition, chemische Zu- 

sammensetzung 366—368. 

— —, density, pressure, temperature, Dichte, 
Druck, Temperatur 368, 369, 374. 

-, escape of hydrogen and helium, Ent- 

weichen von Wasserstoff und Helium 375 
to 379- 

— —, origin, Entstehung 379—382. 

East-West asymmetry of spot groups, Ost- 

West-A symmetric von Fleckengruppen 167 
to 170. 

Eclipse observations of the disk distribution, 
Finsternisbeobachtungen der Scheibenver¬ 
teilung 290, 296. 

Eddington-Barbier relations, Eddington- 
Barbiersche Beziehungen 20, 21, 31. 

Effective level of origin of photospheric lines, 
effektive Ursprungsschicht photosphari- 
scher Linien 61. 

Effective temperature of sunspots, effektive 
Temperatur der Sonnenflecken 157. 

Electrical conductivity of the solar convec¬ 
tion zone, elektrische Leitfahigkeit der so- 
laren Konvektionszone 103. 

Electron corona, Elektronenkorona 250. 

Electron densities in the corona, Elektronen- 
dichten in der Korona 265, 266, 271. 

Electron temperature in the photosphere, 
Elektronentemperatur in der Photosphare 
22, 23, 32. 
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Element loss from planetary atmospheres, 
Elementverlust aus den Planetenatmo- 
spharen 363, 364, 375—379. 392, 393, 
400—403, 405—406, 414. 

Elementary oxygen in the Earth’s atmo¬ 
sphere, elementarer Sauerstoff in der 
Erdatmosphare 379- 

Elements of the orbits of comets, Bahnele- 
mente von Kometen 469, 470. 

Ellerman bombs, Ellermansche Bomben 206 
to 207. 

Ellipticity of the corona, Elliptizitdt der 
Korona 253, 254. 

— of a planet, eines Planeten 427. 

Emden equation, Emdensche Gleichung 422. 

Emission coefficient of the photosphere, 

Emissionskoeffizient der Photosphdre 43. 

Emission heights of Fraunhofer lines, Emis- 
sionshohen der Fraunhofer-Linien 124 to 
126. 

Emission lines of the chromosphere, Emis- 
sionslinien der Chromosphdre 106, 107, 
115, 144—148. 

— —-of the corona, der Korona 256, 259 to 
261. 

Empirical model of the chromosphere, em- 
pirisches Modell der Chromosphdre 139 to 
143. 

Empirical solar model of Aller and Pierce, 
empirisches Sonnenmodell von Aller und 
Pierce 58. 

Encke’s comet, Enckescher Komet 476, 546 
to 547, 554. 

Energy dissipation in the chromosphere and 
corona, Energiezerstreuung in der Chromo¬ 
sphdre und Korona 150. 

Energy distribution in the solar spectrum, 
Energieverteilung im Sonnenspektrum 1, 
13—18. 

Energy loss by the Earth's atmosphere, 
Energieverlust durch die Erdatmosphare 
368. 

Energy transfer within the Earth’s atmo¬ 
sphere, Energietransport innerhalb der 
Erdatmosphare 373—375. 

Enhanced radio intensity of the Sun, er- 
hohte Radiointensitdt der Sonne 286, 308, 
315, 316, 320. 

Equation of transfer, Transportgleichung 42 
to 43, 46, 52. 

— —, numerical integration, numerische In¬ 
tegration 54—58. 

Equatorial tropopause of the Earth, aqua- 
toriale Tropopause der Erde 374. 

— — of Mars, des Mars 399- 

Equilibrium pressure of carbon dioxide, 

Gleichgewichtsdruck von Kohlendioxyd 

365- 

Equivalent widths, Aquivalentbreiten 61, 62. 

— —, calculation by the weighting function 
method, Berechnung mit der Gewichts- 
funktionsmethode 56, 58. 

— — of faint lines schwacher Linien 62. 

— — of Fraunhofer lines, der Fraunhofer- 
Linien 35. 


Eruption hypothesis of the solar cycle, 
Eruptionshypothese des Sonnenzyklus 325- 
Eruptive prominences, eruptive Protuberan- 
zen 225, 239—241. 

Escape of atmosphere from the Satellites of 
Jupiter, Entweichen der Atmosphdre der 
Jupitertrabanten 414. 

Escape current, Entweichstrom 377. 

Escape of gases from the Earth’s atmosphere, 
Entweichen von Gasen aus der Erdatmo¬ 
sphare 364, 375—379- 

— — from the Martian atmosphere, aus 
der Marsatmosphare 400—403- 

— — from Moon and Mercury, von Mond 
und Merhur 405—406. 

— — from the Venus atmosphere, aus der 
Venusatmosphare 392—393 - 

Escape layer, definition, Entweichschicht , 
Definition 375- 

Evaporation of matter from the corona, 
Verdampfung von Materie aus der Korona 
282. 

Evershed effect, Evershed-Effekt 162—164. 
Evolution of the Earth’s atmosphere, Ent- 
wicklung der Erdatmosphare 379 to 
382. 

— of the Martian atmosphere, der Mars¬ 
atmosphare 403—404. 

— of quiescent prominences, stationarer Pro- 
tuberanzen 229- 

— of the Venus atmosphere, der Venus- 
Atmosphare 393. 

Excitation of cometary spectra, Anregung 
von Kometenspektren 485—488. 
Excitation temperature (Boltzmann), Bollz- 
mannsche Anregungstemperatur 47, 74. 
-of the chromosphere, der Chromo¬ 
sphdre 141. 

Exploding planets, explodierende Planeten 
423- 

F corona, F-Komponente der Korona 249, 

250 — 256 . 

F region of the ionosphere, F-Schicht der 
Ionosphare 346, 349, 350, 453, 454. 
Faculae (see also chromospheric and photo- 
spheric faculae), Fackeln (s. auch chromo- 
spharische und photosphdrische Fackeln) 
173—190, 287. 

—, H a profiles, H^-Profile 200. 

—, role in the development of a centre of 
activity, Bedeutung bei der Entwicklung 
eines Aktivitdtszentrums 184—185- 
Facular granules, Fackelgranulen 17 5. 
Facular region, model, Fackelzone, Modell 
176, 177. 

Facular spectra, Fackelspektren 179 —181. 

Fermi gas, Fermi-Gas 419, 435- 
Fibrils, solar, solare Fadenstrukturen 179. 
Filaments, Filamente 224—248. 

—, activation by flares, Aktivierung durch 
chromosphdrische Eruptionen 210. 

—, classification, Klassifihation 225. 

—, disappearance, Filamentauflosung 210. 

—, H a profiles, H^-Profile 200. 




Subject Index. 


589 


Filaments, origin, Filamente, Entstehung 229, 
230. 

—, poleward motions, Polwdrts-Bewegungen 
181, 231. 

—, r61e in the development of a centre of 
activity, Bedeutung in der Entwicklung 
eines Aktivitatszentrums 184—185. 

—, upward motion, Aufstiege 240. 

Filtergrams, Filiergramme 134, 140. 

Fine mottling 126, 129, 133, 178. 

Fireballs, Feuerkugeln 519, 520, 527, 556 to 
557- 

Flare effect in geomagnetism, erdmagneti- 
scher Eruptionseffekt 350, 351. 

Flare-filaments, Eruptionsfilamente 210, 212, 
214. 

Flare indicator, Eruptionenindikator 352. 

Flare-like faculae, eruptionsartige Fackeln 
210, 211, 240. 

Flare-puff 215- 

Flare spectra, Eruptionsspektren 199—210. 

Flare storm, Eruptionssturm 356. 

Flare surges, Spritzprotuberanzen 211—214, 
222. 

Flares, chromospharische Eruptionen 191 to 
224, 278. 

—, classification, Klassifikation 192. 

— in connection with radiophenomena, irn 
Zusammenhang mit Radiophdnomenen 308 
to 322. 

—, continuous spectra, kontinuierliche Spek- 
tren 206—208. 

—, effects in the Earth’s atmosphere, Ef- 
fekte in der Erdatmosphare 350—354. 

—, H a profiles, H^-Profile 200, 202—205. 

—, influence on filaments and prominences, 
Einflufi auf Filamente und Protuberanzen 
210. 

—, model, Modell 205. 

—, origin, Entstehung 221—222. 

— and particle emission, und Teilchenemis- 
sion 354—359- 

—, relation to faculae and spots, Beziehung zu 
Fackeln und Flecken 194. 

—, role in the development of a centre of 
activity, Bedeutung in der Entwicklung 
eines Aktivitatszentrums 184—185- 

Flash spectrum of the Sun, Flashspektrum 
der Sonne 106, 107, 115, 123. 

Fluctuation of the brightness of comets, 
Helligkeitsfluktuationen von Kometen 469. 

Fluorescence effects in Fraunhofer lines, 
Fluoreszenz-Effekte bei Fraunhofer-Linien 
75- 

Flux density of the Sun, Flufidichte der Sonne 
286. 

Flux at the surface of the Sun, Flu/3 an der 
Oberfldche der Sonne 22. 

Forbush type decrease 216. 

Formation of terrestrial planets, Bildung 
erdahnlicher Planeten 364. 

Fractionation of elements by escape from 
planetary atmospheres, Fraktionierung 
der Elemente durch Entweichen aus den 
Planetenatmospharen 363, 364. 


Fraunhofer corona, Fraunhofer-Korona 530, 
531- 

Fraunhofer lines, calculation of line profiles, 
Fraunhofer-Linien, Berechnung der Li- 
nienprofile 51, 56, 58—59. 

— —, central intensities, Zentralintensitaten 
75—77- 

— —, central reversals, Umkehrung der 
Linienmiite 76. 

— —-, identification, Identifizierung 40 to 
42. 

-, observational, Beobachtungen 36—42. 

-, widening and displacements in the 

inhomogeneous model, Verbreiterung und 
Verschiebungen nach dem inhomogenen 
Modell 89—92. 

Fraunhofer spectrum, use of faint lines for 
analyse, Fraunhofer-Spektrum, Benutzung 
schwacher Linien zur Analyse 55. 

Fresnel diffraction at meteoroids, Fresnelsche 
Beugungserscheinung an Meteorkorpern 
536, 538. 

Frost point of Mars, Gefrierpunkt des Mars 
395- 

Funnel-type prominences, Trichtertyp-Pro¬ 
tuberanzen 225, 242, 243. 

Gaseous tail of a comet, Gasschweif eines 
Kometen 467. 

Gaussian distribution of atomic velocities, 
Gaupsche Verteilung atomarer Geschwin- 
digkeiten 48. 

Gegenschein 462, 531. 

Geminid meteor stream, Geminiden-Meteor- 
strom 525, 533, 545—547, 554. 

-—, luminous efficiency, Lichtausbeute 

554. 

Geminid meteoroid densities, Geminiden, 
Dichte der Meteorkorper 554. 

General magnetic field of the Sun, allgemeines 
Magnetfeld der Sonne 340—344. 

Geomagnetic disturbances, relation to sun¬ 
spots, erdmagnetische Storungen, Bezie¬ 
hung zu Sonnenflechen 190. v 

— storm, erdmagnetischer Sturm 354, 355. 

Granulation, solar. Granulation der Sonnen- 

oberfldche 13, 19, 30, 31, 67, 80—86. 

Granules, brightness, Granula, Helligkeit 82, 
85- 

—, centre-limb variation, Mitte-Rand-Va- 
riation 83, 88. 

—, diameter, Durchmesser 82, 85, 98, 99. 
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kontinuums 16, 17- 

Interferometer observations of the Sun, 
Interferometerbeobachtungen der Sonne 290, 
291, 297- 

Interior of the Earth, Inneres der Erde 434- 
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141. 
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rungen 350—362. 

Ionospheric fade outs, ionosphdrischer 
Schwund 351- 

Ionospheric layers of the Earth, lonospharen- 
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Line broadening mechanism in the solar 
atmosphere (see also special entries under 
collision, Doppler, pressure, and statistic¬ 
al broadening and under radiation damp¬ 
ing), Linienverbreiterungsmechanismus in 
der Sonnenatmosphdre (s. auch Einzel- 
heiten unter Doppler-, Druck-, statistische 
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Long-period fading in echoes from the Moon, 
langperiodisches Fading bei Echos vom 
Mond 457, 458. 

Long scale fluctuations of the solar activity, 
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400—403, 405—406, 414. 
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tische Klassifikation von Fleckengruppen 
166—167. 
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173. 
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Migration of spot zones, Wandeeung dee 
Fleckenzonen 327. 

Mills Cross 291. 

Milne-Eddington model, Milne-Eddington- 
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— on the Venus, auf der Venus 387- 

Onset of cosmic radiation, Einsatz der kos- 

mischen Strahlung 218, 219- 

Optical depth, optische Tiefe 42. 
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Photo-recombination in the corona, Photo- 
rekombination in der Korona 257 . 
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ficient, Photosphare, kontinuierlicher Ab- 
sorptionskoeffizient 23—26, 42, 47- 
—, density, Dichte 86 — 92 . 

—, incoherent scattering, inkoharente Streu- 
ung 45—47, 53—54, 75 
—, line broadening mechanism, Linienver- 
breiterungsmechanismus 48 — 51 . 

—, temperatures, Temperaturen 22 , 23 , 32 , 
47. 86 —92. 

—, turbulence, Turbulenz 93 — 98 , 102 , 103, 
104. 

Photospheric faculae, development and rela¬ 
tion to sunspots, photosphdrische Facheln, 
Ausbildung und Beziehung zu Sonnen- 
flecken 173 — 175 - 

— —.model, Modell 176 , 177 . 

Photospheric inhomogeneities, photosphdri¬ 
sche Inhomogenitdten 86—92. 

Photospheric models, Photosphdrenmodelle 
26—31, 47, 59, 72 , 73, 78, 86 , 87—92, 
104—105- 

Physics of comets, Physih der Kometen 477 
to 495- 
Pip 316. 

Planck’s law, Plancksches Gesetz 47. 
Planetary atmospheres (for special items see 
Earth, Jupiter, Mars, Venus etc.), Plane- 
tenatmosphdren (Einzelheiten s. unter 
Erde, Jupiter, Mars, Venus usw.) 363 ff. 

— —, constituents (table), Bestandteile (Ta- 
belle) 413- 

Planetary constants, Planetenkonstanten 365 . 
Planetary origin of comets, planetarischer Ur- 
sprung der Kometen 5 10. 

Planets, classification, Planeten, Klassifika- 
tion 431- 

—, mass-radius relation, Masse-Radius-Be¬ 
ziehung 420—431, 438. 

—, pressure-density relation, Druck-Dichte- 
Beziehung 434 , 440 , 444, 447. 

; —, radio echoes, Radio-Echos 449, 460. 
Plaskett’s model, Plaskettsches Modell 
30. 

Plasma, emission of thermal radio-radiation. 
Plasma Emission thermischer Radiofre- 
quenzstrahlung 283—286. 

Plasma frequency, Plasmafrequenz 284. 
Plasma oscillations in the corona, Plasma- 
schwingungen in der Korona 305. 

Pluto, atmosphere, Pluto, Atmosphare 412, 
414. 

Polar faculae, polare Facheln 177 . 

Polar plumes of the corona, Polfedern der 
Korona 272. 

Polar prominences, polare Protuberanzen 225 , 
230—231. 

Polar rays of the corona, Polarstrahlen der 
Korona 177, 268. 

Polarity law of sunspots, Polaritdtsgesetz der 
Sonnenjlecken 166. 

Polarity of spot groups, Polaritdt der 
Fleckengruppen 328. 
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— of the clouds of Venus, der Venuswolken 
385, 386. 

— of the Martian atmosphere, der Mars- 
atmosphare 394, 397. 

— of outbursts, von Outbursts 311 — 315 . 

— of the radiation of comets, des Komelen- 
lichts 489—491. 

— of stormbursts, von Stormbursts 318 , 
319. 

Poleward motion of filaments, Polwarts- 
Bewegung der Filamente 181. 

— — of planetary atmospheres, planetari¬ 
scher Atmospharen 372 , 392. 

— — of quiescent prominences, stationdrer 
Protuberanzen 230— 231 . 

Poloidal magnetic field of the Sun, Magnet- 
feld der Sonne in der Ndhe der Pole 181, 
340. 

Polymorphic transitions of solids, polymorphe 
Ubergdnge fester Korper 436. 

Population of atomic levels, Besetzung von 
Atomniveaus 109— 112 . 

Poynting-Robertson effect, Poynting-Ro- 
bertson-Effekt 530 , 531, 548. 

Poynting vector, Poynting-Vektor 306 . 

Prandtl’s mixing length, Prandtlsche Mi- 
schungslange 98 . 

Pressure in the atmospheres of Uranus and 
Neptune, Bruch in den Atmospharen von 
Uranus und Neptun 411. 

Pressure broadening of the Fraunhofer lines, 
Druchverbreiterung der Fraunhofer-Linien 
46, 49- 

Pressure equality between corona and pro¬ 
minences, Druckgleichheit zwischen Ko¬ 
rona und Protuberanzen 244. 

Pressure-density relation of planetary mat¬ 
ter, Druck-Dichte-Beziehung planetari¬ 
scher Materie 434, 440, 444, 447 . 

Pressure in the Earth’s atmosphere, Bruch 
in der Erdatmosphare 368 , 369 , 373 . 

Pressure in the Earth’s interior, Druck im 
Erdinneren 434. 

— on the lunar surface, auf der Mondober- 
flache 406. 

— at the surface of Mars, an der Oberflache 
des Mars 393— 394 . 

Profiles of facular lines, Profile von Fackel- 
linien 180. 

— of Fraunhofer lines, der Fraunhofer- 
Linien 42—47. 56, 58—59, 75— 77 . 

— of the limb radiation, der Randstrahlung 
117, 118. 

Prominences, Protuberanzen 224—248. 

—, classification, Klassifihation 225 . 

—, H a profiles, H^-Profile 200. 

—, heights, Hohen 227 . 

—, model, Modell 235 . 

—, origin, Entstehung 228—230, 244—248. 

—, r&le in the development of a centre of 
activity, Bedeutung bei der Entwickltmg 
eines Ahtivitdtszentrums 184—185. 
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Properties of planets, life enabling, Eigen- 
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382 . 
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atmosphdre 369- 
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Absorption in der Photosphdre 44, 75- 

Pyrheliometer 2. 

Quadratic Stark effect, quadratischer Stark- 
Effekt 49. 

Quiescent prominences, stationare Pro- 
tuberanzen 225, 226—237, 245- 

Quiet corona, ruhige Korona 250—271, 295, 

296 . 

Radar equation, Radargleichung 449—450. 

Radar magnitude of meteors, Radar-Grofien- 
klassen der Meteore 522. 

Radau-Darwin approximation, Radau-Dar- 
winsche Naherung 428, 430. 

Radau’s transformation, Radausche Trans¬ 
formation 427. 

Radial velocities of granules, Radialge- 
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Radiantenverteilung sporadischer Meteore 
534 — 535 , 537 , 557—552. 
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Radiant motions, Radianten-Bewegungen 
547. 

Radiant point of meteors, Radiant von Me- 
teoren 534, 536—537, 542. 
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546. 
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204. 
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Radiation effects on interplanetary dust 
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Radiation temperature of the disk centre, 
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143. 

•— — of the photosphere, der Photosphdre 
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sphdre 42—43, 
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301 — 308 . 

— — —, thermal, thermische 283—286, 296 
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Meteorbeobachtungen 536—538. 
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Korona 283—286. 
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286—289. 
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457- 
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Ray structure of comet tails, Strahlenstruh- 
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190, 222, 359, 360, 361. 
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schiebung 91- 
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piter 409- 

Redistribution of absorbed frequencies, Neu - 
verteilung absorbierter Frequenzen 46. 
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Aktivitdt 191. 

— prominence activity, Protuberanzen-A kti- 
vitdt 191. 

Re-emission mechanism in the solar atmo¬ 
sphere, Reemissionsmechanismus in dev 
Sonnenatmosphare 43—47- 

Reflection process in echoes from the Moon, 
Reflexionsprozep bei Echos vom Mond 456. 

Relativistic red-shift, relativistische Rotver- 
schiebung 91. 

Repulsive forces in comets, Repulsionskrdfte 
in den Kometen 496, 505—509- 

Reversals, central, in the Fraunhofer lines, 
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hofer-Linien 76. 
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Ring current around the Earth, Ringstrom 
um die Erde 357- 
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Raketenbeobachtungen des Sonnenspek- 
trums 118- 

Rockets, effect of meteoritic dust, Raketen, 
Einflup von Meteorstaub 531- 

Rotating planets, figure, Gestalt rotierender 
Planeten 424—429. 

Rotation of the Earth, Rotation dev Erde 455- 

Rotation period of Venus, Rotationsperiode 
der Venus 387, 389- 

Rotation of the Sun, Rotation der Sonne 337 
to 340. 
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schwindigkeit der Sonne 338. 
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spheres of Uranus and Neptune, Rota¬ 
tions- Schwingungsbande von H 2 in den 
Atmospharen von Uranus und Neptun 411. 
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lengths, Rowlandsche Tafeln der Wellen - 
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Saha ionization temperature, Sahasche Ioni- 
sierungstemperatur 47- 

Satellites, artificial, effect of meteoritic dust, 
kunstliche Satelliten, Einflup von Meteor- 
staub 531- 

■— of the major planets, Satelliten der gropen 
Planeten 412, 414. 

Saturation function, Sattigungsfunktion 57. 

Saturn, atmosphere, Saturn, Atmosphdre 406, 
410. 

—, model of interior, Modell des Inneren 445 
to 448. 

Scatter in radiants of meteors, Streuung der 
Radianten von Meteoren 547- 

Scattered light, effect on limb darkening, 
Streulicht, Einflup auf Randverdunkelung 
9 — 11 . 


Scattering, coherent, in the photosphere, ko- 
harente Streuung in der Photosphare 43, 
75- 

—, non-coherent, in the photosphere, in- 
koharente Streuung in dev Photosphare 45 
to 47, 53—54, 75- 

— of radio-radiation by the corona, Streuung 
der Radiofrequenzstrahlung durch die Ko- 
rona 294—295- 
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Schwarzschildsches Modell 51, 62. 

Secular changes of the orbits of comets, sa- 
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476. 
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115, 116, 121. 
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achsen der Kometen 512. 
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1882 II 474, 499- 
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Meteorkorpers 521, 542. 

Shapes of comets, Kometenformen 465—469, 
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wellen in der Chromosphdre 150. 
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Beobachtungsstationen 333—337- 
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Modelle. 

Solar red shift, solare Rotverschiebung 78. 
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in der Korona 266 . 
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Schallwellen in der Chromosphare und 
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Space-charge separation in the corona, 
Raumladungstrennung in der Korona 305- 
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Spallation in meteorites due to cosmic rays. 
Spallation in Meteoriten infolge kosmi- 
scher Strahlen 563 —564. 
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— of comets, der Kometen 477—495- 

— of the corona, der Korona 259—264, 278 , 
283—286. 
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— of meteors, von Meteoren 524 —527, 537. 

— of noise storms, von stiirmischem Rauschen 
316—318. 

— of outbursts, von Outbursts 311 — 315 . 
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Protuberanzen 232 — 237 . 

— of sunspots, von Sonnenflecken 157 , 159 , 
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— of surges, von Surges 212—214. 

Spectral energy distribution of radiation 

from the Sun, spehtrale Energieverteilung 
der Sonnenstrahlung 13 — 18 . 

Spectral windows in the Earth’s atmosphere, 
Spektralfenster in der Erdatmosphdre 15 , 
36, 37- 
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— of Comet Mrkos (1957d), des Kometen 
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Chromosphare 118 — 122 , 126 . 
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225. 
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Sporadic coronal condensations, sporadische 
koronale Kondensationen 189 . 

Sporadic meteors, sporadische Meteore 534 to 
535, 544, 548—554. 
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Messungen 322. 
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Zerfallszeiten 167. 
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Klassifikation 166 — 167 . 

Spot prominences, Flecken-Protuberanzen 
225, 241—244, 245- 
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bilitatszonen der Chromosphare 151 . 
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Stark-Verbreiterung im Sonnenspektrum 
49, 50. 
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Eruptionsspehtren 203, 204. 
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— of the Martian atmosphere, Struhtur der 
Marsatmosphare 398—400. 
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Sunspot groups see spot groups, Sonnen- 
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Sunspot prominences, Sonnenflecken-Pro- 
tuberanzen 22 5, 241—244, 245- 
Sunspots, band spectra, Sonnenflecken, Ban- 
denspektren 160. 

—, butterfly diagram, Schmetterlingsdia- 
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—, continuous radiation, kontinuierliche 
Strahlung 157. 

—, diameter, Durchmesser 151, 154. 

—, effective temperature, effektive Tempera- 
tur 157- 

—, latitude drift, Breitentrift 339- 
—, intensity profile, Intensitatsprofil 157- 
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—, model of the umbra, Modell der Umbra 
159, 161. 

—, periodicity of number, Periodizitat der 
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eines A ktivitatszentrums 184—185- 
—.theory of, Theorie der 171—173. 
Sunward tails of a comet, anomale Schweife 
eines Kometen 467, 502—505. 

Super-Schmidt Meteor Camera 539—541, 544. 
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tuber anzen 247. 

Surface brightness of the chromosphere, 
Oberfldchenhelligkeit der Chromosphare 
106, 108. 

Surface density of planet, upper limit, Ober- 
fldchendichte eines Planeten, obere Grenze 
430. 

Surface frost point of Mars, Oberfldchen- 
gefrierpunkt des Mars 395. 

Surface pressure of Mars, Oberflachendruck 
des Mars 393—394. 

Surface structure of meteorites, Oberfldchen- 
struktur von Meteoriten 560—561. 

Surface temperature of Mars, Oberflachentem- 
peratur des Mars 395—396, 397. 

— — of Venus, der Venus 391. 

Surges 211—214, 223, 225, 242, 244. 
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gentialbewegungen von Radioquellen 320, 
321. 
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546—547, 554. 
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siger Meteori t) 559- 

Temperature-altitude curve tor Mars, Tem- 
peratur-Hohen-Kurve fur den Mars 400. 

— — for Venus, fur die Venus 391- 

Temperature distribution, solar, versus depth, 
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22, 23, 32. 

— — in various inhomogeneous models 
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inhomogenen Modellen der Photosphdre 
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planets, Temperatur bei der Bildung erd- 
dhnlicher Planeten 364. 

Temperature gradient of the Earth’s atmos¬ 
phere, Temperaturgradient der Erdatmo- 
sphare 373, 374. 
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nus, Temperc.tur der hohen Atmosphdre 
der Venus 392. 

Temperatures of chromospheric faculae, 
Temperaturen chromosphdrischer Fackeln 
179—181. 

— of the corona, der Korona 269—271. 

— in the Earth’s atmosphere, in der Erd- 
atmosphare 368, 369, 373- 

— of Jupiter, des Jupiter 407- 

— of the low chromosphere, der unteren 
Chromosphare 118—122, 140. 

— of the medium chromosphere, der mitt- 
leren Chromosphare 122—124, 140. 
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Korona 269—271. 

— of Mars, des Mars 395—396, 397, 399- 
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Merkur 405. 

— in the photosphere, in der Photosphdre 
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tuberanzen 232, 233- 

— of Saturn, des Saturn 410. 

— of sunspots, der Sonnenflecken 157, 172, 
173- 
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atmosphdre 388—390, 391. 
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phere. 
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Durchmesser 437- 
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to 286. 
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Three-stream model of the photosphere, Drei- 
strom-Modell der Photosphdre 72, 73, 88. 

Tidal origin of the Moon, Fluthypothese der 
Mondentstehung 424. 

Titius-Bode sequence, Titius-Bode-Reihe 432. 

Top heights of flares, Maximalhohen chromo- 
sphdrischer Eruptionen 192. 

Tornado prominences, Tornado-Protuberan- 
zen 225- 

Train of a meteor, Leuchtspur eines Meteors 
526, 536, 539, 543, 544. 

-, coasting velocity, Mitfiihrungsge- 

schwindigkeit 543—544. 

Transfer equation, Transportgleichung 42 to 
43, 46, 52, 54—58. 

Transition region chromosphere-corona, Uber- 
gangszone Chromosphdre-Korona 146 to 
148. 

Transmission of the Earth’s atmosphere, 
Durchdringung der Erdatmosphdre 345. 

Travel times of particles from the Sun, Lauf- 
zeiten der Teilchen von der Sonne 362. 

Troilite, Troilit 560. 

Tropopause height for the Earth, Tropo- 
pausenhohe fiir die Erde 374. 

Tropopause of Venus, Tropopause der Venus 
389, 390- 

Turbulence in the chromosphere, Turbulenz 
in der Chromosphdre 112—116. 

Turbulence element, Turbulenzelement 93. 

Turbulence in the photosphere, Turbulenz in 
der Photosphdre 93—98, 102, 103, 104. 

—, solar models with, Sonnenmodelle mit 
Turbulenz 26, 104—105- 

Turbulent velocity, Turbulenzgeschwindigkeit 
48, 65, 69, 70, 71, 141. 

Two-stream model of the photosphere, Zwei- 
strom-M odell der Photosphdre 31, 78, 
89. 

Type I bursts of the solar radio-radiation, 
Typ I-Bursts der solaren Radiofrequenz¬ 
strahlung 302—303, 315—320. 

Type II bursts of the solar radio-radiation, 
Typ II-Bursts der solaren Radiofrequenz¬ 
strahlung 222, 302—303, 311—315- 

Type III bursts of the solar radio-radiation, 
Typ Ill-Bursts der solaren Radiofrequenz- 
strahlung 222, 302—308, 311. 

Type IV phenomenon of the solar radio¬ 
radiation, Typ I V-Phanomen der solaren 
Radiofrequenzstrahlung 302—303, 320 to 
322. 

Type V phenomenon of the solar radio¬ 
radiation, Typ V-Phdnomen der solaren 
Radiofrequenzstrahlung 302—303, 320 to 
322. 


U type bursts of the solar radio-radiation, 
U-Typ-bursts der solaren Radiofrequenz¬ 
strahlung 302—303, 304. 

Ultraviolet spectrum of flares, Ultraviolett- 
spektrum chromospharischer Eruptionen 
208. 

Ultraviolet radiation of the Sun, Ultraviolett- 
strahlung der Sonne 14, 15, 144—148, 264, 
344, 350. 

Umbra of sunspots. Umbra von Sonnen- 
flecken 151. 

— — model, Modell 159, 161. 

Unipolar groups of sunspots, unipolar e 

Gruppen von Sonnenflecken 167. 

Unipolar magnetic regions of the Sun, uni¬ 
polar e magnetische Zonen der Sonne 181, 
190, 248. 

Unstable layer in the photosphere, instabile 
Schichten in der Photosphdre 30. 

Upper chromosphere, spectroheliograms, 
obere Chromosphdre, Spektroheliogramme 
131—135- 

Upward motion of erruptive prominences, 
Aufstiege eruptiver Protuberanzen 240. 

Uranus, atmosphere, Uranus, A tmosphare 406, 
410—412. 

—, composition of interior, Zusammensetzung 
des Inneren 448. 

Velocities of meteors, Geschwindigkeiten von 
Meteoren 527, 532, 557—558. 

— of particles emitted from the Sun, der von 
der Sonne emittierten Teilchen 222—224. 

Velocity of light, determination from echoes 
from the Moon, Lichtgeschwindigkeit, Be- 
stimmung aus Echos vom Mond 459. 

Venus atmosphere, chemical composition, 
Venusatmosphdre, chemische Zusammen¬ 
setzung 383—388. 

— —, escape of gas, Enlweichen von Gas 392 
to 393- 

— —, evolution, Entwicklung 393. 

-, models, Modelle 390—392. 

— —, temperature and structure, Tempera- 
tur und Struktur 388—390. 

Venus, model of interior, Venus, Modell des 
Inneren 439. 

—, radio echoes, Radio-Echos 462. 

Violet layer of Mars, Violett-Schicht des Mars 

396— 398. 

Virginid meteor stream, Virginiden-Meteor- 
strom 545—546, 554—555- 

Viscosity of the solar convection zone, Vis- 
kositdt der solaren Konvektionszone 102. 

Visual meteor studies, visuelle Meteorunter- 
suchungen 534. 

Volcanoes on the Mars, Vulhane auf dem Mars 

397- 

Vortices, solar, Wirb el struktur der Sonnen¬ 
flecken 179. 

Water content of the Earth’s atmosphere, 
Wassergehalt der Erdatmosphdre 372. 

Water in the Martian atmosphere, Wasser in 
der Marsatmosphare 395, 404. 
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Water vapor in the Venus atmosphere, Was- 
serdampf in dev Venusatmosphdre 384, 393- 

Wavelength dependence of the absorption 
coefficient, Wellenldngenabhangigkeit des 
Absorptionskoeffizienten 65, 66. 

Wavelength displacements of the Fraunhofer 
lines, Wellenlangenverschiebung dev Fraun- 
hofer-Linien 77—78. 

Wavelengths of the solar spectrum, Wellen- 
Itingen des Sonnenspektvums 37—39- 

Weak stormbursts, schwache Stormbursts 317. 

Weighting functions for the stratification of 
the solar atmosphere, Gewichtsfunktionen 
fiiv die Schichtung der Sonnenatmosphare 
55, 56, 59. 

Whistlers 462. 

White corona, weifie Korona 249. 

White dwarfs, weipe Zwerge 419- 

Widening of Fraunhofer lines, Verbreiterung 
der Fraunhofev-Linien 89—90. 

Widmannstatten figures on meteorites, Wid- 
mannstatten-Figuren auf Meteoriten 56O- 
561 . 


Wiechert models, Wiechertsche Modelle 432. 

Wigner-Seitz method, Wigner-Seitz-Methode 
442. 

“Windows” in the Earth’s atmosphere, 
,,Fenster“ in der Erdatmosphare 15, 36, 
37. 

Wolf number (sunspot number), Wolfsche 
Zahl (Sonnenfleckenzahl) 322—326,331. 

X ray radiation of the Sun, Rontgenstrahlung 
der Sonne 344, 347, 350, 353- 

X-ray spectrum of the corona, Rontgen- 
spektrum der Korona 256, 261 — 264, 

278. 

-of flares, chromospharische Eruptionen 

208, 209- 

Zeeman splitting of Fraunhofer lines. Zee- 
man- Aufspaltung von Fraunhojer-Einien 
153. 

Zodiacal cloud, Zodiakalwolke 530. 

Zodiacal light, Zodiakallicht 253, 254, 255, 
431, 520, 530—531- 
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